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Preface

Nuclear energy has been recognized almost a 100 years ago as the energy source
which makes the stars shine. It became clear that stars, supernovae, and other
cosmic sites of nuclear fusion reactions are responsible to process the primordial
elemental abundances, which consist of mainly hydrogen and helium, into the
rich variety of 92 natural chemical elements through most of the 3,100 known
isotopes.

As part of this cosmic nucleosynthesis, unstable isotopes are created alongside.
These lead to unique astronomical signatures about the cosmic nucleosynthesis pro-
cess and its environments, which need to be captured and unraveled to teach us
about the astrophysics of cosmic nucleosynthesis and related processes.

It is the goal of this book to introduce this specific kind of astronomy, i.e. the
acquisition and reading of measurements on unstable isotopes in different parts of
the universe, and to relate other astronomical and nuclear-physics measurements
of very different kinds and corresponding theories to the astrophysical studies on
nuclear-physics aspects of cosmic objects and evolutionary processes. This field is
an important part of nuclear astrophysics.

Pursuing this goal, we describe stars of different types, stellar explosions which
terminate stellar evolutions, and other explosions triggered by mass transfers and
instabilities in binary stars. We also address nuclear reactions and transport pro-
cesses in interstellar space. The contexts of cosmic rays and in particular of chemical
evolution are exposed. A special chapter is dedicated to the solar system, where we
have our best material samples of one star formed 4.6 Gigayears (Gy) ago with
its planets and our Earth. We add to this book a description of key tools which
astrophysicists employ in those particular studies.

This book grew out of a series of small-scale, bi-annual workshops, which started
in 1996 in Clemson, South Carolina (USA) as The Radioactive Galaxy, and was
later continued mostly at the Max Planck Society’s “Ringberg” castle in the Bavar-
ian alps (Germany) under the title of Astronomy with Radioactivities. During these
workshops, the variety of themes of nuclear astrophysics were discussed among
experimenters in meteoritics, in astronomy with spectral lines from gamma-rays to
radio wavelengths, and in cosmic rays, and also with and among theorists of stellar
evolution and explosions, of cosmic chemical evolution, and with nuclear reaction



vi Preface

experts. These multi-facetted discussions are reflected in this book, for the benefit
and pleasure of all people interested in the science of how nature made the elements
we are composed of.

Garching, Germany Roland Diehl
Clemson, South Carolina Dieter H. Hartmann
Paris, France Nikos Prantzos

25 March 2010
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Part I
The Role of Radioactivities in Astrophysics

In the following two Chapters we introduce basic astrophysical considerations
related to radioactive isotopes and their decay. A general introduction to the termi-
nology of radioactivity and its physical meaning is followed by a personal account
from one of the fathers of this field. The latter presents the development of the
science of cosmic radioactivity and discusses the fundamental questions that were
raised in the early years and those challenging its present day practitioners.






Chapter 1
Introduction to Astronomy with Radioactivity

R. Diehl

1.1 The Origin of Radioactivity

The nineteenth century spawned various efforts to bring order into the elements
encountered in nature. Among the most important was an inventory of the elements
assembled by the Russian chemist Dimitri Mendeleyev in 1869, which grouped ele-
ments according to their chemical properties, their valences, as derived from the
compounds they were able to form, at the same time sorting the elements by atomic
weight. The genius of Mendeleyev lay in his confidence in these sorting princi-
ples, which enforced gaps in his table for expected but then unknown elements,
and Mendeleyev was able to predict the physical and chemical properties of such
elements-to-be-found. The tabular arrangement invented by Mendeleyev (Fig. 1.1)
still is in use today, and is being populated at the high-mass end by the great
experiments in heavy-ion collider laboratories to create the short-lived elements
predicted to exist. The second half of the nineteenth century thus saw scientists
being all-excited about chemistry and the fascinating discoveries one could make
using Mendeleyev’s sorting principles. Note that this was some 30 years before
sub-atomic particles and the atom were discovered. Today the existence of 112 ele-
ments is firmly established (the currently heaviest) element no. 112 was officially
named Copernicium (Cn) in February 2010 by IUPAC, the international union of
chemistry.

In the late nineteenth century, scientists also were excited about new types of
penetrating radiation. Conrad Rontgen’s discovery in 1895 of X-rays as a type
of electromagnetic radiation is important for understanding the conditions under
which Antoine Henri Becquerel discovered radioactivity in 1896. Becquerel also
was engaged in chemical experiments, in his research on phosphorescence exploit-
ing the chemistry of photographic-plates materials. At the time, Becquerel had pre-
pared some plates treated with uranium-carrying minerals, but did not get around to
make the planned experiment. When he found the plates in their dark storage some
time later, he accidentally processed them, and was surprised to find an image of a

R. Diehl (=)
Max Planck Institut fiir extraterrestrische Physik, 85748 Garching, Germany, rod @mpe.mpg.de

Diehl, R.: Introduction to Astronomy with Radioactivity. Lect. Notes Phys. 812, 3-23 (2011)
DOI 10.1007/978-3-642-12698-7_1 © Springer-Verlag Berlin Heidelberg 2011
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1 Introduction to Astronomy with Radioactivity 5

coin which happened to have been stored with the plates. Excited about X-rays, he
believed he had found yet another type of radiation. Within a few years, Becquerel
with Marie and Pierre Curie and others recognized that the origin of the observed
radiation were elemental transformations of the uranium minerals, and the physical
process of radioactivity had been found. The revolutionary aspect of elements being
able to spontaneously change their nature became masked at the beginning of the
twentieth century, when sub-atomic particles and the atom were discovered. But it
is worth emphasizing that well before atomic and quantum physics was known, the
physics of weak interactions had been discovered in its form of radioactivity.

In an ensemble consisting of a large number of identical radioactive isotopes, it is
well-known that the number remaining declines exponentially with time: Radioac-
tive decay is described by

dN
— =—A-N 1.1
” (1.1)
Here N is the number of isotopes, and the radioactive-decay constant X is the inverse
of the decay time 7. The decay time 7 is the time after which the number of isotopes
is reduced by decay to 1/e of the original number:

—t
N = Ny -exp — (1.2)
T

The radioactive half-life 77 2, correspondingly, is defined as the time after which
the number of isotopes is reduced by decay to 1/2 of the original amount, with

T

e (1.3)

T

Depending on the astrophysical objective, radioactive isotopes may be called short-
lived or long-lived for identical lifetimes: The relation of the radioactive lifetime to
astrophysical time scales of interest ist what matters. Examples are the utilization
of 2°Al and ®°Fe (v ~ My) diagnostics of the early solar system (Chap. 6) or of
nucleosynthesis source types (Chaps. 3, 4, and 5).

An isotope is defined by the number of its two types of nucleons, protons (the
number of protons defines the charge number Z) and neutrons (the sum of the num-
bers of protons and neutrons defines the mass number A), written as AX for an
element “X”. Note that some isotopes may exist in different nuclear quantum states
which have significant stability by themselves, so that transitions between these
configurations may liberate the binding energy differences; such states of the same
isotope are called isomers.

The above exponential decay law is a consequence of a surprisingly simple phys-
ical property: The probability per unit time for a single radioactive nucleus to decay
is independent of the age of that nucleus. Unlike our commonsense experience with
living things, decay does not become more likely as the nucleus ages. Radioactive
decay is a nuclear transition from one set of nucleons constituting a nucleus to a
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different and energetically-favored set with the same number of nucleons. Different
types of interactions can mediate such a transition (see below). In S-decays it is
mediated by the weak transition of a neutron into a proton, or more generally,
nucleons of one type into the other type':

n— p +e +7v, (1.4)

If such a process occurs inside an atomic nucleus, the quantum state of the nucleus
is altered. Depending on the variety of configurations in which this new state may be
realized (i.e. the phase space available to the decaying nucleus), this change may be
more or less likely, in nature’s attempt to minimize the total energy of a composite
system of nucleons. The decay probability A per unit time for a single radioactive
nucleus is therefore a property which is specific for each particular type of isotope.
It can be estimated by Fermi’s Golden Rule formula though time-dependent per-
turbation theory (e.g. Messiah, 1962). When schematically simplified to convey the
main ingredients, the decay probability is:

42 1
h=——VipW)=— (1.5)

where p(W) is the number of final states having suitable energy W. The full theory
involves an integral over the final kinematic states, suppressed here for simplicity.
The matrix element Vj; is the result of the transition-causing potential between initial
and final states. The parameter 7, defined as 1/A, can easily be shown to be the mean
lifetime of the nucleus against radioactive decay.

In general, transitions occur from the ground state of the parent nucleus to an
excited state of the daughter nucleus. But quantum mechanical transition rules may
allow and even prefer other initial and final states. Excess binding energy will be
transferred to the end products, which are the daughter nucleus, but also emitted (or
absorbed, in the case of electron capture transitions) leptons (electrons, positrons,
neutrinos) and y-ray photons.

The occupancy of states is mediated by the thermal excitation spectrum of the
Boltzmann distribution of particles at different energies according to:

dN _ £
p=Cie (1.6)

Here kp is Boltzmann’s constant, 7' the temperature of the particle population, E the
energy, and G; the statistical weight factor of all different possible states j which

!'In a broader sense, nuclear physics may be considered being similar to chemistry: elementary
building blocks are rearranged to form different species, with macroscopically-emerging properties
such as characteristic, well-defined energy releases in such transitions.
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correspond to a specific energy E.” In natural environments, particles will popu-
late different states as temperature dictates. Transition rates among states thus will
depend on temperature. Inside stars, and more so in explosive environments, tem-
peratures can reach ranges which are typical for nuclear energy-level differences.
Therefore, in cosmic sites, radioactive decay constants may be significantly different
from what we measure in terrestrial laboratories on cold samples (see Sect. 1.2 for
more detail).

The atomic-shell environment of a nucleus may modify radioactive decay, in
particular if a decay involves capture of an electron to transform a proton into a
neutron. Such decays are inhibited in fully-ionized plasma conditions, due to the
non-availability of electrons. Which radioactive decays are to be expected, in a mix
of nuclei such as could be imagined to exist in a thermal bath of nuclei? What are
stable configurations of nucleons inside a nucleus? This involves an understanding
of the nuclear forces, an area of current research and far from being fully understood.
Nevertheless, a few general ideas appear well established. These can be summarized
in the expression for nuclear masses (Weizsicker, 1935):

m(Z,A) =ZM, + (A — Z)m, — BE (1.7)
with

2/3 z? (a —27)> by
BE = ayolume A — Gsurface A~ — coulomb W — dasymmetry A - A1/2 (1.8)

This description emphasizes that the total binding energy (BE) is another free
parameter for a system of nucleons, allowing them to adopt bound states of lower
energy than the sum of the free nucleons. Thus, in a thermal mixture of nucleons,
bound nuclei will be formed, and their abundance depends on their composition and
shape, and on the overall system temperature, defining how the total available phase
space of internal and kinetic energy states is populated.

The key gross features characterizing the bound systems with local maxima of
binding energy are (1) the odd-even effect described by the last term, which results
in odd-nucleon nuclei being less favored that even-nucleon nuclei, and (2) the neu-
tron excess favored by the asymmetry term, which results in heavier nuclei being
relatively more neutron rich.

As an illustration of the available nuclear configurations, Fig. 1.2 shows the
stable (black) and unstable isotopes, the latter decaying by B~ -decay (blue) and
BT -decay (orange). The ragged structure signifies that there are systematic varia-
tions of nuclear stability with nucleon number, some nucleonic numbers allowing
for a greater variety of stable configurations of higher binding energy. These are, in
particular, magic numbers of protons and neutrons of 2, 8, 20, 28, 50, and 82.We now

2 States may differ in their quantum numbers, such as spin, or orbital-momenta projections; if they
obtain the same energy E, they are called degenerate.
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Fig. 1.2 The table of isotopes, showing nuclei in a chart of neutron number (abscissa) versus
proton number (ordinate). The stable elements are marked in black. All other isotopes are unstable,
or radioactive, and will decay until a stable nucleus is obtained

know approximately 3,100 such isofopes making up the 114 now-known chemical
elements, but only 286 of these isotopes are considered stable. (The latest (7th) edi-
tion of the Karlsruher Nuklidkarte (Pfennig et al., 2007) lists 2,962 experimentally-
observed isotopes and 652 isomers, its first edition (1958) included 1,297 known
isotopes of 102 then-known elements. At the time of writing, elements 115 and 113
are the most massive superheavy elements which have been synthesized and found
to exist at least for short time intervals, although more massive elements may exist
in an island of stability beyond).

Unstable isotopes, once produced, will be radioactive, i.e. they will transmute to
other isotopes through nuclear interactions, until at the end of such a decay chain
a stable isotope is produced. Weak interactions will mediate transitions between
protons and neutrons and lead to neutrino emission, involvements of atomic-shell
electrons will result in X-rays from atomic-shell transitions after electron capture
and internal-conversion transitions, and y-rays will be emitted in electromagnetic
transitions between excitation levels of a nucleus.

It is the subject of this book to explain in detail the astrophysical implications
of this characteristic process of nuclear rearrangements, and what can be learned
from measurements of the messengers of radioactive decays. But first we describe
the phenomenon of radioactivity in more detail.
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1.2 The Processes of Radioactivity

After Becquerel’s discovery of radioactivity in 1896, Rutherford and others found
out in the early twentieth century that there were different types of radioactive decay
(Rutherford, 1903). They called them « decay, B decay and y decay, terms which
are still used today. It was soon understood that they are different types of interac-
tions, all causing the same, spontaneous, and time-independent decay of an unstable
nucleus into another and more stable nucleus.

Alpha decay: This describes the ejection of a “*He nucleus from the parent
radioactive nucleus upon decay. *He nuclei have since been known also as alpha
particles for that reason. This decay is intrinsically fast, as it is caused by the strong
nuclear interaction quickly clustering the nucleus into an alpha particle and the
daughter nucleus. Since «-nuclei are tighly-bound, they have been found as sub-
structures even within nuclei. In the cases of nuclei much heavier than Fe, a nucleus
thus consisting of many nucleons and embedded « clusters can find a preferred
state for its number of nucleons by separation of such an « cluster liberating the
binding-energy difference.? In such heavy nuclei, Coulomb repulsion helps to over-
come the potential barrier which is set up by the strong nuclear force, and decay
can occur through emission of an « particle. The « particle tunnels, with some
calculable probability, through the potential barrier, towards an overall more stable
and less-energetic assembly of the nucleons.

An example of « decay is gsRa?2® = gcRn?22 + ,He*, which is one step in
the decay series starting from 23U. The daughter nucleus, ggRn???, has charge
Z — 2, where Z is the original charge of the radioactive nucleus (Z = 88 in this
example), because the « particle carried away two charge units from the original
radioactive nucleus. Such decay frequently leads to an excited state of the daughter
nucleus. Kinetic energy E, for the o particle is made available from the nuclear
binding energy liberation expressed by the Q-value of the reaction if the mass of the
radioactive nucleus exceeds the sum of the masses of the daughter nucleus and of
the helium nucleus®:

222

Oy = [M(33Ra**%) — M(s6Rn*??) — M(;He*)]c? (1.9)

The range of the « particle (its stopping length) is about 2.7 cm in standard air (for
an « particle with E, of 4 MeV), and it will produce about 2 10° ionizations before
being stopped. Even in a molecular cloud, though its range would be perhaps 10'4
times larger, the o particle would not escape from the cloud. Within small solids
(dust grains), the trapping of radioactive energy from « decay provides a source of
heat which may result in characteristic melting signatures.’

3 The binding energy per nucleon is maximized for nucleons bound as a Fe nucleus.

4 These masses may be either nuclear masses or atomic masses, the electron number is conserved,
and their binding energies are negligible, in comparison.

5 Within an FeNi meteorite, e.g., an o particle from radioactivity has a range of only ~10 pm.
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Beta decay: This is the most-peculiar radioactive decay type, as it is caused by
the nuclear weak interaction which converts neutrons into protons and vice versa.
The neutrino v carries energy and momentum to balance the dynamic quantities, as
Pauli famously proposed in 1930 (Pauli did not publish this conjecture until 1961
in a letter he wrote to colleagues). The v was given its name by Fermi, and was
discovered experimentally in 1932 by James Chadwick, i.e. affer Wolfgang Pauli
had predicted its existence. Neutrinos from the Sun have been discovered to oscillate
between flavors. Beta decays are being studied in great detail by modern physics
experiments, to understand the nature and mass of the v. Understanding 8 decay
challenges our mind, as it involves several such unfamiliar concepts and particles.

There are three types® of S-decay:

XN —> 5 Xn41 +et +ve (1.10)
XN — 5. Xn—1 te +7 (1.11)
XN +e — 5 Xnp1 +ve (1.12)

In addition to Eq. (1.4) (8~ decay), these are the conversion of a proton into a
neutron (8T decay), and electron capture. The weak interaction itself involves two
different aspects with intrinsic and different strength, the vector and axial-vector
couplings. The V}i term in Eq. (1.5) thus is composed of two terms. These result
in Fermi and Gamow-Teller transitions, respectively (see Langanke and Martinez-
Pinedo, 2003, for a review of weak-interaction physics in nuclear astrophysics).

An example of § decay is %3N — é3C + e’ + v, having mean lifetime t
near 10 min. The kinetic energy Q of the two leptons, as well as the created elec-
tron’s mass, must be provided by the radioactive nucleus having greater mass than
the sum of the masses of the daughter nucleus and of an electron (neglecting the
comparatively-small neutrino mass).

Qp = [M (%3N) -M (é3C) —~ me] 2 (1.13)

where these masses are nuclear masses, not atomic masses. A small fraction of the
energy release Qg appears as the recoil kinetic energy of the daughter nucleus, but
the remainder appears as the kinetic energy of electron and of neutrino.

Capture of an electron is a two-particle reaction, the bound atomic electron e~
or a free electron in hot plasma being required for this type of 8 decay. Therefore,
depending on availability of the electron, electron-capture 8 decay lifetimes can be
very different for different environments. In the laboratory case, electron capture
usually involves the 1s electrons of the atomic structure surrounding the radioactive
nucleus, because those present their largest density at the nucleus.

6 We ignore here two additional 8 decays which are possible from v and ¥ captures, due to their
small probabilities.
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In many cases the electron capture competes with e™ + v emission. In above
example, 3N can decay not only by emitting et + v, but also by capturing an
electron: %3N +e” —>é3C + v. In this case the capture of a 1s electron happens
to be much slower than the rate of e™ emission. But cases exist for which the mass
excess is not large enough to provide for the creation of the ™ mass for emission, so
that only electron capture remains to the unstable nucleus to decay. Another relevant
example is the decay of "Be. Its mass excess over the daugther nucleus "Li is only
0.351 MeV. This excess is insufficient to provide for creation of the rest mass of
an emitted eT, which is 0.511 MeV. Therefore, the 7Be nucleus is stable against e
+ v emission. However, electron capture adds 0.511 MeV of rest-mass energy to
the mass of the "Be nucleus, giving a total 0.862 MeV of energy above the mass of
the 7Li nucleus. Therefore, the e~ capture process (above) emits a monoenergetic
neutrino having E, = 0.862 MeV.’

The situation for electron capture processes differs significantly in the interiors
of stars and supernovae: Nuclei are ionized in plasma at such high temperature. The
capture lifetime of 'Be, for example, which is 53 days against Is electron capture
in the laboratory, is lengthened to about 4 months at the solar center (see theory by
Bahcall, 1964; Takahashi and Yokoi, 1983), where the free electron density is less
at the nucleus.

The range of the § particle (its stopping length) is small, being a charged parti-
cle which undergoes Coulomb scattering. An MeV electron has a range of several
meters in standard air, during which it loses energy by ionizations and inelastic
scattering. Energy deposit or escape is a major issue in expanding envelopes of
stellar explosions, supernovae (positrons from °Co and **Ti) and novae (many
BT decays such as 13N) (see Chaps. 4, 5, and 7 for a discussion of the various
astrophysical implications). Even in small solids and dust grains, energy deposition
from 26Al B-decay, for example, injects 0.355 W/kg of heat. This is sufficient to
result in melting signatures, which have been used to study condensation sequences
of solids in the early solar system (see Chap. 6).

Gamma decay: In y decay the radioactive transition to a different and more stable
nucleus is mediated by the electromagnetic interaction. A nucleus relaxes from its
excited configuration of the nucleons to a lower-lying state of the same nucleons.
This is intrinsically a fast process; typical lifetimes for excited states of an atomic
nucleus are 10~%s. We denote such electromagnetic transitions of an excited nucleus
radioactive y-decay when the decay time of the excited nucleus is considerably
longer and that nucleus thus may be considered a temporarily-stable configuration
of its own, a metastable nucleus.

How is stability, or instability, of a nuclear-excited state effected? Electromag-
netic transitions

A* — A5 4y (1.14)

7 This neutrino line has just recently been detected by the Borexino collaboration arriving from the
center of the Sun (Arpesella et al., 2008).
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must satisfy spin (angular momentum) conservation in the transition. The spin state
of a nuclear state is a property of the nucleus, and reflects how protons and neutrons
are spread over the quantum-mechanically allowed shells or nucleon wave func-
tions (as expressed in the shell model view of an atomic nucleus). The photon (y
quantum) emitted (Eq. 1.14) will thus have a multipolarity dictated by the initial and
final states of the nucleus. Dipole radiation is most common and has multipolarity 1,
emitted when initial and final state have angular momentum difference Al =
Quadrupole radiation (multipolarity 2, from Al = 2) is ~6 orders of magnitude
more difficult to obtain, and likewise, higher multipolarity transitions are becoming
less likely by similar probability decreases (the Weisskopf estimates (see Weisskopf,
1951)). This explains why some excited states in atomic nuclei are much more long-
lived (meta-stable) than others; their transitions to the ground state are considered
as radioactivity and called y decay.

The range of a y-ray (its stopping length) is typically about 5-10 g/cm? in
passing through matter of all types. Hence, except for dense stars and their explo-
sions, radioactive energy from y decay is of astronomical implication only.®

26A| 26Mg
t=9.15s
m
t=1.0410%y
X
e - capture
(27%)
e capture \
- decay )
(97 3%) T +
Y
1.130 MeV (2.4 % )*
p* - decay ﬁ 2
26A| Decay: (100%) H
Y
82% p*-decay (<E>~1.17 MeV) 2.938 MeV v o) \e
18% e - capture (03%) | | 1-809 MeV (99.7 %)
Q=4.0 MeV (26Al-26Mg)
Photon yields: (# per decay) v v
0+

0.511 MeV 1.622
1.130 MeV 0.024
1.809 MeV 0.997
2.938 MeV 0.003

* .= % are relative to one decay of 26Al

Fig. 1.3 2°Al decay. The 26 Al nucleus ground state has a long radioactive lifetime, due to the large
spin difference of its state to lower-lying states of the daughter nucleus 2°Mg. An isomeric excited
state of 20Al exists at 228 keV excitation energy. If thermally excited, 2° Al may decay through this
state. Secondary products, lifetime, and radioactive energy available for deposits and observation
depend on the environment

8 Gamma-rays from nuclear transitions following °Ni decay (though this is a 8 decay by itself)
inject radioactive energy through y-rays from such nuclear transitions into the supernova envelope,
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An illustrative example of radioactive decay is the °Al nucleus. Its decay
scheme is illustrated in Fig. 1.3. The ground state of 2°Al is a 5+ state. Lower-lying
states of the neighboring isotope 2°Mg have states 24+ and 0+, so that a rather
large change of angular momentum A/ must be carried by radioactive-decay sec-
ondaries. This explains the large -decay lifetime of 2°Al of T ~1.04 10° year. In
the level scheme of 2°Al, excited states exist at energies 228, 417, and 1,058 keV.
The 0+ and 3+ states of these next excited states are more favorable for decay
due to their smaller angular momentum differences to the Mg states, although
Al = 0 would not be allowed for the 228 keV state to decay to 2°Mg’s ground
state. This explains its relatively long lifetime of 9.15s, and it is a metastable state
of 20Al. If thermally excited, which would occur in nucleosynthesis sites exceed-
ing a few 108K, *Al may decay through this state without y-ray emission as
264185 4y —26 AI™ —526 Mg + T, while the ground state decay is pre-
dominantly a 8+ decay through excited ?°Mg states and thus including y-ray emis-
sion. Secondary products, lifetime, and radioactive energy available for deposits and
observation depend on the environment (See also Sect. 7.4).

1.3 Radioactivity and Cosmic Nucleosynthesis

Nuclear reactions in cosmic sites re-arrange the basic constituents of atomic nuclei
(neutrons and protons) among the different configurations which are allowed by
Nature. Throughout cosmic history, such reactions occur in different sites, and lead
to rearrangements of the relative abundances of cosmic nuclei, a process called cos-
mic chemical evolution.”?

The cosmic abundance of a specific isotope is expressed in different ways,
depending on the purpose. Counting the atoms of isotope i per unit volume, one
obtains n;, the number density of atoms of species i (atoms/cm?). The inter-
est of cosmic evolution and nucleosynthesis lies in the fractional abundances of
species i related to the total, and how it is altered by cosmic nuclear reactions.
Observers count a species i and relate it to the abundance of a reference species.
For astronomers this is hydrogen. Hydrogen is the most abundant element through-
out the universe, and easily observed through its characteristic atomic transitions in
spectroscopic astronomical measurements. The astronomical abundance scale is set
from most-abundant cosmic element Hydrogen to log(Xy) = 12 (Fig. 1.4), but min-
eralogists and meteoriticians use Si as their reference element and set log(Xs;) = 6.
Using the definition of Avogadro’s constant Aa, as the number of atoms which
make up A grams of species i (i.e., one mole), we can obtain abundances by mass;
Aj = 6.02214 1023 atoms/mole. The mass contained in a species S results from

where it is absorbed in scattering collisions and thermalized. This heats the envelope such that ther-
mal and optically bright supernova light is created. Deposition of y-rays from nuclear transitions
are the engines which make supernovae to be bright light sources out to the distant universe, used
in cosmological studies (Leibundgut, 2000) to, e.g., support evidence for dark energy.

9 We point out that there is no chemistry involved; the term refers to changes in abundances of
chemical elements, which are a result of the changes in abundances of isotopes.
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Fig. 1.4 The abundance of elements in the present-day nearby universe. Abundances (by number)
are shown in a logarithmic scale, and span 12 orders of magnitude. The interplay of nuclear prop-
erties (several are indicated in the graph) with environmental conditions in cosmic nucleosynthesis
sites has created this complex abundance pattern during the course of cosmic history

scaling its abundance by number Ny with its atomic weight A. We can get a global
measure for cosmic evolution of the composition of matter by tracing how much of
the total mass is in hydrogen, helium, and the remainder of elements called metals,'°
calling these quantities X for hydrogen abundance, Y for helium abundance, and Z
for the cumulative abundance of all nuclei heavier than helium. We call these mass
fractions of hydrogen X, helium Y, and metals Z, with X+Y +Z = 1. The metallic-
ity Z is a key parameter used to characterize the evolution of elemental and isotopic
composition of cosmic matter. The astronomical abundance scale is set from most-
abundant cosmic element Hydrogen to log(Xy) = 12 (Fig. 1.4), but mineralogists
and meteoriticiants use Si as their reference element and set log(Xg;) = 6.

We often relate abundances also to our best-known reference, the solar system,

denoting solar-system values by the ©® symbol. Abundances of a species S are then
expressed in bracket notation as

Slcioe (X)) C10e (X8 1
|:H]_log<XH>* 10g<XH>® (1.15)

10 This nomenclature may be misleading, it is used by convenience among astrophysicists. Only a
part of these elements are actually metals under normal terrestial conditions.
T Deviations from the standard may be small, so that [ Sy /S>] may be expressed in § units (parts per

mil), or & units (parts in 10*), or ppm and ppb; §(29Si /28Si) thus denotes excess of the 298i /28Si
isotopic ratio above solar values in units of 0.1%.
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Depending on observational method and precision, our astronomical data are metal-
licity, elemental enrichments with respect to solar abundances, or isotopic abun-
dances. Relations to nuclear reactions are therefore often indirect. Understanding
the nuclear processing of matter in the universe is a formidable challenge, often
listed as one of the big questions of science.

After nucleosynthesis during the Big Bang, most-abundant were hydrogen (pro-
tons) and helium; the total amount of nuclei heavier than He (the metals) was less
than 10~? (by number, relative to hydrogen (Steigman, 2007)). Today, the total mass
fraction of metals in solar abundances, our local reference which seems remarkably
universal, is Z = 0.0134 (Asplund et al., 2009), compared to a hydrogen mass
fraction of X = 0.7381.'2 This growth by about seven orders of magnitude is the
effect of cosmic nucleosynthesis. Nuclear reactions in stars, supernovae, novae, and
other places where nuclear reactions may occur, all contribute. But it also is essential
that the nuclear-reaction products will be made available to observable cosmic gas
and solids eventually. This book will also discuss our observational potential for
cosmic isotopes, and we address the constraints and biases which limit our ability
to draw far reaching conclusions.

The growth of isotopic and elemental abundances from cosmic nucleosynthesis
does not occur homogeneously. Rather, the cosmic abundances observed today span
a dynamic range of twelve orders of magnitude between abundant hydrogen and rare
heavy elements (Fig. 1.4). Moreover, the elemental abundance pattern already illus-
trates clearly the prominent effects of nuclear structure (see Fig. 1.4): Iron elements
are among the most-tightly bound nuclei, and locally elements with even numbers
of nucleons are more tightly bound than elements with odd numbers of nuclei. The
Helium nucleus («-particle) also is more tightly bound than its neighbors in the
chart of nuclei, hence all elements which are multiples of «’s are more abundant
than their neighbors.

Towards the heavier elements beyond the Fe group, abundances drop by about
five orders of magnitude again, signifying a substantially-different production pro-
cess than the mix of charged-particle nuclear reactions that produced the lighter
elements: neutron capture on Fe seed nuclei. The two abundance peaks seen for
heavier elements are the results of different environments for cosmic neutron cap-
ture reactions (the r-process and s-process), both determined by neutron capture
probabilities having local extrema near magic numbers. The different peaks arise
from the particular locations at which the processes’ reaction path encounters these
magic nuclei, as neutron captures proceed much faster (slower) than beta decays in
the r-process (s-process).

The issues in cosmic nucleosynthesis research are complex, and cover the astro-
physics of stars, stellar explosions, nuclear reactions on surfaces of compact stars
and in interstellar space. For each of the potential nuclear-reaction sites, we need
to understand first how nuclear reactions proceed under the local conditions, and

12 This implies a metallicity of solar matter of 1.4%. Earlier than ~2005, the commonly-used value
for solar metallicity had been 2%.
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then how material may be ejected into interstellar space from such a source. None
of the nucleosynthesis sites is currently understood to a sufficient level of detail
which would allow us to sit back and consider cosmic nucleosynthesis understood.
For example, for the Sun, where one would assume we know most detail, solar
neutrino measurements have been a puzzle only alleviated in recent years with the
revolutionary adoption of non-zero masses for neutrinos. Even if we consider this a
sufficient explanation, solar elemental abundances have recently been revised by
almost a factor two based on consistency arguments between three-dimensional
models of the solar photosphere and measured elemental line profiles from this
photosphere; but helio-seismological measurements for the Sun are in significant
conflict with the underlying model which describes the interior structure of the
Sun in these three-dimensional models (Asplund et al. 2009). As another example,
there are two types of supernova explosions, core-collapse supernovae marking the
final gravitational collapse of a massive star once its nuclear fuel is exhausted, and
thermonuclear supernovae, thought to originate from detonation of degenerate stars
once they exceed a critical threshold for nuclear burning of Carbon. For neither of
these supernova types, a physical model is available, which would allow us to cal-
culate and predict the outcome (energy and nuclear ashes) from such an explosion
under given, realistic, initial conditions (see Chaps. 4 and 5). Much research remains
to be done in cosmic nucleosynthesis.

One may consider measurements of cosmic material in all forms to provide a
wealth of data, which by now has been exploited to understand cosmic nucleosyn-
thesis. Note, however, that cosmic material as observed has gone through a long
and ill-determined journey. We need to understand the trajectory in time and space
of the progenitors of our observed cosmic-material sample if we want to interpret
it in terms of cosmic nucleosynthesis. This is a formidable task, necessary for dis-
tant cosmic objects, but here averaging assumptions help to simplify studies. For
more nearby cosmic objects where detailed data are obtained, astrophysical models
quickly become very complex, and also need simplifying assumptions to operate for
what they are needed. It is one of the objectives of cosmic nucleosynthesis studies to
contribute to proper models for processes in such evolution, which are sufficiently
isolated to allow their separate treatment. Nevertheless, carrying out well-defined
experiments for a source of cosmic nucleosynthesis remains a challenge, due to this
often ill-constrained history (see Chaps. 6 and 7).

The special role of radioactivity in such studies is contributed by the intrinsic
decay of such material after it has been produced in cosmic sites. This brings in a
new aspect, the clock of the radioactive decay. With such additional information,
changes in isotopic abundances with time will occur naturally, and will leave their
imprints in observable isotopic abundance records. For example, the observation of
unstable technetium in stellar atmospheres of AGB stars was undisputable proof
of synthesis of this element inside the same star, because the evolutionary time of
the star exceeds the radioactive lifetime of technetium. Another example, observing
radioactive decay y-ray lines from short-lived Ni isotopes from a supernova is clear
proof of its synthesis in such explosions; measuring its abundance through y-ray
brightness is a prominent goal for direct calibration of processes in the supernova



1 Introduction to Astronomy with Radioactivity 17

interior. A last example, solar-system meteorites show enrichments in daughter
products of characteristic radioactive decays, such as 26A1 and 33Mn; the fact that
these radioactive elements were still not decayed when those solids formed sets
important constraints to the time interval between the latest nucleosynthesis event
near the forming Sun and the actual condensation of solid bodies in the young solar
system. This book will discuss these examples in detail, and illustrate the contribu-
tions of radioactivity studies to the subject of cosmic nucleosynthesis.

1.4 Observations of Cosmic Radioactive Isotopes

Astronomy has expanded beyond the narrow optical band into new astronomies in
the past decades. By now, we are familiar with telescopes measuring radio emission
through infrared emission towards the long wavelength end, and ultraviolet, X-ray,
and y-ray emission towards the short wavelength end (see Fig. 1.5). The physical
origins of radiation are different in different bands. Thermal radiation dominates
emission from cosmic objects in the middle region of the electromagnetic spectrum,
from a few 10 K cold molecular clouds at radio wavelengths through dust and stars
up to hot interstellar gas radiating X-rays. Non-thermal emission is characteristic
for the wavelength extremes, both at radio and y-ray energies. Characteristic spec-
tral lines originate from atomic shell electrons over most of the spectrum; nuclear
lines are visible only in roughly two decades of the spectrum at 0.1-10 MeV. Few
exceptional lines arise at high energy from annihilations of positrons and pions.
Thus, cosmic elements can be observed in a wide astronomical range, while isofopes
are observed almost exclusively through ~MeV y-rays (see Fig. 1.6 for excep-
tions). Note that nucleosynthesis reactions occur among isotopes, so that this is the
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Fig. 1.5 The electromagnetic spectrum of candidate astronomical measurements ranges across
more than twenty orders of magnitude. Not all are easily accessible. Information categories of
thermal and non-thermal, and of molecular, atomic, nuclear, and elementary-particle physics ori-
gins of cosmic radiation extends over different parts of this broad spectrum. Nuclear physics is
accessible in a small band (0.1-10 MeV) only, and is made difficult by penetrating radiation and
by large instrumental backgrounds from cosmic-ray interactions
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Fig. 1.6 Example of an absorption-line spectrum of a cool star with a present-generation optical
telescope, such as shown in Fig. 1.7. Molecular lines have isotopic shifts, which can be recognized
as changes in line shapes, as resulting from the isotopic abundance ratio. (from Yong et al. 2004)

=

Fig. 1.7 The Very Large Telescope (VLT) on Mount Paranal in Chile, with four telescopes (lower
right), is one of the modern optical instruments. Equipped with high-resolution spectrographs such
as FLAMES (insert lower right), absorption-line spectroscopy of stars in nearby galaxies can be
made. (Figures ESO)
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information of interest when we wish to investigate cosmic nucleosynthesis envi-
ronment properties.

Only few elements such as technetium (Tc) do not have any stable isotope;
therefore, elemental photospheric absorption and emission line spectroscopy, the
backbone of astronomical studies of cosmic nucleosynthesis, have very limited
application in astronomy with radioactivities. This is about to change currently, as
spectroscopic devices in the optical and lower-energy regime approach resolutions
sufficient to resolve fine structure lines, thus enabling isotopic abundance studies.
Observational studies of cosmic radioactivities are best performed by techniques
which intrinsically obtain isotopic information. These are:

e precision mass spectroscopy in terrestrial laboratories, which has been combined
with sophisticated radiochemistry to extract meteoritic components originating
from outside the solar system

e spectroscopy of characteristic y-ray lines emitted upon radioactive decay in cos-
mic environments

Both these astronomical disciplines have a relatively young history. They en-
counter some limitations due to their basic methods of how astronomical
information is obtained:

e Precision mass spectrometry of meteorites for astronomy with radioactivity
began about 1960 with a new discovery of now extinct radioactivity within the
young solar system. By heating a bulk meteorite sample the presence of excess
129Xe was clearly demonstrated, and attributed to trapped gas enriched in '2°T
at the time of formation of this meteorite, which from mineralogical arguments
is determined to be the early solar system epoch about 4.6 Gigayears (Gy) ago
(Reynolds, 1960). This was the first evidence that the matter from which the
solar system formed contained radioactive nuclei whose half-lives are too short
to be able to survive from that time until today ('*°I decays to '*°Xe within
1.7 x 107 year). Isotopic anomalies found in such extra-solar inclusions, e.g. for
C and O isotopes, range over four orders of magnitude for such star dust grains as
shown in Fig. 1.8 (Zinner, 1998), while isotopic-composition variations among
bulk meteoritic-material samples are a few percent at most. The measurements
are characterized by an amazing sensitivity and precision, clearly resolving iso-
topes and counting single atoms at ppb levels to determine isotopic ratios of such
rare species with high accuracy. This astronomy in terrestrial laboratories is now
an established part of astrophysics (see Clayton and Nittler, 2004, for a recent
review). Studies are limited only by sample preparation and by the extraction
techniques evaporizing dust grain surfaces for subsequent mass spectrometry.
Substantial bias of the technique arises from the preparation of suitable samples,
extracting meteoritic material with increased fractions of non-solar material and
thus increasing the signal against background from solar-system isotopic com-
position. In general, this favors the hardest and least-resolvable meteoritic inclu-
sions of most-refractory minerals, and noble gases included in microscopic cavi-
ties. Furthermore, the origin of non-solar dust, i.e. the journey from its formation
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Fig. 1.8 Meteoritic inclusions such as this SiC grain are recognized as dust formed near a cos-
mic nucleosynthesis source outside the solar system, from their large isotopic anomalies, which
cannot be explained by interstellar nor solar-system processing but are reminiscent of cosmic
nucleosynthesis sites. Having condensed in the envelope of a source of new isotopes, laboratory
mass spectroscopy can reveal isotopic composition for many elements, thus providing a remote
probe of one cosmic nucleosynthesis source

in stellar envelopes or interstellar gas up to inclusion in meteorites which found
their way to Earth, remains subject to theoretical modeling based on the observed
grain composition and morphology plus (uncertain) theories of cosmic dust for-
mation (Zinner, 1998).

e Characteristic y-ray lines from cosmic sources were not known until the 1960s,
when spaceflight and its investigations of the near-earth space radiation environ-
ment had stimulated measurements of y-rays. The discovery of a cosmic y-ray
line feature near 0.5 MeV from the direction towards the center of our Galaxy
in 1972 (Johnson et al., 1972) stimulated balloon and satellite experiments for
cosmic y-ray line spectroscopy. By now and with current experiments such as
the INTEGRAL mission of ESA shown in Fig. 1.9, this technique has established
an astronomical discipline of its own, the window of electromagnetic radiation
clearly attributed to specific isotopes. Decay of the isotopes 20 Al, ©0Fe, 4Ti, 3'Ni,
and *°Ni in distant cosmic sites is an established fact, and astrophysical stud-
ies make use of such measurements. The downsides of those experiments is the
rather poor resolution by astronomy standards (on the order of degrees), and the
sensitivity limitations due to large instrumental backgrounds, which effectively
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Fig. 1.9 Example of a present-generation space-borne y-ray telescope. The INTEGRAL satellite
(artist view picture, ESA) has as one of its two main telescopes a spectrometer SPI, shown at the
lower-right schematically with its 19-detector Ge camera and the tungsten mask for imaging by
casting a shadow onto the camera. Space-based instruments of this kind have been used to directly
record characteristic y-ray lines from the decay of unstable isotopes near sites of current-epoch
cosmic element formation

only shows the few brightest sources of cosmic y-rays until now (see Diehl et al.,
2006, for a discussion of achievements and limitations).

Despite their youth and limitations, both methods (described in Chap. 10) to
address cosmic radioactivities share a rather direct access to isotopic information,
unlike other fields of astronomy. From a combination of all available astronomical
methods, the study of cosmic nucleosynthesis will continue to advance towards a
truly astrophysical decomposition of the processes and their interplays. This book
describes where and how specific astronomical messages from cosmic radioactivity
help to complement these studies.

1.5 The Structure of this Book

This book begins with a basic introduction in Chap. 2, written by D.D. Clayton, one
of the founders of the field, who also contributed a fundamental textbook on stellar
astrophysics and many stimulating ideas that determined the course of this field, in
particular the need for a concerted observational effort to understand nucleosynthe-
sis from both measurements of electromagnetic radiation and meteoritic material.
This Introduction and Overview is followed by discussions of the specific sources
of cosmic radioactivity in Chaps. 3, 4, and 5, i.e. stars in their hydrostatic inte-
riors, massive stars and their core-collapse supernova explosions, and binary-star
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interactions including thermonuclear supernova explosions. These chapters describe
our current theoretical models and understanding of each of the cosmic sources of
radioactivities, and guide these through references to key observations. Then we turn
our perspective directly towards the observational side, and present prominent loca-
tions of radioactivities as observed (Chapter 6 addresses the Solar System, Chap. 7
more broadly then the different diffuse radioactivities seen in interstellar gas), and
discuss how the data on cosmic radioactivities shape our astrophysical modeling of
cosmic nucleosynthesis. The book is completed by a survey of a few tools which are
characteristic of the field (in Chaps. 8, 9, and 10), and Appendices holding useful
tables, a timeline of milestones of the field, and a glossary of key terms of Astron-
omy with Radioactivities to guide readers through the basic terminology. Beyond
the general guidance of Chap. 2, subsequent chapters can be read in any sequence
suitable to the interests and curiosities of the reader, as we provide cross references
throughout the book. Enjoy the ride!
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Chapter 2
The Role of Radioactive Isotopes in Astrophysics

D.D. Clayton

2.1 History of Nucleosynthesis and Radioactivity

Radioactive nuclei can not be not infinitely old or they would now be gone. This
point had first been made by Lord Rutherford, who concluded in 1929 (Rutherford,
1929) that the elements had been created in the sun 100 million years ago and had
somehow got from sun to earth! Terrible astrophysics, but his argument showed
profound appreciation of the conundrum of live radioactivity on earth; namely, the
nuclei must be created. By the middle of the twentieth century, the consequences
had progressed no further. The question, “Why aren’t they all gone?”” went largely
unspoken.

Radioactivity had been discovered by Henri Becquerel in 1896 when he showed
that the element uranium emitted radiation that would develop images of the ura-
nium salts on an adjacent photographic plate. Marie Curie coined the term radioac-
tivity to describe this phenomenon after she demonstrated that other elements pos-
sessed the same spontaneous property. Rutherford separated the rays into three
types — «, B, and y — by their physical properties. These are described in Chap. 1.

In mid-twentieth century, astronomers discovered metal-poor stars in increasing
numbers, especially after the introduction of the CCD chip, which greatly increased
the sensitivity of spectroscopic observations of stars. The abundances relative to
hydrogen in old low-mass stars reveals the initial composition of the gas from
which those stars formed. Observed metallicities ranged over a continuum of val-
ues from (Fe/H)/(Fe/H)p = 10~* to 1 and even greater, so the synthesis of met-
als must have occurred after the Big Bang. Today we know that creation of the
chemical elements occurs in stars by synthesis of them from initial H and He.
By the same token, natural radioactivity must be the product of nucleosynthesis in
stars.

D.D. Clayton (=)
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2.1.1 Two Very Different Pioneers

There could hardly be two more different scientists than the two that made the first
significant steps toward nucleosynthesis in stars of the elements heavier than carbon.
Both were Europeans disrupted in careers by world war II. The originator of nucle-
osynthesis in stars arose from non-privileged Yorkshire mill villages. The pioneer
in glimpsing how nuclear magic numbers can be observed in isotopic abundances
arose from a distinguished Viennese family of geologists.

2.1.1.1 Sir Fred Hoyle (1946, 1954)

In a flash of astrophysical brilliance, Fred Hoyle created the theory of nucleosyn-
thesis in stars with two monumental papers (Hoyle et al., 1946, 1954). The first
(Hoyle et al., 1946) demonstrated that stars will naturally evolve to central tem-
peratures 4x10° K and greater, and that nuclear statistical equilibrium (NSE) at
high temperature T creates an abundance peak at °Fe that Hoyle interpreted as
the explanation of that observed abundance peak. This explains why a graph of the
abundances of chemical elements in the sun as a function of atomic weight declines
almost monotonically from H to Sc (A = 1-45), whereafter it increases sharply
to a broad abundance peak centered on A = 56 (Fe). Readers unfamiliar with the
meaning and issues of abundances in the universe can find an eloquent essay in the
introductory chapter of Clayton (2003).

Hoyle’s second paper (Hoyle et al., 1954) described how the elements from car-
bon to nickel are synthesized during the advanced evolution of massive stars. This
is called primary nucleosynthesis because the elements are fused from the initial H
and He of the massive stars. Hoyle described how the ashes of each thermonuclear
burning epoch became, upon contraction and heating, the fuel for the next group of
elements synthesized. When its core collapses, much of the overlying new elements
is returned to the interstellar medium. Such nucleosynthesis creates new heavy
nuclei and is responsible for increasing the metallicity of the interstellar medium
as it ages.

Because the origin of our chemical elements is one of the grand theories of sci-
ence (Clayton, 2007) went to some lengths to create what he called Hoyle’s equation
as determined from careful reading of his 1954 paper (Hoyle et al., 1954). Hoyle’s
words and calculations pointed clearly to ideas of nucleosynthesis in stars that he
was advancing for the first time and that are more sweeping than detail-oriented
sequels. Hoyle’s discussion was phrased in terms of the mass Amipeyw of new primary
isotopes that are being ejected from massive stars. His basic approach to stellar
nucleosynthesis is

dmpew

dt

= Hnucl 2.1)
where

Huwel = BAHEV({ — t) X Amy (2.2)
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is the Hoyle nucleosynthesis rate. B(t') is the stellar birthrate of stars having total
mass such that they evolve to end their lives at time 7, Ev(¢/, 1) is an operator (rather
than a number) that expresses the nuclear and stellar evolution during its lifetime
from ¢’ to t, and X'my is the mass of isotope k ejected at time ¢. Then a sum over
all presolar birthdates ¢’ selects the appropriate stellar masses. Stellar evolution was
only dimly perceived in 1953 when Hoyle wrote this paper. The structure of red
giants was its current literature frontier, and Hoyle was perhaps the world’s leading
expert on its ideas, enabling him to discern the more fruitful subsequent evolution
that he advanced in this 1954 paper.

Hoyle subtitled this paper The synthesis of elements from Carbon to Nickel. These
primary isotopes are ejected from massive stars that progress through a series of core
evolutions that Hoyle laid out for the first time. Hoyle explained that gravitational
contraction causes temperature increases after each nuclear fuel is consumed, and
he described the nuclear burning during each advanced core evolution. Because
those massive stars all evolve almost instantaneously in comparison with galactic
timescale, Hoyle takes By~ () to be the birthrate of all such massive stars at time
t, and it clearly equals their death rate at the same time if the numbers of stars are
to change only slowly. The subscript M> characterizes stars too massive to become
white dwarfs. For those large-mass stars Hoyle et al. (1954) predicted that collapse
of the final central evolved core is inevitable. For those massive stars Hoyle’s equa-
tion expresses the rate of ejection of new primary isotopes from C to Ni as

dm(C — Ni)
— = By> (0)Evnuel X Amy (2.3)

For these short-lived stars, Ev is an operator (rather than a number) that expresses
the nuclear and stellar evolution during the stellar lifetime. It replaces the initial
composition of the star by the composition it has attained at the time when its core
collapses. Hoyle attributed the mass and identity k of new primary isotopes ejected
per massive star to the following successive core burning phases: '>C and '°0 from
He burning; 20Ne, 23Na, and 24Mg from C burning; additional 160 and 24Mg from
Ne burning; ?8Si and 32S from O burning; 32S, 3%Ar and “°Ca from photoalpha
reactions on 32S and heavier alpha nuclei during later heating of O-burned matter
by the inevitable contraction; and finally 32Cr, °Fe, ®'Ni from subsequent nuclear
statistical equilibrium. Hoyle also correctly stated that neutrino emission governs
the collapse timescale when core temperature exceeds T = 3x10° K.

Hoyle’s equation expresses a breathtakingly modern view of the metallicity-
increasing nucleosynthesis during galactic history. Hoyle missed only the complete
photonuclear rearrangement during Si burning and the n/p ratio within the NSE.
But his equation, given above, remains correct today. Like Schroedinger’s equation,
for which much work is required to determine the appropriate Hamiltonian operator
used within it, so Hoyle’s equation involves much work to determine the Hoyle
nuclear evolution Hpy.

Hoyle et al. (1954) also distinguished the idea of secondary nuclei, those whose
created abundance derives from initial seed concentrations of primary nuclei that
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had been created in previous massive stars, thereby seeding the interstellar matter
with primary elements. These seed nuclei are required in order that secondary nuclei
be produced from them in stars. He emphasized especially N, 180, '°F and 2*Ne
in that regard, each of which depends on initial primary C and O nuclei within
the initial composition of later-generation massive stars. Their yields of secondary
nuclei do not obey Hoyle’s equation but instead are proportional to the initial metal-
licity of each star. Hoyle’s paper also first noted that 2>Ne would be a source of free
neutrons; indeed, it is today their major source in burning shells of massive stars,
although that insight is usually attributed to later emphasis by others.

It is unfortunate that Hoyle did not put to paper the equation he envisioned and
described. Had he done so, clearer scientific visibility of his unparalleled achieve-
ment would have followed more easily. Research in nucleosynthesis has followed
his approach during five decades of countless numerical models evaluating Hoyle’s
equation. Nonetheless, the astrophysical world began to inappropriately cite a paper
to appear, with Hoyle as coauthor, in 1957 for the general origin of nucleosyn-
thesis in stars rather than Hoyle’s works. Hoyle’s great achievement lay somewhat
obscurred until modern times, at least in terms of citations of research works.

2.1.1.2 Hans Suess, Nuclear Shell Model, and Abundances

Hans Suess was born in Vienna in 1909 to a distinguished family of geologists. His
chemical training and focus on abundances of the elements in meteorites enabled
him to establish Suess’s rules for the abundances and their isotopes. The elemental
abundances were not well known after WWII, but testing of a theory of nucleosyn-
thesis needed that data base. In the late 1940s Suess began to argue that certain
regularities of the abundances had to reflect nuclear properties of their isotopes. He
used those systematics to coauthor with Hans Jensen a discovery paper (Haxel et al.,
1949) for the magic numbers of nuclear shell structure. These are hugely important
for nucleosynthesis. The magic numbers are favored numbers of identical nucleons,
either protons or neutrons, in the sense that clusters of those numbers of identical
nucleons have larger than normal binding energy. They are 2, 8, 14, 20, 28, 50, 82
and 126, and they result from the combined effect of a deep spherical potential bind-
ing the nucleons together, coupled with a very strong spin-orbit energy that mod-
erates energy gaps between differing nuclear shells. For that paper Jensen shared
the 1963 Nobel Prize in Physics with Maria Mayer for their independent theoretical
work on how the spin-orbit force establishes the magic numbers. Suess, working in
Hamburg and Heidelberg, had seen the evidence of magic numbers in the abundance
regularities shown by nuclei having a magic structure of neutrons or protons. For
example, the abundances of the isotopes of barium implicated neutron irradiation in
their nucleosynthesis. Suess amazingly divined that the very high abundance of 3°Fe
had to reflect the doubly-magic properties of its S°Ni isobar having N=28 for both
protons and neutrons. That correct assertion was not accepted for a decade because
Hoyle’s papers (and also B’FH) had maintained that that abundance peak was estab-
lished within a nuclear equilibrium having excess of neutrons relative to protons, so
that the abundance of Fe isotopes could reflect their own nuclear properties rather
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than those of Ni. This error persisted for a decade, and had many dead-end astro-
physical consequences. These have been intensively reviewed (Clayton, 1999), who
also reviews Suess’s pioneering papers from the 1940s.

The magic numbers were also to play a pivotal role in the theories for nucleosyn-
thesis of the elements heavier than the Fe peak. Some of the earliest testaments to
the correctness of the theoretical ideas lay in their interplay with the magic num-
bers. Suess himself called for two neutron-addition processes needed to account for
magic-number abundances within the heavy elements. After moving to the United
States in 1950, Suess coauthored with Harold Urey an immensely influential tab-
ulation (Suess and Urey, 1956) of the abundances of the elements, largely from
chemical analyses of meteorites rather than from astronomical observations. That
review paper by Suess and Urey became a cornerstone of empirical evidence for
nucleosynthesis in stars.

2.1.2 The Second Decade

Hoyle’s two papers were not enough to establish the theory of nucleosynthesis in
stars. Contributions from other pioneers came together to launch the full theory and
to win the acceptance that it enjoys today.

2.1.2.1 William A. Fowler and Burbidge, Burbidge, Fowler and Hoyle (B2FH)

William A. Fowler had met Fred Hoyle in 1953 when Hoyle famously predicted the
existence and the energy of the 0" second excited state of '2C. In that first appli-
cation to nuclear physics of what has come to be called the anthropic principle,
Hoyle had argued that if such a nuclear state of '>C did not exist, neither would
we! Fowler said that that prediction was what “really hooked me on nucleosyn-
thesis”. Fowler met Hoyle again during his 1955 sabbatical leave in Cambridge
UK. Fowler was at this time already the leader of the world effort (which Caltech
championed) to determine the rates at which nuclear reactions would occur in stars.
This involved the now familiar technique of measuring nuclear interactions at MeV
energies with Van de Graff accelerator beams of charged ions, and extrapolating
measured data downward in energy to the Gamow-peak energy within a thermal
distribution (Clayton, 1968, Chap. 4). Fowler’s zest for nuclear astrophysics was
boundless, and he soon had the entire Kellogg Radiation Laboratory at work on
thermonuclear reactions rates between positive ions. Fowler was awarded a share
of the 1983 Nobel Prize in Physics for that pioneering program of research. His
efforts had been directed primarily to the question of thermonuclear power in stars;
but Fowler became intensely attracted also to the larger question of the origin of the
elements. In Cambridge he met Geoffrey and Margaret Burbidge, and these three
began a project with Fred Hoyle to write a survey paper on the issues of nucleosyn-
thesis in stars. That paper was written at Caltech in 1956 and published the next
year (Burbidge et al., 1957). Soon called simply B>FH, it became one of the most
celebrated papers in astrophysics.
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The authors of B2FH contributed creatively and energetically to formulating the
neutron-capture processes for synthesizing the elements heavier than nickel. Ascrib-
ing crucial roles to the magic neutron numbers N = 50, 82 and 126 they described
environmental situations in stars within which selected isotopes would be abun-
dant, fleshing out ideas that Suess had envisioned earlier for two neutron-capture
processes. Suess had, however, been unable to formulate these clearly enough to
win contemporary acclaim. The slow neutron-capture process, named s process by
B2FH, envisioned 100-to-1000 years between neutron captures, so that radioactive
isotopes would generally beta decay before capturing another neutron, keeping the
capture path trailing along the valley of beta stability. The rapid-neutron-capture
process, named r process by BFH, envisioned neutron densities so large that neu-
tron captures occur in tens of milliseconds, faster than beta decays, with the result
that the capture path moved into the realm of radioactive neutron-rich nuclei, being
halted only when no additional neutrons could be stably added owing to their dimin-
ishing separation energies. These created waiting points at which the capture flow
would halt and wait until beta decay occurs (see also Seeger et al., 1965; Clayton,
1968). Defining the s process and the r process was the high point of the B?’FH
contributions to nucleosynthesis theory. Their Appendix included an inspiring table
of all heavy isotopes in which each was characterized as being either s process
only, mostly s process, comparable s process and r process, mostly » process and
r process only. This can be regarded as the next important step in nucleosynthesis
theory.

An important aspect of astronomy with radioactivity lies in the competition
between beta decay and neutron capture that ensues when neutron capture by stable
isotopes create isotopes that can undergo beta decay. Most do so quickly in compar-
ison with the time required to capture another neutron, but some key branch points
are slow to decay. BFH had inventively shown that such competition at branch
points could, when compared with the actual solar abundances, reveal the time scale
and neutron density for the operation of the s process. Thermally populated excited
states of radioactive nuclei often increase the effective decay rate, a delicate point
in that aspect of astronomy with radioactivity.

Two cautions about B’FH must be made in order to not overly eulogize what
they achieved. Firstly, both the s process and the r process are, as described by
them, secondary processes of nucleosynthesis. Secondary nucleosynthesis refers to
the synthesis of new heavy nuclei from other existing heavy nuclei. It does not
increase the galactic metallicity, a goal that Hoyle’s founding papers had achieved
spectacularly as the primary goal of the astronomy of nucleosynthesis. The B?FH
neutron-capture processes instead change one existing heavy nucleus into another.
So those processes did not contribute to increasing metal abundances in the galaxy.
Today it is known that, contrary to their description, the r process is actually pri-
mary, because the collapsed supernova core synthesizes the seed nuclei that rapidly
capture its free neutrons. The details of this are still not understood, however. Astro-
nomical observations of old metal-poor stars confirm that the » process indeed began
earlier than did the s process. Secondly, the B>FH descriptions of the s process and
the r process could not immediately be used for astrophysics calculations because
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they were time-independent formulations. Both the s process and the r process were
described by the static condition dN/dt = 0. The BFH descriptions were thus of
stationary abundances that could exist within appropriate environments for these
processes. This enabled a rough but clear correlation between the nuclear system-
atics of their process abundances and the solar isotopic abundances. But it did not
enable calculation of the temporal growth of these abundances.

Over the next two decades BZFH nonetheless became the default citation for
workers wanting a reference to the general theory of nucleosynthesis in stars, vastly
eclipsing the rate of citations to Hoyle’s previous papers. One key to its success was
its citation of over 100 stars showing nucleosynthesis effects in their spectra and of
more than 100 astronomical research papers concerning those stars. This drew the
astronomical community into the scientific culture of nucleosynthesis (which was
then new to astronomers) as Hoyle’s papers could not. Astronomers generally cited
B2FH rather than Hoyle, with the result that Hoyle’s papers slipped into relative
obscurity.

Fowler himself coauthored several other important works for nucleosynthesis,
primarily with Fred Hoyle on supernovae and with Donald Clayton on nucleosynth-
esis by neutron capture chains; however, his most important and essential role in
history was the empirical thermonuclear reaction rates determined in his laboratory.
For this he shared the 1983 Nobel Prize in physics. Probably Fowler’s most signif-
icant subsequent work with Hoyle concerned the puzzling nature of the supernova
phenomenon and on nucleosynthesis within them (Hoyle and Fowler, 1960). They
divided supernovae into Types I and II based on theory, rather than on the presence
of H absorption lines in the spectra. Type I was assigned to low-mass progenitor
stars that evolved to white-dwarf stars of degenerate carbon, but then ultimately
explode in an exothermic thermonuclear display that results in most of the iron in the
universe. Electron-degenerate matter, supported by degeneracy pressure, is violently
unstable to thermonuclear runaway. The Type II supernovae, on the other hand,
occurs in massive stars whose cores are too massive to form white dwarf structure.
In these continuing nuclear burning eventually exhausts the nuclear energy supply,
and so the core must collapse. Fred Hoyle had predicted this inevitable collapse in
1954; but their 1960 paper carried the physical picture further. Today the world of
astronomy uses this Hoyle-Fowler classification based on the physics of the device.
It was a landmark in astrophysics.

2.1.2.2 A.G.W. Cameron, a Parallel Force

The year 1957 also saw the emergence of A.G.W. Cameron as one of the pioneers of
nucleosynthesis. The Atomic Energy of Canada at Chalk River published in bound-
mimeograph form a series of lectures on nucleosynthesis that Cameron delivered at
Purdue University in March/April 1957 (Cameron, 1957). These lectures covered
in an independent way essentially the same material as in BZFH. Cameron had con-
structed his treatments by working alone, first as a new faculty member at lowa State
University and then at Chalk River, with only Hoyle’s two papers to guide him as
well as his training in nuclear physics from University of Saskatchewan. Owing to
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his independent treatment, Cameron’s Lecture Notes became a valuable source of
new ideas in nucleosynthesis. In his emphasis on nucleosynthesis within the separate
shells in massive stars, Cameron’s approach followed Hoyle’s equation and thereby
enlarged the ideas in Hoyle (1954) more effectively than did B’FH. For the next
two decades Cameron stressed in many publications with research students — ones
that he had recruited during a guest lecture course at Yale University — the vast
nucleosynthesis changes that occur in a massive star at its time of explosion. His
papers establish him as the first great disciple of Hoyle’s equation. Cameron’s later
Yale Lecture Notes (1963), written by his Yale students W.D. Arnett, C.J. Hansen
and J.W. Truran, were much improved over Cameron (1957). They probably should
have been published, but were not and are therefore not generally available; how-
ever, they were a strong influence on history, especially on Cameron’s students and
on Clayton and his students. Partly owing to their unavailability, Clayton published
his own textbook (Clayton, 1968).

Cameron began his nucleosynthesis research, however, with the sources of free
neutrons in stars that could be responsible for the observed radioactive Technetium
observed by Paul Merrill in stellar atmospheres. Because all isotopes of the element
Tc are radioactive, the presence of its absorption lines in stellar spectra argued that
it had been created within the star during roughly its last lifetime. In 1955 Cameron
proposed that the 3C(«, n)'°O reaction would liberate the extra bound neutron in
the '*C nucleus and that the liberated neutron could be captured to create heavier
isotopes (Cameron, 1955). Later Cameron (1959) calculated with the same moti-
vation the number of neutrons liberated during carbon thermonuclear reactions fol-
lowing the exhaustion of He. The carbon fusion reactions were part of the sequence
of thermonuclear stages within evolving massive stars (as Hoyle et al. (1954) had
first described).

In his large subsequent body of work, Cameron established himself as a true
polymath. He introduced the speeding up of beta decay rate by thermal population
of the excited states of a nucleus, many of which decay more rapidly than the ground
state. During 1955-1956 Cameron introduced numerical computation on the first
vacuum-tube computers into nucleosynthesis problems, and remained thereafter on
the cutting edge of nucleosynthesis computation. Cameron and his students repeat-
edly blazed new paths by programming nuclear reaction networks onto the latest
and newest computers. He became an expert on planetary sciences and an important
advisor to NASA. In particular, Cameron is forever famous for his work on the
origin of the moon as the result of a Mars-like planetary collision with the young
earth, a theory of origin that now seems beyond doubt.

2.1.2.3 Donald D. Clayton and Time-Dependent Heavy Element
Nucleosynthesis

Beginning as research student at Caltech with Fowler, Donald Clayton began con-
structing a time-dependent formulation of the s process in 1957, the year of B2FH
publication and of Cameron’s Chalk River lecture notes. Clayton’s discard of the
assumption dN /dt = 0, an assumption requiring a constant o N curve for s-process
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abundances, altered profoundly the direction of s-process research by focusing on
how efficiently seed nuclei could be converted to heavy s-process nuclei. B?’FH
had not addressed that question. Clayton showed, as B?FH had surmised, that the
iron abundance peak must provide the seed nuclei being transmuted into the large
overabundances of barium in stars whose spectra showed Ba/Fe some 20-50 times
the solar ratio. More surprisingly his results also showed that, as cuamulative neutron
fluence increases, none of the sequential abundance distributions that are generated
resemble the solar abundances (Clayton et al., 1961). The solar s-process abun-
dances were required to be a superposition of differing numbers of Fe-seed nuclei
(per Fe nucleus) exposed to differing integrated fluxes of free neutrons. The number
exposed must be increasingly smaller for increasingly larger neutron irradiations.
Galactic history or history within s-process stars is required to bring that superpo-
sition about. Therein lay new astrophysics. The solar s-process abundances were
shown to not be simply a smoothly declining o N curve, as B*FH had speculated,
but a superposition of exposures generating narrow regions of atomic weight near
the neutron-magic numbers where the assumption dN/dt = 0 is severely violated.
Two decades of improved measurements and consequent fitting to solar abundances
(Képpeler et al., 1982) would be required before advances in stellar evolution would
be able to describe the exponential-like fluence distribution that was required. It was
a sophisticated interplay between He-shell pulses and cyclically ignited H burning
at the base of the envelope of AGB stars (see Chap. 3).

From the time of these first solutions of the neutron-irradiation superpositions
resulting in the s-process abundances, new phenomenological aspects of heavy
element nucleosynthesis were possible. The theory-based fit yielded all s-process
abundances with meaningful accuracy. These allowed Clayton and Fowler (1961)
to publish the first decomposition of heavy-element abundances into their s-process
and r-process parts. B2FH had suggested the dominant processes for each isotope in
their spectacular appendix; but a quantitative decomposition became possible for the
first time. Their initial effort has been redone at least a dozen times as new neutron-
capture-cross-section data appeared, most notably first by Seeger et al. (1965) and
later by a new measurement program in Karlsruhe (Képpeler et al., 1982). This
s-r decomposition applied to astronomical spectroscopy of old stars has routinely
produced meaningful new knowledge. Observations of old metal-poor dwarf stars
indicated that the r-process abundances began to grow earlier as star formation first
began than did the s-process abundances (Truran, 1981; Burris et al., 2000). That
result demonstrated that the » process is a primary nucleosynthesis process, rather
than secondary as B?FH had stated. This requires the r process to occur within
core-collapse supernovae. Quantitative s-r decomposition also inspired unforeseen
new techniques for radioactivity-based cosmochronology.

Impressed by the new astrophysics lurking in time-dependence, Clayton advo-
cated time-dependent formulation of the r process as well, again jointly with Fowler
and with P.A. Seeger, Fowler’s research student in Kellogg Lab. For the r process
as for the s process, B*FH had described only a time-independent steady flow that
showed the neutron-rich heavy isotopes did indeed have abundant progenitors in
suitable time-independent settings; but they had not been able to address whether
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the entire r-process abundances can be synthesized at one set of conditions. Com-
puters at that time (1963) were not capable of handling a full r-process network.
Seeger et al. (1965) showed that the full mass range cannot be produced together
(unless new seed nuclei are injected during the process). B2FH had creatively
defined the key nuclear physics relationships of the r process but were mute on its
dynamics. The time-dependent formulation by Seeger et al. (1965) became a proto-
type for r-process astrophysics. It showed the r process to also be a superposition of
differing irradiation histories of seed nuclei. Even after four decades of subsequent
computations, the nature of the r-process superposition remains a frontier puzzle.
It is noteworthy for astronomy with radioactivity that the entire r-process reactions
occur within the realm of radioactive nuclei. Only after rapid expansive cooling can
that neutron-rich radioactive abundance distribution undergo a series of beta decays
changing each isobar identity until resting at the most-neutron-rich stable isobar
(isobar is an isotope having the same atomic weight). A major research goal of
nuclear astrophysics today is better laboratory definition of the parameters defining
accurately the properties of the neutron-rich radioactive nuclei.

Understanding the time dependence during silicon burning (silicon photoero-
sion) was the big scientific challenge of the mid-1960s. Clayton introduced nuclear
quasiequilibrium as a physical concept (Bodansky et al., 1968a,b) to clarify how sil-
icon transmutes to an iron abundance peak. Quasiequilibrium explained the only big
gap in Hoyle’s 1954 theory of primary nucleosynthesis, replacing the ill-formulated
o process of B?FH. A temporal sequence of quasiequilibrium states facilitated the
calculation of the set Amy for k = 28-62 to be inserted in Hoyle’s equation. The
sequence of quasiequilibria again involved relaxing the assumption dN/dt = 0. The
quasiequilibrium concept was powerful and new, and enriched many subsequent
aspects of nucleosynthesis reaction networks (the r process, explosive oxygen burn-
ing, the a-rich freeze out, the origin of 48Ca, and others). Just as all nuclear reactions
proceed at the same rate as their inverses in full nuclear equilibrium (NSE), during
quasiequilibrium one refractory nucleus violates that equilibrium assumption by
changing abundance only slowly, while all others maintain equilibrium with it. Dur-
ing silicon burning the 28Si nucleus is the slowly changing, refractory post to which
the quasiequilibrium distribution is attached (Bodansky et al., 1968a,b). The most
abundant isotopes between A = 44 and 62 are, in this quasiequilibrium sequence,
created as radioactive progenitors rather than as stable isobars, with important con-
sequences for emerging astronomies of radioactivity.

2.1.2.4 The Sequel

The decade 1956-1966 following Hoyle’s pioneering two papers had witnessed pro-
found enlargements of the theory of nucleosynthesis in stars. The years following
the publication of BZFH had been marked by vast improvement and reformulation of
its influential processes. Calculable time-dependent descriptions of heavt-element
nucleosynthesis processes refocused attention from simple correlations between
nuclear properties and abundances to the astrophysical histories and stellar evolution
that bring them into existence. The sometimes heard statement by astronomers that
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not much happened after B>FH reflects lack of awareness of these historic changes.
It may be of interest to note that the beginnings of nucleosynthesis theory was an
international innovation. Of the pioneers named, only Fowler and Clayton were
born Americans; Hoyle, E.M. Burbidge and G.R. Burbidge were English; Suess
was Austrian; and Cameron was Canadian.

Innovations continued and accelerated during the next decade 1967-1977. These
will not be reviewed here except to say that the evaluation of Hoyle’s equation
through numerical computation of the evolution of massive stars yielded repeated
insights into the interplay between stellar evolution and nucleosynthesis. The B2FH
neutron-capture processes revealed layers of complexity associated with the stars
and with time dependences. The innovative center of this research moved away
from Caltech, initially to Yale University and to Rice University, where Cameron
and Clayton respectively founded schools evaluating Hoyle’s equation. New lead-
ers developed within those schools included especially W. David Arnett from Yale
(subsequently also Rice) and Stanford E. Woosley from Rice (subsequently U.C.
Santa Cruz). Each has many important publications on the evolution of massive
stars and the nucleosynthesis in its shells (Arnett, 1996; Woosley and Weaver, 1995)
(see Chap. 4). A European role in this research also experienced rebirth during
that decade, especially in Munich. It is also the decade 1967-1977 that sees the
emergence of several new observational aspects of astronomy with radioactivity. A
description of those developments follows.

2.1.3 New Astronomy with Radioactivity

The existence of natural radioactivity clearly holds implications for the origins of
atomic nuclei. The chemical elements could not have always existed if the radioac-
tive nuclei were created along with the stable nuclei. In this way naturally occurring
radioactivity is intimately related to nucleosynthesis of the chemical elements. It
was evident from the structure of the suggested processes of nucleosynthesis that
radioactive nuclei played a large role in each of them. The key role of radioac-
tive isotopes during nucleosynthesis and during thermonuclear power in stars was
the first astronomy with radioactivity. Presumably the radioactive nuclei would be
ejected from stars along with the new stable nuclei unless they decayed within the
stars prior to ejection. Radioactivity plays a large role in the H-burning reactions,
the PP chains and the CNO cycle (see Clayton, 1968) responsible for the stellar
power capable of keeping the stars from cooling. Hans Bethe was the 1968 Nobel
Prize awardee for discovering these H-burning cycles in stars just prior to WWIL
So it was evident in mid-twentieth centrury that radioactive nuclei carry significant
issues for astronomy. In the 1950s the idea arose of viewing the radioactivity at the
solar center by detecting neutrinos arriving from the sun. Raymond Davis Jr. would
win a Nobel Prize for spearheading that effort.

What made astronomy with radioactivity so exciting scientifically was the dis-
covery in the 1960s and 1970s of altogether new ways of observing radioactiv-
ity in astronomy. These aspects of astronomy with radioactivity generated new



36 D.D. Clayton

interdisciplinary connections to nucleosynthesis. All science needs observations to
provide an empirical base, astronomy just as surely as laboratory science. To be sure,
the scientific method happens differently in astronomy than in laboratory science. In
astronomy there are no experiments that can change the initial conditions as a test of
theories. No experiments can be planned to refute a hypothesis. One has instead only
observations of natural events. In many cases simple observations can be sufficient
to refute a hypothesis. It is fortunate that nature provides so many natural events, so
that in many cases contrasting separate events constitutes a type of experimentation,
giving a spectrum of observations in which conditions differ in ways that must be
inferred but are nonetheless real. The experiments are natural and performed by
nature herself, however, rather than by scientists.

New types of observations of the occurrence of natural radioactivity galvanized
astronomy by providing new kinds of astronomical data. These first historical
advances are reviewed in what follows, as previews to the more detailed chapters
that discuss them. They are: cosmochronology, the age of the elements; gamma-ray-
line astronomy of radioactivity; radioactive power for light curves of supernovae and
of novae; extinct radioactivity measured by excess abundances of daughter nuclei
in solids formed in the early solar system; extinct radioactivity measured by excess
abundances of daughter nuclei in solids condensed while dust particles condense as
gas leaves a site of stellar nucleosynthesis. What follows is a brief description of
how these applications were discovered or anticipated.

2.1.4 Interpreting Exponential Decay

The familiar exponential law of radioactive decay follows from Eq. (1.1) for an
ensemble of N radioactive nuclei from the constancy of decay probablility for a
single nucleus. Given N such nuclei the expected number of decays per unit time
in the ensemble is given by the product of the number N of nuclei and the decay
probablility per unit time for a single nucleus. Accordingly

N NL=N/ (2.4)
_—= = T .
dt

Because X, and therefore 7, is a constant for that nuclear species when it exists
outside of stars, this equation has a well-known integral form,

N(@) = Nye '™ (2.5)

where Ny is the initial number in the ensemble (at ¢ = 0). Similarly, if a number Ny
is observed now at ¢ = 1y, the number that existed at an earlier time #; would have
been

N(t;) = No eo=)/7 (2.6)
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provided that new nuclei have not been added to the ensemble during that time
interval. In the same spirit, if N1 were created at earlier time #; and N, were added
at a subsequent time f,, the number Ny that would exist today at ty is

No = Ny e o=/t 4 N, e~ 0o—12)/T 2.7)

Generalizing slightly, let B (¢) represent the fractional age distribution of the
primary stable solar nuclei at the time of solar formation at ¢ = t. Then dB (¢) /dt
is the number of stable solar nuclei that had been born per unit time at time 7. It is
the age distribution that a radioactive species within an ensemble would have if it
were not decaying. The age distribution for radioactive parents may be thought of as
the age distribution of stable nuclei that were synthesized along with the radioactive
nuclei. A mnemonic for the symbol B, is the birthrate of those solar system nuclei.
dBg/dt is the rate at which the stable nuclei and the primary parent radioactive
nuclei were added to the total sample destined for the solar system rather than the
rate at which they were produced by nucleosynthesis. In drawing this subtle dis-
tinction, Clayton (1988) demonstrated the error of the common practice of equating
the age distribution of solar nuclei with the rate of galactic nucleosynthesis. The
age distribution of solar-system nuclei is vastly different from the galactic nucle-
osynthesis rate because the evolution of the ISM is involved. Even if the ISM is
instantaneously mixed, many of the old nuclei became trapped within stars, so that
the age distribution in the ISM becomes biased toward more recent nucleosynthesis.

Given this definition of dBg /dt as the age distribution of solar-system nuclei, and
given that their addition to the solar sample began at time #; and continued until 7,
the total number of any stable primary nucleosynthesis product would have been,

o dB (1)
Niott = / Lol ar 2.8)
41

Then in analogy with Eq. (2.7), if those nuclei are instead radioactive, the number
surviving until solar formation at time 7o would be

‘o 4B ,
No = 220 p=lo=1)/T gy (2.9)
dr
1

If the total duration 7y — 71 of production is much greater than the mean lifetime t,
and if dB/dt varies only slowly, Eq. (2.9) reduces approximately to

dB
Noz(—@> T (2.10)
a /,,

This useful formula estimates the number of remaining radioactive nuclei to be equal
to the number created during the last mean lifetime of that radioactive species. If
dBy/dt has jagged temporal structure near ¢, however, a more complicated evalu-
ation would be required. The Eq. (2.10) is very useful as a first approximation to the
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numbers of radioactive nuclei within the ISM during continuous nucleosynthesis in
stars if the birthrate B(¢) is redefined as the birthrate spectrum of those stable ISM
nuclei residing in the ISM rather than in stars.

These relationships expressing properties of exponential decay are central to
understanding both extinct radioactivity in the early solar system and the numbers
of radioactive nuclei within astronomical objects.

2.2 Disciplines of Astronomy with Radioactivity

2.2.1 Nuclear Cosmochronology

Today it is self evident that the existence of radioactive nuclei implies that they
were created at some estimable moment in the past. Were that not the case, they
would have long ago have disappeared. But the full implications were not evident
to those engaged in the exciting day-to-day goals of understanding natural radioac-
tivity. Nonetheless, in 1929 Ernest Rutherford wrote what may be the first paper on
astronomy with radioactivity (Rutherford, 1929). Today we use the term nuclear
cosmochronology to mean the attempt to use natural abundances of radioactive
nuclei to compute the age of an astronomical object or of the elements themselves.
Determining the age of the chemical elements by assuming them to have the same
age as the radioactive nuclei became a goal that has attracted many, most notably
William A. Fowler and this writer.

2.2.1.1 Uranium and Thorium on Earth

When he began to think on these things, Ernest Rutherford concluded from the ratios
of 23U/23U as measured in his laboratory that uranium was created somehow
within the sun and transported to earth. Accepting Jeans’s estimate that the age of
the sun was an exuberant 7x 10'? years, he wrote in a prophetic paper addressing
the puzzle (Rutherford, 1929):

..it is clear that the uranium isotopes which we observe on earth must have been forming in
the sun at a late period of its history, namely, about 4x 10° years ago. If the uranium could
only be formed under special conditions in the early history of the sun, the actino-uranium
on account of its average shorter life would have practically disappeared long ago. We may
thus conclude, I think with some confidence, that the processes of production of elements
like uranium were certainly taking place in the sun 4x10° years ago and probably still
continue today.

Corrected modern numbers for those that Rutherford used are the observed abun-
dance ratio 23U/23U = 7.25x 1073 and the mean lifetimes against alpha decay,
(®3%U) = 1.029x10° year and 7(38U) = 6.506x10° year. Since each isotopic
abundance has been exponentially decaying during the age Ag of the earth, their
abundance ratio when earth formed would have been (235U/238U)0 =7.25%x1073
(eAE/TCPU) AR/t (RU))
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The age of the earth has been reliably measured using the fact that these two
isotopes of U come to rest, after a series of alpha decays, as different isotopes of Pb,
namely 2°7Pb and 29°Pb respectively. Using the measured earth age, A = 4.57x10°
year, yields the initial U ratio on earth to have been (3U/28U) =0.31. These facts
are beyond doubt.

The implication of great consequence stems from the expectation that the r pro-
cess that is responsible for the nucleosynthesis of both isotopes, should make more
235U than 238U. 235U has six non-fissioning progenitors whereas 28U has but three.
An r-process progenitor is a non-fissioning transuranic nucleus that after a series
of relatively fast radioactive decays comes to rest at one of these long-lived iso-
topes of U. For 235( those nuclei are A = 235, 239, 243, 247, 251 and 255-totaling
six r-process progenitors-whereas for 238U they are A = 238, 242, 246 and 35%
of 250-totaling 3.35 progenitors. Taking into account the empirical evidence that
production by the r-process favors even-A nuclei by a slight 20% over adjacent
odd-A nuclei, one expects 233U production to exceed that of 23U by a factor near
P(235 U)/ P(238U) = 1.79. This argument reveals that the abundance ratio B5y/8y
has declined from near 1.79 at production to 0.31 when the earth formed. This
decline takes considerable time, showing that U isotopes were synthesized during
pre-earth astrophysical history.

This first calculation of nuclear cosmochronology reveals the nature of the prob-
lem, but also its uncertainties. Is the production ratio P(*PU)/P(*38U) = 1.79 cor-
rectly estimated? Were the U isotopes synthesized in one single presolar event, in
which case it occurred about 6.6 billion years ago, 2 billion years prior to formation
of the earth. Or was their production rate distributed in presolar time? If the age
distribution of the solar system’s r-process nuclei is flat between the time of first
production and the earth’s formation, the beginning of nucleosynthesis would fall
near 13 billion years ago. The true age distribution can hardly be known with any
assurance, revealing the severe limitation of this single pair for constraining the time
of the beginning of nucleosynthesis in our galaxy.

The technique was extended to the ratio 23>Th/>38U by Fowler et al. (1960);
and Fowler returned to it many times in later years (e.g. Fowler 1972); see also
the textbook by Clayton (1968). Relevant numbers used are the observed abun-
dance ratio 232Th/?33U = 4.0 and the mean lifetimes against alpha decay, t(**Th) =
20.04x10° year and 7(**¥U) = 6.506x 10° year. The abundance ratio is much more
uncertain than it was for the pair 2>U/233U because Th and U are different chemical
elements. Any two elements having different fractionation chemistry pose a tough
problem when seeking their ratio in the initial solar system (or in the sun). Since
each isotopic abundance has been exponentially decaying during the age Ag of the
earth, their abundance ratio when earth formed would have been (3*2Th/233U)0 =
2.5 instead of 4.0. And the production ratio in r-process events was inferred from
the same counting arguments of odd and even progenitors of 232Th and 238U to be
P(**2Thy/P(*3¥U) =1.73.

A problem is that this Th/U pair does not give transparently concordant num-
bers with the U pair. Uncertainties in r-process production ratios, in the relative
abundances of Th and U, and in the arbitrary parameterizations of galactic chemical
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evolution that have been used each conspire to yield possible solutions in which
nucleosynthesis began anywhere from 2 to 10 Gyr prior to solar birth. Fowler strove
repeatedly to circumvent these uncertainties, trying to extract the true answer (for
there obviously is a true answer!); but in fact, the data are not adequate and the
astrophysical model of the galaxy used is not adequate for the task. Data from other
chronological species would be needed, along with a more sophisticated apprecia-
tion of galactic chemical abundance evolution.

On a more positive note, Fowler’s papers (Fowler et al., 1960; Fowler 1972, and
several others); inspired many others to tackle this fascinating aspect of astronomy
with radioactivity.

2.2.1.2 Cosmochronology with Extinct Radioactive Abundances

In 1960s a new discovery, excess trapped '2°Xe gas in meteorites (Reynolds, 1960),
provided the first evidence that the matter from which the solar system formed con-
tained radioactive nuclei whose halflives are too short to be able to survive from that
time until today. These are called extinct radioactivity. Discovery of extinct radioac-
tivity utilized the buildup of the daughter abundance from a radioactive decay as
a measure of how abundant that radioactive parent was in the initial solar system.
What Reynolds (1960) showed was that the excess '*°Xe gas in meteorites had
resulted from !2°T decay and that the initial '2°T abundance was about 10™* of the
initial '’T abundance. He realized that this datum allowed an estimate of when the
iodine isotopes had been created. By assuming that at the time of their nucleosyn-
thesis the initial '>°T abundance had been equal to that of stable initial /I, Reynolds
argued from the mean lifetime 7(1%1) = 23.5x10° year (23.5 My) that iodine had
been created only about 300 My prior to solar system birth. This was the first new
cosmochronology technique since Rutherford and brought Reynolds great fame.
Unfortunately, Reynolds’ conclusion was no more believable than Rutherford’s had
been, because his astrophysical model was also quite unrealistic. He mistakenly
assumed that all of the iodine abundance in the solar system had been created at
the same time, and therefore used Eq. (2.5) to estimate that time. Because 1074
requires a decay period equal to about 13 mean lifetimes, he had concluded that the
age of the elements was 137(12°1) = 300 My. Fowler et al. (1960) countered that it
was more realistic to assume that the synthesis of iodine isotopes was spread out by
multiple r-process events, occurring between the time t; of a first nucleosynthesis
event until the time 7o of the last such event prior to solar birth. That concept, called
continuous nucleosynthesis, required use of the Eq. (2.10) limit of Eq. (2.9)
instead of Eq. (2.5). That calculation gave the initial nucleosynthesis epoch to be
1047(12°T) = 230 Gigayears (Gy)-very old indeed, unrealistically old. This picture
was then modified to allow for an interval of sequestered interstellar gas, probably
within a molecular cloud, of about 100 My during which no new nuclei were added
to the solar mix — a so-called free decay interval in which radioactive abundances
would follow Eq. (2.5). Such an interval would require that 100 My before the solar
birth, when that interstellar gas withdrew from new nucleosynthesis, the interstellar
abundance ratio would have been N (1291)/N (1271) = 2.8x 1073 rather than 10~
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Equation (2.10) then suggests that nucleosynthesis began 8 Gy prior to solar birth, a
reasonable number, obtained, unfortunately, by construction. But that construction
had nonetheless established a new paradigm for radioactive abundances in the early
solar system. The upshot for the problem of radioactive chronology is that the abun-
dance of now extinct radioactivity in the early solar system can say little about when
nucleosynthesis first began. But it provides other equally interesting issues for the
astronomy of radioactivity.

Radioactive '2°Tis of special historical significance as the first extinct radioactive
nucleus to be discovered that can be regarded as part of the average radioactivity in
the galactic ISM at the time of solar birth. If so it is in that sense typical of what
is expected in the ISM. Other extinct radioactivities may not be capable of such
an interpretation but must instead be interpreted as produced by a special event
associated with the birth of the solar system. Other subsequently discovered extinct
nuclei that can be regarded in the first category of galactic survivors are >>Mn, '97Pd,
182Hf, 146Sm and **Pu.

2.2.1.3 Birthrate Function for Primary Solar Abundances

The history of nuclear cosmochronology reveals widespread confusion between the
rate of galactic nucleosynthesis and the age spectrum of solar system nuclei. It is
the latter that enters into cosmochronology through Eq. (2.9). So endemic is this
confusion between these two fundamental concepts that it is important to define in
this section the birthrate spectrum for primary abundances in the solar system.

Let Ng be the solar abundance of a primary nucleosynthesis product. One may
think of it either as the total number of those atoms in the solar system, which
consists of awkwardly large numbers, or as the total number of those atoms in the
solar system normalized to a defined abundance for a specified nucleus that sets the
abundance scale. Two such normalized scales are very common: one used more in
astronomy defines the solar abundance of hydrogen to be Ny = 10'2; another, used
more in solar abundances derived from meteorites, defines the solar abundance of
silicon as Ns; = 10°. This book will primarily use the latter definition because most
studies of nucleosynthesis in the literature use the scale Si = 10® (where the chemical
symbol is often used to represent the abundance of that element). Let By (f) be
the cumulative fraction, as a function of time, of stable solar primary nuclei that
already existed at time 7. Letting for convenience the starting time ¢ = 0 be the time
when nucleosynthesis first began, the function B (¢) starts at O at ¢+ = 0 and rises
to Bo =1 att = tg, the time when the solar system formed. Note carefully, B (¢)
is not the cumulative birth fraction of that nucleus in galactic nucleosynthesis, but
rather the cumulative birth fraction of those primary nuclei that actually entered the
solar system inventory. Normalizing this definition of B (¢) as a function that rises
to unity at solar birth, the product

No - Bo(t) = N(1) @2.11)

where Ng is the solar abundance of that stable species, N(¢) is the number of
of those solar-system nuclei that already existed at time ¢. It is equally clear that
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dB (t)/dt is the fractional birthrate per unit time of primary solar nuclei. It is the age
distribution of solar nuclei, and redefined as here to rise to unity it is approximately
the same function for all primary stable nuclei.

A mental experiment is needed to set this birthrate function clearly in mind before
considering why it differs so from the nucleosynthesis rate. The reader is warned
that the research literature suffers endemic confusion over that distinction, requiring
its careful definition. For any primary nucleus within solar abundances, paint each
solar-system atom of it red! This cannot of course be done in reality, but the thought
experiment helps understanding of the birthrate spectrum. On the scale Si = 10° one
has by construction 10° red Si atoms in the solar system. Then imagine watching
a film run backwards in time of these 10° red Si atoms. Back in the interstellar
medium they are mixed with a much larger number of unpainted Si atoms. As the
film runs to earlier times, these 10° red Si atoms have greatly differing histories.
Some, after being created in a supernova, have later been inside a star, survived and
come back out. But for each atom, its world line reaches a time when that atom first
came into existence. Each of the 10 red solar Si atoms is labeled by that birthdate,
born from distinct supernovae at differing times. Then a graph is constructed giving
the total number that existed at time ¢. This graph starts at 1 atom when the first solar
Si atom is created and reaches 10° by the time the solar system forms, when all 10°
have been created. If the curve is then normalized by dividing by 10°, one has the
birthrate spectrum B (¢) of solar primary nuclei, which rises to unity at the time the
solar system forms. Equation (2.11) depicts this situation, where N (¢) rises to 10° at
solar birth, but By (¢) rises to unity at that time. Although different primary species
have vastly differing abundances, for each the function By (¢) is approximately the
same function because the abundances of all primary nucleosynthesis products rise
approximately (but not exactly) together.

Equation (2.11) is the solution of the differential equation

dN/dt = dBg(t)/dt for stable nuclei (2.12)
and
dN/dt = dBo(t)/dt — AN for radioactive nuclei (2.13)

One frequently sees these equations written for galactic nucleosynthesis, with dB/dt
identified as the galactic nucleosynthesis rate and N () as the ISM abundance. This
is a fundamental error. Consider why?

The galactic nucleosynthesis rate for Si atoms was very large in the young galaxy,
when the rate of formation of massive stars and supernovae was large. But those
new Si atoms in the interstellar medium become mostly locked up in the interiors
of subsequent low-mass stars, and are not available for incorporation into the solar
system. This occurs because it is the fate of most interstellar gas to be locked up
in low-mass stars. The initially gaseous galaxy is today about 10% gas, with 90%
trapped in low-mass stars. The origin of the Si atoms that entered solar matter is
therefore biased towards supernovae that occur relatively shortly before solar birth,
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and biased against those that were created long earlier. This important conceptual
distinction was demonstrated quantitatively by Clayton (1988), who stressed the
concept of the age spectrum of solar nuclei and who constructed analytic models
of galactic chemical evolution that enable a full disclosure of such issues. As an
example, the simplest of all realistic models supports a star formation rate and
supernova rate that declines exponentially as the interstellar gas is exponentially
consumed; but the age spectrum of solar nuclei in that model is constant — equal
numbers from equal times, despite the strong bias of nucleosynthesis of Si toward
early galactic times. The student can study Clayton (1988) for many related issues
for cosmochronology. Some of these issues involving galactic chemical evolution
will be addressed later.

2.2.1.4 Uranium and Thorium in Old Dwarf Stars

An altogether new technique in radioactive chronology became possible as CCD
detectors enabled astronomers to measure line strengths for much weaker lines than
had been previously possible. Butcher (1987) advanced the first such argument when
he was able to accurately measure the abundance of thorium in old dwarf stars. The
measured abundances enabled him to argue that the oldest stars are no older than
10 Gy. If they were, Butcher argued, the Th, which has resided in the old stars since
their births, would by now have decayed to a smaller abundance than it is observed
to have. Because the dwarf stars observed appear to be among the early stars formed
in our galaxy, the argument concludes that the galaxy age is negligibly greater than
10 Gy. It will be clear that since the 23>Th mean life is a very long 20 Gy, it can
have decayed from its initial abundance by only ¢=%> = 0.6 during a 10 Gy life
of a dwarf star. Therefore the method requires not only an accurate measurement
of the Th abundance but also an accurate estimate of its initial abundance when
the star formed. It is the reasoning required to obtain that initial abundance that
is a controversial aspect of this method. Realize also that the Th in an old star is
decaying freely, so that its abundance declines faster than in the ISM where new
nucleosynthesis of Th continuously replenishes it.

The method advocated measures the ratio of Th/Nd in the star and observes that
the measured ratio is smaller than that seen in younger stars. It assumes that the
initial Th/Nd ratio in the star would be the same as the ratio seen in young stars,
since both Th and Nd are products of the r process and may be hoped to have a
constant production ratio there. It was then counter argued (Clayton, 1987, 1988)
that a constant production ratio for Th/Nd is not to be expected because almost half
of the solar Nd abundance has been created in the s process, and, furthermore, the
r process is primary whereas the s process is secondary. There exists ample and
exciting evidence from the observed r-process pattern of abundances in extremely
metal-deficient old stars (Truran, 1981; Gilroy et al., 1988; Beers and Christlieb,
2005) that the r-process nucleosynthesis began prior to the beginning of the s pro-
cess. That seemed to support the initial skepticism about Butcher’s technique. But
astronomers hurried to point out that if one omits the very metal-deficient old stars,
the ratio of r-to-s abundances in stars having more than 10% of solar abundances
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is observed to be a near constant. Clayton (1988) revisited that larger puzzle of
parallel growth of s and r nuclei, noting that the abundance evidence suggests that
the s process is primary despite its building upon iron seed nuclei; moreover, he
presented a nucleosynthesis argument that showed how the s process could in fact
resemble primary nucleosynthesis even though it is secondary! See Section 3.1 of
Clayton (1988) for that argument, which has proven to be of high significance for
nucleosynthesis theory.

The lesson to be taken from this exciting new technique and its controversy is
this: radioactive nuclear cosmochronology is vitally dependent upon a correct pic-
ture of the chemical evolution of the galaxy. As such it has become less the province
of nuclear physics and more the province of astronomy. Tinsley and Clayton both
made that point in timely and influential ways. Only when many essential details of
the history of our galaxy and of the history of nucleosynthesis within it have been
settled can these techniques of radioactive chronology yield a reliable answer for
the age of the chemical elements. Nuclear cosmochronology is truly an astronomy
with radioactivity.

2.2.1.5 Cosmoradiogenic Chronologies

In the early 1960s a different approach to radioactive chronology became possible.
It utilizes the buildup of the daughter abundances of radioactive decay during the
history of interstellar matter as a measure of how long that decay had been occurring
and, therefore, how long ago the production of radioactivity began. One can imagine
the stable daughter of a radioactive decay as a bucket into which all interstellar
decay of the radioactive parent has been collected. It integrates past decay rather
than focusing on how much radioactivity remains. Such daughter-isotope buildup
during the history of the earth was already known as radiogenic abundance. It had
been applied to the ages of earth and of meteorites, samples in which it could be
expected that the other initial isotopic compositions were well known-namely, the
solar abundances. But radiogenic abundance collected during the history of interstel-
lar matter, what Clayton (1964) called cosmoradiogenic abundance, was not seen
as possible data for determining the age of the elements themselves because the
interstellar abundances are increased by the processes of nucleosynthesis as well as
by any radioactive decay for specific isotopes. Thus the cosmoradiogenic abundance
could not be easily disentangled from the direct nucleosynthesis abundance.

What cut through that impasse was a credible quantitative theory of heavy-
element nucleosynthesis. Suess, B2FH and Cameron had each contributed impor-
tantly to the idea that two distinct neutron-capture processes, the s process and the
r process, had been responsible for the creation of all but the very lightest isotopes of
the elements heavier than about Z = 32. The disentanglement required two things:
firstly, an accurate s-process theory and secondly, a parent-radioactivity abundance
that could be produced only by the r process and a daughter that could be produced
only by the s process. The radiogenic daughter of such a radioactive r-process iso-
tope is called a shielded isotope, because it is shielded from r-process production
by the radioactive parent.
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Clayton (1964) made the key first step by noticing that the solar abundance of
18705 is about twice as great as it is expected to be from s-process nucleosynthesis,
and that it cannot be synthesized by the r process because neutron-rich matter at
A = 187 will, upon decaying toward stability, arrest at '8’Re. The decay cannot
reach '370s, which is shielded by '®’Re. The r-process production flows into '8’Re.
The abundance of '870Os can then be thought of as having two parts; a part produced
by the s process and a part produced by the decay of very-long-lived '®’Re. The
quantitative s-process theory (Clayton et al., 1961) reliably accounted for about half
of the '870s abundance, so the other half had to be the result of the beta decay of
187Re during ISM residence:

187Re — 187 Os +e~ + vty =43 Gyr

That the halflife exceeds the galaxy’s age is useful, because only a modest fraction of
the '87Re can therefore have decayed during presolar history and most of it therefore
still exists; but because '87Re is six times more abundant than the s-process amount
of 1870s, a decay of only 1/6th of the '8"Re can have doubled the s-process '870s
abundance. The persistence of live '8’Re is even necessary for the method, because
it allows one to equate the total amount of '8Re nucleosynthesis that was destined
for solar incorporation to the sum of the quantity of '8’Re remaining at solar birth
and the quantity of '8’Re that had already decayed prior to solar birth. The latter is
the difference between the total solar abundance of daughter '87Os and the quantity
produced by the s process. That is,

1870S 187 Oss +187 Ose

where '870s, is the cosmoradiogenic part of the '370Os abundance owing to cos-
mic '8’Re decay. And the s-process part can be obtained from '%70s; = 13905
(0(186)/0(187)), where o is the appropriate neutron-capture cross section during
the operation of the s process. This last relationship is valid because the entirety of
1860 is from the s process because it is shielded from r-process nucleosynthesis.

The discovery of the Re-Os clock was the key that Clayton (1964) used in pre-
senting solutions to three cosmoradiogenic chronologies. These are the beta decay
of 187Re to '870s described above, the similar beta decay of 3’Rb to 87Sr, and the
a-decay chains by which 233238U decay to 297-296Pb, Each had been known in the
study of meteorites, but by this work they joined studies of the age of the elements
themselves.

Cosmoradiogenic lead is the more interesting of the other two chronologies,
in part because it couples cosmoradiogenic Pb to the older chronology based on
235y/?38U, and in part because the Pb isotopes have three contributions to their
abundances:

206Pb __206 Pb, +206 Pb, +206 Pb.
207Pb 207 Pb; +207 Pb, +207 Pb,
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where 2%Pb,. is the cosmoradiogenic part from 23U decay, and where °7Pb, is the
cosmoradiogenic part from 233U decay. Suffice it to be said here that the s-process
part and the r-process part can both be estimated, and from them the chronological
solutions can be displayed. Readers can turn to Clayton (1988) for these solutions.

The cosmoradiogenic chronologies seem to indicate an older galaxy than do the
direct-remainder chronologies (Clayton, 1988). But they also are compromised by
unique and interesting uncertainties. For the '3"Re cosmoradiogenic chronology, the
main uncertainty is how greatly its decay rate is speeded by its incorporation into
stars, where ionization increases its beta decay rate. Yokoi et al. (1983) evaluated
this effect within an ambitious galactic chemical evolution model that enabled them
to take into account the fraction of '37Re that is incorporated into stars and ejected
again without nuclear processing and how much time such interstellar '8’Re spends
inside of stars. Their results can be reproduced by a 40% increase of the neutral
187Re decay rate. For the Pb cosmoradiogenic chronology, the main uncertainty is
an especially interesting set of nucleosynthesis problems associated with both the
s-process part and the r-process part of their abundances. Uncertainty about the
Pb/U elemental abundance ratio also suggests some caution.

Certainly it can be said that these chronologies present intricate problems in the
astronomy with radioactivity.

2.2.1.6 Radioactivity and Galactic Chemical Evolution

In astronomy, the abundances of radioactive species are interpreted through the
lens of galactic abundance evolution, frequently called galactic chemical evolution
(GCE). Interpretations of nuclear cosmochronology or of initial solar abundances of
extinct radioactivities depend on the mean expected abundances in the ISM when
solar birth occurred. Galactic Chemical Evolution traditionally concerns the chem-
ical composition of the mean ISM. It features continuous nucleosynthesis between
a starting time and the time when solar formation occurred. During that lengthy
galactic period radioactive abundances undergo decay and are incorporated into new
stars, but they are also replenished by the injection of freshly synthesized radioac-
tivity and are diluted by low-metallicity matter falling onto the disk. Competition
among these terms renders simple galactic chemical evolution a showplace for the
behavior of radioactivity. One differential equation describing that abundance of
those specific galactic atoms (the red atoms) that will later be incorporated into the
solar system can be thought of as the solution of

dN  dBo(t) N()
dt —  dr T

(2.14)

where t=1/) is the mean radioactive lifetime of the nucleus in question, N(t) is its
time-dependent abundance within those (red) atoms that are destined for inclusion
in the solar system, and B () is the birthrate spectrum of those solar nuclei, defined
such that %dr is the number of stable solar nuclei that were born between
times t and t+dt. The birthrate spectrum of solar nuclei is unknown, however, so
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Eq. (2.14) can not be solved. Despite this limitation, workers persisted in attempt-
ing to fix the time of the beginning of nucleosynthesis from Eq. (2.9), which stu-
dents can show does solve the differential equation (2.14) above. Many tried this
approach by assuming an easily integrable form for d L?t(t) most often exp(—Gt),
where G is taken (erroneously) to be an unknown positive number. That assumption
proved seductive to many, because the rate of galactic nucleosynthesis is believed

to decrease smoothly With time, so maybe M

Importantly, however, 9() differs greatly from the galactic production rate and
actually grows with tlme The reason for this surprise requires understanding.

The birthrate spectrum imagines that the nuclei destined for the solar system
could be tagged at birth (imagine red paint) and ignores all other ISM nuclei.
Because By (¢) is unknown, however, astrophysicists instead calculate the evolution
of the interstellar abundances. Their mean values in a well mixed ISM at the time
of solar birth provide the expected solar abundances. The conceptual difference
between B (f) and the galactic nucleosynthesis rate has confused many unwary
researchers. Many published papers have used their chosen form for dB@ @) and inte-
grated Eq. (2.9) in the hope of fixing the beginning time of galactic nucleosynthe51s
(the lower limit) by comparing those calculated results with known initial radioac-
tive abundances in the solar system. A common form because Eq. (2.9) is then easily

integrated is dB 2(’) = exp(—Gt). In retrospect, however, such poor choices for the

form of dB;’t(t) render their conclusions invalid.

How does GCE clarify the problem of galactic radioactivity? The mass Mq of
ISM gas is reduced owing to the rate ¥ (¢) of its incorporation into new stars, but it
is increased by the rate E () at which mass is ejected from old stars and by the rate

f () at which new mass falls onto the galactic disk:

can be assumed to decline as well.

dMg

7 = VYO+EO+ @) (2.15)

If one takes the ejecta rate E(¢) from the spectrum of newly born stars to be a
fixed return fraction R of the rate i (¢) at which mass joins new stars, and if one
assumes linear models in which the rate of star formation is proportional to the
mass of gas M¢ , the equations governing the interstellar composition of both stable
and radioactive nuclei can be solved analytically within families of choices for the
infall rate f(¢), as Clayton (1985, 1988) has shown. These analytic solutions for
ISM abundances do indeed clarify radioactive abundances. For that purpose Clayton
writes

dM ¢
7=—1/f(l‘) (I1—=R) + f(t) = —wMg + f(1) (2.16)

where wM¢ () = (1 — R)y(¢) is valid for linear models. The constant w is the rate
of consumption of gas by star formation when compensated by gaseous return from
stars. These are called linear models because the star formation rate ¥ (¢) is taken
to be proportional to the mass Mq(¢) of interstellar gas. That linear assumption is
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not strictly true; but it is plausible in taking the star formation rate to increase as the
mass of gas increases, and to decline as it declines. Furthermore, it is supported by
observations of star formation rates in spiral galaxies. From their observations, Gao
and Solomon (2004) state, “The global star formation rate is linearly proportional to
the mass of dense molecular gas in spiral galaxies.” The purpose of models of galac-
tic chemical evolution insofar as galactic radioactivity is concerned is to understand
the mean expectation for radioactivity in the ISM. The families of linear analytic
models are constructed for that purpose.

Coupled with Eq. (2.16) is an equation for the rate of increase of the concentra-
tion Z of each interstellar nucleosynthesis product. The concentration is defined as
the mass of species Z in the ISM divided by the total mass M of ISM gas and dust.
The concentration Z, rather than total numbers of atoms, is the quantity tradition-
ally used in chemical evolution studies because it is concentration that astronomers
measure. The mass mz = ZM ¢ of interstellar species Z is governed by

dm VA
7l —ZyW)+Zg EM)+Zy f(1) (2.17)
where Zg and Z s are, respectively, the concentration of Z in the spectrum of stellar
ejecta, where it is large, and in the infalling gas where it is small. The metallicity in
infalling gas Z y may probably be neglected with good accuracy.

Many workers have shown that it is a good approximation for analytic under-
standing to assume that the ejecta E(¢) is returned at once from the entire spectrum
of newly born stars despite the dependence of stellar lifetime on stellar mass. That
assumption is called the instantaneous recycling approximation, and it is reasonable
except late in the life of a galaxy when the gas mass and the star-formation rate have
both become very small. But for galaxies in early and middle lifetime, Eq. (2.17)
can then be written after some straightforward algebra as

dz ZIONEN.

a2 CT Mo

(2.18)

where myz = ZMg, Z being the concentration in the ISM gas (taken to be well
mixed), and y is the yield of element Z, defined as the mass mz of new Z ejected
from the entire spectrum of newly born stars divided by the mass of stellar remnants
left behind by that entire spectrum of stars. The yield y for primary nucleosynthesis
products may be taken as a constant despite having small variations in full numerical
models. The product yw in Eq. (2.18) can be called the galactic nucleosynthesis
rate, which, through o, depends explicitly on the star formation rate (Mg =
(1 — R)Y (¢)). Equation (2.18) for the ISM concentration differs from Eq. (2.14)
for the history of solar nuclei by the existence of the second term of Eq. (2.18). That
term reflects the loss of interstellar metal concentration Z when ISM gas containing
Z collapses into new stars and is simultaneously diluted by metal-poor infall.
Comparison of Eq. (2.18) with Eq. (2.14) shows clearly why it is an error to
integrate Eq. (2.14) thinking that the solar-nuclei birthrate spectrum can be mentally
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equated with the spectral rate of galactic nucleosynthesis. Equation (2.18) similarly
has the galactic nucleosynthesis rate as the first term and the radioactive decay rate
as the last term; but the astrophysical Eq. (2.18) contains the middle term involving
both the galactic infall rate and the mass of ISM gas, both of which are time depen-
dent. Integrations of Eq. (2.14) by assuming B (¢) ignore the effects of the ISM and
can be correct only if the assumed form dBg () /dt actually resembles the number of
solar nuclei born per unit time rather than the galactic nucleosynthesis rate. As the
birthdate of solar nuclei is usually what is being sought in nuclear cosmochronol-
ogy, one cannot get the answer from Eq. (2.14) without first knowing and inserting
the answer. For that reason nuclear cosmochronology must instead be investigated
within the context of galactic chemical evolution. These points are central to the
subject of astronomy with radioactivity within solar-system nuclei.

Clayton (1988) showed one way forward. One can integrate Eq. (2.18) analyti-
cally with the aid of flexible families of functions that enable analytic integration.
This can be accomplished by form-fitting the ratio f(¢)/M¢g(t) to an integrable
family of functions d6/dt. Such form fitting is much more flexible than it would
at first seem to be, because most physically plausible time-dependent behavior can
be approximated by a specific form fitting choice. One such useful choice has been
called the Clayton Standard Model. 1t takes

do
T = f()/Mg(t) = 7Y

(2.19)

and its explicit functions are given in Appendix Al of this book.

For the astronomy of radioactivity, the great merit of this approach is exact ana-
Iytic solutions for Z(¢) for both stable and radioactive isotopes while simultaneously
yielding exact functional representations of the mass Mg (¢) of interstellar gas and
of the infall rate f(¢). Understanding these analytic models greatly aids understand-
ing the behavior of radioactivity within more general numerical models of galactic
chemical evolution. The numerical approach is to place the evolution of the galaxy
on a computer, taking into account the evolutionary lifetime of each star formed and
the specific nucleosynthesis products to be ejected from each star (e.g. Timmes et al.,
1995). Although this approach is undoubtedly correct, it obscures theoretical under-
standing that can be seen more easily within analytic models. Furthermore, surveys
of nuclear cosmochronology can more easily be carried out within analytic models.

All well mixed models of galactic chemical evolution can at best yield only an
average expectation for the ISM. The true ISM is inhomogeneous in space and the
nucleosynthesis rate is sporadic in time rather than maintaining its steady average.
Nonetheless, well mixed models, both analytic and numerical, are important in lay-
ing out the results that would be true for a rapidly mixed ISM and a smooth rate of
galactic nucleosynthesis. One interprets the observations of radioactive abundances
against the backdrop of that expectation.

Another result of great importance for short-lived galactic radioactivity is best
illustrated within Clayton’s standard model. For short-lived radioactivity, i.e. when-
ever A is small, the mean concentration in the galactic ISM is
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k -1

From this equation and one for a stable isotope the abundance ratio of a short-lived
radioactive nucleus to that of a stable primary isotope in the ISM is larger by the
factor (k + 1) than one might estimate without taking galactic chemical evolution
into account. As an example, consider the interstellar ratio of radioactive 201 to
stable 27 Al. The formula

Z(*°Al) _ y(26) 26
ZEAD — yal) (k+1) . 2.21)

can be derived from such a ratio (Clayton et al., 1993). This result is larger by the
factor (k + 1) than an estimate using only Eq. (2.10), which had traditionally been
used in oversimplified discussions of the steady-state amount of short-lived inter-
stellar radioactivity. That oversimplification can be found in almost all published
papers on short-lived interstellar radioactivity. The extra factor (k + 1), which is
an effect of infall of low-metallicity gas, became important when a large mass of
interstellar 2°Al was detected by gamma-ray astronomy (see Chap. 7).

2.2.2 Gamma-Ray Lines from Galactic Radioactivity

One thinks of at least three reasons that the idea of astronomically detecting galactic
radioactivity did not occur until the 1960s. In the first place, MeV range gamma
rays do not penetrate to the ground, but must be detected above the atmosphere.
Secondly, detecting MeV gamma rays and measuring their energies is a quite dif-
ficult technology, especially so when the background of cosmic-ray induced events
above the atmosphere is so large. Thirdly, even a back-of-the-envelope estimate of
expected rate of arrival from a stellar source is discouragingly small.

2.2.2.1 The Rice University Program

In 1964 a new aspect of astronomy with radioactivity arose. Robert C. Haymes
was hired by Rice University, and he spoke there with Donald Clayton about the
possibility of sources of galactic radioactivity that he might seek with an active anti-
coincidence collimation for a Nal detector flown beneath a high-altitude balloon.
Burbidge et al. (1957) had speculated (incorrectly) that the exponential 55-night
decline of the luminosity of many Type la supernovae was the optical manifestation
of the decline of the spontaneous-fission radioactive decay of *Cf in the ejecta
of the supernova, which would quickly have become cold without some heating
mechanism that had to decline with a roughly two-month halflife. The >*Cf nucleus
would be synthesized by the r process (assumed to occur in Type Ia supernovae)
along with uranium and thorium. The large kinetic energy of its spontaneous-fission
fragments would be converted to optical emission by being degraded by atomic
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collisions within the ejected gas. This was called the californium hypothesis. But
B2FH had said nothing about gamma-ray lines. The novel excitement at Rice Uni-
versity was the new idea that concepts of nucleosynthesis could be tested directly if
the associated gamma-ray lines from the r-process radioactivity could be detected
on earth coming from supernova remnants. Haymes estimated rather optimistically
that his detector could resolve lines having flux at earth greater than about 10™4
em~2 s7!. The first scientific paper written with that goal was soon published
(Clayton and Craddock, 1965). It evaluated the full spectrum of radioactivity by an
r process normalized to the yield proposed by the Cf hypothesis. They found several
promising lines. For example, the strongest from a 900-year old Crab Nebula would
be 24°Cf, presenting 10 *cm~2s~! gamma-ray lines having energy 0.39 MeV. It
is no accident that the *°Cf halflife (351 year) is of the same order as the age of
the Crab Nebula. Given a broad range of halflives in an ensemble of nuclei, the one
giving the largest rate of decay has mean life comparable to the age of the ensemble.
It can be confirmed that in a remnant of age T the rate of decay per initial nucleus
is Ae ™7, which is easily shown to be maximal for that nucleus whose decay rate
A =1/t =1/T. A photograph (Fig. 2.1) from those Rice years is included.
Realistic expectations were not so sanguine, however. The r-process yield
required by the Cf hypothesis appeared excessively large (Clayton and Craddock,
1965). The r-process nuclei in solar abundances would be overproduced by a fac-
tor 100 if all Type Ia supernovae produced that yield. Despite that reservation, an
exciting chord had been struck. A new astronomy of radioactivity appeared pos-
sible, one having significant scientific payoff, and Haymes’s gamma-ray telescope
began a program of balloon flights. The program did not discover r-process radioac-
tivity, but it did discover apparent positron-annihilation radiation from the center
of our galaxy (Johnson et al., 1972) and hard X-rays from several sources. The

Fig. 2.1 Robert C. Haymes and Donald D. Clayton with Haymes’ gondola for his balloon-borne
gamma ray telescope at Rice University in 1973. Haymes pioneered gamma-ray astronomy in the
MeV region and Clayton developed gamma-ray-line targets for this goal and for nucleosynthesis.
This program at Rice University trained two Principal Investigators and two Project Scientists for
later experiments on NASA’s Compton Gamma Ray Observatory
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observational program at Rice University also trained two of the principal investiga-
tors (G.J. Fishman and J.D. Kurfess) and two of the project scientists (W.N. Johnson
and C. Meegan) on NASA’s later Compton Gamma Ray Observatory, which went
into orbit in 1991. And Clayton began a NASA-sponsored research program for
laying out theoretical expectations for nucleosynthesis produced radioactivity and
its associated nuclear gamma-ray lines in astronomy. Gamma-ray-line astronomy
was in that sense launched by the Rice University program.

At least two other groups followed the Rice University lead and became and
remained leaders for the subsequent decades. They constructed differing telescope
techniques from that of Haymes Nal scintillator. One was the JPL research group —
A.S. Jacobson, J.C. Ling, W.A. Wheaton, and W.A. Mahoney. Using a cluster of
four cooled high-purity germanium detectors on NASA’s HEAO 3, which was
launched in 1979, they discovered the first galactic gamma-ray line from radioac-
tive decay. A group at MPI fiir Extraterrestrische Physik in Munich, V. Schon-
felder, P. von Ballmoos and R. Diehl, developed a Compton-scattering telescope
capable of good energy resolution and a greater angular view of the sky. Their
active results from balloon-borne launches in the 1980s presaged the splendid
results of their instrument on NASA’s Compton Gamma Ray Observatory. Jacob-
son’s JPL group was not so lucky, as their experiment was removed from CGRO
as a cost saving. Other groups joined the effort to create this new astronomy with
radioactivity.

2.2.2.2 Earliest Predictions of Detectable Gamma-Ray Lines

Inspired by the Rice University balloon program, a series of studies of the nucle-
osynthesis of radioactivity was undertaken. It may seem surprising in retrospect
that this could not have been done by a routine search of the chart of nuclides
in conjunction with nucleosynthesis theory. But the data base necessary did not
exist. Four decades ago, nucleosynthesis theory was undergoing rapid expansion
and clarification, so that it was a series of new insights that laid out each new
prospect as it was discovered. Unquestionably the most important of these devel-
opments occurred in 1967 when a Caltech group (Bodansky et al., 1968a,b) and a
Yale group (Truran et al., 1967) showed with differing research techniques that the
e process of Hoyle (1946) and Burbidge et al. (1957) for the nucleosynthesis of
the iron abundance peak was incorrectly applied. Instead of producing iron isotopes
as themselves within a neutron-rich nuclear-statistical equilibrium (NSE), as Hoyle
had suggested, they were produced as isobars of radioactive nickel that decayed to
iron isobars only after nucleosynthesis and ejection from supernovae. Owing to the
increasing strength of the Coulomb energy in nuclei, the most stable nucleus for
4n nuclei shifts from Z = N below A = 40to N = Z + 4 for A = 44-60. But
insufficient neutron excess required those major nuclei to form as unstable Z = N
nuclei. This brought into view the astronomical significance of several important
radioactive nuclei. A historical study, Radiogenic Iron, was written later to lay out
the many significant astrophysical issues that hinged on this new understanding
(Clayton et al., 1993).
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It is of interest in a historical sense to consider the sequence of subsequent
predictions of target radioactivity for astronomy. Clayton et al. (1969) jumped on
the newly discovered radioactivity in the revised equilibrium processes (preceeding
paragraph). Easily the most important nucleus was °Ni, having Z = N, whose
beta decays to *°Co and thereafter to *°Fe, having N = Z + 4, are accompanied
by numerous gamma ray lines that might be resolved by spectroscopic gamma-ray
detectors. G.J. Fishman was a research student in R.C. Haymes’ Rice University
balloon program when he and Clayton began calculating this spectrum of lines
and their time dependences. Their motivation was to test nucleosynthesis theory,
especially the fresh new view of explosive nucleosynthesis that had led to °Ni
nucleosynthesis. S.A. Colgate joined this effort because he had independently begun
to investigate whether the energy deposition from the radioactivity could explain
the exponentially declining Type Ia supernova light curves (Colgate et al., 1969).
Burbidge et al. (1957) had attributed those long lasting light curves to heating by
spontaneous fission fragments from freshly produced 2*Cf. As the simplest model
(Clayton et al., 1969) evaluated fluxes at earth from the rapid expansion of a solar
mass of concrete, much of which had been explosively processed to *°Ni in the
way anticipated by Bodansky et al. (1968a,b). The lifetime of 3°Co was seen as
favorable for sufficient expansion for the gamma rays to escape. They neglected a
massive envelope, as might overlie Type II cores, realizing that such an envelope
would seriously limit the escape of the °Ni gamma rays. Clayton et al. (1969)
was a very important paper, not only because it was correct in its prediction of
the strongest gamma-ray nuclear source, but also because of its galvanizing effect
upon experimental teams and on NASA planning. It later was included in the AAS
Centennial Volume of seminal papers of the twentieth century. NASA Headquarters
suggested funding of a research program at Rice to layout additional prospects for
this new astronomy of radioactivity. The NASA grant at Rice was entitled Prospects
for Nuclear Gamma-Ray Astronomy. But the detection of those *°Co gamma rays
did not become possible until SN1987A occurred in 1987.

Clayton et al. (1969) also first suggested that unknown galactic supernovae
(unseen owing to optical obscuration) may be discovered in gamma-ray lines. The
lines from radioactive 44Ti, with 60-year halflife, ought to be detectable from several
supernovae that have exploded during the past two centuries, considering that about
three per century seem to occur on average within the Milky Way. This exciting idea
has great implications for galactic nucleosynthesis and astrophysics; but its hope has
been frustrated for astrophysical reasons that are not yet understood.

It was quickly realized (Clayton and Silk, 1969) that the entire universe might be
filled with detectable 3°Co gamma rays from the past history of supernova explo-
sions throughout the universe. This work suggested that observable gamma rays
owing to the collective effects of many supernovae rather than specific young super-
novae might be targeted. Detecting the universe in this way remains a goal of the
astronomy of radioactivity.

Two years later it was proposed (Clayton, 1971) that the collective effects of
galactic supernovae might allow one to observe gamma-ray lines from long-lived
radioactive nuclei whose emission would be too weak from individual supernovae.
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That first work in that regard focused on ®Fe, whose 2.6 million years halflife!
makes emission from an individual supernova too slow to be observable for the
modest number of %°Fe nuclei produced within a single supernova. The °°Fe nucleus
emits a 59 keV gamma ray upon decay, and its daughter ®°Co emits gamma-ray
lines of 1.17 and 1.33 MeV. Reasoning that during its long mean lifetime some
50,000 supernovae occur in the Milky Way, their collective effect should be observ-
able. This reasoning applied equally well thirteen years later to the first interstellar
radioactivity to be detected, that of 201,

Surprisingly in retrospect, several years passed before Clayton (1974) realized
that when 7 Co, the daughter of 36-h 57N, decays, it also emits favorable gamma-
ray lines and that its longer 272-day halflife would cause it to radiate these after
the 3°Co was almost extinct. This made °’Co much more significant than had been
appreciated. Clayton (1974) drew attention to the significance of >’ Co and to several
new ideas for astronomy with radioactivity. Firstly, given an appropriate galactic
supernova one might measure the material thickness overlying the radioactive cobalt
by the distinct times at which differing gamma-ray lines reach maximum flux. This
happens because the structural opacity for the 2.60 MeV gamma ray is only about
half that for the 0.84 MeV gamma ray (both from °Co decay), so that the 2.60 MeV
gamma ray should peak earlier despite the equal rates of emission. Additionally, the
0.12 MeV gamma ray from the slower >’ Co decay suffers even more absorption and
so peaks later yet in time. These time delays have not yet been measurable because
a time-dependent gamma line flux requires a bright supernova which would have
to occur within our own galaxy. Clayton (1974) also warned that hydrodynamic
instabilities could allow the central material to burst through in streams and thereby
appear earlier than anticipated. Early escape of lines from °Co was later detected in
SN1987A, which exploded in the Magellanic Clouds, and from which gamma-ray
lines from both 7°Co and 7Co were first detected (see Chap. 3). Earliest of the
recorded *°Co photons were by the gamma ray spectrometer aboard NASA’s Solar
Maximum Mission, which happened to be in orbit when SN1987A exploded and
whose sun-pointing spectrometer was reinterpreted as a gamma ray telescope (Leis-
ing and Share, 1990). Several balloon-borne gamma-ray spectrometers were flown
and also detected °Co lines. When 3’ Co was detected in SN1987A by Kurfess et al.
(1992) with the Oriented Scintillation Spectrometer Experiment on NASA’s Comp-
ton Gamma Ray Observatory during summer 1991, 4 years (about six halflives of
37Co) had elapsed since the explosion, so that the >’Co abundance had decayed to
only about 1.5% of its initial amount. Tension surrounded the hope that it would still
be detectable. It was, with 40 significance, implying that the initial abundance ratio
S7Ni/6Ni was about twice the ratio 3’ Fe/>*Fe measured in terrestrial iron.

At almost the same time as the >’ Co prediction, Clayton and Hoyle (1974) pro-
posed that gamma rays may be detectable from the more common nova explo-
sions owing to the radioactivity created by the nova outburst. These involve the
positron-annihilation line from the hot-CNO burning that powers the nova outburst

1" At that time, the halflife of 'Fe was best-known as 1.5 My.
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(Starrfield et al., 1972). These 511 keV photons would have to be detected very
quickly, within roughly 103 s after the outburst because of the short halflives of
CNO radioactive nuclei. They also pointed out the prospect of detecting a 1.274
MeV gamma ray following >’Na decay. Because of its longer halflife (2.6 year),
?2Na remains alive for the roughly 10° s required for the nova ejecta to become
transparent to the gamma ray. These goals have not succeeded yet, but they remain
a realistic hope of measuring the thermonuclear power of the nova. The model of
the nova makes it a remarkable laboratory for thermonuclear explosions. Detection
could confirm the model or rule it out. Some years later the possibility arose that the
478 keV gamma-ray line following the decay of radioactive "Be to 'Li might also
be detectable from novae (Clayton, 1981). Detectabilty requires the nova envelope
accreted from the companion star to be enriched by an order of magnitude in *He,
but that is perhaps to be expected. If so, the nuclear reaction >He + “*He = "Be + y
creates the radioactive nucleus in the thermonuclear flash. One positive aspect is that
the "Be halflife is large enough for the envelope to become transparent.

The radioactive >>Na nucleus is also produced in supernovae, although the com-
plicated details of its nucleosynthesis therein were not well understood when Clay-
ton (1975c) proposed its detectability within supernovae. It might be observable for
a decade, allowing ample time to become transparent to the 2’Na gamma-ray line.

Almost the last good prospect to be predicted turned out to be the first actually
observed! That was the radioactive *°Al nucleus (Ramaty and Lingenfelter, 1977).
Like radioactive ®Fe, the 2°Al nucleus is long-lived and thus decays too slowly to
be detectable from individual explosions. It is the cumulative yield of many events
over the past Myr or so that was discovered. This is the topic of the next section.

The predictions whose history has been recounted here placed tantalizing targets
before the community of experimental physicists. Many of these assembled teams
to design, build and fly gamma-ray spectrometers capable of detecting these lines.
NASA entertained a grants program pursuing these goals, which create a new wave-
length range for astronomy. Moreover, the will to fund the Compton Gamma Ray
Observatory was strengthened by these specific hopes. That hope was fueled also
by the surprising discovery of a gamma-ray line from 2 Al nuclei in the interstellar
medium.

2.2.2.3 The Surprise 26Al

The first detection of an interstellar radioactive nucleus came as a surprise. The
history of this radioactive isotope in astrophysics reveals that correct predictions
can be made on the basis of inadequate reasoning, that scientists may be blindsided
by their own excessive faith in their own pictures and beliefs, and that experimen-
tal discovery is the arbiter. The possibility of detecting °Al nuclei by observing
the 1.809 MeV gamma-ray line emitted following its decay to Mg was sug-
gested by Ramaty and Lingenfelter (1977) and independently by Arnett (1977).
Their interesting papers were not quantitative predictions because the grounds
for their suggestions were not convincing. They suggested wrongly that interstel-
lar 2°Al nuclei would be detectable if the production ratio in massive stars is
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P(*°Al)/P(**Mg) = 1073. However, that production ratio, which was expected by
carbon burning in massive stars, was inadequate for detectability. The argument
showing that that production ratio was unobservable (Clayton, 1984) was submit-
ted for publication only after interstellar 2°Al was discovered (Mahoney et al.,
1982, 1984). The predicted 1.809 MeV flux was too small by a wide margin
to be detected by contemporary gamma-ray spectrometers. So something was
wrong.

Using the gamma-ray spectrometer on NASA’s third High Energy Astrophys-
ical Observatory (HEAO 3) Mahoney et al. (1982, 1984) reported a measured
flux of 1.809 gamma rays that required about 3 Mg, of interstellar *°Al nuclei.
That quantity was far larger than the predicted interstellar mass. Nonetheless, both
Ramaty and Lingenfelter (1977) and Arnett (1977) had urged, on general grounds
and on intuitive arguments, that the 1.809 MeV interstellar gamma-ray line be
sought. It was indeed observable, the first to be detected.

What were the conflicts that this discovery illuminated? Using Eq. (2.10) for the
number of radioactive nuclei born during the last mean lifetime (r = 1.05x 10°year)
of 2°Al nuclei, the time-average interstellar abundance ratio for aluminum iso-
topes was traditionally estimated to be 2°Al/27Al = P(*°Al)/P (¥’ Al) ©/10'%year =
10~7 if one uses P (*9Al)/P(*’ Al)=1073. Since total ISM mass is about 10'" M,
it contains about 5.8x10° Mg of stable 2’ Al. Multiplying by the above isotope
ratio, the ISM would carry about 0.06 Mg, of 2°Al nuclei, woefully inadequate for
the observed 3 Mg, of interstellar 2°Al (Mahoney et al., 1982, 1984). So although
Ramaty and Lingenfelter (1977) and Arnett (1977) correctly suggested that 20 Al
nuclei might provide a suitable ISM radioactivity to seek, their reasoning did not
convincingly justify that hope. The discovery of so much interstellar 20 Al was sur-
prising and meant that some assumptions were quite in error. In fact, several were
in error.

Confirming detections of the 26 Al radioactivity were quickly made from balloon-
borne gamma-ray spectrometers (von Ballmoos et al., 1987; MacCallum et al.,
1987), and the total mass was later measured accurately by the gamma ray spec-
trometer aboard NASA’s Solar Maximum Mission, whose sun-pointing spectrometer
had been reinterpreted as a gamma ray telescope (Share et al., 1985). The existence
of 2-3 Mg, of 2°Al was then beyond doubt. The 1991 launch of NASA’s Comp-
ton Gamma Ray Observatory with its imaging COMPTEL Compton telescope (see
Chap. 10) produced the most detailed data about the spatial distribution of interstel-
lar 2°Al (Diehl et al., 1995).

Stepping back to the history of the mid 1970s, a related issue for the astronomy
of 26 Al radioactivity had arisen about one year prior to Ramaty and Lingenfelter’s
1977 suggestion; namely, it was discovered (Gray and Compston, 1974; Lee et al.,
1977) that the molecular cloud from which the sun had formed apparently carried
within it the large isotopic ratio 20A1/>’ Al = 5x 107> at the time the planetary sys-
tem began to form. Had that ratio been applicable to the ISM as a whole, it would
have corresponded to 29 M, of radioactive 2 Al nuclei-very much more than was
discovered in 1982 by Mahoney et al. The seeming impossibility of producing such
a large quantity by nucleosynthesis prompted the idea (Cameron and Truran, 1977,
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Wasserburg and Papanastassiou, 1982) that a supernova within the molecular cloud
from which the sun was born had injected the solar 2°Al radioactive nuclei into
the collapsing solar portion of the cloud just prior to the solar birth. In that case
the solar cloud was quite atypical of the ISM at large. The initial solar 2°Al nuclei
in meteorites became the standard bearer for a class of extinct radioactive nuclei
that required special local production realted to solar birth. But owing to the huge
consequent ratio in the forming sun, it seemed to bear no transparent relationship to
the existence of several solar masses of interstellar 2°Al nuclei, which necessarily
represents nucleosynthesis of 2°Al nuclei by many thousands of supernovae spread
out in time over 1-2 million years prior to today. This discovery from meteorites
brought the idea of interstellar 2°Al nuclei to the attention of astrophysicists.

What new ideas brought the expected 0.06 M of 26Al nuclei in the ISM into
line with the observed 3 Mg of 2°Al nuclei? Some suggested that novae (Clayton,
1984; Woosley and Weaver, 1980) or AGB stars, rather than supernovae, were the
source of the °Al nuclei; but that possibility was ruled out by observations made
later with the Compton Telescope (COMPTEL) following the launch of Compton
Gamma Ray Observatory. Those observations (Diehl et al., 1995) showed spa-
tial concentrations of 2°Al nuclei in ISM regions where star formation is currently
active. Spatial correlation of 2°Al nuclei with massive stars was clear. Attention
therefore returned to supernovae sources with the realization (Arnould et al., 1980)
that hot hydrogen burning shells of massive stars constitutes a significant extra
source of 20Al. The small production ratio in carbon burning (P(*°A/P(PAl) =
10~3) must be augmented by 20Al-rich convective shells in massive stars. Those
calculations became a major industry with numerical models of presupernova evo-
lution. Because Z°A1/27 Al ratios of order 0.1 exist in these shells, their contribution
calculated by using time-dependent numerical models of presupernova evolution
would be needed. Weaver and Woosley (1993) calculated that the average produc-
tion ratio from a standard spectrum of massive stars was near POAD/P(RTAl =
0.006, six times larger than the earlier estimates. Secondly, the estimated ratio of
mean interstellar 2°Al/2” Al must be increased because most of the stable 2’Al is
locked up inside old stars whereas the live 2°Al nuclei will still be overwhelm-
ingly in the gaseous ISM. This reasoning augments the expected ratio by the factor
(k+1) derived from the standard analytic models of chemical evolution of the mean
galaxy. Clayton et al. (1993) presented that argument for the expected interstellar
(*Al/%" Al) abundance ratio. Because k = 2—4 seems likely from other astrophysical
arguments, this (k+1) correction also increases the interstellar ratio by another factor
3-5. These two effects combined amounted to an increase of a factor 20-30 in the
initial expectations, bringing the expected value from 0.06 Mg to 1-2 Mg, of 2°Al
nuclei in the ISM. The original conflict with global theory was largely resolved.

Moreover, the largest observed flux from 26 Al nuclei concentrated in ISM regions
where star formation is currently active. This directly challenged the theoretical
simplification that adopts a star-formation rate that is constant in time and spread
smoothly through the spatial ISM. Models of chemical evolution of the galaxy use
that simplification in order to be calculable. But the observations of 1.809 MeV
gamma rays painted a picture of star formation occurring sporadically whenever
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and wherever large regions of ISM become vulnerable to prolific star formation. The
massive 2°Al emission regions stunned and surprised many experts (including this
writer). The fluxes from these are moderated by the inverse square of their respective
distances, further complicating discussions of the mass of interstellar 2°Al. The his-
tory of 26 Al nuclei in the ISM provides a textbook example of scientific progress into
a new discipline. Experts disagree in their predictions; correct predictions often rely
on intuition as much as on scientific justification; surprises often attend exploratory
experimental surveys; and scientists from many disciplines amplify the relevant
ideas and measurements. Astronomy with radioactivity is such a science, and its
first discovery of an interstellar gamma-ray line emitter, the surprise of 2°Al, was
bathed in confusion.

2.2.3 Radiogenic Luminosity

A big problem lay in the path of trying to understand how explosive objects in
astronomy could remain bright. Their luminosity was expected to fall rapidly as
the objects expand. Suppose a rapidly expanding object consists of an ideal non-
degenerate gas and that the expansion is too rapid for gain or loss of heat; that
is, the expansion is adiabatic. The internal heat of such an object is rapidly lost
to the mechanical work of the expansion. For adiabatic expansion TV?~! = con-
stant during the expansion, where y is the ratio of specific heats at constant pres-
sure cp to the specific heat at constant volume cy. For a perfect monatomic gas
y = cp/cy = 5/3. Thus TV?/3 = constant for such an expanding hot object. If
the expanding object can escape gravitational binding, the radius of an exploding
object may be approximately R = vz, so that volume V is proportional to 3. Thus
one would expect that T¢> is constant during the expansion. The problem is then
that if luminosity L is proportional to R>T*, as in a black body, one expects L to
be proportional to r~°. However, many supernovae that are bright after one week
are still bright after three weeks instead of dimmer by the large expected factor
near 37°. Similar problems exist for novae expansions. The problem, then, lay in
discerning what source of energy could keep the expanding objects hot. The answer
is radioactivity. The radiogenic luminosity of exploding objects became one of the
major aspects of astronomy with radioactivity.

2.2.3.1 Radiogenic Luminosity in Supernovae

It was excellent luck that SN 1987A exploded nearby in the Magellanic Cloud
in 1987. It became the most observed explosive astronomical event of all time.
Astronomers recorded its emissions in every possible wavelength band, which
proved necessary in exposing how radiogenic luminosity worked in that kind of
supernova. The observations showed that after July 1987 the total power output
of SN 1987A declined exponentially for about two years,accurately tracking the
77.2-day halflife of >°Co. This confirmed that the energy of the positrons emit-
ted and of the subsequent gamma-ray emission following each 3°Co decay were
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efficiently converted to optical and infrared luminosity. This old idea for declining
supernova light curves was first treated for the identification of 3°Co as the relevant
radioactivity by Colgate et al. (1969). The observed value of the total luminosity
of SN 1987A required 0.075 M, of *°Ni to have been synthesized within the core
matter that escaped the central neutron star. With each scattering of a gamma ray it
loses roughly half of its energy to the recoil electron, which is quickly degraded into
heat. Once its energy has been scattered below 5 keV the large photoelectric opacity
converts its entire remaining energy to electron energy, which is also degraded into
heat.

Supernovae come in two main types, with additional structural subtypes. Type Ia
and Type II differ in how compact they are, how much radioactivity is produced, how
that radioactivity is distributed, and how much envelope overlies the radioactivity.
The nucleosynthesis of °Ni is easily the largest and most important source of heat-
ing power for the radiating gas. Such issues impact the way in which radioactivity
provides luminosity for the remnant. To truly judge the degree of scientific under-
standing of radiogenic luminosity requires astronomers to infer, to the best of their
ability, the structure of the exploding object. The luminosity being observed has
complicated relationship to the location of the radioactivity. In SN1987A itself, for
example, the presupernova star was blue, implying smaller size than the common
red presupernova stars. The amount of overlying matter was modest owing to a
large extent of mass loss during the prior evolution of the star. These characteristics
influenced the relative importance of the radiogenic luminosity to the luminosity
caused by the shock heated envelope.

Although ®Ni provides the largest and most important source of heating power,
other radioactive nuclei also play very important roles. The *°Co daughter of *°Ni
is actually more observable in its effect on radioactive luminosity. This is primar-
ily because its 77.2-day halflife allows it to remain alive after the 6.08-day parent
6Ni has decayed. Therefore, >°Co delivers heating power at a later time when the
expanding remnant is much larger and has suffered more adiabatic cooling. In these
circumstances, quantitative astronomy with radioactivity requires careful evaluation
of how, when and where the energy released by radioactivity is deposited in the
expanding gas (The et al., 1990).

The nucleosynthesis of >’Ni also plays a role in radiogenic luminosity because
it decays rather quickly to 272-day 3’Co. Owing to its longer halflife, 3’Co is still
providing radioactive power when the 3°Co has decayed to negligible abundance.
This transition of dominant radioactive power occurs after about 2 years. When
Compton Gamma Ray Observatory (Kurfess et al., 1992) measured with OSSE the
actual mass of >’Co in SN1987A, it corresponded to twice the solar ratio 5TRe/50Fe.
This surprised many who had inferred its abundance to be five times the solar ratio,
a large isotopic ratio that had been deduced on the basis of the bolometric lumi-
nosity exceeding the instantaneous power from *°Co decay (Suntzeff et al., 1992;
Dwek et al., 1992). The radiogenic luminosity truly deriving from 3’Co decay was
demonstrated by the OSSE measurement to have been overestimated by a factor
near 2.5. That discovery team (Clayton et al., 1992) then advanced a new theoretical
aspect of radiogenic luminosity, what they called delayed power. They presented a
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model showing that when the remnant gets sufficiently dilute owing to its expan-
sion, the rate of electronic recombination cannot keep up with the rate of ionization
that had been produced somewhat earlier by residual amounts of 3°Co radioactiv-
ity. Because of the high degree of ionization, the radiogenic luminosity from >°Co
radioactivity begins to exceed the instantaneous rate of energy deposition from >°Co
decay. In effect, the radiogenic luminosity reflects the rate of Y°Co decay from a
somewhat earlier time than the time of observation. This observed upturn in lumi-
nosity had been attributed to 3’ Co instead of delayed power from ®Co decay. Such
time-dependence became a new aspect of astronomy with radioactivity.

A more general aspect of radiogenic emission lies in any astronomical investi-
gation in which the gas possesses a higher degree of energy excitation than could
be expected in the absence of radioactivity. For example, the hydrogenic lines of
He™ in SN 1987A were interpreted as a consequence of the high-energy photons
escaping from the supernova interior. Hard X-rays emanting from the expanding
supernova 1987A were another clear example of Compton-scattered radioactivity
gamma rays escaping from the interior; and only radioactivity can produce so many
hard X-rays. Another example might be the detectable presence of doubly ionized
species, an ionization state that would make no sense in a purely thermal setting.
All such radiogenic possibilities are aspects of radiogenic luminosity, and as such a
part of astronomy with radioactivity.

A similar transition between identities of powering radioactive nuclei occurs
when the decay power of 60-year **Ti exceeds that of ’Co. And no doubt there
exists a similar problem, namely, does the rate of radiant emission of 3'Co power
keep up with the rate of 3’Co decay power. The radioactive **Ti is created in almost
the same location as are the Ni isotopes. This occurs in the explosive burning of
oxygen and silicon (Bodansky et al.,1968a,b; Woosley et al.,1973) and reflects the
extent to which 28Si has been decomposed into the silicon-burning quasiequilib-
rium. But radiogenic luminosity from this **Ti nucleus depends even more strongly
on how its emissions are converted to luminosity and the extent of the time lag
between radioactive decay and the creation of observed photons. Its contributions to
delayed radiogenic luminosity require careful assessment of those issues.

Such considerations are significant in the scientific understanding of astronomy
with radioactivity. The luminosity of a young supernova remnant is one of the eas-
iest observations of radioactivity in astronomy; but its interpretation requires fairly
accurate description of the structure of the exploding object.

2.2.3.2 Radiogenic Luminosity in Novae

The brightening of a nova explosion and the associated ejection of matter from
its expanded envelope are also issues that are dependent upon the deposition of
radioactive heat to the envelope (Starrfield et al., 1972). Those authors showed that
a successful model needs to mix carbon from the surface of the underlying white
dwarf into the hydrogen-rich accreted envelope in order to have sufficient radioac-
tivity produced by the thermonuclear flash that triggers the nova event. That burning
is the hot CN cycle. They showed that radioactive decay keeps the envelope hot



2 The Role of Radioactive Isotopes in Astrophysics 61

while it expands to larger radiating surface area and therefore increased luminosity.
They also showed that without the radioactive afterburner, mass ejection would not
occur. Truran (1982) gives more nuclear-physics details of the nova explosions.

2.2.4 Extinct Radioactivity and Immediate Presolar
Nucleosynthesis

2.2.4.1 Xenology Revisited

John Reynolds had discovered in 1959 that extinct radioactive '2°I appeared to have
existed initially in meteorites. The observed ratio to stable I is near '2°1/'?'1=107%,
This stood for decades as a nearly unique example. Then in the mid-1970s new
discoveries and ideas greatly enlarged the context of astronomy with radioactivity.
Using Eq. (A.12) for the number of radioactive nuclei born during the last mean
lifetime (r = 23.5 x 10° year) of 1291 nuclei, the mean interstellar abundance ratio
for iodine isotopes is expected to be

12911271 = P21/ P(*?"1) (k 4 1)T129/t0 = 0.013 — 0.022

using P(1?°1)/ P (1?"I) = 1.5, ty = 8 Gy for the presolar duration of nucleosynthe-
sis, and k = 2 — 4 within the standard model of radioactivity in galactic chemical
evolution. The measured ratio is very much smaller than this expected ratio. The
interpretation was that the solar molecular cloud sat dormant, with no new nucle-
osynthesis input, for 4-6 mean lifetimes of 12°I to allow decay to reduce its activity
to the measured level. As plausible as this waiting period seemed to be for the next
two decades, it was not correct.

Reynolds’ laboratory also discovered that that extinct radioactive >*4Pu appeared
to have existed initially in meteorites. It was measured by an anomalous pattern
of several Xe isotopes that was consistent with the spontaneous-fission spectrum
from 2**Pu. (Hudson et al., 1989) presented more modern data setting its abundance
relative to that of 232Th as **Pu/?3?Th = 3 x 1073. The many studies of these first
two extinct radioactivities came to be called xenology because of their reliance on
excess isotopic abundances of Xe isotopes in meteorites. With a production ratio
P(244Pu/232Th) = 0.5 and mean lifetime 44 = 115 x 10° year, the expected
interstellar ratio would be 0.02-0.03 — larger by tenfold than the solar amount. But
in this case a sequestering of the solar cloud to allow '?°I nuclei to decay would
not sufficiently reduce the >**Pu abundance. Trying to resolve the xenology puzzles
occupied many meteoriticists for two decades. Then three new developments altered
xenology studies.

Firstly, existence of such '>?Xe-rich and fission-Xe-rich interstellar dust was pre-
dicted (Clayton, 1975a) by the first argument that dust containing evidence of extinct
radioactivity should condense within supernovae and influence the early solar sys-
tem. This was an exciting new idea in the astronomy of radioactivity. However,
it appears that chemical ways of forming meteoritic minerals from dust without
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loss of the carried xenon isotopes is too implausible; so this new idea was not
supported for isotopes of Xe. But the idea of such supernova dust had been firmly
implanted among the concepts of astronomy with radioactivity; moreover, the future
may yet find evidence of fossil xenon. Several other extinct radioactive nuclei were
predicted to exist within supernova dust (Clayton, 1975a,b), and many of these are
now demonstrated to exist.

Secondly, the 26Al extinct radioactivity was discovered in meteorites. But its
mean lifetime is too short (726 = 1.05 x 10%year) for any to survive the sequester-
ing that xenology had suggested. This led to the second big change. The seeming
impossibility of maintaining the large measured quantity of interstellar 2° Al nuclei
by nucleosynthesis prompted the idea that a supernova within the molecular cloud
from which the sun was born had injected the solar 2°Al radioactive nuclei into the
solar collapse just prior to the solar birth. Such a unique association would render the
solar cloud atypical of the ISM at large (Cameron and Truran, 1977; Wasserburg and
Papanastassiou, 1982). The substantial solar ° Al abundance initially in meteorites
became the standard bearer for a class of extinct radioactive nuclei that required
special local production. Cameron and Truran (1977) suggested that far from being
a coincidence, the supernova producing the solar 2° Al nuclei also triggered the col-
lapse of the solar molecular cloud by the overpressure its shock wave brought to
bear on that cloud. That model for live short-lived radioactivity in the solar cloud
came to be referred to as the supernova trigger. But Cameron and Truran went
too far. They supposed that the xenology-producing radioactivities (2°T and 2**Pu)
were also injected by that supernova trigger. They ignored that the ISM already
was expected to contain a hundred times too much '>°Xe for Reynolds’ measure-
ment, not too little, and ten times too much 2**Pu. So injecting those radioactivities
seems to not be correct either. Nor does the idea of fossil 2°Mg nuclei from Al-rich
interstellar dust rather than live 2°Al in meteorites seem correct. But the puzzles
of extinct radioactivity had come more sharply in focus, and these new ideas were
instrumental for astronomy with radioactivity.

Thirdly, additional extinct radioactive nuclei were discovered. So diverse were
their lifetimes that the idea of exponential decay from a starting abundance became
increasingly untenable. Then another new idea of great importance for astronomy
with radioactivity appeared. Clayton (1983) pointed out that the concept of a homo-
geneous ISM was at fault. He argued that supernova ejecta enter a hot phase of
an ISM in which matter cycles on average among three phases, but that the sun
was born from the cold molecular cloud phase. This distinction greatly modifies the
expectation of exponential decay in the ISM and of extinct radioactivities in molecu-
lar clouds. Huss et al. (2009) provide a modern list of the many extinct radioactivity
for which evidence exists.

The revisiting of xenology and these three new developments left extinct radioac-
tivity research changed conceptually.

2.2.4.2 Neon-E

A different noble gas, neon, provided an early but poorly understood evidence of
stardust in the meteorites. As with xenology, the *’Ne/?>Ne isotopic ratio can be
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studied by incremental heating of a meteoritic sample in a mass spectrometer. David
Black discovered that in the Ivuna meteorite the measured isotopic ratio 2’Ne/>’Ne
decreased precipitously when the sample heating reached 1,000°C, dropping to a
ratio near three, much smaller than the common ratio near ten. Variation by a factor
three in a trapped noble-gas isotopic component was unprecedented. This suggested
that some unknown mineral releases its neon gas near 1,000°C, and that that mineral
contains 2?Ne-rich neon. Black (1972) suggested that this small 2°Ne/**Ne isotopic
ratio was so bizarre that it can not be accounted for by conventional means within
an initially homogeneous, gaseous solar system. Black suggested that interstellar
grains that had formed somewhere where the 2’Ne/>’Ne isotopic ratio was smaller
than three had survived the origin of the solar system and imprinted the 1000°C
temperature outgassing with its isotopic signature. He called this exotic neon com-
ponent Ne-E. This was a radical far-reaching conclusion, perhaps the first of its kind
based on sound analyzed data rather than on pure speculation.

But where might this dust have formed? Arnould and Beelen (1974) remarked
that neon gas ejected from explosive He-burning shells of massive stars could resem-
ble Ne—E, but they offered no suggestion for forming carriers of Ne—E there or
of otherwise getting such gas into the early solar system. Clayton (1975b) offered
a more concrete proposal, arguing that supernova dust would condense before the
ejecta could mix with circumstellar matter, roughly within the first year, and that
22Na (2.6 year) produced by the explosion would condense as the element sodium
and decay to daughter 22Ne only after the grains had been grown. In that manner
nearly isotopically pure 2’Ne could be carried within supernova dust into the form-
ing solar system. This was an early prediction of the supernova-dust phenomenon in
meteorites. Clayton and Hoyle (1976) argued that nova dust provided another pos-
sible source for Ne—E. Either radioactive venue would amount to a new technique
for astronomy with radioactivity.

The leading alternative to radiogenic 2*Ne is condensation of dust in a >*Ne-
rich red-giant stellar atmosphere. This can indeed occur, because during He burning
the "N residue of the prior CN cycle can be converted to 2*Ne by two successive
radiative alpha-particle captures (Arnould and Norgaard, 1978). The question arises
whether this Ne is sufficiently >*Ne-rich. And that required much more study of
meteoritic specimens. But the possibility was experimentally strengthened by the
discovery (Srinivasan and Anders, 1978) that at least one Ne—E component was
associated with s-process xenon from red-giant atmospheres.

These were exciting developments in isotopic astronomy and for astronomy with
radioactivity. This fresh new set of ideas intensified interrelationships among inter-
stellar stardust, the origin of the solar system, and meteorites.

2.2.4.3 26A1: Fossil or Injected Fuel

During the mid 1970s it was discovered (Gray and Compston, 1974; Lee et al., 1977)
that very refractory Al-rich minerals that apparently were among the first solids
to form in the early solar system contained elevated isotopic ratios 2°Mg/>’Mg.
Furthermore, the number of excess 2°Mg atoms within a mineral was shown to
be proportional to the number of Al atoms. That correlation could be reproduced



64 D.D. Clayton

(Lee et al., 1977) if the Mg had been initially isotopically normal and the initial Al
contained a small component of radioactive 2°Al, whose later decay produced the
excess 2°Mg atoms. The simplest way for this to have occurred is that the molec-
ular cloud from which the sun had formed carried within it the large isotopic ratio
26A1/77Al = 5x 107 at the time the planetary system began to form. The reason
for calling that ratio large is that it far exceeded the ratio that had been anticipated
to exist within the ISM. Had that ratio been applicable to the ISM as a whole, it
would have corresponded to 29 M, of radioactive 2°Al nuclei — much more than
was discovered in 1982 by Mahoney et al. by their detection of the 1.809 MeV
gamma ray line that is emitted following its decay.

The immediate issue was whether these radioactive 2°Al nuclei were actually
alive in the early solar system or whether 2°Al was alive only when Al-rich dust
formed in earlier galactic supernovae. If the latter option were true, the excess
26Mg nuclei were fossils of radioactive 2°Al decay within interstellar Al-rich dust.
Existence of such 2°Mg-rich and Al-rich interstellar dust had been predicted (Clay-
ton, 1975a,b) in the first works to propose that dust containing evidence of extinct
radioactivity should condense within supernova ejecta. This was an exciting new
idea in the astronomy of radioactivity. Clayton (1977a,b) presented a solid-carrier
model for excess 2°Mg nuclei in Al-rich minerals based on the fossil picture. In the
first case, that of live 26 Al nuclei during the formation of the minerals, some expla-
nation was required for why so much radioactive 2°Al should have been present
in the solar matter when it could not have been a general property of the ISM. In
the second case, fossil excess 2°Mg nuclei, why did interstellar Al dust containing
abundant radioactive 26 Al nuclei form within supernova ejecta and how did it par-
ticipate in the chemical growth of the Al-rich minerals found in meteorites. In the
first case, the heat of the radioactive decay of radioactive 2°Al nuclei within those
planetesimals that had been the parent bodies for the meteorites would have been
sufficient to melt large parent bodies, allowing them to differentiate chemically (as
the earth has done). In that case 2°Al also played a role as fuel for melting of the
meteorite parent bodies. In the second case, the excess 2°Mg nuclei represented a
fossil of interstellar decay. Tension between these two possibilities was reflected in
the phrase “Fossil or Fuel” within the title of the paper by Lee et al., who argued
in favor of the live 2°Al nuclei in the solar gas. This debate raged for a few years
but lost steam as chemical arguments for the growth of the mineral phases seemed
increasingly likely to require live 2® Al nuclei.

The struggle over the interpretation very short-lived extinct radioactivity was
heightened later by the discovery of extinct 'Ca in meteorites. Its abundance
relative to that of 'K is only HcaMK = 1.5x10°8 (Srinivasan et al., 1996);
however, even that small abundance looms large because its mean lifetime is but
741 = 0.144 x 10° year. Surely none can survive galactic nucleosynthesis to the
time the solar system formed. So the supernova trigger injection would be needed to
account for it as well as 2°Al. But fossil effects are also definitely possible. Huge 'K
excesses in Ca-rich supernova dust had been predicted two decades earlier (Clayton,
1975b).
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The history of documentation of extinct radioactive nuclei that had been alive in
the early solar system was led for decades by G.J. Wasserburg and his laboratory at
Caltech (jokingly called “the lunatic asylum” owing to their research on lunar sam-
ples). His laboratory was of such renown for its measurements using traditional mass
spectrometry with extreme sensitivity that Wasserburg was chosen recipient of the
1986 Crafoord Prize for geosciences. Similar mass spectrometric research of great
consequence for this problem was conducted by Giinter Lugmair in his laboratory
at UCSD.

2.2.4.4 Extinct Radioactivity and Mixing of Interstellar Phases

Xenology soon gave way to a host of newly discovered extinct radioactive nuclei.
1291 and 2**Pu could seen to be members of a larger class of now extinct parents.
A very special class contains those nuclei having mean lifetimes long enough that
some of that radioactive abundance might survive from galactic nucleosynthesis
but short enough that their survival live to the time of the solar system depends on
the timing of interstellar mixing. That class of nuclei also includes '*°T and 2**Pu.
Their mean lifetimes are, in ascending order: 7(°0Fe) = 2.16%x 10° year; 7(3*Mn) =
5.34x10° year; 7(197pd) = 9.38 x 10° year; r(182Hf) = 13.8 x 10° year; (1P =
23.5%x10° year; 7(**Pu) = 115x10° year; and 7(140Sm) = 149x 100 year. The rel-
ative abundances that they possess and the three-isotope correlation plots by which
they are measured are discussed in Chap. 6. What became abundantly clear is that
simple exponential decay from a set of starting abundances is not consistent with
the data. Something more complex is at work.

Four layers of interpretation The new data and new creative ideas led to a picture
of cosmic radioactivity that is interpreted on four layers of complexity. Like the
proverbial Russian doll, one opens each layer only to reveal a more complex version
inside. What are these four layers?

1. Mean Galactic Nucleosynthesis and the well-mixed ISM: Using Eq. (A.12) for
the mean interstellar ratio of a radioactive abundance to that of a reference iso-
tope gives that mean abundance ratio to be

NAZ)/N**Z) = P(A%)/P(M*Z) (k+ 1) 12/10 (2.22)

If the halflife of species 4 Z is long enough that the ISM can be considered to be
well-mixed, it may be interpretable by the mean expectation of Eq. (2.22). An
example might be the uranium isotope ratio, since both have halflives of 10° year
or greater. The ISM probably mixes well during 10° year.

2. Mean Galactic Nucleosynthesis and the ISM Phases: If the lifetime 77 is of
order 108 year or less, the abundances of that radioactive nucleus may differ in
the different phases of the ISM. The three-phase mixing model (Clayton, 1983)

2 The mean life of ®Fe is now known as 3.8 My.
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that describes this in the mean is described below. The idea is that supernova
ejecta appear initially in the hot ISM, and considerable mean time is required for
it to work its way via mass exchange between phases into the molecular clouds
where the sun might have formed. That delay reduces radioactive abundances,
depending upon their lifetimes. This idea regards each phase of the ISM as hav-
ing the mean concentration of radioactive nuclei everywhere in that phase; but
the three phases have differing mean concentrations of the radioactivity, with
the molecular-cloud abundance being the least. This picture divides the mean
ratio Eq. (A.12) into differing steady-state ratios in each of the three phases. An
example might be the iodine isotope ratio, since its halflife of 17 My is shorter
than the expected phase change times (perhaps 50 Ma) for the ISM phases. Thus
each phase will in the mean have different '2°1/'27] ratios.

Mean Galactic Nucleosynthesis and Deviations from mean ISM mixing times:
All galactic samples of a given ISM phase will surely not be identical. Differ-
ences occur because nucleosynthesis does not follow the galactic mean rate at
all locations, or because the interphase mixing times may vary from one place
to another. Separate portions of a phase will scatter about that mean for that
phase, perhaps by sizeable amounts. Astronomical observations of very old, very
metal-poor stars reveal this phenomenon clearly (Burris et al., 2000). The iodine
isotopes can illustrate how this works. Consider the molecular cloud from which
the sun formed. It may have existed in a portion of the galaxy whose hot phase
received less than the average amount of new nucleosynthesis during the past
24 My (the '*°I mean lifetime). Thus the '°I concentration locally would be less
than its galactic mean, whereas stable 1271 would have the same concentration
everywhere. Furthermore, the time delay for the hot phase to be admixed into
the solar molecular cloud may locally have exceeded the galactic mean delay,
in which case the '°I concentration in the solar molecular cloud would have
decayed to a smaller value than typical of that phase. This layer of interpretation
deals with specific local galactic workings that differ from the galactic mean.
Nucleosynthesis from a single neighboring supernova: The solar concentration
of a short-lived radioactive nucleus may have been the result of a single galactic
supernova. The shorter the halflife, the more likely it becomes that a neigh-
boring dying star is needed to create it. In such a case the concept of mean
galactic nucleosynthesis rate has no relevance. Short-lived *6Al is historically
the prime example of this situation. Variations on the supernova injection model
then appear: When did that supernova occur? With what efficiency did its ejecta
admix into the solar molecular cloud? How long was required for that mixing to
occur? Such questions are so specific that they are frustrating. Almost any answer
seems possible, depending upon hydrodynamic modeling for its credibility.

Finally, some radioactive nuclei may have multiple causes for their solar abun-
dances. Each layer of interpretation may contribute. Take >**Pu as a likely example
(z(***Pu) = 115 Ma). A portion of the solar >**Pu abundance may survive at the
level expected from mean galactic nucleosynthesis (layer 1). Layer 2 may have
reduced that somewhat, depending on the mean interphase mixing times. Layer 3
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describes a non-average 2**Pu solar concentration owing to atypical (non-mean)
local nucleosynthesis rate and mixing parameters. Finally, a portion of solar 24*Pu
abundance may have resulted from a single nearby supernova at the time of solar
birth. It will be clear that scientific understanding must seek the best picture for
simultaneously fitting all of the radioactivities. Each individual abundance will be
inadequate by itself to determine the physics of its solar presence. But a model that
fits them all is a serious contender for the truth. To advance more into this topic,
consider the mean interphase mixing model.

Mean mixing model for ISM radioactivity Astrophysics provides this novel exam-
ple of the layer-2 mathematics of radioactive decay. The distinct ISM phases have
vastly differing temperatures and densities. These phases mix with one another on
timescales that are longer than the shortest of the extinct radioactivities but shorter
than the longest. As a consequence, the concentration X of a radioactive nucleus
will differ from phase to phase, with the differences greater for shorter halflife.
Solar-system samples revealing the presence of once-live radioactive nuclei are
obtained from meteorites and other planetary objects formed in the solar accretion
disk. Measurements of solar samples therefore are of the concentrations in the cold
molecular cloud (one of the phases) from which the sun was born. The key point
is that radioactive concentrations in that molecular-cloud phase should be smaller
than in the mean ISM, which includes all of its phases. This consequence of the
mixing times among the phases, taking into account their levels of radioactivity,
was devised by Clayton (1983).

A simplified two-phase model To focus on mathematical aspects of radioactivity
rather than on aspects of astrophysics, consider first a simplified model that illus-
trates the essence of the problem. Suppose that the ISM consists of but two phases.
Stars are born in phase 1, but the freshly synthesized radioactivity is ejected from
supernovae into phase 2. Let those two phases have equal mass M and exchange
matter with the other phase on a timescale 7. The mass exchange rate is then
(dM /dt)exch = M/ T. Matter from phase 1 joins phase 2 at that rate, and conversely
matter from phase 2 joins phase 1 at that same rate. The masses of each phase then
remain constant and equal.

In reality, spatial inhomogeneity also exists, depending on where in phase 2
the fresh radioactivity is created and how long is required for its homogenization.
Roughly 30,000 supernovae occur per My in the Milky Way, and they have similar
nucleosynthesis yields, so an almost homogeneous injection phase occurs faster than
the output of a single supernova can be spread uniformly. Even so, concentration
differences and isotopic differences will exist spatially in that injection phase. The
best that can be done without a specific calculation defined for a specific configu-
ration is to calculate the average concentration in the injection phase. To this end
consider the injection phase to be uniformly mixed at all times (Layer 2). With
that assumption the average difference in radioactive concentration between the
phases can be calculated with a simple mathematical model. The answer can not be
assumed to have applied exactly to the unique case of solar formation. Nonetheless,
such a calculation reveals what is anticipated on average, without inhomogeneous
effects.
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Returning to the simplified two-phase model for those average concentrations,
the mixing rate between them is (dM/dt)exen = M/T. Then with X being the
concentration (grams of X per gram of ISM) of a radioactive nucleus in phase
1, the star-forming phase, its total radioactive mass MX; changes as follows:
d/dt(MX,) = MdX,/dt + X1dM/dt = MdX;/dt because the second equality is
a consequence of the unchanging mass M of each phase. How shall one evaluate
dX1/dt? Tt changes owing to two effects: first, the radioactive decay of X; sec-
ond, the mass exchange with phase 2 having concentration X». One writes for
those two terms MdX/dt = —MX1/t + (X2 — X1)M/T where the first term
is the radioactive decay rate with mean lifetime 7. But the left-hand side must
also vanish because dX|/dt = 0 in the steady state. This reasoning yields at once
X1 =1t/(T + t) X, This factor expressing the ratio of the concentrations can differ
significantly from unity. Suppose the mixing time 7 = 100 Ma. Then for '*°I, X
= (23.5Ma/123.5Ma)X, = 0.19X,. The '?°I concentration in star-forming clouds
is then fivefold smaller than in the injection phase. This reduction is even greater
for a nucleus having smaller mean lifetime. But for very long lifetimes, t/(T + 1)
approaches unity, both phases having the same concentration.

Both X, and X can be individually evaluated from the requirement that their
average (since the two phases have the same mass) must equal the mean expected
ISM concentration for that nucleus (Egs. A.11 and A.12). Chapter 6 includes a
table of the known extinct radioactive nuclei and their abundances in the early solar
system.

The significance for differing ratios of extinct nuclei between the two phases is
that those differences do not reflect the simple expectation of exponential decay. The
ratio /(T + t) is very far from exponential in dependence on lifetime . Clayton
(1983) introduced that effect when comparing the solar abundance levels of differing
radioactive nuclei. This simplified two-phase mean model illustrates that idea.

Clayton three-phase model The initial (Clayton, 1983) introduction of this phys-
ical idea for interpreting relative abundances of extinct radioactive nuclei in this
manner actually suggested a three-phase ISM rather than only two. Those masses
and phases were:

(1) M, is the molecular-cloud mass in which stars form. It exchanges mass with
M.

(2) M, is the mass of large HI complexes that can not be disrupted by the supernova
shock waves that frequently traverse the ISM. Phase 2 exchanges mass with M
with lifetime 77 and also with M3 with lifetime 7>.

(3) M3 is the mass average HI clouds that are sufficiently small to be disrupted
by passing supernova shock waves and which therefore are part of this warm
neutral phase. Phase 3 exchanges mass with phase 2 with lifetime 75.

It is not clear that this three-phase model is more realistic than the simpler two-
phase model; but the need for fresh radioactivity to mix from its injection phase
through a second phase before admixing with molecular clouds does amplify the
distinction between radioactive lifetimes. Future progress with this multiphase idea,
which definitely is significant for the extinct radioactivity problem, will require
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more modern astrophysical work on the differing phases, their masses, and how
effectively they exchange mass with one another. Finally, it may be that time-
dependence must be introduced. The growth of each phase, rather than static mean
masses for each, needs evaluation. Over long times the global masses of each phase
will be static; but their cyclic growth and disruption may be an essential part of the
problem.

An insightful paper in regard to these issues has recently appeared (Huss et al.,
2009). Those authors present current data for the observed abundances of each
extinct radioactivity. They also review the sites of nucleosynthesis of each nucleus.
Then they evaluate the mean abundance expected within the standard model of
galactic chemical evolution moderated by the interphase mixing described above.
Figure 2.2 (from Huss et al., 2009) displays the expectation as a function of the
mean decay lifetime for a wide range of interphase-mixing timescales and compares
those results to those for two differing free-decay intervals (the solid curves). Note
that interphase mixing fits more extinct radioactivities than does either free-decay
interval;but the four short-lived isotopes are too abundant for any galactic scheme,
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apparently demanding injection from an adjacent supernova. Keep in mind that what
is being examined by these mathematical procedures is a fundamental property of
interstellar radioactivity, couched for convenience and transparency in terms of real-
istic analytic representations of the true galactic mixing processes.

2.2.5 Stardust: Radioactivity in Solid Samples of Presolar Stars

A presolar stardust grain is composed only of atoms from a single donor star. The
word stardust applies to only those grains. It is used as a scientific word rather than
a poetic word. It may be hard to accept that the isotopic composition of elements in
an interstellar grain attests to it being a solid chunk of a single star. An average ISM
grain has suffered a lengthy residence time within the interstellar medium before
being incorporated into a new stellar accretion disk. Do not high energy interstellar
ions implant within the grains as well as sputter them? Can interstellar chemistry
add more atoms to mineralized grains? Would not grain ejection from a protostel-
lar disk after chemically adding atoms to it within the hot dense disk structure
also produce mineralized grains? Many questions flood the skeptical mind. Such
doubts are reasonable considering the incomplete knowledge of these and other
processes.

Stardust grains are not average interstellar grains. Those grains themselves pro-
vide the best answers to the doubts expressed above. Their well ordered crystal
structures suggest thermal condensation at high temperatures, as would be expected
within hot but slowly cooling gases leaving a star. Annealed crystals would not,
in contrast, be expected from accreted interstellar atoms. The dramatic isotopic
ratios measured within individual stardust grains, obtained from nearly homoge-
neous grains having large numbers of atoms (10°~10'2, say), strongly suggests that
the condensation was from a gas having the extremely non-solar isotopic composi-
tion of the stardust grain. The SiC grains, one of the most abundant of all presolar
stardust grains, were assembled from C atoms having observed isotopic ratios in
the grains between 12¢/13¢ = 3-5,000, whereas hot chemistry in an accretion disk
would shift ratios toward interstellar norms, '2C/!3C = 89 in the case of the solar
accretion disk. Similar evidence appears in isotopic compositions of N and Si, to
name only the most studied of the elements. Those ratios attest to an extreme con-
densation environment wherein isotopic composition is not that found in the ISM.
These isotopic studies of individual stardust grains have been made using SIMS
(secondary-ion mass spectrometry) in terrestrial laboratories (Bernatowicz et al.,
1997).

What followed from the discovery of stardust was nothing less than a revolution
in astronomy. Solid pieces of stars are now characterized routinely in terrestrial lab-
oratories, including isotopic analysis of many elements with a precision not attain-
able at telescopes. Distinguishing isotopes in stellar spectra is very difficult. Three
scientists dominated the early development of this field experimentally. Robert M.
Walker committed his laboratory at Washington University to development of new
technology capable of better laboratory study of primitive solar system samples.
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He foresaw the capability of the sputtering ion probe, and recruited Ernst Zinner
to devote a decade to improving and studying that technique. Their laboratory at
Washington University (St. Louis) was then ready to study the newly isolated mete-
oritic grains, which they documented to be stardust. Zinner and his many students
led and dominated the new astronomy that blossomed from their isotopic analysis.
An engaging history of this has been written in tribute to Walker and Zinner by
McKeegan (2007). Thirdly, Edward Anders inspired his associates at University of
Chicago to the detective-story pursuit that isolated stardust from the bulk meteorite
rock. They termed their approach burning down the haystack to find the needle.
It tracked the chemical carriers within the meteorites of isotopically anomalous
neon and xenon through a sequential dissolving the bulk of the rock in strong acids
(Amari et al., 1994) and finding that the undissolved residue became increasingly
anomalous. The carriers of anomalous noble gas were, fortunately, carbonaceous,
and therefore did not dissolve in acid. From these residues they were able to extract
the individual stardust grains. This too was a profound adventure in scientific explo-
ration. Finally it may be noted that predictions of the existence of isotopically
anomalous stardust had existed for a decade prior to their experimental discovery.

Within oxide grains (Nittler et al., 1997) stunningly abnormal families of corre-
lated O isotopes rule out any growth within mixed ISM. Equally stunning was the
almost pure isolated s-process isotopic compositions that were predicted for noble
xenon in red giant stardust (Clayton and Ward, 1978) and discovered (Srinivasan
and Anders, 1978) in bulk carbon-rich residues of acid dissolution of meteorites.
These Xe,-rich residues are dominated by collections of SiC grains. By contrast,
interstellar bombardment would implant normal Xe isotopic composition. Neon iso-
topes also revealed an exciting story. Individual mainstream SiC grains have been
shown to carry almost pure s-process Mo, a quite reactive trace element rather than
a noble gas, showing that the Mo-containing condensing gases had not mixed with
the ISM prior to condensation. Isotopic evidence of stardust abounds. By careful
consideration of the entirety of the known properties of stardust grains, researchers
become confident that they are indeed solid samples of stars that died before the sun
was born.

2.2.5.1 Stardust Predicted

With the realization that computer models of massive-star supernovae generate
shells of abundant intermediate-mass elements, (Hoyle and Wickramasinghe, 1970)
argued that the adiabatic expansion and cooling of these newly synthesized nuclei
within the supernova interior should be accompanied by condensation of a poten-
tially large amount of silicate dust. The ejected gas cools to below 2,000 K after only
several months when the density is still quite high. Their goal had been to account
for the interstellar dust mass of silicates and of graphite. It did not occur to them that
such grains could be identified by their unusual isotopic compositions. Nor did they
suggest that they might be found within meteorites. They simply tried to explain the
observed existence of dust in astronomy.
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Clayton (1975a,b, 1978) advanced exciting observational considerations on the
grains’ condensed radioactive nuclei. It was suggested that grains from the
supernova-condensation process would be identifiable by their extreme isotopic
signatures, inherited from the isotopic compositions of those supernova shells.
Radioactivity is prominent within supernova shells. Short-lived radioactivity was
proposed to decay within each grain during its interstellar residence. So the ISM
should contain everywhere numerous interstellar grains from the very large number
of presolar supernovae. Also proposed was a chemical memory model (Clayton,
1977a,b, 1978, 1982) in which supernova grains were incorporated during later
growth in the solar accretion disk of the larger solar-system solids. Many of those
solids were incorporated into meteorites. That picture suggested potential explana-
tions for several isotopic anomalies that had been discovered in meteorite solids; but
it was rejected initially by meteoriticists, who focussed their doubts on the potential
explanations of xenon anomalies from extinct radioactivity. Clayton and Wickra-
masinghe (1976), Clayton (1979) and Kozasa et al. (1989) demonstrated that a suf-
ficient number of collisions of supernova-interior atoms will occur with any grain
nucleation during expansion of the supernova interiors to grow grains greater than
1 wm in radius. None of these works was so optimistic as to predict that individual
supernova grains would be found intact within meteorites; but they did establish the
ideas by which those discoveries could be recognized. Radioactivity lay at the heart
of these predictions.

In a paper outlining a system for the different types of precondensed matter in
the early solar system, the supernova condensates were named SUNOCONSs and
the term STARDUST was restricted to hot thermal condensation during mass loss
from other stars (Clayton, 1978), primarily red giants. NEBCON was suggested
for grain mantles grown by nebular sticking of atoms and molecules to preexisting
dust. These names have not found the favor of usage, despite describing a theoretical
picture of what to expect in the early solar system. Only the term stardust is com-
monly used, and applied to all types of high-temperature thermal condensates from
stars. The title Precondensed matter: key to the early solar system of Clayton (1978)
explicitly contradicted that epoch’s favored picture in which the initial solar system
was initially hot and totally gaseous and condensed its solids from that solar gas.

The predictions of isotopically extreme stardust were, after some initial contro-
versy, wonderfully confirmed by the discovery of supernova stardust and the later
documentation of chemical memory within large solids, earning broad acceptance.

2.2.5.2 Stardust Discovered: Fossil Extinct Radioactivity

Secondary-ion mass spectrometry (SIMS) of ions sputtered from isolated single
meteoritic grains by a focused ion beam identified stardust in the late 1980s. A
history may be read in Anders and Zinner (1993). First to be discovered (Berna-
towicz et al., 1987; Zinner et al., 1989) was silicon carbide (SiC), with isotopic
patterns that identified it as thermal condensation in matter flowing away from the
photospheres of asymptotic-giant-branch red giants. This sensational identification
of stardust is now beyond doubt, buttressed by a huge number of experimental and
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theoretical studies. These carbide grains can condense only after the composition
changes caused by the third dredgeup of carbon, which eventually cause carbon to
be more abundant than oxygen in the envelope. As long as O is more abundant than
C, the CO molecule oxidizes (combusts) all carbon. Those SiC grains condensed
after the carbon-star transition contained 2°Al/>’ Al near 10> based on the excess
26Mg atoms within their magnesium-bearing phases. When supernova SiC X grains
were later identified as a subfamily of SiC stardust, many revealed 2°Al/27 Al near
0.1 when they condensed within the expanding supernova interior.

Oxide stardust too was identified and classified into isotopic families a few
years later (Nittler et al., 1997). Its most common pattern is !’O-richness owing
to secondary production in the parent star of 7O from initial '°O during hydrogen
burning . At about the same time supernova stardust was identified unambiguously
(Hoppe et al., 1996; Nittler et al., 1996) using the prediction (Clayton, 1975b) that
excess **Ca would exist in the Ti-bearing phases within grains owing to the conden-
sation of radioactive **Ti within a year after the explosion. Because the elemental
ratio Ti/Ca is for crystal-lattice reasons larger than solar in SiC grains, the supernova
SiC grains possess very large isotopic excess at **Ca. These were found in the fam-
ily of SiC grains called X grains, which were already suspected of being supernova
grains on the basis of deficiencies in the heavy isotopes of Si and C and on excesses
of N (Alexander et al., 1990; Amari et al., 1992).

The extremely large isotopic excesses of 2°Mg and **Ca in these SiC X grains
were the most dramatic discoveries of fossil extinct radioactivity in stardust. They
demonstrated that radioactive 2°Al and **Ti had been quite abundant when the
grains condensed during the supernova expansion. Predictions had also suggested
that fossil abundances in interstellar grains might contribute to excesses of the
daughter isotope in solids grown later from interstellar grains (chemical memory).
But Lee et al. (1977) had emphasized grounds for believing that the excess *°Mg
within solids made in the solar system reflected instead live 2°Al at the time the
solids were made. Both fossil and live 20 Al now appear to have existed. These dis-
coveries dramatically spotlighted rich new roles for the astronomy of radioactivity
in early solar system chemistry.

Many other fossil extinct radioactive nuclei have been added to the observed list.
In supernova stardust these include excess 2’Ne owing to 2’Na decay, excess *'K
owing to *'Ca decay, and excess **Ti owing to *°V decay within the grains (see
Clayton and Nittler, 2004). All had been predicted to exist in supernova dust, but
their discovery surprised and delighted isotopic chemists and astronomers alike.

Following the exciting discovery of presolar stardust, its study has emerged as a
new area of astronomy. In just 23 years its existence has evolved from a bewildering
new discovery into several new techniques for measuring isotopic abundance ratios
with high precision in stars. This has been especially important for astronomy with
radioactivity, because in stardust the level of extinct radioactivity reflects its abun-
dance during nucleosynthesis in stars, whereas in solar system samples it reflects the
level of its survival. Precisely measured isotopic ratios for four to eight chemical ele-
ments endows each gemlike refractory mineral with significance for stellar structure
and evolution, and for the chemical evolution of the Milky Way during the epoch 7-5
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Gyr ago, and for new insight into nucleosynthesis (Clayton and Nittler, 2004). This
rich harvest is compromised only by the fact that the donor stars can not be seen,
because they died before our solar system began. Their stardust bears no label, save
that of their measurable properties. The nature and evolutionary state of the donor
stars must be ascertained from the detailed properties, primarily isotopic, of each
grain and of the way each grain fits into the spectrum of the thousands of stardust
grains that have been analyzed to date. The rapidly growing numbers of analyzed
grains allows evolutionary trends within their distinct families to be identified. 3

2.2.5.3 Radioactivity and Chemistry of Condensation in Supernovae

An unanticipated aspect of astronomy with radioactivity lay in the role of radioac-
tivity in the chemistry of the condensation process. The supernova interior offers
a unique laboratory for condensation physics. It guarantees that chemistry begins
with gaseous atoms, with no trace of previous molecules or grains. Gamma rays
and their Compton-scattered electrons bathe the supernova core. By disrupting the
CO molecule, they cause its abundance to be very much smaller than expected from
states of chemical thermal equilibrium at the ambient temperature. The small CO
molecular abundance enables other non-equilibrium paths to the condensation of
carbon-bearing solids. This disequilibrium can be considered to be another aspect
of radiogenic luminosity causing a higher degree of excitation in the gas than would
be expected in the absence of radioactivity.

Because the supernova core is hydrogen-free, chemical condensation routes uti-
lizing H are not relevant. Polycyclic aromatic hydrocarbons, for example, do not
come into play save in the envelope; but 90-95% of the mass of ejected Mg, Al and
Si emerges in the H-free core. And yet abundant dust condensation is observed to
have occurred in SN1987A (Wooden et al., 1993; Colgan et al., 1994), in Cas A
(Arendt et al., 1999; Dunne et al., 2003) and in the Kepler remnant (Dunne et al.,
2003). Apparently a few solar masses condensed in Cas A and about one solar mass
in Kepler, requiring high condensation efficiency for Mg, Al and Si and even for
carbon and thereby establishing supernovae as a major contributor to the budget of
thermally condensed interstellar grain cores.

The traditional guideline to condensation of solids had been to assume that
chemical equilibrium applies during the expansion and temperature decline of the
supernova interior. Formulae yield the equilibrium condensed masses of differing
minerals (Lattimer et al., 1978; Ebel et al., 2000). This approach can not yield
grain size but only the total condensed masses. The assumption of thermal equi-
librium in the solid phaseexaggerates the ability of chemical reactions to maintain

3 Readers wishing familiarity with these topics can best consult later chapters of this book, or
Clayton and Nittler (2004), and Astrophysical Implications of the Laboratory Study of Presolar
Materials (Bernatowicz and Zinner, 1997); the Handbook of Isotopes in the Cosmos by Clayton
(2003) also presents many astrophysical consequences.
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chemical equilibrium within the solids as the gas cools. Because of the rapid fall
of density and temperature during the expansion of the supernova interior, thermal
condensation must be accomplished within about two years, too fast to maintain
equilibrium. A nonequilibrium theory of condensation based on nucleation theory
followed by subsequent growth has been developed by Kozasa and collaborators
(Kozasa et al., 1987, 1989, 1991; Todini and Ferrara, 2001). Their method identi-
fies a key molecular species whose abundance controls the condensation. However,
their questionable assumptions concerning gaseous mixing at the molecular level
and on an outdated role for the CO molecule render their results of questionable
value.

The nucleosynthesis problems posed by isotopic ratios within individual super-
nova grains can not be decoupled from physical questions about the chemistry of
their condensation. Condensation chemistry is an essential aspect of astronomy with
radioactivity. Because no single supernova mass zone is able to satisfy the isotopic
ratios found in supernova grains,it has long been clear (Amari and Zinner, 1997) that
some type of mixing before condensation is needed to produce their chemical and
isotopic compositions; but it is not clear whether that mixing represents atom-scale
gaseous mixing in the very young remnant or transport of a growing grain from one
composition zone into another. But the biggest question is whether the requirement
that the C abundance be greater than O abundance in order to condense SiC and
graphite within supernovae is a valid requirement. For their discussion of supernova
stardust, for example, Travaglio et al. (1999) took the view that mixing occurs at
the atomic level, prior to condensation, and that only C>O portions of those mix-
tures support condensation of carbon. They arbitrarily and instantaneously mixed
regions having C<O with the He shell having C>O to find mixing fractions that
retained C>O overall. Kozasa et al. (1989) performed similar thought experiments.
Such treatment is deeply flawed, however, because it seems certain that gases can
not mix at the molecular level within a few years time (see Deneault et al., 2006;
Fryxell et al., 1991). The so-called mixing calculated in hydrodynamic studies of
supernovae, on the other hand, represents fluids of one composition exchanging
places in the homologous expansion with overlying fluids of a different composi-
tion. This is a different use of the word mixing, and has introduced considerable
confusion into published works. Mixing at the molecular level requires very much
more time than the year that is available before condensation must occur. Later the
expanding remnant is too dilute, its density too small, for condensation.

To circumvent the equilibrium CO trap for carbon, Clayton et al. (1999, 2001),
and Deneault et al. (2006) called upon its dissociation by the fast compton electrons
energized by supernova gamma rays. They advanced a kinetic theory of graphite
growth and calculated its consequences in detail after advocating a specific nucle-
ation model. The key idea is that small graphite test particles, if placed in a hot
gas of C and O atoms, will associate with free C atoms faster than they can be
oxidized by free O atoms. This is a property of reaction cross sections rather than of
chemical equilibrium. Even though oxidation of carbon would surely be the ulti-
mate end given adequate time, the expansion will terminate the chemistry after
about two years with large graphite grains remaining. The graphite essentially is



76 D.D. Clayton

a metastable state of carbon. This theory is supported by observing that super-
nova 1987A ejected only 1073 Mg of CO molecules instead of the 0.1 Mg, of
CO molecules that is first formed by association reactions in the hot gas before
radioactive disruption reduces its abundance (Dalgarno 1994, 1995; Gearhart et al.,
1999).

Similar issues probably surround the condensation of supernova SiC. It seems
plausible that radioactive liberation of free C atoms from CO molecules will also
facilitate the condensation of SiC in O-rich gas; but this is hotly debated. Although
a kinetic route to SiC condensation has not been layed out, Deneault et al. (2003)
have formulated a physical description of the ejecta enabling them to make sev-
eral relevant conclusions derived from assuming that the radioactive CO-disruption
mechanism is the correct key to SiC growth. They present animations of a hydrody-
namic calculation showing that a reverse shock wave launched toward inner zones
by the radially increasing value of the product pr> in the H envelope compresses a
dense shell near radial mass coordinate m = 3 Mg, where Si and O are the most
abundant elements; but some C abundance remains there for possible carbon chem-
istry. They propose that SiC condenses in that zone, and they detailed several other
physical processes that may produce the observed grain compositions. Mixing of
a new type during condensation also occurs if the reverse shock generated by the
radial expansion colliding with the presupernova wind arrives at the condensation
zone at m = 3 M between six months to a year after the explosion, because that
reverse shock slows the gas and forces the partially condensed SiC grains to propel
forward through the decelerating gas into more 2*-30Si-rich regions, giving perhaps
a new interpretation for mixing during condensation.

Despite many uncertainties, it now appears certain that supernova grains studied
by isotopic analysis will provide, through details of condensation chemistry, a new
sampling spectrum of young supernova interiors, just as have gamma-ray lines and
hard X-rays. If so, a very rich but complex discipline of astronomy with radioactivity
will follow.

2.2.5.4 Astronomy with Radioactivity Today

This introductory chapter has focussed on the history and the key physical ideas of
astronomy with radioactivity. Effective research depends on a clear grasp of an inter-
disciplinary set of its central ideas. History itself often provides the best example by
which the physical idea can be first grasped. But the remainder of this book looks
forward, not backward. Every aspect of astronomy with radioactivity today involves
grappling with a host of technical details. This book attempts to bring the reader to
that point. Each aspect of astronomy with radioactivity today also involves grappling
with the entire world of astronomy. Astronomy itself is many disciplines, and not
even astronomers are always comfortable outside their own astronomical technique.
How much harder it is to place the complex manifestations of radioactivity into a
continuously changing astronomical fabric. But this is the direction of all scientific
progress.
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Part 11
Specific Sources of Cosmic Isotopes

The following three Chapters discuss various stellar sources of new isotopes. Here
we focus on the processes which take place within an astrophysical object over
the course of its evolution. For stars, this can be for millions to billions of years.
For explosions, evolution may take place on characteristic time scales of hours or
minutes, or even as short as seconds. In these three Chapters we present the material
for later discussions of the evolution of larger objects ranging from stellar groups
to galaxies. We grouped stars according to main themes related to single stars
and binary systems. The section on single stars was further divided into Chapters
each for the two physically-different ranges of stellar masses defined by separating
core-collapsing from white-dwarf-generating stars. Binary systems can experience
mass transfer, which adds complexity that leads to a rich variety of phenomena.
We discuss sub-categories associated with different nuclear-reaction environments,
spanning a broad range from thermonuclear supernovae through novae to X-ray
bursts.






Chapter 3
Radioactivities in Low- and Intermediate-Mass
Stars

M. Lugaro and A. Chieffi

Energy in stars is provided by nuclear reactions, which, in many cases, produce
radioactive nuclei. When stable nuclei are irradiated by a flux of protons or neutrons,
capture reactions push stable matter out of stability into the regime of unstable
species. The ongoing production of radioactive nuclei in the deep interior of the
Sun via proton-capture reactions is recorded by neutrinos emitted during radioactive
decay. These neutrinos escape the inner region of the Sun and can be detected on
Earth. Radioactive nuclei that have relatively long half lives may also be detected in
stars via spectroscopic observations and in stardust recovered from primitive mete-
orites via laboratory analysis. The vast majority of these stardust grains originated
from Asymptotic Giant Branch (AGB) stars. This is the final phase in the evolu-
tion of stars initially less massive than ~10 Mg, during which nuclear energy is
produced by alternate hydrogen and helium burning in shells above the core. The
long-lived radioactive nucleus °Al is produced in AGB stars by proton captures at
relatively high temperatures, above 60 MK. Efficient production of 2°Al occurs in
massive AGB stars (>4 : 5 M), where the base of the convective envelope reaches
such temperatures. Several other long-lived radioactive nuclei, including ©°Fe, 3"Rb,
and Tk, are produced in AGB stars when matter is exposed to a significant neutron
flux leading to the synthesis of elements heavier than iron. Here, neutron captures
occur on a timescale that is typically slower than S-decay timescales, resulting in a
process known as slow neutron captures (the s process). However, when radioactive
nuclei with half lives greater than a few days are produced, depending on the tem-
perature and the neutron density, they may either decay or capture a neutron, thus
branching up the path of neutron captures and defining the final s-process abundance
distribution. The effect of these branching points is observable in the composition
of AGB stars and stardust. This nucleosynthesis in AGB stars could produce some
long-living radioactive nuclei in relative abundances that resemble those observed
in the early solar system.
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3.1 The Missing Element

The element with 43 protons in its nucleus, lying between molybdenum and ruthe-
nium, was known for a long time as the missing element. Since the nineteenth cen-
tury there had been many unsuccessful attempts at its discovery. Finally, in 1937
Italian physicist Emilio Segré and chemist Carlo Perrier found two isotopes of the
missing element through measurements of radioactivity from discarded cyclotron
parts: they observed several decay periods and proved they were occurring at
Z = 43. Hence the missing element did not exist in nature because of its instability
against nuclear decay. The discoverers named the missing element technetium (Tc),
from texvntdc, which means artificial in Greek, since it was the first element
produced artificially. Fifteen years later, it was shown that Tc is not only made by
men but also by stars. In 1952, astronomer Paul Merrill observed the absorption
lines corresponding to the atomic structure of Tc in the spectra of several giant stars.
Merrill was at first cautious about this result. To start with, the element he identified
did not even exist on Earth. Second, up to then it was assumed, and not proved
wrong, that all stars had the same chemical composition. This was in agreement with
the accepted theory of the time that the elements were all produced during the Big
Bang and their abundances in the Universe were not modified by any further process.
Merrill’s discovery in that respect was truly revolutionary: given the relatively short
half lives of the Tc isotopes (a few million years at most), the Tc lines were the
first indisputable demonstration that this radioactive element was made in situ in
the stars where it was observed. This finding brought a radical change in the way
we understand the origin of the elements, and the theory of stellar nucleosynthesis
introduced in Chap. 2 began to take shape and garnered authority. In this chapter
we discuss the life of those stars that, like our Sun, evolve twice through Red Giant
stages. We describe how they produce long lived radioactive nuclei, like Tc, in their
interiors, how the signature of such radioactivity is carried outside the star, and how
it can be observed.

3.2 The Production of Radioactive Nuclei in Stellar Interiors

In Sect. 3.2.1 we first derive the four basic equations that control the quasi-
equilibrium configuration of a self-gravitating gas sphere, namely, the hydrostatic
equilibrium equation (that describes the balance between the pressure gradient and
gravity) and the energy transport equation (due to photons and/or convection), plus
the two associated continuity equations for mass and energy flux. Then, we show
that energy losses, which occur mainly from the stellar surface in stars of mass
less than ~10 Mg, force the gas to contract and to heat, in accordance with the
virial theorem. The progressive increase of the central temperature allows the acti-
vation of nuclear processes and we describe two sequences that convert protons
into “He nuclei (o particles): the PP chain and the CNO cycle. Since proton cap-
ture inevitably pushes matter out of the stability, both these sequences produce
radioactive nuclei that decay by emitting neutrinos.
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In Sect. 3.2.2 we briefly describe the quest for solar neutrinos and the various
experiments that eventually allowed the demonstration that the lower than predicted
neutrino flux from the Sun (the so-called Solar Neutrino Problem) is the conse-
quence of neutrino oscillations among their three different flavors.

3.2.1 The Stellar Energy Source and Radioactive Isotopes

A star is, in first approximation, a spherically symmetric, gaseous cloud contracting
under its own gravity and progressively heating up while losing energy from its
surface in the form of photons. A strong temperature gradient, with the temperature
decreasing from the centre to the surface, pushes the photon flux outward until the
mean free path' of the photons eventually becomes larger than their distance from
the surface, allowing their escape. The Virial theorem links the energy gained by the
gravitational field AS2 to that absorbed by the gas AU: AU = —AR2/3(y — 1),
where y is the ratio between two specific heats, that at constant pressure and that
at constant volume, of the contracting gas. A stable quasi-equilibrium configuration
exists for such a structure provided that y > 4/3. In this case, a fraction of the
energy gained by the gravitational field must be liberated from the structure before
the gas cloud can contract further. In the case of a perfect gas (y = 5/3) we obtain
the classical result AU = —(1/2)AS2, stating that half of the gravitational energy
liberated by each infinitesimal contraction is absorbed by the gas and half must
be lost before an additional contraction can occur. The timescale over which the
energy is lost from the system drives the timescale of contraction and keeps the
structure in a quasi-equilibrium configuration. If, instead, y drops to 4/3, all the
gravitational energy is absorbed by the gas and no time delay is required before a
new contraction can occur. This is an unstable situation leading to collapse. In the
evolutionary phases we discuss in this chapter y remains well above 4/3 and hence
a stable quasi-equilibrium configuration is always assured.

The balancing forces required to maintain a stable stellar quasi-equilibrium con-
figuration are due to pressure gradients and gravity. So, the first main equation of
stellar structure describes the equilibrium between these two forces, at any given
distance from the center of the star r:

dP/dr = —GMp/r> (3.1)

where P is the pressure, G the gravitational constant, M the cumulative mass inside
r, and p the density. Associated to this equation is a continuity equation for mass:

dM/dr = 4mr?p. (3.2)

! The average distance a particle travels between collisions.
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By assuming, to zero order, that p is constant within the star, the integration of
Eq. (3.2) implies that:

pox M/R. (3.3)

Since the pressure at the surface of the star is much lower than where the radius
approaches zero, the center of the star, the equation of hydrostatic equilibrium, (3.1),
basically says that

P. o« Mp/R; (3.4

where P, is the central pressure and R; the stellar radius. By inserting the relation
(3.3) into (3.4) one obtains:

P. o M?/R*. (3.5)

If the equation of state is that of a perfect gas, i.e. P o« p T/, relation (3.5)
becomes:

T, o uM/R (3.6)

where 7 is the temperature and p is the mean molecular weight. This equation
provides an important basic relationship among central temperature (7), mass, and
radius of a star, which only relies on the assumption of hydrostatic equilibrium.

The second major equation describing the structure of the quasi-equilibrium con-
figuration of a star determines the energy flux through the structure. In stationary
situations the energy is transported by photons or electrons and application of the
first Fick’s law leads to the well known equation:

dT/dr = —3kpL/(16acrr>T?) (3.7)

where « is the opacity coefficient representing the impenetrability of a gas to light,
L the luminosity representing the amount of energy radiated per unit time, a the
radiation constant, and c¢ the speed of light. Furthermore, in this case a continuity
equation

dL/dr = 4xr’pe (3.8)

controls the conservation of energy, where ¢ represents the net local energy budget,
i.e., the sum of the nuclear energy production rate ey, the neutrino energy loss
rate ¢,, and the gravitational energy rate &,. Since the central temperature 7, is
much higher than the surface temperature, it is possible to obtain a basic relationship
between central temperature, mass, luminosity and radius of a star, i.e.:

T.* « ML/R*. (3.9)
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By combining this relation with the previous relation (3.6), derived from hydrostatic
equilibrium (3.1), one eventually obtains the fundamental relation between mass and
luminosity:

L o u*M3. (3.10)

Frequently, the energy produced locally cannot be transported quickly enough by
radiation or conduction, and interior shells formally in an equilibrium condition
can become unstable in the sense that a displacement from their equilibrium posi-
tion is not fully counteracted by a restoring force. Instead, matter is accelerated
even further from its original position and large scale motions of matter (convec-
tion) is established. Under these conditions energy is predominantly transported by
buoyancy-driven motions of bulk material due to their much larger mean free path
with respect to that of photons. A temperature gradient quite different from that
described by Equation (3.7) must then be used in these regions. A direct conse-
quence of these large scale motions is that matter is mixed throughout an unstable
region.

The system formed by the two basic equations related to hydrostatic equilibrium
and energy transport plus the two associated continuity equations and the equation
of state (supplemented by an opacy coefficient k = f(p, T, chem.comp.) and a total
energy generation coefficiente = f/(p, T, chem.comp.)) constitutes the basic set of
equations that describes the internal structure of a quasi-equilibrium (non rotating)
stellar configuration at a given time. The temporal evolution of such a structure
is determined by the rate at which energy is lost to the surroundings: the faster
the energy is lost, the faster the structure evolves. Typical stellar luminosities range
between ~4 x 1033 erg/s for a star of 1 M, and ~4 x 103 erg/s for a star of 6 M and
the associated lifetimes can be estimated by dividing the total amount of available
energy by the loss rate L, i.e. the stellar luminosity. If the only energy source was
the gravitational field, the lifetime of a contracting gas cloud would be of the order
of a few tens of millions of years (the Kelvin-Helmholtz timescale). Instead, as was
known since the 1920s from radioactive dating of terrestrial rocks, that the age of
the Earth is several Gyrs, much longer than the Kelvin-Helmholtz timescale. Thus,
the Sun must be powered by different means. The lifetime of most stars is much
larger than permitted by their gravitational energy reservoir alone. Instead of simple
contraction, energy losses are replaced by the activation of nuclear fusion reactions
among charged nuclear particles near the stellar core.

The efficiency of nuclear reactions, i.e., their rate, depends on the abundances of
the reactant nuclei and the cross section of each reaction averaged over a Maxwellian
distribution of relative velocities between the target and the projectile nuclei. For
charged particle reactions the rate is mainly controlled by the Coulomb barrier gen-
erated by the number of protons in a nucleus. The nuclear reactions that activate
at the lowest temperatures are those involving capture of protons, i.e., the nucleus
of the lightest and most abundant element: hydrogen (H). Nature, however, does
not allow the build up of stable nuclei made only of protons because in order to
glue nucleons (i.e., proton and neutrons) together in a nucleus via the strong nuclear
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force, the repulsive electromagnetic force acting between protons needs to be diluted
with a certain number of neutrons. The distribution of stable nuclei in the [N = num-
ber of neutrons, Z = number of protons] plane, the chart of nuclides, clearly shows
that the region where nuclei are stable lies close to the N = Z line (the valley of
B stability) up to the element Ca, and then bends slightly towards the neutron-rich
side as the repulsion between higher number of protons needs to be diluted with
more and more neutrons. Nuclei outside this valley are radioactive, i.e., unstable,
and decay towards their closest stable daughter through B-decay weak interaction
reactions (as described in Chaps. 1, 2, 4, and 9). It follows that the build up of pro-
gressively heavier nuclei through the addition of protons naturally pushes the matter
out of the stability valley, producing radioactive nuclei that decay back towards
stability via BT decay.

A detailed analysis of the nuclear reactions involving the fusion of protons
(H burning) foresees the existence of two processes. The PP chain activates at tem-
peratures ~10 MK and operates through a sequence of proton captures and § decays
starting with a weak interaction p+p fusion. The processes involved in the PP chain
are listed in Table 3.1 together with the mass defect (Q values) in MeV and the
energy carried away by neutrinos Q,. If the neutrino emission is described by an
energy continuum, the maximum energy of this spectrum is reported. A direct build
up of progressively heavier nuclei through successive proton captures stops very
early, at >He, because of the low cross section of the *He+p reaction. Also, proton
captures on the second most abundant isotope, “He (or « particle, N = Z = 2),
cannot even begin, because nuclei with atomic mass number A=N+Z=5 do not
exist.> In order to proceed with proton captures beyond He it is necessary to
build up enough *He nuclei to activate the capture of this nucleus by either another
3He nucleus, or *He. The activation of *He captures allows to overcome the non-
existence of nuclei with A =5, though it still does not allow the build up of an
appreciable amount of nuclei heavier than He. In fact, the product of the 3He+>He
reaction is an « particle plus two protons, while the product of the 3He+*He reac-
tion is "Be, whose fate, either proton or electron capture leads to the formation of
8Be, which very quickly decays in two « particles. In synthesis, the fusion of H
mainly produces He, together with a number of radioactive nuclei that decay into

Table 3.1 The PP chain

Reaction Qot MeV) Q, (MeV)

p+p—d+et +v 1.442 0.42(spectrum)

d+p—3 He 5.494

3He 43 He —* He + 2p 12.860

3He +* He -7 Be 1.587

"Be4+e” =7 Li4+et +v 0.862 0.861(90%)—0.383(10%) (lines)
"Be+p—->3B—>8Be+et +v—>a+a 18209 14.060(spectrum)
Li+p—%Be—a+a 17.347

2 Their half lives are of the order of 10~22s.
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their respective stable daughter nuclei emitting a neutrino. The energies and the
number of neutrinos produced in these decays reflect the relative importance of the
various PP-chain branches and the efficiency of the nuclear reactions in stars.

The second process converting protons to « particles is the CNO cycle. Given
the high Coulomb barrier of the CNO nuclei, this cycle becomes efficient at tem-
peratures (T > 20 MK), significantly higher than those relevant to the PP chain.
The main section of this sequence is characterized by the continuous conversion
of C to N and viceversa. Let us start, e.g., with the capture of a proton by a 12C
(Table 3.2). The outcome of this fusion is the radioactive nuclide >N that quickly
decays B+ into 13C. Efficient proton captures by '*C lead to the synthesis of 4N,
Proton captures by '*N produce 30, a radioactive nuclide that quickly decays in
I5N. The fusion of a proton and a I5SN particle has, as the main outcome, a 2¢
nucleus plus an « particle. The sequence sketched above is called the CN cycle.
If the temperature exceeds T ~25 — 30 MK, also oxygen enters the game and the
full CNO cycle activates: !0 begins to capture protons forming radioactive !’F that
decays to !70. The capture of a proton by this particle leads to a compound nucleus
that preferentially splits into '*N and an « particle, and that partly turns into '3F,
which quickly decays to '80. Proton captures on 80 produce preferentially SN
plus an « particle. The activation of the channel ’N(p,y)'°0 closes the NO cycle,
processing material back into oxygen. The total abundance by number of the CNO
isotopes remains constant with time because the proton capture on any of them (and
the subsequent B decays) just produce another isotope in the same set.

For T > 25 — 30 MK, the full CNO cycle becomes efficient and quickly reaches
a quasi-equilibrium in which the abundance of each nucleus settles on a steady state
value determined by the balance between its production and destruction. For exam-
ple, the equilibrium abundance of '3C (assuming that >N decays instantaneously)
is given by:

Table 3.2 The CNO cycle

Reaction Qtot MeV)
2cypBN 1.944
BN B Ctet +v 2.220
BCeyp-sN 7.551
UN+p—-1o0 7.297
B0 5B N+4et +v 2.754
BN+p—-"2C+a 4.966
BN+p—190 12.127
10 +p—>17F 0.600
TE 5170 4et +v 2.761
T04+p—>"“N+a 1.192
T04+p—>18F 5.607
B B8 04et v 1.656
B0 4+p PN+« 3.981

Bo4+p—>19F 7.994
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dYi3c
dt

=Yoc Yy pNa <ov>ncy, — Yisc Y, p Ny <O’U>13C+p=()

where Y; refers to the abundance by number of a given species i, t is time, p is the
density, Na is Avogadro’s number and < o v >;4; is the Maxwellian averaged
product of the velocity v times the nuclear cross section o for a given reaction
between nuclei i and j. The equilibrium condition immediately gives:

Y12C <OV >I3C+p

Yise <oV >ncy,

which means that the relative abundances between isotopes of the CNO cycle
depend only on the ratio between the respective cross sections for proton capture.
Typical isotopic and elemental ratios obtained in the temperature range 30 < 7' <
100 MK are reported in Table 3.3.

The neutrinos emitted by the decay of radioactive nuclei synthesized by the CNO
cycle have characteristic energies different from those emitted by the PP chain. Their
detection would provide precious information about the relative efficiency of the
various reactions involved in the CNO cycle.

In addition to the PP chain and the CNO cycle there is another sequence of pro-
ton captures that can become efficient in stars, although it does not play a role in
the energy budget. In the temperature range 40-50 MK the proton captures listed
in the upper part of Table 3.4 quickly bring to their equilibrium values the abun-
dances of 2ONe, 2!Ne, %2Ne, and 2*Na, forming also in this case a NeNa cycle.
For temperature in excess of 50 MK the ZNa(p,y)**Mg channel competes with
the 23Na(p,a)?°Ne so that matter from the NeNa cycle leaks towards more massive
nuclei. At temperatures of order of 60 MK also the proton captures listed in the lower
part of Table 3.4 fully activate so that all the nuclei between 2°Ne and 2’ Al reach
their equilibrium abundances. Is it worth noting that 2°Al, a long-lived radioactive
nucleus with half life 7.17 x 10° year, is included within this sequence. 2°Al can
be ejected into the interstellar medium by stellar outflows (winds) and its decay
into 2°Mg can be detected as diffuse y-ray emission (Sect. 7.4) when the metastable
26Mg relaxes towards its ground state. Moreover, it can be included in dust grains
that form around stars and decay within the already formed minerals. This nucleus
is thoroughly discussed in Sects. 3.6.1 and 7.4, and in Chaps. 4 and 9. Typical

Table 3.3 Typical isotopic ratios

Isotopic ratio ~ Value Solar value
Yioc/Yise ~4 89
Yiay/Yisy ~ 4 x 10* - 10° 272

Y170/ Yi60 ~1072 - 1073 3.8 x1074
Ye/Yn ~7x1073-25x%x 1072 32
Yn/Yo ~ 60 — 350 0.13
Yisg/Yiso 22 x 1078 for T < 50: 60 MK 2x 1073

Yis/Yieg declines to ~ 5 x 1078 at T~ 100MK 2 x 1073
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Table 3.4 The NeNaMgAl sequence

Reaction Qot MeV)
20Ne 4+ p —2! Na 5.979
2INa -2 Ne4et +v 3.548
2INe + p —22 Na 6.739
2Z2Na >22 Ne+et +v 2.842
22Ne 4+ p -2 Na 8.794
BNa+p—->2Ne+a 2.377
BNa+p -2 Mg 11.693
Mg +p -2 Al 6.548
BAl P Mg +et 4+ v 4.277
Mg +p —20 Al 6.307
26A1 26 Mg+ et +v 4.004
20414+ p —27 Si 12.275
20Mg +p =27 Al 8.271
27181 —»27 Al4+et + v 4.812
2TAl4+p -8 si 11.585
ZAl+p —>* Mg+ a 1.601

Y26,/ Y274, equilibrium ratios produced by H burning range between 3 x 1072 at
60 MK and 0.8 at 100 MK. We refer the reader to the book by Cox and Giuli (1968)
for a derivation of the basic stellar structure equations and detailed discussions of
the physics involved in the study of stellar evolution.

Although the sequences of nuclear reactions that power stellar luminosity are
now considered to be well understood, a wise Galilean approach suggests to verify
experimentally (whenever possible) their occurrence in stars. Our Sun provides a
unique opportunity to accomplish such verification via the detection of neutrinos
produced by radioactive decay in its deep interior.

3.2.2 Solar Neutrinos — A Unique Opportunity

The long-term stability of characteristic solar properties, in particular its luminos-
ity and surface temperature, can be explained only if the solar energy source is of
nuclear origin and specifically involves proton captures, which are associated with
abundant fuel and a long time scale. As discussed above, such an energy source
inevitably results in the production of radioactive nuclei, which decay into their
stable daughter nuclei through weak processes, hence emitting neutrinos. Modeling
of the internal structure of the Sun predicts a central temperature at present of about
15 MK, and hence that the PP chain dominates (99.6%) over the CNO cycle (0.4%)
converting H into “*He. The relative importance of the nuclear reactions in the PP
chain in the Sun leads to the result that the majority (93%) of the neutrinos produced
should come from p(p, e™v.)d reactions (where d = deuterium, N=Z=1) and be of
relatively low energy (E < 0.42MeV, see Table 3.1), while only a minor fraction of
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Fig. 3.1 Rates of the reactions involved in the PP chain and the CNO cycle as a function of the
mass coordinate in a solar-like stellar model having approximately the age of the Sun of 4.6 Gyr.
The H abundance is also plotted and its range shown on the right-side y-axis

the total neutrino spectrum is expected to be contributed by the decay of "Be (~7%,
E ~0.86 MeV) and ®B(0.0075%, E < 15MeV).

Figure 3.1 shows the rates of the nuclear reactions involved in the PP chain and
CNO cycle as a function of the mass coordinate for a 1 M stellar model of solar
metallicity and an age close to the present age of the Sun, i.e., 4.6 Gyr. All the 8T
decays are concentrated near the center where the bulk of the synthesis of unstable
nuclei takes place. The relative importance of the various PP reactions, and hence of
the associated neutrino fluxes, depends on the rates of the nuclear reactions involved,
which, in turn, are a function of density, temperature, and chemical composition.
Since the internal structure of a model of the Sun depends on the adopted and some-
what uncertain input physics — e.g., the nuclear cross sections, the equation of state,
the opacity, and the chemical composition of the gas from which the Sun formed —
the detection of neutrinos from the Sun is fundamental not only to experimentally
verify the nuclear origin of the solar luminosity, but also to confirm the overall
reliability of the modeling of the internal structure of the Sun and the adopted input
physics.

It is therefore understandable that the quest for the solar neutrinos started early,
more than 40 years ago, with the Davis experiment (1967-1985) (Bahcall et al.,
1985; Cleveland et al., 1998). This experiment, based on the interaction between an
electron neutrino and 3’Cl, has a threshold energy of roughly 0.8 MeV and hence
could essentially only detect the 8B neutrinos, which constitute a minor fraction
of the neutrino flux from the Sun. The Davis experiment provided two basic results,
one very encouraging and another very stimulating. First, it detected solar neutrinos,
demonstrating beyond any doubt that proton captures are occurring in the interior of
the Sun. Second, the detected neutrino flux was roughly one third of the predicted
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value. Such a result stimulated much further work and a large number of papers on
this puzzle were written over the decades. The discrepancy was considered by many
physicists as a strong indication that the basic modeling of the Sun was wrong,
however, it must be recalled that it was confined to a very minor branch of the
PP chain. The discrepancy became more serious with the advent of the GALLEX
experiment (Hampel et al., 1998) — a collaboration among France, Germany, Italy,
Israel, Poland, and USA, led by MPIK Heidelberg, 1991-1997 — and the SAGE
experiment (Abdurashitov et al., 1999) — a Russian-American collaboration, 1990—
2000. These modern sophisticated experiments were designed to detect the bulk of
the neutrinos produced in the Sun, i.e., the low energy neutrinos produced by the
p+p reaction. They confirmed both the detection of a neutrino signature from the
Sun and the existence of a discrepancy between theoretical and observed fluxes. This
result plunged the basics of solar modeling into a crisis because these experiments
were sensible to the total number of electron neutrinos emitted by the Sun. This
number is theoretically robust, depending only on the basic assumption that the solar
luminosity comes from the conversion of protons into « particles, and not on the
details of the modeling of the internal structure of the Sun or of the cross sections of
the nuclear reactions involved. If the solar luminosity is powered by the conversion
of protons into « particles, the total number of electron neutrinos emitted per second
by the Sun must be 2.38 x 10%° (L in MeV/s)/25 (energy provided per o nucleus
in MeV) x 2 (number of v, produced per o nucleus) [ve/s], which corresponds,
at a distance of one astronomical unit, to a flux of 6.78 x 1010 ve/s. Instead, the
neutrino flux detected by GALLEX and SAGE was only half of this prediction.

The solution to this puzzling discrepancy arrived when it was shown that neu-
trinos oscillate among three different species: v,, v, and v;. None of the Davis,
GALLEX, or SAGE experimental set-ups could detect the v, and v; neutrinos so
that all these experiments simply missed the fraction of neutrinos that reach the
Earth as v, and v;. The Sudbury Solar Neutrino Observatory (SNO) experiment (a
Canadian, USA, and UK collaboration that started in 1999, McDonald et al., 2002)
was designed to detect all three neutrino flavors. In 2001 this experiment finally
showed that there is agreement between the observed and predicted neutrino fluxes
and hence demonstrated that our modeling of the interior of the Sun is basically
correct. In 2008, the Borexino instrument finally also opened up the sub-MeV range
for solar neutrinos and detected "Be neutrinos (BOREXINO Collaboration et al.,
2008). For comprehensive reviews on the solar neutrino problem and current status,
see Bahcall and Pefia-Garay (2004); Bahcall (2005); Oberauer (2010).

3.3 Evolution To and Through the First Giant Branch

In Sect. 3.3.1 we discuss the main evolutionary properties of stars once they leave
the long lasting phase of central H burning described above, commonly referred
to as the Main Sequence, and enter the phase known as the First, or Red, Giant
Branch (RGB). At the end of central H burning a star is composed of a H-exhausted
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core made primarily of He and a H-rich envelope. Hydrogen burning shifts from
the center to the base of the H-rich mantle while the envelope expands causing the
surface of the star to reach radii 10—1,000 times the solar radius and to cool down to
a few thousand K. This expansion triggers the formation of large scale convective
motions extending from the surface down to deep regions in the star where partial
H burning occurred during the Main Sequence. Some products of this H burning are
thus brought to the surface in a process known as the 1st dredge-up. In this phase
the He core grows in mass because the H-burning shell continuously converts H-rich
matter into He-rich matter and deposits the ashes onto the He core. The temporal
evolution of the He core depends on its initial size, i.e., the size it had just after the
central H exhaustion, which is in turn mostly determined by the initial stellar mass.
If the mass of the He core is less than ~0.35 M, which occurs for initial stellar
masses less than ~2 Mg, an electron degenerate core forms where matter reaches
such extraordinarily high density, up to ~10° g/cm?, that the dominant contribution
to its pressure arises from the Pauli exclusion principle, which prevents the electrons
from occupying identical quantum states. This leads to an increase of the lifetime
of this phase up to about 100 Myr, and forces the subsequent He ignition to occur
quite far from the center. If the He core is instead more massive than 0.35 Mg, the
electrons remain far from the degeneracy regime.

In Sect. 3.3.2 we discuss the conditions under which "Li, the stable daughter of
radioactive ’Be, may be produced, preserved, and brought to the stellar surface. This
nucleus is typically destroyed in the PP chain (Table 3.1), because its destruction
rate is efficient at temperatures lower than its production rate. A way to produce ’Li
was proposed in 1971 by Cameron and Fowler (1971): if freshly synthesized 7Li
is quickly brought to very low temperatures by mixing, then it can be preserved. If
H burning occurs in a convective environment it is in principle possible to find a
high Li abundance on the surface of a star, as observed in some stars belonging to
the First Giant Branch. However, these observations are in fact difficult to explain
because H burning occurs in a formally stable region well below the base of their
convective envelopes. Additional mechanisms of mixing must be invoked to bring
Li-rich material into the convective envelope.

3.3.1 The First Giant Branch

During the Main Sequence phase of stellar evolution described in the previous sec-
tion conversion of H into He via H burning in the centre of the star leads to a progres-
sive increase of the mean molecular weight combined with a decrease of the amount
of available fuel. The net result is a slight increase of the luminosity (because L
scales with the fourth power of the molecular weight, Eq. (3.10) in Sect. 3.2.1), and
a mild expansion of the surface of the star because of the formation of a molecular
weight gradient (Stancliffe et al., 2009). Once H is exhausted in the central region
of the star, the H-exhausted core, or He core, begins to contract on a gravitational
timescale while the region of active nuclear burning smoothly shifts above the He
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core, where H is still abundant. Further evolution of the He core depends on its
mass, which, in turn, depends on the initial total mass of the star. If the He-core is
more massive than a threshold value of ~0.35 M, which happens for an initial total
mass of ~2 Mg, its contraction induces strong heating of the He core itself, which
quickly reaches a temperature of ~100 MK at which fusion reaction of « particles
(He burning) is activated. If, instead, the core is less massive than 0.35 Mg, the high
densities reached render the electron gas degenerate, hence supporting the structure
against gravity without the need for additional contraction.

This difference has a large impact on further evolution of the star because, in
the latter case, the He core tends towards an almost isothermal configuration due to
the large mean free path of degenerate electrons relative to that of photons. If the
structure was isolated, as in the case of white dwarves, it would progressively cool
down losing its stored energy through the surface. Instead, in the case discussed
here, the degenerate structure heats up because it is surrounded by the H-burning
shell, which continuously deposits freshly synthesized He onto the He core. The
rate at which the maximum temperature increases with time in the degenerate He
core is controlled by the growth rate of the He-core mass, which obviously coin-
cides with the rate at which the H-burning shell converts H into He. Strong neutrino
production (Itoh et al., 1989) in the center of the electron degenerate core, due to
the interaction of photons with the plasma and/or to the scattering of photons on
electrons, carries away energy from the core pushing the location of the maximum
temperature outward in mass. The off-center location of the maximum temperature
is the result of the balance between energy loss due to the neutrino emission, which
scales directly with the density and pushes the maximum temperature outward, and
the energy gain due to the compressional heating, which scales inversely with the
density and pushes the temperature maximum back towards the center. The key
stellar parameters that control the location of the maximum temperature are the
CNO abundance and the initial mass of the star. The higher the CNO abundance, the
faster the conversion of protons into « particles in the H-burning shell, the stronger
the heating of the degenerate He core, and the closer the maximum temperature is to
the center. The higher the initial mass of the star, the lower is the degree of electron
degeneracy and the density in the He core, and hence the efficiency of neutrino
production.

While the H-burning shell influences the evolution of the He core, the growth
of the He core influences the evolution of the H-burning shell as well. In fact, the
progressive heating of the core raises the temperature at the surface of the core,
where H burning occurs. This results in a continuous positive feedback: the H burn-
ing shell deposits He onto the He core, which therefore heats up. Such a heating
leads to an increase of the temperature and density in the H-burning shell, accel-
erating the H burning rate and increasing the conversion rate of H into He, and
therefore the heating of the He core. As a consequence, the progressive increase
of the H burning rate determined by the growth of the He core mass forces the H
rich mantle of the star to expand and to cool. The cooling of the stellar envelope
triggers a large increase of the opacity because atoms become partially ionised. The
temperature gradient steepens, favoring the growth of convective instabilities that
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very quickly extend over a major part of the H-rich mantle from the surface down
to near the outer border of the H-burning shell. A consequence of the growth of
these convective motions within most of the H rich mantle is a large increase of the
surface luminosity caused by the continuous increase of the H burning rate coupled
to the fact that the convective envelope does not absorb or release energy but just
transports it outward.

Since convective motions play a fundamental role in the physical and chemi-
cal evolution of any star, we briefly sketch the basic physical reason that leads to
the growth of these large scale motions. The equilibrium condition provided by
counterbalancing pressure gradients and gravity in stars does not necessarily imply
stationary matter: a bubble of stellar matter may be considered stable against motion
if a restoring force pushes it back towards its rest position when, for any reason, it
is slightly displaced from its equilibrium location. Such a restoring force is simply
given by Archimede’s force, i.e., it depends on the density contrast between that
of the environment and that of the bubble. If the density of an element of matter
displaced towards a lower/higher density region turns out to be even lower/higher
than that of its new surroundings, the element will continue to raise/sink and move
away from its rest position, otherwise it will move back towards its equilibrium
location.

Changes in the physical structure of the bubble during its motion play an impor-
tant role in determining its density and thus its behavior. Mechanical equilibrium
with the environment is certainly well verified so that it can be safely assumed
that the internal pressure within the bubble istantaneously readjusts to that of the
environment. More difficult is to determine the amount of heat that the bubble can
exchange with the environment while moving. In the simplest case in which the
bubble does not exchange any heat with the surroundings until it has covered a cer-
tain distance (adiabatic approximation), and assuming that the region is chemically
homogeneous, the critical condition for the onset of large scale motions of the matter
is that the temperature gradient of the environment must exceed the adiabatic gradi-
ent (Schwarzschild criterion). While the radiative temperature gradient remains less
than the adiabatic temperature gradient, an element of matter will remain more/less
dense than its surroundings if displaced towards less/more dense regions (within
stars these displacements are typically connected to movements outward/inward in
mass), and hence it will experience a restoring force that will keep it anchored to
its rest location. On the contrary, when the radiative temperature gradient exceeds
the adiabatic temperature gradient stochastic motion of the matter is not hampered
by a restoring force, but it is amplified leading to the growth of large scale motions.
Hence, convective regions are associated with steep temperature gradients, which
typically occur either close to regions where energy production is strongly concen-
trated, or in regions where the mean free path of the photons, which scales with the
inverse of the opacity, becomes so small that radiation energy transport becomes
inefficient.

The determination of the temperature gradient in convective regions is quite
complex. Here it suffices to say that while in the interior of a star the temperature
gradient in a convective region remains very close to the adiabatic gradient, in a



3 Radioactivities in Low- and Intermediate-Mass Stars 97

convective envelope the temperature gradient becomes much steeper (intermediate
between the radiative and adiabatic case) because the low density in the outer enve-
lope makes energy transport by convective eddies inefficient, so that both photons
and eddies contribute to the outwards transport of thermal energy.

Since convective eddies have a very large mean free path with respect to that of
photons, convection is a very efficient energy transport mechanism. In the specific
case of the extended convective motions that form above the H-burning shell in Red
Giant stars, energy transport is so efficient that virtually all the energy produced
by the burning shell is transmitted to the surface without essentially any absorption
by the convective layers. It follows that a star in the H-burning shell evolutionary
phase is forced to increase in size to be able to get rid of the extra energy influx,
while the drop of the surface temperature is limited by the presence of a maximum
temperature gradient: the adiabatic temperature gradient, which cannot be overcome
by much in the largest fraction of the envelope mass.

The mere existence of stars in the RGB phase constitutes evidence of (a) the
presence of an active H-burning shell, demonstrated by the breaking of the mass-
luminosity relation L oc M3 that holds during the Main Sequence phase, (b) the pres-
ence of a maximum temperature gradient, demonstrated by the only minor change
of the surface temperature along the RGB, (c) the continuous increase of the energy
production by the H-shell burning, demonstrated by the continuous increase of the
surface luminosity, and d) the presence of an electron degenerate core (for stars with
initial mass less than ~2 M), demonstrated by the existence of a relatively long
lasting, ~10% year, and thus observable RGB phase, which would be prevented if
the He core was gravitationallly contracting.

Soon after the formation of the H-burning shell, the large scale motions that grow
in the H-rich envelope and rapidly extend from the surface down to just above the
top of the H-burning shell, bring to the stellar surface matter partially processed
by proton-capture reactions during the Main Sequence phase. This mixing, referred
to as the 1st dredge-up, modifies the stellar surface composition. The amplitude
of these modifications depends on the initial stellar mass and metallicity, the gen-
eral rule being that the amplitude of the changes of the surface composition scales
with the initial stellar mass, directly up to 3 Mg and then inversely for higher
masses, and inversely with the metallicity. Figure 3.2 shows the abundance profiles
of several nuclear species as a function of the mass location for a solar-like stellar
model evolved to the RGB, just before the convective envelope deeply penetrates
into the star. The solid vertical line shows the maximum inward peneration of the
convective envelope. Since the convective motions reach layers in which the local
chemical composition has previously been modified by nuclear burning, also the
surface chemical composition is modified by the mixing induced by these large scale
motions. In particular the surface He abundance is slightly increased by 5%, He
increases by one order of magnitude, ’Li is destroyed, the '>C/ 13C ratio drops from
the solar value of 89 to roughly 30, the "N/ 1SN ratio increases from the terrestrial
value of 272 to ~ 500 while the oxygen isotopic ratios and those of heavier nuclei
remain at their solar values. In stars more massive than the Sun the oxygen isotopic
ratios are also modified with '°0/!70 decreasing by up to one order of magnitude,
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Fig. 3.2 Snapshot of the abundances of several nuclear species in a solar-like stellar model just
before the onset of the 1st dredge-up. The maximum inward penetration of the convective envelope
during the 1st dredge-up is marked by the vertical solid blue line

from solar ~ 2700 to ~ 250 and '80/!%0 increasing mildly up to ~ 700 from the
solar value of 500. A detailed quantitative determination of these changes depends
on the specific stellar model considered.

The evolution of the star after the 1st dredge-up is characterized by the H-burning
shell progressively converting H from the convective envelope into He, which is
deposited onto the inert He core. The continuous mass transfer from the envelope
to the core progressively reduces the mass of the envelope while its chemical com-
position does not change any more because the temperature within the convective
envelope is too low to activate nuclear reactions.

The evolution along the RGB ends when the maximum temperature in the core is
high enough, ~100 MK, to activate the burning of He via 3« reactions, during which
three « particles join into a '>C nucleus. If the pressure is dominated by degenerate
electrons the energy released by these reactions cannot be immediately balanced
by an expansion of the core. Hence, He ignition occurs through a series of flashes,
which progressively remove the degeneracy, shifting the burning towards the center.
Once the electron degeneracy is fully removed, a quiescent central He-burning phase
settles in.

All along the complex, and partly still mysterious, RGB evolutionary phase that
links central H to central He burning, radioactive nuclei are produced by H-shell
burning mainly via the CNO cycle. Most of them, however, have negligible life-
times, so they could only be detected through the neutrinos they emit. Unfortunately,
no Red Giant star is close enough to the Earth to allow the detection of neutrinos
of nuclear origin produced in its interior. However, there are two unstable nuclei,
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"Be and "N, whose half life may be comparable or even larger than some stellar
timescales: for "Be the half life is comparable to the envelope mixing turnover
time, for >N the half life is comparable to proton-capture timescale in extremely
metal-poor stars, because stars of lower metallicity are more compact and hotter,
due to their lower opacity.

In the next section we discuss specifically the abundance of 7Li, the stable daugh-
ter of "Be, in giant stars, which could provide important clues about the presence
of additional motions extending below the base of the convective envelope. This
is important because, as we described above, the modeling of large scale motions
within stars is still crude and their growth, timescale, and efficiency not yet well
understood.

3.3.2 The Production of Li

Lithium (Li) isotopes® in stars are fragile as they are easily destroyed by proton-
capture reactions once the temperature exceeds 3 MK. The destruction timescale
drops from 100 million years at 3 MK to only 0.3 million years at 5 MK while
their production through fusion reactions only occurs at much higher temperatures,
between 10 MK and 25 MK. The lower limit is due to the fact that the synthesis
of Li is initiated by the *He(e,))’Be reaction, which becomes efficient only at
temperature of the order of 10 MK, while the upper value is due to activation of the
7Be(p,y)gB reaction, which overcomes the electron-capture reaction 'Be(e™, v)’Li
above a temperature of the order of 25 MK. Hence, Li is efficiently produced in a
temperature range where it is also efficiently destroyed and therefore there seems to
be no room for Li production in a star. However, there are a number of Red Giant
stars observed to be Li rich (Castilho et al., 2000; Balachandran, 2005; Uttenthaler
et al., 2007).

A possible way out of such a puzzling situation was recognized by Cameron
and Fowler (1971) and is based on the idea that instabilities, such as convection,
rotation-induced instabilities, thermohaline mixing, etc., may bring freshly made
"Be from its production site to more external regions, where the temperature is low
enough to inhibit proton captures on ’Li, on a timescale shorter than that of electron
capture of "Be. Note that the electron-capture rate of 'Be shows a mild increase as
the temperature decreases.

A typical environment in which the Cameron-Fowler mechanism operates is
during the Asymptotic Giant Phase (AGB) phase (Sect. 3.4.1), if the star is more
massive than 4:5 M. These stars develop large scale motions in the H-rich mantle
that extend from the surface down to regions where the temperature is high enough
(> 40 MK) for some nuclear burning to occur (Hot Bottom Burning), in particu-
lar via the He(a,y)’Be reaction. Figure 3.3 shows the cumulative turnover time

3 Lithium has two stable isotopes °Li and "Li, of which 7Li is the more abundant representing 92%
of solar Li.
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Fig. 3.3 The cumulative turnover time of the convective eddies computed from the base of the
convective envelope up to the surface as a function of temperature, T. The star is a 6M(, star of
solar metallicity some time after the beginning of the AGB phase. The horizontal dashed grey line
marks the typical timescale of the "Be(e™, v)’Li reaction while the vertical dotted grey line shows
the threshold temperature below which the timescale of the proton capture on ’Li becomes larger
than 300 million years

from the base of the convective envelope to the region of temperature T given in
the abscissa for a 6 M star of solar metallicity sometimes after the beginning of
the AGB phase. The horizontal dashed grey line marks the typical timescale of the
"Be(e”, v)'Li reaction while the vertical dotted grey line shows the threshold tem-
perature below which the timescale of the proton capture on 'Li becomes larger than
300 million years. In this environment 'Be produced above 10 MK is succesfully
transfered before decaying to a region where its daughter ’Li can survive.

An increase of the Li abundance at the surface of RGB stars is more difficult
to achieve. Though the turnover time scale within the convective envelope is also
in this case rather short (~1 year at Logjo(L/Lg) ~2), the temperature at the base
of the convective envelope always remains well below 5 MK, too low to lead to
an appreciable production of "Be. Nonetheless, as mentioned above observations
show the existence of a small number of Li-rich RGB stars. Figure 3.4 shows the
internal structure of the region around the H-burning shell from a solar-like stellar
model on the RGB. Here, "Be is synthesized well below the region where large scale
motions of the matter and hence mixing of the chemical composition occur. In this
environment the Cameron-Fowler mechanism could operate only by assuming the
presence of presently unidentified instabilities able to drive some mixing between
the region rich in "Be and the base of the convective envelope. The main constraint
on this extra mixing is that it must get close enough to the active H-burning shell
to reach the layers where the ’Be production occur, but it must not enter the region
of the main nuclear burning. The reason is that the speed at which a star climbs
along the RGB is regulated by the speed at which H is converted into He (see
above) which, in turn, also depends on the amount of fuel that continuously enters
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Fig. 3.4 Abundance profiles for H, 3He, "Be, and 7Li as function of the internal temperature in
the region between the H-burning shell and the base of the convective envelope (grey area) for a
solar-like stellar model on the RGB. The abundances of both “Be and "Li are given in the widely
adopted logarithmic scale in which &(X) = Logjo(Nx/Npn) + 12, where Nx and Ny represent the
abundances of element X and of hydrogen by number. In this scale the hydrogen abundance is
equal to 12. X(H) and X(3He) represent the mass fraction of H and 3He

the burning region. If this extra mixing reached the active burning region, it would
inevitably bring fresh H into the burning region, therefore altering the rate at which
H is consumed by the H-burning shell and hence the timescale of evolution along the
RGB. This evolutionary timescale is observationally well established from counting
the number of stars on the RGB in many Galactic globular clusters, and already very
well reproduced by current models of these stars without extra mixing.

There are other hints that point towards the presence of extra-mixing phenomena
in RGB stars (and perhaps in AGB stars too, as discussed in Sects. 3.6.1 and 3.6.2).
The observed surface 2C/!3C ratio and N abundance are, respectively, too low and
too high with respect to the values predicted by the 1st dredge-up. Extra mixing
would naturally lower the first ratio and raise the N abundance, this being the signa-
ture of H burning (see Table 3.3). A deeper mixing than predicted by current models
would also reduce the abundance of 3He in the stellar envelope, which is increased
by the 1st dredge-up, by bringing this nucleus down to regions where it is destroyed.
This reduction is needed to avoid an increase of the *He abundance in the interstellar
medium, which is not observed, due to the material expelled by low-mass stars over
the lifetime of the Galaxy.

Figures 3.5 and 3.6 show the isotopic abundances of several nuclei up to Al
within a solar-like star while climbing the RGB (at Log(L/Lg) ~3). Note that we
chose to use the temperature as the abscissa instead of mass to better clarify the
temperature at which each nuclear species varies. The figures clearly shows that, for
each given depth reached by an extra mixing process, a few nuclei are expected to
be modified. For example, a drop of the oxygen abundance at the surface of an RGB
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1e-03 LI L L L LIS L L L 1e+00
1e-04
T
1e01 8
(5]
T 1e-05 g
£  F.. @
P g . S—— {1 i
m 1606 = _ - te02 3
] - . =
@ - i
E 1 =
x 1607 = p . 2
= 20 2
C Ne 1003 *.
3 \ ~ +
1e-08 = ,I ]
- 24
f Mg \ .
1e-09 sl s s loes s lanns by abelonnalssnslons 1004
50 45 40 35 30_ 25 20 15 10
T(10°K)

Fig. 3.6 Abundance profiles of the Ne, Na, Mg and Al isotopes as function of the temperature on
the RGB in a solar-like stellar model

star due to an extra mixing process (the depth reached by the extra mixing should
extend down to at least 40 MK in this case), would also imply an increase of the
surface abundances of both N and Na. Isotopes like '#0 and ?*Ne are expected to
be fully destroyed, while the '>C/!3C ratio should drop and the "“N/'>N increase.
Note that in any case it would be very difficult to obtain a surface change of the Ne
and the Mg abundances because their most abundant isotopes, 2’Ne and 2*Mg, are
not modified unless the mixing reaches down to the location of main H burning.

In summary, our modeling of mixing in stars is still oversimplified and unrealis-
tic as it is based on a simple buoyancy model. Observational evidence of stellar
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abundances also involving radioactive nuclei and their daughters points out that
mixing of matter outside the standard convective boundaries should occur in stars.
These observations can be used to improve our description of mixing phenomena in
stars.

3.4 Evolution in the Double Shell Burning Phase

We start Sect. 3.4.1 by describing the central He-burning phase and the direct scaling
of the mass of the convective core resulting from He burning with the mass of the He
core. The mass of the convective core determines the size of the initial He-exhausted
core, an important parameter for subsequent evolutionary phases. As it happens pre-
viously when H burning shifts from the centre to a shell, also when He is exhausted
in the core and He burning shifts from the centre to a shell, the envelope is forced to
expand and convective motions extend from the external layers deeply inward into
the star. In stars more massive than 4:5 Mg, the convective envelope even penetrates
within the He core reducing its mass size and carrying to the stellar surface material
processed by nuclear reactions (2nd dredge-up). If the He-exhausted core does not
grow above ~1.1 Mg, an electron degenerate core forms again, this time made of
C and O, on top of which are located two burning shells: the He-burning and the
H-burning shells. This marks the beginning of the double burning shell phase: the
Thermally Pulsing Asymptotic Giant Branch (TP-AGB) phase.

The two key features of this phase are that (1) the two burning shells can not be
simultaneously active, but they alternate within a cycle in producing the required
energy and (2) He ignition within each cycle occurs through a thermal runaway (or
thermal pulse, TP) that ends when enough energy is injected in the He-burning zone
to convert its temperature and density profiles into a configuration that allows stable
burning. The frequency of these thermal instabilities scales directly with the He-core
mass. Such an abrupt injection of a quite large amount of energy (~10*® erg) induces
first the growth of a convective shell within the (intershell) zone, located between
the two shells, and second, soon after this convective region is extinguished, the
expansion of the base of the H-rich envelope, which forces the convective envelope
to penetrate well within the intershell zone (3rd dredge-up). The combination of
these two successive convective episodes allows nuclei freshly synthetized by He
burning to be carried up to the stellar surface. Moreover, the temperature at the base
of the convective envelope scales directly with the He-core mass, and, in stars more
massive that 4-5 Mg, reaches high enough values that H burning activates (Hot
Bottom Burning, HBB).

In Sect. 3.4.2 we discuss Super-AGB stars, i.e., stars with initial mass that locates
them in the interval between stars that develop an electron degenerate core after He
is exhausted in the center and enter the AGB regime, and more massive stars that do
not develop an electron degenerate core. Super-AGB stars ignite carbon out of center
in semidegenerate conditions and go through a central C-burning phase. However,
the C-exhausted core is not massive enough to heat up to the Ne burning, so an
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electron degenerate ONeMg core forms. These stars then go through a thermally
pulsing phase. The final fate of these stars depends on the capability of their ONeMg
core to reach the critical mass of ~1.35 Mg, required to activate electron captures
on 2*Mg and *°Ne. Stars with a core that does not reach this crital mass lose all their
H-rich envelope and end their life as ONeMg white dwarves, while stars with a core
that reaches this critical mass explode as electron-capture supernovae.

We continue by briefly discussing mass loss during the AGB phase in Sect. 3.4.3.
The strong increase in surface luminosity, coupled to luminosity variations and
formation of dust grains in the atmospheres of AGB stars, strongly enhances the
mass-loss rate in this phase with the consequence that all AGB stars lose their H-rich
envelope, leaving behind the naked electron degenerate core as a cooling CO white
dwarf. Finally, in Sect. 3.4.4, we discuss the different species of dust grains that form
in the atmosphere of an AGB star. The key role here is played by the C/O number
ratio in the atmosphere because the strong bond of the CO molecule results in trap-
ping all of the atoms of the least abundant of the two elements. In an oxygen-rich
gas (O>C) the species of dust are oxide grains, for example, Al30; (corundum) and
many different types of silicates (SiO, SiO;, etc.). In a carbon-rich gas (C>0), the
species of dust are, for example, SiC (silicon carbide) and C itself (graphite). Some
of this stellar AGB dust is now recovered from primitive meteorites, representing a
real speck of an ancient AGB star that we can analyse in the laboratory.

3.4.1 Asymptotic Giant Branch (AGB) Stars

As anticipated at the end of Sect. 3.3.1, once the central temperature in a RGB star
exceeds 100 MK, He in the core starts being converted into '2C via 3« reactions,
and subsequently into '°0 via '>C(a, y) '°0 reactions. The cross section of the 3o
reaction has a tremendous dependence on the temperature: it scales roughly as T2
in the range 100-300 MK, so that the energy produced by these reactions is very
strongly concentrated towards the centre of the star where the temperature is at its
maximum. The very large photon flux that forms in these conditions triggers the
formation of large scale motions of the matter, which mix the material in the central
part of the star (the convective core) in order to efficiently carry the energy outward.
The mass of the convective core depends on the luminosity produced by the 3«
reactions. This luminosity scales with the mass of the He core because the larger
its mass, the larger is the amount of energy required to maintain the hydrostatic
equilibrium (see Sect. 3.2). Hence, the size of the convective core scales directly
with the mass of the He core. The mass of the He core, in turn, scales directly with
the initial mass of the star, thus, in conclusion, the mass of the convective core scales
directly with the initial mass of the star. Analogously to the Main Sequence central
H-burning phase, the energy production in the core is dictated by the mass of the
star (see Sect. 3.2.1). However, the role played by the total stellar mass in central
H burning in the central He-burning phase is replaced by the He-core mass because
the density contrast between the He core and the H-rich mantle is so large that the
core does not feel the presence of the H rich mantle and evolves as if it was a naked
He core.
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In the meantime, the temperature at the He/H interface is high enough that also an
efficient H-burning shell is active leading to continuous deposition of fresh He onto
the He core. Moreover, large convective motions develop (in most cases) in the outer
H-rich envelope. The actual extension and temporal variation of these convective
regions depends on the initial mass and chemical composition of the star.

At variance with H burning, no radioactive nuclei are produced by the 3« and the
12C(a, y) '°0 reactions because they convert matter along the valley of 8 stability.
Radioactivity during He burning is produced instead via the sequence of reactions
that convert '“N into 2*Ne via a double « capture and the radioactive decay of '3F:

UN(a, y) BF(et + v) 80(«, y) ?*Ne. In H-exhausted regions, N is by far the
most abundant nuclear species after He because a main effect of the CNO cycle,
which operated in the previous H-burning phase (see Sect. 3.2.1) is to convert most
of the initial C and O, the two most abundant elements beyond H and He, into N.
Hence, during He burning 2*Ne becomes the most abundant isotope, after C and O,
once N is fully consumed by « captures.

When He is exhausted in the centre, He burning moves smoothly outward in mass
leaving behind a CO core that begins to contract on a Kelvin-Helmholtz timescale.
Similar to the H-burning shell, also the He-burning shell produces more energy than
required to balance gravity because energy production is controlled by the size of
the underlying core, and not by the mass of the star. The CO core increases pro-
gressively in mass because of the continuous deposition of CO-rich material made
in the He-burning shell and the He-burning shell increases its energy production
accordingly. As a consequence, the overlying He+H-rich mantle is forced to expand
substantially and to cool down so much that the H-burning shell switches off. As
during the RGB phase, this expansion progressively inhibits energy transport by
radiation and large scale motions of the matter progressively extend inward from the
outer envelope. In stars initially more massive than 4-5 Mg, the convective envelope
penetrates even inside the He core (2nd dredge-up). The main consequences of this
are a change of the surface abundances and a reduction of the He-core mass. Similar
to what happens during the RGB, the formation of an extended convective enve-
lope forces the star to expand at roughly constant surface temperature (because the
onset of convective motions fixes a maximum value for the temperature gradient,
see Sect. 3.2.1) and increasing luminosity. This phase is called Asymptotic Giant
Branch (AGB). The specific phase when the He-burning shell advances in mass
eroding the border of the He core from within is called Early Asymptotic Giant
Branch (E-AGB).

The competition between the advancing He-burning shell and the sinking of the
convective envelope during the 2nd dredge-up fixes the maximum mass that the CO
core (Mcp) reaches in this phase. If Mo is larger than roughly 1.1 Mg, the core
heats up to the C ignition temperature (~8 x 108 K), otherwise it turns into an
electron degenerate CO core able to self-sustain against gravity without the need
of additional contraction. The maximum initial stellar mass for which an electron
degenerate CO core forms is of the order of 7-8 Mg, for solar metallicity stars.
While the evolution of stars without an electron degenerate core is dictated by the
self gravity of the core, the evolution of stars with an electron degenerate core is
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controlled by the burning shells. In the following we concentrate on the further
evolution of the latter case, i.e., the AGB, while Chap. 4 describes the further evo-
lution of the first case.

On the AGB three main regions may be identified: the electron degenerate CO
core, a He-rich layer (also referred to as intershell since it is located between the He-
and the H-burning shells), and a H-rich mantle, most of which forms an extended
convective envelope. As the He-burning shell approaches the border of the He core,
it quenches because of the steep temperature drop associated with the drastic reduc-
tion of the mean molecular weight caused by the change from a He-dominated to
a H-dominated chemical composition. Being less and less supported by the extin-
guishing He burning shell, the mantle is forced to shrink, heat up, and progressively
re-activate the H-burning shell at its base. The H-burning shell starts to deposit
fresh He onto the He shell forcing the intershell to heat up again. At this point
a fascinating evolutionary phase begins in which nuclear burning and instabilities
coexist, realizing a unique habitat in which a large number of nuclear species may
be synthesized: the Thermally Pulsing AGB (TP-AGB) phase.

Quite schematically, the TP-AGB phase consists of a sequence of cycles each
of which may be divided in two main phases: a quiescent H-burning phase during
which the He-burning shell is inactive, and a He-burning phase during which the
H-burning shell is inactive. Though the two shells do not operate simultaneously,
they process roughly the same amount of mass per cycle so that the intershell mass
changes (shrinks) slowly in time. The transition from the active He-burning phase to
the active H-burning phase occurs quiescently in the sense that the energy provided
by the H-burning shell progressively replaces that provided by the dimming He-
burning shell. Instead, the transition from the active H-burning phase to the active
He-burning phase occurs in a traumatic way, which is responsible for the peculiar
sequence of events that characterizes the TP-AGB phase.

The reason for such a traumatic He ignition is that the pileup of fresh He on top
of an inert intershell leads to a T, p profile in the intershell that is controlled by the
compressional heating caused by the accretion of fresh He. This T, p profile is quite
different from the typical one determined by the presence of an active burning shell.
The large amount of energy required to turn the T, p profile from that determined
by the accretion and that required by the steady He burning, coupled to the very
steep dependence of the cross section of the 3« nuclear reaction on the temperature,
determines the growth of a thermal runaway (or thermal pulse, TP) in which a huge
amount of energy is released over a very short timescale. This runaway comes to an
end when enough energy has been deposited in the intershell to turn the T, p profile
into a profile suited for quiescent He burning. As an example, Fig. 3.7 shows as a
gray line the typical Log(T), Log(p) profile produced by the advancing H-burning
shell just prior to 3« ignition, while the black line shows the typical profile at the end
of the thermal runaway during steady He burning. In this specific example roughly
~10™ erg must be deposited in the intershell to perform the transition between the
two configurations. This amount of energy is determined by the fact that the needed
change of the T, p structure in the intershell requires a reduction of the binding
energy of the intershell.
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Fig. 3.7 The gray thick solid line shows the typical Log(T) — Log(p) profile in the intershell (in
the range 1073 < Xy < 0.9) just prior the onset of a thermal pulse in a 3 Mg, of solar metallicity
while the black thick solid line shows the typical profile in the same region at the end of the thermal
runaway when the steady He burning occurs

The main effect of the rapid injection of energy into the intershell during the TP is
the production of a very strong energy flux, which forces the growth of convective
instabilities to efficiently carry the energy outward. This convective shell extends
over most of the intershell region and plays a fundamental role in reshuffling the
chemical composition within this region and hence influencing the detailed nucle-
osynthesis that occurs at this stage (see next sections). Once the TP comes to an end,
the convective shell disappears and the quiescent He-burning shell phase begins.
Another important side effect of the rapid energy injection caused by the TP is the
expansion of the region above the He-burning shell, which forces a cooling of this
region. The consequence is that the H-burning shell switches off, and the tempera-
ture gradient steepens. This favors the penetration of the convective envelope down
into the intershell so that nuclei freshly synthetized in the deep interior of the star are
efficiently brought up to the stellar surface (3rd dredge-up). Similar to what happens
towards the end of the E-AGB phase, the He-burning shell progressively runs out of
power as it approaches the border of the He-rich layer, where the temperature drops
below the value necessary for the He burning. The overlying layers are forced to
contract and heat so that a H-burning shell activates again and a new cycle starts.

To visually illustrate the sequence of events making up a full TP cycle and to
make clear the pecularity of the TP-AGB phase, Fig. 3.8 shows the temporal evolu-
tion of the internal structure of a typical AGB star through three consecutive TPs.

The quantitative characteristics of the TPs depend on the core and envelope
masses, the general rule being that larger CO core masses correspond to higher
frequencies of thermal pulses, higher temperatures, and shorter lifetimes of the He
convective shell. Typical TP frequencies (determined after the first 20 TPs or so)
range between 2 and 3 TPs per 10° year for a 3 M, star having Mco ~0.7 Mg, and
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Fig. 3.8 Temporal evolution of the internal structure of a typical AGB star through three consecu-
tive TPs. The He convective shell is shown in red while the convective envelope is grey. The H and
He burning shells are shown in dark blue and dark green, respectively, while the intershell is light
cyan. The timescale between the end of the He convective shell episode and the beginning of the
successive one has been rescaled in order to improve readibility. In particular it has been changed
according to this formula: t = tenq conv sh + (t = tend conv sih)/ (Dtinterpuise X 103). In this way the
interpulse phase is rescaled to last 10° yr

more than 50 TPs per 107 year for a 6 M, star having Mco ~0.96 M, while the
peak luminosity ranges between 1 and 10 x 103 L.

Since the two burning shells process about the same amount of matter per cycle,
the average growth rate of the CO core per cycle roughly equates that of the He core.
This, coupled to the fact that He burning produces (per unit mass) roughly 10%
of the energy produced by H burning, and that the luminosity of these stars does
not change appreciably between the two burning phases, allows us to estimate the
relative burning lifetimes (tye/ty). The amount of energy produced by He burning
per cycle must balance the surface losses, i.e., ege X AMpe = Lgurface X tHe, Where
eHe represents the amount of energy liberated by the He burning per unit mass,
AMy, the amount of mass processed by the He burning, Lgyface the luminosity of
the star and ty the lifetime of the He burning phase. Similar for the H burning one
may write that ey X AMy = Lgyrface X fu. If the amount of mass processed is
similar in the two cases (i.e., AMpye. ~AMp), the relative lifetimes scale roughly
as the two nuclear burning rates, i.e., tge/tg ~1/10. The amount of He burnt dur-
ing each He-burning episode is only partial, corresponding to about 25%-30% of
the He present in the intershell. Of this, roughly 25% burns during the TP and the
remainder during the quiescent He burning phase. The final nucleosynthetic result
is that carbon is produced via the 3« reaction, but it is only marginally converted
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into oxygen. The typical composition of the intershell after this partial He burning is
represented by matter made by roughly 75% He and 23% '>C, while the remaining
few percent are made up of >’Ne (from conversion of '#N as detailed above) and of
160. The 2*Ne nuclei are of interest as they act as a neutron source in the TPs when
the temperature reaches 300 MK. The lifetime of the He convective shell varies
between 100 year and 10 year for the 3 and 6 Mg stellar models, respectively.
Typically, the He burning shell is located between 7 x 1073 and 1.5 x 1072 R
from the center of the star, while the H-burning shell is located between 1 x 102
and 2 x 1072 Ry The intershell mass ranges roughly between 1073 and 102 M.
The surface radii of AGB stars vary between hundreds to thousands times the solar
radius.

The final fate of AGB stars is to lose all their H-rich mantle before the elec-
tron degenerate core may grow to its most massive stable configuration (i.e., the
Chandrasekhar mass). Such a destiny is due to the strong dependence of the mass-
loss rate on the luminosity of the star and on its surface chemical composition (see
Sect. 3.4.3). The maximum mass size reached by the CO core, which equates the
mass of the newborn white dwarf, is determined by the competition between the
speed at which the burning shells advance in mass and the efficiency of the mass
loss that erodes the H-rich mantle from the surface.

The occurrence of the 3rd dredge-up significantly affects the evolutionary proper-
ties of an AGB star. First, it reduces the size of the He core anticipating the quench-
ing of the quiescent He burning phase and hence its lifetime. Second, it slows down
the overall growth rate of the CO core and the He-rich shell. Third, it carries to the
stellar surface a fraction of the material freshly synthesized by partial He burning,
i.e., C, 22Ne, and slow neutron-capture (s process) elements heavier than iron (see
Sect. 3.5), drastically modifying the chemical composition of the star. In some cases,
the star even changes from the usual oxygen-rich (O>C) composition to carbon-rich
(C>0), with important consequences on the types of molecules and dust that can
form and the ensuing mass loss (see Sect. 3.4.4). Unfortunately, the question of the
maximum depth reached by the convective envelope during the 3rd dredge-up has
always been highly debated and different results have been obtained over the years
by different authors for AGB stars over the whole mass interval from 1.5 Mg up
to the more massive thermally pulsing stars. The reason is that, once the convective
envelope enters the He core, a discontinuity in the opacity (H is much more opaque
than He) determines the formation of a positive difference between the effective and
adiabatic temperature gradients just at the border of the convective envelope. This
is an unstable situation because the possible mixing of matter located just below the
base of the convective envelope with the H-rich convective mantle is an irreversible
process in the sense that these additional mixed layers become intrinsically convec-
tive because of the drastic increase of the opacity due to the mixing. It is therefore
clear that even small different numerical techniques adopted by different authors
may lead to quite different results.

Furthermore, the occurrence of the 3rd dredge-up is important because it creates
a sharp discontinuity between the convective envelope and the radiative intershell.
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Since a sharp discontinuity is not a realistic configuration in these conditions, the
occurrence of the 3rd dredge-up allows the possibility that some kind of diffusion of
protons occurs below the formal border of the convective envelope when it reaches
its maximum inward extension at the end of the 3rd dredge-up smoothing out the
discontinuity (though this is not obtained by applying the standard stability criteria
for mixing). However, the shape, extent, and timescale over which the diffusion of
protons in the He/C intershell may occur is unknown, its modeling is still artificial
and not based on self-consistent computations.

This diffusion allows the formation of regions where a small amount of protons
come in contact with matter that is predominantly composed of He and C, so that
the ratio Y(H)/Y(C) <« 1, but does not contain any 14N, since this nucleus has
been fully converted into 2*Ne in the previous TP. When these proton-enriched
layers begin to contract and to heat because of the quenching of the He burning,
the CN cycle activates, but it can not go beyond the synthesis of >C due to the low
proton concentration. As the temperature increases to roughly 90 MK, the '*C(«, n)
160 reaction becomes efficient and a significant neutron flux is produced. Hence,
this diffusion plays a pivotal role in the nucleosynthesis of species beyond the
Fe peak via neutron captures. A detailed description of the properties of this neu-
tron source and of its nucleosynthetic signature will be presented in Sect. 3.5.1.
The lack of N is crucial here, since this nucleus is a strong neutron poison
and its presence would inhibit neutron captures by Fe and the elements heavier
than Fe.

As already discussed in Sect. 3.3.2, typical temperatures at the base of the con-
vective envelope do not exceed a few MK at most in the evolutionary phases prior
to the AGB. Instead, another peculiarity of AGB stars is that during the H-burning
phase the temperature at the base of the convective envelope may reach values in
excess of several tens MK, and even exceed 100 MK, so that H-burning reactions
activate within the convective envelope. The efficiency of this phenomenon, known
as Hot Bottom Burning (HBB), scales directly with the temperature at the base of
the envelope and hence with the CO-core mass, which in turn scales with the initial
stellar mass. Hence, HBB is efficient in stars more massive than 4:5 M, depending
on the metallicity. As the energy produced in the convective envelope sums to that
produced by the H-burning shell, the core mass — luminosity relation changes (even
strongly) in the presence of HBB. From a nucleosynthetic point of view the occur-
rence of an active H burning in a convective environment implies a redistribution
of the processed material over all the convective zone, so the surface abundances
turn towards the relative abundances typical of the H burning at high temperature.
For example, an increase of the surface abundances of nuclei like 14N and 20A1
(discussed in detail in Sect. 3.6.1), a temporaneous increase of 7Li, a reduction of
12C and of the '2C/!3C ratio and the other signatures of the CNO, NeNa and MgAl
sequences.

We refer the reader to the review paper by Herwig (2005) and to the book chap-
ter on the evolution of AGB stars by Lattanzio and Wood (2004) for a thorough
presentation of the evolution of these cool giant stars.
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3.4.2 Super-AGB Stars

In the previous section we identified stars that go through the double shell burning of
the TP-AGB phase as those that develop an electron degenerate CO core where car-
bon burning fails to occur. There is, however, another class of stars that experience
the double shell burning phase: those with initial total mass between the maximum
mass that forms an electron degenerate CO core where C does not ignite (Myp) and
the minimum mass that does not form an electron degenerate CO core (Mpys). Stars
more massive than M, evolve up to the final core collapse as described in Chap. 4.
Depending on the initial chemical composition and the adopted physics, My, ranges
between 6—8 M, and Mp,,s ranges between 9—12 M. It is important at this point
to recall that these limiting masses are somewhat uncertain because they depend on
the size of the convective core, the carbon to oxygen ratio left by the He burning,
the efficiency of the 2nd dredge-up and the cross section of the '2C + 2C nuclear
reaction. Unfortunately, all these quantities are still subject to severe uncertainties.

Stars falling between these two limits form a partially electron degenerate
core, but are massive enough to ignite C in the core, lift the degeneracy, and go
through the C burning in the core. They are not massive enough, however, to
avoid the electron degeneracy of the ONeMg core left by C burning. The evo-
lution of stars in this relatively small mass interval, called Super-AGB stars, has
not been studied extensively up to now because of the difficulty in computing the
C-burning phase due to the removal of the degeneracy that occurs through a
series of successive flashes, and the lack of massive computer power, which is
needed to study this complex situation. This situation is rapidly changing and
progress is currently under way on the computational modeling of Super-AGB stars
(Siess, 2006, 2007).

Since these stars form an electron degenerate core after core C burning, they also
go through a double shell burning phase similar to the AGB phase experienced by
their less massive counterparts. Because their degenerate cores are more massive,
following the trend shown by AGB stars, the frequency of the thermal pulses is
higher (up to 500 TPs per 10° year), the He peak luminosity is lower than in the
normal AGB stars (up to ~4 x 10° L), while the base of the convective envelope
may reach temperatures as high as 110 MK, hence, H burning occurs within the
convective envelope (Hot Bottom Burning). Similar to what happens in the more
massive AGB stars, but quantitatively more pronounced, the luminosity produced
in the convective envelope adds to that produced by the radiative H burning signif-
icantly altering the core mass - luminosity relation and the surface composition is
modified by the signature of H burning. The possible occurrence of the 3rd dredge-
up would also shuffle the surface chemical composition with the typical products
of the partial He burning, i.e. C, and s-process elements. The efficiency of the 3rd
dredge-up is very uncertain also for these stars. In principle, one could expect a
lower efficiency of the 3rd dredge-up because the amount of energy released by a
TP is lower and the overall temperature is much higher than in a standard AGB star,
so that it could be more difficult to expand the base of the mantle and to steepen
the temperature gradient up to a value that would allow the convective envelope to
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penetrate the He core. Quantitative estimates of the yields of the nuclei specifically
produced by the TP Super-AGB stars are in progress (Doherty and Lattanzio, 2006).

The final fate of a Super-AGB star depends on the competition between the
advancing burning shells, which increase the size of the ONeMg core, and the
mass loss, which limits its growth. Also an efficent 3rd dredge-up would contribute
to limiting the growth of the core. Stars more massive than a critical value reach
the threshold electron degenerate core mass for the onset of electron captures on
2*Mg and 2°Ne after a certain number of TPs and eventually explode as electron-
capture supernovae. Stars less massive than the critical value, instead, end their
life as ONeMg white dwarfs. An estimate of the electron degenerate core mass
above which electron captures become efficient in an ONeMg environment can be
determined by considering that the threshold energy for electron capture is 6 MeV
for 2*Mg and 8 MeV for 2°Ne and that the mass of a fully electron degenerate core
having a Fermi energy of the order of 6 MeV is ~1.35 M. Thus, if the electron
degenerate core grows to the threshold value of >~1.35 Mg or so, electron captures
are activated on 2’Ne and 2*Mg.

This process removes electrons and hence pressure from the center of the star,
starting a runaway process that leads to the core collapse and final explosion as
electron capture supernova. The explosion of these electron capture supernovae is
similar to that of core collapse supernovae (see Chap. 4), with a few distinct fea-
tures. During the initial collapse of the degenerate core, electron captures increase
significantly the degree of neutronization of the matter, i.e., raise the global neutron
over proton ratio because of the capture of the electrons by the protons. The nuclear
species produced by explosive burning depend significantly on the neutron over pro-
ton ratio so that the higher the degree of neutronization of the matter the higher the
production of neutron-rich nuclei: in particular ®Ni becomes favored with respect
to °Ni. Since the luminosity peak of a supernova correlates with the amount of
6Ni produced during the explosion, a natural feature of these electron captures
supernovae is a lower luminosity with respect to typical core collapse supernovae.
Also, the final kinetic energy of the ejecta is expected to be of the order of 0.1 x 103!
erg, roughly one order of magnitude lower than in typical core collapse supernovae
(see, e.g., Hoffman et al., 2008; Wanajo et al., 2009).

3.4.3 Winds from AGB Stars

An observed peculiarity of AGB stars is that they show strong stellar winds, which
carry material away from the surface of the star into its surroundings. Nuclei newly
synthetised during the AGB phase and carried to the stellar surface by the 3rd
dredge-up are shed into the interstellar medium so that AGB stars contribute to
the chemical make-up of their environments and of new generations of stars. The
mass loss rate due to winds in AGB star increases as the star evolves along the AGB
and can reach values as high as 107 Mg/yr (to be compared, for example, to the
solar mass loss rate of 10~!! M/yr) at the end of the AGB, which is known as the
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superwind (Iben and Renzini, 1983). This is a strong and dense but slow wind, with
material leaving the star at relatively low speeds of 5-30 km/s.

The winds are caused by two main factors. First, large quantity of dust form
around AGB stars and radiation pressure acting on this dust contributes to driving
the winds. The extended envelopes of red giant and AGB stars, where the temper-
ature drops down to ~1,000 K, are an ideal location for the formation of a large
variety of molecules like CO, TiO, VO, as well as ZrO, when the gas has been
enriched in heavy elements such as Zr by the s process and the 3rd dredge-up, and
C,, CN, and CH, when the gas has been enriched in carbon by the 3rd dredge-up.
In the case of refractory elements, which have the property of condensing at high
temperatures directly from gas into the solid state, the gas condenses into tiny par-
ticles, which then can grow into dust grains. Because of the large quantity of dust
around them, AGB stars become obscured toward the end of their life and can only
be seen as mid-infrared sources, since the dust absorbes the energy of the visual
light coming from the star and reemits it as infrared light. Second, AGB stars are
variable stars, meaning that their luminosity varies with time with changes occur-
ring over relatively long periods >100 days. These luminosity variations are due to
stellar pulsations, in the sense that the whole star expands and contracts. Pulsations
produce changes in the stellar radius and temperature, which cause the variations
in the stellar luminosity. When the pulsations attain a large amplitude they lead
to strong stellar winds and a large mass-loss rate. Pulsation levitates matter above
the photosphere and increases the wind density by about two orders of magnitude
(Wood, 1979; Sedlmayr and Dominik, 1995; Dorfi et al., 2001).

The strong stellar winds driven by the combined effects of radiation pressure
acting on dust and pulsation eventually erode the whole stellar envelope (Dupree,
1986; Willson, 2000). Hence, the winds govern the lifetime of AGB stars because
when the envelope is almost completely lost the star moves away from the AGB
phase into the hotter post-AGB phase. Toward the end of the post-AGB phase, the
shell of material ejected by the AGB star may become illuminated by the radiation
coming from the central star, and produce a planetary nebula. The former AGB stars
is now referred to as a planetary nebula nucleus and finally turns into a cooling CO
white dwarf.

3.4.4 Dust from Giant Stars and the Origin of Stardust

The specific dust species that form in the atmosphere of AGB stars depends mainly
on the C/O ratio. The difference in the type of dust that can form in a carbon-rich
or oxygen-rich gas is due to the strong bond of the CO molecules: if O>C, all
carbon atoms are locked into CO and only oxygen-rich dust can form, viceversa, if
C>0, all oxygen atoms are locked into CO and only carbon-rich dust can form.*

4 This general rule is debated in the case of dust formation in supernova ejecta, see Chap. 2,
Sect. 2.2.5.3.
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In an oxygen-rich gas (O>C) dust species are, for example, Al30; (corundum),
CaAlj20j9 (hibonite), MgAl,O4 (spinel), as well as many different types of silicates
(Si0, SiO», etc.). In a carbon-rich gas (C>O0), dust species are, for example, SiC
(silicon carbide), TiC (titanium carbide), and C itself (graphite).

Formation of dust around AGB stars is well documented by spectroscopic obser-
vations in the infrared (e.g. Treffers and Cohen, 1974; Speck et al., 2000, 2009) and
predicted to occur by theoretical models (e.g. Fleischer et al., 1992; Lodders and
Fegley, 1995; Gail and Sedlmayr, 1999; Ferrarotti and Gail, 2002). It is now widely
accepted that AGB stars are the most prolific source of dust in the Galaxy. When
summing up the contribution of the different families of late red giant and AGB
stars: i.e., spectroscopically, the M stars, the OH/IR stars,” and the carbon stars, it
results that ~90% of all dust of stellar origin in the interstellar medium came from
these sources (Whittet, 1992).

Thus, it is not surprising that the vast majority of stardust grains extracted from
meteorites (Sect. 2.2.4. and Sect. 10.2) show the signature of an origin in AGB
stars (Table 3.5. The main signatures of AGB nucleosynthesis imprinted in mete-
oritic stardust grains are: (1) the O isotopic composition of the majority of oxide
and silicate grains showing excess in 7O and deficits in 180, and known as Pop-
ulation I and II of stardust oxide grains (Nittler et al., 1997), which match the O
isotopic ratios observed around AGB stars via spectroscopic observations of CO
molecular lines (e.g. Harris et al., 1987), and (2) the distribution of the '2C/'3*C
ratios of >90% of SiC grains showing a peak between 50 and 60 (solar value is
89) and known as the mainstream SiC population, which match the distribution
derived from spectroscopic observation of CO molecular lines in C-rich AGB stars
(see Fig. 3 of Hoppe and Ott, 1997). The Ne composition measured in stardust SiC

Table 3.5 Meteoritic stardust grain types, populations, and origins

Type Population Origin
oxide and silicate grains I AGB stars
11 AGB stars
I undetermined
v supernovae
silicon carbide (SiC) mainstream AGB stars
Y AGB stars
zZ AGB stars
X supernovae
A+B undetermined
nova grains novae
silicon nitride supernovae
graphite low-density supernovae
high-density undetermined
diamond undetermined

Note: Table 5.2 gives complementary information to this table

5 OH/IR stars are cool red giants with strong hydroxyl (OH) masers and infrared (IR) emissions.
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grains - corresponding to the Ne-E(H) component rich in 2?Ne is also a clear signa-
ture of material from the intershell of AGB stars, where 22Ne is abundant. Moreover,
the elemental and isotopic abundances of the heavy elements Kr, Sr, Zr, Ru, Xe (the
Xe—S component), Ba, Nd, Sm, W, and Pb present in trace amount and measured
in SiC grains clearly show the imprint of the s process, which make inevitable their
connection to AGB stars. Smaller SiC Populations Y and Z (=1 % each of the total
recovered stardust SiC grains) are also attributed to AGB stars, but of metallicity
down to 1/3—1/5 of the solar value (Hoppe et al., 1997; Amari et al., 2001b; Zinner
et al., 2006).

With regards to the remaining types and populations of stardust grains, core-
collapse supernovae have been invoked as the origin site of Population X of SiC
grains (~1%) and the few recovered silicon nitride grains (Nittler et al., 1995),
showing excesses in 23Si and evidence of the early presence of **Ti, as well as
low-density graphite grains and Population IV of oxide and silicate grains (with
excess in 20 and 8Si Vollmer et al., 2008; Travaglio et al., 1999, see Chap. 4).
Novae are invoked for a few SiC grains of unusal composition (excesses in '3C and
1SN Amari et al., 2001a, see Chap. 5 Sect. 5.2), while the origin of SiC grains of Pop-
ulations A+B (~5% of all SiC grains, showing '3C/'?C < 10) is still unclear (Amari
et al., 2001c¢). Oxide and silicate grains with deficits in both 170 and 180, known as
Population III, have been attributed to stars of metallicity lower than solar, however,
the Si isotopic composition of the silicate grains belonging to this population is very
close to solar, which does not support this interpretation. The origin of this popu-
lation remains to be ascertained, together with the origin of high-density graphite
grains and of the very abundant and extremely tiny (10~° m) meteoritic diamond
grains, the majority of which probably formed in the solar system. For more details
in meteoritic stardust see, e.g., Clayton and Nittler (2004) and Lugaro (2005).

Given compelling evidence that most stardust came from AGB stars, the compo-
sition of these grains can be used as a stringent constraint for theoretical models of
AGB stars and, viceversa, the models can be used to identify the mass and metal-
licity range of the parent stars of the grains. Data from the laboratory analysis of
stardust are usually provided with high precision, down to a few percent errors, and
for isotopic ratios. In comparison, data from spectroscopic observations of stellar
atmospheres usually are provided with lower precision, errors typically >50%, and
mostly for elemental abundances. Thus, the information from stardust grains rep-
resents a breakthrough in the study of AGB nucleosynthesis. Also, given that the
abundances and isotopic compositions of elements heavier than Al and lighter than
Fe, such as Si and Ti, are mostly unaltered by AGB nucleosynthesis, laboratory
analysis of these elements in AGB stardust can be used to constrain in great detail
the initial composition of the parent star of the grains, and in turn the chemical
evolution of the Galaxy (e.g. Zinner et al., 2006).

Meteoritic stardust provides us with abundant and precise information on
radioactive nuclei in stars because the initial abundance of radioactive nuclei at the
time of the formation of the grains is recorded by the signature of their radioactive
decay inside the grains, which is easily derived from measurements of the excesses
in the abundances of their daughter nuclei. An important example is that of 2°Al,
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where the initial 2°Al abundance in a stardust grain is revealed by excesses in 2°Mg.
This will be discussed in detail in Sect. 3.6.1. In general, radioactive signatures in
stardust have the potential to be used as clocks for the timescale of dust formation
around stars and supernovae (Hoppe and Besmehn, 2002). Finally, stardust isotopic
data provide a unique way to investigate the operation of the s process in AGB stars,
as will be discussed in Sect. 3.5.5.

3.5 Neutron-Capture Nucleosynthesis in AGB Stars

In this section we show that:

e Free neutrons are produced in the TP-AGB phase by the >’Ne(a, n)>> Mg reac-
tion, which activates at ~300 MK and operates during He burning in the intershell
convective region during thermal pulses, and the 13C(Ol, n)16O reaction, which
activates at ~90 MK and operates in a radiative (and hence stable) region of the
intershell during the H-burning phases. The free neutrons trigger the s process,
which produces half of the cosmic abundances of the elements heavier than iron
via neutron captures mostly occurring on stable and long-lived radioactive nuclei.

e Unstable isotopes with half lives higher than a few days can also suffer neutron
captures during the s process, producing a wide variety of branching points on the
s-process path, which define the details of the abundance distribution produced
by the s process as a function of neutron density and temperature.

e The overall s-process abundance distribution is defined by stable nuclei with a
magic number of neutrons at the three s-process peaks at Sr, Ba, and Pb, and by
the total amount of free neutrons available.

e Several long-lived unstable isotopes are produced by the s process (details in
Sect. 3.6.5). Among them are >3Zr and ®*Tc. Observations of monoisotopic sta-
ble Nb (the daughter nucleus of >3Zr) and of T itself can be used as discriminant
between intrinsic (on the AGB) and extrinsic (with a former AGB binary com-
panion) s-process-enhanced stars.

3.5.1 Neutron Sources in AGB Stars

In the double burning shell phase a nuclear reaction that may produce a copious
neutron flux is 2?Ne(e,n)>>Mg. >’Ne is abundantly present in the intershell because
it directly derives from the initial abundance of O (the most abundant nucleus after
H and He) as a consequence of the operation of the CNO cycle first and of a dou-
ble « capture on '*N later. This means that this neutron production channel is of
secondary origin, i.e., its efficiency scales with the initial metallicity of the star.
The relatively high Coulomb barrier of Ne (Z = 10) pushes the threshold tem-
perature for o capture above 300 MK so that this process can activate only within
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Fig. 3.9 Neutron densities as functions of time corresponding to the activation of the two neutron
sources in a 3 Mg AGB star model of solar metallicity during the last interpulse-pulse cycle: (a)
the 13C neutron source (the zero point in time represent the time from the start of the interpulse
period, about 10,000 year, when the temperature reaches 79 MK); (b) the 22Ne neutron source (the
zero in time corresponds to the time when the temperature in the TP reaches 250 MK)

a hot He-burning region. Since the temperature at the base of the He convective
shell during thermal pulses scales directly with the mass of the H-exhausted core,
only stars initially more massive than ~3 My (Iben, 1975; Iben and Truran, 1978)
can efficiently activate this nuclear reaction. Panel (b) in Fig. 3.9, shows a typical
profile of the neutron density versus time associated with this neutron source. Its
shape reflects the sharp rise of the temperature caused by the growth of the thermal
instability and the following quite rapid decline due to the quenching of the insta-
bility. The high activation temperature and its very short duration (a few years) lead
to a very high initial neutron density (reaching up to N, ~ 10'* n/cm? in AGB
stars of initial mass ~6 M) but to a small total amount of >’Ne burnt per cycle, so
that the total number of neutrons released, i.e., the time-integrated neutron flux, or
neutron exposure T = fé N, vpdt, remains quite small, of the order of a few hun-
dredth of 1/mbarn (see Sect. 3.5.2). The signature of such an impulsive neutron flux
on neutron-capture nucleosynthesis will be discussed in the next section. We only
remark here an important difference between the neutron-capture nucleosynthesis
occurring during AGB thermal pulses and that occurring in the He-convective shell
of a massive star (other than the fact that in the AGB case the exposure to neutrons
occurs recurrently): the mass of the He-convective shell in AGB stars is orders of
magnitude smaller than that of a massive star so that the smaller dilution induced
by the mixing allows, in the former case, many unstable nuclei to reach a higher
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equilibrium concentration. This occurrence favors the synthesis of stable nuclei on
the neutron-rich side of the valley of g stability.

The problem with the 2*Ne neutron source is that AGB stars observed to be
enriched in s-process elements have been identified as AGB stars of masses lower
than ~3 Mg because (a) their relatively low luminosities (Frogel et al., 1990) match
those of low-mass AGB models; (b) their surface is generally C enriched, an occur-
rence that rules out a significant HBB and hence an initial mass greater than 3 Mg;
(c) excesses of 2>Mg, predicted to be produced by 2>Ne(a, n)>Mg, and of 2°Mg,
predicted to be produced by the twin channel 2*Ne(e, y)?°Mg, with respect to 2*Mg
are not observed (Smith and Lambert, 1986; McWilliam and Lambert, 1988); (d) the
high neutron density produced by the >*Ne channel, see Panel (b) in Fig. 3.9, would
favor the synthesis of neutron-rich nuclei like 9671 and elements as Rb, at odds with
spectroscopic observations (Lambert et al., 1995; Abia et al., 2001) and the solar
abundance distribution (Despain, 1980). Thus, for the vast majority of s-enhanced
AGB stars, another nuclear fuel for the production of neutrons has to be invoked.

Nuclei of 13C are the best candidate for this role, given that the BC(a, n)160
reaction activates at temperatures from approximately 90 MK, which are easily
reached in low-mass AGB stars. The achievement of the threshold temperature is,
however, a necessary but not sufficient condition for a nuclear reaction to be effec-
tive: an additional requirement is the presence of a sufficient amount of reactants,
in this case '3C. Models in which no mixing is allowed in the layers in radiative
equilibrium do not naturally produce a significant concentration of '3C in the inter-
shell region (see end of Sect. 3.4.1). In fact, the 13C available in the H-exhausted
zone is that corresponding to the equilibrium value provided by the CNO cycle.
As a neutron source for the s process, this '3C suffers two major problems: its
abundance is too low to power a significant neutron flux and its ratio with respect
to N is too low (13C/14N<< 1). The 14N(n, p)14C reaction® has a relatively high
neutron-capture cross section of ~~2 mbarn, with respect to typical cross section of
the order of 0.1-0.01 mbarn for the light nuclei. Hence, it is a formidable poison that
can even completely inhibit the s process. Hence, the >C neutron source represents
a valid alternative to the 2>Ne neutron source only if additional '3C is produced
in an environment depleted in 'N. A way out of this problem is to assume that
at the end of each 3rd dredge-up episode a small amount of protons penetrates the
intershell region. The amount of protons engulfed in the He/C rich intershell must
be small (Yp/Y12c << 1) because they must allow the conversion of 12C into 13C,
but not the conversion of 13C in #N. (Note that the intershell is essentially free of
14N at the end of a thermal pulse because '*N nuclei have all been destroyed by
« captures.) Once a small amount of protons has penetrated the intershell, the pro-
gressive heating caused by the deposition of fresh He synthetized by the H-burning
shell induces the conversion of 12C in 1>C. We can estimate the concentration of

6 This reaction produces 4C, a radioactive nucleus with a half life of 5730 year. This nucleus is not
carried to the stellar surface by the 3rd dredge-up because it is destroyed by *C(«, n)'80 reactions
during He-burning in the thermal pulse.
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protons that allows the build up of '3C, but not of '*N, by considering that the
production rate of '*N equates that of '3C when the concentration of '3C rises to
a value of the order of 1/4 of that of '?C. Since the mass fraction of '?C in the
intershell is about 0.2, the two rates equate each other for a '3C concentration of
Xi3e =~ 0.20 (13/12)/4 = 5 x 1072, If one requires the '3C production rate to
dominate that of 4N, the 13C concentration must be reduced by at least a factor
of 10, so that Xi3c =~ 5 x 1073, This abundance of '>C corresponds to a proton
concentration of the order of X, = Xi3¢/13 =4 x 1074

A self-consistent scenario able to produce this small amount of protons pene-
trating below the base of the convective envelope has not been found yet: several
mechanisms have been proposed (e.g. Iben and Renzini, 1982; Herwig et al., 1997;
Langer et al., 1999; Denissenkov and Tout, 2003) but none of them can presently be
considered as widely accepted. A discussion of these alternative scenarios goes well
beyond the purposes of the present discussion. What matters, and what modelers
often pragmatically assume, is that a small amount of protons definitely penetrates
in the intershell at the end of 3rd dredge-up. The detailed features of the '3C pocket
obtained with such a procedure are subject to large uncertainties.

Nonetheless the basic properties of the neutron flux that is obtained in this
way are considered relatively well understood (Gallino et al., 1998; Goriely and
Mowlavi, 2000; Lugaro et al., 2003b). The activation of the 13C(oc, n)160 occurs
well before the onset of the next thermal pulse and the s-process nucleosynthesis
triggered by this neutron source occurs at low temperature in a radiative environ-
ment (see Sect. 3.5.2). Panel (a) in Fig. 3.9 shows the temporal evolution of this
neutron flux. The rather long timescale over which this neutron flux remains active
is determined by the speed at which the H-burning shell accretes matter on the He
core, which means a typical timescale of the order of 10* year. Given such a long
timescale, 13C is totally consumed so that the total number of neutrons released is
very large, with neutron exposures of the order of a tenth to a few mbarn~!. The
neutron density, instead, keeps to low values, up to N,, ~108 n/cm>. Let us finally
remark that the neutron flux produced by the '3C neutron source is of primary origin,
i.e., independent on the initial stellar metallicity, since the 13C is made from !2C
synthetized starting from the initial H and He.

3.5.2 The s Process in AGB Stars

A fraction of the free neutrons produced in AGB stars by the '>C and ?*Ne neutron
sources described above is captured by Fe seed nuclei, leading to production of
elements with large atomic mass numbers up to Pb (A = 208) and Bi (A = 209)
via the s process. In general, a neutron flux that irradiates the surrounding matter
reproduces a situation analogous to that occurring during H burning, where matter
is irradiated by a flux of protons. While during a proton flux matter is pushed out
of the valley of g stability toward the proton-rich side, during a neutron flux matter
is pushed out of the valley of g stability valley toward the neutron-rich side. Thus,
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the presence of a neutron flux is inevitably associated to the synthesis of radioactive
nuclei that, sooner or later, decay back towards the valley of g stability.

During the s process, by definition, the timescale against B decay of an unstable
isotope is shorter that its timescale against neutron captures. Thus, neutron captures
occur only along the valley of g stability (Fig. 3.10). For this condition to hold
neutron densities must be of the order of N,, ~107 n/cm?. By comparison, during
the rapid neutron-capture process ( process), neutron densities reach values as
high as 10% n/cm? so that neutron captures occur on a time scale less than a sec-
ond (typically much shorter than that of radioactive decays) pushing matter towards
very neutron-rich material. When the neutron flux is extinguished, the neutron-rich
radioactive nuclei quickly decays back towards their stable isobars on the valley of
B stability. As presented in Chap. 4, the r process is believed to occur in explosive
conditions in supernovae.

In stellar conditions, though, neutron densities during the s process can reach
values orders of magnitude higher than 107 n/cm?. Depending on the peak neutron
density, as well as on the temperature and density, which can affect f-decay rates,
conditions may occur for the neutron-capture reaction rate of an unstable isotope to
compete with its decay rate. These unstable isotopes are known as branching points
on the s-process path. To calculate the fraction of the s-process flux branching off
the main s-process path at a given branching point a branching factor is defined as:

Pbranch

fbranch =

Pbranch + Pmain

where ppranch and pmain are the probabilities per unit time associated to the nuclear
reactions suffered by the branching point nucleus and leading onto the branch or
onto the main path of the s process, respectively.
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Fig. 3.10 The main s-process path along the valley of § stability from Zr to Ru is indicated by the
thick solid line and arrows. Solid and dashed boxes represent stable and unstable nuclei, respec-
tively. The radioactive nuclei >>Zr and **Tc behave as stable during the s process as their half lifes
(of the order of 10°—10° year) are longer than the timescale of the s process
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There are several types of branching points: in the classical case pmain corre-
sponds to 1, i.e., the probability per unit time of the unstable isotope to decay, and
Pbranch corresponds to p,, i.e., the probability per unit time of the unstable isotope
to capture a neutron < ov > N,, where N, is the neutron density and < ocv >
is the Maxwellian averaged product of the velocity v and the neutron-capture cross
section 0.7 A typical example of this case is the isotope *>Zr in Fig. 3.10, which has
a half life of 64 days, and can capture neutrons and produce the neutron-rich isotope
97y, classically a product of the r process, even during the s process. When the
branching point is a long-lived, or even stable isotope, but its S-decay rate increases
with temperature, the opposite applies: ppranch = A and pmain = pn. In even more
complex situations, a radioactive isotope may suffer both 7 and 8~ decays, as well
as neutron captures. In this case, three terms must be considered at denominators in
the definition of the branching factor above: p,, and A for both 8% and 8~ decays.

Branching points have been fundamental in our understanding of the s-process
conditions in AGB stars and will be discussed in more detail in Sect. 3.5.3. The low
neutron density associated with the '3C neutron source does not typically allow the
opening of branching points. On the other hand, the high neutron density associated
with the >>Ne neutron source activate the operation of branching points on the s-
process path, defining the details of the final abundance distribution.

It is possible to identify nuclei that can be produced only by the s process (s-only
nuclei), which are shielded from r-process production by a stable isobar, or only by
the r process (r-only nuclei), which are not reached by neutron captures during the
s process as isotopes of the same element and same atomic mass number A — 1 are
unstable. Examples of s-only nuclei are Mo and '°°Ru shown in Fig. 3.10, which
are shielded by the r-only nuclei 97 and %Mo, respectively. These, in turn, are
not typically produced by the s process as >>Zr and **Mo are unstable. Proton-rich
nuclei which cannot be reached by either the s or the  process must be produced
via the p process, i.e., proton captures or photodisintegration of heavier nuclei, and
are labelled as p-only nuclei (e.g., **Mo in Fig. 3.10).

Models for the s process have historically been tested against the solar system
abundances of the s-only isotopes, as these were the first precise available con-
straints. Once a satisfactory fit is found to these abundances, the selected theo-
retical distribution can be used to determine the contribution from the s process
to each element and isotope. By subtracting this contribution to the total solar

system abundance, an r-process contribution to each element can be obtained

7 Note that o is usually given in mbarn, corresponding to 10~27 ¢cm?2, and that < ov > can be
approximated t0 ¢ X Uthermal, Where vghermal is the thermal velocity. Neutron-capture cross
sections for (m,y) reactions throughout this chapter are given at a temperature of 350
million degrees, corresponding to an energy of 30keV, at which these rates are tradi-
tionally given. Values reported are from the Kadonis database (Karlsruhe Astrophysical
Database of Nucleosynthesis in Stars, http://www.kadonis.org/) and the JINA reaclib database
(http://groups.nscl.msu.edu/jina/reaclib/db/index.php), unless stated otherwise.
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(e.g. Kaeppeler et al., 1982; Arlandini et al., 1999), which has been widely used to
test r-process models, and to compare to spectroscopic observations of stars show-
ing the signature of the r process (Sneden et al., 2008). For example, it is found that
~80% of the solar abundance of Ba is due to the s process, which is then classified
as a typical s-process element, while 5% of the solar abundance of Eu is due to
the s process, which is then classified as a typical r-process element.

Already B>FH had attributed to the operation of the s process the three peaks in
the solar abundance distribution at magic numbers of neutrons N = 50, the Sr, Y, and
Zr peak, N = 82, the Ba and La peak, and N = 126, the Pb peak. This is because
nuclei with a magic number of neutrons behave with respect to neutron-capture
reactions in a similar way as atoms of noble gases do with respect to chemical
reactions. Their energy levels, or shells, are fully populated by neutrons, in the case
of magic nuclei, or by electrons, in the case of noble gases, and hence they are very
stable and have a very low probability of capturing another neutron, in the case
of magic nuclei, or of sharing electrons with another atom, in the case of noble
gases. Nuclei with magic numbers of neutrons have small neutron-capture cross
sections (of the order of a few to a few tens mbarn) with respect to other heavy
nuclei, and they act as bottlenecks along the s-process path, leading to the observed
abundance peaks. Nuclei located between the peaks, instead, have much higher
neutron-capture cross sections (of the order of a few hundred to a few thousand
mbarn). The neutron-capture chain in these local regions in-between magic nuclei
quickly reaches equilibrium during the s process. During a neutron-capture process
the abundance N4 of a stable isotope with atomic mass A varies with time as:

dNy . .
T production term — destruction term

= Na-1N,0A—1 X Vthermal — NAN,TA X VUthermal-

When replacing time with the neutron exposure t one has:

dNy
drt

= Np_104—1 — Npoy,

which, in steady-state conditions % — 0 reached in between neutron magic nu-

clei, yields the simple rule to derive relative s-process abundances away from neu-
tron magic numbers”:

Njo4 > constant.

8 The p-process contribution to elemental abundances is comparatively very small, 1%, except
in the case of Mo and Ru, which have magic and close-to-magic p-only isotopes, where it is up to
~25% and ~7%, respectively.

9 For a detailed analytical description of the s process refer to Chap. 7 of Clayton (1968).
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It follows that the relative abundances of nuclei in-between the peaks are only
constrained by their neutron-capture cross sections and do not provide information
on the s-process neutron exposure. On the other hand, the relative abundances of
the elements belonging to the three different peaks almost uniquely constrain the s-
process neutron exposure. This is the reason behind the introduction and wide usage,
both theoretically and observationally, of the s-process labels light s (Is) and heavy s
(hs), corresponding to the average abundances of the s-process elements belonging
to the first and second peak, respectively, as well as behind the importance of the
determination of the abundance of Pb, representing the third s-process peak. In AGB
stars, the high neutron exposure associated with the '3C neutron source drive the
production of s-process elements even reaching up to the third s-process peak at
Pb in low-metallicity AGB stars. On the other hand, the lower neutron exposure
associated with the >*Ne neutron source typically produces s-elements only up to
the first s-process peak at Sr.

It is now ascertained that the s process is responsible for the production of about
half the abundances of the elements between Sr and Bi in the Universe (see, e.g.,
Kaeppeler et al., 1982) and that it occurs in AGB stars.!? The first direct evidence
that the s process occurs in AGB stars — and, more generally, that nucleosynthesis is
happening inside stars — was the identification in the 1950s of the absorption lines of
atoms of the radioactive element Tc in the atmospheres of some cool giant stars. The
longest-living isotopes of Tc are *’ Tc and *®Tc, with a half life of 4.0 and 4.2 million
years, respectively. Since these stars would have taken billions of years to evolve to
the giant phase, the observed Tc could have not been present in the star initially. It
follows that the Tc must have been produced by the s process inside the stars. Actu-
ally, neutron captures do not produce ?”-?3Tc, but the third longest-living isotope of
this element: **Tc (Fig. 3.10), which has a terrestrial half life of 0.21 million years.
The presence of *Tc in AGB stars has been confirmed by measurements of the Ru
isotopic composition in stardust SiC grains, as will be discussed in Sect. 3.6.5.

The observation of Tc in giant stars has also been used to classify different types
of s process enhanced stars. If a given observed s process enriched giant star shows
the lines of Tc, then it must be on the AGB and have enriched itself of s-process
elements. In this case it is classified as intrisic s-process enhanced star and typ-
ically belongs to one of the reddest and coolest subclasses of the spectroscopic
class M: MS, S, SC, and C(N), where the different labels indicate specific spec-
tral properties — S stars show zirconium oxide lines on top of the titanium oxide
lines present in some M stars and C(N) stars have more carbon than oxygen in their
atmospheres — or the transition cases between those properties — MS is the transition
case between M stars and S stars and SC is the transition case between S and C(N)
stars. On the other hand, if an s-process enriched giant star does not show the lines
of Tc, it is classified as extrinsic s-process enhanced star. In this case its s-process

10 Cosmic abundances of nuclei between Fe and Sr are also contributed by the s process, but in this
case by neutron captures occurring in massive stars during core He burning and shell C burning
(Chap. 4 and, e.g., Raiteri et al., 1992).
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enhancements have resulted from mass transfer from a binary companion, which
was more massive and hence evolved first on the AGB phase. Stars belonging to the
class of extrinsic s-process enhanced stars range from Ba stars in the Galactic disk,
to the older halo populations of carbon-rich CH and Carbon-Enhanced Metal-Poor
(CEMP) stars (e.g. Jorissen et al., 1998; Bond et al., 2000; Lucatello et al., 2005).
Observations of Nb can also be used to discriminate intrisic from extrinsic s-process
enhanced stars as Nb is destroyed during the s process, but receives a radiogenic
contribution over time due to the 8~ decay of ?3Zr, with half life 1.5 million year,
which is on the s-process path (see Fig. 3.10).

3.5.3 Branchings and the s Process in AGB Stars

Branching points at radioactive nuclei have provided for the past 50 years important
tools to learn about conditions during the s process in AGB stars. This is because
branching factors depend on the neutron density and can also depend on the tem-
perature and density of the stellar material. This happens in those cases when the
decay rate of the branching nucleus is temperature and/or density dependent. These
branching points are referred to as thermometers for the s process. Traditionally,
the solar abundances of isotopes affected by branching points were used to predict
the neutron density and temperature at the s-process site using parametric mod-
els where parameters representing, e.g., the temperature and the neutron density
were varied freely in order to match the observed abundances (e.g. Kaeppeler et al.,
1982). Later, detailed information on branching points became available from spec-
troscopic observations of stellar atmospheres and from laboratory analyses of mete-
oritic stellar grains. At the same time, models for the s process in AGB stars have
evolved from parametric into stellar models, where the temperature and neutron
density parameters governing the s process are taken from detailed computation of
the evolution of stellar structure (Gallino et al., 1998; Goriely and Mowlavi, 2000;
Cristallo et al., 2009). For these models branching points are particularly useful to
constrain neutron-capture nucleosynthesis and conditions inside the thermal pulse
because, typically, they open at high neutron densities during the high-temperature
conditions that allow the activation of the *Ne neutron source in the convective
intershell region.

As the temperature, density, and neutron density vary with time in the convective
intershell region, branching factors also change over time. For example, a classical
branching point, where the branching path corresponds to neutron capture, progres-
sively opens while the neutron density reaches its maximum, and then closes again
while the neutron density decreases and the main s-process path is restored. Of
special interest is that toward the end of the thermal pulse the neutron density always
decreases monotonically with the temperature and thus with time (Fig. 3.9) so that
a freeze out time can be determined for a given nucleus, which represents the time
after which the probability that the nucleus captures a neutron is smaller than unity
and thus the abundances are frozen (Cosner et al., 1980). This can be calculated as
the time when the neutron exposure t left before the end of the neutron flux is 1/o,
where o is the neutron-capture cross section of the nucleus. Hence, the abundances
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determined by branching points defined by unstable isotopes with higher o freeze
out later during the neutron flux.

As a general rule of thumb, branching points that have the chance of being
activated at the neutron densities reached in AGB stars are those corresponding
to radioactive nuclei with half lives longer than at least a couple days. These
correspond to similar half lives against capturing a neutron for neutron densities
~ 10° — 10" n/cm?, at AGB s-process temperatures. Isotopes with half lifes longer
than approximately 10,000 years can be considered stable in this context as the
s-process flux in AGB stars typically lasts less than this time. We refer to these
isotopes as long-lived isotopes and we discuss their production in AGB stars in
detail in Sect. 3.6.5. Very long-lived isotopes — half lives longer than ~10 Myr —
include for example 87Rb, and are considered stable in our context.

A list of unstable isotopes at which branching points that become relevant in
the s-process reaction chain in AGB stars is presented in Appendix B of this book
as a complete reference to be compared against observational information and as a
tool for the building of s-process networks. Worth special mention are the branch-
ing points at 798e, 89Kr, and 7°Lu for the involvement of isomeric states of these
nuclei, at '>!'Sm, one among a limited number of branching points for which an
experimental estimate of the neutron-capture cross section is available, at 3°Rb,
responsible for the production of the very long-living 8Rb, and at 93Dy and "°Hf,
which are stable nuclei in terrestrial conditions that become unstable in AGB stellar
interiors.

Taken as a whole, the list of branching points that may be operating during the
s process in AGB stars sets a powerful group of constraints on our theoretical s-
process scenarios. They are particularly effective when each of them is matched to
the most detailed available observations of its effects. For example, some elemental
abundance ratios and isotopic ratios that are affected by branching points can be
measured from a stellar spectrum via identificaton and analysis of different emission
or absorption lines. In these cases, model predictions can be compared directly to
stellar observations of s-process-enhanced stars (Sect. 3.5.4). Isotopic ratios affected
by branching points involving isotopes of refractory elements, but also of noble
gases, have been or have the potential to be measured in meteoritic stardust SiC
grains from AGB stars and provide unique constraints due to the large and expand-
ing high-precision dataset available on the composition of stardust (Sect. 3.5.5).
The values of the solar abundance ratios of s-only isotopes affected by branching
points (e.g., 134Ba/136Ba, 128Xe/130Xe and 7OHf/!7°Lu) must be matched by any
s-process model. When these involve nuclei with peculiar structure, such as '7°Lu,
combined investigation of nuclear properties and s-process models drives progress
in our understanding of both.

One advantage of the computation of branching points in AGB stars is that the
activation of one branching point is almost completely independent from the activa-
tion of all the other branching points because the overall neutron flux is only very
marginally affected by the details of the s-process path. Thus, it is possible to include
in a s-process nuclear network only the branching points of interest for a specific
problem, or a specific element, hence keeping it simple and saving computational
time.
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One overall drawback of using branching points to understand the s process
is that for the vast majority of the radioactive nuclei involved there exist only
theoretical or phenomenological determinations of their neutron-capture cross sec-
tions and of the temperature and density dependence of their decay rates. This is due
to the difficulty of producing experimental data for radioactive targets (see Chap. 9)
and means that there are always some uncertainties associated to model predictions
of the effect of branching points. These errors and their effect need to be carefully
evaluated in every single case.

3.5.4 Signatures of s-Process Branching Points in Stars: Rb, Zr, Eu

The abundance of 87Rb, which can be produced in AGB stars via activation of the
branching point at 3°Rb, is a famous example of how detailed comparison of the-
oretical s-process abundances to the abundances observed in s-process-enhanced
stars provide a stringent test to our understanding of the s process and AGB stars.
The abundance of 87Rb is particularly interesting because the element Rb can be
spectroscopically identified and its abundance determined in AGB stars. Overall,
Rb is an r-process element — only 22% of its solar abundance can be ascribed to
the s process (Arlandini et al., 1999) — made up of two isotopes: 8 Rb and the very
long-lived 8’Rb, which is treated as a stable isotope in this context. Specifically,
92% of solar ¥Rb is made by the r process because this nucleus has a relatively
large neutron-capture cross section of 234 mbarn and thus it does not accumulate
to high abundances during the s process. On the other hand, 3"Rb, as described
in Appendix B, has a magic number of neutrons N = 50, and thus a relatively
small neutron-capture cross section of 15.7 mbarn. Hence, if it is reached by the
s-process reaction chain via the activation of the branching points at 833Kr and 3°Rb,
it accumulates and is significantly produced. It follows that when these branching
points are activated during the s process, the abundance 3’Rb represents a fraction
of the total abundance of s-process Rb larger than the initial solar fraction. This is
illustrated in the top panel of Fig. 3.11. In the case of the massive AGB model, where
the 2*Ne neutron source is activated, the s process occurs at high neutron density,
and branching points are open, almost half of the final total abundance of Rb is made
by 87Rb. In the case of the low-mass AGB model, instead, where the 13C neutron
source is activated, the s process occurs at low neutron density, and branching points
are closed, only a quarter of the final total abundance of Rb is made by 8/Rb.

The ratio of the abundance of Rb to that of a neighbouring s-process element,
such as Sr, or Zr, whose overall abundance is instead not affected by the activation
of branching points, can be determined in AGB stars and has been widely used as
an indicator of the neutron density at which the s process occurs. Observations of
Rb/Zr ratios lower than solar in MS, S, and C stars have strongly supported the
theoretical scenario where the main neutron source in these low-mass AGB stars
is the '3C(, n)!°0 reaction. This is because this neutron source produces neutron
densities too low to increase the Rb/Zr ratio above the solar value (see lower panel
of Fig. 3.11 and Lambert et al., 1995; Abia et al., 2001).
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Fig. 3.11 Ratio of 87Rb to the total abundance of Rb (top panel) and the Rb/Zr ratio (lower panel)
computed in two solar metallicity AGB models (from van Raai et al., 2008). The dotted lines
represent the initial solar ratios. The evolution lines represent a massive (6.5 M) AGB model
experiencing the activation of the >Ne neutron source only (long-dashed lines), and a low-mass
(3 M) model experiencing the activation of the '3C neutron source only (solid lines) (except for
a marginal activation of the 22Ne neutron source in the latest thermal pulses leading to the small
final increase in the 8’Rb and Rb abundances)

Massive AGB stars (>4:5 M) have only recently been identified in our Galaxy
(Garcia-Hernandez et al., 2006, 2007). They belong to the group of OH/IR stars and
they have been singled out as massive AGB stars on the basis of their location closer
to the galactic plane, which indicates that they belong to a younger and thus more
massive stellar population, and their longer pulsation periods (~400 days). Rb/Zr
ratios in these stars are observed to be well above the solar value, which has given
ground to the theoretical scenario where the main neutron source in these massive
AGB stars must be the 22Ne(ot, n)25 Mg reaction, which produces neutron densities
high enough to increase the Rb/Zr ratio above the solar value (see lower panel of
Fig. 3.11).

Another indicator of the neutron density in AGB stars is the isotopic abundance
of %Zr, which is produced if the branching point at Zr is activated. Zr isotopic
ratios were determined via observations of molecular lines of ZrO in a sample of S
stars (Lambert et al., 1995). No evidence was found for the presence of 971 in these
stars. This result provides further evidence that the neutron density in low-mass
AGB stars stars must be low. A low %°Zr abundance has been confirmed by high-
precision data of the Zr isotopic ratios in stardust SiC grains, which are discussed in
the following Sect. 3.5.5.
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Isotopic information from stellar spectra has also been derived for the typical
r-process element Eu in old Main Sequence stars belonging to the halo of our
Galaxy and enhanced in heavy neutron-capture elements (Sneden et al., 2008).
This has been possible because the atomic lines of Eu differ significantly if the
Eu atoms are made of ’'Eu instead of '33Eu, the two stable isotopes of Eu. In old
stars showing overall enhancements of r-process elements, the total Eu abundance
is roughly equally divided between '3'Eu and '33Eu. This fraction is consistent
with the solar fraction, and it is expected by Eu production due to the r process
(Sneden et al., 2002; Aoki et al., 2003a). On the other hand, in two old stars show-
ing overall enhancements in s- and r-process elements, roughly 60% of Eu is in
the form of '3'Eu (Aoki et al., 2003b). How these stars gained enhancements in the
abundances of both r- and s-process elements is an unsolved puzzle of the study
of the origin of the elements heavier than iron in the Galaxy (Jonsell et al., 2006).
This is because according to our current knowledge, the »- and the s process are
completely independent of each other, and occur in very different types of stars,
core-collpase supernovae and AGB stars, respectively. During the s process, the Eu
isotopic fraction is determined mostly by the activation of the branching point at
1518m, and the observed 60% value is consistent with low neutron densities ~108
n/cm? during the s process. As more observations become available, the role of
branching points during the s process in AGB stars becomes more and more crucial
to answering the questions on the origin of the heavy elements.

3.5.5 SiC Grains from AGB Stars and Branching Points

Stardust SiC grains from AGB stars represent a unique opportunity to study
s-process conditions in the parent stars of the grains through the effect of the opera-
tion of branching points because SiC grains contain trace amounts of atoms of ele-
ments heavier than iron, which allow high-precision measurements of their isotopic
ratios. Refractory heavy elements, such as Sr, Ba, Nd, and Sm, condensed from the
stellar gas directly into the SiC grains while the grains were forming. Their isotopic
composition have been determined from samples of meteoritic residual materials
containing a large number of SiC grains using TIMS and SIMS (see Sect. 10.2 and
Ott and Begemann, 1990; Zinner et al., 1991; Prombo et al., 1993; Podosek et al.,
2004). High-resolution SIMS has also been applied to derive data in single stardust
SiC grains for Ba with the NanoSIMS (see Sect. 10.2 and Marhas et al., 2007) and
Eu with the SHRIMP (Sensitive High Resolution Ton Microprobe, Terada et al.,
2006). Isotopic ratios in a sample containing a large number of SiC grains for many
elements in the mass range from Ba to Hf were also measured by ICPMS (Sect. 10.2
and Yin et al., 2006).

A general drawback of these experimental methods is that they do not allow
to separate ions of same mass but different elements. Hence, interferences by iso-
topes of the same mass (isobars) are present, which is especially problematic for
the elements heavier than iron where a large number of stable isobars can be found.
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Branching points, in particular, by definition affect the relative abundances of iso-
bars, thus, with the methods above it is difficult to derive precise constraints on the
effect of branching points on isotopic ratios. For example, the isobars *®Mo and *Zr
cannot be distinguished in these measurements, and thus it is not possible to derive
information on the operation of the branching point at *>Zr.

Exceptions to this problem are the stable Eu isotopes, '3'Eu and '>3Eu, which do
not have stable isobars and thus their ratio can be measured and used to constrain
the neutron density and the temperature during the s process in the parent stars of
the grains via the branching points at '3!Sm and '>?Eu (Terada et al., 2006), and the
Ba isotopes, which are not affected by isobaric interferences because their isobars,
the isotopes of the noble gas Xe isotopes, are present in very low amounts in the
grains and are difficult to ionize and extract from the stardust (see specific discussion
below in this section). The Ba isotopic ratios, in particular the '**Ba/'3°Ba and the
137Ba/136Ba ratios, can be affected by branching points at the Cs isotopes (see below
and Prombo et al., 1993; Marhas et al., 2007).

The application of RIMS (Sect. 10.2) to the analysis of heavy elements in SiC
grains has allowed to overcome the problem of isobaric interferences, at the same
time providing an experimental method of very high sensitivity, which allows the
measurements of trace elements in single stardust grains (Savina et al., 2003b).
Since RIMS can select which element is ionized and extracted form the grains, mass
interferences are automatically avoided. The Chicago-Argonne RIMS for Mass
Analysis CHARISMA has been applied to date to the measurement of Zr (Nicolussi
et al., 1997), Mo (Nicolussi et al., 1998a), Sr (Nicolussi et al., 1998b), Ba (Sav-
ina et al., 2003a) and Ru (Savina et al., 2004) in large single SiC grains (average
size 3 wm), providing high-precision constraints on the operation of the s-process
branching points that may affect the isotopic composition of these elements. A
detailed comparison between data and models (Lugaro et al., 2003) shows that AGB
stellar models of low mass and metallicity roughly solar, where the *C(a, n)!°0
reaction is the main neutron source and the 2>Ne(, n)>>Mg is only marginally acti-
vated, provide the best match to all measured isotopic ratios affected by branching
points. This result is in agreement with the constraints mentioned above provided by
the isotopic data for Ba (Marhas et al., 2007) and Eu (Terada et al., 2006) obtained
via high-resolution SIMS.

For example, the *°Zr/?*Zr ratio is observed in all measured single SiC to be
lower than solar by at least 50%. Low-mass AGB models can reproduce this con-
straint due to the low neutron density associated with the main '>C neutron source,
in which conditions °°Zr behaves like a typical r-only nucleus and is destroyed dur-
ing the neutron flux. Massive AGB stars (>4:5 M), on the other hand, experience
high neutron densities and produce *°Zr/?*Zr ratios higher than solar. In more detail,
the %0Zr/°*Zr ratio at the stellar surface of low-mass AGB stellar models reaches a
minimum of ~90% lower than solar after roughly ten 3rd dredge-up episodes, and
then may increase again, due to the marginal activation of the >’Ne neutron source in
the latest thermal pulses. This predicted range allows to cover most of the *°Zr/**Zr
of single SiC grains (see Fig. 5 of Lugaro et al., 2003).
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Another interesting example is the '3*Ba/'3%Ba ratio, where both isotopes are
s-only nuclei. During the low-neutron density flux provided by the '3C neutron
source the branching point at 1>*Cs is closed and the '**Ba/!3®Ba ratio at the stellar
surface reaches up to ~20% higher than the solar ratio after roughly ten 3rd dredge-
up episodes. This value is too high to match the composition of single SiC grains.
However, during the marginal activation of the >’Ne in the later thermal pulses, the
branching point at '3*Cs is activated, '3*Ba is skipped during the s-process flux and
the 13*Ba/!3®Ba ratio at the stellar surface is lowered down to the observed values
roughly 10% higher than the solar value (see Fig. 14 of Lugaro et al., 2003).

The '37Ba/!3®Ba ratio is another indicator of the neutron density because the
activation of the chain of branching points along the Cs isotopes can produce '37Cs,
which decays into '37Ba with a half life of 30 year. Grain data do not show any
contribution of 137Cs to '37Ba, indicating that the Cs branching points beyond '3*Cs
are not activated in the parent stars of the grains (see Fig. 14 of Lugaro et al., 2003).
This, again, excludes massive AGB stars, with an important neutron contribution
from the >?Ne neutron source, as the parent stars of the grains.

Another example of the signature of the s process in meteorites is represented
by very small variations, of the order of parts per ten thousand, observed in the
osmium isotopic ratios of primitive chondritic meteorites. This fascinating anomaly
looks like a mirror s-process signature, meaning that they show exactly the opposite
behaviour expected if the meteorite had a component carrying an s-process signa-
ture. They are thus interpreted as a sign of incomplete assimilation of stardust SiC
grains within the meteorite (Brandon et al., 2005). The branching points at '3>W
and '8Re make the '800s/!880s ratio a indicator of the neutron density for the
s process and the value for this ratio observed in chondrites suggest a low neutron
density of N, = 3 x 108 n/cm® (Humayun and Brandon, 2007), in agreement with
other evidence discussed above.

Differently from refractory elements, the noble gases He, Ne, Ar, Kr, and Xe are
not chemically reactive and can condense from gas into solid only at much lower
temperatures than those around AGB stars. Still, they are found in SiC, even if
in extremely low quantitites. Their atoms could have been ionized by the energy
carried by the stellar winds during the AGB and post-AGB phase. These ions were
then chemically reactive enough to be implanted into already formed dust grains.

It has been possible to extract noble gases from meteoritic samples by RIMS
(see Chap. 11), laser gas extraction (Nichols et al., 1991) and stepped-heating com-
bustion of the sample to high temperatures, up to 2, 000° (Lewis et al., 1994). In
particular, for the heavy nobler gases Kr and Xe, since their abundances are very
low in stardust and the stepped-heating experimental method does not provide high
extraction efficiency, it has been possible to extract their ions only from a large
amount of meteoritic residual material. The derived Kr and Xe isotopic data is thus
the average over a large number — millions — of grains. Differential information as
function of the grain sizes can still be obtained by preparing the meteoritical residual
in a way that selects the size of the grains to be found in it.

The composition of Xe in SiC corresponds to the famous Xe-S component, one
of the first signature of the presence of pure stellar material in primitives meteorites
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(see Chap. 2, Sect. 2.2.5), thus named because of its obvious s-process signature:
excesses in the s-only isotopes '?%130Xe and deficits in the r-only and p-only
isotopes 124126136 Xe (all with respect to the solar composition). The '3*Xe/!3Xe
ratio may be affected by the operation of the branching point at '3*Xe during the
s process. This isotopic ratio in stardust SiC is very close to zero, indicating that
the Xe trapped in SiC grains did not experience s process with high neutron density
(Pignatari et al., 2004). This again allows the mass and metallicity of the parent stars
of the grains to be constrained to low-mass AGB stars of roughly solar metallicity,
in agreement with the conclusions drawn from the composition of the refractory
elements.

The situation regarding the Kr isotopic ratios measured in SiC grains is much
more complex. There are two branching points affecting the Kr isotopic composi-
tion: 7°Se and 3°Kr, changing the abundances of 8'Kr and 86Kr, respectively, and
both of them are tricky to model (see description in Appendix B). Moreover, the Kr
atoms in stardust SiC appear to be consistent with implantation models of this gas
into the grains only if these models consider two different components of implanted
Kr (Verchovsky et al., 2004). One component was ionized and implanted in SiC at
low energy, corresponding to a velocity of 5-30 km/s, typical of AGB stellar winds,
the other component was ionized and implanted at high energy, corresponding to
a velocity of a few thousands km/s, typical of the winds driven from the central
star during the planetary nebular phase. In the second situation, which is the case
also for all the He, Ar, and Ne atoms found in SiC, the isotopic composition of the
noble gases indicate that they must have come directly from the deep He-rich and
s-process-rich layers of the star, with very small dilution with the envelope material
of initial solar composition. This is consistent with the fact that at this point in time
the envelope is very thin as most of the initial envelope material has been peeled
away by the stellar winds.

While the Kr AGB component is observed to be prominent in the small grains (of
average size 0.4 jum) and shows low 80Kr/32Kr and high 8Kr/32Kr ratios, in agree-
ment again with low neutron density s process AGB models, the Kr planetary-nebula
component is observed to be prominent in the largest grains (average size 3 um) and
shows high 3°Kr/3?Kr and low 8°Kr/3?Kr ratios, as expected instead in pure He-rich
intershell material due to the higher neutron density s process occurring in the final
AGB thermal pulses (Pignatari et al., 2006). Actually, it is difficult to reproduce the
86K r/82Kr up to twice the solar value observed in the largest grains even using the
final pure s-process intershell composition of low-mass and solar metallicity AGB
stellar models. This high 8Kr/32Kr ratios may be the signature of high-neutron
density s-process nucleosynthesis occurring in late and very late thermal pulses
during the post-AGB phase (see, e.g., Herwig et al., 1999), rather than during the
AGB phase. Detailed s-process models are currently missing for this phase of stellar
evolution.

In summary, the detailed information provided by stardust data on the isotopic
ratios affected by branching points at radioactive nuclei on the s-process path has
allowed us to pinpoint the characteristics of the neutron flux that the parent stars of
stardust SiC grains must have experienced. The vast amount of information on the
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composition of light and heavy elements in SiC grains has allowed us to infer with
a high degree of confidence that the vast majority of these grains came from C-rich
AGB stars, i.e., C(N) stars, which have C> O in their envelope, the condition for SiC
grain formation, of low mass and metallicity close to solar. In turn, the stardust data
has been used to refine our theoretical ideas of the s process in these stars confirming
that 13C nuclei must be the main neutron source, while the 22Ne neutron source is
only marginally active.

3.6 Nucleosynthesis of Long-lived Isotopes in AGB Stars

3.6.1 2041

The famous long-lived radioactive nucleus 2°Al (with half life of 0.7 Myr), of
interest from the point of view of y-ray observations, meteoritic stellar grains, and
the composition of the early solar system, can be produced in AGB stars via pro-
ton captures on 2>Mg, i.e., the 2 Mg(p, y)*°Al reaction, when the temperature is
above ~60 MK (Mowlavi and Meynet, 2000; van Raai et al., 2008b). As detailed
in Sect. 3.4.1, proton captures occur in AGB stars between thermal pulses in two
different locations: (1) in the H-burning shell on top of the He-rich intershell, and
(2) at the base of the convective envelope in massive AGB stars, above >~ 4 Mg (in
the process known as Hot Bottom Burning, HBB, Sect. 3.4.1).

In setting (1), the intershell material is progressively enriched in 2°Al as proton
captures in the H-burning shell convert 80% of 2>Mg into 26Al. The efficiency of
this conversion is determined by the fraction of 20% of Mg+ p reactions producing
the isomeric, rather than the ground, state of 2°Al, which quickly decays into 2°Mg
with a half life of ~65s. Most intershell 26Al abundance is destroyed by neutron
captures before having the chance of being dredged-up to the stellar surface via
the 3rd dredge-up. This is because the neutron-capture cross sections of 2°Al, in
particular the (n, p) and (n, o) channels, are very efficient: o ~250 and 180 mbarn,
respectively.

More specifically, already during the interpulse period some 2°Al is destroyed
by neutron captures. This is because in the bottom layers of the ashes of H burn-
ing the temperature reaches 90 MK, high enough for the '*C(a,n)'°0 reaction to
occur using as fuel the '3C nuclei in ashes of H burning produced by CNO cycling.
Then, neutron captures in the following thermal pulse destroy most of the 2°Al that
was left over in the H-burning ashes. First, the 13C nuclei that had survived in the
top layers of the H-burning ashes are engulfed in the convective pulse, where the
temperature quickly reaches 200 MK and the '3C(a,n)'°O reaction is very effi-
ciently activated. Second, the neutrons that may be released by the >’Ne(a,n)>>Mg
reaction later on in the convective pulse, when the temperature is higher than roughly
250 MK, contribute to further destruction of 2°Al. In this phase 2°Al can be com-
pletely destroyed, depending on the temperature reached at the base of the con-
vective pulse, which controls the efficiency of the 2>Ne(«,n)>Mg reaction. If the
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temperature reaches up to 300 MK, the 2° Al abundance is decreased by two orders
of magnitude in the He-rich intershell at the end of the thermal pulse.

When the 3rd dredge-up occurs after the thermal pulse is extinguished, only a
small mass of 20Al is carried from the intershell to the stellar surface, of the order
of 1078 Mg, mostly coming from a tiny region (roughly 10~* Mg,) at the top of
the intershell, which was not ingested in the convective pulse and thus did not
experience the availability of free neutrons. This small abundance of 6Al carried
into the envelope translates into a small total contribution of the AGB winds to the
abundance of 2°Al in the interstellar medium (also defined as yield) of 10~7 Mg, for
AGB stars of masses between 1 Mg and 4 Mg, depending on the metallicity (upper
panel of Fig. 3.12), though allowing a noticeable increase in the 20 Al/?” Al ratio at
the stellar surface, up to a typical value of 2 x 1073 (lower panel of Fig. 3.12).

The situation is very different for AGB stars of masses higher than approxi-
mately 4 M. Proton captures occurring in setting (2), i.e., HBB at the base of the
convective envelope, combined with the 3rd dredged-up of 2>Mg produced from
efficient activation of the >’Ne(a,n)>>Mg reaction in the thermal pulse, produce
large amounts of 2°Al. These are directly mixed to the stellar surface via the enve-
lope convection resulting in yields up to 107* Mg, and 26A1/%’ Al ratios up to 0.5
(Fig. 3.12). During HBB the main channel for 2 Al destruction is proton captures on
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Fig. 3.12 The yields of 20Al (top panel) for stellar models of different masses and metallicities
(Z) from Karakas and Lattanzio, 2007 for AGB stars of masses up to 6 Mg, and from Siess and
Arnould, 2008 for the more massive Super-AGB stars. Yields are defined as the total mass of 260A1
(in Mg) lost in the wind during the whole evolution of the star (calculated as the average of the
time-dependent envelope composition weighed on the mass lost at each time). The ratios of the
yield of 20 Al to the yield of 2’ Al are also shown in the bottom panel
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20 A1 itself, i.e., 26Al( P, y)27Si reactions. Also in Super-AGB stars HBB produces
large quantitites of 2°Al (Siess and Arnould, 2008).

Figure 3.12 shows the yields of 26Al and their ratio with the yield of 2’ Al for
a variety of AGB stars and Super-AGB of different masses and metallicities. The
plot shows how the efficiency of *°Al production increases with stellar mass and
with decreasing metallicity of the stars. This is because the efficiency of the HBB
depends on the temperature at the base of the convective envelope, which is higher
for higher masses and lower metallicities. For example, a 3.5 M star of metallicity
200 times lower than solar ejects the same amount of *°Al than a 6.5 M, star at solar
metallicity. The reason is that the overall temperature is controlled by the mass of
the CO core, which scales directly with the initial mass and inversely with the initial
metallicity (see Sect. 3.4.1). In addition, the lower opacity in lower metallicity stars
keeps the structure more compact and hence hotter.

In the models of Super-AGB presented in Fig. 3.12 the 3rd dredge-up is found
to be negligible and HBB produces 2°Al via proton captures on the 2Mg ini-
tially present in the envelope, without the contribution of Mg from the inter-
shell. Still, these stars produce a large amount of *0Al since there is a large initial
amount of Mg in the envelope due to the large envelope mass. The lower Super-
AGB 2°Al yield at metallicity solar/200 is due to very high HBB temperatures,
at which the rate of the 2°Al destruction reaction 2°Al(p, ¥)?’Si is significantly
enhanced.

The yields predicted for the 2° Al from AGB stars presented in Fig. 3.12 are quite
uncertain since there are several stellar and nuclear uncertainties. First, there are
uncertainties related to the modelling of HBB. In fact, the temperature reached at the
base of the convective envelope, which governs the efficiency of the 2 Mg(p, y)*°Al
reaction, depends on the modeling of the temperature gradient within the convec-
tively unstable region. Hence, different treatments of the convective layers may
lead to significantly different efficiencies of the HBB. Second, the uncertainty in
the efficiency of the 3rd dredge-up already discussed in Section 3.4.1 also affects
the 2°Al yields: in the low-mass models it affects the dredge-up of 2°Al itself, in
the massive models it affects the dredge-up of 2>Mg, which is then converted into
26 Al via HBB. Third, the mass-loss rate is another major uncertain parameter in the
modelling of AGB stars. The mass-loss rate determines the stellar lifetime and thus
the time available to produce 2 Al and the final 20Al yield.

Another model uncertainty is related to the possible occurrence of extra mixing
at the base of the convective envelope in the low-mass AGB models that do not
experience HBB. Such extra mixing in AGB stars would be qualitatively similar to
the extra mixing in red giant stars described in Sect. 3.3.2. In the hypothesis of extra
mixing, material travels from the base of the convective envelope inside the radiative
region close to the H-burning shell, suffers proton captures, and is taken back up into
the convective envelope. If the mixed material dips into the H-burning shell, down
to temperatures higher than ~50 MK, then this mechanism could produce 2°Al and
contribute to some amount of this nucleus in the low-mass models (Nollett et al.,
2003). Unfortunately, from a theoretical point of view, there is no agreement on
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which mechanism drives the extra mixing and on the features of the mixing. Some
constraints on it, however, can be derived from the composition of MS, S, SC, and C
stars as well as meteoritic stellar grains, as will be discussed in detail in Sect. 3.6.2.

As for nuclear uncertainties, the rate of the 20 Al( D, y)27Si reaction is uncertain
by three orders of magnitude in the temperature range of interest for AGB stars
(Iliadis et al., 2001), with the consequence that 201 yields from AGB stars suffer
from uncertainties of up to two orders of magnitude (Izzard et al., 2007; van Raai
et al., 2008b). New experiments and approaches to estimate this rate are needed to
get a more precise determination of the production of °Al in AGB stars.

In spite of all these important uncertainties, current models do indicate that at
least some AGB models produce a significant amount of 2°Al. These models cover
a small range of stellar masses, only those suffering HBB on the AGB phase. When
the yields presented in Fig. 3.12 are averaged over a Salpeter initial stellar mass
function, the result is that AGB stars globally do not provide an important con-
tribution to the present abundance of 2°Al in the Galaxy. This contribution sums
up to only 0.24% of the contribution from massive star winds and core-collapse
supernovae (Limongi and Chieffi, 2006; Lugaro and Karakas, 2008). Adding up the
contribution of Super-AGB stars only marginally increases the contribution of AGB
stars to Galactic 2°Al to 0.85% of the contribution coming from the more massive
stars (see also Siess and Arnould, 2008).

3.6.2 Evidence of *°Al in AGB Stars

It may be possible to determine the abundance of 2°Al in AGB stars using molecular
lines of Al-bearing molecules. This was carried out by (Guelin et al., 1995) for
the nearest carbon star, CW Leo, using rotational lines of AIF and AICI molecules
with different Al isotopic composition. One observed line was tentatively attributed
to 2°AlF, and from its observed strength an upper limit of 0.04 for the 2°Al/>7 Al
ratio was inferred. No 2°AICI lines were detected, which led to an upper limit of
0.1. These values cannot be reached by solar metallicity AGB models (Fig. 3.12),
however, this detection has not been confirmed so it is doubtful if it can represent a
valid model constraint.

The main observational evidence of 2°Al in AGB stars comes, instead, from
stardust (see Fig. 3.13). Aluminium is one of the main component of most oxide
stardust grains recovered to date and the initial amount of 2® Al present in each grain
can be derived from excesses in its daughter nucleus 2°Mg. Magnesium is not a
main component in corundum (Al3O,) and hibonite (CaAl;2019) grains, hence,
in this cases, 2°Mg excesses are all attributed to 2°Al decay. In the case of spinel
(MgAl»O4) grains, instead, Mg is a main component of the mineral and thus the
contribution of 2°Al to 2Mg needs to be more carefully evaluated by weighing the
contribution of the two components. Specifically, there are two atoms of Al per each
atom of Mg in spinel, which corresponds to a roughly 25 times higher ratio than in
the average solar system material.
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Fig. 3.13 Scanning electron microscope images of dust grains from AGB stars. (a) 4-pum-sized
silicon carbide (SiC) grain; ubiquitous excesses in 2°Mg in such grains indicate prior presence of
20A1. (b) 2-pm-sized hibonite (CaAl;20j9) grain KH15 (Nittler et al., 2008). The grain is sitting
on a gold pedestal created by ion-probe sputtering during isotopic analysis. Excesses of 20Mg and
41K indicate that the grain originally condensed with live 26 Al and 4! Ca

The 26 Al/?7 Al ratios are observed to be different in the different populations of
oxide and silicate grains (see, e.g., Fig. 8 of Nittler et al., 1997). Population I grains
cover a wide range of 20 Al initial abundance, from no detection to 20A1/27 Al ~ 0.02.
The presence of 20Al is used to discriminate Population I oxide grains coming from
red giant or from AGB stars, since 2°Al is expected to be present only in the winds
of AGB stars. The 26 A1/>7 Al ratios of Population II grains lie at the upper end of the
range covered by Population I grains, and reach up to 0.1 (see also Fig. 6 of Zinner
et al., 2007). This is qualitatively consistent with the strong 80 deficits observed
in the Population II grains, since both signatures are produced by H burning. The
mysterious Population III show low or no 2°Al, which may indicate that these grains
did not come from AGB stars. Finally, Population IV grains from supernovae show
26 A1/%7 Al ratios between 0.001 and 0.01 (see Chap. 4).

The 20 A1/>7 Al ratios together with the '807'°0 ratios in Population I and II oxide
and silicate grains provide an interesting puzzle to AGB modellers. Low-mass AGB
models do not produce >0 A1/>’ Al ratios high enough and '#0/!°0 ratios low enough
to match the observations. Massive AGB models can produce 2°Al/27 Al ratios high
enough via HBB, however, in this case the 180/16Q) ratio is too low (~10_6) to
match the observations (see Sect. 3.2.1). Grains with 30/1°0 < 10~* may have
been polluted by solar material during the laboratory analysis, which would have
shifted the '80/!0 ratio to higher values with respect to the true ratio of the grain.
This argument was invoked to attribute a massive AGB stars origin to a peculiar Pop-
ulation II spinel grain, named OC2 (Lugaro et al., 2007). However, also the 7o/160
ratio presents a problem for this and similar grains because at the temperature of
HBB this ratio is always much higher than observed (Boothroyd et al., 1995; Lugaro
et al., 2007; Iliadis et al., 2008).
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The extra-mixing phenomena mentioned in Sects. 3.3.2 and 3.6.1 have been
hypothesized to operate in low-mass AGB stars below the base of the formal convec-
tive envelope to explain the composition of Population I and II grains with 20 A1/27 Al
ratios greater than ~ 1073, This idea has been investigated in detail by (Nollett
et al., 2003) using a parametric model where the temperature (T, ), determined by
the depth at which material is carried, and the mass circulation rate (M) in the
radiative region between the base of the convective envelope and the H-burning
shell are taken as two free and independent parameters. This model was originally
proposed to explain observations of AGB stars and grains showing deficits in '30
(Wasserburg et al., 1995).

In the case of SiC grains, Al is present in the grains as a trace element in relatively
large abundance, while Mg is almost absent. Again, this means that Mg excesses
represent the abundance of 2 Al at the time when the grains formed. Mainstream SiC
grains from AGB stars show 2° Al/>7 Al ratios between 10™* and ~ 2 x 1073, Models
of C-rich AGB stars, i.e., the low-mass models in the lower panel of Fig. 3.12,
which do not suffer HBB and hence can reach C/O>1 in their envelopes, match
the observed upper value but do not cover the observed range down to the lower
values (Zinner et al., 2007; van Raai et al., 2008b). It is difficult to interpret the
lowest values as pollution of solar material as in this case one would expect a trend
of decreasing 26A1/>7 Al ratios with the total Al content in the grains, which is not
observed. As discussed in Sect. 3.6.1, the main problem modelers have to consider
in this context is the large uncertainty in the 20 Al+ p reaction rate (van Raai et al.,
2008b). The rate uncertainty results in an uncertainty of one order of magnitude in
the 2°A1/%7 Al ratios predicted for C-rich AGB stars. If the current upper limit of the
rate is employed in the models, then only the lower values observed in SiC can be
matched and we may need to invoke extra-mixing phenomena also to explain the Al
composition of SiC grains. On the other hand, if the lower or recommended values
of the rates are used, then only the higher values observed in SiC can be matched.

In conclusion, observational constraints of Al in AGB stars provide the poten-
tial to investigate some of the most uncertain input physics in the modelling of AGB
nucleosynthesis: mixing phenomena and reaction rates.

3.6.3 VFe

The other famous long-lived radioactive nucleus ®*Fe (with a recently revised half
life of 2.6 My, Rugel et al., 2009), of interest from the point of view of y-ray obser-
vations, meteoritic stellar grains, and the composition of the early solar system, can
be produced in AGB stars (Wasserburg et al., 2006; Lugaro and Karakas, 2008)
via the neutron-capture chain BFe(n, y)?Fe(n, y)*Fe, where *Fe is a branching
point, and destroyed via the 6OFe(n, y)mFe reaction, whose rate has been mea-
sured experimentally by (Uberseder et al., 2009). This is the same chain of reac-
tions responsible for the production of this nucleus in massive stars (see Chapter 4,
Sect. 4.3.1.2). Given that *°Fe is an unstable nucleus with a relatively short half
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life of 44 days and with a neutron-capture cross section o >~ 23 mbarn (Rauscher
and Thielemann, 2000), neutron densities of at least 1019 n/em? are needed for this
branching point to open at a level of 20%, allowing production of the long-living
0Fe. If the neutron density is higher than 10'> n/cm?, then 100% of the neutron-
capture flux goes through Fe.

From the description of the neutron sources in AGB stars (Sect. 3.5.2), it is clear
that ®“Fe can only be produced in the convective thermal pulses, where the neu-
tron burst released by the 2*Ne neutron source can reach the high neutron density
required to open the branching point at >?Fe. Hence, the production of ®'Fe in AGB
stars is almost completely determined by the activation of the >Ne neutron source.
The '3C neutron source may instead destroy some ®’Fe in the intershell (Wasserburg
et al., 20006).

The AGB yields of 60Fe, and their ratios with the yields of 56Fe, are shown in
Fig. 3.14. As the temperature at the base of the convective thermal pulses increases
with increasing the stellar mass and decreasing the metallicity, the amount of *°Fe
delivered to the interstellar medium increases, reaching up to 107> Mg, a value
comparable to that delivered by a supernova of ~20 Mg (Limongi and Chieffi,
2006). Ratios of the °“Fe and >°Fe abundances at the end of the AGB phase from the
AGB neutron-capture models of (Wasserburg et al., 2006) also plotted in Fig. 3.14.
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Fig. 3.14 The yields of ®“Fe (top panel) from (Karakas and Lattanzio, 2007) (see caption of
Fig. 3.12 for definition of a yield) and the ratio of the yield of ®Fe to the yield of °Fe (bottom
panel) for stellar models of different masses and metallicities (full symbols) from Karakas and
Lattanzio, 2007. The symbols representing the different metallicities are the same as in Fig. 3.12.
For comparison, the ratios of the abundances of 60Fe and S°Fe at the end of the AGB evolution
computed by Wasserburg et al., 2006 are also shown as open symbols
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As for 2°Al, also in the case of ®Fe stellar and nuclear uncertainties affect the
results presented in Fig. 3.14 (and different choice in the model inputs are responsi-
ble for variations in the results obtained by different authors). First, the overall mass
carried to the envelope via the 3rd dredged-up is essential to the determination of
the envelope ®Fe abundance in AGB stars. This is because %°Fe is made only via
neutron captures in the He-rich intershell and needs to be mixed into the envelope
in order to show up at the stellar surface and to be carried to the interstellar medium
by the winds. Hence, the ®Fe yield is directly related to the efficiency of the 3rd
dredge-up. For example, models experiencing little or no 3rd dredge-up produce
a null ®Fe yield. This important point applies to all long-living radioactive nuclei
produced in AGB stars, except for the case of 2°Al, which is made via HBB directly
within the envelope. Second, the mass-loss rate affects the result as it determines the
stellar lifetime and thus the number of thermal pulses and 3rd dredge-up episodes.

Nuclear physics inputs that contribute important uncertainties to the production
of ®Fe are the rate of the neutron source reaction 22Ne(o¢,n)25Mg, which determines
how many neutrons are produced in the thermal pulses, and the neutron-capture
cross section of °Fe, which is estimated only theoretically (Rauscher and Thiele-
mann, 2000) as the short half life of this nucleus hampers experimental determina-
tions.

3.6.4 3Cl and Y Ca

Two more long-lived radioactive nuclei lighter than iron are of special interest
because they are observed to be present in the early solar system and can be made
by neutron captures in the intershell of AGB stars: 3°Cl (with half life of 0.3 Myr)
and #!Ca (with half life of 0.1 Myr). Differently from ®Fe, production of these
nuclei does not require the activation of branching points, since *°Cl and *'Ca are
made by neutron captures on >Cl and “°Ca, respectively, which are stable nuclei
with relatively high solar abundances. Neutron captures also destroy 3°Cl and *!Ca
via different channels, the predominants being 41 Ca(n, oz)38Ar, with o ~ 360 mbarn
and 3°Cl(n, p)3°S, with o ~ 118 mbarn.

Neutrons coming from the 2’Ne neutron source are responsible for the production
of 3Cl and *!Ca. As there are no branching points involved, this is not due to the
high neutron density of this neutron flux, as it is for the production of °°Fe, but to the
fact that neutrons released by the 2’Ne in the thermal pulse affect the composition of
the whole He-rich intershell material, where large initial quantities of the seed nuclei
35C1 and “0Ca are available. On the contrary, neutrons released by the 13C neutron
source affect a small fraction of the intershell material, being the '*C pocket roughly
1/10th to 1/20th of the intershell (by mass) in the current models.

In general, to produce neutron-rich isotopes of elements lighter than iron by the
s process a small number of neutrons captured by seed nucleus are needed: only
one in the cases of 3°Cl and *'Ca. Hence, final abundances are determined to a
higher level by the availability of seed nuclei, rather than that of free neutrons. For
the light nuclei a production flux from the lighter to the heaviest elements does
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not occur (strictly speaking it is not correct to apply the s-process terminology in
this case), instead, the nucleosynthetic process is very localized: neutron captures
on the sulphur isotopes, for example, do not affect the abundances of the chlorine
isotopes and so on. This is because neutron-capture cross section of nuclei lighter
than iron are much smaller (by as much as 3 orders of magnitude) than those of
typical nuclei heavier than iron. Hence, to produce nuclei heavier than iron by the
s process, instead, including the relatively large number of long-living radioactive
nuclei lying on the s-process path discussed in Sect. 3.6.5, a production flux from
the lighter to the heavier elements occurs, where many neutrons are captured by the
iron seeds and it is possible to reach up to the heaviest elements. Hence, the number
of free neutrons plays a dominant role in this case.

The 30C1/33Cl and #! Ca/*°Ca abundance ratios at the end of the AGB evolution
computed by Wasserburg et al. 2006 and by van Raai, Lugaro, and Karakas (which
are based on the same codes and stellar models of Karakas and Lattanzio, 2007) are
plotted in Fig. 3.15. As in the case of °“Fe, the main model uncertainties affecting
these results is the efficiency of the 3rd dredge-up, the mass-loss rate, and the rate
of the 22Ne(a,n)® Mg reaction.

Moreover, while experimental estimates for the neutron-capture cross section of
36C1 and ' Ca are available (e.g. de Smet et al., 2006), a difficult problem is to
provide a reliable set of values for the electron-capture rate of *'Ca, in particu-
lar as it is expected to vary significantly for different temperatures and densities
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Fig. 3.15 3°C1/33Cl and *' Ca/*°Ca abundance ratios at the end of the AGB evolution computed by
(Wasserburg et al., 2006) (open symbols) and by van Raai, Lugaro, and Karakas (unpublished
results, full symbols). The symbols representing the different metallicities are the same as in
Fig. 3.12
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relevant to stellar conditions (Chap. 9). As most electron captures in the *!Ca
atom occurs on electrons belonging to the electron shell closest to the nucleus (the
K shell), when the temperature increases to 100 MK and all electrons have escaped
the atom leaving the nucleus bare, the half life of *!Ca increases by almost three
orders of magnitude. However, if, still at a temperature of 100 MK, the density
increases to 10% g/cm?, electrons are forced nearby *'Ca nuclei and the half life
decreases back to its terrestrial value. The only set of theoretical data for this
reaction are those provided by Fuller et al., 1982. Moreover, the temperature and
density dependence of the electron-capture rate of *!Ca has never been properly
implemented in AGB stellar models, in particular it has not yet been solved coupled
to convective motions, both in the thermal pulses and in the stellar envelope, where
material is constantly carried from hotter denser regions to cooler less dense regions
and viceversa. Given these considerations, we are far from an accurate determination
of the abundance of ! Ca made by AGB stars.

In summary, and in relevance to the early solar system composition of long-
lived radioactive nuclei discussed in Chapter 6, AGB stars can produce some of
the radioactive nuclei found to be present in the early solar system: 29Al via hot
bottom burning and *!Ca and ®°Fe via neutron captures in the thermal pulse and the
3rd dredge-up. In certain mixing conditions the abundances of these nuclei can be
produced by AGB stars in the same proportions observed in the early solar system
(Wasserburg et al., 2006; Trigo-Rodriguez et al., 2009). On the other hand, 36¢]
cannot be produced in the observed amount. Uncertainties in the neutron-capture
cross sections of 3>CI and 3®Cl may play a role in this context.

Finally, a characteristic signature of the AGB stars inventory of long-living
radioactive nuclei, is that, unlike supernovae (Chaps. 4 and Sect. 5.3), AGB stars
cannot possibly produce >Mn, another nucleus of relevance to early solar system
composition. This is because >>Mn is a proton-rich nucleus, lying on the proton-rich
side of the valley of B-stability, and thus it cannot be made by neutron captures.

3.6.5 Long-Lived Radioactive Isotopes Heavier than Fe

3.6.5.1 Predicted Isotopic Abundances

The s process in AGB stars produces significant abundances of six long-lived radio-
active nuclei heavier than iron: 3'Kr, %Zr, PTc, 107pd, 135Cs, and 205Pb. The sur-
vival of 33Cs and 20°Pb in stellar environments is however very uncertain and
can even be prevented because of the strong and uncertain temperature and den-
sity dependence of their half lives, decreasing by orders of magnitudes in stellar
conditions and determined only theoretically (as in the case of *!Ca. See detailed
discussion by Mowlavi et al., 1998; Wasserburg et al., 2006, and also Appendix
B). While *3Zr, Tc, 197Pd, and 2°>Pb are on the main s-process path and are pro-
duced by neutron captures on the stable isotopes *2Zr, *®Mo,!! 19°pd, and 204Pb,

T Followed by fast decay of ®Mo, with a half life of 66 h.
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Fig. 3.16 Abundance ratios of long-lived radioactive nuclei heavier than iron, with respect to one
of their nearest stable isotope, at the end of the AGB evolution computed by (Wasserburg et al.,
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The symbols representing the different metallicities are the same as in Fig. 3.12. Symbols con-
nected by the solid line represent models computed without the inclusion of the '3C neutron source,
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neutron source

respectively, 3/ Kr and '33Cs are not on the main s-process path, but can be reached
via the activation of branching points at 79Se and 3Br, and 134Cs, respectively (as
described in Appendix B).

Figure 3.16 presents the abundance ratios of long-living radioactive isotopes
heavier than iron produced during the s process in AGB stars to one of their nearest
stable isotopes calculated by Wasserburg et al., 2006 and by van Raai et al. (unpub-
lished results). For all ratios, except 81K /82K, the inclusion of the '3C neutron
source for models of masses lower than >~ 3—-4 M, completely changes the results,
since the 2*Ne source is not significantly activated in these low-mass stellar models.
It also makes an important difference in the absolute abundance of the all isotopes
involved, with very low production factors with respect to the initial value if the
13C neutron source is not included (see Table 4 of Wasserburg et al., 2006). The
case of 3'Kr/32Kr is different in that it does not feel the inclusion of the >C neutron
source as much as the other ratios because, even for the low-mass stars, the marginal
activation of the 22Ne reaction in the latest thermal pulses affects the production of
the s-process elements up to the first s-process peak, including Kr, and of 8'Kr in
particular via the branching point at 7Se.

For stellar models with initial masses higher than >~ 3-4 My, depending on the
metallicity, the 22Ne neutron source is mainly responsible for the activation of the
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s process and thus the production of the heavy long-lived isotopes. Hence, in these
models, the inclusion of a 1>C neutron source typically does not make a significant
difference in the final ratios, except in the case of 205pp/204pp, This ratio is different
in that it always feels the effect of the inclusion of the '*C neutron source because
production of the element Pb, corresponding to the third and last s-process peak, is
possible only if very large neutron exposures are available (~mbarn~!), which can
only be produced by the 3C neutron source.

It is interesting to discuss in detail the results for the 3 M stellar model of 1/3
solar metallicity, because this model represents an example of the transition between
the two regimes of the s process in AGB stars: when neutrons are provided by the
13C or by the 2’Ne source. In this model the number of free neutrons produced by
the 2*Ne source is higher than in the solar metallicity model of the same mass partly
because the temperature in the thermal pulses is slightly higher, but mostly because
there is a smaller number of nuclei present to capture neutrons. Hence, the neutron
flux coming from the 2>Ne neutron source affects the production of the long-living
isotopes up to Tc, but not that of the long-living isotopes of higher masses: for
107pg. 133Cs, and 295Pb, 13C is still the main neutron source.

In addition to the main effect due to the shift from the '*C to the 2N regime
with changing the initial mass and metallicity of the star, smaller variations due to
the marginal effect of the >’Ne neutron source in the models of low-mass are always
visible in the details of the production of the heavy long-living nuclei affected by the
operation of the branching points activated in thermal pulses: 8!Kr, and '33Cs. For
example, restricting our view to the solar metallicity models of mass lower than 4
Mg, and computed with the inclusion of the '3C neutron source, the 8! Kr/82Kr ratio
decreases with the stellar mass as 8!Kr is progressively skipped by the branching
point at 7Se at the higher neutron densities experienced by the higher mass models.
The opposite happens for the '33Cs/!33Cs ratio, which increases with the stellar
mass as the branching point at '3*Cs becomes progressively more active.

When considering the effect of branching points on the production of heavy

long-living radioactive nuclei by the s process in AGB stars it is worth noting
that '?°T and '82Hf — two long-lived radioactive isotopes of special interest for the
composition of the early solar system — are not significantly produced in AGB stars.
Production of ' is not possible because the half life of 2% is only 25 minutes (see
Appendix B), while '82Hf is produced,with '82Hf/!39Hf up to ~ 0.02 in the AGB
envelope, via activation of the branching point at '8 Hf (Appendix B). This results
in "82Hf/180Hf down to 1076 (after dilution of AGB ejecta in the ISM, Wasserburg
et al. 1994), which is too low to explain the early solar system value of 10™* (see
Chap. 6).

The main uncertainties affecting both sets of predictions shown in Fig. 3.16
are the detailed features of the proton diffusion leading to the production of the
13C neutron source (see end of Sect. 3.4.1). Ratios that depend on the activation
of the *’Ne neutron source are also sensitive to the choice of the mass loss rate
and of the 2’Ne(a,n)>>Mg reaction rate. The treatment of branching points is also
of importance in the determination of 8'Kr and '33Cs. For example, in the case of
81Kr/82Kr, the treatment of the temperature dependence of the decay rate of the
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branching point nucleus 7°Se is fundamental to the final result, as demonstrated by
the fact that including the temperature dependence of these decay rate (as carried
out by Wasserburg et al., 2006) produce a 3! Kr/32Kr ratio two orders of magnitude
larger than using the terrestrial value as constant (as done by van Raai, Lugaro, and
Karakas, unpublished results).

In summary, due to the s lprocess, AGB stars are a rich source of radioactive
elements heavier than Fe. The signature of this production is confirmed, e.g., by
the presence of Tc observed in AGB star and in meteoritic stardust grains (as dis-
cussed further in the next section) and possibly in primitive meteoritic solar-system
materials (as discussed in detail in Chapter 6).

Signatures in Stardust

The historical observation of Tc in late type giants (Sect. 3.5.2) was confirmed by the
presence of *Tc in single stardust SiC grains at the time of their formation discov-
ered via laboratory analysis of the Ru isotopic composition of these grains (Savina
et al., 2004). Since both Tc and Ru are refractory elements, they were included in
SiC grains as trace elements during grain formation. To match the observational star-
dust data both the contribution of *’Ru and *°Tc predicted by AGB stellar models
to the total nuclear abundance at mass 99 must be considered. Radiogenic decay of
99T¢ occurs in the intershell in the absence of neutron fluxes, in the stellar envelope,
and inside the grains.

On the other hand, there is no evidence for a contribution of '3°Cs to 13°Ba when
comparing AGB model predictions to laboratory data of the '*>Ba/'3%Ba ratio in
single SiC grains (see Fig. 16 of Lugaro et al., 2003). This is probably because Cs
is not as refractory as Ba and thus was not included in the grains at the time of their
formation.
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Chapter 4
Massive Stars and Their Supernovae

F.-K. Thielemann, R. Hirschi, M. Liebendorfer, and R. Diehl

4.1 Cosmic Significance of Massive Stars

Our understanding of stellar evolution and the final explosive endpoints such as
supernovae or hypernovae or gamma-ray bursts relies on the combination of

(a) (magneto-)hydrodynamics

(b) energy generation due to nuclear reactions accomanying composition changes
(c) radiation transport

(d) thermodynamic properties (such as the equation of state of stellar matter).

Hydrodynamics is essentially embedded within the numerical schemes which
implement the physics of processes (b) to (d). In early phases of stellar evolu-
tion, hydrodynamical processes can be approximated by a hydrostatic treatment.
Nuclear energy production (b) includes all nuclear reactions triggered during stel-
lar evolution and explosive end stages, also among unstable isotopes produced on
the way. Radiation transport (c) covers atomic physics (e.g. opacities) for photon
transport, but also nuclear physics and neutrino nucleon/nucleus interactions in
late phases and core collapse. The thermodynamical treatment (d) addresses the
mixture of ideal gases of photons, electrons/positrons and nuclei/ions. These are
fermions and bosons, in dilute media or at high temperatures their energies can
often be approximated by Maxwell-Boltzmann distributions. At very high densities,
the nuclear equation of state is required to relate pressure and density. It exhibits
a complex behavior, with transitions from individual nuclei to clusters of nucleons
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with a background neutron bath, homogeneous phases of nucleons, the emergence
of hyperons and pions up to a possible hadron-quark phase transition.

The detailed treatment of all these ingredients and their combined application
is discussed in more depth in textbooks (Kippenhahn and Weigert, 1994; Maeder,
2009; Arnett, 1996; Iliadis, 2007), and/or the preceding Chap. 3, where the evolution
of low and intermediate mass stars is addressed. That chapter also includes the stel-
lar structure equations in spherical symmetry and a discussion of opacities for pho-
ton transport. Chapters 8 and 9 (tools for modeling objects and their processes) go
into more detail with regard to modeling hydrodynamics, (convective) instabilities
and energy transport as well as the energy generation due to nuclear reactions and
the determination of the latter. Here we want to focus on the astrophysical aspects,
i.e. a description of the evolution of massive stars and their endpoints with a special
emphasis on the composition of their ejecta (in form of stellar winds during the evo-
lution or of explosive ejecta). Low and intermediate mass stars end their evolution
as AGB stars, finally blowing off a planetary nebula via wind losses and leaving a
white dwarf with an unburned C and O composition. Massive stars evolve beyond
this point and experience all stellar burning stages from H over He, C, Ne, O and
Si-burning up to core collapse and explosive endstages. In this chapter we want to
discuss the nucleosynthesis processes involved and the production of radioactive
nuclei’ in more detail. This includes all hydrostatic nuclear-burning stages expe-
rienced by massive stars, and explosive burning stages when a shock wave moves
outward after a successful explosion was initiated, but also final wind ejecta from
the hot proto-neutron star which emerged in the collapse and explosion phase. All
these ejecta will enter the interstellar medium in galaxies, initially appearing as gas
and dust in wind bubbles and supernova remnants, later determining the evolution of
the larger-scale gas composition. The interstellar gas composition will evolve with
time, and the composition of newly formed stars will witness this composition at
the time of their formation.

Massive stars play an important role as contributors to the gas composition of
the interstellar medium via wind losses or explosions. In astronomical terms they
are the progenitors of blue supergiants (BSG), red supergiants (RSG), Wolf-Rayet
(WR) and luminous blue variable (LBV) stars (Maeder and Meynet, 2010). At the
end of their life, they explode as core collapse supernovae (cc-SNe), observed as
SNe of type II or Ib,c (Woosley and Bloom, 2006) and also as long soft gamma-ray
bursts GRBs (Piran, 2004). After collapse, their cores become neutron stars or black
holes. They are one of the main sites for nucleosynthesis, which takes place during
both pre-SN (hydrostatic) burning stages and during explosive burning. A weak
s process occurs during core He- (and C-)burning (The et al., 2007; El Eid et al.,
2009) and the r process probably occurs during the explosion (Qian and Woosley,
1996). These s(low) and r(apid) neutron capture processes are mainly responsible
for the heavy nuclei beyong the Fe-group. Radioactive isotopes like 26 Al and ®Fe

' We focus especially on long-lived radioactivities which can be observed with gamma-ray satel-
lites, and refractory isotopes which can be observed in dust condensations included in meteorites.
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detected by the INTEGRAL satellite are produced by massive stars, plus many more
radioactivities from the final explosive ejecta (like e.g. 44714, SONi, 5°Co etc., see
Sects. 4.4.2 and 4.5). Chapters 2 and 3 discussed also many long-lived heavy nuclei
beyond Fe with half-lives larger than 107 and up to 10'!years. As massive stars are
probably not the origin of heavy s-process nuclei (see Chap. 3), we will address
here those nuclei which are clearly identified with the r process (>32Th, 1.4 x 100y,
235U, 7x 108y, 230U, 2.3x 107y, 238U, 4.5 10%y, 2**Pu, 8 x 107y, 247Cm, 1.6 x 107y)
and where especially 23>Th and 238U, with half-lives comparable to the age of the
Galaxy/Universe, can also serve as chronometers.

Massive stars, even though they are much less numerous than low mass stars,
contribute significantly (about two thirds) to the integrated luminosity of galaxies.
At high redshifts z, or low metallicities Z, they are even more important drivers
of characteristic phenomena and evolution. The first stars formed are thought to be
all massive or even very massive, and to be the cause of the re-ionisation of the
universe. As discussed above, if the final core collapse leads to a black hole, the
endpoint of this evolution can be the origin of the subset of (long, soft) gamma ray
bursts (GRBs). GRBs are the new standard candles for cosmology at high redshifts.
They are visible from higher redshifts than usual SNe (of type I or II) are, and
thus will impose tighter constraints on cosmological models. Massive stars with
their large energy output can be seen out to significant (cosmological) distances —
either directly through their thermal photospheric emission, or indirectly through
the impact on their surroundings (ionization, or heated dust). In their collapsar and
GRB extremes, emission is beamed into a jet, which makes them visible even at
greater distances. This can also give us information on the star formation history at
a very early age of the universe (z >10) beyond the reach of galaxy observations.
Closer to home, recent surveys of metal poor halo stars provide a rich variety of con-
straints for the early chemical evolution of our Galaxy and thus the nucleosynthesis
ejecta (astro-archeology).

4.2 Hydrostatic and Explosive Burning in Massive Stars

Following the motivation for studying massive stars in the previous section, we
now discuss the ingredients for their modeling. Thermonuclear energy generation
is one of the key aspects: It shapes the interior structure of the star, thus its evo-
lutionary time scales, and the generation of new chemical elements and nuclei.
Without understanding these, the feedback from massive stars as it determines the
evolution of galaxies cannot be understood in astrophysical terms.” Thermonuclear
burning, nuclear energy generation and resulting nuclear abundances are determined
by thermonuclear reactions and weak interactions. The treatment of the required

2 Empirical descriptions from observations of a multitude of galaxies are often utilized to substitute
such astrophysical models in cosmological simulations.
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nuclear/plasma physics, and a detailed technical description of reaction rates, their
determination and the essential features of composition changes and reaction net-
works is presented in Chap. 9. Here we want to discuss which types of reactions
are involved specifically in the evolution of massive stars and their catastrophic end
stages. Nuclear burning can in general be classified into two categories:

(1) hydrostatic burning stages on timescales dictated by stellar energy loss
(2) explosive burning due to hydrodynamics of the specific event.

Massive stars (as opposed to low and intermediate mass stars) are the ones which
experience explosive burning (2) as a natural outcome at the end of their evolution
and they undergo more extended hydrostatic burning stages (1) than their low- and
intermediate-mass cousins. Therefore, we want to address some of these features
here in a general way, before describing the evolution and explosion in more detail.

The important ingredients for describing nuclear burning and the resulting com-
position changes (i.e. nucleosynthesis) are (i) strong-interaction cross sections and
photodisintegrations, (ii) weak interactions related to decay half-lives, electron or
positron captures, and finally (iii) neutrino-induced reactions. They will now be
discussed?.

4.2.1 Nuclear Burning During Hydrostatic Stellar Evolution

Hydrostatic burning stages are characterized by temperature thresholds, permitting
thermal Maxwell-Boltzmann distributions of (charged) particles (nuclei) to pen-
etrate increasingly larger Coulomb barriers of electrostatic repulsion. These are
(two body) reactions as discussed in equations (9.6) and (9.9) of Chap. 9, repre-
senting terms of the type ;7; in the network equation (9.1). H-burning converts
'H into *He via pp-chains or the CNO-cycles. The simplest pp-chain is ini-
tiated by 'H(p,etv)*H(p,y)He and completed by 3He(*He,2p)*He. The domi-
nant CNO-cycle chain '2C(p,y) 3N(etv)3C(p,y) “N(p,y)30(eTv) PN(p,a)12C
is controlled by the slowest reaction '“N(p,y)!30. The major reactions in He-
burning are the triple-alpha reaction “*He(2c, ¥)!?C and '>C(a, 3)'¢0. The triple-
alpha reaction, being essentially a sequence of two two-body reactions with an
extremely short-lived intermediate nucleus ®Be, is an example for the term ;7 i
in equation (9.1) in Chap. 9, which includes the product of three abundances. The
H- and He-burning stages are also encountered in low and intermediate mass stars,
leaving white dwarfs as central objects. They are discussed in much more detail
with all minor reaction pathways in Chap. 3. Massive stars, the subject of the
present chapter, undergo further burning stages up to those involving the production
of Fe-group nuclei. Table 4.1 lists these burning stages and their typical central
densities and temperatures, their duration and the typical luminosity in photons

3 A review of the sources for this microphysics input is given for (i) in Chap. 9 and for (iii) in
Chap. 8. We will review some of the required weak interaction rates (ii) in the subsections on late
phases of stellar evolution/core collapse and the description of the explosion.
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Table 4.1 Burning stages of a 20 M, star

Pc T. T Lphot
Fuel (g/cm3) (10° K) (year) (erg/s)
Hydrogen 5.6(0) 0.04 1.0(7) 2.7(38)
Helium 9.4(2) 0.19 9.5(5) 5.3(38)
Carbon 2.7(5) 0.81 3.0(2) 4.3(38)
Neon 4.0(6) 1.70 3.8(—1) 4.4(38)
Oxygen 6.0(6) 2.10 5.0(—1) 4.4(38)
Silicon 4.9(7) 3.70 2 days 4.4(38)

(from Woosley and Weaver 1995), which involve the reaction types given below.
For further details see Sect. (4.3).

e Heavy-ion fusion reactions: In C-burning the reaction >C('*C,a)*°Ne domi-
nates, in O-burning it is '°0('°0,a)?8Si. The corresponding reaction rates ;r i
(after integrating over a Maxwell-Boltzmann distribution of targets and projec-
tiles) have the form given in equation (9.9) of Chap. 9 and contribute to the second
term in equation (9.1). Reactions going beyond these key reactions are provided
in Tables 4.2 and 4.3. Further features as well as the status of nuclear cross sec-
tions are discussed in recent reviews on hydrostatic burning stages (Haxton et al.,
2006; Buchmann and Barnes, 2006; Costantini et al., 2009; Wiescher et al., 2010)
and Chap. 9.

e Photo-disintegrations: The alternative to fusion reactions are photodisintegra-
tions which start to play a role at sufficiently high temperatures 7 when
30 kT~Q (the Q-value or energy release of the inverse capture reaction). This
ensures the existence of photons with energies >Q in the Planck distribution
and leads to Ne-Burning [?°Ne(y, @)'°0, 2°Ne(«, y)24Mg] at T>1.5 x 10°K
(preceding O-burning) due to a small Q-value of ~4 MeV and Si-burning at
temperatures in excess of 3x10° K [initiated like Ne-burning by photodisinte-
grations]. Such photodisintegrations (after integrating over a thermal (Planck)
distribution of photons at temperature 7") have the form given in equation (9.4) of

Table 4.2 Major reactions in carbon burning

(a) Basic energy generation
12c(12C,a)20Ne 12c(12c’p)23Na
#Na(p.)®Ne *Na(p,y)**Mg "*C(e, y)'°0

(b) Fluxes > 1072x(a)

2Ne(ar, y)**Mg  »*Na(a.p)**Mg(p.y)* Al

20Ne(n,y)?' Ne(p,y)?*Na (et v)*2Ne(ar,n)> Mg(n,y )2 Mg
2INe(a,n)**Mg 22Ne(p,y)®Na >Mg(p,y)*°Al(etv)*Mg

(c) Low temperature, high density burning

"2C(p,y) PN(etv) P C(a,n)'°O(er, y)*'Ne

#Mg(p,y) > Al(eTv)* Mg

21Ne(n,y)zzNe(n,y)BNe(e_ 17)23Na(n,y)24Na(e_ v)24Mg + 5 processing
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Table 4.3 Major reactions in oxygen burning

(a) Basic energy generation

]60(]607a)288i 160(120’p)31P I60(I60,n)3ls(e+v)31p
31 P(p,a)ZSSi(a, V)SZS

28Si(y, a)**Mg(a.p)?’ Al(a,p)*°Si

328(n,1)33S(n,0)30Si(er, y)3*S
28Si(n,y)?Si(a,n)32S(a,p)>Cl

DSi(p,y)P(etv)30si

Electron captures
33 S(e_ , v)33P(p,n)33S
3Cl(e™, 1)*S(p.n)*>Cl

(b) High temperature burning

28(a, y)3Ar(a,p)°K

36 Ar(n,p)37 Ar(etv)3Cl

35CI(y.p)**S(a, ¥) ¥ Ar(p,y)K(p.y)*Ca
BCle™, )>3S(y.p)**S

B Ar(a, y)*Ca(a, y)*°Ti
2Ca(a,p)Sc(p,y)*oTi

(c) Low temperature, high density burning
31P(e—v)3ls 31P(n,y)32P

32S(€7, V)SZP(p,Il)SZS

PP(p.)si

Chap. 9 and act similar to decays with a temperature-dependent decay constant,
contributing (like decays) to the first term ;A; in equation (9.1). In Table 4.4
we provide some of the main reactions of Ne-burning, which is initiated by the
photodisintegration of Ne.

e Electron capture reactions: Massive stellar cores eventually lead to electron-gas
degeneracy, i.e. the Pauli exclusion principle for fermions determines the pop-
ulation of energy states rather than the Boltzmann statistics, valid only for low
densities/high temperatures. The Fermi energy of electrons is

Er = 12/2m, 322 n?3 4.1)

Here n, is the density of the electron gas n, = pNsY,, p denotes the matter
density and N4 Avogadro’s number. In late stages of O-burning, in Si-burning
(and during the later collapse stage) this Fermi energy of (degenerate) elec-
trons, increases to the level of nuclear energies (MeV). In a neutral, completely
ionized plasma, the electron abundance Y, is equal to the total proton abun-
dance Y, = ); Z;Y; (summing over all abundances of nuclei, including pro-
tons/hydrogen) and limited by the extreme values O (only neutrons) and 1 (only
protons) with typical values during stellar evolution close to 0.5 or slightly below.
Such conditions permit electron captures on protons and nuclei, if the negative
Q-value of the reaction can be overcome by the electron (Fermi) energy. The
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Table 4.4 Major reactions in neon burning

(a) Basic energy generation
*Ne(y, )'°0  *'Ne(a, y)**Mg(e, y)**Si

(b) Fluxes > 1072 x (a)

BNa(p,o)®°Ne  23Na(a,p)2°Mg(r,n)?*Si
20Ne(n,y)?' Ne(a,n)>*Mg(n,y) > Mg(a,n)?8Si
28Si(n,y)?Si(n,y)3°si

Mg (ar,p)*’ Al(e,p)*'Si

25Mg(p.y)*" Al(n,y)*8 Al(e~1)?8Si

(c) Low temperature, high density burning
22Ne(a,n)>Mg(n,y ) *Mg(n,y ) Mg(e1)* Al
22Ne left from prior neutron-rich carbon burning

Table 4.5 Electron capture

p+e —v.+n or ple,v.)n
(A, Z)+e > v+ (A, Z—1) or AZ(e,v,)4Z-1

Ep(pY, = 107g/cm?) = 0.75 MeV
Er(pY, = 10%g/cm®) = 470 MeV

general features for typical conditions are presented in Table 4.5, example reac-
tions were already given in Table 4.3. Thus, at sufficiently high densities, electron
captures — which are energetically prohibited — can become possible and lead
to an enhanced neutronization of the astrophysical plasma, in addition to the
role of beta-decays and electron captures with positive Q-values (Nomoto and
Hashimoto, 1988). In degenerate Ne—O—Mg cores (after core C-burning of
stars with 8 < M/Mg < 10), electron captures on *°Ne and **Mg cause a
loss of degeneracy pressure support and introduce a collapse rather than only a
contraction, which combines all further burning stages on a short collapse time
scale (Nomoto, 1987). In Si-burning of more massive stars, electron capture on
intermediate mass and Fe-group nuclei becomes highly important and determines
the neutronization (Y,) of the central core. As discussed in Chap. 9, such rates
contribute to the one-body reaction terms ;A; in Eq. (9.1) with the effective
decay constants in Eq. (9.5) being a function of 7" and n, = pN4Y,, the electron
number density.

e Neutrino reactions (see Table 4.6): Neutrino cross section on nucleons, nuclei
and electrons are minute, by comparison to above reactions. It therefore requires
high densities of the order p > 10'2g/cm? that also the inverse process to elec-
tron/positron capture (neutrino capture) can occur on relevant timescales. The
same is true for other processes such as e.g. inelastic scattering, leaving a nucleus
in an excited state which can emit nucleons and alpha particles. Such neutrino-
induced reactions can be expressed in a similar way as photon and electron cap-
tures, integrating now over the corresponding neutrino distribution. The latter is,
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Table 4.6 Neutrino reactions
Ve+n< p+e or n(ve,e )p
Vet+p<ontet or p((ve,et)n
Ve +(Z,A) > (Z+1,A)+e or AZ(v,, e ) Z+1
Vo +(Z,A) <> (Z—1,A) +et or AZ@,,eNHAZ -1
(Z,A)+v v+ (Z, A

however, not necessarily in thermal equilibrium and not just a function of tem-
perature and neutrino densities. Neutrino distributions are rather determined by
(neutrino) radiation transport calculations (see Chap. 8, where also other neutrino
scattering processes are discussed).

All the reactions presented above and occurring at different times in the sequence
of burning stages, contribute to the three types of terms in the reaction network
equation (9.1). If one is interested to show how nuclear abundances Y; enter in this
set of equations, it can also be written in the form*

ay : : .

— =Y PIAYi+Y Pl pNa<j k>Y;Yi+y Pl p*Ni<j.k.1>YV¥L.
J J.k J.k,l

4.2)

Core Si-burning, the final burning stage during stellar evolution, which is initi-
ated by the photodisintegration 28Si(y, @)?*Mg close to 3 x 10° K —and followed
by a large number of fusion and photodisintegration reactions — ends with nuclear
reactions in a complete chemical equilibrium® (nuclear statistical equilibrium, NSE)
and an abundance distribution centered around Fe (as discussed in Chap. 9 and
Egs. (9.14) and (9.15)). These temperatures permit photodisintegrations with typical
Q-values of 8—10MeV as well as the penetration of Coulomb barriers in capture
reaction. In such an NSE the abundance of each nucleus Y; is only dependent on
temperature 7', density p, its nuclear binding energy B;, and via charge conservation
on Zi Z;Y; =Y,. Y, is altered by weak interactions on longer timescales. A quasi-
equilibrium (QSE) can occur, if localized nuclear mass regions are in equilibrium
with the background of free neutrons, protons and alphas, but offset from other
regions of nuclei and thus their NSE values (Hix and Thielemann, 1996, 1999b; Hix

4 The formal difference to Eq. (9.1) is that one does not sum here over the reactions but rather
over all reaction partners (see also the equation following Table 3.2 in Chap. 3). However, in total,
all the terms which appear are identical. Due to the different summation indices, the P’s have a
slightly different notation, A’s stand for decay rates L of Chap. 9 and < j, k > for < o*v > of
reactions between nuclei j and k, while < j, k, [ > includes a similar expression for three-body
reactions (Nomoto et al., 1985). A survey of computational methods to solve nuclear networks is
given in (Hix and Thielemann, 1999a; Timmes, 1999). (The abundances Y; occurring in Eq. (4.2)
are related — like electron abundances Y, — to number densities n; = pN4Y; and mass fractions of
the corresponding nuclei via X; = A;Y;, where A; is the mass number of nucleusi and ) X; = 1.)
5 All strong (thermonuclear) and photodisintegration reactions are equilibrized, while weak inter-
action reactions, changing Y,, may occur on longer timescales.



4 Massive Stars and Their Supernovae 161

et al., 2007). Different quasi-equilibrium regions are usually separated from each
other by slow reactions with typically small Q-values. Such boundaries between
QSE groups, due to slow reactions, can be related to neutron or proton shell clo-
sures, like e.g. Z = N = 20, separating the Si- and Fe-groups in early phases of
Si-burning.

All reactions discussed above, occurring during all stellar burning stages, are
essentially related to nuclei from H to the Fe-group, and not much beyond.

e Neutron capture processes: Through neutron capture reactions, also during regu-
lar stellar evolution, there is a chance to produce heavier nuclei. During core and
shell He-burning specific alpha-induced reactions can liberate neutrons which
are responsible for the slow neutron capture process (s process). A major neutron
source is the reaction ?Ne(c, n)>>Mg, with 2>Ne being produced via succesive
a-captures on the H-burning CNO product "“N(a, y)'8F(81)'80(«, y)**Ne. If
occurring, the mixing of '?C into H-burning shells can produce an even stronger
neutron source >C(x, n)'°0 via 12C(p, y)13N(,3+)13C. In massive, rotating, low
metallicity stars, mixing can lead to the production of “primary” *N and >?Ne,
i.e. a neutron source which does not reflect the initial metallicity of *N in the
CNO-cycle, and can thus be much stronger. The previous Chap. 3 has discussed
in full detail the strong s process via a combination of '>C and *’Ne in He-shell
flashes of low and intermediate mass stars. In a similar way mixing processes
can also occur in massive stars due to rotation or convective instabilities. Without
such mixing processes only secondary (metallicity-dependent) >Ne is available
for 2>Ne(a, n)*Mg and core He-burning as well as shell C-burning lead to a
weak s process (The et al., 2007). The s process can in principle form elements
up to Pb and Bi through a series of neutron captures and 8~ -decays, starting on
existing heavy nuclei around Fe (Kédppeler and Mengoni, 2006). Weak s process-
ing, based on secondary **Ne, does not go beyond mass numbers of A = 80—90.
The production of heavier nuclei is possible in massive stars if primary '*N and
22Ne are available.

4.2.2 Explosive Burning

Many of the hydrostatic nuclear-burning processes occur also under explosive con-
ditions at higher temperatures and on shorter timescales (see Fig. 4.1), when often
the B-decay half-lives are longer than the explosive timescales, producing signifi-
cant abundances of unstable isotopes as burning proceeds. This requires in general
the additional knowledge of nuclear reactions for and among unstable nuclei. The
fuels for explosive nucleosynthesis consist mainly of N=Z nuclei like '>C, 160,
20Ne, 2*Mg, or 28Si (the ashes of prior hydrostatic burning), resulting in heav-
ier nuclei, again with N~Z. At high densities also electron captures on nuclei
e~ +4Z -4 Z — 14 v can occur at substantial rates due to energetic, degenerate
electrons when Fermi energies are high, as already discussed for late hydrostatic
burning stages.



162 F.-K. Thielemann et al.

10 T T T T 10
p=10°
He-burning
5 5r 1
= )
ED O-burning Eo
— p=10" =3 Si-burning
or 1 or 1
Ne-burning
-5 2 4 6 8 10 - 2 4 6 8 10
Ty Ty

Fig. 4.1 Burning timescales in (log;,) seconds for fuel exhaustion of He-, C-, and O-burning
(left) and Ne- and Si-burning (right), as a function of temperature. Density-dependent timescales
are labeled with a chosen typical density (in g/cm3). They scale with 1/p for C- and O-burning
and 1/p? for He-burning. Ne- and Si-burning, initiated by photodisintegrations, are not density-
dependent. The almost constant He-burning timescale beyond To=T/10°K=1 permits efficient
destruction on explosive timescales only for high densities

Explosive Si-burning differs strongly from its hydrostatic counterpart and can
be divided into three different regimes: (i) incomplete Si-burning and complete
Si-burning with either (ii) a normal (high density, low entropy) or (iii) an «-rich
(low density, high entropy) freeze-out of charged-particle reactions during cooling
from NSE. At initially high temperatures or during a normal freeze-out, the abun-
dances remain in a full NSE. The full NSE can break up in smaller equilibrium
clusters (quasi-equilibrium, QSE), for a detailed discussion see Hix and Thielemann
(1996, 1999b); Hix et al. (2007). An example for such QSE-bevavior is an alpha-
rich freeze-out, caused by the inability of the triple-alpha reaction *He(2a, y)'?C,
and the 4He(otn,y)gBe reaction to keep light nuclei like n, p, and 4He, and nuclei
beyond A=12 in an NSE during declining temperatures, when densities are low.
This causes a large «-particle abundance after freeze-out of nuclear reactions. This
effect, most pronounced for core collapse supernovae, depends on the entropy of the
reaction environment, being proportional to T3/ p in a radiation dominated plasma
(see Fig. 4.2).

r-process nucleosynthesis (rapid neutron capture) relates to environments of
explosive Si-burning, either with low or high entropies, where matter experiences a
normal or a-rich freeze-out. The requirement of a neutron to seed-nuclei ratio of 10
to 150 after freeze-out of charged particle reactions® translates into ¥, = 0.12-0.3
for a normal freeze-out. For a moderate Y,>0.40 an extremely «-rich freeze-out
is needed (see the disussion in Sect. 4.4). Under these conditions the large mass
fraction in *He (with N = Z) permits ratios of remaining free neutrons to (small)
abundances of heavier seed nuclei, which are sufficiently high to attain r-process

6 Such neutron/seed ratio is required in order to produce all, including the heaviest, r-process
nuclei via neutron capture from seed nuclei at their abundances before freeze-out.



4 Massive Stars and Their Supernovae 163

1010
L normal freeze-out ]
10° incomplete
F burning
ie
$op -
L e == 77T X =010 1
107k T . . = " corecollape SNe 4
I alpha-rich freeze-out ]l
10° hd L L L L L

10
T

9.max

Fig. 4.2 Final results of explosive Si-burning as a function of maximum temperatures and densities
attained in explosions before adiabatic expansion. For temperatures in excess of 5x 10° K any fuel
previously existing is photodisintegrated into nucleons and alpha particles before re-assembling
in the expansion. For high densities this is described by a full NSE with an Fe-group composi-
tion, favoring nuclei with maximum binding energies and proton/nucleon ratios equal to Y,. For
lower densities the NSE breaks into local equilibrium groups (quasi-equilibrium, QSE) with group
boundaries determined by reactions with an insufficiently fast reaction stream. Alpha-rich freeze-
out (insufficient conversion of alpha-particles into nuclei beyond carbon) is such a QSE-behavior.
Lines with 1 and 10% remaining alpha mass fraction are indicated as well as typical conditions for
mass zones in type Ia and core collape supernovae

conditions. In many cases QSE-groups of neutron captures and photodisintegrations
are formed in the isotopic chains of heavy elements during the operation of the
r process.

4.3 Evolution of Massive Stars up to Core Collapse

In Sect. 4.2 we have discussed nuclear burning processes in detail, including also
individual reactions which are of relevance during the evolution of massive stars.
This relates to the main focus of this book, the production of (radioactive) nuclei
in astrophysical environments. In the present section we will discuss the physics of
stellar evolution and major related observational features; but we leave to review
articles or textbooks for a technical description of how mass, energy, and momen-
tum conservations equations as well as energy transport (via radiation or convective
motions) are treated (Maeder, 2009; Maeder and Meynet, 2010; Heger et al., 2003;
Limongi et al., 2000; Limongi and Chieffi, 2003, 2006; Ohkubo et al., 2008; El
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Eid et al., 2009) (but see also the hydrostatic stellar struture/evolution equations
in spherical symmetry, as presented in Chap. 3). Stellar-evolution calculations as
discussed here are based on the Geneva code of A. Maeder and G. Meynet and
their present and recent students (Maeder, 2009; Maeder and Meynet, 2010). This
numerical implementation of stellar evolution includes (i) an adaptative reaction
network for the advanced burning stages, which is capable to follow the detailed
evolution of Y, and a large set of nuclei; (ii) a discretization of the stellar-structure
equations, modified in order to damp instabilities occurring during the advanced
stages of evolution; (iii) the treatment of dynamical shear in addition to the other
mixing processes (such as, e.g., horizontal turbulence, secular shear and merid-
ional circulation); and (iv) the treatment of convection as a diffusive process from
O-burning onwards. This allows to follow the evolution of massive stars from their
birth until the stage of Si-burning, including all nuclear burning stages discussed
in Sect. 4.2, for a wide range of initial masses, metallicities and stellar rotation.
Here the treatment of rotation and mixing effects is still utilizing methods based on
spherical symmetry. Full multi-dimensional calculations of mixing processes during
stellar evolution are on the scene (Meakin and Arnett, 2007; Arnett et al., 2009) and
might open up a new era of understanding the evolution of stars.

4.3.1 Stellar Evolution with Rotation

The evolution of all stars (including massive stars discussed here) is initiated by core
H-burning, during which the star is found on the so-called main sequence (MS) in
the Hertzsprung-Russell (HR) diagram, which relates the stellar luminosity to the
stellar surface temperature (color). The observational appearance of a star after the
completion of core H-burning is affected by the fact that the H-burning region con-
tinues to move outward as a burning shell. The He-core contracts and ignites core
He-burning in the center, which produces mainly C and O. The star’s position in the
HR diagram leaves the main sequence, and its radius increases due to the increased
radiation pressure. Depending on the resulting surface temperature it becomes a
blue or red supergiant (BSG or RSG). Radiation pressure can rise to such extreme
values that stars (more massive than 20-30 M) blow off their outer parts through
strong stellar winds of velocities up to 2,000 km/s, exposing the more-interior parts
of the star, the helium (or in some cases, the carbon) shell. Such a Wolf-Rayet
(WR) star loses between 107¢ and a few times 107> M, per year, in comparison
to our Sun losing 10™!* of its M, per year through its solar wind. For non-rotating
stars, the transition to the WR phase appears through the so-called Luminous Blue
Variable stars (LBVs). LBVs are massive, intrinsically bright stars which display
different scales of light and color variability, ranging from rapid microvariations to
rare outbreaks of catastrophic mass loss. They represent a very short-lived (perhaps
as little as 40,000 years) strongly mass-losing phase in the evolution of massive
stars, during which they undergo deep erosion of the outer layers before they enter
the Wolf-Rayet phase. For rotating stars, the WR phase may start before the star ends
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its main sequence, since rotation enhances mass loss and rotation-induced mixing
further reduces the hydrogen content at the surface (Meynet and Maeder, 2003,
2005). In the following we discuss how these evolutionary phases depend on the
initial properties of a star. Late burning phases progress much more rapidly than
the H burning of the main sequence state. This is because the carriers of the star’s
energy loss, which drives the evolution of a star, change from photons to neutrinos,
which escape immediately at the densities discussed here, while photons undergo a
multitude of scattering processes until they finally escape at the photosphere.” The
characteristics of late-burning stages are essentially identified by the size of a star’s
C+O-core after core He-burning.

The evolution of stars is governed mainly by three initial parameters: (1) its mass
M, (2) its metallicity (Z, i.e. the mass fraction of pre-existing elements heavier than
He from earlier stellar generations), and (3) the rotation rate or surface rotation
velocity vyor. Solar metallicity corresponds to® Z = 0.02. The evolution can also
be influenced by interior magnetic fields, and by a close binary companion. Rota-
tion significantly affects the pre-supernova state, through the impact it has on the
H and He-burning evolution. Two mass groups are distinguishable: Either rotation-
ally induced mixing dominates (for M <30 Mg,), or rotationally increased mass loss
dominates (for M >30Mg). For massive stars around solar metallicity, mass loss
plays a crucial role, in some cases removing more than half of the initial mass. Inter-
nal mixing, induced mainly by convection and rotation, also has a significant effect
on the evolution of stars. An important result is the production of primary N (via
the CNO-cycle) and 2*Ne (via a-captures in He-burning), due to mixing of burning
products (such as '?C) with hydrogen or «’s, respectively (see the discussion in
Sect. 4.2).

The general impact of metallicity can be summarized in the following way:
Lower metallicity implies a (slightly) lower luminosity due to the lack of CNO-
cycling in hydrogen burning, which leads to slightly smaller convective cores.
A lower metallicity also implies a lower opacity due to the lack of heavier ele-
ments with their many spectral lines, reducing therefore also radiation pressure
and hence mass loss (as long as the chemical composition has not been changed
by burning or mixing in the part of the star under consideration). This results in
lower metallicity stars being more compact and experiencing less mass loss. Pre-
scriptions for mass loss as used in the Geneva stellar evolution code are described
in detail in Meynet and Maeder (2005). Mass loss rates depend on metallicity as
dM/dt « (Z]Z5)?>~ 980 where Z is the mass fraction of heavy elements at the
surface of the star. The effects can be seen in Fig. 4.3 which shows the interior
structure of stars through so-called Kippenhahn diagrams of 20 Mg models for
different metallicities and rotation velocities of the stars. These diagrams indicate

7 It takes a photon about 10° years to reach the surface, after it has been launched in the hot core
of, e.g., our Sun.

8 The current value of solar metallicity is believed to be Z = 0.014, see Chap. 1; the value of
Z = 0.02, which had been established before and was in common use till ~2005, remains a
reference for comparisons, though.
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regions (in radial mass coordinates) where matter is unstable against convection;
here the energy transport is dominated by transporting hot matter rather than through
the propagation of photons. The implications of such a behavior have already been
described in the evolution of low and intermediate mass stars (Chap. 3), and the
physical origin and treatment of these effects are addressed in Chap. 8.

With the exception of the outer convection zone, convective regions in most cases
indicate burning zones, such as core H-burning, core He-burning, core C-burning
etc. They testify also the ignition of outward moving burning shells of the same
nuclear burning stages. When comparing models for decreasing metallicities (with-
out rotation, left column of Fig. 4.3) one notices only minute reductions of the core
sizes, but it is clearly seen that the outer (H-)burning shell moves further in towards
smaller radial mass zones. In the third figure in this column we see merging of the H-
and He-burning shells due to this effect, which leads to a largely-increased energy
generation and extension of these combined burning zones.

How does rotation change this picture, and how do rotation-induced processes
vary with metallicity? At all metallicities, rotation usually increases the core sizes
via rotational mixing. The supply of more H-fuel leads to more energy generation
and therefore a higher luminosity. The higher luminosity increases the radition pres-
sure and stellar mass loss. The effect of increased core sizes (and smaller density
gradients) can be viewed in all models with vy = 300 km/s in the second column
of Fig. 4.3. Clearly the convective core sizes are increased and the shell burning
zones have moved outward. In the lowest metallicity case, the H/He-layers are sep-
arated again. In the intermediate metallicity case Z = 107>, the outer convection
zone reaches the surface, and the star becomes a red supergiant. For metallicities
Z = 0.001 (top row), the increased luminosity causes a sufficient increase in radi-
ation pressure so that the mass loss is substantially enhanced (see the decrease of
the stellar mass indicated by the top line). Mass loss becomes gradually unimpor-
tant for decreasing metallicities. For the rotating 20 M models the stellar fraction
lost is more than 50% for solar metallicities, 13% at Z = 0.001, less than 3% for
Z =107, and less than 0.3% for Z = 107%.

This can be different for more massive stars (Meynet et al., 2006). In Fig. 4.4,
we show results for low metallicity stars with Z = 10~ and fast rotation (500-
800 km/s) from 9 to 85 M. The surface layers of massive stars usually accelerate
due to internal transport of angular momentum from the core to the envelope. Since
at low Z, stellar winds are weak, this angular momentum dredged up by meridional
circulation remains inside the star, and the star reaches critical rotation more easily.
At the critical limit, matter can be launched into a Keplerian disk which probably

»
»

Fig. 4.3 Stellar structure (Kippenhahn) diagrams, which show the evolution of the structure as a
function of the time left until the core collapses after the completion of core Si-burning. The initial
parameters of the models are given on the top of each plot. Coloring (shading) marks convective
zones, and the burning stages are denoted below the time axis. Non-rotating and moderately rotat-
ing 20 Mg star models are shown, for different metallicities Z. v indicates the rotation velocity
at the surface of the star
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dissipates under the action of the strong radiation pressure of the star. Such an effect
can be seen for the 85 M, star, which loses in total more than 75% of its initial mass,
and initially about 10% due to critical rotation. The remaining mass loss occurs dur-
ing the red supergiant phase after rotation and convection have enriched the surface
in primary CNO elements. We can also see that this effect becomes vanishingly
small for stars with masses M < 30Mg. The two 20 My models with varying
metallicities and degrees of rotation again indicate the influence of metallicity and
rotation on the compactness and mass loss of stars. In both cases the mass loss is
negligible.

We have not shown here the evolution of extremely low metallicity stars. Below
a metallicity of about Z = 107!0, the CNO cycle cannot operate when H-burning
starts after the star has been formed. The star therefore contracts until He-burning
ignites, because the energy generation rate of H burning through the pp-chains can-
not balance the effect of the gravitational force. Once enough C and O is produced,
the CNO cycle can operate, and the star behaves like stars with Z > 10710 for
the rest of the main sequence. Metal-free stellar evolution models are presented
in Chieffi and Limongi (2004); Heger and Woosley (2002); Umeda and Nomoto
(2005); Ekstrom et al. (2008).

Including the effects of both mass loss and rotation, massive star models better
reproduce many observables of stars with metallicities around solar Z. For exam-
ple, models with rotation allow chemical surface enrichments already on the main
sequence of core hydrogen burning (MS), whereas without the inclusion of rota-
tion, self-enrichment is only possible during advanced burning evolution such as
the red supergiant RSG stage (Heger and Langer, 2000; Meynet and Maeder, 2000).
Rotating star models also better reproduce the ratio of star types, for the ones which
retain their hydrogen surface layer (O stars), which lose the hydrogen layer com-
pletely (WR stars), and which even lose their helium layer. The latter affects also
the appearance of later core collapse supernova explosions of massive stars. Indeed,
rotation changes the supernova type due to the mass loss of the hydrogen envelope
(turning such an event in optical observations from a type II supernova with a strong
plateau phase to a IIb event with a smaller plateau, or even a Ib event for the case
of complete loss of the hydrogen envelope, and a Ic event with the additional loss
of the He-envelope). This is discussed in more detail in Sect. 4.4. Both aspects,
the chemical surface enrichment in MS stars as well as the ratio of type Ib+Ic to
type II supernovae, as a function of metallicity, are drastically changed compared to
non-rotating models, which underestimate these ratios (Georgy et al., 2009; Meynet
and Maeder, 2005). The value of 300 km/s, used as the initial rotation velocity at

»
»

Fig. 4.4 The same as Fig. 4.3. Stellar structure diagrams for rapidly rotating stars of metallicity
Z = 1078, over a mass range from 9 to 85 M. We see the drastically increasing amount of mass
loss with increasing mass (enhancing mixing of burning products to the surface, and increasing
opacities, i.e. acting like increased metallicities, plus some mass loss from critical rotation for the
most massive stars). The two metallicity cases shown for the 20 M, star show again that stars are
less compact and show more and enhanced mass loss for higher metallicities (becoming a RSG
which leads to the appearance of a large conductive envelope)
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solar metallicity, corresponds to an average velocity of about 220 km/s on the main
sequence (MS), which is close to the average observed value (Fukuda, 1982; Meynet
et al., 2008). Observed ratios of stars of different types in the Magellanic clouds, as
compared to our Galaxy (Maeder et al., 1999; Martayan et al., 2007), point to stars
rotating faster at lower metallicities. Fast initial rotation velocities in the range of
600-800 km/s (Hirschi et al., 2005) are supported by observations of very low-Z
stars (Chiappini et al., 2006).

Rotation affects all burning stages and the resulting Fe-core (we will discuss
this issue further in the next subsection, see also Fig. 4.6). The size of the Fe-core
in turn determines the final fate, whether a supernova explosion with neutron star
formation or the collapse to a black hole occurs. The effects of rotation on pre-
supernova models are most spectacular for stars between 15 and 25 Mg. It changes
the total size/radius of progenitors (leading to blue instead of red supergiants) and
the helium and CO core (bigger by a factor of ~1.5 in rotating models). The his-
tory of convective zones (in particular the convective zones associated with shell
H-burning and core He-burning) is strongly affected by rotation induced mixing
(Hirschi et al., 2005). The most important rotation induced mixing takes place at low
Z while He is burning inside a convective core. Primary C and O are mixed from
the convective core into the H-burning shell. Once the enrichment is strong enough,
the H-burning shell is boosted (the CNO cycle depends strongly on the C and O
mixing at such low initial metallicities). The shell becomes convective and leads
to an important primary '#N production while the convective core mass decreases,
leading to a less massive CO-core after He-burning than in non-rotating models.
Convective and rotational mixing brings the primary CNO to the surface with inter-
esting consequences for the stellar yields. The yield of 1°0, being closely correlated
with the mass of the CO-core, is reduced. At the same time the C yield is slightly
increased (Hirschi et al., 2005), both due to the slightly lower temperatures in core
He-burning. This is one possible explanation for the high [C/O] ratio observed in
the most metal-poor halo stars (see Fig. 14 in Spite et al. (2005) and Fabbian et al.
(2009)) and in damped Lyman alpha systems DLAs (Pettini et al., 2008).

The fate of rotating stars at very low Z is therefore probably the following:
M < 30-40 Mg: Mass loss is insignificant and matter is only ejected into the
ISM during the SN explosion. 3040 Mg < M < 60 Mg : Mass loss (at crit-
ical rotation and in the RSG stage) removes 10-20% of the initial mass of the
star. The star probably dies as a black hole without a SN explosion and therefore
the feedback into the ISM is only due to stellar winds. M > 60 Mg: A strong
mass loss removes a significant amount of mass and the stars enter the WR phase.
These stars therefore end as type Ib/c SNe and possibly as GRBs. This behavior is
displayed in Fig. 4.5. At a metallicity Z = 10~%, corresponding to an Fe/H ratio
loggl(Fe/H)/(Fe/H)s] =[Fe/H]~ —6.6, C and O are shown in models to be
mixed into the H-burning shell during He-burning. This raises the importance of the
shell, and leads to a reduction of the CO-core size. Later in the evolution, the H-shell
deepens and produces large amounts of primary nitrogen. For the most massive stars
(M > 60 M), significant mass loss occurs during the red supergiant stage, caused
by the surface enrichment in CNO elements from rotational and convective mixing.
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Fig. 4.5 Abundance profiles for the 40 (fop), 60 (middle) and 85 (bottom) M models. The pre-SN
and wind (yellow shaded area) chemical compositions are separated by a vertical dashed line
located at the pre-SN total mass (Mfpal), given below each plot

The properties of non-rotating low-Z stars are presented in Heger et al. (2003);
Hirschi et al. (2008), and several groups have calculated their stellar yields (Heger
and Woosley, 2002; Chieffi and Limongi, 2004; Tominaga et al., 2007). All results
for the non-rotating stars (whether at solar metallicity or for low-Z models) are
consistent among these calculations, differences are understood from the treatments
of convection and the rates used for '>C(a, y)'°0. The combined contributions to
stellar yields by the wind and the later supernova explosion (see Sect. 4.4) will be
provided separately. The results for stellar models with metallicities Z close to solar
can be described as follows: Rotating stars have larger yields in their stellar winds
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than the non-rotating ones, because of the extra mass loss and mixing due to rotation,
for masses below ~30 M. The 12C and '°0 yields are increased by a factor 1.5-2.5
by rotation. At high mass loss rates (above ~30 M), the rotating and non-rotating
models show similar yield values. When the wind and explosive contributions are
added, the total metal production of rotating stars is larger by a factor 1.5-2.5 (see
Sect. 4.4). For very massive stars, the situation varies due to the extreme mass loss,
as shown in Fig. 4.5.

In order to give a quantitative impression of the influence of initial mass, metallic-
ity and rotation on the evolution of stars, we present in Tables 4.7 and 4.8 results for
(a) non-rotating solar metallicity stars (Limongi and Chieffi, 2006) and (b) rotating
stars for varying metallicities (Hirschi, 2007). Table 4.8 corresponds to the models
shown in Figs. 4.3, 4.4, and 4.5. Given are the initial and final mass (in order to
give an impression of the mass loss), as well as the core size after central H-burning
(the He-core) and after central He-burning (the CO-core), and in Table 4.8 also the
metallicity Z and initial rotational surface velocity in km/s. As all burning stages
after He-burning occur on significantly shorter timescales than the earlier burning
phases, the CO-core size is the important quantity in order to determine the final
outcome/fate of the star.

After this general discussion of stellar evolution, as it varies with initial mass,
metallicity and rotation, we now focus on two long-lived isotopes 2°Al and °Fe,
which have important contributions from the earlier burning stages in explosion
ejecta.

Table 4.7 Stellar properties (Limongi and Chieffi, 2006)
MiniMo  Min/Mo  Mue/Mo  Mco/Mg

11 10.56 3.47 1.75
15 13.49 5.29 2.72
20 16.31 7.64 4.35
30 12.91 12.68 8.01
40 12.52 16.49 8.98
60 17.08 25.17 12.62
80 22.62 34.71 17.41

Table 4.8 Stellar properties (Hirschi, 2007)

Mini/Mg zZ Vrot Mn/Mg Mye/Mg Mco/Mg
9 1x107% 500 9.00 1.90 1.34
20 2% 1072 300 8.76 8.66 6.59
20 1x1073 0 19.56 6.58 4.39
20 1x1073 300 17.19 8.32 6.24
20 1x1075 300 19.93 7.90 5.68
20 1x1075 500 19.57 7.85 5.91
20 1x1078% 300  20.00 6.17 5.18
20 1x107% 600 19.59 4.83 4.36
40 1x1078% 700 35.80 13.50 12.80
60 1x107% 800  48.97 25.60 24.00

85 1x 1078 800 19.87 19.90 18.80
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4.3.1.1 26A1

Long-lived 20 Al is produced in core and shell H-burning via the NaMgAl-cycle (see
Chap. 3) in the 2Mg(p, y)?0 Al reaction and will be eventually ejected in the stellar
wind during the WR-phase. Gamma-ray observations of the 1.809 MeV decay line
of 2°Al in systems like the Wolf-Rayet binary system y2 Vel, being the closest
known Wolf-Rayet (WR) star, serve as a constraint to nucleosynthesis in Wolf-Rayet
stars. From observations of the 2 Vel binary system including a WR star, Oberlack
et al. (2000) claimed that such WR stars must emit of the order 6 x 107> M, of 2°Al
by stellar winds. The amount of 2°Al ejected into the interstellar medium is very
sensitive to metallicity, initial stellar mass, rotation and mass loss rate, related to
one or more of the physical effects discussed above. Results of detailed calculations
can be found in Langer et al. (1995); Meynet et al. (1997); Palacios et al. (2005);
Limongi and Chieffi (2006); Tur et al. (2009). Limongi and Chieffi (2006) provide
an extended overview for the contribution from 11 to 120 M, stars. The dominant
source for the 2°Al production during stellar evolution is the 2 Mg(p, y)?°Al reac-
tion. Therefore the resulting abundance depends (i) on this reaction rate converting
25Mg into 2°Al, (ii) on the amount of 25 Mg available, i.e. the total amount of matter
in the NeNaMgAl-cycle (either in terms of the abundance/metallicity or in terms of
the H-core size), and finally (iii) on the amount of 2°Al distruction. In the part of
the He-core (after H-burning) which undergoes He-burning, neutrons are produced
via («, n)-reactions which destroy 20A1 via 26 A1(n, p)26Mg and 2°Al(n, o) Na.
A further question is related to the amount of matter being ejected in winds (i.e. mass
loss) during stellar evolution before 20 Al can decay inside the star via 87 -decay with
a half-life of 7.17 x 10° year.

He-burning, with its neutrons released, is destructive for 20A1, but shell
C-burning is again a source of 20Al, also via 2 Mg(p, )2 Al, which is effective due
to protons released in 12C(12C, p)23N a (see Table 4.2 in Sect. 4.2). Convection in the
C-burning shell brings in fresh '2C fuel and 2Mg which has been also produced in
prior He-burning in the 2>Ne(«, n)>>Mg reaction. 26 Al production may be effective
also in Ne-burning, based on 2Mg left over from C-burning and protons released
via BNa(a, p)*®Mg (see Table 4.4). This °Al only survives if rapidly convected
outwards to lower temperature environments (2 Al may decay rapidly in hot regions
due to thermal population of its short-lived isomeric state; see Fig. 1.3 in Chap. 1).

A fraction of the 6 Al produced during stellar evolution will again be destroyed,
when a shock front is released in a supernova explosion and propagates through
the stellar envelope; in particular, material from C and Ne-burning, being close
to the Fe-core, will be affected. But there are also source processes for explosive
26 Al production. The total yields, hydrostatic-evolution yields combined with the
destruction and contribution from explosive burning, are given in Sect. 4.5.

4.3.1.2 0Fe

%Fe is produced by neutron captures on >°Fe, and destroyed again via
Fe(n, y)°'Fe, i.e. during the s process. Generally, slow capture of neutrons
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released from the *Ne(a, n)>>Mg reaction in core He-burning leads to the so-called
weak s process, producing nuclei up to nuclear mass numbers of around A=90. >°Fe
is beta-unstable, thus in order for neutron capture to compete with this reaction
branching (equating the neutron capture and beta-decay rates) requires a typcial neu-
tron density of about 3x 10'%cm—3. These are relatively high neutron densities for an
s process, which also ensure that the destruction of °°Fe via neutron captures domi-
nates over its decay with its half-life of 2.6 x 10%year (Fig. 7.22 in Chap. 7, Rugel
et al. (2009)). Core He-burning will not provide sufficiently high-temperatures for
the 2*Ne(«, n)>Mg reaction to produce such high neutron densities. It requires
the conditions in shell He-burning to do so. Apparently conditions are most favor-
able during shell He-burning at late evolutionary times when central O-burning has
already active and a C-burning shell is existent as well (see Woosley and Weaver,
1995; Rauscher et al., 2002; Limongi and Chieffi, 2006; Tur et al., 2009). 60pe yields
are very sensitive to uncertainties in He-destruction reactions (such as the 3o-rate
and 12C(ot, V) 16O) which compete with the neutron source reaction 22Ne(a, n)25 Mg
and neutron(-capture) poisons which compete with the production and destruction
rates of ®Fe via neutron captures (Rauscher et al., 2002; Tur et al., 2009; Giron
et al., 2010; Uberseder et al., 2009). Such uncertainties amount to factors of up
to 5 from present rate uncertainties. Another possible effect which has not really
been looked into, yet, is the amount of >’Ne available in He-burning. An important
effect in low metallicity stars is the production of primary'*N (not enherited from
CNO of previous stellar generations, but produced inside the star due to mixing of
He-burning products with H). This causes the production of 2>Ne in He-burning
and can at low metallicities (with small seed abundances of Fe) permit sizable
s processing, affecting again the abundance of °Fe.

4.3.2 Late Burning Stages and the Onset of Core Collapse

Stars more massive than about 8 M will, after finishing core and shell H- and
He-burning, lead to CO-cores which exceed the maximum stable mass of white
dwarfs (the Chandrasekhar mass). For later burning stages, when the partial or
full degeneracy of the electron gas is important, this critical limit Mcp(pYe, T)
decides upon further contraction and the central ignition of subsequent burning
stages, i.e. C-, Ne-, O- and Si-burning. Dependent on the Fermi energy of the
degenerate electron gas, electron capture on the C-burning products 2°Ne and
2*Mg can initiate a collapse, leading directly via nuclear statistical equilibrium
to a central Fe-core. This evolution path occurs for stars in the range 8§-10 Mg
(Nomoto, 1987). More massise stars will proceed through all burning stages until
Si-burning will finally produce an Fe-core. All burning stages after core H- and
He-burning proceed on timescales which are shorter by orders of magnitude.
The reason is that the energy carried away by freely escaping neutrinos domi-
nates over radiation losses by photons which undergo a cascade of scattering pro-
cesses before their final escape. Most of these neutrinos are created when central
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Fig. 4.6 Comparison of the center values of Y, (top left), the iron core sizes (top right) and the
central entropy (bottom) for 11-40 Mg, stars between the WW models and the ones using the shell
model weak interaction rates (LMP) (Heger et al., 2001a). The lower parts define the changes in
the 3 quantities between the LMP and WW models

densities and temperatures permit neutrino production via new particle reac-
tions, different from beta-decay or electron capture on nuclei. Following neu-
trino production reactions are relevant: (i) e~ + e™-pair annihilation (pair neutri-
nos), (ii) electron-photon scattering with neutrino-antineutrino pair creation (photo
neutrinos), and (iii) neutrino-antineutrino pair creation from plasma oscillations
(plasmon neutrinos) Neutrinos dominate the energy loss in stellar evolution from
this point on, and lead to increasingly shorter burning timescales, although the
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photon radiation luminosity of the star remains roughly constant. The timescales for
the individual burning stages are given in Table 4.1 in Sect. 4.2; these values refer to
a 20 Mg star with solar metallicity and no mass loss (Weaver and Woosley, 1993).
Effects of mass loss, rotation and metallicity can change these timescales somewhat
(up to 20%). Due to the large difference in evolution timescales, the dominant mass
loss by stellar winds occurs during H- and He-burning, and the final outcome of
stellar evolution is determined by the CO-core size after He-burning. Therefore,
given all dependencies of stellar evolution via initial metallicities and rotation, the
initial main sequence mass of a star is less indicative for the final outcome than the
size of its CO-core.

In the late phases of O- and Si-burning (discussed in Sect. 4.2), electrons are
moderately to strongly degenerate, dependent on the initial stellar mass, and will be
characterized by increasing Fermi energies. This will allow for electron captures on
burning products, and will make matter more neutron-rich, i.e decrease Y, the elec-
tron or proton to nucleon (neutrons plus protons) ratio. In high density O-burning

(0 > 2 x 107 g/em?) two electron capture reactions become important and lead
to a decrease in Y., 2S(e~, v)3P and PCl((e~, v)*S. Such effects become more
extensive at even higher densities in Si-burning and a large range of nuclei has been
identified to be of major importance 55-68(g S6-09Njj, 53-62pe 53-63\[p 04-T4(Cy,
49-54g. 50-58y 52-39y 49-54Ty T4-80G, T7-80Ge, 835e, 8083 A5, S0-38Y and
57n (Aufderheide et al., 1994). The amount of electron capture and the resulting
Y, has consequences for core sizes. (The core sizes of the late burning stages are
shown in Figs. 4.3 and 4.4). The final size of the inner Fe-core represents the max-
imum mass which can be supported by the pressure of the degenerate electron gas.
It is a function of Y,, but also reflects temperature effects if the electron gas is not
completely degenerate (Bethe, 1990), with S, being the entropy in electrons per
baryon

2
Mcp(Yo, S,) = 1.44(2Y,)2 [1 + (nS; ) :|M@. (4.3)

Stars with masses exceeding roughly 10 Mg reach a point in their evolution
where their Si-burning core (which will turn eventually into their Fe-core) exceeds
this critical mass. At this point they collapse and bounce, if not too massive, to
explode in spectacular core collapse events known as type II or Ib/c supernovae.
These explosions create a neutron star or black hole at the end of the life of a star.
They play a preeminent role in the nucleosynthesis and chemical evolution of a
galaxy.

The collapse is initiated by the capture of degenerate electrons on nuclei, which
reduces the dominant contribution of the pressure (i.e. the one from the degenerate
electron gas). Alternatively, for lower densities and higher temperatures (in more
massive stars), the pressure supporting the core is reduced by endoergic photodis-
integrations of nuclei, reducing the thermal energy. The evolution in the core is
determined by the competition of gravity (that causes the collapse of the core) and
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weak interaction (that determines the rate at which electrons are captured and the
rate at which neutrinos are trapped during the collapse).

The early phases of this final stage of stellar evolution are known as presupernova
evolution. They follow the late-stage stellar evolution, and proceed until core den-
sities of about 10'” g/cm? and temperatures between 5 and 10x 10° K are reached.
Until this point, modeling stellar evolution requires the consideration of extensive
nuclear reaction networks, but is simplified by the fact that neutrinos need only be
treated as a sink of energy and lepton number (due to their immediate escape). At
later time and towards the collapse, this is no longer valid: As the weak interaction
rates increase with the increasing density, the neutrino mean free paths shorten,
so that the neutrinos eventually proceed from phases of free streaming, towards
diffusion, and trapping. An adequate handling of the transitions between these trans-
port regimes necessitates a detailed time- and space-dependent bookkeeping of the
neutrino distributions in the core (see Chap. 8). During collapse, electron capture,
accompanied by v, neutrino emission, dominates over electron antineutrino emis-
sion because the positron abundance is very low under electron-degenerate con-
ditions. Later in the evolution the electron degeneracy is partially lifted, and in
addition to the electron flavor neutrinos, also heavy neutrinos, v, and v; and their
antiparticles, are usually included in numerical simulations of core collapse and
postbounce evolution.

Advantageously, the temperature during the collapse and explosion are high
enough that the matter composition is given by nuclear statistical equilibrium
(NSE), i.e. without the need of reaction networks for the strong and electromagnetic
interactions. The transition from a rather complex global nuclear reaction network,
involving many neutron, proton and alpha fusion reactions and their inverses, to a
quasi-statistical equilibrium, in which reactions are fast enough to bring constrained
regions of the nuclear chart into equilibrium, to final and global nuclear statistical
equilibrium is extensively discussed by Hix and Thielemann (1996, 1999b); Hix
et al. (2007). In the late stages of Si-burning and the early collapse phase, weak
interactions are dominated by electron captures on protons and nuclei. These are
important equally in controling the neutronization of matter Y, and, in a large por-
tion, also the stellar energy loss. Due to their strong energy dependence xx E 2 the
electron capture rates increase rapidly during the collapse while the density and the
temperature increase (the electron Fermi energy Er scales with p%/3, see Sect. 4.2).

The main weak interaction processes during the final evolution of a massive star
are electron capture and f-decays. Their determination requires the calculation of
Fermi and Gamow-Teller (GT) transitions. While the treatment of Fermi transi-
tions (important only for B-decays) is straightforward, a correct description of the
GT transitions is a difficult problem in nuclear structure physics. In astrophysical
environments, nuclei are fully ionized. Therefore, electron capture occurs from the
continuum of the degenerate electron plasma, and energies of the electrons are high
enough to induce transitions to the Gamow-Teller resonance. Shortly after the dis-
covery of this collective excitation, Bethe et al. (1979) recognized its importance for
stellar electron capture. 8~ -decay converts a neutron inside the nucleus into a proton
and emits an electron. In a degenerate electron gas, with fully populated levels up to
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the Fermi energy Er, all decays which would produce electrons with smaller ener-
gies than EF are not possible (blocked). Then, the decay rate of a given nuclear state
is greatly reduced or even completely blocked at high densities. However, there is
another pathway, as high temperatures populate a distribution of nuclear states: If an
excited and thermally populated state of the decaying nucleus is connected by large
GT transition probabilities to low-lying states in the daughter nucleus, producing
electrons above the Fermi energy, such transition path can contribute significantly
to the stellar -decay rates. The importance of these states in the parent nucleus for
B-decay in astrophysical environments was first recognized by Fuller et al. (1980,
1982, 1985).

Recent experimental data on GT distributions in iron group nuclei, measured
in charge exchange reactions, show that the GT strength is strongly quenched
(reduced), compared to the independent-particle-model value, and fragmented over
many states in the daughter nucleus. An accurate understanding of these effects is
essential for a reliable evaluation of the stellar weak-interaction rates, particularly
for the stellar electron-capture rates (Fuller et al., 1980; Langanke and Martinez-
Pinedo, 2000). The nuclear shell-model is the only known tool to reliably describe
GT distributions in nuclei. When comparing the shell-model based rates (by Lan-
ganke and Martinez-Pinedo) with the those from Fuller et al., one finds that the
shell-model based rates are almost always smaller at the relevant temperatures and
densities, caused by the above mentioned quenching of the Gamow-Teller strength,
and by a systematic misplacement of the energy of the Gamow-Teller resonance.

The influence of these shell-model rates on the late-stage evolution of massive
stars has been investigated by Heger et al. (2001a,b), and compared to earlier cal-
culations (Woosley and Weaver, 1995). Figure 4.6 illustrates the consequences of
the shell model weak interaction rates for presupernova models in terms of the
three decisive quantities: the central electron or proton to nucleon ratio Y,, the
entropy, and the iron core mass. The central values of Y, at the onset of core collapse
increased by 0.01-0.015 for the new rates. This is a significant effect. For example,
a change from Y, = 0.43 in the Woosley and Weaver model for a 20 M, star to Y,
= (0.445 in the new models increases the respective Chandrasekhar mass by about
0.075 Mg see Eq. (4.3). The new models also result in lower core entropies for stars
with M < 20 Mg, while for M > 20 Mg, the new models actually have a slightly
larger entropy. The Fe-core masses are generally smaller, where the effect is larger
for more massive stars (M > 20 Mg), while for the most common supernovae
(M < 20 Mg) the reduction is by about 0.05 M, (the Fe-core is here defined as the
mass interior to the point where the composition is dominated by more than 50%
of Fe-group elements with A > 48). This reduction seems opposite to the expected
effect due to slower electron capture rates in the new models. It is, however, related
to changes in the entropy profile during shell Si-burning which reduces the growth
of the iron core just prior to collapse.

The evolution of Y, during the presupernova phase is plotted in Fig. 4.7. Weak
processes become particularly important in reducing Y, below 0.5 after oxygen
depletion (=107 s and 10° s before core collapse for the 15 and 25 M stars, respec-
tively) and Y, begins a decline, which becomes precipitous during Si-burning. Ini-
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tially electron captures occur much more rapidly than beta-decays. As the shell
model rates are generally smaller, the initial reduction of Y, is smaller in the new
models. The temperature in these models is correspondingly larger as less energy
is radiated away by neutrino emission. An important feature of the new models is
shown in the left panel of Fig. 4.7. For times between 10* and 10° s before core
collapse, Y, increases due to the fact that 8-decay becomes competitive with elec-
tron capture after Si-depletion in the core and during shell Si-burning. The presence
of an important S-decay contribution has two effects (Aufderheide et al., 1994).
Obviously it counteracts the reduction of Y, in the core, but also acts as an additional
neutrino source, causing a stronger cooling of the core and a reduction in entropy.
This cooling can be quite efficient, as often the average neutrino energy from the
B-decays involved is larger than for the competing electron captures. As a conse-
quence the new models have significantly lower core temperatures. At later stages
of the collapse B-decay becomes unimportant again as an increased electron Fermi
energy blocks/reduces its role. The shell model weak interaction rates predict the
presupernova evolution to proceed along a temperature-density-Y, trajectory where
the weak processes involve nuclei rather close to stability which will permit to test
these effects in the next-generation radioactive ion-beam facilities.

Figure 4.7 identifies the two most important nuclei (the ones with the largest
value for the product of abundance times rate) for the electron capture during various
stages of the final evolution of 15 and 25 M, stars. An exhaustive list of the most
important nuclei for both electron capture and beta-decay during the final stages of
stellar evolution for stars of different masses is given in Heger et al. (2001b). In total,
the weak interaction processes shift the matter composition to smaller Y, values
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Fig. 4.7 Evolution of the Y, value in the center of a 15 M, star (left panel) and a 25 M, star (right
panel) as a function of time until bounce. The dashed line shows the evolution in the Woosley and
Weaver models (WW) (Woosley and Weaver, 1995), while the solid line shows the results using
the shell-model based weak-interaction rates of Langanke and Martinez-Pinedo (LMP). The two
most important nuclei in the determination of the total electron-capture rate, for the calculations
adopting the shell model rates, are displayed as a function of stellar evolution time
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and hence more neutron-rich nuclei, subsequently affecting the nucleosynthesis. Its
importance for the elemental abundance distribution, however, strongly depends on
the location of the mass cut in the supernova explosion. It is currently assumed that
the remnant will have a larger baryonic mass than the Fe-core, but smaller than the
mass enclosed by the O-shell (Woosley et al., 2002). As the reduction of Y, occurs
mainly during Si-burning, it is essential to determine how much of this material will
be ejected.

4.4 Supernovae from Massive Stars and the Role of Radioactivity

4.4.1 The Explosion Mechanism

Supernova explosions are an application of numerical astrophysical modelling that
has a long tradition. Continued improvements of the models are motivated by the
following points: (i) open questions regarding the explosion mechanism; (ii) avail-
ability of observations for inidividual supernova explosions; (iii) interesting input
physics that tests matter under conditions that are not accessible on earth; (iv) visi-
bility in light and other photon wavelengths, cosmic rays, neutrino emission, decay
gamma-rays of radioactive products, perhaps gravitational wave emission; (v) visi-
bility on cosmological distances with improving statistical information on the events
and (vi) their impact on the interstellar matter (e.g. abundances of metal-poor stars)
and Galactic evolution.

As discussed in the previous sections, the death of massive stars ~8 — 40 Mg,
proceeds through several evolutionary and dynamical phases. At first, the modeling
of a star must include the evolution through all nuclear burning stages until the
resulting inner iron core grows beyond the maximum mass which can be supported
by the dominant pressure of the degenerate electron gas. At this point, the inner
stellar core enters a dynamical phase of gravitational collapse, during which it com-
pactifies by ~5 orders of magnitude. The nuclear saturation density (i.e. the density
of stable nuclei &~ 2 x 10'* g/cm?) is exceeded at the center of the collapse and
a protoneutron star (PNS) is formed. The dynamical time scale reduces from a few
hundreds of milliseconds at the onset of collapse to a few milliseconds after the core
has bounced back at nuclear densities, see Fig. 4.8 from Liebendorfer et al. (2003).

The ensuing accretion phase onto the protoneutron star with fluid instabilities and
radiative transfer phenomena, like the transport of neutrinos, is not well understood.
It may last 0.5-10s and can therefore be interpreted as a second evolutionary stage
(much longer than the dynamical or transport time scale). Eventually it will lead to
the observed vigorous supernova explosion, a dynamic phase where heavy elements
are produced by explosive nucleosynthesis in an outward propagating shock wave.
The processed matter is mixed by fluid instabilities and ejected into the interstellar
medium, where it contributes to Galactic evolution. The remaining PNS at the center
enters another evolutionary phase during which it cools by neutrino emission and
contracts or even collapses to a black hole in a last dynamical phase.
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Fig. 4.8 A sequence of density profiles of a 13 Mg, star before and after core bounce. For such a
relatively low mass supernova with a small Fe-core the bounce occurs at a maximum density of less
than twice nuclear matter density. At the bounce one recognizes the size of the homologous core
(with roughly constant density). Thereafter the emergence of an outward moving density (shock)
wave can be witnessed

While initially such calculations were performed in spherical symmetry and
therefore lacked the consistent treatment of turbulent motion, presently performed
research is done with multidimensional supernova models (Hix et al., 2003;
Liebendorfer et al., 2005; Marek et al., 2005; Burrows et al., 2006a; Sumiyoshi et al.,
2007; Langanke et al., 2008; Marek and Janka, 2009). The main ingredients are
radiation (neutrino) transport, (relativistic) hydrodynamics, and the nuclear equation
of state at such high densities. Recent progress has been made in the exploration of
multidimensional hydrodynamics with idealized input physics. A refreshing view on
the supernova mechanism has recently been suggested by pointing out that in certain
axisymmetric simulations vibrational (so called PNS g-)modes are excited so that
sound waves are emitted into the heating region. These sound waves are postulated
to revive the stalled shock by dissipation of sound energy (Burrows et al., 2006a).
Other efforts explore the role of magnetic fields and rotation in two-dimensional
simulations with simplified input physics. One kind of proof-of-principle models
is carried out in spherically symmetric approaches. The assumption of spherical
symmetry is for many supernovae not compatible with observational constraints.
However, one important advantage of spherically symmetric models is that sophis-
ticated treatments of the neutrino-matter interactions can be included and that the
neutrino spectra and transport are correctly treated in general relativistic space-time.
Models of this kind try to address the question of how many neutrinos are emerging
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from the compactification of an inner stellar core, how is their emission distributed
as a function of time and how do these neutrino fluxes generically affect the cooling,
heating, or nucleosynthesis in the outer layers of the star without the complica-
tion of 3D dynamical fluid instabilities (Liebendorfer et al., 2003, 2004; Fischer
et al., 2009a,b). The attempt to combine all these aspects with forefront methods is
ongoing in order to achieve the final goal of understanding the multi-D explosion
mechanism with up to date microphysics from the equation of state to all neutrino
and nuclear interactions. For a review of the corresponding tools see Chap. 8.

The phase of stellar core collapse has intensively been studied in spherically sym-
metric simulations with neutrino transport. The crucial weak processes during the
collapse and postbounce evolution are v+ (A, Z) <> v+ (A, Z), v+ et o vtet,
pt+te < n+v, (A,Z)+e < A,Z—-—1)+v,, v+ N < v+ N,
n+et o p+v, (A, Z)+et o (A, Z+1D)+v.,v+ (A, Z) < v+ (A, 2),
A2 A Z2)+v+ I, N+ N> N+EN+V+D, 0+ Ve < Vo + Ve,
et +e~ < v+1. Here, a nucleus is symbolized by its mass number A and charge Z,
N denotes either a neutron or a proton and v represents any neutrino or antineutrino.
We note that, according to the generally accepted collapse picture (Bethe, 1990;
Bethe et al., 1979), elastic scattering of neutrinos on nuclei is mainly responsible
for the trapping, as it determines the diffusion time scale of the outwards streaming
neutrinos. Shortly after trapping, the neutrinos are thermalized by energy downscat-
tering, experienced mainly in inelastic scattering off electrons. The relevant cross
sections for these processes are discussed in Martinez-Pinedo et al. (2006). The
basic neutrino opacity in core collapse is provided by neutrino scattering off nucle-
ons. Depending on the distribution of the nucleons in space and the wavelength
of the neutrinos, various important coherence effects can occur: Most important
during collapse is the binding of nucleons into nuclei with a density contrast of
several orders of magnitude to the surrounding nucleon gas. Coherent scattering off
nuclei dominates the scattering opacity of neutrinos (and scales with A%). Moreover,
these neutrino opacities should be corrected by an ion-ion correlation function, this
occurs if the neutrino wavelength is comparable to the distances of scattering nuclei
and quantum mechanical intererence effects appear (Sawyer, 2005; Burrows et al.,
2006b). Even if current core collapse models include a full ensemble of nuclei in
place of the traditional apprach with one representative heavy nucleus, it remains
non-trivial to adequately determine correlation effects in the ion mixture. Depending
on the Q-value of an electron-capturing nucleus, neutrinos are emitted with a high
energy of the order of the electron chemical potential/Fermi energy. As the neutrino
opacities scale with the squared neutrino energy, the initially trapped neutrinos will
downscatter to lower energies until the diffusion time scale becomes comparable to
the thermalization time scale. The thermalization in current collapse models occurs
through neutrino-electron scattering because the energy transfer per collision with
the light electron is more efficient than with the heavier nucleons. The contribution
of inelastic scattering of neutrinos off heavy nuclei depends on the individual nuclei
and affects only the high-energy tail of the neutrino spectrum.

Goldreich and Weber (1980) have shown that only the inner Mcp(Y,) (see the
definition in Eq. (4.3)) undergo a homologous collapse (vcoltapse () o 1), while at
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the edge of this core the velocity becomes supersonic and a fraction of the free-fall
velocity. The inner core, falling at subsonic velocities where matter can communi-
cate with sound speed, cannot communicate with the free-falling envelope. After
the neutrinos are trapped, electron captures and neutrino captures are in equilibrium
(e” + p < n 4+ v,) and the total lepton fraction ¥Y; = Y, + Y, stays constant.
Y, stops to decrease and My, stops shrinking. Typical values with the most recent
electron capture rates (Langanke et al., 2003) of Y7 ~ 0.3 are found in numeri-
cal collapse calculations (Hix et al., 2003; Marek et al., 2005) which correspond
to Mcp =~ 0.5Mg. As soon as nuclear densities are reached at the center of the
collapsing core, repulsive nuclear forces dominate the pressure in the equation of
state. The collapse comes to a halt and matter bounces back to launch an outgoing
pressure wave through the core. It travels through the subsonic inner core and steep-
ens to a shock wave as soon as it faces supersonic infall velocities. Hence the matter
in the PNS remains at low entropy ~ 1.4 kp per baryon while the supersonically
accreting layers become shock-heated and dissociated at entropies larger than ~ 6
kp per baryon. Numerical simulations based on standard input physics and accurate
neutrino transport exclude the possibility that the kinetic energy of the hydrody-
namical bounce at nuclear densities drives a prompt supernova explosion because
of dissociation and neutrino losses.

This can be seen in Fig. 4.8 presenting spherically symmetric calculations of
a 13Mg star. The inner core contains about 0.6 M of the initial Fe-core. The
transition to free nucleons occurred only in this inner, homologous core and the
outward moving shock runs through material consisting of Fe-group nuclei. The
dissociation takes 8.7 MeV/nucleon or 8 x 10'8erg/g. Based on initial shock energies
of (4 — 8) x 10°erg, this is sufficient for passing through 0.25-0.5 My, and leads
in essentially all cases to a stalling of the prompt shock. Only recently a possible
exception was found (Sagert et al., 2009). If a hadron-quark phase transition occurs
in the collapsed core at the appropriate time, releasing additional gravitational bind-
ing energy in the form of neutrinos from this second collapse, prompt explosions
can be attained.

While the core collapse determines the state of the cold nuclear matter inside the
PNS, the mass of the hot mantle around the PNS grows by continued accretion. The
infalling matter is heated and dissociated by the impact at the accretion front and
continues to drift inward. At first, it can still increase its entropy by the absorption
of a small fraction of outstreaming neutrinos (heating region). Further in, where
the matter settles on the surface of the PNS, neutrino emission dominates absorp-
tion and the electron fraction and entropy decrease significantly (cooling region).
The tight non-local feedback between the accretion rate and the luminosity is well
captured in computer simulations in spherical symmetry that accurately solve the
Boltzmann neutrino transport equation for the three neutrino flavors. All progeni-
tor stars between main sequence masses of 13 and 40 My showed no explosions
in simulations of the postbounce evolution phase (Liebendorfer et al., 2003). This
indicates that the neutrino flux from the PNS does not have the fundamental strength
to blow off the surrounding layers for a vigorous explosion.

Improved electron capture rates on heavy nuclei overcame the idealized blocking
of Gamow-Teller transitions in the traditionally applied single-particle model. In the
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single-particle picture of nuclei the so-called pf-shell is filled for Z = 40 or N = 40
for protons or neutrons respectively. Neutron numbers beyond N = 40 require a
filling of the gd-orbits. If during core collapse nuclei (Y,) become so neutron-rich
that nuclei with Z < 40 and N > 40 dominate the NSE composition, electron
capture would require the conversion of an fp proton to a gd neutron as all pf
neutron orbits are filled. This Pauli-blocked transition would lead to the dominance
of electron capture on free protons rather than nuclei and under such conditions.
The recent finding, that configuration mixing and finite temperature effects result in
unfilled pf neutron orbits, removes this Pauli-blocking and results in the fact that
under these condition electron capture rates on nuclei dominate those on free protons
(Langanke et al., 2003). Thus, there are two effects due to the new set of electron
capture rates: (1) at low densities for less neutron-rich nuclei the total amount of
electron capture is reduced with an improved description of Gamow-Teller transi-
tions (see the discussion of the early collapse phase in Sect. 4.3), (2) at high densities
in the late collapse phase the total amount of electron capture is enhanced, leading
to smaller Y, and Y, values than before. Such changes caused a reduction of homol-
ogous core sizes down to Mcy, = 0.5 Mg (see discussion above and Hix et al.
(2003)). This faster deleptonization in the collapse phase in comparison to captures
on free protons alone thus resulted in a 20% smaller inner core at bounce.

Taking all this improved physics into acount leads in the entire simulations
(i.e. all mass zones invoved) to conditions in densities p, electron abundance Y,
and entropy s per baryon, where properties like the equation of state or other
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Fig. 4.9 Overview of the conditions attained in a simulation of the collapse, bounce, and explosion
(artificially induced) of a 20 M star. Shown are two histograms of the occurrence of conditions
as a function of density p, specific entropy s and electron fraction Y,. The shading of a given bin
corresponds to log;( f dmdt) in arbitrary units, where the integral over mass is performed over
the mass dm of matter whose thermodynamic state at a given time falls into the bin. The integral
over time extends over the duration of a simulation. Hence, regions of dark shading correspond to
states that are experienced by considerable mass for an extended time, while light or absent shading
corresponds to conditions that are rarely assumed in the supernova simulation. The vertical black
line indicates the nuclear density. The horizontal black line indicates an entropy of 3 kpg/baryon
beyond which ions are dissociated. It clearly separates the conditions of cold infalling matter on
the lower branch from the conditions of hot shocked matter on the upper branch
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microscopic physics are needed in current supernova simulations. Figure 4.9 pro-
vides this information for a simulation of a 20 M, star (Liebendorfer et al., 2009).

Moreover, a comparison of the effects of the only two publicly available equa-
tions of state by Lattimer and Swesty (1991) and Shen et al. (1998a,b) is required.
In simulations of massive progenitors that do not explode and exceed the maximum
stable mass of the accreting neutron star in the postbounce phase, it was demon-
strated that the neutrino signal changes dramatically when the PNS collapses to a
black hole (Fischer et al., 2009b). Depending on the stiffness of the equation of
state or the accretion rate from the external layers of the progenitor star, this can
happen at very different time after bounce. Hence, the neutrino signal carries a clear
imprint of the stiffness of the equation of state and the accretion rate to the observer
of neutrinos.

The detailed treatment of the neutrino transport and interactions is of great impor-
tance for the nucleosynthesis. This has been shown in several recent studies (Froh-
lich et al., 2006a,b; Pruet et al., 2005, 2006; Wanajo, 2006). This also opens an
opportunity to investigate neutrino flavor oscillations among electron, muon and tau
neutrinos. On the one hand, long term explosion runs achieve (low) density struc-
tures that allow for MSW (Mikheyev-Smirnov-Wolfenstein effect) neutrino flavor
oscillations in the outer layers (Wolfenstein, 1978; Mikheyev and Smirnov, 1985).
These may give additional hints on the expansion velocity and density distribution
in case that the neutrinos can be observed from a near-by supernova. On the other
hand, collective flavor transitions have recently been postulated in regions where the
neutrino density exceeds the electron density (Duan et al., 2006, 2007; Fogli et al.,
2007). This condition will be achieved in the evacuated zone that surrounds the PNS
after the onset of an explosion. The impact of these collective neutrino flavor oscil-
lations on the neutrino heating during the shock expansion, the neutrino wind, and
the nucleosynthesis are important open points that require a detailed investigation
under consideration of accurate neutrino transport and spectra.

The difficulty to reproduce explosions in spherically symmetric models of core-
collapse and postbounce evolution stimulated the consideration of numerous modifi-
cations and alternatives to this basic scenario, mostly relying on multi-dimensional
effects that could not be treated in spherical symmetry. It was discussed whether
convection inside the PNS could accelerate the deleptonization and increase the
neutrino luminosity (Wilson and Mayle, 1993). The convective overturn between
the PNS and shock front was shown to increase the efficiency of neutrino energy
deposition (Herant et al., 1994). Asymmetric instabilities of the standing accretion
shock (Blondin et al, 2003; Foglizzo, 2009) may help to push the shock to larger
radii and g-mode oscillations of the PNS may contribute to neutrino heating by the
dissipation of sound waves between the PNS and the shock (Burrows et al., 2006a).
Moreover, it has been suggested that magnetic fields have an impact on the explosion
mechanism (Kotake et al., 2006). Most of the above-mentioned modifications of
the explosion mechanism are essentially of a three-dimensional nature. In order to
illustrate the complexity of the crucial accretion phase we show in Fig. 4.10 a slice
through a three-dimensional simulation of core-collapse and postbounce evolution
of arecent run (Liebendorfer et al., 2008). Its input physics uses the Lattimer-Swesty
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Fig. 4.10 Illustration of the early accretion phase in a three-dimensional simulation with a resolu-
tion of 6003 zones and the isototropic diffusion source approximation for 3D neutrino transport
(Liebendorfer et al., 2009). Shown are density contours as black lines for a 15Mg star from
Woosley and Weaver (1995). Left: The color indicates the specific entropy and the cones the
direction of the velocity. Right: The color refers to the magnetic field strength and the cones to
its direction. The cool high-density interior of the PNS and the hot low-density accreted matter
behind the standing accretion front are clearly distinguishable

equation of state (Lattimer and Swesty, 1991) and a parameterization of the neutrino
physics for the collapse phase (Liebendorfer et al., 2005). The treatment of neutrino
cooling and heating in the postbounce phase is based on multi-group diffusion (the
isotropic diffusion source approximation of Liebenddtfer et al. (2009)).

Initially, spherically symmetric supernova models were the most realistic among
all feasible computer representations of the event. With increasing observational
evidence for the complexity of the explosions (Hamuy, 2003) their primary purpose
shifted from a realistic representation to the identification and understanding of the
basic principles of the explosion mechanism. After the emergence of axisymmet-
ric simulations with sophisticated and computationally intensive spectral neutrino
transport (Buras et al., 2003; Walder et al., 2005) spherically symmetric models
still have several assets. In the following subsection we will first describe purely
phenomenological calculations based on artificially induced explosions via a piston
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or energy deposition in terms of a thermal bomb, purely in order to discuss nucle-
osynthesis effects. We will then also discuss still artificial explosions in spherical
symmetry, however resulting from a self-consistent treatment including neutrino
transport, which permits to analyse the effect of neutrinos on the nucleosynthesis
of the innermost ejecta.

4.4.2 Nucleosynthesis in Explosions

4.4.2.1 Major Explosive Burning Processes

Despite considerable improvements of stellar models and numerical simulations in
recent years, some fundamental problems remain in nucleosynthesis predictions. It
has become evident that certain evolution aspects can only be followed in models
going beyond one-dimensional simulations, such as convection, rotation, and the
explosion mechanism. However, it is still not feasible to directly couple full reaction
networks, containing several thousand nuclei, to multi-dimensional hydrodynamic
calculations due to the lack of required computing power, even in modern com-
puters. Thus, postprocessing after explosion models with parameterized networks
still remains an important approach. One-dimensional models can directly accom-
modate increasingly larger networks but they cannot capture all of the necessary
physics. As outlined in the previous subsection, it has become apparent that a self-
consistent treatment of core collapse supernovae in 1D does not lead to successful
explosions when using presently known input physics while 2D models show some
promise. There are strong indications that the delayed neutrino mechanism works
combined with a multi-D convection treatment for unstable layers (possibly with
the aid of rotation, magnetic fields and/or still existent uncertainties in neutrino
opacities). Therefore, hybrid approaches using certain parameterizations or approxi-
mations have been and are still necessary when predicting the nucleosynthetic yields
required for the application described above.

Supernova nucleosynthesis predictions have a long tradition. All of these predic-
tions relied on an artificially introduced explosion, either via a piston or a thermal
bomb introduced into the progenitor star model. The mass cut between the ejecta and
the remnant does not emerge from this kind of simulations but has to be determined
from additional conditions. While the usage of artificially introduced explosions is
justifiable for the outer stellar layers, provided we know the correct explosion energy
to be dumped into the shock front (on the order of 10°! erg seen in observations), it
clearly is incorrect for the innermost ejected layers which should be directly related
to the physical processes causing the explosion. This affects the Fe-group compo-
sition, which has been recognized as a clear problem by many groups (Woosley
and Weaver, 1995; Thielemann et al., 1990, 1996; Nakamura et al., 1999, 2001;
Nomoto et al., 2006). The problem is also linked to the so-called neutrino wind,
emitted seconds after the supernova explosion, and considered as a possible source
of the r process to produce the heaviest elements via neutron captures (Qian and
Woosley, 1996), as will be discussed below.
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Given the above detailed discussion of the physics, problems and options regard-
ing core collapse supernovae, we will adopt the following approach in order to
predict the most reliable nucleosynthesis predictions for the ejecta in a 1D spher-
ically symmetric treatment. The multiplication of neutrino capture cross sections on
nucleons with a free parameter in 1D spherically symmetric calculations can mimic
the enhanced energy deposition which multi-D models show. The free parameter is
tuned to give correct explosion energies and °Ni yields for a number of well known
supernovae. This approach provides clear predictions for the mass cut between the
remaining neutron star and the ejecta. It also includes the effect neutrinos can have
on the correct Y, in the ejecta and the related nucleosynthesis. In the outer explo-
sively burning layers, essentially only the energy in the shock front matters. The
behavior of these zones can be easily understood from the maximum temperatures
attained in the radiation bubble and for a first discussion we will just focus on
these features, which can also be obtained with an artifically induced thermal bomb
treatment.

For a given/known Y, and density p, the most significant parameter in explosive
nucleosynthesis is the temperature, and a good prediction for the composition can
already be made by only knowing T,x, without having to perform complex nucle-
osynthesis calculations. Weaver and Woosley (1980) already recognized, that matter
behind the shock front is strongly radiation dominated. Assuming an almost homo-
geneous density and temperature distribution behind the shock (which is approx-
imately correct), one can equate the supernove energy with the radiation energy
inside the radius r of the shock front

4w 5 4
Egy = Tr aT™(r). 4.4)

This equation can be solved for r. With T = 5 x 10° K, the lower bound for
explosive Si-burning with complete Si-exhaustion, and an induced thermal bomb
energy of Egy = 10°'erg, the result is » ~ 3,700 km. For the evolutionary mo-
del by Nomoto and Hashimoto (1988) of a 20 M, star this radius corresponds to
1.7 Mg, in excellent agreement with the exact hydrodynamic calculation. Tempera-
tures which characterize the edge of the other explosive burning zones correspond
to the following radii: incomplete Si-burning (79 = 4, r = 4,980km), explosive
O-burning (3.3, 6,430), and explosive Ne/C-burning (2.1, 11,750). This relates to
masses of 1.75, 1.81, and 2.05 Mg in case of the 20 Mg star. The radii mentioned
are model independent and vary only with the supernova energy. In the following we
present a number of plots which show the different mass fractions X; = A;Y; asa
function of radial mass M (r)/Mg, passing outwards through a 20 M, star through
all explosive burning regions.

Matter between the mass cut M (r)=M,y and the mass enclosed in the radius
corresponding to explosive Si-burning with complete Si-exhaustion is indicated with
M (ex Si-c). Then follows the zone of incomplete Si-burning until M (ex Si-i), explo-
sive O-burning until M (ex O), explosive Ne/C-burning until M(ex Ne), and unpro-
cessed matter from the C/Ne-core is ejected until M(C-core). The zones beyond
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explosive Ne/C-burning (Tax < 2.1 % 10° K) are essentially unaltered and the
composition is almost identical to the pre-explosive one. When performing such
calculations for a variety of progenitors over a range of initial stellar masses, one
can analyze the dependence of the mass involved in these different burning regimes
as a function initial stellar mass (see Sect. 4.5).

Results for a 20 M star (Nomoto and Hashimoto, 1988) are given as examples
for the abundance behavior in a series of Figs. 4.11,4.12, 4.13, and 4.14. It should be
mentioned here that this still uses a simplified thermal bomb treatment for the pre-
collapse model rather than the results from a 1D spherically symmetric simulation
with enhanced neutrino capture rates, which insures an explosion also in 1D. The
explosion energy used corresponds to a supernova energy of 107'erg. As mentioned
before, this treatment cannot predict a self-consistent explosion and the position
of the mass cut between neutron star and ejecta. Only the observation of 0.07 £
0.01 Mg, of ®Ni in SN1987A (a 20 M, star) gives an important constraint, because
6Ni is produced in the innermost ejected zones. The explosive nucleosynthesis due
to burning in the shock front is shown in Fig. 4.11 for a few major nuclei. Inside
1.7 Mg all Fe-group nuclei are produced in explosive Si-burning during the SN II
event. At 1.63My Y, changes from 0.494 to 0.499 and leads to a smaller “°Ni
abundance further inside, where more neutron-rich Ni-isotopes share the abundance
with °Ni. This is an artifact of the Y, gradient in the pre-collapse model which can
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Fig. 4.11 Mass fractions of a few major nuclei after passage of the supernova shockfront through
a star with an intial mass of 20 Mg. Matter outside 2 Mg is essentially unaltered. Mass zones
further in experience explosive Si, O, Ne, and C-burning. For ejecting 0.07 Mg of S6Ni the mass
cut between neutron star and ejecta is required to be located at 1.6 M
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Fig. 4.12 Mass fractions of the dominant nuclei in zones which experience alpha-rich freeze-out.
Notice the relatively large amounts of Zn and Cu nuclei, which originate from alpha-captures on
Ni and Co. One can recognize their strong decrease beyond 1.66 M, which goes parallel with
the decrease of the *He-abundance and other alpha-nuclei like 40Ca, 44T1i, 8Cr, and 52Fe. Nuclei
which would dominate in a nuclear statistical equilibrium like >%-57-38Ni stay constant or increase
even slightly. The increase of all nuclei with N = Z at 1.63 M and the decrease of nuclei with
N>Z is due to the change in Y, in the original stellar model before collapse (see also Fig. 4.11)

be changed in a consistent explosion treatment via neutrino interactions with this
matter.

In explosive Si-burning only alpha-rich freeze-out and incomplete Si-burning
are encountered. Contrary to SNe Ia, densities in excess of 108 g/cm3, which would
result in a normal freeze-out, are not attained in the ejecta of this 20 M, star (see
also Fig. 4.2). The most abundant nucleus in the alpha-rich freeze-out is S®Ni. For
the less abundant nuclei the final alpha-capture plays a dominant role transforming
nuclei like Y°Ni, 'Ni, and 8Ni into °Zn, ©!Zn, and ©2Zn (see Fig. 4.12).

The region which experiences imcomplete Si-burning starts at 1.69 My and
extends out to 1.74 M. In the innermost zones with temperatures close to 4 x 10° K
there exists still a contamination by the Fe-group nuclei *Fe, °Ni, 32Fe, ¥Ni,
33Co, and *’Ni. Explosive O-burning occurs in the mass zones up to 1.8 Mg (see
Fig. 4.13). The main burning products are 288,328, 36Ar, 40Ca, 38Ar, and 34S. With
mass fractions less than 1072 also 38, 39K, 33Cl, #2Ca, and 37 Ar are produced.
Explosive Ne-burning leads to an '®0-enhancement over its hydrostatic value in the
mass zones up to 2 Mg, (see Fig. 4.14).



4 Massive Stars and Their Supernovae 191

mass fraction

o

Fig. 4.13 Mass fractions of nuclei in the zones of incomplete Si-burning M<1.74 M and explo-
sive O-burning M<1.8 M. The Si-burning zones are are characterized by important quantities of
Fe-group nuclei besides 23Si, 328, 3 Ar, and “°Ca. Explosive O-burning produces mostly the latter,
together with more neutron-rich nuclei like 3OSi, 345 B Aretc
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Fig. 4.14 Composition in mass zones of explosive Ne and C-burning. The dominant products
are 160, 24Mg, and 28Si. Besides the major abundances, mentioned above, explosive Ne-burning
supplies also substantial amounts of 27 Al, 2Si, 328, 39Si, and 3'P. Explosive C-burning contributes
in addition the nuclei 2°Ne, 2°Na, 24Mg, 25Mg, and 26Mg
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4.4.2.2 Explosive Burning Off Stability
The p Process

Up to now we discussed the production of heavy nuclei beyond the Fe-group only
via slow neutron captures (the s process) in hydrostatic stellar evolution. A number
of proton-rich (p-)isotopes of naturally occurring stable heavy nuclei cannot be pro-
duced by neutron captures along the line of stability. The currently most favored
production mechanism for those 35 p-isotopes between Se and Hg is photodis-
integration (y process) of intermediate and heavy elements at high temperatures
in late (explosive) evolution stages of massive stars (Woosley and Howard, 1978;
Rayet et al., 1990). However, not all p-nuclides can be produced satisfactorily,
yet. A well-known deficiency in the model is the underproduction of the Mo-Ru
region, but the region 151 <A<167 is also underproduced, even in recent calcula-
tions (Rauscher et al., 2002; Arnould and Goriely, 2003; Rapp et al., 2006; Dillmann
et al., 2008). There exist deficiencies in astrophysical modeling and the employed
nuclear physics. Recent investigations have shown that there are still considerable
uncertainties in the description of nuclear properties governing the relevant photo-
disintegration rates. This has triggered a number of experimental efforts to directly
or indirectly determine reaction rates and nuclear properties for the p/y process
(Rauscher, 2006). Here it is important to investigate the sensitivity of the location
of the y-process path with respect to reaction rate uncertainties.

Concerning the astrophysical modeling, only a range of temperatures has to be
considered which are related to the explosive Ne/O-burning zones of a supernova
explosion (see Figs. 4.13 and 4.14), where partial (but not complete) photodisinte-
gration of pre-existing nuclei occurs (from prior hydrostatic evolution or inherited
metallicity), i.e. at 2 — 3x 10° K. The y process starts with the photodisintegration
of stable seed nuclei that are present in the stellar plasma. During the photodisin-
tegration period, neutron, proton, and alpha-emission channels compete with each
other and with beta-decays further away from stability. In general, the process, act-
ing like “spallation” of pre-existing nucei, commences with a sequence of (y, n)-
reactions and moves the abundances to the proton-rich side. At some point in a chain
of isotopes, (v, p) and/or (y, o)-reactions become faster than neutron emissions,
and the flow branches and feeds other isotopic chains. At late times photodisintegra-
tions become less effective, when decreasing temperatures shift the branching points
and make beta-decays more important. Finally the remaining unstable nuclei decay
back to stability. The branchings established by the dominance of proton and/or
alpha-emission over neutron emission are crucial in determining the radioactive pro-
genitors of the stable p-nuclei and depend on the ratios of the involved reaction rates.
Numerous experimental and theoretical efforts have been undertaken to improve
the reaction input, especially with respect to open questions in optical potentials
for alpha particles and protons (Gyiirky et al., 2006; Kiss et al., 2007, 2008; Yal¢in
et al., 2009).

Applications of p-process network calculations to the temperature profiles of ini-
tiated explosions have been performed by Rayet et al. (1995); Rapp et al. (2006);
Dillmann et al. (2008). Here, in Fig. 4.15 we present the results of a 25 Mg mass
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Fig. 4.15 Normalized overproduction factors of p-process nuclei derived with the Rapp et al.
(2006) (open squares) and Dillmann et al. (2008) (full squares) reaction library. In addition, the
results from a range of stellar models (10-25 M) from Rayet et al. (1995) are given for compari-
son. A value equal to unity corresponds to relative solar abundances

model (Dillmann et al., 2008) with two reaction rate libraries without and with
inclusion of all experimental improvements, existing at that point. It is noticed that
the nuclear uncertainties cannot change the underproduction of especially the light
p-nuclei. Another process seems to be required to supply these missing abundances.

The vp Process

Neutron-deficient nuclei can also be produced by two other astrophysical nucle-
osynthesis processes: the rp process in X-ray bursts (which, however, does not eject
matter into the interstellar medium (Wallace and Woosley, 1981; Schatz et al., 1998;
Fisker et al., 2008) and the recently discovered vp process in core collapse super-
novae (Frohlich et al., 2006a,b; Pruet et al., 2006; Wanajo, 2006). The vp process
occurs in explosive environments when proton-rich matter is ejected under the influ-
ence of strong neutrino fluxes. This includes the innermost ejecta of core-collapse
supernova (Buras et al., 2006; Thompson et al., 2005; Liebendorfer et al., 2008) and
possible ejecta from black hole accretion disks in the collapsar model of gamma-ray
bursts (Surman et al., 2006). The discussion of these innermost ejected mass zones
has been skipped above, when discussing the results for explosive nucleosynthesis
in a 20 Mg star, utilizing a thermal bomb and the pre-collapse stellar conditions
with the corresponding Y,. Here, as discussed in the beginning of this subsection,
we have boosted the energy deposition efficiencies by enhancing the neutrino and
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Fig. 4.16 Y, of the innermost ejecta due to neutrino interactions with matter. At high temperatures
electrons are not degenerate, thus the reduction of Y, due to electron captures is ineffective. For
similar neutrino and antineutrino spectra the neutron-proton mass difference favors v, + n <
p+e overv,+p<n+et

anti-neutrino captures on neutrons and protons in a 1D simulation. While this is not
a fully self-consistant treatment, no external (artificial) energy is required to produce
a successful explosion with a consistently emerging mass cut between neutron star
and ejecta. Moreover, this treatment provides a Y, that is consistently determined by
all weak interactions processes. The result is that explosions are obtained and the
neutrino interaction with matter leads to a ¥, enhanced beyond 0.5 (see Fig. 4.16)
which overcomes nucleosynthesis problems for the Fe-group encountered previ-
ously.

The matter in these ejecta is heated to temperatures well above 10'°K and
becomes fully dissociated into protons and neutrons. The ratio of protons to neu-
trons is mainly determined by neutrino and antineutrino absorptions on neutrons
and protons, respectively. Similar neutrino and antineutrino energy spectra and
fluxes produce proton-dominated matter in the reactions v, +n < p + e~ and
V. + p < n + et due to the n-p mass difference. When the matter expands and
cools, the free neutrons and protons combine into «-particles. Later, at temperatures
around 5x10° K, alpha-particles assemble into heavier nuclei via unstable inter-
mediate nuclei, e.g. the triple-o reaction via unstable 8Be, but — depending on the
entropy and the expansion of matter — only a fraction of those form iron-group nuclei
(alpha-rich freeze-out). In case of a proton-rich environment, there are also still free
protons available at the time of the alpha freeze-out. Once the temperature drops
to about 2x 10° K, the composition of the ejecta consists mostly of “*He, protons,
and iron group nuclei with N~Z (mainly °Ni) in order of decreasing abundance.
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Without neutrinos, synthesis of nuclei beyond the iron peak becomes very inefficient
due to bottleneck (mainly even-even N = Z) nuclei with long beta-decay half-lives
and small proton-capture cross sections. Such a nucleus is **Ge. Thus, with the Y,
determined by neutrino interactions with free neutrons and protons in the early very
hot phase of dissociated nuclei, the nucleosynthesis leads to an alpha- and proton-
rich freeze-out which does not stop at >°Ni but continues up to **Ge (which later
decays to ®*Zn). This part of the story enables core collapse yields which produce
Fe-group nuclei up to essentially %Zn. The effect is seen in the bottom portion Fig.
4.17.

However, the matter is subject to a large neutrino/antineutrino flux from the
proto-neutron star. While neutrons are bound in neutron-deficient N = Z nuclei
and neutrino captures on these nuclei are negligible due to energetics, antineutrinos
are readily captured both on free protons and on heavy nuclei on a timescale of a
few seconds. As protons are more abundant than heavy nuclei, antineutrino captures
occur predominantly on protons, leading to residual neutron densities of 10'4-101
em~3 for several seconds. These neutrons are easily captured by heavy neutron-
deficient nuclei, for example 4 Ge, inducing (n, p) reactions with time scales much
shorter than the beta-decay half-life. This permits further proton captures and allows
the nucleosynthesis flow to continue to heavier nuclei (see upper part of Fig. 4.17).
The vp process (Frohlich et al., 2006b) is this sequence of (p, y)-reactions, followed
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Fig. 4.17 Final abundances in mass zones in the innermost ejecta which experienced neutrino
irradiation, leading to proton-rich conditions (Y, > 0.5). The bottom part of the figure shows
the neucleosynthesis results in the innermost ejecta of explosive, after alpha-rich and proton-rich
freeze-out from Si-burning, normalized to solar after decay. The fop part of the figure also includes
the interaction of anti-electron neutrinos with protons (v, + p — n-e™) which produces neutrons,
permitting the late change of %*Ge via ®Ge(n, p)®*Ga. This feature permits further proton captures
to produce havier nuclei (the so-called vp process). Here matter up to A = 85 is produced
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Fig. 4.18 Final abundances in mass zones experiencing the vp process, i.e. the innermost ejecta
of explosive, alpha-rich freeze-out Si-burning, normalized to solar after decay for two sets of ther-
monuclear reaction rates/masses. Matter up to A = 100 can be produced easily

by (n, p)-reactions or beta-decays, where the neutrons are supplied by antineutrino
captures on free protons.

In Fig. 4.18 we also show vp-process nucleosynthesis results from the innermost
early neutrino wind ejecta evaporating from the neutron star surface after the onset
of the explosion of a 15 Mg star (Janka et al., 2003), also utilized in (Pruet et al.,
2006; Fisker et al., 2009), which synthesizes efficiently nuclei even for A > 90.
Two sets of astrophysical reaction rates were used in the reaction network, both
based on theoretical rates from the NON-SMOKER code (Rauscher and Thiele-
mann, 2000, 2004), but once with the latest excited state information and masses
from the AME2003 compilation (Audi et al., 2003) and another set also with the
latest mass measurements (Weber et al., 2008). Figure 4.18 shows the final abun-
dances normalized to solar abundances after decay to stability for these two sets of
thermonuclear reaction rates. Only nuclei produced in the p-rich ejecta are shown.
As is clearly seen, there is no difference in the yields for the two different sets of
rates except for a few nuclei in the mass range 85 < A < 95, namely 37-835r, 39y,
and °*-°1Zr. This can be directly traced back to the large change in the mass of 88Tc
(AM = —1031keV). This change in mass leads to an increase in the reaction rate
for 8Tc(y, p)8’Mo at the relevant temperatures and therefore a relative suppression
of the opposite capture rate. These results show that the vp process can easily pro-
duce the light p-nuclei of Mo and Ru, which are deficient in p-process calculations.
Further processing depends on the expansion (speed) of matter and the overlying
mass of ejecta.

The r Process

A rapid neutron-capture process (r process) in an explosive environment is tra-
ditionally believed to be responsible for the nucleosynthesis of about half of the
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Fig. 4.19 High entropy neutrino wind results for the mass model by Duflo and Zuker (1995),
expansion parameters and proton/nucleon ratio Y, as given in the label, for a variation in extropies
per baryon and kg (Farougqi et al., 2010)

heavy elements above Fe. While in recent years the (late) high entropy (neutrino)
wind (HEW) of core-collapse supernovae has been considered to be one of the most
promising sites, hydrodynamical simulations still encounter difficulties to repro-
duce the astrophysical conditions under which this process occurs. The classical
waiting-point approximation, with the basic assumptions of an Fe-group seed, an
(n, y) — (y, n)-equilibrium for constant neutron densities 7, at a chosen tempera-
ture T', over a process duration 7, and an instantaneous freezeout, has helped to gain
improved insight into the systematics of an r process in terms of its dependence
on nuclear-physics input and astrophysical conditions (Cowan et al., 1991; Kratz
etal., 1993, 2007) as well as the formation of long-lived actinides. This corresponds
to a set of quasi-equilibria with each QSE group being represented by an isotopic
chain. Taking a specific seed nucleus, the solar r-process pattern peaks can be repro-
duced by a variation/superposition of neutron number densities n, and durations t.
Whether the solar r-process abundances are fully reproduced in each astrophysical
event, i.e., whether each such event encounters the full superposition of conditions
required, is a matter of debate (Wasserburg et al., 1996; Pfeiffer et al., 2001; Sneden
et al., 2003; Honda et al., 2006; Qian and Wasserburg, 2007; Farougqi et al., 2009,
2010). In realistic astrophysical environments with time variations in n, and T, it
has to be investigated whether at all and for which time duration t the supposed
(n, y) — (y, n)-equilibrium of the classical approach will hold and how freeze-out
effects change this behavior. In general, late neutron captures may alter the final
abundance distribution. In this case neutron capture reactions will be important.
Also B-delayed neutrons can play a role in forming and displacing the peaks after
freeze-out.

For many years since Woosley et al. (1994); Takahashi et al. (1994); Qian and
Woosley (1996) the high entropy wind has been considered as the most promis-
ing (realistic?) environment, expelled from newly formed (hot) neutron stars in
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core-collapse supernovae, which continue to release neutrinos after the supernova
shock wave is launched. These neutrinos interact with matter of the outermost proto-
neutron star layers which are heated and ejected in a continuous wind. The late neu-
trino flux also leads to moderately neutron-rich matter (Qian and Woosley, 1996)
via interactions with neutrons and protons and causes matter ejection with high
entropies. (However, there are recent studies (Fischer et al., 2009a) from collapse
calculations which predict a proton-rich wind composition for more than the first
10s after collapse.) Problems were encountered to attain entropies sufficiently high
in order to obtain high neutron/seed ratios which can produce the heaviest r-process
nuclei (Thompson et al., 2001; Wanajo et al., 2001; Terasawa et al., 2002). Recent
hydrodynamic simulations for core-collapse supernovae support the idea that these
entropy constraints can be fulfilled in the late phase (after the initial explosion) when
a reverse shock is forming (Fryer et al., 2006; Arcones et al., 2007; Burrows et al.,
2007, Janka et al., 2007; Panov and Janka, 2009).

The question is whether such high entropies occur at times with sufficiently high
temperatures when an r process is still underway (Kuroda et al., 2008). Exploratory
calculations to obtain the necessary conditions for an r process in expanding high-
entropy matter have been undertaken by a number of groups (Hoffman et al., 1997,
Meyer and Brown, 1997; Otsuki et al., 2000; Wanajo et al., 2001; Terasawa et al.,
2002; Wanajo et al., 2004; Yoshida et al., 2004; Wanajo, 2007; Kuroda et al., 2008).
Recent investigations (Farouqi et al., 2009, 2010) focussed (a) on the effects of
varying nuclear physics input [mass models FRDM (Finite Range Droplett Model
(Moller et al., 1995)), ETFSI-1 (Extended Thomas-Fermi with Strutinsky Inte-
gral) (Aboussir et al., 1995), ETFS-Q with quenching of shell closures far from
stability (Pearson et al., 1996), the mass formula by Duflo & Zuker (DUFLO-
ZUKER, Duflo and Zuker (1995)) and HFB-17 (a recent Hartree-Fock-Bogoliubov
approach) (Goriely et al., 2009a)] and (b) the detailed understanding of the nuclear
flow through the chart of nuclides, testing equilibria, freeze-out and delayed neutron
capture. To investigate these effects we have applied a full network containing up
to 6,500 nuclei and the corresponding nuclear masses, cross sections and S-decay
properties.

The calculations presented here are based on trajectories for densities and tem-
peratures originating from expansions with a complete parameter study in terms of
entropy S, electron fraction Y, and expansion velocity Vexp, the latter being related
to the expansion timescale Texp (Freiburghaus et al., 1999a; Farouqi et al., 2010).
Here we only show the results utilizing the Duflo-Zuker mass model for a range of
entropies. It is assumed that in the late phases of the neutrino wind of a deleptonized
neutron star conditions with ¥, < 0.5 prevail (but see the discussion above).

Either higher entropies than obtained by the simulations discussed above or con-
ditions with intrinsically high neutron densities (like expanding neutron star matter
with ¥, & 0.1 — 0.2) can lead to neutron/seed ratios which are sufficiently high to
reach fissionable nuclei in the r process. The fission fragments can again capture
neutrons and produce fissionable nuclei, leading to an r process with fission recy-
cling (Rauscher et al., 1994; Martinez-Pinedo et al., 2007). This requires reliable
fission barriers (and fission fragment distributions) to test the possibility for the
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production of superheavy elements. It was shown recently that neutron-induced fis-
sion is more important in r-process nucleosynthesis than beta-delayed fission (Panov
and Thielemann, 2003; Martinez-Pinedo et al., 2007). Thus, the need to provide a
compilation of neutron-induced fission rates is obvious and has been performed
recently (Panov et al., 2005, 2010; Goriely et al., 2009b). Comparison of rates
obtained with different sets for mass and fission barrier predictions give a measure
of the uncertainties involved.

4.4.3 Exotic SN Types: Hypernovae and GRBs

As was outlined in various parts of the preceeding sections, massive stars in the
range of 8 to ~130Mg undergo core-collapse at the end of their evolution and
become Type II and Ib/c supernovae unless the entire star collapses into a black hole
with no mass ejection (Heger et al., 2003). These Type II and Ib/c supernovae (as
well as Type Ia supernovae, see Chap. 5) release large explosion energies and eject
matter which underwent explosive nucleosynthesis, thus having strong dynamical,
thermal, and chemical influences on the evolution of interstellar matter and galaxies.
They have been the main focus of the present chapter up to now. The explosion
energies of core-collapse supernovae are fundamentally important quantities, and
an estimate of £ ~ 1 x 10°! erg has often been used in calculating nucleosynthesis
and the impact on the interstellar medium. (Here we use the explosion energy E for
the final kinetic energy of the explosion.) A good example is SN1987A in the Large
Magellanic Cloud, whose energy is estimated to be E = (1.0-1.5) x 10°! ergs from
its early light curve.

One of the most interesting recent developments in the study of supernovae (SNe)
is the discovery of some very energetic supernovae (see e.g. Nomoto et al. (2006),
whose kinetic energy (in spherically symmetric analysis, see also Piran (2004))
exceeds 102 erg, about 10 times the kinetic energy of normal core-collapse SNe
(hereafter Es; = E/10°!' erg). The most luminous and powerful of these objects,
the Type Ic supernova (SN Ic) 1998bw, was probably linked to the gamma-ray burst
GRB 980425, thus establishing for the first time a connection between gamma-ray
bursts (GRBs) and the well-studied phenomenon of core-collapse SNe. However,
SN 1998bw was exceptional for a SN Ic: it was as luminous at peak as a SN Ia,
indicating that it synthesized ~ 0.5 M, of °Ni, and its kinetic energy was estimated
at E ~ 3 x 1072 erg.

There is another class of supernovae which appears to be rather faint with appar-
ently almost vanishing *°Ni ejection. Thus, the question emerges how these different
objects are related, whether they correspond to different initial masses and how the
explosion mechanism changes. The questions to be answered are the following:

e do 8-10Mg stars which produce an Fe-core in a collapse, initiated via elec-
tron capture after core He-burning (electron capture supernovae), have a differ-
ent explosion mechanism after core collapse than more massive stars? Is here
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only a small amount of material involved outside the collapsing C-core and little
Ni-ejection occurring?

e for which stellar progenitor masses do we have a transition from the formation of
neutron stars to the formation of black holes after collapse?

e to which extent is this transition region shifted by the nuclear equation of state?

e for which transition region are initially neutron stars formed, causing a regular
supernova explosion, and only fall back by the reverse shock swallows inner
matter, leading to a small final Ni-ejection and faint light curves?

e for which progenitor masses are black holes formed directly during collapse and
how can this be observed?

e what is the role of rotation and magnetic fields to cause gamma-ray bursts?

e can we give reliable nucleosynthesis yields for such events?

Before going into a too involved discussion of the causes of these events, let
us first consider the possible effect which higher energy explosions have on the
ejecta, i.e. nucleosynthesis products. Here we use the term hypernova to describe
an extremely energetic supernova with E > 102 erg without specifying the explo-
sion mechanism (Nomoto et al., 2001). Following SN 1998bw, other hypernovae of
Type Ic have been discovered or recognised. Nucleosynthesis features in such hyper-
energetic supernovae must show some important differences in comparison to nor-
mal supernova explosions. The higher explosion energies could lead to larger ejected
S6Ni masses, as observed in such explosions. They also cause higher entropies in
the innermost ejecta, which result in a more extreme alpha-rich freeze-out from
explosive Si-burning. Such conditions permit the sizable production of Fe-group
nuclei beyond *°Ni, up to %*Ge which decays to %*Zn (Nakamura et al., 2001).
This feature could have an influence on abundance patterns observed in extremely
metal-poor halo stars. In fact, the observational finding that Zn behaves like an Fe-
group element in galactic evolution — and was underproduced in existing supernova
models (which were not including the vp process) — was used as a strong argument
that a large fraction of massive stars explode as hypernovae (Nomoto et al., 2006;
Kobayashi et al., 2006).

The observed frequency of type Ib supernovae is about 20% of SNe II at solar
metallicity (Cappellaro et al., 1999). In four cases the typical spectrum of type
Ic supernovae has been observed, associated with long soft gamma-ray bursts
(Woosley and Bloom, 2006), indicating a link between SNe Ic and long soft GRBs.
Prantzos and Boissier (2003) found an increase in the ratio of SNe Ibc/SNe II with
metallicity. In order to understand this trend one has to understand stellar models
as a function of metallicity, from the first stars in the Universe, i.e., metal-free,
Population III (Pop III) stars which were born in a primordial hydrogen-helium
gas cloud, to present metallicities. This is one of the important challenges of current
astronomy and relates to Sect. 4.2, where we have discussed the evolution of massive
stars from lowest metallicities to solar values, including rotation and metallicity-
dependent winds. In fact Meynet and Maeder (2003) could reproduce this observed
metallicity trend. On the other hand, different groups (Podsiadlowski et al., 1992;
Vanbeveren et al., 2007; Eldridge et al., 2008) provide models from binary evolution
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with mass transfer (removing the H-rich envelope) which seems to reproduce this
trend as well. Recent observations (Prieto et al., 2008) provide for the first time the
individual ratios of SNe Ib/SNe II and SNe Ic/SNe II, rather than only the combined
SNe Ibc/SNe II ratio. Georgy et al. (2009) have studied stellar evolution in detail as
a function of initial mass, metallicity and rotation, based on the Geneva evolution
models. As a full understanding of the GRB mechanism is pending, two options
have been considered for the cases where the Fe-core is massive enough that the
formation of a black hole in the collapse is expected: (i) nevertheless a supernova-
type explosion is assumed, (ii) a black hole forms without a supernovae. They find
that current models of stellar evolution can account for the observed number ratios
of SNe Ib/SNe II and SNe Ic/SNe II and their variation with metallicity. In case
(ii), i.e. when no supernova occurs after black holes are formed, single-star models
can still account for more than one half of the combined SNe Ibc/SNe I ratio for
metallicities above solar, however, low metallicity SNe Ic events have to come from
binary evolution. If black hole formation is identified with the occurrance of GRBs,
the resulting number is too large, indicating that only a fraction of such events,
most probably very rapid rotators, result in GRBS after collapse (MacFadyen and
Woosley, 1999).

As mentioned earlier in this subsection, the explanation of SN Ic SN1998bw
is based on a very large progenitor mass M and explosion energy E. The type Ic
hypernovae 1998bw and 2003dh were clearly linked to the gamma-ray bursts GRB
980425 and GRB 030329, thus establishing the connection between long GRBs
and core-collapse supernovae (SNe). SNe 1998bw and 2003dh were exceptional
for SNe Ic: they were as luminous at peak as a SN Ia, indicating that they synthe-
sized 0.3-0.5 M, of 3°Ni, and their kinetic energies were estimated in the range
Es; = E/10°"erg ~ 30-50. Other hypernovae have been recognized, such as
SN 1997ef and SN 2002ap. These hypernovae span a wide range of properties,
although they all appear to be highly energetic compared to normal core-collapse
SNe. The mass estimates, obtained from fitting the optical light curves and spectra,
place hypernovae at the high-mass end of SN progenitors.

In contrast, SNe II 1997D and 1999br were very faint SNe with very low kinetic
energy. This leads to a diagram with the explosion energy E or the ejected S°Ni mass
M (°®Ni) as a function of the main-sequence mass M of the progenitor star which
shows two branches. Therefore, one is led to the conclusion that SNe from stars
with Mys = 20-25 Mg have different £ and M (56Ni), show a bright, energetic
hypernova branch at one extreme and a faint, low-energy SN branch at the other
extreme. For the faint SNe, the explosion energy was so small that most *°Ni fell
back onto the compact remnant. Thus the faint SN branch may become a failed SN
branch at larger My,s. Between the two branches, there may be a variety of SNe.

This trend could be interpreted as follows. Stars more massive than ~25 Mg
form a black hole at the end of their evolution. Stars with non-rotating black holes
are likely to collapse quietly ejecting a small amount of heavy elements (faint super-
novae). A preceding stage could be the temporary formation of a neutron star and a
supernova explosion, but fallback of matter leads to an increase of the neutron star
mass beyond its maximum stable value. (The combination of mixing processes in
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the innermost ejecta and fallback can influence the ejecta composition.) In contrast,
stars which formed rotating black holes are likely to give rise to hypernovae. Here
disk and jet formation seems to be a necessary ingredient to understand the explo-
sion. (An option is that hypernova progenitors might form from the rapidly rotating
cores after spiraling-in of a companion star in a binary system.)

4.5 The Aftermath of Explosions

In the preceding sections we have given an overview of hydrostatic and explo-
sive burning processes in massive stars, the individual phases of stellar evolution,
the endstages like core collapse, explosive nucleosynthesis products from super-
novae explosions and possible variations in outcome if core collapse ends in black
hole formation, related possibly to hypernovae or gamma-ray bursts. What remains
to be done is to (i) get a complete picture from stellar models and simulations
how hydrostatic/wind and explosive contributions add up to the complete yields
observed in such events, (ii) verify such models with individual observations, e.g.
from lightcurves and from remnants, (iii) finally to integrate all these events/stellar
yields over a mass distribution and metallicity evolution of galaxies, in order to make
comparisons with overall galactic oberservations of very long-lived radioisotopes
which average over several stellar generations.

4.5.1 Massive Stars and Their Complete Yields

In Sect. 4.4 we have introduced in Eq. (4.4) a simplified rule which determined
at which radius certain temperatures are attained in the explosion, assuming that
the explosion energy is distributed at all times in a homogenous bubble within the
radius of the present shock front position. If one knows the radial mass distribution
M (r) in pre-explosion models through which the shock front passes, one knows the
amount of matter which encountered certain burning conditions. In Table 4.9 we
provide this information for different initial stellar masses (still based on models
from Nomoto and Hashimoto (1988)), at (up to) which radial mass position explo-
sive (complete and incomplete) Si-burning, O-burning, Ne/C-burning are occurring
(upper portion) and the size of these regions (in M) involved (lower portion). In
addition, we give the size of the CO-core of prior He-burning in stellar evolution. To
first order matter between explosive C/Ne-burning and the stellar surface is ejected
unchanged. As this simplified treatment does not know anything of the explosion
mechanism which produced this explosion energy, the position of the mass cut is not
known and therefore also not the total amount of complete Si-burning material. The
core sizes given (e.g. CO-core after He-burning) also make no difference whether
this matter resulted from initial core burning of this burning stage or subsequent
outward propagating shell burning (e.g. shell He-burning of shell C-burning) which
produce specific isotopes of interest (e.g. 2°Al, %OFe as discussed in Sect. 4.3).
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Initially we want to focus here on the explosive burning phases. We also want
to add that Table 4.9 includes always two values for the radial masses involved,
(a) from the simplified Eq. (4.4) applied to the appropriate stellar model (M (r)) and
(b) resulting from an actual explosion calculation (initiated via a thermal bomb),
as obtained in Thielemann et al. (1996). When comparing these numbers, we see a
quite close agreement, except for the most massive star where non-negligible devi-
ations are encountered.

Based on this information we want to discuss complete nucleosynthesis yields,
including explosive processing (also the vp process, affected by neutrinos in the
innermost ejecta, as well as the p process in explosive Ne/O-burning), hydrostatic
yields from the outer layers (including s process) which are ejected unaltered, and
prior wind yields lost during stellar evolution. Then we concentrate on the long-lived
radioactivities 20Al, ®Fe, *4Ti, other Fe-group and lightcurve-determining nuclei,
including their origin which is e.g. important for 26Al and ®°Fe, which have hydro-
static burning as well as explosive origins. The r process in the neutrino wind or
possibly polar jets has been presented qualitatively with entropy, Y, and expan-
sion timescale as free parameters or expansion timescale of neutron star matter as
a free parameter. Presently no realistic explosion models are available to discuss
this matter in a real stellar context, but a short discussion of long-lived radioactive
chronometers is presented.

Table 4.9 provides the following conclusions: The amount of ejected mass from
the unaltered (essentially only hydrostatically processed) CO-core varies strongly
over the progenitor mass range. The variation is still large for the matter from explo-
sive Ne/C-burning, while the amount of mass from explosive O- and Si-burning is
almost the same for all massive stars. Therefore, the amount of ejected mass from the
unaltered (essentially only hydrostatically processed) CO-core and from explosive
Ne/C-burning (C, O, Ne, Mg) varies strongly over the progenitor mass range, while
the amount of mass from explosive O- and Si-burning (S, Ar, and Ca) is almost the
same for all massive stars. Si has some contribution from hydrostatic burning and
varies by a factor of 2—-3. The amount of Fe-group nuclei ejected depends directly
on the explosion mechanism which also affects the Y, in these inner zones. Thus, we
have essentially three types of elements, which test different aspects of supernovae,
when comparing with individual observations. The first set (C, O, Ne, Mg) tests
the stellar progenitor models, the second (Si, S, Ar, Ca) the progenitor models and
the explosion energy in the shock wave, while the Fe-group (beyond Ti) probes
clearly in addition the actual supernova mechanism. Thus, we require that all three
aspects of the predicted abundance yields are based on secure modeling (stellar
evolution, explosion energy, and explosion mechanism) in order to be secure for
their application in lightcurve modeling, radioactivities in remnants as well as the
the in chemical evolution of galaxies.

4.5.1.1 r-process ejecta

The biggest uncertainty exists for the absolutely innermost ejecta, i.e. the possible
r-process ejection in the neutrino wind. This matter escapes after the supernova
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explosion shock wave was launched and the continuing neutrino escape from the
remaining neutron star leads to its “surface erosion/evaporation”, i.e. a neutron-rich
wind which could trigger an » process (Qian and Woosley, 1996). Early modelling
seemed to lead to a full r-process abundance distribution (Woosley et al., 1994),
which was, however, already then questioned by other investigations (Takahashi
et al., 1994), when utilizing the entropies obtained from their calculations. Results
with present neutrino physics and detailed transport modeling seem to find the oppo-
site behavior, i.e. proton-rich conditions for more than the first 10s after the explo-
sion (Fischer et al., 2009a; Marek and Janka, 2009), as noticed first by Liebendorfer
et al. (2003) and discussed in Sect. 4.4 together with the vp process. A major ques-
tion is if and how this turns to be neutron-rich in later phases, what physics causes
this change (the nuclear EoS or neutrino properties?), and how very high entropies
can be attained to produce also the heaviest nuclei. Present observations of low
metallicity stars show huge variations in heavy r-process content and indicate that
in most explosions the latter is not taking place, making the full r process a rare
event. Then typical supernovae would only provide a weak r-process environment.
Whether either high entropies are only attained in exceptional cases or other origins
of low entropy, highly neutron-rich matter (neutron star mergers or neutron-rich
jets from rotating core collapse supernovae, Freiburghaus et al. (1999b); Cameron
(2001, 2003)) cause the main r process has to be explored, in parallel with the still
remaining challenges of nuclear physics far from stability.

In the preceding sections we have shown that there exists a principle understand-
ing about the nuclear working of the r process and that it is possible to reproduce
solar system r-process abundances by superpositions of components with varying
environment conditions. What seems not possible, yet, is to clearly identify, without
doubt, the responsible astrophysical site. Taking, however, such r-process super-
position fits as zero-age abundances with e.g. production ratios for 2>>Th/?33U or
other actinide (chronometer) nuclei, one can predict such ratios also as a function
of decay time (present-age abundances) and identify ages of very metal-poor stars
which were born with a fresh pollution of an r-process pattern (see e.g. Cowan et al.
(1991, 1999); Thielemann et al. (2002); Kratz et al. (2007) and references therein).
The typical result is that these chronometers indicate an age of the oldest stars in
our Galaxy in the range of 14—15 Gyr with an uncertainty of about 3—4 Gyr. A more
complex utilization of long-lived r process radioactivities in terms of a continuing
enrichment in galactic evolution is given in Chap. 2.

4.5.1.2 Fe-group and beyond

The neutrino wind works via evaporation of the neutron star surface after the super-
nova shock wave emerged and caused the explosion. The innermost matter which
experienced the shock is thus ejected earlier and a typical example for its com-
position is seen in Fig. 4.12, which shows the zones of complete Si-burning with
alpha-rich freeze-out. The change in abundances at M = 1.63 M, is due to a change
in Y, in the original stellar model, which was utilzed for explosive nucleosynthesis
predictions just by introducing a thermal bomb of 10°!erg. If one accounts correctly
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for the neutrino interactions during the collapse and explosion, this turns matter even
slightly proton-rich (Y, > 0.5), see the discussion of the vp process in Sect. 4.4 and
Figs. 4.16, 4.17 and 4.18 (Frohlich et al., 2006a,b; Pruet et al., 2005, 2006; Wanajo,
2006). This results also in substantial fractions of %*Ge (decaying to %*Zn via %*Ga,
both of short half-life in the minute to second regime and therefore not of interest
in terms of radioactivities with long half-lifes), but within the vp process also to
the production of Sr and heavier nuclei. The isotopic ratios S3Ni, 60-61-:627n change
strongly. Alpha-nuclei like *°Ca, **Ti, “8Cr, and >2Fe are affected as well. Higher
entropies and Y,-values close to 0.5 increase the fraction of these alpha-nuclei (and
would in hypernovae also cause a substantial production of ®*Ge as discussed in
Sect. 4.4. It was also discussed there that probably only a small fraction of black-
hole producing events actually lead to hypernovae (not 50% as assumed in some
cases (Nomoto et al., 2006; Kobayashi et al., 2006)). However, this reduction in
the ®*Ge production can well be balanced by the larger *Ge production in regular
supernovae due to the correct inclusion of neutrino-interactions and their effect on
increasing Y, to values larger than 0.5.

4.5.1.3 Other explosive burning zones, 4*Ti, 26 Al

While such a discussion is of general interest for the composition of the Fe-group
and filling in of lighter p-process nuclei, which are underproduced in the classical
picture (see Sect. 4.4), we would like to concentrate here on long-lived radioac-
tivities. The nucleus which is mainly produced in the complete Si-burning regime
with alpha-rich freeze-out is **Ti. As discussed above, its total amount depends
on the matter experiencing this burning outside the mass cut (which is in prin-
ciple unknown without successful explosion calculations). Several authors have
made assumptions on its position, either based on total °Ni ejecta in thermal
bombs (Thielemann et al., 1996; Nomoto et al., 2006) or entropy jumps in the pre-
collapse models in piston-induced explosions (Woosley and Weaver, 1995; Woosley
et al., 2002). Based on these assumptions, different authors find somewhat different
predictions, which are, however, a relatively flat function of the stellar progen-
itor mass. The values of Thielemann et al. (1996) range between 2 x 10~ and
1.5 x 107 M. The interesting point here is that variations in the Y,-structure can
lead to changes up to a factor of 2. Here either the initial pre-collapse distribution
was assumed (with possible Y,-dips in the innermost parts from shell O-burning)
or a smoothed flat Y,-distributions closer to 0.5 (which also reproduces the solar
36Fe/>7Fe-ratio). This latter case leads to the higher values and will also be closer
to reality when neutrino interactions are taken into account during the explosion
(see discussion above on the vp process and Y, ). Rauscher et al. (2002) and Tur
et al. (2009) find smaller values (either 1.5 — 5 x 105 and3.5—-6 x 1072 Mp).
The latter is based on a readjustment of the triple-alpha and '>C(a, y)'®O-rates
to most recent experimental values, which does not have a drastic influence, how-
ever. Indirectly, core sizes and other stellar properties, including explosion energies,
can enter.
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#Ti is only made in the explosive phase of complete Si-burning with alpha-rich
freeze-out from charged particle equilibrium. There have been investigations on the
reactions producing (*°Ca(a, y)44Ti) and distroying (**Ti(a, p)47V) reactions as
well as the half-life of “4Ti. Due to the fact, that this is a freeze-out from equilibrium,
Hoffman et al. (1999) found that even rate changes by a factor of 6 change the
#Ti production only by a factor of 1.3 What is different between both approaches,
leading to productions either larger or smaller than 5 x 107> M, is the introduction
of the explosion (i) a thermal bomb, (ii) a piston. This apparently leads to higher
entropies in the first case and a more intense alpha-rich freeze-out. It should also
be mentioned that non-spherical explosions can lead to larger **Ti-production than
spherical models (Nagataki et al., 1998; Nagataki, 2000). A comparison to obser-
vations from either SN 1987A or the SNR Cas A is discussed in the following
subsection.

Complete explosive nucleosynthesis predictions for a range of progenitor stars
with induced explosions have been given by a number of authors in recent years
(Rauscher et al., 2002; Woosley et al., 2002; Nomoto et al., 2006; Limongi and
Chieffi, 2006; Woosley and Heger, 2007; Umeda and Nomoto, 2008), updating some
of the discussions made above, based on earlier models (Woosley and Weaver, 1995;
Thielemann et al., 1996). Also specific investigations were undertaken for Pop III
low metallicity stars (Umeda and Nomoto, 2005; Tominaga et al., 2007). We limit
the present discussion to stars below 130 M which still undergo core collapse and
do not explode via explosive O-burning like the so-called pair-creation supernovae
(Heger et al., 2003). While such explosions seem theoretically possible, provided
that these massive cores can result from stellar evolution, the apparent absence of
predicted abundance patterns in low metallicity stars plus our present understanding
of massive stars with rotation (Maeder and Meynet, 2010), seem to exclude this
outcome.

Then, the basic pattern given in Table 4.9 always applies. The abundances from
incomplete Si-burning and explosive O-burning can explain Galactic chemical evo-
Iution. As mention in Sect. 4.4, the classical p process takes place in explosive
Ne-burning via photodisintegrations of pre-existing heavy nuclei, but even with
the best nuclear input the underproduction of light p-nuclei cannot be solved. The
solution can be obtained by adding a light (heavy) element primary process (LEPP,
(Travaglio et al., 2004) where the best candidate is the vp process. Thus, the clas-
sical p-process isotopes have to be explained by a superposition of the innermost
proton-rich complete Si-burning ejecta with those of explosive Ne-burning in outer
zones.

The scheme indicated in Table 4.9 is a bit too simplified when considering
the ejecta of outer layers, whose composition was produced during stellar evolu-
tion and ejected essentially unaltered during the explosion. However, the CO-core
scheme is not sufficient to describe massive-star yields. While it includes all matter
which underwent He-burning, it does not differentiate between core He-burning and
shell He-burning. The latter occurs at higher temperatures and has specific features
different from core He-burning. In a similar way, the NeO-core contains all matter
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which underwent C-burning during stellar evolution, but also here, no difference is
made between core C-burning and higher temperature shell C-burning. The same is
true for Ne-burning.

26 Al production during stellar evolution was discussed in Sect. 4.3; now we
include also the explosive production of 2°Al. It occurs in the regions of explosive
Ne/C-burning. Under these conditions 2Mg is produced via 2*Mg(n, y)>’Mg and
the protons arise from 23Na(a, p)*®Mg, similar to the reaction pattern shown in
Table 4.4 for hydrostatic Ne-burning (and partially also C-burning). Under explo-
sive conditions at temperatures of the order 2.3 x 10°K, these burning stages act
explosively in a combined way, and the temperatures are also suffuciently high to
utilize the released protons for the 2 Mg(p, ¥)?°Al reaction. However, as also seen
from Table 4.4, neutrons are abundantly produced. They act as the main destructive
species via (n, p) and (n, ) reactions. As can be seen from Table 4.9, the mass
involved in explosive Ne/C burning is strongly dependent on the progenitor mass.
Thus, we expect a dramatic increase with increasing initial stellar masses, which
is exactly what we see. Limongi and Chieffi (2006) have analyzed in detail the
contributions from (i) wind ejecta during stellar evolution, (ii) hydrostatic burning
products ejected during the explosion, and (iii) explosive Ne/C-burning. The latter
dominates up to about 60 M, and increases from initially about 2 x 107> Mg, per
event to 2—3 x 10™* M. Then wind ejecta start to take over and flatten out close to
1073 M, at initial stellar masses of 120~140 M. The latter are subject to rotational
effects (Langer et al., 1995; Meynet et al., 1997; Palacios et al., 2005) and increase
in fact with higher rotation rates (see Sect. 4.3). Tur et al. (2009) have reanalyzed
this behavior in the lower mass range from 15 to 25 Mg and confirmed this trend.
They also did not find a strong dependence of the result on the He-burning reactions
triple-alpha and '>C(a, y)'©0. They show nicely how *6Al is produced starting in
H-burning, but the final explosion produces close to a factor of 10 more of it. Yields
from different studies have been assembled in Fig. 4.20.

4.5.1.4 %OFe

Massive-star yields for ®“Fe are summarized in Fig. 4.21 and mentioned here for
completeness, although not produced in explosive nucleosythesis. It is entirely pro-
duced in the s-proces during shell He-burning and thus a pure product of stel-
lar evolution. The explosion only acts to eject the corresponding layers. As OFe
is produced via neutron capture of beta-unstable >°Fe, a relatively high neutron
density of about 3 x 10'%m™3 is required in order for its efficient production.
This is only attained in shell He-burning during late evolution stages after core
C-burning. The production ranges from 2 x 1076 to 8 x 107> M, for initial stel-
lar masses between 10 and 40 Mg. This result is dependent on the He-burning
reactions triple-alpha and '>C(a, ¥)!°0, as they compete with the neutron produc-
ing reaction 22Ne(a, n)ZSMg. There exist also uncertainties in 59Fe(n, y)6°Fe and
%0Fe(n, y)®'Fe, which cause yield uncertainties by a factor of up to 5. If the star
experiences strong mass loss, the He-burning shell does not encounter the higher
density conditions required for the high neutron density of 3 x 10'%cm™3. Thus
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26Al Yields from Massive Stars R.Dichl et al,Nature (2006)
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Fig. 4.20 The 2°Al yields from wind ejections and from the explosive release in the supernova, as
a function of the initial mass of the star (as assembled by Diehl et al., 2006 (in their appendix)
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Fig. 4.21 The ®Fe yields from the explosive release in the supernova, as a function of the initial
mass of the star (as assembled by Martin et al., 2010)
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for initial stellar masses in excess of 40 M, the mass loss treatment can also lead
to variations in predicted yields of more than a factor of 10. Apparently a high
mass loss rate is required to not overproduce %°Fe in high mass stars M > 40 Mg
(Limongi and Chieffi, 2006) with respect to y-ray line constraints (see Wang et al.,
2007, and Chap. 7).

4.5.2 Observational Diagnostics: Lightcurves, Spectra and SNR

4.5.2.1 Lightcurves

Supernova light curves are powered by radioactive decays. Very early interpretations
of supernova lightcurves related them to the radioactive decay of 2>*Cf (Burbidge
etal., 1957). In fact, a strong r process (with fission-cycling) would cause observable
features based on the decay of heavy radioactive nuclei. This question was addressed
very recently with respect to r-process ejecta from neutron star mergers (Metzger
et al., 2010). Supernova lightcurves, however, are dominated by Fe-group ejecta.
In addition to abundant S°Ni, there are a number of radioactive nuclei which will
decay on time scales of ms up to 107 year. Here we only want to concentrate on a
few nuclei, which by a combination of their abundances and half-lives, can be of
importance. These nuclei are 36Co (3°Ni), >’Co (°'Ni), Fe (>3Co), **Ti, and 22Na
(see Fig. 4.22). For a 20 M, star like SN 1987A they were predicted with total
masses of 0.07, 3.12x 1073, 3.03x107%, 1.53x 1074, and 1.33x 10~ M, (Thiele-
mann et al., 1990, 1996).
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Fig. 4.22 Total energy release due to the decay of long-lived radioactive species (dashed lines)
and due to the release in terms of thermalized decay photons (solid lines). The ejected masses of
radiactive species are takem from a 20 M model for SN 1987A (Thielemann et al., 1990, 1996)
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Observations of bolometric light curves, which reflects the thermalized energy of
the radioactivities, constrained these values to M (°® Ni) ~ 0.071 Mg (e.g. Suntzeff
and Bouchet (1990)) and M (°7 Ni) ~ 3.3 x 1073 Mg (Fransson and Kozma (1993)
and references therein). Only more recently a very careful analysis confirmed an
upper limit on **Ti of the order 1.1x 10~* Mg, (Lundqvist et al., 2001).

Generally, after beta-decay or electron capture, a daughter nucleus is produced in
an excited state ( >>Fe is a notable exception, see below). The ground state is reached
by one or several gamma transitions, observable by current gamma-ray detectors for
nearby sources (see Sect. 10.1). Photons, positron-electron annihilations following
BT -decays, and the kinetic energy given to the decay products can contribute to the
light curve at later times.

The number of photons released for each of the transitions, occuring in the
daughter nucleus after beta-decay, is equal to the number of decays Ny, multiplied
with the appropriate percentage of the occurrance (branching ratio) for the specific
transition. The total energy released corresponds to the product of the number of
decays with the decay Q-value:

dN dE
Na(t) = === (1) = ANoexp(=A1) - —=(1) = ONa(1) = QAN,exp(=A1), (4.5)

where A = In2/t,, is the decay rate of the nucleus. The initial number of radioac-
tive nuclei can be calculated from their total mass by N, = M /Am,, with A being
the nucleon number of the nucleus, m,, the atomic mass unit, and M the mass given
above. When using the radioactivity half-lives of the relevant isotopes expected in
supernova ejecta (i.e., 78.76d, 271.3d, 2.7y, 54.2y, and 2.602y, and atomic Q-values
of 4.566, 0.835, 0.232, 3.919, and 2.842 MeV), we can estimate radioactive-energy
generation rates in erg/s and the total number of decays per second. The Q-value
used for **Ti combines the subsequent decays of **Ti and **Sc. Q-values include
all available energies, i.e. the kinetic energy of the decay products, the energy in
photons, the annihilation energy of positron-electron pairs in 87 -decays, and the
neutrino energy. At densities prevailing in the expanding remnant, neutrinos will
escape freely and their energy has to be subtracted, which leaves corrected values for
the appropriate energy deposits of 3.695, 0.136, 0.0, 2.966, and 2.444 MeV. Because
the electron capture on > Fe does only lead to an energetic neutrino, there is no local
energy deposition from this isotope.” Gamma transitions following the decays of the
other isotopes under consideration obtain candidate y-rays at (rounded to full per-
cent values): *°Co, 847keV (100%), 1038 keV (14%), 1238keV (68%), 1772keV
(16%), 2599 keV (17%); >’ Co, 122 keV (86%), 136 keV (11%); **Ti, 78 keV (93%),

9 This situation was recently re-evaluated by Seitenzahl et al. (2009). The electron capture occurs
from an electron in an atomic orbit, leaving a hole which can be filled by other electrons cascading
down to fill this hole, thus emitting photons — X-rays — or depositing the energy in ejecting outer
electrons — Auger electrons. Thus, in cases where only ground-state to ground-state electron cap-
ture occurs and the energy is emitted in an escaping neutrino, only Auger electrons or X-rays can
contribute to local energy deposition.
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68 keV (88%), 147keV (9%), 1157 keV (100%); **Na, 1275 keV (100%; branching
ratios given as percentages per dcay). If positrons from S*-decay slow down and
annihilate with electrons locally within the supernova envelope, the full neutrino-
loss corrected energy corresponding to the reaction Q-value will be deposited in the
envelope. Observable signatures include high energy photons such as the ones from
the gamma transitions, and their Compton scattered and completely thermalized
descendants.'”

Then the sum of all individual contributions discussed above would make up
the bolometric lightcurve of the supernova (see Fig. 4.23). The light curve, i.e. the
brightness as a function of time, will be dominated first by the decay of 3°Co, and
then ’Co and **Ti, if one neglects possible radiation from a pulsar. ?Na never plays
a dominant role for the lightcurve. At lower densities (and later times), escaping
high energy photons or positrons lead to a reduction of the brightness of bolometric
emission. This can be seen in late time observations as shown e.g. in Leibundgut
and Suntzeff (2003) (see Fig. 4.23). An important consistency check would be
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Fig. 4.23 Observed (visual) lightcurve of SN1987A for the first 1,500 days from Leibundgut and
Suntzeft (2003)

10° Deposition of energy from radioactive decay involves absorption of high-energy photons, slow-
ing down of ~MeV-type energy electrons and positrons, and proper treatment of temporary energy
reservoirs such as ionization and inhibited radioactive decay from completely-ionized nuclei (see,
e.g., Sim et al., 2009; Mochizuki et al., 1999; Woosley et al., 2007).
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to compare this bolometric light curve (which includes only optical, UV and IR
emission, hence thermalized gas and dust components) to the high-energy photons,
more directly reflecting radioactive decays. At late times, those high energy photons
escape freely.

The y-ray detections of SN1987A were the first to identify y-rays from °Co
decay. Later improved observations by CGRO for *°Co and 3’ Co were a direct proof
of these unstable species in the right amounts. It turned out that Ni decay y-ray
lines were seen with the Gamma-Ray Spectrometer on the Solar Maximum Mission
(Matz et al., 1988; Leising and Share, 1990) significantly earlier than expected from
a spherically stratified distribution of elements, where the Fe-group nuclei are pro-
duced in the center. This is understood from deviations from spherical symmetry in
the expanding remnant, bringing Ni-rich clumps to the surface earlier by convec-
tive instabilities, mixing ®Ni/>®Co to outer layers at early times. Gamma-ray line
profiles measured with high spectral resolution indicated Doppler broadening of the
lines from their ejecta motion (Tueller et al., 1990).

Many supernova remnants (such as the 300-year old Cas A remnant) show
mixing in their ejecta (Vink, 2005). While there exist some theoretical indications
that this is due to instabilities of the propagating shock wave, it is also associated
with the expansion of the supernova into an inhomogeneous medium. SN1987A
observations showed clearly that mixing is part of the supernova explosion itself.
Several independent reasons lead to such a conclusion. The supernova produces
large amounts of unstable long-lived nuclei, the dominant abundance is found in the
doubly-magic nucleus *°Ni, which is produced in the innermost part of the ejecta.
Ni decays with half-lives of 6.1 days to %°Co and 77.8 days to °Fe. After the
beta-transition, deexcitations to the ground state of the daughter nucleus lead to
the emission of high energy gamma-rays. While these gamma-rays would escape
freely at low densities, Compton scattering will reduce their energies into the X-ray
and even thermal regime at higher densities. With decreasing densities during the
expansion, initially only thermalized photons will escape, then X-rays and finally
gamma-rays. For SN1987A X-ray observations with GINGA, HEXE, and balloons
and gamma-ray observations with the SMM-satellite and balloons actually agreed
with this general behavior (e.g. Sunyaev et al., 1990; Leising and Share, 1990). The
main problem was that the predicted time scales did not agree with the observations,
where X-rays and gamma-rays appeared earlier than predicted. An agreement could
only be obtained when part of the °Ni, being produced initially in the inner parts
of the ejecta, was mixed out to larger distances (Fu and Arnett, 1989). Mixing is
also required to explain the spread of expansion velocities seen in line widths of
infrared observations for various elements and in the gamma ray lines of >°Co. The
inferred velocities differ strongly from the much smaller ones, expected from an
expanding remnant, which maintains the stratified composition from explosive and
hydrostatic nuclear burning. Other indications came from the modeling of the opti-
cal light curve. The best agreement between calculated and observed light curves
were obtained for a composition which mixed a small fraction of Ni all the way
into the 10 Mg hydrogen envelope and hydrogen into the deeper layers, containing
mostly heavy elements (see e.g. Benz and Thielemann, 1990).
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The lightcurve from SN1987A could be reproduced with theoretical modelling,
including the effects of X-ray and y-ray escape, as well as mixing of Y®Ni. SNe Ib
and Ic events, believed to be core collapse events without an overlying hydrogen
envelope have to be treated accordingly. The combination of small masses involved
(only He-cores or C-cores without H-envelope) and the assumption of mixing can
reproduce the steeper decline than found in massive SNe II. A typical case of a type
Ic supernova is SN 1998bw, associated with GRB 980425. The straight-forward
modeling of the observed lightcurve (Sollerman et al., 2002), similar to the discus-
sion in the beginning of this subsection (Nakamura et al., 2001), led to interpre-
tations of a largely non-solar °Ni/Fe to °Ni/Fe ratio. The inclusion of internal
conversion and Auger electrons, as suggested by Seitenzahl et al. (2009) could
naturally explain the observed slowdown of the lightcurve without invoking such
extreme abundance ratios.

We note that in recent years photon transport calculations have reached major
improvements, and are now able to consistently reproduce both light curves and
spectra from SNIa, and also from core collapse supernovae (e.g. Sim et al., 2009, for
a description of the method). Presently, systematic uncertainties of the method are
being investigated, and appear rather well understood, at least for SNe Ia (see, e.g.,
Woosley et al., 2007). As optical-to-IR light curves and spectra will be collected
in abundance through large telescope survey programs for cosmological studies, it
is likely that those (more indirect) measurements of core-collapse supernova nucle-
osynthesis will generate the tightest constraints to learn more about these events and
their internal nuclear processes.

4.5.2.2 Optical/IR Spectra and Dust Formation

In the preceding subsection we laid out the framework of understanding supernova
lightcurves. What is missing here, is the evolution of supernova spectra. The receed-
ing photosphere in terms of radial mass in an expanding, radiation-filled bubble can
give clear indications of the element composition (as a function of time equivalent
to declining Lagrangian mass). The problem of type II supernovae is that the huge
H-envelope does not really contain much information in terms of nucleosynthesis.
Type Ib and Ic supernovae, which lost their H- and possibly He-envelope, reveal
much more information of the compact inner part, which experienced explosive
processing (Matheson et al., 2001; Branch et al., 2002; Sauer et al., 2006). This is
similar to type la supernovae, originating from exploding white dwarfs, which have
been extensively utilized for abundance diagnostics.

Another issue, which has been discussed already in the subsection on supernova
lightcurves is related to convective instabilities and mixing of nucleosynthesis prod-
ucts. The extent of mixing is responsible for the element mixture in the expanding
and cooling remnant when chemical reactions and dust formation set in. For which
compositions and conditions does this environment lead to presolar grains with
high melting temperatures which can survive the interstellar medium and formation
of the solar system in order to be detected today in meteoritic inclusions? When
do we form oxides, diamonds, hybonites, carbides ... and how selectively do they
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Fig. 4.24 (a) Scanning electron microscope image of a presolar graphite grain following isotopic
measurement with an ion microprobe (from Nittler et al., 1996). The arrow indicates TiC sub-grain
originally enclosed in graphite but revealed by the ion-probe sputtering. (b) Calcium isotopic com-
position of graphite grain shown in (a). The **Ca/**Ca ratio is 137 times the solar ratio, whereas the
other Ca-isotopic ratios are normal within 2 — o errors (the error bar in the isotope 44 abundance
is smaller than the symbol size). This is a clear signature of in situ decay of live **Ti, originally
condensed in the TiC sub-grain, and demonstrates that the grain formed in the ejecta of a supernova

include matter from the regions where they form? How can we relate 2°Mg and **Ca
excesses in presolar grains to initially embedded 2°Al and **Ti? Figure 4.24 shows
an example of a grain attributed to supernova condensation. A discussion of these
questions can be found in Chap. 10.3.

4.5.2.3 26Al in the Vela Region

The Vela region appears prominent in several astronomical images of our Galaxy: It
includes the Gum nebula and the Vela Supernova Remnant, both prominent agents
to form nearby structures of the interstellar gas and bright in X- and radio emissions,
and it includes the Vela pulsar where bright gamma-ray pulsations teach us about
particle acceleration in neutron star magnetospheres, and furthermore with Vela X-
1 a remarkable X-ray source and prototype of a binary system where a neutron
star accretes wind material from a high-mass companion star. All those objects are
relatively nearby, mostly in the foreground of the Vela molecular ridge which is one
of the nearest star-forming regions and located in about 700 (+200) kpc distance
(Massi et al., 2007).

Three prominent sources have been discussed in the context of measuring 2°Al
production for individual objects — all related to massive star and explosive nucle-
osynthesis, respectively (*°Al observations are discussed in Chap. 7 otherwise):
The Vela supernova remnant, a recently-discovered supernova remnant called Vela
Junior, and a Wolf-Rayet binary system y>V elorum.

The Vela supernova remnant is relatively nearby at 250 pc, about 10,000 year old,
and spans an area of about 8° diameter on the southern sky. It hosts the Vela pulsar
and a plerionic pulsar nebula at its center. Such a nearby supernova explosion in the
recent past seems a unique opportunity to calibrate the 2°Al yield of a core-collapse
supernova. With COMPTEL, diffuse and extended emission had been recognized
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from this direction (Diehl et al., 1995). But possibly-underlying extended 2° Al emis-
sion limits the precision of this measurement, the 2° Al gamma-ray flux attributed to
this supernova remnant is 0.5-2.7 10~ ph/cm?/s. This is well within expectations
(an 2°Al yield of 10~* Mg would result in a gamma-ray flux of ~2 10~ ph/cm?/s).
INTEGRAL could not detect the supernova remnant, however, despite sufficient
exposure. This may be due to the low surface brightness of this extended source and
line broadening from the remaining ejecta motion of this young supernova remnant.

In refined X-ray imaging analysis of the Vela supernova remnant, a new super-
nova remnant was discovered being superimposed with a diameter of ~2°and named
RXJ0852.0-46.22 or Vela Junior for short (Aschenbach, 1998). Early speculations
about its 26 Al emission were stimulated from hints for **Ti emission, which would
have implied that this supernova remnant would be both young and nearby; these
could not be substantiated by additional measurements and studies. Now absence of
26 Al emission from Vela Jr. appears plausible, as the supernova remnant is probably
older than 1,000 year and more distant than 740 pc (Katsuda et al., 2009).

The 2V elorum binary system is yet another tantalizing 2° Al source: It consists
of a Wolf Rayet star (WRII) and an O-star companion. If the binary interactions
can be ignored for Al production of the WR11 star, this would be the opportu-
nity to calibrate the 2°Al ejection during the Wolf-Rayet phase of a massive star,
as the distance to this object has been derived from Hipparcos measurements as
only 258 pc. The Wolf-Rayet star currently has a mass of ~9 Mg, with a 30 Mg O
star companion (De Marco et al., 2000). Modeling the Wolf-Rayet star evolution in
detail, and also accounting for possibly rapid rotation as it delays the wind ejection
phase, Mowlavi et al. (2005) show that the upper limit on 26 Al emission from WR11
would be hard to understand (Fig. 4.25). But doubts have appeared on the Hipparcos
distance measurement, and current belief is that the system is part of the Vela OB2
association and rather at a distance of 330-390 pc (see Eldridge, 2009, and refer-
ences therein). Additionally, the system’s age may also be somewhat higher than
estimated earlier (beyond 5 My, rather than 3-5My) (Eldridge, 2009), and part of
the 26 Al ejected in the earlier wind phase may now be spread over a shell extended
by up to 6°(Mowlavi and Meynet, 2006), hence of lower surface brightness and
still consistent with the non-detection by COMPTEL and INTEGRAL gamma-ray
telescopes. Note, however, that binary mass transfer may have altered the evolution
of the Wolf-Rayet star substantially; this mutual impact on stellar evolution in close
binaries is still very uncertain, but could lead to orders of magnitude increases of
26 Al production in rare cases (de Mink et al., 2009; Langer et al., 1998).

4.5.2.4 Supernova Remnants

The very late phases of the expansion into the interstellar medium, when photons
can escape freely from the expanding debree, permits the detection of long-lived
radioactivities by detecting decay photons of specific energies. Such detections can
then be identified with the amount of matter existing in radioactive isotopes.

The discovery of the 1157keV **Ti y-ray line emission from the youngest
Galactic SNR Cas A with COMPTEL (Iyudin et al., 1994) was the first direct
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Fig. 4.25 The 2°Al gamma-ray flux estimated from ejection of 20 Al-rich envelope material during
the Wolf-Rayet phase (Mowlavi et al., 2005). Shown are two different stellar models, with and
without stellar rotation. In addition to delaying the WR phase, rotation also increases the 2°Al
production. Shown are gamma-ray fluxes for different distances, not including the more recent and
larger distance of 330-390 pc

proof that this isotope is indeed produced in SNe. This has been strengthened
by the BeppoSAX/PDS detection of the two low-energy **Ti lines (Vink et al.,
2001). By combining both observations, Vink et al. (2001) deduced a **Ti yield
of (1.5 £ 1.0) x 107* M. This value seemed higher than the predictions of most
models (see the previous subsection), although it is not outside the error bars. Sev-
eral aspects have been considered to explain this large value: a large energy of the
explosion (&2 x 107! erg), asymmetries (Nagataki et al., 1998) currently observed
in the ejecta expansion, and a strong mass loss of the progenitor consistent with the
scenario of a Type Ib SN (Vink, 2004).

If **Ti ejection, as seen in the Cas A event, was typical for core-collapse events,
the y-ray surveys made with COMPTEL(Dupraz et al., 1997; Iyudin et al., 1999)
and with INTEGRAL (Renaud et al., 2006) should have seen several objects along
the plane of the Galaxy through their **Ti decay emission (see Sect. 7.6 for a detailed
discussion of Galactic supernovae and 44Ti). From this, it had been concluded that
44Tj ejection is rather a characteristic of a rare subclass of core-collapse supernovae
(The et al., 2006).

From the three different y-ray lines resulting from the **Ti decay chain, con-
straints for kinematic Doppler broadening can be derived: The Doppler broadening
being a linear function of energy, it would broaden the 1,157 keV line to values in
the few to tens of keV range, which can be measured with Ge spectrometers; the
lower-energy lines at 68 and 78 keV would not show significant kinematic broaden-
ing. Martin et al. (2009) have exploited INTEGRAL/SPI spectrometer data to show
that *Ti ejecta as seen by above measurements need to be faster than 500 km/s, as
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the 1157keV line is not found with SPI and assumed to be broadened such as to
disappear in instrumental background.

4.5.2.5 Ejecta from a Supernova Remnant on Earth

%0Fe has been discovered through accelerator-mass spectroscopy (AMS) analyses
of ocean crust material (Knie et al., 2004) (Fig. 4.26). If taken from places on Earth
which are remote from any antropogeneous contamination, such as in deep parts of
the Pacific ocean, they provide a record of past composition of ocean water. Man-
ganese crusts grow very slowly from sedimentation. Therefore, a rather small sam-
ple will cover tens of My of sedimentation history within a few cm of depth. %OFe
production from cosmic ray irradiation in the atmosphere is unlikely, other system-
atic contaminations also seem low. The age of each depth layer can be determined
from Be isotopes produced by cosmic rays in the atmosphere of the Earth, also
ingested into ocean water with other atmospheric gas and dust. The AMS method
is one of the most-sensitive techniques to detect small amounts of specific isotopes,
reaching a sensitivity of 10~1°. Evaporization of chemically-prepared Fe-enriched
crust samples and successive ion acceleration and mass spectrometry obtained the
result shown in Fig. 4.26. This discovery was taken as evidence that debris from
a very nearby supernova event must have been deposited on Earth about 3 million
years ago. Unclear remain the deposition and crust uptake efficiencies, such that
the quantitative estimation of interstellar ®°Fe flux or supernova distance is uncer-
tain; distances in the 10-30 pc range have been discussed. Studies of other sediment
samples are underway to estimate these effects, and to confirm this exciting record

3u10™ o

o 20

Fig. 426 Ocean crust sample as analyzed by Knie et al. (2004) for “Fe content. The insert
graph shows their result, i.e. the number of °°Fe nuclei versus age as determined from cosmic-ray
produced Be radioactivity
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of nearby supernova activity. Supernova nucleosynthesis of radioactivities appears
close to our lives, indeed.
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Chapter S
Binary Systems and Their Nuclear Explosions

J. Isern, M. Hernanz, and J. José

5.1 Accretion onto Compact Objects and Thermonuclear
Runaways

The nuclear energy supply of a typical star like the Sun would be ~ 102 erg if all
the hydrogen could be incinerated into iron peak elements. Since the gravitational
binding energy is ~ 10* erg, it is evident that the nuclear energy content is more
than enough to blow up the Sun. However, stars are stable thanks to the fact that their
matter obeys the equation of state of a classical ideal gas that acts as a thermostat: if
some energy is released as a consequence of a thermal fluctuation, the gas expands,
the temperature drops and the instability is quenched. The first researchers to discuss
the scenario under which stars could explosively release their nuclear energy were
Hoyle and Fowler (1960). They showed that this could occur under conditions of
dynamic compression, as a consequence of collapse, or under electron degeneracy.
They also pointed out in their seminal paper that hydrogen could only be responsible
for mild explosions, like novae, as a consequence of the necessity to convert two
protons into two neutrons, and that only the thermonuclear fusion of carbon could be
energetic enough to feed a strong explosion. They did not consider helium because
by this epoch the He-burning mechanism was not yet known.

Intermediate and low-mass stars (M < 10-12 M) are able to get rid of their
envelope and end their life as a white dwarf. On the contrary, massive stars form
an iron core that grows until it reaches the Chandrasekhar mass and collapses to a
neutron star or a black hole. The degenerate core of white dwarfs can have different
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chemical compositions, He, C—O or O—Ne, and different size depending on the
mass and the single or binary nature of the progenitor. Single stars with masses in
the range of 8-9 to 10-12 Mg, produce oxygen-neon cores, those in the mass range
0.5 to 8-9 M produce carbon-oxygen cores, while stars with a mass in the range
0.08 to 0.5 Mg, produce helium cores, but the lifetime of such stars is so large that
they cannot produce a white dwarf in a Hubble time. Members of a close binary
system can be strongly perturbed by their companion and thereby produce different
outcomes. For instance, stars with a mass of the order of 2.5 Mg, can end their life
as He white dwarfs with a mass of the order of 0.4 Mg,

The destiny of isolated white dwarfs is to cool forever. However, if they are mem-
bers of a close binary system, they can revive as a consequence of mass transfer
from their companion. As the mass grows, the radius of the white dwarf shrinks
and the density increases, as can be derived from simple dimensional arguments.
The hydrostatic- and the degenerate, non-relativistic electron pressures have the
functional form P ~ M?R~*, and P ~ M>/3>R™>, respectively. Thus it is always
possible to find an equilibrium configuration defined by a mass — radius relation
R ~ M~'/3. However, as the density grows, the Fermi energy increases and elec-
trons become relativistic. In the extreme case, the electron pressure takes the form
P ~ M*3R~* and, since it has the same dependence on R as hydrostatic pres-
sure, there is no longer a definite lengthscale. Furthermore, according to the virial
theorem, stars supported by relativistic particles are not gravitationally bound and
the injection or removal of small amounts of energy can cause large expansion or
contraction of the star.

The behavior of the different cores depends on the net rate at which energy is
injected by the burning front or removed by electron captures on the ashes that
were left from the previous burning cycle. Both quantities depend on the chemical
composition of the stellar cores. Helium cores always experience a thermonuclear
explosion because of the large energy content and the extreme flammability of He.
Carbon-oxygen cores can explode or collapse, depending on the ignition density
(Canal et al., 1990). If this density is larger than some critical value, ~ (5 — 8) X
10° g/cm?, the electron captures become dominant and they collapse to a neutron
star (Bravo and Garcia-Senz, 1999). ONe — cores ignite at such a density that they
always tend to collapse (Nomoto and Kondo, 1991; Gutiérrez et al., 1996) and Fe —
cores always collapse because of their inability to release nuclear energy.

5.1.1 Evolution of Degenerate Cores Before Ignition

The behavior of the white dwarf interior during the accretion phase depends on
the competition between the physical processes that increase the temperature of the
material (compression, nuclear reactions in the inner core and possible burning of
the freshly accreted matter) and those that cool the star (via neutrino and photon
losses). Since the energy transport is dominated by electron conduction, one of the
relevant timescales is the time taken by a thermal signal to cross the star, given by
Henyey and L’Ecuyer (1969):
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where «, p, T, o and cp have their usual meanings and [/ is the linear extent of the
region considered, the radius of the white dwarf in this case.

The effects of the compression induced by the accreted mass can be separated
into two terms (Nomoto, 1982). The first term is due to the increase in density at a
fixed mass fraction as a consequence of the increase in mass, and its effects are quite
uniform throughout the whole star. The second term corresponds to compression as
matter moves inward in mass fraction space. It is negligible in the inner, strongly
degenerate regions, where the major part of the compression work is invested in
increasing the Fermi energy of electrons, but is very large in the external semi-
degenerate layers. This means that a thermal wave generates in the outer layers
and propagates towards the interior. A rough estimate of the compression-induced
luminosity is: Lo/Le = 1.4 x 1073 T7 Mo, where T is the temperature in units of
107 K, and M is the mass accretion rate in units of 10~1° Mg/year.

The effects of this thermal wave on the physical state of the white dwarf interior
depend on the time this wave takes to reach the center of the star, Ty, as compared
with the time required for the star to reach the Chandrasekhar mass, T¢omp (Hernanz
et al., 1988). For low accretion rates, M <3x 10710 Mg/year, the thermal wave
has time to reach the center, but normal cooling through the photosphere is dominant
and the white dwarf evolves nearly isothermally with a temperature determined by
the balance between compression and cooling, with the contribution of neutrinos
and nuclear reactions. For high accretion rates, 5 x 1078 < M < 107° Mg/year,
compression heating dominates but, if the mass of the white dwarf is large enough,
the thermal wave has no time to reach the center and, since there Ttg >> Tcomp.
these layers evolve with an adiabatic index:

_ 08154025114
©0.945 4 0.646171/4

rs—1 (5.2)

where " is the Coulomb coupling constant. For typical values of I" ~ 100 — 200,
this index is ~ 0.5 and degenerate matter is heated gently. For intermediate accre-
tion rates, the thermal wave has sufficient time to arrive at the central layers and
they experience a sudden heating, followed by an evolution in the p — T diagram
governed by the balance between the heating and cooling agents already mentioned
(see Fig. 5.1).

As the temperature increases, fusion reactions start to become important. At low
temperatures, neutrino emission is able to control them, but due to the different
temperature dependences the energy production by nuclear reactions overwhelms
neutrino losses and matter burning becomes unstable. This critical temperature,
commonly called ignition temperature, Tjg, is defined as ecc(Tig) = &, (Tig). If
ignition happens under degenerate conditions, a thermonuclear runaway occurs. The
nature of this instability can be understood with the following argument. Assume
that P = Pe(p) + Pi(p,T), where P. and P; are the electron and ion pressure,
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log T

log pc

Fig. 5.1 Evolution of the center of a C—O white dwarf in the log T —log p plane for several
accretion rates of pure C—O: (a) 10710 Mg /year; (b) 5 x 10710 My, /year; (c) 107° Mg /year; (d)
5% 1072 Mg /year; (¢) 5 x 1078 My /year; (f) 5 x 1077 Mg /year; (g) 5 x 10~% M, /year (Bravo
et al., 1996). The dashed line represents the '>C ignition curve

respectively, and that ions behave as an ideal gas. Also assume that nuclear reactions
release isochorically an amount of energy d¢q, and that matter expands adiabatically
until pressure equilibrium is reached. The corresponding density change is:

L -1 =7 53
0 3l Pe+ PikT N (53)

where I7 is the first adiabatic index, Q is the energy released per fused nucleus and
SN 1is the number of nuclei that have fused. Since Q ~ 1 MeV and kT ~ 1 keV, if
the ideal gas is dominant a small energy release will cause a large expansion with an
associated cooling. On the contrary, if P >> P, adiabatic cooling is not efficient
and matter will heat until P. ~ P;. At this point, if 7,y << D, nuclear reactions
will continue until incineration of matter is complete. Here TnT;l = dIn(enyc)/dt,
and typ = [/cs is the hydrodynamic time, / the dimension of the burning region
and ¢ the sound velocity. Under hydrostatic equilibrium, typ ~ t¢, where g =
(247 Gp)~1/2 ~ 444p=1/2 is the free-fall time.

It is important to realize here that in the case of H-burning two protons have to
be converted into two neutrons and that 8-decays will control the total rate. At high
temperatures, the longest B-decay timescale is that of 1’0, with a mean lifetime of
7150 = 178 s (see Fig. 5.2) and the maximum energy production rate is:
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Fig. 5.2 Scheme of the carbon-nitrogen-oxygen (CNO) cycle of hydrogen burning, which operates
out of equilibrium in stellar explosions. The lifetimes of the BT -unstable nuclei, which act as
bottlenecks of the cycle, are displayed

014 XCNO
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for an assumed energy release of 28 MeV per reaction (Mazurek and Wheeler,
1980). Therefore, complete burning cannot be achieved in a short time in compar-
ison to the hydrodynamic time and H-driven explosions cannot involve all of the
star.

5.1.2 The Thermonuclear Runaway

When the central regions cross the ignition line, the temperature starts to rise and
nuclear reactions accelerate. Conduction is rapidly overwhelmed by energy produc-
tion and a convective core forms. This core grows very quickly as a consequence
of the energy release enhancement and cannot prevent the continuous rise of the
temperature. When the turnover timescale of the convective eddies is longer than the
heating timescale, one or several bubbles enter into the dynamical regime (Nomoto
et al., 1984; Garcia-Senz and Bravo, 2005; Woosley et al., 2004), a thermonuclear
runaway occurs, and a flame begins to propagate (Timmes and Woosley, 1992).

The igniting zone can be imagined as a highly turbulent region where the evo-
lution of turbulent elements towards the thermonuclear runaway is governed by the
balance between heating by nuclear burning and collision of turbulent eddies, and
cooling by electron conduction and expansion pdV-work. In principle it is possible
to assume a distribution of fluctuations characterized by their size, §, and their tem-
perature excess, AT. These fluctuations will be able to grow only if the conductive
cooling is not able to evacuate the nuclear energy generated at the center of the
bubble. Consequently their size has to be larger than:
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where o is the thermal conductivity and epy is the nuclear energy generation rate.
For background temperatures in the range (6 — 8) x 108 K, fluctuations must have
a minimum size of 4 m—30 cm, respectively, to be able to grow. When this condition
is satisfied, the temperature increases, the burning propagates by conduction (see
next section) and the buoyancy accelerates the bubble to a substantial fraction of
the sound speed (Garcia-Senz and Bravo, 2005). During this time other bubbles can
develop similar runaways, grow and float away when they reach a critical size of

~1 km, such that the final outcome is an asynchronous ignition at multiple points.
The runaway of hydrogen is responsible for nova explosions. The mechanism for
such explosions can be better understood after evaluating some relevant timescales
(Starrfield, 1989): the accretion timescale, defined as Tacc ~ Macc/ M (which is of
the order of 10*~10° year, depending on the accretion rate M and accreted mass
M), the nuclear timescale Thue ~ ¢pT'/enuc (Which is as small as a few seconds
at peak burning) and the hydrodynamic timescale (tup ~ Hp/cs ~ (1/ VP/p;
Hj, is the pressure scale height). During the accretion phase, Tace < Tnuc, accretion
proceeds and the envelope mass increases. When degenerate ignition conditions are
reached, degeneracy prevents envelope expansion and the thermonuclear runaway
occurs. As temperature increases, the sudden release of energy would lift degener-
acy in the envelope and ultimately halt the thermonuclear runaway, but this is not
the case because T, << tup. Therefore, the value of the nuclear timescale is crucial
for the development of the thermonuclear runaway (TNR) and its final fate. In fact
there are two main types of nuclear timescales: those related to 8+ -decays, Tg+, and
those related to proton capture reactions, 7, ,). In the early evolution towards the
TNR, 74+ < 7(p,) and the CNO cycle operates at equilibrium. But as temperature

increases up to ~ 108 K, the reverse situation occurs, (rﬂ+ > T(p,y)), and thus the
CNO cycle is B-limited (see Fig. 5.2). In addition, since the large energetic output
produced by nuclear reactions can not be evacuated by radiation only, convection
sets in and transports the 81 -unstable nuclei to the outer cooler regions where they
are preserved from destruction and where they will decay later on (tconv < 7g+),
leading to envelope expansion, luminosity increase and mass ejection if the attained
velocities are larger than escape velocity.

5.1.3 Physics of the Burning Front

An explosion is the mechanical disruption of a system as a consequence of a rapid
release of energy. In the case of an exploding white dwarf, enough mass, ~0.3
Mg, has to be quickly embraced by the burning region to unbind the star. This
can be accomplished either through detonation (Arnett, 1969) or through defla-
gration (Nomoto et al., 1976). A detonation is shock-induced burning propagating
supersonically into an unburned medium, while a deflagration is a burning front
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that propagates by thermal conduction at subsonic velocities. Both, detonation and
deflagration, are driven by a physical mechanism. However, there is a third possibil-
ity: spontaneous burning. This case occurs when the ignition conditions are reached
nearly simultaneously in several points in such a way that burning spreads over
a large region without any transport mechanism (Blinnikov and Khokhlov, 1986;
Woosley and Weaver, 1986). The propagation velocity, a phase velocity in fact, can
be estimated as vgp = (dTpuc /dr)’l, where Ty plays a critical role at the onset of
burning. This velocity increases when the absolute values of the temperature and
density gradients decrease. Thus, regions with vgp > ¢ ignite spontaneously and
the burning front propagates supersonically. Because of the strong dependence on
T, the most important factor is the temperature profile.

In order to describe the properties of the burning front, either supersonic or sub-
sonic, it is usually assumed (Landau and Lifshitz, 1959) that the unburned material is
separated from the combustion products by a region of width § where reactions take
place. If § << [, where [ is the typical scale length of the system, it is possible to
connect both sides of the front by means of conservation laws of mass, momentum
and energy. In the frame associated with the front, these equations, known as the
Rankine-Hugoniot jump conditions, can be written as (Landau and Lifshitz, 1959;
Mazurek and Wheeler, 1980):

pP1Ul = PoUo (5.6)

Py + p1u? = Py + pou (5.7
Py u% Py M(z)

g+ —+=+—+-+¢q (5.8)
p1 2 po 2

that are similar to those describing shock waves except for the presence of the term
q that represents the amount of energy released by reactions. The subscripts 0 and 1
denote fuel and ashes, respectively, u is the matter velocity, ¢ is the specific internal
energy, and the remaining symbols have their usual meaning. The mass flux crossing
the front is given by:

J = pouo = pru] (5.9

which can be written, using the mass and momentum conservation equations
(Egs. (5.6) and (5.7) respectively), as:

2
- 5.10
] ‘70 ‘71 ( )

where V = 1/p, is the specific volume. The mass flux (and the velocity of the front
with respect to the unburned material) is determined by the ratio between the differ-
ence of pressures and specific volumes at both sides of the burning front. Therefore,
real solutions must satisfy: (P; > Py, V1 < Vp) or (P1 < Py, V1 > V). The first

solution corresponds to a detonation and the second one to a deflagration (Landau
and Lifshitz, 1959).
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The velocity at which a detonation propagates can be obtained from the energy
conservation equation. Equation (5.8) can be written as:

1
80+61—81+§(P0+P1)(V0—V1)=0 (5.11)

which is called the detonation adiabat (the case ¢ = 0 is called the shock adia-
bat). The final state is obtained equating 5.10 and 5.11, once the properties of the
front have been specified (see Fig. 5.3). The physical meaning of this solution is
clear. A shock heats and compresses the material to a state (Pgy, Vip) given by
the intersection of Eq. (5.10) with the shock adiabat. Because of the temperature
increment, material burns and reaches the state (P;, V1), defined by the intersection
of Eq. (5.10) with the detonation adiabat. Since ¢ > 0, then P; < Py, V1 > Vi
and the post — shock burning produces a rarefaction.

The family of solutions obtained from Eqs. (5.10) to (5.11) and j as a free param-
eter has an extremum for which j and the front velocity are minima. This solution,
called the Chapman-Jouguet detonation, corresponds to the case where the Eq (5.10)
is tangent to (5.11). This extremal solution has the following properties: (i) it is only
determined by the thermodynamic properties of the material, including ¢, (ii) the
entropy is maximum and (iii) the velocity with respect to the unburned material is
minimal and equal to the sound velocity of the material behind the front. All the
remaining solutions, called strong detonations, move supersonically with respect to
the burned material and subsonically with respect to the unburned material. There-
fore, if a detonation starts at the center of the white dwarf, all the material, from the
center to very near the surface, will be incinerated to S6N;i.

Strong detonations are not allowed in stars. Since material must be at rest at the
centre, the velocity has to decrease from a positive value behind the front to zero at

Detonation adiabatic
. (Pl!vl)

Chapman—Jouguet
point

Shock adiabatic

~

@y Vp)

A%

Fig. 5.3 Adiabatic of a shock and a detonation in the P — V diagram. The dotted and dashed lines
represent the condition of conservation of mass and momentum (—j 2 = constant)
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the centre. This means that a rarefaction wave has to follow the detonation. Since
the velocity of a rarefaction wave is equal to the sound velocity of the material, it
is necessary that the front moves at least with the sound velocity with respect to
the burned material in order to not be overtaken by the rarefaction wave. Thus, due
to the boundary conditions, the only acceptable detonations in stars are those of
Chapman-Jouguet type.

In the case of deflagration solutions matter is subsonic on both sides of the front.
Thus, any perturbation behind or ahead the front can affect it. As an example, con-
sider a spherically symmetric burning front propagating outwards with a velocity D
and the unburned matter at rest. From Eqgs. (5.6) and (5.7) it is possible to write:

Vo(Py — Py) = v D (5.12)

where v is the velocity measured in the frame fixed to the center of the star. Since
P — Py < 0 in deflagrations, and D > 0, the velocity of the burned matter must
be negative, v; < 0, in contradiction to the boundary condition that requires matter
to be at rest at the center. Thus a deflagration can only exist if it generates a shock
precursor that boosts matter outwards (Mazurek and Wheeler, 1980).

The speed of the laminar flame can be estimated as follows (Landau and Lifshitz,
1959): the velocity of the burning front is D ~ §/tpym, where § is the width of the
front, and tpym is the lasting time of the burning (thyrm ~ &/€nuc, Where enye has
to be evaluated at the critical temperature). Since a stationary flame can only exist
if Tourn ~ Taifr, Where the diffusion time is given by tgiff ~ 82/ x and y is the
thermometric conductivity, the width of the front has to be

5~ | X (5.13)
Enuc
and the laminar velocity
D~ | meX (5.14)
e

In the case when a white dwarf is near the Chandrasekhar limit, § ~ 10~% c¢m,
D ~ 107 cm/s ~ 1072 ¢, and the density contrast between burned and unburned
matter is Ap/p ~ 0.2. These values relax to 1 cm, 10* cm/s and 0.5 respectively
when p ~ 107 g/cm?.

As a consequence of turbulence induced by instabilities like the Rayleigh-Taylor
buoyancy-driven or the Kelvin-Helmholtz shear-driven instability, for instance, the
flame surface is wrinkled and stretched in such a way that, despite the flame con-
tinuing to propagate at the laminar velocity, the effective burning rate is strongly
enhanced. Buoyancy induces the formation of burning bubbles that rise into the
fuel and generate turbulent motions. The turbulent motions decay downward to the
smaller Kolmogorov scale and the eddies of this cascade interact with the flame,
further wrinkling and stretching its surface, thereby further enhancing the burning
rate. This effect acts down to the Gibson scale, defined as the size of the eddy that
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can turn over in a nuclear burning time. Below this scale, the laminar velocity is
larger than the turbulent velocity and fuel is burned before the eddies are able to
change the shape of the flame. If the Gibson length is large as compared with the
width of the flame, the internal structure of the flame is not altered (the flamelet
regime). In the opposite case, the turbulent motion is able to modify the internal
structure of the flame and burning enters the so called distributed regime.

5.1.4 Scenarios Leading to a Thermonuclear Runaway

Possible scenarios leading to a thermonuclear runaway can be classified according
to the chemical composition of the donor (H, He,C+O, O+Ne) and the nature of
the accretor, a white dwarf made of He, C+O, or O+Ne, or a neutron star. Some
of the possible combinations are very rare, if not forbidden, and have not yet been
associated with any observed astronomical event. Within the category of accreting
white dwarfs it is possible to adopt the following scenarios (Iben and Tutukov, 1985;
Nomoto, 1982; Webbink, 1984; Whelan and Iben, 1973):

5.1.4.1 Hydrogen Accretion

There are many astronomical objects containing a white dwarf that accretes
hydrogen rich matter from a non-degenerate companion and that could suffer a
thermonuclear runaway. The nature and the intensity of this instability depend on
the accretion rate and the mass of the object. Typical examples are cataclysmic vari-
ables, classical novae, recurrent novae, symbiotic stars and supersoft X-ray sources.
If the accretion rate is smaller than ~ 10787 Mg/year, hydrogen accumulates
on the surface of the white dwarf and becomes degenerate. When the accumulated
mass reaches a critical value, AMy ~ 10~* — 107> M, the exact values depending
on the properties of the binary system, it experiences a strong flash that can be
identified with the nova phenomenon (see Sect. 5.2). This flash expels almost all the
accreted mass or even erodes the mass of the accreting object, for which reason the
white dwarf is unable to reach the Chandrasekhar mass, except in the case when
Mwp > 1.3Mg. However, since the chemical composition of such white dwarfs is
a mixture of oxygen and neon, the fate of such scenario is collapse to a neutron star.
For intermediate rates, 107879 < MH(MO/year) <5x 1077, hydrogen burns
steadily or through mild flashes, and helium accumulates on the surface of the star.
If the accretion rate is high enough, this helium is converted into carbon and oxy-
gen through weak flashes or steady burning and the white dwarf approaches the
Chandrasekhar mass. But, if the effective accretion rate of helium is in the range
1079 < My (Mg /year) < 5x 1078, the helium layer becomes degenerate and when
it reaches a critical mass, AMpe ~ 0.3 Mg, it ignites under degenerate conditions
and experiences a thermonuclear runaway that can trigger the explosive destruction
of the complete star. This scenario has been proposed for type Ia supernova progen-
itors (see Sect. 5.3.2).



5 Binary Systems and Their Nuclear Explosions 243

If the accretion rate is larger than ~ 5 x 10~/ Mg/year a red giant-like envelope
forms, a strong wind appears and the mass accumulates over the degenerate core at
a rate (Hachisu et al., 1999):

. 17-X
Mg ~ 5.3 x 10—77(114%/114O —0.4) Mg/year (5.15)

where X is the mass fraction of H in the accreted matter. As before, hydrogen and
helium burn peacefully and the white dwarf has the possibility to reach the Chan-
drasekhar mass.

5.1.4.2 Helium Accretion

There are at least two scenarios in which a white dwarf can directly accrete helium
from the companion. One consists of two degenerate objects, the primary made
of carbon-oxygen and a secondary composed of helium, that merge as a conse-
quence of the emission of gravitational waves. Since the mass of the secondary is
small ~ 0.3-0.4 My, the process of merging is self-regulated. The second scenario
consists of a C+O white dwarf plus a non-degenerate helium star and the mass
transfer is powered by helium burning in the secondary. As mentioned above, if
1072 < My(Mg /year) < 5x10~8, helium ignites at the base of the freshly accreted
mantle under degenerate conditions and can trigger the thermonuclear explosion of
the accreting white dwarf despite the fact that its mass is smaller than the Chan-
drasekhar limit (see Sect. 5.3.2).

5.1.4.3 Carbon-oxygen Accretion

Close enough binary systems formed by two intermediate mass stars can experience
two episodes of common envelope evolution that result in the formation of two C/O
white dwarfs with a separation that is smaller than the initial one. The emission of
gravitational waves induces a loss of angular momentum that translates into addi-
tional reduction of the orbit at a rate:

_64G3m1m2(m1 + my)
5¢5r3

r =

where G is the gravitational constant, ¢ is the speed of light and r is the separation
of both stars. If the separation of the two white dwarfs is smaller than ~ 3Rg,
nothing can prevent their merging in less than a Hubble time and the primary will
start accreting a mixture of carbon and oxygen.

During the merging process, the secondary is destroyed in a few orbital periods
after filling its Roche lobe (Benz et al., 1990) and forms a hot and thick accretion
disk around the primary. The impact is not able to induce prompt ignition (Guerrero
et al., 2004) and the final outcome depends on the subsequent evolution of the disk.
If the accretion rate is spherically symmetric and larger than about M > 27 x
107% M /year, carbon ignites off-center, the flame propagates conductively inwards
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and the white dwarf is converted into an O—Ne white dwarf before central carbon
ignition. Upon further accretion the white dwarf collapses to a neutron star (Nomoto
and Kondo, 1991). Recent calculations (Yoon and Langer, 2005) indicate that, at
least in some cases, neutrino cooling is able to quench off-center carbon ignition.
An open question is the effective rate at which matter is accreted (Piersanti et al.,
2003a,b) since it also contains angular momentum that prevents the contraction of
the primary unless it is dissipated. Therefore, the interplay between disk and star is
crucial for understanding the outcome of such a scenario.

Van Horn and Hansen (1974), Hansen and van Horn (1975) were the first to
point out that nuclear burning on the surface of neutron stars can also be unstable.
The regimes of unstable burning have been extensively discussed elsewhere (Fuji-
moto et al., 1981). To summarize, for a chemical mixture with Z(CNO)~ 0.01:
mixed H/He-burning is expected for M< 2 x 1070 Mg, /year, triggered by ther-
mally unstable H-ignition; pure He-shell ignition for 2 x 10710 <M (Mg, /year)<
(4.4—11.1) x 10~1°, following completion of H-burning; and mixed H/He-burning
for M> (4.4—11.1) x 10710 M, /year, triggered by thermally unstable He ignition.
A reduction of the CNO content lowers the critical accretion rates and substantially
narrows the range for pure He bursts.

5.2 Classical Novae

The origin of the term nova comes from the latin nova stella, meaning that a new star
appeared in the sky. But it has been known for a long time that the new star is in fact
not new, and that a nova is more properly defined as an existing star that suddenly
increases its luminosity by more than ~10 magnitudes, i.e., by a factor larger than
10* — and then returns to its previous faint state in a few months, or even years. In
fact, already Newton in the seventeenth and eighteenth century talked about tempo-
rary stars shining suddenly and then vanishing. It was not until the twentieth century
that novae and supernovae were distinguished from each other, once the distances
to the nebulae where they had been discovered were better known, and thus some
extragalactic objects turned out to be novae with much larger intrinsic brightness
(super-novae). An interesting and complete historical perspective of novae can be
found in Duerbeck (2008).

The discovery of the binarity of classical novae was made by Walker (1954), who
observed DQ Her (a nova that exploded in 1934) and deduced that it was an eclipsing
binary with a very short period. Later, Kraft showed that this was a common property
of novae and of cataclysmic variables in general (Kraft, 1964). It is now well known
that nova explosions occur on white dwarfs accreting hydrogen-rich matter from a
main sequence star companion, in a close binary system of the cataclysmic vari-
able type. Accumulation of matter on the white dwarf leads to hydrogen ignition in
degenerate conditions, which prevents the self-adjustment of the envelope through
expansion. Therefore, a thermonuclear runaway ensues (see Sect. 5.1.2) and the final
consequence is mass ejection at large velocities (hundreds to thousands of km s~1)
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and a large increase of luminosity, even reaching the Eddington luminosity of the
white dwarf (1037-1038 erg/s).

In contrast to type Ia supernovae, which also occur on white dwarfs in binary
systems, novae do not experience a complete disruption of the white dwarf, because
the outburst only affects the external hydrogen-rich layers, i.e. 1074-107> Mg,
Therefore, the nova phenomenon is expected to recur, with periods of a few tens
or hundreds thousand years, which is the typical accretion time required to build-
up again a critical H-rich envelope ready to explode. Mass transfer onto the white
dwarfs in cataclysmic variables is a long-lasting phase, so that many nova explosions
on a given white dwarf must occur. However, for historical reasons the term recur-
rent nova is reserved for another type of eruptive phenomena, those that have more
than one recorded nova outburst. These systems also correspond to white dwarfs
experiencing a thermonuclear runaway of their H-rich envelope, but the companion
star is in general a red giant, instead of a main sequence star. The binary system is not
a cataclysmic variable anymore; both its period -and the related binary separation-
and the mass transfer rate onto the white dwarf are larger, thus allowing for a faster
build-up of the critical mass and thus a shorter recurrence period (decades rather
than thousands of years).

It is worth mentioning that the term recurrent novae is also applied to white dwarf
explosions, with similar outburst properties and recurrence periods than genuine
recurrent novae, but with a non thermonuclear origin. A completely different case
are the so-called dwarf novae, which have much smaller outburst amplitudes and
which are produced by accretion disk instabilities in cataclysmic variables. Here we
are only concerned with novae from thermonuclear explosions, i.e., classical novae
and the sub-class of recurrent novae with thermonuclear origin.

The long term evolution of the white dwarfs in classical and recurrent novae
is debated, since it is not clear if the mass of the white dwarf grows towards the
Chandrasekhar mass or decreases after each explosion. Observations of nova ejecta
often show overabundances with respect to solar of elements such as carbon, oxy-
gen, neon, among others, indicating that some mixing between the core and the
accreted envelope occurs. Then, some core mass is in principle ejected indicating
that the white dwarf mass might in fact decrease. However, in recurrent novae no
large overabundances are observed. On the other hand, recurrent novae should take
place on very massive white dwarfs, which only need a very small amount of added
mass to explode; this combined with a larger accretion rate leads to the very short
recurrence period observed. All in all, recurrent novae are one of the possible sce-
narios of type Ia supernova progenitors, although their internal composition (likely
ONe instead of CO) presents a problem for this scenario.

5.2.1 Observational Properties

Most of the galactic classical novae have been discovered optically by amateur
astronomers. In addition, some robotic telescopes, mainly devoted to search for
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optical counterparts of GRBs or to perform surveys are also finding novae and
supernovae. Around 5 novae per year are being discovered in recent years in our
galaxy, and several novae have been found as well in external galaxies (see Shafter
(2008) and references therein). However, most of the galactic novae suffer from
large optical extinction (reddening) by interstellar dust, and hence the real nova rate
is expected to be much larger; it should be determined from extrapolations, either
from extragalactic or from galactic data. In the first case, the dependence of the nova
rate on the type of galaxy has been derived, indicating that early-type galaxies are
more prolific nova producers; the derived nova rate is 15-24/year to 27 + 8/year
(Della Valle and Livio, 1994; Shafter et al., 2000). Larger rates are obtained when
galactic data are extrapolated, taking into account the amount and distribution of
galactic dust: 35 £ 11/year or 41 £ 20/year (Hatano et al., 1997; Shafter, 1997).

From optical light curves of classical novae one finds an increase in luminosity
corresponding to a decrease of my (apparent visual magnitude) of more than 9 mag-
nitudes occurring in just a few days, and a pre-maximum halt 2 magnitudes before
maximum, in some cases (Warner, 1995, and references therein). Nova light curves
are classified according to their speed class, defined from either #, or 73, i.e., the time
needed to decay by 2 or 3 visual magnitudes after maximum. Speed classes range
from very fast (r < 10 days) and fast (r ~ 11-25 days) to very slow (t» ~ 151-250
days) (Payne Gaposchkin, 1957). Some examples are the fast nova N Cyg 1992,
which had #, ~ 12 days, the even faster nova N Her 1991 (¥, ~ 2 days), and the
slow nova N Cas 1993, which had #, ~ 100 days. An empirical relationship between
the absolute magnitude at maximum My and the speed class of novae shows that
brighter novae have shorter decay times (#, or 3). The theoretical explanation of this
relationship (Livio, 1992) relies on novae reaching a maximum luminosity close
to the Eddington limit and ejecting roughly all their envelope in a period similar
to #3. It was established that L, is an increasing function of Mg and that #3 is
a decreasing function of Myg. From these two relationships an expression relating
My at maximum and f3 is deduced. This empirical relation, valid both in the V
and B photometric bands, is very often used to determine distances to novae, once
visual extinction is known. Different calibrations of the maximum magnitude-rate
of decline relationship (MMRD) exist, with that from Della Valle and Livio (1995)
being the most commonly employed form.

It is important to point out that there are two distinct nova populations: disk
novae, which are in general fast and bright (My (max) ~ —8), and bulge novae,
slower and dimmer (My (max) ~ —7). This was first suggested by Della Valle et al.
(1992) and later corroborated by their early post-outburst spectra (Williams, 1992)
and based on the stronger group of emission lines they display (either Fell lines
or He and N lines); Fell-type novae evolve more slowly and have a lower level of
ionization, whereas He/N-type novae have larger expansion velocities and a higher
level of ionization. It has been deduced that the faster and brighter He/N novae are
concentrated closer to the galactic plane than those of the slower and dimmer Fell
type, which would preferentially belong to the bulge population (Della Valle and
Livio, 1998; Della Valle, 2002).



5 Binary Systems and Their Nuclear Explosions 247

The optical light curves were extended with space-based observations to energy
ranges not observable from the ground. An important step forward was the discov-
ery of the luminosity increase in the ultraviolet when the optical started to decline,
thanks to the IUE satellite (International Ultraviolet Explorer); the reason is that
the spectral energy distribution shifts to higher energies when deeper and thus hot-
ter regions of the expanding envelope are revealed (the photosphere recedes as a
consequence of the decreasing opacity). On the other end of the spectrum, infrared
observations (especially for novae which form dust) indicate an increase in lumi-
nosity once the ultraviolet luminosity starts to decline, which is interpreted as the
resulting re-radiation (in the infrared) by dust grains of the ultraviolet energy they
absorbed. Therefore, during optical decline the bolometric luminosity of classical
novae remains constant, during a period of time which depends on the mass of the
H-rich envelope remaining on the white dwarf after the nova explosion, which is
expected to burn steadily. Evidence for residual H-burning came from observations
in the soft X-ray range with ROSAT (Krautter et al., 1996; Balman et al., 1998;
Orio et al., 2001), which revealed the related very hot photosphere. The bolometric
luminosity deduced from observations is close to or even larger than the Eddington
luminosity, and thus radiation pressure is probably responsible for ejection of nova
envelopes (Kato and Hachisu, 1994).

A very important result deduced from nova observations in all spectral wave-
lengths is that their ejecta are often enriched in carbon, nitrogen and oxygen — as
well as neon in many objects (around 1/3 of the total); the global metallicities in
nova ejecta are well above solar metallicites (see Gehrz et al., 1998 for a review).
This observational fact is one of the main drivers of theoretical models, which
should be able to explain it. These metallicity enhancements are not likely to be
produced in the TNR, because the temperatures achieved in nova explosions are not
high enough. An alternative and more widely accepted explanation is that there is
some mixing between accreted matter, assumed to be of solar composition, and the
underlying CO or ONe core (Starrfield et al., 1978b; Prialnik et al., 1978, 1979). In
fact, such enrichment is also required to power the nova explosion itself except for
very slow novae.

5.2.2 Modeling Classical Novae

The scenario of classical nova explosions consists of a white dwarf (either CO or
ONe) accreting hydrogen-rich matter in a cataclysmic binary system, as a result
of Roche lobe overflow from its main sequence companion. For accretion rates
low enough, e.g. M ~ 1079-10~10 M_g/year, accreted hydrogen is compressed to
degenerate conditions until ignition occurs, thus leading to a thermonuclear runaway
(TNR, see Sect. 5.1.2). Explosive hydrogen burning synthesizes some 87 -unstable
nuclei of short lifetimes (e.g. 1*N, 140, 130, !"F, with t = 862, 102, 176, and 93s
respectively, see Fig. 5.2) which are transported by convection to the outer envelope,
where they are saved from destruction. These decays lead to a large energy release
in the outer shells which causes the nova outburst, i.e. a visual luminosity increase
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accompanied by mass ejection with typical velocities 10°~10° km s~!. Another
important effect of convection is that it transports unburned material to the burning
shell.

As mentioned above, mixing at the core-envelope interface is essential both to
power the TNR and to explain observed enhancements in metals in many novae.
Several mechanisms have been suggested to explain this process, operating either
prior or during the thermonuclear runaway, but none of them is completely satisfac-
tory (see extensive review in Livio, 1994). Diffusion induced convection, first dis-
cussed by Prialnik and Kovetz (1984) and Kovetz and Prialnik (1985), can explain
moderate enrichments but has difficulties to account for some of the largest observed
enrichments (Kovetz and Prialnik, 1997). Other possibilities are shear mixing, con-
vection induced shear mixing, and convective overshooting induced flame prop-
agation. Recent multidimensional simulations have not yet succeeded completely
in reproducing the necessary mixing needed to power the explosion (Glasner and
Livne, 2002; Alexakis et al., 2004). Two approaches have been adopted to simulate
mixing: parameterization (Starrfield et al., 1998; José and Hernanz, 1998) or follow-
up of many successive eruptions, with inclusion of diffusion (Prialnik and Kovetz,
1995; Yaron et al., 2005). The latter is in principle self-consistent, but the treatment
of mass-loss between successive outbursts is quite uncertain.

In the framework of one-dimensional models with parameterized mixing at
the core-envelope interface, many observed nova properties can be replicated
successfully, especially the ejecta abundances (Starrfield et al., 1998; José and
Hernanz, 1998). However, multidimensional studies are needed to better under-
stand both the accretion phase, the way in which the TNR initiates and propagates
throughout the envelope, and the mass ejection phase (see José and Hernanz, 2007b
for a recent review of multidimensional nova modeling).

5.2.3 Nucleosynthesis in Classical Novae

Nova outbursts eject much less mass than supernova explosions, but novae are much
more frequent events than supernovae in the Galaxy; this has raised the issue of the
potential contribution of such stellar cataclysms to Galactic abundances. Although
the mass injected into the ISM per novae is small, detailed numerical simulations
have indicated novae as major players in the synthesis of some specific nuclear
species, largely overabundant in their ejecta, such as 3¢, 5N, and 70, with a
minor contribution to Galactic levels of other nuclei with A < 40, such as "Li, °F,
or 20A1 (Starrfield et al., 1998; José and Hernanz, 1998).

Radioactivities present in nova ejecta, previously synthesized during the explo-
sion, also constitute a major source of positrons. Indeed, 3N and !8F, and to a
lesser extent 2Na, are the major contributors. The synthesis of *N and '8F naturally
occurs during the operation of the CNO cycle. Actually, the triggering reaction that
powers the onset of the thermonuclear runaway is '2C(p,y)*N, leading to 3N syn-
thesis. The exact amount transported to the outer envelope and contributing to y -ray
emission once transparency allows for the escape of photons, depends on details of
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the evolution, specially on convection. Therefore, detection of positrons from BN,
through the associated electron-positron annihilation emission, would provide an
important diagnostic of the dynamics of nova explosions.

The synthesis of '3F in novae proceeds through the hot CNO cycle. Regardless
of the nature of the white dwarf hosting the explosion (CO or ONe), the initial
abundance of 100 is large, and thus 160 is the main source for !®F formation, which
can take place either through the reaction chain '°O(p,y)!"F(p,y)'8Ne(81)!®F or
via 1°0(p,»)"F(B)70(p,y)'8F. The '8F yields are severely constrained by its
destruction mode, whatever the production channel is. During the runaway, '3F
destruction by beta decays can be neglected when compared to its destruction by
proton captures mainly through '8F(p,a)'30, which is faster than '8F(p,y)!"Ne
(Hernanz et al., 1999). Other nuclear reactions affecting '8F synthesis are proton
captures on 170, j.e. 17O(p,y)lgF and 17O(p,oz)mN (Coc et al., 2000).

Another interesting isotope likely produced during nova outbursts is ’Li. Its
synthesis is believed to proceed through the so-called beryllium transport mecha-
nism (Cameron, 1955), in which the previously synthesized ’Be transforms into "Li
through electron capture (r=77 days, see Table 5.1) releasing a y-ray photon of 478
keV. For this mechanism to be effective, ’Be has to be transported to the outer, cooler
envelope layers, with a timescale shorter than its decay time, in order to preserve its
fragile daughter "Li from destruction. This mechanism requires a dynamic situation
like the one encountered in novae.

The production of ’Li in novae is debated. The first studies based on
parameterized one-zone models (Arnould and Norgaard, 1975), were followed
by hydrodynamic computations (Starrfield et al., 1978b), which did not fol-
low the accretion phase (i.e., they had an initial envelope already in place).
These models indicated that the final amount of ’Li synthesized depends on
the initial abundance of 3He and on the treatment of convection. Later works
based on one or two-zone models (Boffin et al., 1993) pointed out the criti-
cal role played by the photodisintegration reaction 3B(y,p)’Be. Finally, a com-
plete hydrodynamic study, following both the accretion and the explosion phases,
was performed (Hernanz et al., 1996). Formation of 'Be proceeds through a-
captures on 3He, 3He(oz, )/)7Be, since (p,y) reactions can not bridge the A=5 gap;
destruction occurs via 7Be(p,y)gB; however, at high temperatures (7' &~ 108 K)
this rate achieves quasi-equilibrium with the inverse photodisintegration reaction,
8B(y,p)7Be. Indeed, it was shown that a critical issue is the amount of “Be surviv-
ing the TNR, thanks to the efficient role played by ®B photodisintegration (Her-
nanz et al., 1996). 7Li formation is favored in CO novae with respect to ONe
novae, because their faster evolution prior to the TNR (driven by the larger amount
of !2C injected in the envelope) favors ’Be survival and thus final ’Li produc-
tion.

A tentative detection of "Li in the optical band, through the Lil doublet at 6,708
A, was reported for Nova Vel 1999 (Della Valle et al., 2002), but it was later sug-
gested that the spectral feature could instead correspond to a doublet from neutral
nitrogen (Shore et al., 2003).
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Overproduction factors of ’Li with respect to solar values around 1,000 are pre-
dicted by CO nova models, meaning that novae can be important contributors to the
Galactic "Li (Hernanz et al., 1996) (up to 20% of the Galactic content) and may help
to reproduce the steep rise of the observed lithium abundance between the formation
of the Solar System and the present (Romano et al., 1999; Alibés et al., 2002).

Classical nova explosions are also sources of two important radioactive isotopes:
22Na and 2°Al. In the pioneering work by Clayton and Hoyle (1974), it was men-
tioned that novae are potential emitters of 1,275keV y-rays resulting from 2*Na
decay. They assumed *>Na mass fractions in the ejecta of the order of 1073, from
the conversion of 2°Ne to *’Na. In the last 15 years it has been shown that this
conversion is not so efficient, but interestingly, the current accepted 2>Na yields in
the most prolific novae are not far from those historic predictions. The synthesis
of 2*Na in novae proceeds through ’Ne(p,y)?' Na followed either by the decay of
2INa to 2!Ne, i.e. 2'Na(B8)?>'Ne(p,y)**Na, or by a proton capture on >!Na, i.e.
2INa(p,y)?*Mg(B1)**Na (José et al., 1999).

The amount of 22Na synthesized during nova explosions has not yet been deter-
mined reliably. The first hydrodynamic models of nova outbursts did not include
complete nuclear reaction networks covering the Ne-Na and Al-Mg regions. In the
1980s, the crucial role played by some uncertain nuclear reaction rates for the yields
of 22Na (and 2°Al, see below) was finally pointed out, and extensive nova nucleosyn-
thesis models were computed, with parameterized models (i.e. through simplified
one-zone models) with representative temperature-density temporal profiles taken
from evolutionary nova models (Starrfield et al., 1978a). In the 1990s, new one-zone
models for nova nucleosynthesis were developed, adopting various initial compo-
sitions which included the possibility of mixing with massive white dwarf cores.
These models (Weiss and Truran, 1990; Nofar et al., 1991) investigated in detail the
synthesis of 22Na and 2°Al, in view of the then recent detection of galactic 20Al (and
non detection of 22Na). Prompted by the recent discovery of large enrichments of
neon in the spectra of some novae, these calculations explored the outcome of nova
outbursts on massive, ONeMg white dwarfs. Interestingly, Weiss and Truran (1990)
obtained >’Na yields as large as 10~ which combined with envelope masses of
2 x 1079 Mg, gave 4 x 1072 Mg, of ?Na ejected into the interstellar medium. The
most recent hydrodynamic models of ONe (or ONeMg) nova outbursts on masses
larger than 1.0 Mg, provide >’Na yields in the range 107#~1073 Mg (José et al.,
1999; Politano et al., 1995; Starrfield et al., 1998). It is worth mentioning that mixing
can occur at various depths inside the stratified ONe white dwarf: inner ONe core,
outer CO buffer or middle transition zone (Jos€ et al., 2003). If mixing occurs with
the unburned CO buffer on top of the ONe core, no 2Na would be expected (José
et al., 2003).

26 Al production is complicated by the presence of a short-lived (half-life 6.3s)
isomer state, 2°A1™. In fact, when the temperature is smaller than 4 x 108 K (as is
the case in novae), the ground (*°A18) and isomeric states must be treated as two
separate isotopes, because they do not reach thermal equilibrium (Ward and Fowler,
1980).
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The first calculations of Al synthesis during explosive hydrogen burning
(Hillebrandt and Thielemann, 1982; Wiescher et al., 1986) suggested that novae
are likely sites for the synthesis of this radioactive isotope, but not in very
large amounts; these computations relied on solar or CNO-enhanced white dwarf
envelopes. Later computations, again one-zone models, demonstrated the need for
initial envelope enrichment in O, Ne and Mg, dredged-up from the white dwarf
cores, to obtain larger amounts of 26 A] (Weiss and Truran, 1990; Nofar et al., 1991).

The major seed nuclei for 26Al synthesis are 2+ Mg. At the early phases of the
thermonuclear runaway (burning shell temperatures around 5x 107 K), the dominant
reaction is 25Mg(p,y)26A1<§”’”; the subsequent reaction 26 A (/3+)26Mg(p,y)27A1
produces the stable isotope 2’ Al. At larger temperatures (~10% K), the nuclear path
Mg(p,y)P Al(B1)>Mg dominates, with again 2Mg(p,y)*0Al$"”. When temper-
ature reaches 2 x 103K, (p,y) reactions proceed very efficiently and reduce the
amount of 2>Al, leading to the formation of 2Si (* Al(p,y)?°Si) which decays
into 20A1”, thus by-passing 2°Al¢ formation. Also 2°Al itself (in both states) is
destroyed to 2’Si which decays into 2’ Al. In summary, the final amount of *0Al18
and the ratio 2°Al¢/27Al mainly depend on the competition between the two
nuclear paths >*Mg(p,y)> AI(BT)>Mg(p,y)?°Al&"™ and *Mg(p,y)> Al(p,y )0 Si.
The first channel is the only one producing *°Al¢, whereas both channels produce
27Al (through 20A18™(p,y)?’Si(BH)?7 Al or 26Si(BH)20AI" (BT) 2°Mg(p,y)?" Al
(José et al., 1999).

The final 2°Al yields from novae sensitively depend on the initial mass of the
white dwarf and on the degree of mixing between the accreted envelope and the
core. Recent hydrodynamic models of ONe (or ONeMg) nova outbursts on masses
larger than 1.0 My, suggest 2°Al yields in the range 1074~10~2 (José et al., 1999;
Politano et al., 1995; Starrfield et al., 1998). If mixing occurs with the CO buffer on
top of the bare ONe nuclei (or in the transition zone), some 2°Al would be expected
(but no 2>Na), since there is a non negligible amount of the seed nucleus 2Mg both
in the CO buffer and in the transition zone (Jos€ et al., 2003).

5.3 SNIa Explosions

The pyrotechnical displays of the total explosion of stars are called supernovae.
They are characterized by a sudden rise of the luminosity, followed by a steep
decline lasting several weeks and eventually followed by a more gradual decline
lasting many years. The total electromagnetic output, obtained by integrating the
light curve, is ~10% erg, while the luminosity at maximum can be as high as
~10'0 L. The kinetic energy of supernovae can be estimated from the expansion
velocity of the ejecta, vexp ~5,000-10, 000 km s~! and turns out to be ~10°!
erg. Such an amount of energy can only be obtained from the gravitational collapse
of an electron degenerate core, forming a proto- neutron star or a black hole, or
from its thermonuclear incineration to iron — peak isotopes. In the former case, the
gravitational binding energy of a neutron star of ~1.4 Mg and ~10 km radius is
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of the order of ~10°3 ergs and a weak coupling between the source of energy and
matter is enough to fulfill the energetic requirements (Zwicky, 1938). In the second
case, the nuclear specific energy of a carbon oxygen mixture is ¢ ~ 10'8 erg/g,
sufficient to obtain the required energy from burning ~ 1 My (Hoyle and Fowler,
1960).

Supernovae are classified according to their spectrum at maximum light. If
hydrogen lines are absent, they are called Type I supernovae or SNI. If these lines are
present, they are referred to as Type IT or SNII (Minkowski, 1941). Also according to
their spectra, SNI are further divided into three categories. If a prominent line of Sill
is present, they are labeled SNIa. If this line is absent but there is a prominent Hel
line, they are denoted SNIb. If both Sill and Hel lines are absent, the classification
label is SNIc (Wheeler and Harkness, 1990).

The light curves of SNIa are characterized by a rapid rise in luminosity, up to an
average maximum My &~ Mp ~ —19.304+0.03 4+ 51og(Hy/60) (Riess et al., 1999)
in about 20 days, where Hy is the Hubble constant, followed by a comparatively
gentle decline divided into two different epochs. The first epoch after maximum
light lasts ~30 days and the luminosity typically drops by ~ 3™ while the second
phase is characterized by a slow decline with a characteristic time of ~ 70 days.
Infrared photometry shows that in the J, H and K bands there is a well defined min-
imum at ~20 days after maximum and a secondary peak ~30 days after maximum
(Elias et al., 1985), although in some cases this secondary peak is absent.

This behavior can be understood in terms of the deposition of a large amount of
energy, ~10°! ergs, in the interior of a stellar envelope. If it is assumed that half of
this energy is invested into the expansion of the debris and half into their internal
energy, the average temperature is:

E 1/4
T =63 x 104 (%) (5.16)

15

where Egy 51 is the energy released by the supernova in units of 103" erg and R;5
the radius in units of 10'> cm. Consequently:

Pr_ et ~ 1.6 x 104—(R]SESN’5‘)3/4

N

(5.17)

which means that a supernova is, in a certain sense, just a ball of light. Typical
expansion velocities are:

Esv M
v~ 10° <W~ﬁ>cm/s (5.18)

Since the internal energy is dominated by radiation and the expansion is nearly
adiabatic, T o R~!, the total energy will evolve as Ey VT* o R™L.If the
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initial structure is compact, ~ 108 cm, the typical size of a relativistic degenerate
stellar core, the energy decreases from ~ 107! erg to ~ 10* erg when the radius
is ~ 1015 cm, the typical radius at maximum light; i.e. the energy deposited by the
shock is invested in the adiabatic expansion of material. On the contrary, if the initial
structure is extended,

Ry _ Esn Ro

En ~ Ewny
Renv 2 Renv

(5.19)

the luminosity will be given by

N Ewn N 2wc Egy

LP ~ ~ —
Taitt 9Kkt Meny

(5.20)

where the diffusion time has been estimated as:

3R? 9% M,
Taify A Y e (5.21)
Ac 47 cReny

and the thermal energy will provide a luminosity plateau or a broad peak after max-
imum.

Therefore, the explosion of a compact object is able to account for the light curve
of Type Ia supernovae, but an additional source of energy is necessary to explain
the tail. Although in the past some other possibilities were considered, there is now
broad consensus that this energy source is provided by the radioactive decay of °Ni
(Truran et al., 1967; Colgate and McKee, 1969):

Ni —% Co —° Fe

with gni ~ 7 x 10% erg/Mo, gco ~ 1.5 x 10°° erg/Mg and 71,2(Ni) = 6.1 days,
712(Co) = 77.1 days.

The majority of the energy released by the decay of >°Ni and °Co is in the form
of y-rays of ~1 MeV that are scattered and eventually thermalized via Compton
scattering and photoelectric absorption. The resulting thermal photons diffuse and
eventually escape. The observed light curve thus results from a competition of two
time scales describing diffusive energy transport and dynamic expansion. As before,
the diffusion time scale is dominated by Thomson scattering and by absorption
from bound electrons. The contribution of true absorption to the total opacity is
a complicated issue because of the departures from LTE, the Doppler effect intro-
duced by the expansion velocity and the uncertainties introduced by the chemical
composition and the energy levels of different ions. Nevertheless, the opacity seems
to be confined within the range 0.2-0.03 cm?/g. If it is assumed that the envelope
expands with constant velocity, Reny ~ Ro + vexp?, the hydrodynamic time scale is
T, ~ Ro/ Vexp-

Initially the ejecta are opaque, tgiff > T, and the luminosity is small. As time
goes by, tqiff ~ T4, and photons begin to escape. Since the energy output decreases
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exponentially, a peak appears in the light curve that is equal to the instantaneous
deposition of energy and therefore Ly, o< Mnj. After the peak, the radiation trapped
in the envelope diffuses outwards and the luminosity exceeds the instantaneous
energy deposition rate. The width of the peak is determined by an effective diffusion
time:

3/4, —1/4
T = 2T o i PMIN M (5.22)

Later, when the density is small enough, an increasing fraction of the y -photons (and
later also positrons) can escape and, consequently, the luminosity is smaller than the
energy output of radioactive decays. Some radioactive energy may be stored in the
form of ionization, and defer luminosity originating from radioactive energy. See
Arnett (1996) and references therein for a complete discussion.

The observation of the bolometric light curves together with these simple rela-
tionships allow estimates of the mass expelled and the mass of the radioactive ele-
ments synthesized by SNIa: Mepy = 0.4-1.4 Mg and My = 0.1-1 Mg (Stritzinger
et al., 2006). One of the most striking properties of SNIa is their photometric homo-
geneity i.e. the light curve of the majority shows a very small dispersion at max-
imum, oy < 0.3M¥ (Cadonau et al., 1985; Hamuy et al., 1996) when they are
normalized to the peak. All these properties together immediately suggest that the
most plausible scenario is the explosion of a CO white dwarf near the Chandrasekhar
mass in a close binary system.

Spectroscopic observations at different epochs enable tomography of super-
novae. During maximum light, the spectra of SNIa are characterized by various
lines of neutral and singly ionized atoms of Si, Ca, Mg, S and O moving at high
velocities (v ~ 8,000-30,000 km/s) indicating that the outer layers are mainly
composed of intermediate mass elements, i.e. that thermonuclear burning was not
complete (Filippenko et al., 1992). Two weeks after maximum, permitted Fell lines
are prominent, indicating that the photosphere has reached regions where the star
was able to completely incinerate matter (Harkness, 1991). The nebular phase starts
one month after the maximum, roughly when the tail of the lightcurve begins. Dur-
ing this epoch, the spectrum is dominated by forbidden Fell, Felll and Colll emis-
sion lines (Axelrod, 1980). The decrease of the Co lines, together with the relative
intensity of Colll with Felll (Kuchner et al., 1994) provide support for the idea of
a light curve tail powered by the decay of 3°Co. In general, the lines of different
elements have different expansion velocities, indicating a layered structure where
the central regions are occupied by completely burned material, i.e. the iron peak
elements. This property rules out the hypothesis of a prompt detonation since in this
case the white dwarf would be completely converted to Ni.

Despite their remarkable photometric homogeneity, SNIa do exhibit some degree
of heterogeneity. Already in 1973, it was proposed (Barbon et al., 1973) to sub-
divide SNIa into a fast and slow class according to the rate of decline of their light
curve just after maximum, the transition from the peak to the tail, and the decline
of the tail. The slow class is characterized by a broader and more luminous peak
than the fast class. The most extreme cases are SN1991T, considered until recently
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the most energetic event with the broadest peak, and SN1991bg and SN1992K,
which are the reddest, fastest and most subluminous Type Ia supernovae known to
date (Phillips et al., 1992; Ruiz-Lapuente et al., 1992). The difference in brightness
between the extreme cases is ~ 2™28. The large majority of SNIa also display a
remarkable spectroscopic homogeneity (Branch et al., 1993) not only during the
maximum but also during subsequent months. They are classified as Branch-normal
and represent 85% of the total, although there are suggestions that this value should
be reduced to 70%. The prototypes are SN1972E, 1981B, 1989B and 1994D. On the
contrary, 91T-like events display Felll lines before maximum while the 91bg-like
supernovae lack the characteristic secondary maximum in the infrared.

This mildly inhomogeneous set of SNIa exhibits a correlation between peak
magnitude, the width of the peak, and the expansion velocity, in the sense that
the brightest SNIa show the largest expansion velocities (Pskovskii, 1977; Branch,
1981). The correlation between the brightness and the shape of the light curve was
settled definitively when a clear relationship between the maximum of light and the
magnitude decline during the first 15 days after maximum (Am5) was firmly estab-
lished (Phillips, 1993). This correlation (which can be parameterized in terms of the
decline rate (Phillips, 1993; Hamuy et al., 1996), the stretch parameter (Perlmutter
et al., 1997), or via a multi-parameter fit of colors (Riess et al., 1996)) is used to
renormalize the peak magnitudes and thereby substantially reduces the dispersion of
the absolute magnitudes, making SNIa one of the most powerful tools for measuring
cosmological distances.

In principle, these variations in the shape of the light curve can be understood in
terms of the total amount of °Ni synthesized, if the ejected mass is kept constant.
Since the maximum of the luminosity is proportional to the *°Ni mass, the brightest
events are those that have synthesized the largest amount of this material and con-
sequently have larger expansion velocities and broader peaks since the opacity of
iron peak elements is very large. In any case, this diversity of properties poses the
question whether there are two explosion mechanisms, one for the Branch-normal
supernovae and another for the peculiar events, or if there is a unique mechanism
able to account for the broad range of behaviors.

The frequency and the impact on the chemical content of galaxies provide addi-
tional constraints on the different supernova mechanisms. The rate of supernovae
in galaxies is usually normalized to the galaxy blue luminosity (Tammann, 1970)
or to the mass assuming an average M/L-ratio for each galaxy type (Cappellaro
et al., 2003). The most striking feature is that SNIb/c and SNII only appear in
spiral- and irregular galaxies, and are associated with a young populations, while
SNIa can appear in all galaxy types, indicating that they are related to the old stellar
populations. Nevertheless, the SNIa rate per unit mass is almost 3 times larger in
late spirals than in ellipticals, thus implying that at least a fraction of SNIa must be
related to the young stellar population (Cappellaro et al., 2003). Furthermore, there
is some evidence that, on average, SNIa in red or early type galaxies are dimmer,
have faster light curves and slower expansion velocities than those in blue or late
type galaxies (Hamuy et al., 1995, 1996; Branch et al., 1996). On the other hand,
the frequency of supernovae in the Milky Way has been estimated (van den Bergh
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and Tammann, 1991) to be: Ry = 3.32 x 10’2/year, Rip/c = 0.65 x 10’2/year and
Rya = 0.41 x 10~ 2/year. Taking into account that the mass of “°Ni ejected per event
is roughly 0.07, 0.3 and 0.6 Mg for SNII, SNIb/c and SNIa, respectively, it turns
out that nearly half of the galactic iron was synthesized by Type Ia supernovae. This
means that SNIa have to produce the right amount of iron peak isotopes to account
for the observed isotopic Solar abundances.

5.3.1 Chandrasekhar-Mass Models

As discussed in Sect. 5.1.3, the outcome of carbon ignition under degenerate condi-
tions in a white dwarf near the Chandrasekhar limit can be a detonation or a defla-
gration, depending on the particular structure at the moment of ignition, represented
by density, temperature, chemical composition and velocity profiles. For instance,
it is easier to generate the overpressure necessary to launch a detonation at low
densities, ~ 3 x 107 g/lcm?, than at high densities due to the degeneracy dependence
on density and temperature.

5.3.1.1 The Prompt Detonation Model

Even though a pure detonation seems possible from a physical point of view
(Blinnikov and Khokhlov, 1986), this kind of explosion cannot account for the
observed SNIa spectra at maximum light. At densities above ~107 g/cm?, the fuel
is completely incinerated to Fe-peak elements and it leaves only a few hundredths
of a solar mass of intermediate mass elements, which is not enough to produce
the characteristic strong Sill line of SNIa. The rejection of a pure detonation as
the SNIa mechanism is a consequence of the simplicity of this burning mode. As
discussed in Sect. 5.1.3, in the absence of external perturbations like a piston, the
Chapman-Jouget detonation is the only stable solution (other than a deflagration)
of the Rankine-Hugoniot equations that define the burning front. Thus, there are no
free parameters left, no time for modification of the fuel pre-combustion structure,
no diversity, and pure detonations always produce the wrong result. Notice however
that the presence of a shallow thermal gradient close to the ignition profile might
induce the formation of shocks that could burn a large mass in a short time, starting
the dynamical phase of the supernova (Blinnikov and Khokhlov, 1986; Bravo et al.,
1996) and a mixture of deflagration and detonation regimes might be the result.

5.3.1.2 The Deflagration Model

Deflagrations are less constrained from a physical point of view, but their properties
are strongly conditioned by the hydrodynamics of the explosion process itself. As
described in Sect. 5.1.3, at the microscopic scale the speed of the flame only depends
on the local physical conditions. Thus, the laminar velocity of the flame can be
determined as a function of density (Timmes and Woosley, 1992): v|, = = (x,og cm/s,
where po is the density in units of 10° g/cm?, and o and g are fit parameters. For
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P9 < 0.36, @ = 5.68 x 10° and B = 1.46, while for 2 > pg > 0.36, = 3.68 x 10°
and B = 1.03. A further correction can be obtained taking into account the effect of
Coulomb interactions: vj;m = K¢c vl’am, where K. = 0.894—0.03161og (p9) (Bravo
and Garcia-Senz, 1999). The situation becomes extremely complicated when the
flame is accelerated by the deformation induced by hydrodynamic instabilities. This
acceleration is difficult to describe because it implies many length scales, from the
global length scale, ~ 107108 c¢m, to the microscopic width of the laminar flame,
which strongly depends on the density as shown before.

One possibility (Woosley and Weaver, 1986) is to parameterize the velocity of
the deflagration as a function of flame radius, 7, as: vdet w = AUsound (1 — e Br )
The parameters A and B are constrained by the condition that the flame should
propagate at a small Mach number close to the center but should reach velocities as
high as 0.1-0.5 Mach in the outer layers of the white dwarf. A second possibility
(Khokhlov, 1995), assumes that the rate of surface creation by the turbulence is
balanced by the rate of surface destruction due to flame propagation. The deflagra-
tion velocity should then be given by vgef x = 0.54/geffL, where L is the driving
scale, geff = gAt, g is the gravitational acceleration and At is the Atwood number
(Timmes and Woosley, 1992). Such kind of self-regulating regime has been imple-
mented in several ways in many multidimensional simulations of SNIa (Gamezo
et al., 2003; Garcia-Senz and Bravo, 2005). A third possibility (Niemeyer and
Woosley, 1997) is that the deflagration moves at the speed of the Rayleigh-Taylor
bubbles in the nonlinear scale, the so-called Sharp-Wheeler model, in which the
velocity increases linearly with time 7, vger Nw = 0.1gefr?. Finally, the concept of
a subgrid-scale model that takes into account the dissipation of turbulent energy
at microscopic scales has been adopted in many multidimensional simulations per-
formed to date (Schmidt and Niemeyer, 2006; Ropke et al., 2006). In spite of the
differences in the treatment of the flame, most three-dimensional simulations of
SNIa produce quite homogeneous results.

The success or failure of a deflagration model depends on its ability to con-
sume the fuel with the same speed as the front engulfs it, such that it does not
leave unburned pockets of carbon and oxygen behind (Niemeyer and Woosley,
1997). High-resolution simulations aimed to explore the multipoint ignition scenario
(Ropke et al., 2006) indicate that when the number of initial seeds increases, the
ignition volume becomes saturated and the gross features of the explosion converge
towards a unique solution. The optimal number of flame seeds is estimated to be
in the range ~ 100-400 per octant distributed in radius following a Gaussian up to
~ 100-150 km. However, even in the most favorable case it is difficult to obtain
more than 0.7 Mg, of *°Ni and a kinetic energy above 0.7 x 10°! ergs, which is
too small to account for the bulk of bright-normal SNIa. In addition, the deflagra-
tion always leaves a large mass of carbon and oxygen unburned, My, > 0.57 Mg
(Schmidt et al., 2006).

The present three-dimensional simulations of Type Ia supernovae based on a
pure deflagration algorithm have to face the following problems when confronted
with observations: (i) although the amount of Fe-group elements synthesized in the
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explosion is sufficient, the mass of °Ni is not. (ii) the final kinetic energy is always
smaller than the canonical value of 107! ergs. (iii) the synthesis of intermediate-mass
elements is scarce. (iv) the ejecta lack chemical stratification. (v) big clumps of
radioactive >°Ni are present at the photosphere at the time of maximum luminosity.

Before discarding deflagrations as the main mode of Type la supernovae it is
necessary to examine some still poorly understood aspects. For instance, it might be
that the theoretical description of subsonic flames included in the hydrodynamical
codes and used in the simulations is incomplete as is the case when they enter the
distributed regime at densities lower than ~ (1 —3) x 107 g/cm?. It is also important
to notice that the influence of the initial conditions at the onset of the ignitions has
not yet been clarified.

5.3.1.3 The Delayed Detonation Model

In 1974, a burning regime was proposed (Ivanova et al., 1974) in which the ini-
tial flame was not able to unbind the star, leading to a pulsation and a delayed
transformation of the deflagration into a detonation (deflagration-detonation transi-
tion or DDT). The DDT concept was later extended (Khokhlov, 1991; Khokhlov
et al.,, 1993) to include the possibility of a transition to detonation without an
intervening pulsation. The essential ingredient for the formation of a detonation
is the existence of a non-uniformly preheated region with a level of fluctuations of
temperature, density, and chemical composition such that a sufficiently large mass
would be burnt before a sonic wave could cross it. The thermal gradient needed
(Khokhlov, 1991) is:

eT
VT < — (5.23)
AVsound T

where A is a numerical coefficient, A ~ 0.2-5.0,7; =T/ T is the induction time at
the temperature 7', and ® ~ 0.04-0.05 is the Frank-Kameneetskii factor:

dnt;
=2t (5.24)
olnT

There are several mechanisms that can produce such fluctuations: adiabatic pre-
compression in front of a deflagration wave, shock heating, mixing of hot ashes with
fresh fuel (Khokhlov, 1991), accumulation of pressure waves due to a topologically
complex geometrical structure of the flame front, or transition to the distributed
burning regime (Niemeyer and Woosley, 1997). Among these possibilities the tur-
bulence pre-conditioning has received more attention. In the case of a white dwarf
expanding as a consequence of a deflagration, the turbulent velocity has to exceed
the laminar flame velocity by a factor 1-8 at a length scale comparable to the det-
onation wave thickness (Khokhlov et al., 1997). This criterion is fulfilled for flame
densities in the range 5 x 10° g/ecm® < p < (2 — 5) x 107 g/cm? for reasonable
assumptions. At densities above 10% g/cm?, a DDT transition is unlikely (Khokhloy
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et al., 1997) although the bubble fragmentation could increase the flame surface
and facilitate a DDT at p ~ 2 x 10% g/cm?® (Zingale and Dursi, 2007). Despite
the difficulties to justify the DDT models, the one-dimensional delayed detona-
tion simulations are particularly successful in reproducing many key observational
characteristics of SNIa (Hoeflich and Khokhlov, 1996), like the light curves and
photospheric expansion velocities.

5.3.1.4 The Pulsational Delayed Detonation Model

The 3D formulation of the pulsational delayed detonation model is the so-called
Pulsational Reverse Detonation model or PRD. In this scenario the detonation is
triggered by an accretion shock that forms above a quasi — hydrostatic core com-
posed mainly of C—O with a mass of 0.8—1.15 M. Heating by the accretion shock
ignites the fuel slightly below the core’s surface. Because of the inertial confinement
provided by the material falling through the accretion shock, the core cannot expand
and cool efficiently. As a consequence, a detonation propagating inwards forms and
burns most of the core. The resulting energetics as well as the nucleosynthesis are
roughly in agreement with observations, specially concerning the observed stratifi-
cation.

5.3.2 Sub-Chandrasekhar and Super-Chandrasekhar Models

Sub-Chandrasekhar models assume a white dwarf with a mass Mwp < 1.1 — 1.2
Mg that accretes helium rich matter at a rate in the range 1079 < M <5x 108
Mg/year. These rates allow the formation of a degenerate helium mantle around
the initial CO core. When this mantle reaches a critical mass, ~0.2-0.3 Mg, a
thermonuclear runaway starts at its bottom and triggers the explosion of the star
before reaching the Chandrasekhar limit. Notice that white dwarfs with an initial
mass larger than 1.2 M could reach the Chandrasekhar mass before exploding and
experience central ignition.

One dimensional models indicate that before the thermonuclear runaway occurs,
the base of the helium layers becomes convective and transports energy and
part of the reactants away from the inner core boundary in such a way that He
ignites above the interface. The high flammability of helium together with the
low density of the envelope guarantees the formation of a detonation that incin-
erates the envelope and launches a shock wave inwards through the CO core.
Because of the focusing effect of the spherical symmetry, this shock strengthens
and induces the detonation of C in the central region that leads to a supernova
explosion.

These explosions reproduce the gross features of SNla explosions, specially
sub-luminous ones like SN 1991bg and allow to explain with a single param-
eter, the initial mass of the white dwarf, their observed diversity. Despite such
advantages, Sub-Chandrasekhar models are not the favorite to account for SNIa
outbursts. The reason is that they predict the existence of a very fast moving
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layer composed of °Ni and “He that is not observed, as well resulting in light
curves that rise too fast (Hoeflich and Khokhlov, 1996). This fact poses a fun-
damental problem. Since everything able to explode eventually does it, what
prevents the explosion or explains why they have not yet been observed. A
possible explanation could be a lack of spherical symmetry necessary to focus
the inward shock wave, but 3D simulations assuming asynchronous ignitions
in several points scattered through the envelope produce successful explosions
(Garcia-Senz and Bravo, 2005).

The recent analysis of SN2003fg (Howell et al., 2006) has shown this Type Ia
supernova is about 2.2 times more luminous than the average. If the standard anal-
ysis is valid, the mass of °Ni synthesized to account for such a luminosity is ~1.3
Mg, and in order to account for the spectrum at maximum, the ejected mass should
be 2.1 My which implies that the exploding object should have a mass larger than
the Chandrasekhar mass. The only way known to push the mass of a degenerate
structure beyond the Chandrasekhar limit is through rotation. If it is assumed that
the white dwarf rotates as a rigid body, it is possible to delay the ignition up to
masses of the order of 1.4-1.5 M (Piersanti et al., 2003a,b). If differential rotation
is allowed, the ignition can be delayed up to masses ~2 Mg, (Piersanti et al., 2003a).
A follow-up of rigid rotation models has been calculated with a 1D hydrodynamic
code modified to take into account the centrifugal force (Dominguez et al., 2006)
and a weak dependence on the rotation period has been found. The problem is that
these calculations assume that the transition from deflagration to detonation occurs
at a fixed density and it is not known how rotation affects this change of regime of
the burning front.

5.3.3 Nucleosynthesis in Thermonuclear Supernovae

The abundances of the elements synthesized in SNIa events depend on the peak
temperature reached by the material and on the excess of neutrons versus protons.
Roughly speaking, the SNIa material undergoes four burning regimes: (i) nuclear
statistical equilibrium (NSE), (ii) incomplete Si burning, (iii) incomplete O burning
and (iv) incomplete C—Ne burning (Woosley, 1986). The neutron excess depends
on the initial abundance and distribution of the neutron rich isotopes like 22Ne,
which depend on the metallicity and thermal history of the white dwarf, and on
the extent of electron captures on the burned material, which mainly depends on
the ignition density and on the burning regime. Another complication comes from
the additional degrees of freedom introduced by 3D flames that open a variety of
possible ignition modes as well as the possibility of leaving pockets of unburned
material. Finally, the adopted nuclear reaction and electron capture rates are an
important source of uncertainty. Despite all these factors it is possible to obtain
some insight into the problem using parameterized 1D models with different propa-
gation velocities of the burning front, different ignition densities and different initial
metallicities. Three dimensional models still need some additional work.



262 J. Isern et al.

The chemical composition of matter in nuclear statistical equilibrium (NSE) with
equal number of protons and neutrons, i.e. with electron mole number Y, = 0.5,
peaks around *°Ni. When Y, takes values in the range 0.470-0.485, the peak moves
towards ®Ni, and 3*Fe; values in the interval 0.46-0.47 produce predominantly
0Fe; values in the range of 0.45-0.43 are responsible of the formation of *%Fe,
54Cr, 30Ti and ®Ni, while values below 0.43-0.42 are responsible for 48Ca. Param-
eterized models indicate that the amount of mass with Y. < 0.45 depends on the
ignition density, while that with 0.47 < Y. < 0.485 depends on the deflagration
velocity.  Therefore 58Fe, S4Cr, 3OTi, **Ni and *3Ca are a measure of Pig While
38Ni, >*Fe are a measure of vge (Thielemann et al., 2004). It is important to real-
ize that the change from using the Fuller et al. (1985) rates to the Langanke and
Martinez-Pinedo (2000) rates strongly alleviates the chronic problem of producing
an excess of neutronized species. In any case, to correctly evaluate the implications
of the nucleosynthesis resulting from the different mechanisms and explosion sce-
narios it is necessary to integrate them into a galactic chemical evolution model that
takes into account the contributions of all the iron — peak producers (Bravo et al.,
1992; Matteucci et al., 1993). The nucleosynthesis yields also depend on a more
subtle parameter, the abundance profiles of carbon and oxygen, which in turn are a
function of the mass and initial metallicity of the progenitor of the white dwarf. In
general, low mass progenitors produce white dwarfs with oxygen abundances in the
center as large as Xo = 0.7 (D’ Antona and Mazzitelli, 1989; Salaris et al., 1997).
This abundance can be enhanced as a consequence of the sedimentation induced by
crystallization (Canal et al., 1990) if the white dwarf has had time to solidify before
the start of the accretion phase. The differences in the energetic contents of carbon
and oxygen nuclei translates into different °Ni yields (Dominguez et al., 2001). A
similar effect is produced by the abundance and distribution of >*Ne across the star
(Bravo et al., 1992). These differences in the final production of S6Nj translate into a
dispersion of the peak SNIa luminosities of ~0.2 magnitudes. This value is smaller
than the observed differences at high redshift and thus does not invalidate the use
of SNIa for measuring distances but introduces some caution in the context of their
use to determine the cosmological equation of state (Dominguez et al., 2001).

5.4 X-Ray Bursts and Superbursts

X-ray bursts were serendipitously discovered in 1975 by Grindlay et al. (1976), and
independently, by Belian et al. (1976). In contrast to standard transient sources,
characterized by lifetimes ranging from weeks to months, these new cosmic X-
ray sources (a subset of the low-mass X-ray binary class, or LMXB) exhibit brief
bursts, lasting from seconds to minutes (see Bildsten, 1998; Lewin et al., 1993,
1995; Strohmayer and Bildsten, 2006, for reviews).

The two bursting episodes reported by Grindlay et al. (1976). were based on
observations performed with the Astronomical Netherlands Satellite (ANS) on a
previously known X-ray source, 3U 1820-30, located in the globular cluster NGC
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6624. Similar events were reported by Belian et al., from X-ray observations of
sources in the Norma constellation, performed with two military Vela-5 satellites,
covering the 15-month period from May 1969 to August 1970.

One year later, three additional burst sources, one of them, the enigmatic Rapid
Burster (XBT 1730-335), were identified within a few degrees of the Galactic center
(Lewin et al., 1976). Within a year, 20 additional burst sources were discovered,
mainly by SAS-3 and OSO-8 satellites. To date, more than 90 Galactic X-ray
burst sources (hereafter, XRBs) have been identified (Liu et al., 2007), with burst
durations of ~10-100 s, and recurrence periods ranging from hours to days.

5.4.1 The Nature of Type I X-Ray Bursts

Maraschi and Cavaliere (1977), and independently, Woosley and Taam (1976), were
the first to suggest the possibility that XRBs are powered by thermonuclear run-
aways on the surface of accreting neutron stars. However, it was soon realized that
the quick succession of flashes exhibited by the Rapid Burster (with recurrent times
as short as ~10s; see Fig. 5.4), didn’t match the general pattern shown by these
bursting sources. A major breakthrough in the understanding of the nature of these
cataclysmic events was the discovery of two different kinds of bursts associated
with the Rapid Burster (Hoffman et al., 1978): a classification of type I and type 11
bursts was then established, the former associated with thermonuclear flashes, the
later linked to accretion instabilities. In fact, during many years, type II bursts were
unequivocally linked with the Rapid Burster, the only object that showed both type I
and type II bursts. More recently, a second member of the type II class, the bursting
pulsar GRO J1744-28, has been identified. Hereafter, we will focus on type I X-ray
bursts, the most frequent type of thermonuclear stellar explosion in the Galaxy (the
third, in terms of total energy output after supernovae and classical novae).

The first evidence of the thermonuclear origin of type I XRBs came from
lightcurve analysis, in particular the ratio between time-integrated persistent and
burst fluxes, . It was soon realized that the ratio between the gravitational poten-
tial energy released by matter falling onto a neutron star (G Mys/Rys ~ 200
MeV/nucleon) during the accretion stage and the nuclear energy liberated during
the burst (~ 5 MeV/nucleon, for a solar mixture transformed into Fe-group nuclei),
match the values inferred for «, in the range ~ 40-100.

The spatial distribution of type I XRBs matches that of LMXBs, with a clear
concentration towards the Galactic center. A significant fraction of XRBs is indeed
found in globular clusters. This pattern suggests that they are associated with an
old stellar population (Lewin et al., 1993). The donors transferring material onto
the neutron stars in XRBs are faint, low — mass stars (M < 1 Mgp), either Main
Sequence or Red Giant stars. Recently, the first extragalactic XRBs were discovered
in two globular cluster source candidates of the Andromeda galaxy (M31) (Pietsch
and Haberl, 2005).



264 J. Isern et al.

I 1

Lo o oA o

SRR VYT T T L SR VTTT NI\ W PYTT Y,
R MWA

L TR T UJM'MWWML Ko

Fig. 5.4 Type II bursts from the Rapid Burster, based on SAS-3 observations performed in march
1976. The burst pinpointed with an arrow is actually a type I burst. Image from Lewin (1977)

It is believed that mass transfer episodes are driven by Roche-lobe overflow,
hence leading to the build-up of an accretion disk around the neutron star. The max-
imum mass-accretion rate is set by the Eddington limit (Mggq ~ 2 x 1078 Mg/year,
for H-rich accretion onto a 1.4 My neutron star). Typically, XRB sources have
orbital periods ranging from 1 to 15h (White et al., 1995).

The nature of the underlying primary star was initially a matter of debate. A
model involving accretion onto massive black holes (> 100 M) was proposed in
the 1970s (Grindlay and Gursky, 1976). Nevertheless, XRB observations in globu-
lar clusters (from which reasonably accurate distance estimates can be obtained),
performed with the OSO-8 satellite, best fitted with a blackbody spectrum with
kT ~ 0.87-2.3keV (Swank et al., 1977), suggested a source with much smaller
dimensions than a super-massive black hole (either a neutron star or a stellar mass
black hole). Other features, such as the harder X-ray spectra of XRB sources com-
pared with most of the X-ray transients hosting black hole candidates, as well as
the masses inferred from those systems, point towards a neutron star primary (van
Paradijs and McClintock, 1995).
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Indeed, the masses inferred for neutron stars in XRBs are quite uncertain. How-
ever, two lines observed in the XRB spectra of EXO 0748-676 (suggested to be H-
and He-like Fe lines; see Cottam et al., 2002), plus the measurement of a 45 Hz
neutron star spin frequency in the same source, allowed mass estimates in the range
1.5 < Mys(Mg) < 2.3, with a best fit for 1.8 M (Villarreal and Strohmayer,
2004).

Light curves from X-ray bursts show a large variety of shapes (with single, dou-
ble, or triple-peaked bursts; Fig. 5.5). Generally speaking, they are characterized
by a fast rise (~1-10s), a peak luminosity of ~ 3 x 10%® erg/s (Galloway et al.,
2008; Lewin et al., 1993; Kuulkers et al., 2003), followed by a slower (sometimes
exponential-like) decline (~10-100s).

An interesting feature, observed in the spectra of many XRBs, is a 4.1 keV emis-
sion line (Waki et al., 1984), interpreted as Lyman « lines of helium-like Fe atoms,
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broadened by Doppler and gravitational effects, likely originating at the inner edge
of the accretion disk. Indeed, it has been suggested that time-resolved spectroscopy
can in principle allow measurements of the surface gravitational redshift (Damen
et al., 1990; Smale, 2001).

The fact that XRB sources do not exhibit X-ray pulsations suggest that the
underlying neutron stars have weak magnetic fields (< 10!' G). Indeed, pulsa-
tions are assumed to result from misalignment between the magnetic axis and the
rotation axis of the neutron star. Moreover, it is unlikely that XRBs will originate
from highly magnetized neutron stars, as a strong magnetic field would funnel the
infalling charged plasma towards a small fraction of the neutron star surface, close
to the magnetic caps; the effective accretion rate (per unit area) would be so high,
that suppression of thermonuclear flashes would be expected (Joss, 1978; Taam and
Picklum, 1978).

The understanding of the nature of XRBs requires also multiwavelength observa-
tions beyond the X-ray domain: in 1978, the first simultaneous optical/X-ray burst
was detected from the source 1735-444 (Grindlay et al., 1978). The fluence in the
optical burst was ~ 2 x 107 times that of the X-ray band, too large to be explained
by the low-energy tail of the blackbody X-ray burst emission (Lewin et al., 1993).
More important, the optical burst was delayed by ~3 s with respect to the X-ray
peak (McClintock et al., 1979). A similar delay (~1.4s) was also reported from
Ser X-1 (Hackwell et al., 1979), and later, from many other sources (Lewin et al.,
1993). These results suggest that optical emission observed from XRBs corresponds
to reprocessing of X-rays in material within a few light-seconds from the source.
Likely sites for this reprocessing include the accretion disk that surrounds the neu-
tron star as well as the hemisphere of the secondary star directly illuminated by the
X-ray source. Hence, the delay in the optical wavelengths results from travel-time
differences between the X-rays leading directly to the observer and those that first
intercept the disk, lose energy (becoming optical photons), and finally reach the
observer.

The situation is less clear at other wavelengths: infrared emission has been sug-
gested to accompany type I X-ray bursts. Indeed, detection of an infrared burst from
the Rapid Burster has been claimed in the past (Kulkarni et al., 1979), although
an unambiguous confirmation is lacking (Lewin et al., 1980). Also, although radio
bursts have been reported from the Rapid Burster, no X-ray bursts were seen simul-
taneously (Hayakawa, 1981). More detailed observations at these wavelengths are
required to disentangle the controversy.

5.4.2 Modeling X-Ray Bursts

Modeling of type I XRBs and their associated nucleosynthesis has been extensively
addressed by different groups. This reflects the astrophysical interest in determining
the nuclear processes that power such explosions as well as in providing reliable
estimates for the composition of the neutron star surface (Maraschi and Cavaliere,
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1977; Woosley and Taam, 1976; Joss, 1977). Nonetheless, several thermal, radiative,
electrical, and mechanical properties of the neutron star depend critically on the
specific abundance pattern of its outer layers. Moreover, the diversity of shapes of
XRB lightcurves is also probably due to different nuclear histories (see Heger et al.,
2007, for a detailed analysis of the interplay between long bursts and the extension
of the rp process), suggesting that the final chemical composition, at the end of the
burst, is not unique.

The properties of the bursts are also affected by compositional inertia; that is,
they are sensitive to the fact that accretion proceeds onto the ashes of previous
bursts (Taam, 1980; Woosley et al., 2004). Indeed, this compositional inertia reduces
the recurrence times between bursts, especially for scenarios involving accretion of
metal-poor matter. Another critical quantity is the emerging heat flux from deeper
layers of the neutron star (Ayasli and Joss, 1982; Fushiki and Lamb, 1987; Brown,
2000), which proved critical to the burst properties of pure He bursts (Bildsten,
1995).

The first studies of localized TNRs on neutron stars (Shara, 1982) suggested
that heat transport was too inefficient to spread a local flame to the overall stel-
lar envelope. Therefore, localized, volcanic-like explosions were predicted during
X-ray bursts. However, it is worth noting that these studies relied only on radiative
and conductive transport, ignoring the crucial role played by convection on the lat-
eral thermalization of a TNR. The scenario was revisited by Fryxell and Woosley
(1982), who suggested that the most likely outcome involves TNRs propagated by
small-scale turbulences, in a deflagrative regime, leading to the horizontal spread
of the front at typical velocities of ~5 x 10% cm/s. Such speeds suggest that the
time required for a flame to engulf the entire stellar surface is much longer than
the characteristic spin periods of accreting neutron stars (~milliseconds). Hence, it
was predicted that fast rotation of the neutron star could modulate localized burning
regions, eventually allowing for a direct observation of the neutron star spin. Indeed,
the discovery of high-frequency, burst oscillations in the X-ray source 4U1728-34
(360-600 Hz; see Strohmayer et al., 1996) provided first observational evidence for
millisecond rotation periods in accreting neutron stars. Since then, burst oscillations
have been claimed for many additional sources. Studies to constrain neutron star
properties based on modeling of such oscillations are currently underway.

5.4.3 Nucleosynthesis in Type I X-Ray Bursts

In contrast to classical nova outbursts, where the main nuclear activity is driven by
proton-capture reactions in competition with 8+-decays, X-ray bursts are triggered
by a combination of nuclear reactions, including H-burning (via rp process) and
He-burning (that initiates with the triple a-reaction, and is followed both by the
breakout of the CNO cycle through '* 13O+, plus a competition of proton captures
and («,p) reactions — the so-called ap process). Moreover, with a neutron star as the
underlying compact object hosting the explosion, temperatures and densities in the
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accreted envelope reach quite high values: Tpeax > 10° K (an order of magnitude
higher than in nova outbursts), and p ~ 100 g/cm3. As a result, detailed nucle-
osynthesis studies require the use of hundreds of isotopes, up to the SnSbTe mass
region (Schatz et al., 2001), or even beyond (the nuclear activity in Koike et al.,
2004 reaches '?°Xe), and thousands of nuclear interactions extending to the proton
drip line. In sharp contrast, the main nuclear activity for classical novae is limited to
Ca, and runs close to the valley of stability.

Because of computational limitations, studies of XRB nucleosynthesis have usu-
ally been performed with limited nuclear reaction networks. More recently (Schatz
et al., 1999, 2001), detailed nucleosynthesis calculations have been carried out with
networks containing more than 600 isotopes (up to Xe, in Schatz et al., 2001),
but using a one-zone approach, or also one-zone nucleosynthesis calculations with
temperature and density profiles obtained with spherically symmetric evolution-
ary codes, linked to a 1,270-isotope network extending up to '**Bi (Koike et al.,
2004). Other attempts (Parikh et al., 2008) include one-zone nucleosynthesis cal-
culations, with temperature and density profiles obtained from the literature, and
a large nuclear reaction network, containing 606 isotopes (up to ''*Xe) and more
than 3,500 nuclear processes. Note however that different numerical approaches and
approximations have been adopted in all those works (hydrodynamic simulations
with limited networks or one-zone calculations with detailed networks) and hence,
the predicted nucleosynthesis in each case has to be taken with caution. Indeed,
recent attempts have been made to couple hydrodynamic stellar calculations (in
1-D) and detailed networks with ~300 isotopes, up to 7 Te (Fisker et al., 2008; Tan
et al., 2007), with 1,392 nuclear processes and 325 isotopes, up to %7 Te (José et al.,
2010), or with networks containing up to 1,300 isotopes in an adaptive framework
(Woosley et al., 2004).

To date, no multidimensional calculation for realistic XRB conditions has been
performed (notice that the recent 2-D study by Zingale et al., 2001, relies on He-
detonations on neutron stars, whereas TNRs are expected to propagate deflagratively
in XRBs).

The relevant nuclear reaction path in XRBs (see Fig. 5.6) has been extensively
discussed in the literature (José et al., 2010; Iliadis, 2007; Fisker et al., 2008): the
most interesting nucleosynthesis is achieved for mixed H/He bursts, because of the
complex nuclear reaction interplay (see details in Fisker et al., 2008; José et al.,
2010). For illustrative purposes, we describe the main nuclear activity achieved for
typical XRB conditions: a 1.4 Mg, neutron star, accreting solar-like material at a con-
stant rate of 1.75x 10~ Mg/year (José and Moreno, 2006; José et al., 2010). In gen-
eral, such bursts are initiated by H-burning, specifically the cold mode of the CNO
cycle (mainly through ">C(p,y)3N(BT)'3C(p,y)*N). At moderate temperatures,
the main nuclear flow proceeds close to the valley of stability. When 7' ~ 2 x 108
K, the nuclear activity already reaches “’Ca, with the most abundant species being
H, 4He, and %150, When T approaches ~3 x 108 K, the 3« reaction dominates
the nuclear flow, together with a combination of (p,y) and (p,«) reactions, and some
BT decays (mainly 32’33C1). At T ~ 4 x 103 K, CNO-breakout ensues, initially led
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Fig. 5.6 Main nuclear path during a typical X-ray burst. Figure from Schatz et al. (1999)

by 150(a,y)!"Ne (see Fisker et al., 2006, for a study of the impact of the >O(a,y)
rate on the bursting behavior of an accreting neutron star), and followed by two
consecutive proton-captures on 2°Na and >'Mg, where the flow recedes due to the
strong photodisintegration reactions on 22Al. Following ' Mg-decay, the flow shifts
to 2!Na(p,y )**Mg, moving away from the valley of stability, towards the proton-drip
line. As the rise of the temperature continues, and enough '#O is build-up through
the triple-a reaction, followed by '2C(p,y)"*N(p,y )40, the alternative path through
14O(oz,p)”F dominates the flow (Champagne and Wiescher, 1992; Woosley et al.,
2004), by-passing the 3O(a,y)!?Ne link to 2! Na through "F(p,y)'®Ne(a,p)*' Na,
with ®Ne(a,p)?! Na representing the main path towards heavier species.

When T ~ 1.5 x 10° K, the most abundant species in the envelope become
18Ne, 21-22Mg (from '"®Ne(a,p)?'Na(p,y)**Mg), 2Si, 285-28P, 3 Ar-33Cl, and VK,
the first isotope that achieves an abundance of 10% by mass. At this stage, the flow
has reached ®*Ge. Shortly after, the envelope achieves peak temperature, Tpeak ~
1.7 x 10° K. The most abundant isotope (except for H) is >*Ni, and later, ®*Ge and
%8Se. During the subsequent decline, the nuclear flow is dominated by a cascade of
B-decays. The final composition of the envelope, which is not ejected by the TNR,
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is essentially composed of elements with A = 60-70, mainly *Zn (originally as
% Ge, and **Ga), and %8Zn (°8Se), with traces of other species. Explosions in lower
metallicity envelopes are characterized by an extension of the main nuclear path by
the rp process, much beyond °Ni, up to the SnSbTe region (Schatz et al., 2001) or
beyond, according to a recent reanalysis of the role of photodisintegration reactions
in this mass region (Elomaa et al., 2009).

Most of the reaction rates required for these extensive nucleosynthesis calcula-
tions rely on theoretical estimates from statistical models, and may be affected by
significant uncertainties. Efforts to quantify the impact of such nuclear uncertainties
on the overall abundance pattern accompanying XRBs have been undertaken by
different groups (Iliadis et al., 1999; Thielemann et al., 2001; Amthor et al., 2006),
revealing a complex interplay between the nuclear activity and the shape of the light
curve (Hanawa et al., 1983; Woosley et al., 2004). The most extensive work to date
(Parikh et al., 2008), has helped to identify the most influential nuclear processes:
65As(p, y)66Se, 61Ga(p, y)62Ge, 12C(a, y)160, 96Ag(p, y)97Cd, and in a lesser
extent, 3OS(oz, p)33C1, 56Ni(a, p)59Cu, 59Cu(p, y)6OZn, 86M0(p, )/)87TC, 92Ru(p,
)/)93Rh, IOZIn(p’ )/)]03811, and ]03In(p, )/)104811.

A major drawback in the modeling of X-ray bursts comes from the lack of
observational nucleosynthetic constraints (beyond the obvious implications for the
physics of the neutron star crusts, outlined at the beginning of this Section). The
potential impact of XRB nucleosynthesis on Galactic abundances is still a matter
of debate: although ejection from a neutron star is unlikely because of its large
gravitational potential, radiation-driven winds during photospheric radius expan-
sion may lead to ejection of a tiny fraction of the envelope, containing nuclear pro-
cessed material (Weinberg et al., 2006; MacAlpine et al., 2007). Indeed, although
it has been claimed that XRBs may help to explain the Galactic abundances of the
problematic light p-nuclei (Schatz et al., 1998), new calculations have ruled out
this possibility (Bazin et al., 2008; José et al., 2010). Finally, it has been proposed
that a way to overcome the lack of observational constraints may come from the
identification of gravitationally redshifted atomic absorption lines, which could be
identified through high-resolution X-ray spectra (Bildsten et al., 2003; Chang et al.,
2005, 2006; Weinberg et al., 2006). Indeed, although specific features have been
reported in the spectra of 28 XRBs detected from EXO 0748-676 during a 335 ks
observation with XMM-Newton (Cottam et al., 2002), interpreted as gravitationally
redshifted absorption lines of Fe XXVI (during the early phase of the bursts), Fe
XXV, and perhaps O VIII (during the late stages), no evidence for such spectral
features was found neither after a 200 ks observation of GS 1826-24, from which
16 XRBs were detected (Kong et al., 2007), nor after a 600ks observation of the
original source EXO 0748-676 (Cottam et al., 2008; Rauch et al., 2008).

5.4.4 Superbursts
Whereas regular, type I XRBs are characterized by common features in terms of

duration, energetics, and recurrence times, a few extremely energetic events have
recently been detected thanks to better performances in monitoring achieved with
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X-ray satellites (i.e., BeppoSAX, Chandra, or XMM-Newton). These rare and rather
violent events are known as superbursts (see Kuulkers, 2004; Cumming, 2005, for
reviews). The first observation of a superburst was reported by Cornelisse et al.
(2000) in the framework of a “common” type I bursting source (c.f., the BeppoSAX
source 4U1735-44).

To date, 15 superbursts from 10 different bursting sources have been discovered,
including GX 1742, for which 4 superbursts have been identified (in’t Zand et al.,
2004). Although the term superburst was first used by Wijnands (2001) to describe
these very long X-ray bursts, historically the same name was applied to a relatively
strong type I XRB reported from 4U1728-34 by Basinska et al. (1984), back in
1984.

Superbursts represent some sort of extreme X-ray bursts: they have long dura-
tions (see Fig. 5.7), with a typical (exponential) decay time ranging from 1 to
3h (including an extreme case, KS 1731-260, that lasted for more than 10h; see
Kuulkers et al., 2002), extremely energetic (about ~1,000 times more than a typical
XRB, that is, ~10** erg), and with much longer recurrence periods (4.7 year for
the system 4U 1636-53, for which two superbursts have been observed to date; see
Wijnands, 2001). Although superburst sources also exhibit regular type I XRBs,
their occurrence is quenched for about a month after each superburst.

The duration and energetics of superbursts suggest that they result from ther-
monuclear flashes occurring in deeper fuel layers than those from typical X-ray
bursts (at densities exceeding 10° g/cm3; see Cumming and Bildsten, 2001), more
likely, in the C-rich ashes resulting from type I X-ray bursts (first proposed by
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Fig. 5.7 Time evolution of the X-ray luminosity of the 3-hr long superburst observed with the
RXTE satellite in the source 4U 1820-30. Figure from Strohmayer and Brown (2002)
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Woosley and Taam, 1976; see also Brown and Bildsten, 1998; Cumming and Bild-
sten, 2001; Weinberg and Bildsten, 2007).

Controversy remains over how much carbon is left after a type I burst: some
studies (Schatz et al., 1999, 2001) have indeed shown than most of the C is burnt
during the previous H/He burning episodes. However, other analyses (Cumming
and Bildsten, 2001) led to the conclusion that even small amounts of carbon are
enough to power a superburst (especially in neutron star oceans enriched from the
heavy ashes driven by the rp process). Recent studies suggest that both stable and
unstable burning of the accreted H/He mixture are required to power a superburst
(in’t Zand et al., 2003). Alternative models have also been proposed to account for
the origin of such superbursts, including TNRs on strange quark matter stars (Page
and Cumming, 2005).

5.5 Observational Diagnostics of Binary-Systems

5.5.1 Gamma-Rays from Radioactivity

Novae and supernovae emit y-rays because some of the nuclei they synthesize and
eject into the interstellar medium are radioactive, either 81 -unstable (i.e., emitting
a positron when decaying) or undergoing electron captures. Radioactive isotopes
decay to excited states of their daughter nuclei, which de-excite to their ground
states by emitting y-ray photons with energies around 1MeV, over a wide range
of timescales. Table 5.1 shows the most relevant radioactive isotopes produced
in novae and supernovae. Two additional isotopes, the *-unstable >N and '8F
(r=862s and 158 min, respectively), are also important in the case of novae. The
emitted y-rays can be potentially detected, either in individual objects or as diffuse
emission from the cumulative y-ray output of many objects in the galaxy, when-
ever the lifetime of a given isotope is longer than the average period between two
successive events producing it (see Sect. 5.5.1.3). In addition, the positrons emitted
when B -unstable nuclei decay annihilate with electrons and produce emit y-rays,
powering a 511keV line plus a continuum below this energy.

The shape and intensity of the y-ray output of novae and supernovae, as well as
its temporal evolution, depend not only on the number of y-ray photons produced,
but also on how they propagate through the expanding envelope and ejecta. The
first step to compute the spectrum is to generate y-rays according to the decay
schemes of the corresponding radioactive isotopes. The number of photons gen-
erated in a particular object depends on the isotopic abundances and decay rates
of the relevant nuclei. In addition to these direct y-ray photons, positrons emitted
as a consequence of the radioactive decays of the BT -unstable nuclei (see Table
5.1) should be traced. Once photons are generated, their trip across the expanding
ejecta should be simulated by taking into account the various interaction processes
affecting their propagation, i.e., Compton scattering, e”—e™ pair production, and
photoelectric absorption.
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The treatment of positron annihilation deserves particular attention. The role of
magnetic fields is crucial, but it is not well known how to handle it. Thus, some
drastic approximations are often made. When a positron is emitted, it can either
escape without interacting with the expanding envelope or annihilate with an ambi-
ent electron. In nova envelopes, it is safe to assume that positrons thermalize before
annihilating. This approximation is wrong in less than 1% of cases in an electronic
plasma (Leising and Clayton, 1987). In a neutral envelope, the excitation cross-
section dominates any other interaction at energies above ~100 eV (Bussard et al.,
1979), and thus positrons lose energy until they reach this value. In order to repro-
duce this braking effect, positrons should be propagated until they cross an equiva-
lent column of ~0.2 g/cm?, measured along a straight line (Chan and Lingenfelter,
1993). This is the mean range expected for a 0.6 MeV positron slowing to energies
~100 eV through elastic collisions with the surrounding medium, when the effect
of magnetic fields on its propagation is neglected. Once thermalized, the positron
covers a negligible distance and then annihilates.

For densities and temperatures typical of novae and SNIa envelopes, positrons
form positronium (positron — electron system) in ~90% of annihilations (Leising
and Clayton, 1987), while in the remaining 10% of cases they annihilate directly.
Positronium is formed in the singlet state 25% of the time, leading to the emis-
sion of two 511keV photons, and in the triplet state 75% of the time, leading to a
three-photon annihilation continuum. The spectrum of photons produced from the
triplet state was obtained by Ore and Powell (1949). Therefore, once a positron is
produced, its trip should be followed until it escapes or covers the average energy-
loss distance. In the latter case it produces positronium 90% of the time, resulting
in triplet or singlet annihilations in a 3:1 ratio, while in 10% of the cases it anni-
hilates directly. Monte Carlo codes, based for instance on the method described in
Pozdnyakov et al. (1983) and Ambwani and Sutherland (1988), are well suited to
compute the y-ray output of novae and type Ia supernovae (Gémez-Gomar et al.,
1998a,b).

5.5.1.1 Gamma-Ray Emission from Individual Classical Novae

The potential of novae as y-ray emitters was first pointed out by Clayton and Hoyle
(1974), who stated that observable y-rays from novae would come from electron-
positron annihilation, with positrons from BN, 140, 150 and 2Na decays, as well as
aresult of the decay of 140 and ?2Na to excited states of *N and 22Ne nuclei, which
de-excite by emitting photons at 2.312 and 1.274 MeV respectively. Some years
later, Clayton (1981) noticed that another y-ray line could be expected from novae
when 7Be transforms (through an electron capture) to an excited state of 'Li, which
de-excites by emitting a photon of 478 keV. The original idea came from Audouze
and Reeves (1982), and both works were inspired by the contemporaneous papers
mentioning the possibility of ’Li synthesis in novae (Arnould and Norgaard, 1975;
Starrfield et al., 1978b). In fact, TLi production in novae was, and continuous to be,
a crucial topic (Hernanz et al., 1996), since Galactic 7Li is not well accounted for by
other sources, either stellar (AGB stars), interstellar (spallation reactions by cosmic
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rays) or cosmological (Big Bang). The main ideas presented in these pioneering
studies have remained unchanged; but some aspects have changed in the last 20
years, mainly related to new detailed nucleosynthesis studies of novae.

The y-ray signatures of classical novae depend on their yields of radioactive
nuclei (see the reviews by Leising (1991, 1993) and Hernanz (2002, 2008). CO and
ONe novae differ in their production of "Be, 2’Na and 2°Al, while they synthesize
similar amounts of 3N and '8F. In both nova types, there should be line emission at
511keV related to e”—e™ annihilation, and a continuum produced by Comptonized
511 keV emission and positronium decay.

The temporal evolution of the whole y-ray spectrum of four representative nova
models is shown in Fig. 5.8. The most prominent features of the spectra are the
annihilation line at 511 keV and the continuum at energies between 20 and 30 keV
and 511keV (in both nova types), the 7Be line at 478keV in CO novae, and the
22Na line at 1275 keV in ONe novae. Therefore, the main difference between spectra
of CO and ONe novae are the long-lived lines, which directly reflect the different
chemical composition of the expanding envelope ('Be-rich in CO novae and *’Na-
rich in ONe ones).

The early y-ray emission, or prompt emission, of novae is related to the disinte-
gration of the very short-lived radioisotopes '*N and '8F. The radiation is emitted as
aline at 511 keV (direct annihilation of positrons and singlet state positronium), plus
a continuum (Gémez-Gomar et al., 1998a; Hernanz et al., 2002). The continuum
is related to both the triplet state positronium continuum and the Comptonization
of the photons emitted in the line. There is a sharp cut-off at energies 20-30keV
(the exact value depending on the envelope composition) because of photoelectric
absorption (see Fig. 5.8). The largest flux is emitted in the (20-250) keV range, since
the continuum has its maximum at ~60keV (ONe novae) and at ~45keV (CO
novae), followed by the flux in the (250-511) keV range (excluding the 511keV
line) and the flux in the 511 keV line (see Fig. 5.9). The two maxima in the light
curves of the 511 keV line correspond to >N and '3F decays, but the first maximum
is difficult to resolve because its duration is extremely short; in addition, it is very
model dependent: only 3N in the outermost zones of the envelope could be seen
in y-rays because of limited transparency at very early epochs and, therefore, the
intensity of the first maximum depends on the efficiency of convection. This first
maximum thus provides important insight into the dynamics of the envelope after
the peak temperature is attained at its base.

The annihilation emission is the most intense y -ray feature expected from novae,
but unfortunately it has a very short duration, because of the short lifetime of the
main positron producers (3N and '8F). There are also positrons available from *?Na
decay in ONe novae, but these contribute much less (they are responsible for the
plateau at alow level, between 10 %and 1073 ph/cmz/s, ford = 1kpc; see Fig. 5.9).
However, after roughly 1 week the envelope is so transparent that >>Na positrons
escape freely without annihilating. In summary, annihilation radiation lasts only
~1 day at a high level, and 1-2 weeks at a lower level plateau (the latter only in
ONe novae). Another fact preventing easy detection is the early (before the nova is
discovered optically) appearance of y-rays from electron-positron annihilation (see
Fig. 5.9).
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Fig. 5.8 Top panel: spectra of ONe novae of masses 1.15 (solid) and 1.25 Mg (dotted). at different
epochs after Tax (labels for dotted lines follow the same sequence as those for solid lines: from
top to bottom 6, 12, 18, 14 and 48 h). Bottom panel: same for CO novae of masses 0.8 (solid) and
1.15 Mg, (dotted). Distance is 1 kpc
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The most distinctive feature in the y-ray spectra of CO novae is line emission at
478 keV, related to de-excitation of the 7Li which results from an electron capture
on "Be. The light curves of the 478 keV line are shown in Fig. 5.10: the flux reaches
its maximum at day 13 and 5 in the more and less opaque models, with total masses
0.8 and 1.15 Mg, respectively. The width of the line is 3 and 8 keV for the 0.8 and
1.15 Mg CO novae, respectively. The maximum flux is around 107% ph cm=2 71,
for d = 1kpc.

The ?Na line at 1,275keV appears only in ONe novae, because CO novae do
not synthesize this isotope. The rising phase of the 1,275 keV line light curves (see
Fig. 5.10) lasts between 10 (1.25 M) and 20 days (1.15 Mg). Soon after the maxi-
mum, the line flux declines with the lifetime of 22Na, 3.75 years. The line intensities
directly reflect the amount of *Na ejected mass during this phase. The correspond-
ing fluxes at maximum are typically around 10> ph/cm?/s, at d = 1kpc, and the
width of the line is around 20 keV, which poses severe problems for its detectability
with instruments having high energy resolution, like SPI onboard INTEGRAL.

There have been many unsuccessful attempts to detect y-rays from novae. The
main efforts have focused on the 1,275 keV line from 22Na in individual objects, but
searches of the cumulative emission have also been performed. The annihilation line
has also been searched for whenever wide field of view instruments were available,
scanning zones of the sky where novae had exploded.

The most recent observational search for the 1,275 keV line from novae was per-
formed with the COMPTEL instrument onboard the Compton Gamma-Ray Obser-
vatory (CGRO) (Iyudin et al., 1995). COMPTEL observed a number of recent novae
during the period 1991-1993, five of which of the neon type (i.e. those expected to
emit the 1,275keV line). None was detected. The average 20 upper limit for any
nova of the ONe type in the galactic disk was around 3 x 10~> ph/cm?/s, which
translated into an upper limit of the ejected 2’Na mass around 3.7 x 1078 Mg,
for the adopted distances. This limit was constraining for models available at the
time (Starrfield et al., 1992, 1993; Politano et al., 1995), but is not so for current
models (José and Hernanz, 1998). The main reason for the discrepancy between
models of different groups (José and Hernanz (1998) versus Politano et al. (1995)
and Starrfield et al. (1998)) is the following: old models were based on the explosion
on ONeMg white dwarfs, with some mixing between the accreted H-rich matter
and the underlying material, whereas recent models adopt ONe white dwarfs as
underlying cores, because more recent evolutionary calculations of stellar evolution
predict much lower magnesium abundances (Ritossa et al., 1996; Dominguez et al.,
1993). The smaller initial content of neon and magnesium makes *’Na synthesis
much less favored. Different nuclear reaction rates also have an impact on the final
yields obtained by different groups.

The first search for the 478 keV line from the galactic center and from some
particular novae was performed with SMM/GRS (Harris et al., 1991), yielding upper
limits around 103 ph/cm?/s, corresponding to "Be ejected masses around 107’
Mg . These fluxes and masses are well above the current theoretical predictions and
thus do not constrain the models. More recent analyses of novae during the period
1995-1997, have been possible thanks to the Transient Gamma-Ray Spectrometer
(TGRS) onboard the Wind satellite. The flux limits from TGRS were a factor of
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10 smaller than those from SMM observations, but the upper limits on ’Be ejected
masses did not improve by the same factor, mainly because novae observed with
TGRS were at larger distances than those observed with SMM (Harris et al., 2001).

As mentioned above, the emission resulting from e~ to e annihilation is the
most intense y-ray outcome of classical novae, but y-rays are emitted well before
the visual maximum of the nova, i.e. typically before the nova is discovered, and
have a very short duration (see Fig. 5.9). Therefore, they can not be detected through
observations pointing to a particular nova already discovered. Wide field of view
instruments monitoring the sky in the appropriate energy range, like the Burst and
Transient Source Experiment (BATSE) onboard CGRO, TGRS onboard Wind, and
the Burst Alert Telescope (BAT) onboard Swift (Senziani et al., 2008), are best
suited for the search of the 511 keV line and the continuum below it.

TGRS was very convenient to search for the 511keV line, because of its large
field of view, and also because its germanium detectors had enough spectral resolu-
tion to separate the cosmic 511 keV line from the nova line, provided that the latter
is a bit blueshifted (this happens only at the beginning of the emission phase, when
material is not completely transparent yet) (Harris et al., 1999). TGRS’s field of view
contained five new novae during the period 1995-1997; upper limits were obtained
by Harris et al. (1999), who deduced that their method was sensitive enough to
detect novae occurring out to about 0.8 kpc, for any nova type (CO and ONe).

Another instrument that was well suited for the detection of the prompt y-ray
emission from novae was BATSE onboard CGRO. Before the launch of CGRO
in 1991, a prediction was made (Fishman et al., 1991) on the detectability of
low-energy y-rays from novae with the BATSE instrument, based on the models
of y-ray emission from Leising and Clayton (1987). BATSE had the advantage
of continuously covering almost the whole sky, but on the other hand it was less
sensitive and had poor energy resolution. More recently, a posteriori analyses of the
background data at the explosion epoch of all classical novae discovered optically
during the whole period of CGRO operation (1991-2000), searching for some sig-
nal, were performed (Hernanz et al., 2000). The 3-o sensitivity using the 511 keV
data only is similar to that with WIND/TGRS (Harris et al., 1999), but TGRS’s
sensitivity required a particular line blueshift, whereas BATSE is independent of it.
The 3-0 sensitivity using the (250-511) keV data is a little more than a factor of 2
better than that from TGRS (Harris et al., 1999).

The 2002 launch of the ESA satellite International Gamma-Ray Laboratory,
INTEGRAL, opened new perspectives for the detection of y-rays from explosive
events, with its two major instruments, the spectrometer SPI and the imager IBIS.
SPI is made of 19 germanium detectors; its 3o sensitivity at 1 MeV, for 10° s obser-
vation time and narrow lines, is around 2.4 x 10~ ph/cm?/s, with 2keV energy res-
olution. However, this sensitivity degrades considerably for broad lines. Detection
of y-rays from novae with INTEGRAL is not too likely, because its detectability
distance limits are small and, therefore, few novae are expected (Hernanz and José,
2004). This is due to both the small fluxes expected and the reduced (with respect to
pre-launch estimates) inflight measured sensitivities at the relevant energies. Very
small distances are needed to obtain a secure detection: around 0.2kpc for the
478 keV line from "Be and around 0.7 kpc for the 1,275 keV line from 22Na.
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5.5.1.2 Gamma-ray Emission from Individual Type Ia Supernovae

In Type Ia supernova ejecta, the dominant radioactive chains are °Ni —3¢ Co —3¢

Fe and >’Ni —>7 Co —>7 Fe (see Table 5.1). The amount of radioactive mate-
rial, its distribution within the ejecta as well as the density, velocity and chemical
composition profiles are different for each model described in Sect. 5.3 and these
differences affect the total intensity and the evolution of the different lines, as well
as the importance and extension of the continuum component of the spectrum (Bur-
rows and The, 1990; Kumagai and Nomoto, 1997; Gémez-Gomar et al., 1998b).
As shown in Fig. 5.11, 20 days after the explosion all models involving a prompt
or a delayed detonation display strong lines because their high expansion rates
induce a rapid decrease of the density. Lines are particularly intense for those mod-
els containing °Ni and °Co in the outer layers (pure detonation and sub — Chan-
drasekhar models). The maximum intensity of these lines is model dependent since
it depends on the expansion rate and on the distribution of >Ni. Pure deflagration
models only display a continuum since they efficiently Comptonize high energy
y-rays. The shape of the continuum at low energies is limited in all models by the
competing photoelectric absorption, which imposes a cut-off below 40-100keV.
The energy of the cut-off is determined by the chemical composition of the external
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Fig. 5.11 Gamma-ray spectrum for four models of SNIa explosion at 5 Mpc. Pure deflagration
model (solid line), delayed detonation model (long — dashed line), detonation model (dashed line)
and sub-Chandrasekhar model (starred line)
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Fig. 5.12 Evolution of the different lines as a function of time for a typical delayed detonation
model. The distance is assumed to be 1 Mpc. The optical light curve in the visual has also been
included in order to provide a time reference. Courtesy of A. Hirschmann

layers where most of the emergent continuum is formed at this epoch. Consequently,
the continuum of those models containing low Z elements in the outer layers will
extend to lower energies than that of those containing high Z elements. Therefore,
it is possible to use these differences to discriminate among the different burning
modes.

The 158, 812keV °Ni — lines peak very early, near the maximum of light and,
because of absorption, they are much weaker than those of *°Co (see Fig. 5.12)
Therefore, an early detection can provide information about the location of *°Ni in
the debris. Nevertheless, because of its intensity, the most promising spectral feature
is the 847 keV *°Co line, which reach maximum intensity roughly 2 months after the
explosion in all models except for the pure deflagration case. At this moment, the
intensity of the lines, except for the deflagration model, is determined by the total
mass of the radioactive isotopes, while the effect of the differences in expansion
velocities is secondary and the position of the low energy cut-off tends to converge
towards 70keV. Four months after the explosion, the ejecta are optically thin in all
cases and the intensity of the lines is proportional to the total mass of the parent



282 J. Isern et al.

isotopes. The continuum is weak and dominated by the positronium annihilation
component which shows a step below 170keV, the energy of the backscattered
511keV photons. At this epoch line profiles reveal the distribution in velocity of
their parent isotopes in all layers of the ejecta. It is thus clear that there are noticeable
differences between the spectra of these models, especially at early times, when the
total amount of radioactive isotopes and their distribution, the expansion rate and
the composition of the ejecta affect the emission.

Figure 5.12 also displays the evolution of one of the most prominent lines, the
511keV annihilation one. Positrons emitted during the decay of *°Co thermalize
because of ionization and excitation energy losses as well as other mechanisms,
and eventually they annihilate either directly or through the formation of positron-
ium. The degree of ionization and the structure of the magnetic field is crucial to
determine the fraction of positrons that escape from SNIa. After 200 days almost
all the high energy photons escape and the energy deposited by the annihilation of
positrons is the only available source to power the light curve. Therefore, a careful
determination of the 511 keV line is fundamental to understand the evolution of the
supernova debris (Milne et al., 2001).

The early X — ray emission in the 6-8keV region can provide an important
diagnostic for discriminating between Chandrasekhar and sub-Chandrasekhar mod-
els. The y-rays produced by disintegration of ®Ni and >°Co, together with the
thermalized photons with energies above ~7 keV, induce strong emission of the
K, — lines of Fe, Co and Ni. In the case of the Chandrasekhar models, 56Ni is so
deeply placed that these photons are absorbed before escaping while in the sub-
Chandrasekhar models they are produced in the outermost layers from where they
freely escape producing a distinctive feature in the spectra. The total expected flux
in the 5-10keV band at 15 Mpc is ~2 x 10~/ ph/s/cm?, which means that it could
be detected from a reasonably close supernova (Pinto et al., 2001). Another feature
that could also be used to distinguish among these two families of models is the
14.4keV emission of °’Co, which is only expected in sub-Chandrasekhar models.

XMM and Chandra allow high spectroscopic and angular resolution stud-
ies of some galactic remnants of SNIa. In particular, for the X-rays from the
Tycho supernova remnant the best fit is obtained with a one dimensional delayed
detonation characterized by a quite high density transition placed in the range
(2.2-2.5) x 107 g/cm3 (Badenes et al., 2006), while in the case of G337.2-07 the
best fit is obtained for a pulsational delayed detonation with a density transition at
7.7 x 106 g/cm? (Rakowski et al., 2006). In both cases, the X-ray spectrum strongly
suggests a high degree of chemical stratification, a property that is lacking in most
current three-dimensional models of SNIa.

Interestingly enough, DDT models also provide the best fit to the X-ray spectra of
22 clusters of galaxies (de Plaa et al., 2007) and is the only model able to match the
observed Ar/Ca and the Ca/Fe ratios. It is important to remember that the chemical
composition of the intracluster medium is representative of the average supernova
yields, since it is the result of the contributions from many supernovae during the
cluster?s life time.
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5.5.1.3 Contribution of Classical Novae to Diffuse Radioactivities

Some radioactive nuclei have lifetimes larger than the typical time elapsed between
successive novae or type la supernova explosions in the Galaxy. For such cases,
diffuse emission resulting from the cumulative effect of several sources is expected.
This kind of emission should trace the galactic distribution of the corresponding
sources of the given isotope. If detected, it would give a valuable information, not
available from observations at other wavelengths because of interstellar extinction.
The Galactic nova spatial distribution and the nova rate are in fact poorly known,
since their determination relies on observations of novae in other galaxies or on
extrapolations of observations in our Galaxy, taking into account the distribution of
extinction related to interstellar dust (Della Valle and Livio, 1994; Shafter, 1997,
2002). 2?Na and 20Al from novae are potential contributors to diffuse emission at
1,275 and 1,809 keV, respectively. For 22Na, there is the advantage that only novae
are expected to contribute to its galactic content, whereas for 2°Al massive stars
and AGBs also clearly contribute. Therefore, the galactic 1,275 keV emission from
22Na should trace directly the spatial nova distribution; but unfortunately, as ana-
lyzed below, the predicted emission is too low for the performances of the current
instruments. Concerning 26 Al, since its emission has been detected in the Galaxy,
an estimate of the nova contribution to the global line flux is needed (Diehl et al.,
1995; Prantzos & Diehl, 1996).

The global flux at 1,275keV depends on the amount of *?Na ejected per nova
explosion and on the distribution and rate of ONe novae in the Galaxy (since only
ONe novae produce 2*Na). A detailed study of the diffuse galactic 1,275keV line
emission from novae showed that contributions from a few young and close novae
dominate, yielding a very irregular distribution versus galactic longitude (Higdon
and Fowler, 1987). A comparison with the upper limits from HEAO 3 observations
(Mahoney et al., 1982) gave 5.6 x 10~7 M, as upper limit to the mean 2*Na yield
per nova, for a disk nova population. It was clear from this work that the results
were subject to many uncertainties, such as the galactic distribution, the bulge/disk
ratio, the global rate and the fraction of ONe versus CO novae. A recent analysis
of the cumulative emission at 1,275keV from novae shows that the ejected *’Na
masses needed for a detection of this emission with the SPI spectrometer, onboard
the INTEGRAL satellite, are far above what current theoretical models predict (~
10~7 versus a few 10~ Mg) (Jean et al., 2000).

The production of 2°Al by classical novae occurs again mainly in ONe novae,
with low mass white dwarfs more prolific producers of 2°Al than massive ones. A
crude estimate of the global contribution of novae to the 20Al content in the Galaxy
can be made, assuming that all novae contribute with the same amount of 201,
Mejec(%Al), and that 2°Al is active during a time equal to its lifetime t. Then the
Galactic mass of 2°Al coming from novae would be (Weiss and Truran, 1990; José
etal., 1997)

Mejec Rnova fONe

10-8 Mg 35/year 0.33
(5.25)

MPOAD (M) = Mejec(*°Al) T Ryova fone = 0.12
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where Rpova is the total galactic nova rate and fone is the fraction of ONe novae.
Adopting typical 2°Al ejected masses (i.e., 2 x 1078 M), the contribution of novae
to galactic 26 A1 would be ~0.2 Mg, more than a factor of 10 below the observed
mass, in agreement with the current idea (deduced from the observed 1.809 MeV
line sky map) that galactic 2°Al comes mainly from massive stars (Knodlseder,
1999) A complete analysis of the global contribution of novae to the 2°Al in the
Galaxy was carried out by Kolb and Politano (1997), applying galactic nova popu-
lation models, adopting the 20Al yields from Politano et al. (1995) and taking very
large ejected masses (larger than those from typical hydrodynamic models). The
authors concluded that the nova contribution could range between 0.15 and 3 Mg,
but this number largely depended on the unknown degree of mixing in novae, which
largely influences their 2°Al yield, in addition to other parameters of the popula-
tion synthesis code, like for instance the mass ratio (primary versus secondary star
masses) distribution in zero-age main sequence binaries.

5.5.2 Dust from Novae and Thermonuclear Supernovae

Astrophysics has basically relied on electromagnetic radiation (collected by ground-
based telescopes as well as by space-borne observatories) as the basic tool to
determine stellar properties. But since the mid-1980s, new methods that rely on
matter rather than on radiation, have become available as well.

5.5.2.1 Stardust Mineralogy

Back in 1973, A.G.W. Cameron speculated in a seminal paper (Cameron, 1973)
that primitive carbonaceous chondrites may host presolar grains, tiny spherules of
stardust condensed in the outflows of stars in advanced stages or in the ejecta of
stellar explosions, containing a record of the nuclear history of their stellar parent
bodies. Indeed, presolar grains have been isolated from meteorites, suggesting that
the chemical processes that affected some meteoritic bodies were apparently mild
and non-destructive to the grains.

The stellar paternity of these grains can be assessed by their anomalous isotopic
composition, significantly different from that of the Solar System, and attributed to
a suite of nucleosynthetic processes that took place in their parent stellar sources.
In turn, the discovery of isotopically anomalous grains embedded in meteorites
provided evidence of the chemical heterogeneity of the solar nebula (Cameron,
1962). Moreover, although grains are difficult to date because of their low content
in radioactive species, their large isotopic anomalies, including "*N/I°N, 12¢/13C,
or silicon ratios far beyond the values reported from any other Solar System sample,
suggest an ancient origin, with an age older than the Solar System itself (thus the
label presolar).

Diamonds were the first presolar grains isolated from meteorites (Lewis et al.,
1987). This was followed by the isolation of SiC grains (Bernatowicz et al., 1987;
Tang and Anders, 1988), and graphite (Amari et al., 1990). These three carbona-
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Table 5.2 Inventory of known presolar grain types (adapted from Zinner, 2005; Lodders, 2005)

Grain type Characteristic size Potential stellar sources® Discovery papers

Nanodiamond 2nm AGB SN Lewis et al. (1987)

SiC 0.1-20 um AGB, SN, J-stars, CN  Bernatowicz et al. (1987) and
Tang and Anders (1988)

Graphite 1-20 um SN, AGB, CN Amari et al. (1990)

Corundum 0.2-3 um RGB, AGB, SN Hutcheon et al. (1994); Nittler
et al. (1994)

Spinel 0.2-3 um RGB, AGB, SN Nittler et al. (1997) and Choi et al.
(1998)

Hibonite 0.2-3 um RGB, AGB, SN Choi et al. (1999)

SizNy 0.3-1 um AGB, SN Nittler et al. (1995)

Silicates 0.1-0.3 um RGB, AGB, SN Messenger et al. (2003) and

(olivine, Nguyen and Zinner (2004)

pyroxene)

2 Acronyms: Asymptotic Giant Branch Stars (AGB), Supernovae (SN), Classical Novae (CN), Red
Giant Branch Stars (RGB).

ceous phases were identified because of their isotopically anomalous noble gas
(Xe, Ne) components. So far, silicon carbide (SiC), graphite (C), diamond (C), sil-
icon nitride (SizNy), silicates (Messenger et al., 2003; Nguyen and Zinner, 2004;
Mostefaoui and Hoppe, 2004), and oxides, such as corundum (Al,O3), or spinel
(MgAl;04), have been identified as presolar grains (see Table 5.2). In fact, all SiC
grains extracted from meteorites are of presolar origin; approximately half of the
graphite grains are presolar; only ~ 2% of the spinel grains, and scarcely 0.001-
0.02% of the silicates, are presolar.

Those grains, identified and extracted from meteorites, are systematically ana-
lyzed in the laboratory with ever improving precision. Such laboratory analyses
revealed a variety of isotopic signatures that point towards several stellar progeni-
tors, such as asymptotic giant branch stars and supernovae (see Clayton and Nittler,
2004; Lodders, 2005; Meyer and Zinner, 20006, for recent reviews).

Several meteoritic bodies have been used to study presolar grains, basically very
primitive, mildly metamorphosed, carbonaceous chondrites, such as Murchison, or
Allende. Indeed, the anomalous size of Murchison’s grains (Lodders, 2005; Zinner,
2005), much larger than those isolated from other meteorites (for reasons not yet
understood), as well as the large number of samples available, made Murchison one
of the favorite targets for studies of presolar grains.

5.5.2.2 Silicon Carbide Grains

SiC grains have been most extensively studied (Fig. 5.13). They are often classified
into different populations (presumably reflecting different stellar birthplaces) on the
basis of their C, N, and Si isotopic ratios (Hoppe and Ott, 1997).

It is widely accepted that about ~93% of all SiC grains, the so-called main-
stream population, are formed in the winds accompanying solar-metallicity AGB
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stars (Gallino et al., 1993; Lugaro et al., 2003; Ott and Begemann, 1990). About
~1% correspond to X grains, which are characterized by moderate excesses of '2C
and 1N, large 26 A1/27 Al ratios, and excesses of 28Si, features pointing towards a
supernova origin (Amari et al., 1992; Hoppe et al., 2000; see also Sect. 5.3.3). In
addition, a variety of carbon-rich J-type stars are expected to account for ~4-5%
of the overall SiC grains, the so-called A and B grains (with born-again AGB stars,
such as the Sakurai’s object V4334 Sgr, or other C-rich stellar types, like R- or CH-
stars, not being totally excluded; see Amari et al., 2001c). Other populations include
Y (~1%) and Z grains (~1%), whose origin is probably linked to low-metallicity
AGB stars (Amari et al., 2001b; Hoppe et al., 1997). A rare variety of SiC grains
(<1%), together with a couple of graphite grains, that exhibit a suite of isotopic
signatures characteristic of classical nova outbursts, have been reported in recent
years (Amari et al., 2001a; Amari, 2002).

5.5.2.3 Supernova Grains

SiC grains of type X, low-density graphites, and the very rare silicon nitrates
are believed to originate in ejecta accompanying supernovae. Many of the iso-
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Fig. 5.13 Carbon and nitrogen isotopic ratios for the different SiC grain populations. Error bars
are smaller than the symbols
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topic signatures of these grains (namely, moderate excesses of '2C, and !°N, large
26 A1/27 Al ratios, and excesses of 28Si) are qualitatively consistent with supernova
models, although some of these features can also be produced by other stellar
sources.

Both thermonuclear and core-collapse supernovae have been proposed as poten-
tial sources for these grains, although type II supernova models seem to be preferred
(so far, there is little evidence of grains condensed in a thermonuclear supernova).

A clear fingerprint of their supernova origin is the excess of “*Ca (attributed
to in situ decay of **Ti), present in ~10-20% of the X grains (Amari et al., 1992).
Moreover, there is also evidence for extinct **V in some of these grains (Amari et al.,
1992). Other isotopic anomalies, measured in individual X grains, include Mo, Zr,
Sr, Ba, and Fe (Pellin et al., 1999), in puzzling proportions, neither matching those
reported from AGB grains, nor the theoretical estimates from r and p- process in
supernova simulations. It is also worth noting that many of the isotopic signatures
measured in these grains are less extreme than those predicted for pure supernova
ejecta. A possible explanation (Clayton et al., 2002) suggests that grains crossing
the SN ejecta at high velocities may implant atoms from the environment, hence
diluting the original signatures.

A major problem to quantitatively match the grain data with supernova mod-
els (type II, in particular) is the need for selective mixing between different stellar
layers (Lodders, 2005; Zinner, 2005), at a much larger scale than that suggested by
observations and/or simulations. In particular, the high abundances of >N measured
in the grains cannot be accounted for with current supernova models.

Among the oxide grain propulation, two corundum grains (T48, with an almost
pure '°0O composition; and S-C122 with 3 times the solar '30/'°0 ratio), have also
been linked to type II supernovae (Nittler et al., 1998; Messenger et al., 2005; Nittler
et al., 2008). However, the lack of additional supernova signatures and the problems
to match the specific !70/!°0 ratios measured in these grains make it hard to recon-
cile with a supernova origin.

5.5.2.4 Nova Grains

Infrared and ultraviolet observations have revealed dust forming episodes in the
shells ejected during classical nova outbursts (Gehrz et al., 1998; Gehrz, 2002).
Their relatively high frequency (about ~30-35 nova explosions per year, just in our
Galaxy (Shafter, 2002)), has raised the issue of the potential contribution of novae
to the different grain populations.

Since the pioneering studies of dust formation in novae by D.D. Clayton and
F. Hoyle (Clayton and Hoyle, 1976) (a concept already suggested by Cameron in
1973), all efforts devoted to the identification of potential nova grains relied mainly
on the search for low 29Ne/22Ne ratios (since noble gases, such as Ne, do not con-
dense into grains, 22Ne was attributed to in situ 22Na decay, a clear imprint of a
classical nova explosion). Indeed, Clayton and Hoyle pointed out several isotopic
signatures (large overproduction of 1314C, 130, 22Na, 26Al or 3°Si), that may help
in the identification of such nova candidate grains. Twenty-five years later, most
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of these signatures still hold, in view of our current understanding of nova explo-
sions (see José et al., 2006; José and Shore, 2008; Starrfield et al., 2008, for recent
reviews), except l4c, bypassed by the main nuclear path in novae, and 18O, slightly
overproduced by novae although grains nucleated in this environment are expected
to be much more anomalous in 7O (Kovetz and Prialnik, 1997; José€ and Hernanz,
1998; Starrfield et al., 1998, 2009).

A major step forward in the discovery of presolar nova candidate grains was
achieved by Amari et al. (2001a) and Amari (2002), who reported on several
SiC and graphite grains, isolated from the Murchison and Acfer 094 meteorites
(Fig. 5.14), with an abundance pattern qualitatively similar to nova model predic-
tions: low 12C/13C and N/"N ratios, high 308i/288i, and close-to-solar 2Si/28Si;
and high 2°A1/>’ Al and 2>Ne/*"Ne ratios for some of the grains (José et al., 2004).
But in order to quantitatively match the grain data, one had to assume a mixing
process between material newly synthesized in the nova outburst and more than
ten times as much unprocessed, isotopically close-to-solar, material before grain
formation.

Concerns about the likely nova paternity of these grains have recently been
raised (Nittler and Hoppe, 2005), after three additional micron-sized SiC grains
were also isolated from the Murchison meteorite with similar trends (in particular,
low '2C/13C and '"N/!5N ratios), but with additional imprints (mainly non-solar Ti
features), from which a supernova origin cannot be excluded.

It is not clear if both samples (hereafter, AO1 and NHOS5, respectively) corre-
spond to the same progenitor. After all, their isotopic signatures are not identical:
for instance, grains from the NHOS sample have much larger 2°A1/?7 Al ratios and
are more heavily depleted in 2Si than grains from the AO1 sample. Furthermore,
grain M11-334-2 (NHO5 sample) is deficient in 3°Si with respect to solar (whereas
30Si excesses, characteristic of the AO1 sample, are expected in the ejecta from ONe
novae). In turn, spectroscopic analyses of the nova ejecta support the main conclu-
sions achieved by different studies of nova outbursts, revealing a nucleosynthetic

Fig. 5.14 The nova candidate graphite grain KFCla-511 after Secondary Ion Mass Spectrometry
(SIMS). Image courtesy of S. Amari
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endpoint around calcium, and a normal (solar) nucleosynthetic pattern for Ti or
heavier species. These evidences suggest that the presence of anomalous Ti features
in the AO1 sample cannot be inferred from measurements performed in the NHO5
sample.

Moreover, it must be stressed that the presence of anomalous Ti does not nec-
essarily rule out a possible nova paternity (with the exception of **Ti, attributed
to in situ decay of **Ca, an isotope clearly linked to a supernova explosion): tita-
nium is, indeed, very close to the nucleosynthetic endpoint for novae (calcium), and
hence, it could easily be reached by a sligthly more violent outburst. This could
be driven by explosions in cooler white dwarfs, or following lower mass-accretion
rate episodes (José and Hernanz, 2007a; Glasner and Truran, 2009). Furthermore,
explosions in metal-deficient envelopes, such as those expected for primordial nova
systems, could have a similar effect (José€ et al., 2007; José and Hernanz, 2007b).

Other nova candidate grains have been proposed: indeed, the SiC grain 240-
1 (Nittler et al., 2006), also isolated from Murchison, exhibits both '>C/!*C and
I4N/I5N ratios lower than for any other presolar grain reported so far. These iso-
topic features are consistent with pure nova ejecta from a white dwarf with a mass
ranging between 1.0 and 1.2 Mg (a supernova origin is unlikely because of the
extremely low 12¢/13¢ ratios). However, the 298i excesses measured in this grain
do not match the usual predictions from nova models (which usually reflect >°Si
deficits, with respect to solar). Also a putative nova origin has been attributed to
the oxide grain T54 (Nittler, 1997), with '°0/170 ~ 71 and '°0/'80 ~ 2000, likely
condensed in the shells ejected from a nova outburst on a 0.8 My CO white dwarf.
Unfortunately, no additional isotopic determinations were carried out on this grain.
Finally, it should be stressed that novae may contribute to the oxide grain population
as well as to the A+B subclass of SiC grains (those characterized by low 2C/'3C
ratios that do not show large 2?Si excesses).

Future nova candidate grains will reveal more clues on the mechanisms powering
nova explosions. To achieve this, cosmochemists will have to rely on a much wider
range of isotopic determinations for proper identification of the stellar source (to
disentangle, for instance, which grains are formed in supernova blasts and which in
nova explosions). Novae hosting very massive white dwarfs (around 1.35 M) likely
imprint additional signatures in the grains condensing in their ejecta (in particular, a
suite of sulfur anomalies as well as severe 3! P overproduction). New techniques for
laboratory analysis need to be developed to unambiguously identify such signatures,
avoiding potential contamination of the samples by sulfuric acid, one of the standard
methods used during the separation process.

5.6 Accretion in Binaries: Special Cases

It was seen in the case of the merging of two white dwarfs that if the total mass was
larger than the Chandrasekhar mass, the final outcome could either be a SNIa or a
collapse to a neutron star. However in the large majority of cases, the total mass is
smaller than the critical value and the final result is a white dwarf “born again”.
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The fraction of the secondary that is expelled is not yet known and, consequently,
the influence of such systems on the chemical evolution of the Galaxy has not been
yet elucidated. The total amount of freshly synthesized elements during the impact
is small (Guerrero et al., 2004), except in the case of a secondary made of helium
that shows an enhancement of Ca, Mg, Si, S and Fe, and confined to a corona around
the primary.

In the collapse case, since the primary is rapidly rotating, as expected from the
transfer of angular momentum from the disk to the star, a centrifugally supported
disk made of heavily neutronized species, Yo ~ 0.1, will form around the proto-
neutron star. As a consequence of the neutrino irradiation, electron neutrino captures
will increase the electron mole number to a value Y, ~ 0.5 and a-particles will form
inducing a wind that will blow away the disk. During this process it is expected that
~ 1072 Mg, of ®Ni will be synthesized and that the event will look as a dim SNIa —
like transient (Metzger et al., 2009).

Merging of close binaries as well as close encounters in densely populated stellar
systems, like globular clusters or galactic nuclei, can also provide violent scenarios
able to trigger a nucleosynthetic activity other than the conventional thermonuclear
explosions described up to now. The center of the Milky Way, for instance, con-
tains a massive black hole surrounded by a swarm of stars, many of them white
dwarfs. Close encounters are very common and tidal torques can produce extreme
deformations of the stars or even trigger an explosion.

The tidal interaction between a white dwarf and a black hole is characterized by
three length scales (Carter and Luminet, 1983; Rosswog et al., 2009): (i) the stellar
radius, Rwp, (ii) the gravitational radius of the black hole R, = 2GMpy/c* ~
3 x 10“MBH,6, where MpH,¢ is the mass of the black hole in units of 10% M, and
(iii) the tidal radius, R, = 1.2x 10" My}; ¢ (Rwp/10° cm) (Mwp/0.6 M) ~'/> cm,
that is the distance from the black hole at which Mpy/ R? equals the mean density
of the passing star.

The strength of the tidal encounter can be estimated from the dimensionless
parameter 8 = R;/Rp, where Rp is the pericenter distance, assuming a parabolic
orbit. When 8 > 1, the star is disrupted in a single flyby. The energy to tear apart
the star (the binding energy of the star) is supplied by the orbital energy. In the case
of white dwarfs, the ratio between the total disruption radius and the gravitational
radius is

R; 273 ( Rwp Mwp \ '/
= — >~04M, 5.26
Pe R, BH,6 (109 cm) (0.6M@> (5:26)

therefore, if the mass of the black hole is high enough, the tidal radius is inside the
gravitational radius and the white dwarf is swallowed without being disrupted. This
critical mass is

RWD 3/2 MWD —1/2
Mg 1im =~ 2.5 x 10° 5.27
BH,lim * ( 109 cm> 0.6 Mo (5:27)
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The dynamics of the encounter can be described as follows (Carter and Luminet,
1983). When the star is far from the black hole, the tidal interaction is negligible and
the white dwarf is in hydrostatic equilibrium. As soon as it enters the Roche lobe,
tidal interaction quickly grows in strength. As a consequence, matter is compressed
by the flattening of the star. When the white dwarf is flat enough, the internal energy
becomes dominant and the star experiences a bounce that reduces the pressure and
makes the tidal interaction dominant once more. Depending on the parameters of
the encounter (Mg, Mwp, B) and on the chemical composition of the white dwarf,
a vigorous thermonuclear burning can occur during the compression phase that can
even produce a substantial amount of iron peak elements (Rosswog et al., 2009).
Finally, when the star is far enough, self-gravitation recovers control and, depending
on the balance between internal and gravitational energies, matter is partially swal-
lowed by the black hole, partially ejected to the interstellar medium and partially
remains bound. During the expansion phase the radioactive debris, the S-decay of
6Ni, mainly, can emit light and produce some kind of peculiar, sub-luminous SNIa
(Rosswog et al., 2009).
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