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Preface

The Space Telescope Science Institute Symposium on “A Decade of HST Science” took
place during 11–14 April 2000.
There is no doubt that theHubble Space Telescope (HST ) in its first decade of operation

has had a profound impact on astronomical research. But HST did much more than
that. It literally brought a glimpse of the wonders of the universe into millions of homes
worldwide, thereby inspiring an unprecedented public curiosity and interest in science.

HST has seen farther and sharper than any optical/UV/IR telescope before it. Un-
like astronomical experiments that were dedicated to a single, very specific goal, HST ’s
achievements are generally not of the type of singular discoveries. More often, HST has
taken what were existing hints and suspicions from ground-based observations and has
turned them into certainty.
In other cases, the level of detail that HST has provided forced theorists to re-think

previous broad-brush models, and to construct new ones that would be consistent with
the superior emerging data. In a few instances, the availability of HST ’s razor-sharp
vision at critical events provided unique insights into individual phenomena.
These proceedings represent a part of the invited talks that were presented at the

symposium, in order of presentation. We thank the contributing authors for preparing
their papers.
We thank Sharon Toolan of ST ScI for her help in preparing this volume for publication.

Mario Livio, Keith Noll, Massimo Stiavelli
Space Telescope Science Institute

Baltimore, Maryland
April, 2000
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HST studies of Mars

By JAMES F. BELL I I I
Department of Astronomy, Cornell University, 402 Space Sciences Building, Ithaca, NY

14853-6801

HST observed Mars during all 5 oppositions between 1990 and 1999, providing unique new
observations of the planet’s atmosphere and surface during seasons which are typically poorly-
observed telescopically and in wavelength regions or at spatial scales that are not at all observed
by spacecraft. HST observations also filled a crucial gap in synoptic observations of Mars prior to
1998, during a time when no spacecraft were observing the planet. HST data have provided im-
portant new insights and understanding of the Martian atmosphere, surface, and satellites, and
they continue to fulfill important spacecraft mission support functions, including atmospheric
aerosol characterization, dust storm monitoring, and instrument cross-calibration.

1. Introduction
Mars has been the subject of intense telescopic observations for centuries (see, for

example, reviews by Martin et al. 1992 and Sheehan 1988). Interest in the red planet
stems partly from its prominent appearance in the night sky as a bright extended object
roughly every 26 months, and also from historic telescopic observations and more recent
spacecraft encounters that have revealed many similarities between Mars and the Earth
in terms of surface and atmospheric characteristics and climatic histories. While cold and
arid today and probably inhospitable to most forms of life, evidence exists indicating that
Mars once may have had a much more clement climate, during a postulated “warm and
wet” epoch early in solar system history (e.g. Pollack et al. 1987; Carr, 1998).

The postulated similarities between early Mars and early Earth has fueled intense
speculation and scientific interest on the question of life: could Mars have been (or still
be?) a habitable environment for life to form, exist, and evolve? To answer this and
other related questions requires a detailed understanding of both the past and present
environment of Mars. While important clues have been provided by more than three
decades of spacecraft flybys, orbiters, and landed investigations, these have been sporadic
(and expensive!) glimpses of a complex planet, usually sampling only one part of the
Martian seasonal cycle or one particular landing site in detail. For example, while the
Viking Orbiter and Lander missions successfully observed the planet for more than two
Mars years from orbit and from two widely-separated landing sites during the mid-
to late-1970s, only one spacecraft successfully arrived at Mars during the 1980s (the
Soviet Phobos-2 orbiter, which only operated for a few months), and the next successful
missions after that didn’t occur until Mars Pathfinder, which landed in 1997, and the
Mars Global Surveyor orbiter, which began mapping observations in 1997–98. Even these
most recent missions were rather narrowly focused (Pathfinder on the local geology of
a particular region; Global Surveyor on systematic high-resolution observations from a
2:00 a.m./2:00 p.m. Sun-synchronous orbit). Sadly, we have all been poignantly reminded
of the inherent risks associated with spacecraft exploration of Mars recently, with the
loss of both missions sent to Mars in 1999.

So, despite the incredible successes of many of the space missions sent to Mars, there is
still clearly a niche for systematic synoptic-scale telescopic observations of the planet. Fill-
ing this niche requires several key instrumental characteristics, including: (a) high spatial
resolution (less than hundreds of km), to resolve small-scale features on the surface and
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2 J. F. Bell III: HST studies of Mars

in the atmosphere; (b) high data fidelity and accurate calibration, to detect weak photo-
metric and/or colorimetric differences on the surface and in the atmosphere; and (c) good
temporal sampling, in order to be able to quantify surface and atmospheric changes with
season in the current Martian climatic regime. While meeting requirement (c) is possi-
ble from many large groundbased telescopes, meeting both requirements (a) and (b) in
addition is usually not possible from groundbased platforms. This is because the Earth’s
atmosphere blurs resolution out to a large fraction of an arcsec even during the best see-
ing conditions (translating to more than several hundred km on Mars even at an excellent
Mars opposition), and telluric water vapor and other species produce time-variable ab-
sorption features at key wavelengths that could otherwise be use to detect atmospheric
and surface constituents on Mars. Rarely, when requirement (a) or (b) has been met by
groundbased observations, the data have revealed that it is possible to detect and quan-
tify variations in surface and atmospheric materials (e.g. Singer et al. 1979; Bell et al.
1990; Merényi et al. 1988; Bell and Crisp, 1993).

HST provides the ability to meet all of the requirements for scientifically-meaningful
observations of Mars that complement, rather than duplicate, existing or ongoing space-
craft observational programs. Maximizing the ability of HST observations to advance
Mars science has been a primary goal of all the observations conducted between HST
Cycles 0 and 9. In this paper I will describe some of the outstanding unresolved issues
in Mars studies, and describe the rationale and justification for the use of HST to ob-
serve such a close and bright object (z � 1). Next I will describe the observations of
Mars that have been obtained by HST between 1990 and 1999. The results and scientific
implications of the data will be discussed, broken down into the categories of Martian
atmosphere, Martian surface, and Martian satellites. Special attention will be paid to
describing how these HST measurements have played a role in shaping the acquisition
and interpretation of ongoing or planned Mars orbital and landed spacecraft datasets.
Finally, I will discuss future opportunities for Mars observations with HST , and how new
data could continue to expand our understanding of the planet.

2. Outstanding issues in Mars studies
Mars is an enigmatic and fascinating planet. It is the most “Earth-like” of the other

planets in the solar system. Evidence from decades of telescopic and spacecraft observa-
tions reveal geologic and isotopic evidence for substantial changes in the Martian climate
during the early history of the planet. Specifically, degraded/eroded landforms, the pres-
ence of dendritic valley networks, and isotopic fractionation indicative of the loss of what
was once a more substantial atmospheric indicate that the planet may have experienced
a “warm and wet” climate regime (Pollack et al. 1987; Carr, 1999) with temperatures
substantially above the melting point of water during the first billion years of its evo-
lution. It is unknown whether this clement period in Martian history was short- or
long-lived, though, or whether there were multiple such periods in response to planetary
orbital/inclination variations or other external forcing processes. The duration and ex-
tent of stable liquid water at or near the Martian surface has important and different
implications for the geologic and possibly biologic evolution of Mars, and understanding
the history and role of water and its implications for climate and life are now the ma-
jor drivers in NASA’s Mars exploration program. Recent announcements concerning the
possible presence of fossilized life forms in a Martian meteorite (McKay et al. 1996) and
the possible presence of liquid water very close to the Martian surface (Malin & Edgett
2000), while controversial, underscore the intense public and scientific interest in Mars
and the role that Martian studies play in larger exobiologic debates.
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But understanding of the past climate conditions on Mars cannot be achieved with-
out first understanding the present climate. Mars today is a cold and arid world with
a thin atmosphere (tens of mbar) and (probably) little or no internal geologic activ-
ity. Conditions at the surface are influenced by seasonal and interannual cycles of CO2

condensation and sublimation at the poles, by the exchange of small amounts of water
vapor (tens of pr µm) between the atmosphere and the regolith, and by the radiative
and physical influence of local- and global-scale atmospheric dust (James et al. 1992).
The water, CO2, and dust cycles have been studied intensely by spacecraft, but only at
infrequent intervals or for relatively short periods of time. The historic telescopic record
reveals that Mars has a dynamic and changing atmosphere and surface on timescales of
decades to even centuries (Martin et al. 1992; McKim et al. 1999), and so understanding
of the character of these cycles and of the planet’s surface-atmosphere interactions must
be teased out of both high-resolution focused measurements and long-timescale synoptic
observations.

Some specific issues that remain elusive in our understanding of the current Martian at-
mosphere include: (1) What is the composition, distribution, and opacity of atmospheric
aerosols (silicate dust, water ice, CO2 ice, other aerosols?) and how does that composi-
tion change in response to diurnal and seasonal timescale variations in radiative forcing?
(2) What is the radiative influence of airborne dust and/or clouds on the energy balance
of the Martian atmosphere, and how do these aerosols tangibly influence the climate
(temperature, pressure changes due to volatile condensation, local winds). (3) What are
the dominant styles and rates of dust and volatile transport in the Martian atmosphere,
and how are they influenced by topography, albedo, and seasonal climate variations?
And (4) What is the magnitude of the present variability of the Martian climate (sea-
sonal temperature and pressure extrema, dust storm frequency, atmospheric opacity)
on yearly, interannual, and even longer timescales decipherable from the telescopic and
geologic record?

Understanding the nature of the present Martian surface also plays a key role in de-
termining the climatic and geologic history of the planet. Surface geologic activity like
volcanism, tectonism, and impact processes are obvious manifestations of the geologic
evolution of the planet. In some cases, these processes can have important effects on the
climate, such as the release of greenhouse gases by volcanic eruptions and the heat flux
created during large impact cratering events. Most of our understanding of the detailed
surface geology of Mars has come from orbital and landed spacecraft observations during
the past few decades. These observations have shown that at increasing spatial resolu-
tions, the detailed geomorphology of Mars looks less and less like that of the Earth (e.g.
Malin et al. 1998), reflecting instead the specific style and nature of uniquely Martian
geologic processes. This underscores an important point: Mars is truly a different world
than the Earth, and while the planet’s surface and atmospheric processes are dictated
by the same physics and chemistry driving familiar processes here, the timescales and
boundary conditions for geologic and climatic activity on Mars are substantially different
from those on the Earth.

Some of the specific issues that remain outstanding in our study of the Martian surface
include: (1) What is the composition and mineralogy of the surface rocks and soils and
the airborne dust, and what do the chemistry and mineralogy reveal about the current
and (especially) past Martian climate? On Earth, many kinds of rocks and minerals
preserve a record of local climate conditions during their formation. Examples include
hydroxides, carbonates, and sulfates, which can sequester atmospheric gases into their
crystalline structures; and Fe(III) oxides, which have polymorphs that form within spe-
cific temperature, pH, humidity, and f(O2) conditions. Some of these minerals are stable
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or metastable under current Martian climatic conditions but not in a perhaps warmer,
wetter past, meaning that their detection and characterization could also provide infor-
mation on the extent and timing of climate change over the course of the planet’s history.
(2) What are the sources and sinks of volatiles (especially water) and the nature and rate
of surface/atmosphere volatile exchange on Mars? This is a key question in Martian cli-
mate studies, as noted above, and includes not only the mineralogy issues just discussed,
but also the growth and decay of the planet’s seasonal H2O and CO2 polar ice caps, the
diurnal exchange of water vapor between the surface and atmosphere, and the contro-
versial issue of deep or shallow subsurface liquid water on Mars, and its possible role in
alteration of surface materials and formation of localized geologic features (e.g. Malin
& Edgett 2000). And (3) What are the dominant processes responsible for changing the
albedo and overall geology of the surface with time? These include aeolian processes
like dust storms on a variety of scales and which have been recorded telescopically for
centuries, as well as volcanic, tectonic, and impact processes that modify the surface on
much longer timescales but whose effects are preserved in the current topography and
landforms of the planet.

3. Why Use HST?
But why use HST to observe Mars, given the fierce competition for HST observing

time, the availability of large groundbased telescopes to observe the planet, and, more
importantly, the armada of spacecraft that have studied the planet or will visit in the
near future? There are five primary reasons:

(a) Spectral coverage in the ultraviolet. UV astronomical observations in general pro-
vide an important component of HST ’s mission in general because of the inability to
observe from the ground at these wavelengths. For Mars, UV observations uniquely en-
able observations of atmospheric O3. Ozone, though a trace component of the atmosphere
(0.04 to 0.2 ppm), plays a critical role in Martian atmospheric photochemistry and also
serves as a tracer of atmospheric water vapor transport. UV measurements also provide
diagnostic information on atmospheric aerosols, including the ability to discriminate be-
tween H2O and dust clouds as sources of atmospheric opacity. Finally, a number of
iron-bearing mineral species have solid state absorption features at UV wavelengths due
to Fe(II) and Fe(III) electronic transitions and Fe–O charge transfer transitions that
vary systematically with crystalline structure, providing a way to identify the surface
mineralogy from remote spectroscopic observations.

(b) Spectral coverage outside of the Earth’s atmospheric “windows.” Extinction caused
by water, CO2, O2, and other gases and aerosols in the Earth’s atmosphere prevents
groundbased observations at wavelengths that provide unique information about the
Martian surface and atmosphere. These include regions near 1 µm and 2 µm where
characterization of subtle shifts in the widths and positions of broad iron-bearing silicate
absorption features are hampered by telluric water; narrow and weak Martian water vapor
bands that are completely obscured by their stronger telluric counterparts and which can
only be observed when Doppler-shifted away from the telluric lines (and thus when the
planet has a small apparent angular diameter from Earth); the wings of strong CO2

bands, which provide information on the Martian atmospheric pressure and temperature
profile but which are masked by comparably-strong telluric CO2 lines, and parts of the
near-infrared where both strong and weak bands caused by metal–OH absorptions and
structural (bound) H2O in minerals are masked by Earth’s water, CO, and CO2 bands.

(c) Spatial resolution. The near diffraction-limited performance of the corrected HST
optics provides the ability to discern subtle spatial structures on the Martian surface
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and atmosphere that are undetectable from the ground. Typical groundbased resolution
on Mars is 150–300 km during good seeing conditions (0.′′5) and during the month or so
around opposition. Adaptive optics or speckle imaging techniques can be used to improve
the groundbased resolution, but many of these techniques break down because Mars is
so bright (Mv ∼ 4.5/arcsec2) and none have been shown to yield reliable spectropho-
tometric measurements of extended sources. WFPC2 on HST allows resolutions as fine
as ∼ 20 km/pixel around opposition, and ∼ 50 km/pixel routinely for the ∼ half of the
Martian year observable within HST sun avoidance constraints. These kinds of resolu-
tions are comparable to those obtained by the Mariner flyby spacecraft in the late 1960s,
the Viking orbiter global approach observations in the mid-1970s, the Phobos-2 imaging
spectroscopy measurements of the late 1980s, and are within a factor of ∼ 3 of the Mars
Global Surveyor (MGS) Thermal Emission Spectrometer (TES) measurements that are
currently being obtained.

(d) Mission Support. In a sense, HST is another NASA “mission” to Mars, provid-
ing the ability to obtain both synoptic-scale imaging and spectroscopy and fine-spatial
regional investigations of the surface and atmosphere. HST measurements fill a cru-
cial gap in spacecraft coverage. Because of the loss of the Mars Observer spacecraft in
1993, between the Phobos-2 mission in 1989 and the MGS mission in 1998 there were
no spacecraft observations of Mars. The importance and need for high quality support-
ing telescopic observations of Mars even in an era of expanded planetary missions was
reinforced during 1999 with the failure of both the Mars Climate Orbiter (MCO) and
Mars Polar Lander missions. MCO in particular would have provided substantial new
multispectral and atmospheric sounding data highly complementary to the types of mea-
surements being performed by HST . In the absence of these orbital or landed missions,
HST has continued to provide both the best monitoring observations and the only new
measurements of Mars surface and atmospheric phenomena. The planetary science com-
munity has embraced this role for the telescope, and fully expect HST ’s contributions to
continue to include important and unique NASA spacecraft mission support functions as
well as new science results.

(e) Public relations and outreach. HST ’s images of Mars are spectacular, and they
fulfill important non-scientific NASA goals by providing inspirational and educational
information about an object that is both familiar and interesting to the general public.
Mars has long fascinated the public because of its Earthlike characteristics and the poten-
tial for past or even present life on its surface. Scientists and educators capitalize on this
nascent interest and have used HST and other mission’s images and information about
Mars to teach concepts of astronomy, geology atmospheric science, celestial mechanics,
and even biology. The education and outreach impact can be assessed by the many K–12
curriculum materials, museum exhibits, ST ScI press releases (11), and general interest
newspaper and magazine articles that have been produced based on HST Mars images
and other data.

4. Observations
Earth to Mars oppositions occur every ∼ 26 months, with Mars closest approach

distance varying from 56 to 101 million km over a ∼ 15 year period because of the eccen-
tricity of the Martian orbit. The inclination of Mars (25◦) is similar to the Earth’s, and
the planets’ orbital cycles are phased so that oppositions occur at successively advanc-
ing Martian seasons during the ∼ 15 year cycle (Figure 1). Mars southern hemisphere
summer occurs near the perihelion of its orbit and coincides with the closest Earth to
Mars oppositions, providing the best possible spatial resolution. The worst oppositions
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Figure 1.

in terms of spatial resolution occur near Martian aphelion, meaning that northern hemi-
sphere summer is the least well studied period of the Martian year.

4.1. Imaging
Table 1 summarizes HST Imaging Observations during Cycles 0–8 (1990 to 1999). Early
Cycle 0–3 WF/PC observations were limited in terms of resolution by the uncorrected
spherical aberration of the HST primary. In addition, observing time was initially allo-
cated in units of hours, allowing time for usually no more than 6–7 images per visit. As a
result, the focus of imaging observations was on UV and blue exposures to study aerosols,
and on a modest amount of red and green imaging in order to generate true color images
of the planet. A small number of additional near-IR exposures was obtained to try to
characterize the spectral behavior of the surface at longer wavelengths. Visit spacings
were timed to try to sample the Martian seasonal cycle at intervals corresponding to the
timescale of changes observed in the historic telescopic record (e.g. Martin et al. 1992).
Occasional visits were conducted on the same Martian sol (a sol is one Martian “day.”
or 24 hours 37 minutes) in order to search for diurnal variations as well as to construct
global maps covering all longitudes.
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Figure 2.

After Cycle 4 the spherical aberration was corrected by COSTAR, and WFPC2 was
able to realize the full diffraction-limited resolution of the system (Figure 2). Also, time
allocation was changed to integer numbers of orbits rather than hours, meaning that ad-
ditional exposures could be obtained during each visit. The important focus on blue/UV
imaging was maintained, as was the seasonal sampling, but additional orbit time meant
that more near-IR images could be obtained in order to characterize the surface colori-
metric, mineralogic, and photometric properties. In additional to the standard filters,
several of the WFPC2 linear ramp filters (LRF) were employed beginning in Cycle 5, in
order to obtain photometry at key wavelengths diagnostic of broad solid state mineral
absorption features.

The only NICMOS Mars observations to date were performed during a single dedicated
orbit in July 1997. These observations were designed to sample the Martian near-IR
reflectance spectrum at key wavelengths diagnostic of atmospheric CO2, CO, and H2O
as well as solid state mineral absorptions.

4.2. Spectroscopy
Table 2 summarizes HST spectroscopic observations during Cycles 0–8. Spectroscopy
of Mars in the UV was performed using both FOS and STIS in order to characterize
the composition, opacity, and spatial/temporal distribution of atmospheric aerosols. The
instrument apertures were frequently positioned across both the limb and terminator
in order to maximize atmospheric path length and to detect diurnal variations. FOS
“pushbroom” scans and STIS slit-scans were programmed in order to obtain wider spatial
coverage as well as measurements spanning specific latitudes/longitudes. STIS long-slit
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UT Date Time, Inst. & Central Diam., SE Lat, SE Lon, Phase, Ls, PROGID
YYMMDD UT Wavelength arcsec deg deg deg deg

HST Cycle 1 data: FOS

910102 07:06 FOS, 2650 Å 13.7 −13.1 314.1 25.9 358.7 3107, James
910207 06:27 FOS, 2650 Å 9.4 −10.0 329.2 36.2 16.2 3107, James

HST Cycle 2 data: FOS

920627 18:04 FOS, 2650 Å 5.8 −16.9 234.6 37.6 277.0 3763, James
920824 07:45 FOS, 2650 Å 6.8 −1.5 239.5 41.9 311.8 3763, James

HST Cycle 3 data: FOS

930102 05:58 FOS, 2650 Å 15.1 8.3 71.7 5.5 20.0 4771, James
930409 14:44 FOS, 2650 Å 7.2 10.4 33.9 37.0 63.8 4771, James

HST Cycle 4 data: FOS

950224 18:25 FOS, 2650 Å 13.7 17.5 294.8 10.6 63.5 5493, James

HST Cycle 6 data: FOS

960918 18:40 FOS, 2650 Å 4.7 16.8 139.5 29.3 11.3 6741, James
970104 16:18 FOS, 2650 Å 8.3 23.8 144.8 35.0 60.4 6741, James

HST Cycle 7 data: STIS

970708 13:28 STIS, 2375 Å 7.2 25.6 208.0 40.6 144.7 7276, James
970724 08:21 STIS, 7751 Å 6.5 24.4 338.0 40.1 152.7 7276, James
970827 10:31 STIS, 2375 Å 5.8 19.1 38.3 37.7 170.9 7276, James
971001 03:18 STIS, 2375 Å 5.4 10.4 311.1 33.9 190.4 7276, James

HST Cycle 8 data: STIS

990427 19:53 STIS, 7751 Å 16.2 19.0 45.4 2.8 130.5 8152, Bell
990501 15:46 STIS, 7751 Å 16.2 19.6 310.2 6.0 132.4 8152, Bell
990506 13:26 STIS, 7751 Å 16.1 20.3 232.3 10.1 134.8 8152, Bell
990507 07:14 STIS, 7751 Å 16.1 20.4 132.7 10.7 135.1 8152, Bell

Table 2. HST FOS and STIS observations of Mars: 1990–1999
(Table heading abbreviations as in Table 1.)

spectroscopy in the visible was performed in Cycles 7 and 8 using slit scanning to build
up 3-dimensional image cubes (spatial × spatial × spectral); due to a commanding error
the scan did not work successfully in Cycle 7, but the Cycle 8 scans executed flawlessly.

5. Results
Many scientific results have been published in the peer-reviewed literature from the

∼ 10 years of HST Mars observations. This section summarizes the major findings and
discusses their implications for both science and NASA mission support. Additional de-
tails can be found in the publications cited along with each of the results discussed.

5.1. Martian atmospheric studies
5.1.1. Abundance and spatial distribution of O3 and H2O

Ozone and water are only trace constituents of the Martian atmosphere (0.04 to
0.2 ppm and ∼ 0.03%, respectively; Owen 1992), but their photolysis and recombination
play critical roles in Martian atmospheric photochemistry. Specifically, the long-term sta-
bility of CO2 against photolytic breakdown (CO2 +hν → CO + O) is maintained by the
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breakdown and recombination of O3 and H2O in the Martian atmosphere (e.g. McElroy
& Donahue 1972; Clancy & Nair 1996). Ozone has a photochemical lifetime of only a few
hours in the Martian atmosphere, but it has been shown by Mariner 9 measurements to
undergo large seasonal variations in response to changes in the Mars atmospheric water
vapor profile (e.g. Barth et al. 1973). Ozone is difficult to measure on Mars from ground-
based or spacecraft techniques, but HST can routinely provide excellent data on Mars
ozone by UV spectra and imaging within the strong ∼ 260 nm O3 Hartley absorption
band. James et al. (1994) used WF/PC UV imaging and an atmospheric scattering model
to constrain ozone abundances and atmospheric dust and water ice cloud opacities dur-
ing late northern winter (Ls ∼ 350◦). Clancy et al. (1996) analyzed FOS spectral scans
of Mars from Cycle 4 data (Table 2) to derive ozone column abundances and water ice
cloud opacities during the Martian aphelion season. They found twice the ozone abun-
dance as that reported from perihelion IR spectroscopy measurements (Espenak et al.
1991), consistent with photochemical and observational modeling (Clancy & Nair 1996;
Clancy et al. 1996) that predicted such a seasonal middle-atmosphere ozone increase
associated with lower aphelion atmospheric temperatures and lowering of the altitude
of water vapor saturation (see below). This aphelion enhancement of the ozone was ob-
served again in the next Mars year (1996–7) using FOS data (Clancy et al. 1999). HST
observations currently provide the only way to routinely monitor the variability of ozone,
and by inference water vapor, in the Martian atmosphere. As described below, HST ob-
servations have had a profound impact on current thinking about the stability of the
Martian climate.

5.1.2. Opacity and spatial/temporal variability of atmospheric dust and water ice clouds
The ability to observe in the UV and to perform accurate flux calibration of HST

imaging and spectroscopic measurements across the UV to near-IR has enabled substan-
tial progress in the modeling of aerosol opacity in the Martian atmosphere. For example,
James et al. (1994) used WF/PC images and a multiple-scattering radiative transfer
model to estimate dust and water ice cloud opacities and their radiative influence on the
Martian climate. They found low dust opacities (τ < 0.1–0.2) in their December 1990 and
May 1992 observations, and water ice cloud opacities near 0.2 for the winter “polar hood”
clouds and typically < 0.1 for orographic or early morning limb clouds. Modeling of 1995
WFPC2 images by Wolff et al. (1997) during visibly dusty conditions (Figure 3) allowed
quantitative estimates of the dust and water ice cloud opacity as well as refined values of
the dust single scattering albedo. They noted the correlation between elevated dust opac-
ities and elevated atmospheric temperatures derived from near-simultaneous microwave
imaging, and postulated that the dust activity seen in the 1995 HST images likely fol-
lowed a large regional or possibly even global dust storm which was not noticed by other
groundbased observing methods. Most recently, Wolff et al. (1999) analyzed 1992–97
HST images to determine dust and water ice cloud opacities and to constrain further the
dust single scattering albedo. Their results are consistent with near-simultaneous opacity
values derived from the surface by Mars Pathfinder (Smith et al. 1997) as well as by those
obtained from MGS (Clancy et al. 2000). The HST and MGS opacity values indicate that
Mars was generally less dusty during 1992–1997 than during the same seasons during the
Viking Lander missions of the late 1970s.

5.1.3. Changes to the Viking-era climate paradigm?
Based on a combination of groundbased microwave profiling and HST observations,

Clancy et al. (1996) proposed a modification in the Viking-era interpretation of the
Martian climate. In essence, their analysis indicated that the aphelion season on Mars
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Figure 3.

Figure 4.

was now colder and less dusty than during the Viking mission. Solar insolation varies
by ∼ 40% during the Martian year because of the planet’s eccentricity, leading to 30–
40 K annual variations in average atmospheric temperatures (in the absence of any other
sources of radiative warming such as a large dust opacity). The lower temperatures
produce a lower altitude (< 10 km) of water vapor saturation. One directly observable
consequence of this different climate is that the aphelion atmosphere of Mars should
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Figure 5.

be extremely cloudy. Until quite recently, it was thought that such cloudiness was not
present during the multi-year Viking Orbiter missions of the late 1970s to early 1980s.
This fact was addressed by Clancy et al. (1996) with the suggestion that the Viking-era
atmosphere was much more dusty than “usual,” and that this elevated dust provided a
source of radiative heating sufficient to prevent the atmosphere from transitioning to the
cooler, cloudier aphelion state. Groundbased optical and IR observations of Mars near
aphelion are typically of poor quality because even at opposition the planet is always
far from Earth (Figure 1), and so HST observations in the mid-1990s provided the first
opportunity to test (separately from the microwave data) this “cold and cloudy” vs.
“warm and dusty” hypothesis. Figure 4 shows a composite map of 410 nm images from
February 1995—an equatorial “belt” of enhanced cloudiness is apparent in these and
other HST image near aphelion (as well as some older photographic data reported by
Slipher 1962), consistent with the Clancy et al. (1996) aphelion climate. A quantitative
HST study of water ice cloud opacity during the 1990s by Wolff et al. (1999) corroborated
the presence of an extensive aphelion equatorial cloud belt for three sequential Martian
years. The recent discovery of a bias in the Viking data used to derive atmospheric
temperatures (previous ones are 15 to 20 K too warm) (Richardson & Wilson, 2000)
and the apparent presence of the aphelion cloud phenomenon in some of the Viking
observations (Tamppari et al. 2000) have further highlighted the reality of the Clancy
et al. finding. Although much of the original motivation for the Clancy et al. climate
model derived from microwave measurements, HST observations of the aphelion cloud
belt provided a critical piece of evidence that could not be ignored.

5.1.4. Atmospheric circulation
The advent of WFPC2 observations during Cycle 4 provided the ability to obtain spec-

tacular UV and blue images of fine-scale structure in the Martian atmosphere (Figure 5),
thus allowing cloud feature tracking to derive wind speed and wind direction data and
to compare them with predictions from General Circulation Models (GCMs) for specific
seasons. Mischna et al. (1998) analyzed Cycle 6 WFPC2 UV/blue images and identified
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Figure 6.

specific cloud features that could be tracked over a 5 hour time span between images.
They found average wind speeds of ∼ 30 ± 10 m/sec for the features studied. Both the
speeds and the determined wind directions of the clouds were found to be consistent with
GCM predictions for early northern summer midlatitudes (Haberle et al. 1993). More
recently, Gierasch & Bell (2000) report the detection of a huge cyclonic storm system in
Cycle 8 WFPC2 imaging during northern summer (Figure 6). This spiral storm is similar
in form to those seen during summer at high northern latitudes by the Viking Orbiter
mission (Gierasch et al. 1979) except that it was much larger. Groundbased amateur ob-
servers (M. Minami, pers. comm., 1999) report possible evidence for the existence of the
storm at least several days before the HST observations, but additional HST imaging
just 6 hours after the discovery observations show it to have rapidly dissipated. MGS
Mars Orbiter Camera (MOC) or laser altimeter observations were not obtained at the
same time as the HST data, but MOC data taken a few days later show evidence for
similar short-lived spiral structures in the north polar region (M. Malin, pers. comm.,
1999). The HST , MOC, and Viking data combined indicate that spiral water ice storms
are a common feature of the northern summer polar latitudes. Gierasch and Bell (2000)
postulate that these systems may be fueled by the strong temperature gradient between
the cold polar atmosphere and the warmer surface of the dark circumpolar sand dunes,
much like “polar low” storms on the Earth are fueled by oceanic temperature gradients.

5.2. Martian surface studies
5.2.1. Oxidation state of Fe in the surface materials

Groundbased telescopic observations of Mars at visible wavelengths have previously
revealed that the surface has a steep red spectral slope caused by the presence of oxidized
surface minerals with Fe(III) solid state absorptions in the blue to UV (e.g. Adams &
McCord 1969; Singer et al. 1979; Bell et al. 1990). Evidence for Fe(II) absorption features
caused by relatively unoxidized surface materials, primarily in low albedo regions, has also
been presented in these same studies from measurements in the near-infrared, especially
near 1.0 µm. The region near 1.0 µm includes absorption from both Fe(II) and Fe(III)
solid state mineral features, however, and so inferences regarding the oxidation state of
low albedo regions of Mars must properly separate the effects of both ferric and ferrous



J. F. Bell III: HST studies of Mars 17

Figure 7.

mineral bands in the near-IR (e.g. Morris et al. 1995). Such unmixing is confounded in
groundbased studies by the presence of strong telluric absorption near 0.95 µm which
can hamper or destroy the ability to proper model the spectral reflectance across the
1 µm band. HST measurements are free of telluric contamination and thus provide
the ability to properly measure and model this important spectral region. Examples
of WFPC2 spectra assembled from multiple narrowband images are shown in Figure 7
(Bell et al. 1999). These data, combined with HST multispectral imaging from earlier
Cycles (James et al. 1996; Bell et al. 1997), has confirmed that most low albedo, classical
“dark” regions of Mars contain a substantial Fe(II) component diagnostic of relatively
unweathered and unoxidized volcanic material like pyroxene, mixed with and/or partially
covered by small amounts of a much more heavily oxidized Fe(III) component diagnostic
of poorly crystalline or nanophase iron oxide. However, the HST studies also reveal the
existence of anomalous dark regions that appear dominated by ferric rather than ferrous
minerals, and may represent the discovery of a new class of surface materials with spectral
properties consistent with hydrated ferric oxides like goethite (α-FeOOH) or ferrihydrite
(∼ 5 Fe2O3 · 9H2O) rather than anhydrous ferric oxides like hematite (α-Fe2O3) (Bell,
1992; Murchie et al. 1993, 2000; Bell & Morris 2000). If confirmed by additional telescopic
and spacecraft investigations, this discovery may indicate regions on Mars where liquid
water was extensively involved in the weathering and alteration of surface materials.
While OH- or H2O-bearing minerals should be unstable and should dehydroxylate under
present Martian climatic conditions (very low p(H2O), high UV flux), they could exist
metastably because of extremely low temperatures and/or burial within a mixed regolith
(e.g. Burns, 1993, Yen et al. 1999).

5.2.2. Global-scale spectral unit mapping
The multispectral properties of surface materials on Mars provide diagnostic informa-

tion on their composition and physical nature. During the Viking Orbiter investigation
in the mid 1970s, imaging observations as the spacecraft approached Mars were used to
discriminate distinct surface units based on their 3-color (blue, green, red) spectral prop-
erties (Soderblom et al. 1978; McCord et al. 1982). Differences in color were related to
potential differences in mineralogy, oxidation state, particle size, and/or degree of surface
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Figure 8.

compaction (fine dust vs. cemented duricrust). HST provides unique new data that can
extend the Viking-era spectral unit study to higher latitudes and longer wavelengths at a
comparable spatial scale (tens of km/pixel). Initial analyses of eastern hemisphere spec-
tral units by Bell et al. (1997) showed broad consistency with the Viking-derived spectral
units, but was augmented by the ability to discriminate further by using WFPC2’s near-
IR filters to reveal additional reflectance trends not identifiable in previous (or current)
spacecraft datasets.

5.2.3. Unique surface mineralogic deposits
The combination of WFPC2 and NICMOS imaging observations of Mars provides the

ability to cover broad regions of the solar reflectance spectrum at spatial scales unob-
tainable from groundbased telescopes and in spectral regions not being measured by
spacecraft, and thus to identify unique spectroscopic signatures from surface materials.
Two examples have been reported from preliminary analyses of Cycle 7 and 9 Mars im-
ages. First, NICMOS observations during Cycle 7 provided evidence for the presence of
spatial variations in the distribution of H2O- or OH-bearing minerals on the surface (Bell
et al. 1998). The Martian surface has long been known to contain a small amount (1 to
3%) of such hydrated minerals, although their specific mineralogic identity has not been
determined (e.g. Houck et al. 1973; Pimentel et al. 1974). The NICMOS data, showing
variations in the strength of an H2O vibrational overtone absorption near 1450 nm (Fig-
ure 8), have not revealed the identity of the hydrated mineral(s) on the surface, but they
have revealed spatial variations in the abundance and/or composition of the hydrated
material, especially within the classical dark regions. Continuing analyses are searching
for correlations between these variations and other geologic or spectroscopic properties of
the surface, in the hopes of identifying the specific mineralogy. Second, WFPC2 Cycle 6
observations in the near-IR revealed the presence of extremely strong absorption near 953
nm isolated to a dark ring of material surrounding the north polar cap (Bell et al. 1996,
1997; Figure 9). This dark material is known to include large expanses of sand dunes
and other aeolian features based on Viking Orbiter imaging. The HST data have been
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Figure 9.

interpreted to indicate the presence of extremely “fresh” or unoxidized deposits of the
igneous mineral pyroxene. The pyroxene signature in the north polar sand sea appears
broadly similar to that observed from groundbased telescopes and HST in other dark
regions of the planet (e.g. Singer et al. 1979; Bell et al. 1997), but this geologic region
has either a higher pyroxene abundance, a larger pyroxene grain size, and/or a different
composition that leads to a stronger band depth. One proposed model accounts for the
stronger bands through a comet-like “sublimation gardening” effect, whereby grains are
continually being jostled and freed of dust coatings by the diurnal and seasonal exchange
of CO2 between the polar surface and atmosphere (Bell et al. 1997). This and other
models are being tested and refined using higher resolution and extended wavelength
coverage of the same region of the planet obtained by WFPC2 during Cycle 8 (Bell et al.
2000).

5.2.4. Surface albedo changes on seasonal and interannual timescales
Mars has exhibited changes in surface albedo markings throughout the history of tele-

scopic observations. These variations in albedo markings are caused by aeolian deposition
or removal of bright, red, heavily oxidized dust over regions of intrinsically lower albedo.
When seasonal or interannual wind circulation patterns change, dust that was prefer-
entially deposited after local or global-scale dust storms can be swept clean, exposing a
darker surface. Telescopic and spacecraft observations have shown that the dust particles
are only a few microns in size on average (e.g. Pollack et al. 195; Ockert-Bell et al. 1997),
and thus they are easily transportable by winds of a few tens of meters per second in
the thin Martian atmosphere. Laboratory studies have shown that only a few tens of
microns or less of dust are required to optically brighten a low albedo surface (Wells
et al. 1984; Johnson et al. 2000). Therefore, changes in the surface albedo distribution
can be used to identify changes in global atmospheric circulation patterns, and serve
as a proxy for understanding the variability of the current Martian climate. HST has
provided new insight in this area by revealing surface albedo changes over a ∼ 10 year
period and at an unprecedented spatial scale. The most prominent reported change is the
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Figure 10.

near-complete disappearance of a California-sized low albedo region called Cerberus in
the planet’s eastern hemisphere (Lee et al. 1996), between the end of the Viking mission
in the early 1980s and HST observations in the 1990s (Figure 10). Apparently, changing
atmospheric circulation patterns during this time resulted in the preferential deposition
of windblown dust on top of this feature. Groundbased thermal IR observations of this
part of the surface, combined with the HST observations, indicate a layer of dust perhaps
as thick as 1–2 mm deposited onto the surface over a 5 to 10 year period (Moersch, 1998).
The implied dust deposition rate (∼ 400 µm/yr) is at the very high end of that inferred
from other types of observations, and may indicate the presence of substantial regional
or global-scale dust storm activity during the post-Viking but pre-HST period.

5.2.5. Growth and recession of the polar caps
The most obvious and measurable manifestation of the changing Martian seasons is the

waxing and waning of the planet’s seasonal polar ice caps. Each fall and winter, nearly
25% of the atmospheric mass condenses out at the poles to form meters-thick deposits
of CO2 frost. Each spring and summer, the CO2 sublimes back into the atmosphere,
exposing in the north a residual water ice polar cap, and in the south either bare surface
some years or a small H2O+CO2 residual ice cap. Variations in the growth and decay
rates of the seasonal polar caps have been observed for centuries telescopically, and these
variations reveal short-term fluctuations in the current Martian climate (James et al.
1992). HST provides the ability to monitor polar cap recession at scales comparable to
previous Mariner 9 and Viking Orbiter imaging, and thus to make detailed comparisons
of year-to-year climate variability based on small-scale feature variations. Both James
et al. (1996) and Cantor et al. (1998) have analyzed HST images of Mars polar cap
retreats during the 1990s and have found evidence for differences between the behavior
of the cap in the 1990s and that reported from previous epochs. The source of the
changes is thought to be related to variations in annual dust storm variability, which
can substantially change the seasonal variation of the diurnal atmospheric temperature
profile.

5.2.6. High resolution imaging spectroscopy
Most recently, HST and STIS have been used to obtain imaging spectroscopic data

of Mars in the visible to near-IR and at high spatial and spectral resolution (Bell et al.
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Figure 11.

1998, 1999). These data were obtained via a challenging series of HST measurements that
were obtained by scanning the STIS long slit across the planet and obtaining individual
spatial x spectral slit images at each scan position. By merging the individual slit images
and mapping them onto the planet, a cartographically-registered 3-dimensional cube
(spatial × spatial × spectral) was created covering more than 80% of the planet between
∼ 5000 to 10,000 Å at ∼ 5 Å resolution (Figure 11). Initial analyses of these data (Bell &
Wolff 2000) reveals evidence for subtle variations in Fe(II) and Fe(III) solid state mineral
absorption features that cannot be seen in the coarsely-sampled WFPC2 spectra or in
groundbased spectra that include telluric absorption in the near-IR.

5.3. Martian satellites
HST has also been used to observe the small Martian satellites Phobos and Deimos,
whose UV and visible spectral properties have been the subject of some controversy
because of difficulties in completely removing contaminating Mars background flux. Ob-
servations and analyses by Zellner & Wells (1994) using FOS and Cantor et al. (1999)
using WFPC2 clearly separated the satellites from background Mars flux and confirm
that Phobos does not have a spectrum that matches a simple carbonaceous meteorite
analog material. The leading hemisphere of Deimos is much redder than the trailing hemi-
sphere. While the Deimos leading hemisphere resembles the spectra of D-type asteroids
(Zellner & Wells 1994), there are no simple meteorite analogs that match its spectrum.

6. Future prospects
Figure 1 reveals that the first few oppositions of the 21st century provide excellent

opportunities for HST studies of Mars. Earth-Mars closest approach distances during
2001 and 2003 are the lowest possible during the 15–17 year opposition cycle, and in
fact the planet is closer to Earth during the 2003 opposition (0.372 AU) than it has
been for the past several thousand years (and it will not get this close to Earth again
until 2287) (Goffin & Meeus 1978). This close alignment will provide the opportunity
for unprecedented telescopic spatial resolution at opposition (10–15 km/pixel), and very
high spatial resolution over a large fraction of the Martian seasonal cycle away from
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opposition. In addition, the equatorial plane of Mars is near the plane of the ecliptic
during the June 2001 opposition, providing the opportunity for extremely low phase
angle studies of the Martian satellites as well as a possible search for a Martian ring
(Hamilton 1996).

In addition to these orbital/geometric prospects, improvements and upgrades to HST
systems and instruments will provide additional opportunities for Mars studies in up-
coming years. These include the re-commissioning of NICMOS, the installation and avail-
ability of the ACS and WFC3, enhancements to HST ’s pointing and guiding capabilities,
and improvements and enhancements to both the WFPC2 and STIS data reduction and
calibration pipelines.

7. Conclusions
HST observations of Mars continue to provide important new information about the

planet’s surface and atmosphere over unique wavelength intervals and spatial/temporal
scales that are highly complementary to ongoing and planned Mars spacecraft investiga-
tions. New discoveries and insights have been made by HST concerning ozone, dust, and
water vapor opacity and distribution and their radiative effects on the atmospheric energy
balance; on evidence for recent “climate change” between the ∼ 20 years between Viking
and HST observations of Mars; on the dynamics of dust and water vapor transport in the
Martian atmosphere and their relationship to GCM predictions; on the oxidation state
of the surface, spatial distribution of surface mineralogy, and their implications for past
climatic variations; and on changes in the surface albedo distribution on interannual and
decadal timescales related to variations in aeolian dust cover and seasonal CO2 and H2O
ice condensation and sublimation. Highly favorable Earth-Mars viewing conditions over
the first few oppositions of the 21st century plus planned telescope and instrument up-
grades and improvements will provide continued opportunities for significant and unique
contributions to Mars studies using HST .

The results described here are based on the work of many PIs and Co-Is on GO and
GTO programs during the past decade. I am especially grateful to Mike Wolff (SSI) for his
review of an earlier draft of this manuscript. I also thank P. James (U. Toledo); D. Crisp
and J. Trauger (JPL); P. Smith (LPL), R. T. Clancy (SSI), S. Lee (LASP), M. Mischna
(Penn State), and the rest of the WF/PC and WF/PC2 science teams for sharing their
results and insights. HST observations of Mars often place substantial demands on both
spacecraft and personnel resources. The hard work and dedication of many people have
helped to make these observations successful over the past decade. Specifically, those of us
involved in HST Mars science thank the following people for critical support: S. Baggett,
C. Cox, J. Christensen, J. Krist, Z. Levay, A. Lubenow, M. McGrath, K. Noll, K. Rudloff,
E. Smith, R. Villard, and D. Weaver (ST ScI); R. Evans and K. Stapelfeldt (JPL);
B. Cantor (U. Toledo); B. Cichy and T. Daley (Cornell); H. Ford and D. Golimowski
(JHU); R. Singer (LPL); and D. Schroeder (NOAO). Finally, I would like to dedicate this
work to the late Leonard J. Martin of Lowell Observatory, a Co-I on many HST Mars GO
programs and expert on the geography and climatology of the red planet. His insights and
telescopic experience were invaluable in the planning and analysis of the data described
here, and his enthusiasm for the beautiful images produced by HST was inspirational.
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HST images of Jupiter’s UV aurora

By JOHN T. CLARKE
Space Physics Research Laboratory, University of Michigan, Ann Arbor, MI 48109-2143

One of the brightest and most variable UV emissions in the solar system comes from Jupiter’s
UV aurora. The auroras have been imaged with each camera on HST , starting with the pre-
COSTAR FOC and continuing with increasing sensitivity to the present with STIS. This paper
presents a short overview of the scientific results on Jupiter’s aurora obtained from HST UV
images and spectra, plus a short discussion of Saturn’s aurora.

1. The Earth’s aurora: Present understanding
With a long history of ground-based and spacecraft measurements, we now have some

understanding of the physics of the Earth’s auroral processes. A general picture of the
nature of auroral activity on the Earth has evolved, without a complete understanding
of the many details. In general, auroral emissions are produced by high energy charged
particles precipitating into the Earth’s upper atmosphere from the magnetosphere (the
region of space where the motions of particles are governed by the Earth’s magnetic
field). It is well established that the Earth’s auroral activity is related to solar activity,
and more specifically to conditions in the solar wind reaching the Earth. The precipi-
tating charged particles are accelerated to high energies in the Earth’s magnetosphere,
with some acceleration occurring in the magnetotail region and some occurring by field-
aligned potentials in the topside ionosphere. The auroral emissions then strongly modify
the Earth’s auroral ionosphere with large amounts of ionization and Joule heating. The
Earth’s auroral oval is known to maintain a pattern fixed with respect to the Earth-Sun
line (i.e. along the noon-midnight meridian). The aurora normally exhibits oval-shaped
patterns centered on each magnetic pole, while the Earth rotates under these ovals. While
the general orientation of the ovals may be fixed, large variations in auroral intensity (as
well as the diameters of the auroral ovals) occur over time. The fixed ovals are due to
the acceleration of particles in the interaction of the solar wind with the Earth’s mag-
netic field. When auroral storms occur, they typically begin near local midnight with a
brightening of one section of the auroral oval. The brightening will then extend along the
oval, while at the same time the oval increases its radius, resulting in auroral displays
that can be observed as far south as the southern US states.

The general processes are sketched as a cartoon in Figure 1. Auroral storms on the
Earth are triggered when the solar wind magnetic field turns southward, and large storms
are generally produced when a coronal mass ejection on the Sun directs a high speed
stream in the solar wind toward the Earth. This orientation permits the solar wind
magnetic field to connect directly with the Earth’s magnetic field, so that the electrons
and ions in the solar wind cross field lines as they pass down the tail region. The resulting
drifts of electrons and ions toward the evening and morning sides of the tail, respectively,
produce an electric potential across the magnetotail. This electric potential is what drives
the aurora. The much higher electrical conductivity along field lines leads to the motion
of high energy charged particles along field lines into the Earth’s ionosphere, where the
cross-field conductivity is sufficient for the circuit to be closed. The process works much
more efficiently when the solar wind magnetic field is pointed southward.

This discussion smooths over many details of the Earth’s aurora, but should be suffi-
cient to compare and contrast aurora on the Earth with the aurora on Jupiter.
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Figure 1. Cartoon schematic of the interaction of the solar wind with the Earth’s
magnetosphere, from Akasofu 1979.

2. Jupiter’s aurora: Post-Voyager picture
Jupiter’s auroras were first observed by the Voyager 1 ultraviolet spectrometer in 1979

(Broadfoot et al. 1979), and within months were also observed and a long term study
begun by the IUE (Clarke et al. 1980). The Voyager 1 & 2 encounters and subsequent
extended IUE observations led to a “standard” accepted picture of Jupiter’s magne-
tosphere and the production of the polar auroras, which will be outlined below. Based
on early radio observations, it had been thought since the 1960s that Jupiter possessed
a strong magnetic field of 1–10 Gauss strength, and that this field was strongly non-
dipolar. The Pioneer and Voyager missions provided the first in situ measurements of
the strength and geometry of Jupiter’s magnetic field and the plasma properties of the
Jovian magnetosphere. The Voyager missions also discovered Io’s volcanoes, and found
the full effects of the plasma torus on Jupiter’s magnetosphere.

The resulting picture of Jupiter’s magnetosphere was one filled with plasma predomi-
nantly from the Io torus, with the ions dominated by S and O species. It was believed that
this plasma drifted slowly outward from the torus, and that some particles were accel-
erated to high energies by unknown processes. These particles then drifted more rapidly
back inwards, and were no longer detected inside roughly 10–15 Jovian radii (RJ ). The
aurora were therefore thought to be produced by precipitating charged particles pitch
angle scattered into the loss cone in the range 10–15 RJ , originating in the plasma torus
but accelerated farther out in the magnetosphere. It was known that the plasma pressure
was sufficiently large in Jupiter’s magnetosphere so that the corotating plasma current
strongly distorted the local magnetic field outside roughly 6–8 RJ , with the region of
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corotating plasma in the current sheet extending out to 20–30 RJ . Continuous currents
from the magnetosphere to Jupiter’s auroral ionosphere were thought to dissipate up to
1014 Watts of power in the very bright aurora. This auroral energy was known to be 20–
50 times greater than the solar UV radiation absorbed globally in the upper atmosphere,
so that the aurora would drive the upper atmosphere on a global basis. The ultimate
source of energy for all these processes on Jupiter was Jupiter’s rotation, which enforced
pickup and corotation on the plasma via the magnetic field. This is in contrast to the
situation at Earth, where the solar wind is the main source of energy for the aurora.

The interaction of Io with Jupiter’s magnetic field is of particular interest. Io is electri-
cally conducting by virtue of its ionosphere, with Jupiter’s magnetic field and the corotat-
ing plasma torus sweeping past at a speed exceeding Io’s orbital motion by 56 km s−1.
Following early decametric observations, a continuous electric current linking Io with
Jupiter’s ionosphere was proposed (Figure 2), driven by Io acting as a unipolar inductor
with a 400 kilovolt potential across its diameter radially away from Jupiter (Goldreich
1969). The Voyager 1 spacecraft passed about 20,000 km south of Io, and found the
local magnetic field and plasma flow distorted by a 3× 106 Ampere field-aligned current
(Acuna et al. 1981) along Io’s magnetic flux tube. The existence of the plasma torus
along Io’s orbit implied that the field-aligned current would be carried by Alfvén waves
propagating at a speed determined by the local plasma density (Belcher 1987). The mea-
sured torus plasma density suggested that the Alfvén waves carrying the current should
return from Jupiter’s ionosphere after Io had passed beyond those magnetic field lines, so
that the circuit would not maintain a direct current structure. Io’s magnetic “footprint”
auroral emission would be produced at the point where the circuit is closed by currents
in and out of Jupiter’s upper atmosphere. Jupiter’s magnetic field also picks up ions
and electrons from Io, distributing them into a corotating torus-shaped plasma region
about Jupiter. Jupiter’s rotation with an inclined and asymmetric magnetic field causes
the torus to move north and south with respect to Io, thereby varying the current path
length through the torus with longitude (in the opposite sense north and south), and the
field strength (and corresponding electric potential) at Io varies by 20% with longitude.
Considerable variability was therefore expected in the production of auroral emissions
at Io’s magnetic footprint on Jupiter, which would be diagnostic of the interaction of Io
with Jupiter’s magnetic field and the plasma torus.

3. Background on observations of Jupiter
The early detection of decametric radio emissions modulated by the orbital location of

Io, discussed above, indicated that Jupiter had a magnetic field and an electromagnetic
interaction with Io. Interpreting the highest frequency detected as an electron gyrofre-
quency implied a maximum field strength of 10 Gauss. Jupiter’s ionosphere was first
detected by radio occultation during the Pioneer 10 flyby in 1974 (Kliore et al. 1974),
and ground-based telescopic observations first detected the plasma torus in the mid 1970s
(Brown & Yung 1976). It was during the Voyager 1 flyby in 1979 that Jupiter’s UV au-
roral were first observed (Broadfoot et al. 1979), and during this and the Voyager 2
encounter the long aperture of the UVS was used to map the equatorward extent of
the UV auroral emissions. These maps indicated that auroral emissions first appeared
when the end of the aperture covered the expected latitude of the magnetic mapping
of the plasma torus into Jupiter’s atmosphere, seemingly implicating the plasma torus
as the source of auroral particles. IUE observations provided important information on
the spatial and temporal variations of the UV aurora from Jupiter’s north and south
polar regions (Clarke et al. 1980, Livengood et al. 1992, Harris et al. 1996). These in-
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Figure 2. Schematic drawing of the electrodynamic interaction of Io with Jupiter’s magnetic
field, as it was perceived in the post-Voyager epoch (Acuna et al. 1983).

cluded mapping the auroral intensity and “color ratio” (an indication of the atmospheric
absorption of departing auroral emissions) with Jovian longitude and time, as well as
spectra of Io’s airglow and the plasma torus. The UV auroral emissions are similar to the
spectrum of electron excitation of H2 in the laboratory, including H2 Lyman (B 1Σu

+–X
1Σg

+) and Werner (C 1Πu–X 1Σg
+) band series plus H Lyα line emission. In addition,

near-IR thermal emissions from wavelengths of 2.1 and 3.4 microns have been detected
from H+

3 ions in Jupiter’s auroral ionosphere (Drossart et al. 1989), which act to ra-
diatively cool the auroral atmosphere. The IR emissions are not directly excited, as the
UV emissions are, and therefore represent the auroral energy dissipation integrated over
some period of time rather than a direct link to magnetospheric particle precipitation.
The H3

+ emissions do exhibit a similar morphology to the UV emissions, although this
has only been tested with lower resolution ground-based images, and to date without
simultnaeous imaging from the ground and HST .

4. FOC, WFPC 2, STIS UV imaging properties
Since the launch of HST , three cameras in four imaging modes have been used to

obtain images of the UV aurora from Jupiter, counting the modes as the pre- and post-
COSTAR FOC, the WFPC2, and the STIS. This section will quickly review the obser-
vational strategies used with these cameras, and the relative properties of the cameras
in observations of diffuse UV emissions.

Several challenges exist for any camera on HST to image the bright UV aurora on
Jupiter (or any other planet). These include blocking the longer wavelength light from
the sunlit sides of the outer planets, which is 6 orders of magnitude greater than the
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Property FOC WFPC2 STIS

Point Spread Function (FWHM): 0.05′′ 0.10′′ 0.08′′

Typical Exposure: 700–900 sec 400–600 sec 100 sec
Limiting Sensitivity: 50 kRayleigh 10 kRayleigh 1 kRayleigh

Field of View: 14′′ 80′′ 25′′

Table 1. UV imaging properties of the HST cameras

UV emission, having sufficient sensitivity to image the diffuse auroral emissions in pixels
less than 0.1′′ in size, and sufficient dynamic range to record the wide range of auroral
brightnesses. Sensitivity and red leaks have been the main limitations in each case. Both
FOC and WFPC2 have visible-sensitive detectors, so that filters have to be used to block
visible wavelengths, and these filters also limit the UV sensitivity. FOC observations
employed two UV filters in series, while the WFPC2 camera has new technology Wood’s
(alkali metal) filters developed for that instrument, with very efficient red light rejection.
STIS was the first camera able to avoid this problem by using a solar-blind detector with
a UV photocathode, leading to much higher sensitivity than previously possible. Levels
of background and noise in each camera are also important, but this paper will not go
into detail on these issues. Suffice it to say that the sensitivity values listed in Table 1
are derived from measured standard deviations in cross-cuts through auroral images with
the specified exposure times and reduced by pipeline routines, without any additional
deconvolution, smoothing, or red leak image scaling and subtraction.

Jupiter’s observed auroral emissions range from the order of 1 kRayleigh (1 kR =
109 photons/sec from a 1 cm2 column of the planet’s atmosphere into 4π steradians)
to a few MRayleighs. As seen from the table, the sensitivities of auroral images have
improved remarkably over time. The FOC images detected only the brightest auroral
emissions with exposures of 700–900 sec, WFPC2 images detected the majority of the
auroral emissions in 400–600 sec, and STIS images can detect basically all of the auroral
features in 100 sec exposures. A subtle feature of the increasing sensitivity is that it also
leads to higher effective spatial resolution. While the FOC had the tightest point spread
function (PSF), the extended exposures led to blurring of the images from Jupiter’s
rapid rotation. Jupiter’s rotation is approximately 10/100 sec, which differentially blurs
the images at different locations on the planet. Exposures of 100 sec lead to essentially
no rotational blurring on scales of 0.1′′, which corresponds to 290–420 km at Jupiter’s
distance depending on the Earth-Jupiter distance when HST observations are possible.

More detailed plots of the spectral response and red leaks of the three cameras are
plotted in Figure 3. These can be compared with the GHRS spectra of auroral emissions
shown Figure 7. In addition to these properties, WFPC2 images have the advantage of a
sufficiently large field of view to image both north and south poles in each exposure. This
makes it possible to explore the extent to which emissions at one pole are accompanied
by conjugate emissions at the other pole. Finally, STIS is able to take time-tagged image
data on Jupiter, but just barely. Use of the SrF2 filter limits the overall count rate to the
range of 20,000–30,000 counts/sec from Jupiter, in which case time-tagged data can be
recorded for 200–300 sec before experiencing dropouts from the filled buffer. Unfiltered
images including the H Lyα line cannot be taken in time-tag mode due to the high count
rate. In practice, time-tagged filtered images can be binned into 10 sec “frames” as a
good trade-off between having reasonable sensitivity and high time resolution, producing
the first high time resolution movies of Jupiter’s UV aurora.
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Figure 3. Plots showing the calculated effective area and wavelength responses of the three
cameras on HST .

5. Summary of FOC results
FOC images of Jupiter’s aurora were obtained both pre-COSTAR (Dols et al. 1992,

Caldwell et al. 1992, Gérard et al. 1993a, Gérard et al. 1993b) and post-COSTAR (Prangé
et al. 1998. Examples are shown in Figures 5 and 6. The FOC images were the first true
images (as opposed to long-slit spectra from UVS and limited imaging at 5′′ resolution
with IUE) of Jupiter’s aurora, and they showed for the first time the spatial structure
of the emissions at high resolution. While the addition of the two COSTAR mirrors de-
creased the efficiency by approximately a factor of two at H Lyα, the detection of discrete
auroral features was improved overall by the improved Strehl ratio of the corrected PSF.



J. T. Clarke: HST images of Jupiter’s UV aurora 31

u2n2030t3_rzdhCML=190
o

"WFPC2" ovals
at start and end

of exposure

Polar cap emission

Main auroral oval

Rayleigh scattered
solar continuumIo footprint

auroral
emission

Auroral emission
from above/beyond

limb of Jupiter

Polar "hood"
stratospheric

aerosol absorption

Jupiter in the Far-UV

Figure 4. Example of one WFPC2 UV image of Jupiter, with main features of the planet and
auroral emissions indicated.

The FOC images first revealed several important properties of the UV auroral distrib-
ution and its variations with time. First, fits of the observed latitude of the auroral ovals
were compared with the O6 model for Jupiter’s magnetic field, and these suggested that
the ovals were better fit by mapping to an equatorial distance of approximately 30 RJ

than to either the Io plasma torus or the 10–20 RJ distance suggested by the Voyager
data. The magnetic field model was later corrected based on observed locations of the Io
footprint (see next section), and the revised model and observations of auroral footprints
associated with Europa and Ganymede confirmed and extended this result. The images
showed that the northern oval tended to be quite narrowly confined in latitude in the
morning sector, and much more diffuse in the afternoon sector, at times breaking up
into multiple arcs extending into the polar cap. This pattern appeared to remain fixed
in local time, while there was observational bias from a concentration of images taken
when the north auroral oval was pointed toward the Earth, resulting in limited longitude
coverage (generally true of all observations from the Earth). Initial measurements were
also made of the UV color ratio of the aurora through a selection of different filters.
Another important feature first seen in FOC images was a dawn storm (Gérard et al.
1994), which appeared along the dawn side of the northern oval, and was much brighter
than any previously detected auroral emission. Io’s auroral footprint was discovered in
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Figure 5. UV image of Jupiter’s north aurora with pre-COSTAR optics, from Gérard et al.
1993a.

near-IR H+
3 images (Connerney et al. 1993). A feature interpreted as the Io footprint

was also detected in one of four post-COSTAR FOC images when its expected location
appeared within the field of view (Prangé et al. 1996) in July 1994, suggesting intrinsic
variations in its intensity. This feature was initially interpreted as being quite narrow,
suggesting an interaction limited to the near-Io environment. Later images with WFPC2
and STIS at higher sensitivity would reveal a very highly extended region of auroral
emission, extending to large distances from Io mainly in the downstream direction.

6. Summary of GHRS results
While the concentration of this review is on images of Jupiter’s UV aurora, much

progress in understanding the physical processes active in the aurora has been gained
through UV spectra obtained by HST . The majority of published spectra to date were
obtained by the GHRS, while new results from the long aperture STIS spectra are ex-
pected to appear soon in the journals. For the diffuse auroral emissions, the large science
aperture (LSA) was nearly always used due to the much smaller area and count rates
with the small aperture. The LSA area of 2′′(or 1.74′′post-COSTAR) covered areas of
several thousand km on Jupiter, sufficient to isolate distinct features of the aurora. The
low resolution GHRS spectra show clearly the spectrum of electron impact on H2 (Fig-
ure 7a). The first set of papers reporting GHRS spectra of the aurora presented spectra at
0.05 nm resolution for diffuse emissions filling the LSA. This is sufficient to separate emis-
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Figure 6. UV images of Jupiter’s north and south aurora taken with the post-COSTAR FOC,
from Prangé et al. 1998.

(a) (b)

Figure 7. HST GHRS spectra of Jupiter’s aurora in September 1996, taken with the G140L low
resolution grating (a) and with the Ech-A echelle grating (b). The same location was observed
for both spectra, a bright region in the southern main oval near the evening limb. Plots are
adapted from Dols et al. 2000.

sion features in the Lyman and Werner band systems, and determine the ro-vibrational
temperature of the emitting H2 in Jupiter’s atmosphere. Four separate papers (Clarke
et al. 1994, Kim et al. 1995, Liu et al. 1996, Trafton et al. 1994) fit models of the emis-
sion spectrum with GHRS spectra of various regions in the northern aurora, deriving
temperatures in a broad range of 200–900 K. This may represent the range in altitude
of the auroral emitting layer, and possibly also local variations due to auroral heating.

The medium resolution spectra also revealed extended emission wings on the H Lyα
line, indicating a population of fast H atoms in the auroral atmosphere moving with
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velocities up to and exceeding the escape speed from Jupiter’s gravity (Ajello et al. 1995,
Clarke et al. 1994, Bisikalo et al. 1995). Echelle spectra of the auroral H Lyα emission
line at 0.007 nm resolution further (Figure 7b) show the self-absorbed character of this
internal emission source (Prangé et al. 1997b) as well as the extended emission wings.
Finally, a more recent study of low resolution and echelle spectra of discrete emission
features, and comparison with a detailed model for electron energy degradation and
radiative transfer, has been presented (Dols et al. 2000). This indicates that the main
oval and Io footprint have similar auroral color ratios, indicating similar altitudes of
the auroral emission layer and thereby similar energies of the incident electrons. The
polar cap emissions, by contrast, have highly variable and very different color ratios,
indicating variable and both more and less energetic incident particles than the other
auroral emissions.

7. Summary of WFPC2 results
The first WFPC2 images of Jupiter’s UV aurora were obtained in May 1994 as part

of the WFPC2 science team GTO program. Shortly thereafter (July 1994), the comet
Shoemaker-Levy 9 impacts on Jupiter occurred, leading to a concentrated series of im-
ages to record these events. Several features of the aurora were reported from these early
images (Clarke et al. 1995, Prangé et al. 1995), Clarke et al. 1996, Ballester et al. 1996.
Auroral emissions were always detected from both poles at all longitudes, due to the
height of the auroral curtain above the limbs. The aurora were separated into three emis-
sion regions: the main oval, the diffuse emissions inside the polar cap, and Io’s magnetic
footprints. Conjugate emissions were seen in the north and south in every case where
the observing geometry permitted the emissions to be seen from both poles. Reference
ovals were established based on the locations of the main oval emissions in some of the
early images (not statistical averages, but reference locations for comparison of different
images). It was apparent from the first images in May 1994 that the main oval features
were rotating with the planet, in contrast with the sun-planet fixed pattern seen on the
Earth. Particularly in the northern aurora, emissions from one range of Jovian longi-
tudes (where the polar cap was generally filled with emission) appeared to consistently
move from the polar regions toward the equator as the region rotated with the planet
from local morning to local afternoon (the “equatorward surge”). Dawn storms were also
observed, similar to the earlier one observed in FOC images (Figure 8), and these were
demonstrated to remain fixed in magnetic local time over a period of several hours as
the planet (and other features in the main oval) rotated past. The process producing the
dawn storms is not understood, but it is believed to be related to the diurnal pattern
of dynamical motions in Jupiter’s magnetosphere. The solar wind pressure distorts the
middle and outer regions of the magnetosphere, enforcing a contraction on the morning
side and expansion on the evening side. These motions cover great distances in a fraction
of the 10 hour Jovian rotation period, and are generally expected to lead to instabilities
in the trapped corotating plasma. In this sense Jupiter’s auroral processes are driven
in part by the solar wind, but simply by its pressure rather than by reconnection with
Jupiter’s magnetic field in a more Earth-like process. This picture supports the idea that
Jupiter’s rotation is the ultimate source of energy for the aurora, not the solar wind.

Auroral emissions were also detected from the Io footprints in all WFPC2 images
where Io’s magnetic footprint was facing the Earth, and these were generally located
4–60 equatorward of the main oval. This indicated that the main oval mapped along
Jupiter’s magnetic field to much greater distances than the 6 RJ distance of Io. High
resolution measurements of the locations of the Io footprint emissions also led to an
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Figure 8. Projected UV images of dawn storm auroras on Jupiter. Top image is from FOC,
lower two are from WFPC2. Each image has been re-projected as would be seen looking down
from above the central meridian at 600 latitude, and the WFPC2 reference oval is overplotted
as a dashed line. Figure from Clarke et al. 1998.

improvement in knowledge of Jupiter’s magnetic field geometry. An updated field model
was constructed by forcing field lines from Io’s orbit to pass through the observed latitudes
of the footprints. The longitudes were left unconstrained due to uncertainties in both the
magnitude of the Alfvén wing near Io and the travel time of Alfvén waves from Io to
Jupiter. The change in magnetic field geometry as a result of fitting to flyby data from
the Pioneer and Voyager spacecraft, in addition to fitting WFPC2 and near-IR H+

3

measured locations of the Io footprint (the VIP4 model, Connerney et al. 1998) is shown
in Figure 9. Finally, the auroral color ratio of the various features was determined by the
difference of clear and filtered images, which effectively block the shortest wavelength
H and H2 emissions. The main oval and Io footprint emissions have very similar color
ratios, but the polar cap emissions appear generally more absorbed, implying higher
energy incident particles and/or a relatively higher altitude extent of the UV-absorbing
hydrocarbons in the polar atmosphere.

WFPC2 auroral images have supported other observations. UV auroral images were
obtained during the comet S/L 9 impacts, revealing aurora at unusually low latitudes in
the north conjugate to the K impact site (Clarke et al. 1995, Bauske et al. 1999, Figure 10)
and pulsating southern auroral emissions apparently produced by the P2 fragment as it
approached Jupiter (Prangé et al. 1995). FUV/EUV auroral spectra of the north aurora
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Figure 9. Polar projection of Jupiter showing the observed locations of auroral emissions from
Io’s magnetic footprint. Overplotted are the 6 RJ auroral ovals from the earlier (O6) and modified
(VIP4) magnetic field models, showing the improved fits to the footprint locations. Figure from
Clarke et al. 1998.

were obtained on the second HUT flight in March 1995 simultaneously with WFPC2
images (Morrissey et al. 1997), permitting a detailed spectral study of a known auroral
brightness and distribution. In addition to the auroral emissions, the WFPC2 images
recorded the distribution of the UV-absorbing aerosols comprising Jupiter’s polar hoods.
A long term study of these distributions has shown striking wave patterns in the polar
stratospheres where the aerosols are confined, analogous to the circumpolar vortices
on the Earth, and evidence for auroral-aligned features more directly related to the
production of these absorbers (Vincent et al. 1999).

8. Summary of initial STIS results
The advent of STIS on HST has provided much higher sensitivity images of Jupiter’s

UV aurora than previously possible, thanks to its solar-blind photon-counting detector.
Initial concerns about bright-light protection prevented images of Jupiter from being ac-
quired until September 1997, and time-tagged images were first taken in December 1997.
The first images were taken back to back with WFPC2 images for a direct comparison
of the capabilities of the two cameras, as shown in Figure 10. They have been scaled
to the same maximum values for the average brightness of the main ovals, and equally
stretched with a double log function. This over-stretches the WFPC2 images, showing
much of the low level noise, but it is necessary to see the full dynamic range of emissions
in the STIS images. The STIS images are 100 sec exposures, and the WFPC 2 images
(taken one HST orbit later for both north and south poles) are 600 sec exposures. The
higher spatial resolution in the shorter exposures is apparent in the STIS images, pro-
viding more detail in the auroral structures. While all the main features of the aurora
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Figure 10. UV images of Jupiter’s aurora from September 1997, showing the STIS and WFPC2
images of the north and south aurora obtained close in time for a direct comparison of the
capabilities of these two cameras, from Clarke et al. 1999.

are also seen in the WFPC 2 images, the higher STIS sensitivity reveals the extended
structure in the auroral emissions from Io’s magnetic footprints, plus the first detections
of Ganymede’s auroral footprints just equatorward of the main ovals on the morning
side (Clarke et al. 1999). The extended comet-like trails of auroral emissions from Io’s
footprints extend in the downstream direction of the plasma flow past Io. The physical
processes producing these emissions, acting for several hours after Io has passed by, are
not understood, but are thought to reflect the residual interaction of the torus plasma
with Io. Subsequent imaging of Jupiter’s aurora with STIS has provided further measure-
ments of the magnetic footprints of Io, Europa, and Ganymede. The Ganymede footprints
always appear equatorward of the main oval, while the Io footprints and their trails map
closely to the VIP4 model 6 RJ field line latitudes corresponding to the plasma torus.
We have now demonstrated that the main oval maps to a distance of approximately
20–30 RJ from Jupiter, since it is outside the orbit of Ganymede but within the region
of plasma corotation. The auroral footprints of Europa and Ganymede are unresolved
in the STIS images, and an order of magnitude fainter than the Io footprint emissions.
In each case, the emissions have been determined to be associated with each satellite by
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Figure 11. Example of spectral/spatial format in STIS data using sky aperture and G140L
low resolution grating to observe Jupiter’s polar regions.

observing them to remain under the magnetic footprint of the satellite while all other
auroral features rotated past in a time series of images.

STIS also provides long aperture spectra with imaging along the aperture, and one ex-
ample of these data is shown in Figure 11. The 25′′ long aperture overlays simultaneously
the sky, several distinct emitting regions within the auroral oval, and the disk of Jupiter
with its spectrum of reflected sunlight rising at the longer wavelengths. Such data provide
measurements of the auroral color ratio continuously across the auroral emission regions,
and show the extent of the auroral emission curtain above the planet limb. Time-tagged
images have also been obtained, with one example in Figure 12 showing 10 individual
30 sec “frames” in a 300 sec exposure from July 1998. In general, the main oval and
satellite footprint emissions vary little in brightness on this time scale, but the polar cap
emissions can vary rapidly from frame to frame, as seen from the bright flare of emission
in the afternoon polar cap at the end of the series in Figure 12. These auroral flares are
presently under study to determine their characteristics and the physical processes that
may produce them in the polar cap, but not in the other auroral emission regions.

9. Coordinated missions and future Jupiter observations
WFPC2, GHRS, and STIS observations of Jupiter’s aurora have been made during

the Galileo orbiter tour of the Jovian magnetosphere, in concert with both Galileo UVS
observations of the aurora (Ajello et al. 1998) and measurements by the particles and
fields experiments on the Galileo orbiter (Clarke et al. 1998). The long aperture spectra
obtained with the Galileo UVS have used WFPC2 images taken close in time, or average
images taken at other times with similar observing geometry, to determine the likely
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auroral emission distribution within their apertures. Galileo CCD visible wavelength
images have also been obtained of the aurora on Jupiter’s night side (Vasavada et al.
1999). These images show that the main oval remains broken and diffuse in latitude in the
pre-midnight sector, returning to a narrow latitude distribution in the pre-dawn sector,
which is consistent with the Uv emission pattern observed on the day side by HST . A
future opportunity exists as the Cassini spacecraft approaches Jupiter at the present time
(Fall 2000). Coordinated observing campaigns are planned between Cassini solar wind
measurements and STIS auroral images in December 2000, and coordinated observations
of the day side aurora with STIS and night side aurora with the Cassini UVIS in January
2001. These observing campaigns have the potential to clarify the relations between
Jupiter’s auroral activity and the solar wind dynamic pressure, field direction, etc., as
well as to add to our understanding of the relationship between the day side and night
side auroral distributions and variations with time. In addition, the measurements of the
solar wind conditions near Jupiter in conjunction with measurements near the Earth will
provide tests of extrapolations from solar wind conditions at 1 AU to those near Jupiter.
These studies will support future work to discover the extent to which Jovian auroral
processes are tied to conditions in the solar wind.

10. HST images of Saturn’s aurora
While most HST observations of planetary aurora have been of Jupiter, successful

observations of Saturn’s UV aurora have also been obtained. Prior to HST observations,
indirect evidence for Saturn’s UV aurora was first obtained from the Pioneer 11 UV
instrument (Judge et al. 1980), and polar brightenings of the planetary H Lyα emission
were detected by IUE (Clarke et al. 1980, McGrath & Clarke 1992). The Voyager 1
UVS detected UV emission from a polar aurora, localizing the latitude of the oval to
near 800 (Broadfoot et al. 1981). The Voyager data also showed a correlation between
the UV auroral brightness and Saturn’s kilometric radio emmission. Such a longitudinal
asymmetry is surprising in view of the strongly dipolar and aligned magnetic field of
Saturn. FOC images of Saturn’s UV aurora (Gérard et al. 1995) showed the auroral oval
latitude consistent with the 800 latitude found in the Voyager data. FOC observations
also showed the polar hood of UV absorbers (Gérard et al. 1995, Ben Jaffel et al. 1995,
and evidence was presented for an absorption feature consistent with the location of the
auroral emission. WFPC2 images showed the northern and southern aurora at higher
signal to noise, and a model was presented for the auroral emission, fitting the distribution
from the images (Trauger et al. 1998a). The best-fit latitude of the oval is 780, and the
images showed a bright emission at local dawn similar to the dawn storms seen on
Jupiter. No evidence was found for auroral emissions from the magnetic footprints of any
satellites, including Titan. All emissions appeared to remain fixed in local time as the
planet rotated, in contrast to the situation at Jupiter, but perhaps biased by the presence
of the dawn storm. STIS images have also been obtained of Saturn’s aurora (Figure 13),
with sufficient sensitivity to begin to observe fine structure in the auroral ovals. These
images showed bright spots along the main southern oval, and extended H Lyα emission
above the limb of the planet (Trauger et al. 1998b). As Saturn’s southern pole turns
to face more directly toward the Earth, the observing geometry for the southern aurora
is improving considerably, and upcoming STIS UV images should soon reveal the full
extent of the auroral distribution on Saturn.

Finally, no successful HST detection of UV auroral emission from Uranus has been
reported to date. This may be difficult to achieve in the present epoch. The changing
orbital phase of Uranus now places the weak-field northern auroral zone, where most of
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Figure 12. Frames of 30 sec exposures from STIS time-tag image data in July 1998 of Jupiter’s
north aurora with the SrF2 filter. The polar cap emissions in the afternoon sector are seen to
produce a sharp flare of emission in the last two frames.
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Figure 13. STIS UV image of Saturn’s aurora, with colors produced from the combination of
unfiltered (red) and SrF2 filtered (blue) images, from Trauger et al. 1998b.

the emission is produced, on the far side of the planet for most of each Uranus rotation,
and the rotational ephemeris of the planet is not known with sufficient accuracy to predict
when to perform these observations.
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Star formation

By JOHN BALLY
Center for Astrophysics and Space Astronomy, CASA, Campus Box 389, University of

Colorado, Boulder, CO 80309

The angular resolution of HST has provided stunning images of star forming regions, circum-
stellar disks, protostellar jets, and outflows from young stars. HST has resolved the cooling
layers behind shocks, and enabled the determination of outflow proper motions on time scales
less than the post-shock cooling time. Observations of the best studied region of star formation,
the Orion Nebula, has produced many surprises. HST ’s superior resolution led to the identifi-
cation of many new outflow systems based on their proper motions, the discovery of dozens of
microjets from young stars, and the detection of wide-angle wind-wind collision fronts. HST has
also produced spectacular images of circumstellar disks which have led to a rethinking of some
aspects of planet formation. It now appears that most stars in the sky are born in environments
similar to the Orion Nebula where within a few hundred thousand years after their formation,
proto-planetary disks are subjected to the intense radiation fields of nearby massive stars. As a
result, Orion’s disks are rapidly evaporating. But at the same time their dust grains appear to
be growing. Multi-wavelength images indicate that most of the solid mass in these disks may
already be in large grains, possibly larger than a millimeter in size. The formation frequency
of planets and the architectures of planetary systems will be determined by the competition
between grain growth and photo-evaporation.

1. Introduction
Stars are the fundamental building blocks of the Universe. They play a role in astro-

physics similar to that of atoms in chemistry. Most of the visible light in the Universe is
produced by individual stars and all visible large scale structures such as star clusters,
galaxies, and galaxy clusters are built from them. Stars produce the chemical elements.
During their brief but brilliant lives, high mass stars convert hydrogen and helium in-
herited from the Big Bang into the other elements found on the periodic table, including
those that make life possible. Their radiation, stellar winds, and terminal explosions
energize and determine the state of the interstellar medium. In death, they enrich the
interstellar gas with their thermonuclear fusion products. While the short lived massive
stars produce the elements, the long lived low mass stars provide the stable environments
which make life possible on planets like Earth.
Star formation is the astrophysical process which determines the fate of baryons in the

Universe. By forming a spectrum of stellar masses, star formation determines the mix of
long lived low luminosity stars and short lived high luminosity ones. Thus, star formation
ultimately determines the rate of chemical enrichment in the Universe, the luminosity of
baryonic matter, and the rate at which baryons are removed from the interstellar gas to
be locked up in stars that can live nearly a Hubble time or longer. Thus, star formation
is one of the key processes which determines how galaxies form and evolve. Indeed, a
detailed understanding of star formation is required to follow the evolution of baryonic
matter from the early Universe to the present.
By the middle of the second half of the twentieth century we developed a good un-

derstanding of the structure, evolution, and death of stars. Star formation, however,
remained poorly understood until the discovery of molecular clouds in the 1970s and the
development of infrared and millimeter-wave techniques that could probe the physical
conditions inside the highly obscured environments in which most stars form. By the

44



J. Bally: Star formation 45

early 1990s, when the Hubble Space Telescope was launched, theoretical and observa-
tional advances led to a general outline of the star formation process.
The unprecedented angular resolution of HST has revolutionized our understanding

of several crucial aspects of star formation. HST has obtained stunning images of a large
variety of star forming regions, including dense clouds seen in silhouette such as the beau-
tiful elephant trunks projecting into the interiors of ionized nebulae (the pillars of M16;
Hester et al. 1996). HST obtained spectacular images of the outflows and jets powered
by forming stars. It has been used to resolve the structures of radiative shocks, measure
their proper motions, and investigate the evolution of the flows. HST has produced dra-
matic high resolution images of circumstellar and proto-planetary disks. The analyses of
these images indicates that the first steps of planet formation may be occurring in some
of these systems.

1.1. How do stars form?

Stars form from the gravitational collapse of dense cores in molecular clouds. The collapse
can be slow if the cloud is supported by magnetic fields and the gas must diffuse through
the field. Or, it can be rapid if gravity overwhelms the support pressure. Since cloud cores
tend to be much more massive than typical stars, they must fragment as they contract.
Indeed observations show that most stars form as parts of multiple star systems or dense
stellar groups. However, since the efficiency of star formation (defined as the ratio the
total mass of stars formed divided by the total initial gas mass) is low, typically around
a few percent, most of these clusters will tend to fly apart once the remaining gas left
over from star formation is dissipated.
Star forming cloud cores or fragments have orders of magnitude more specific angular

momentum than even the most rapidly spinning stars. Even in the absence of any initial
spin, tidal forces in a turbulent but fragmenting cloud core can lead to the stochastic
generation of angular momentum. Although the very low angular momentum material
may directly fall into the center of a star forming core, most of the mass will collapse
onto a spinning protostellar disk. It is generally believed that magnetic fields provide the
viscosity responsible for the outward transport of angular momentum and accretion onto
the central protostar at rates of order Ṁ ∼ 10−5 M� yr−1 (cf. Stahler 2000).
Low mass protostars are fully convective and tend to spin fast (P ∼ 1 to 5 days).

Thus, a strong stellar dynamo is believed to rapidly generate a stellar magnetosphere
whose dipole component can disrupt the surrounding accretion disk at 5 to 10 stellar
radii. Material from the disk is lifted by the strong dipolar B-field and channeled to
high stellar latitudes in a so-called funnel flow. The rotation rate of the star becomes
slaved to the Keplerian rotation of the disk at the point where it is disrupted (Königl
1991). As parcels of gas are accreted, the star must spin-up slightly, driving the field
through the inner edge of the accretion disk at slightly faster than Keplerian velocities.
Super-Keplerian plasma may be launched onto field lines where centrifugal forces drive
it and the entrained field lines to infinity (cf. Shu et al. 1994a, 1994b, 1995, 2000). Thus,
accretion may be associated with mass loss. In addition to this so-called ‘X-wind,’ the star
may drive a normal stellar wind. The disk may also launch its own mangeto-centrifugal
wind (cf. Königl & Ruden 1993; Königl & Pudritz 2000). In this model, the outflow,
which moves along open field lines, removes the excess angular momentum released by
accretion onto the star through the rigid co-rotating magnetosphere.
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2. Proto-Planetary disks
The direct imaging of proto-planetary disks is one of the “Holy Grails” of NASA’s Ori-

gins program. Amazingly, HST has achieved this goal. Ten years ago most astronomers
would have argued that such disks are likely to be so embedded within the remnants of
their parent cloud cores as to be only observable at infrared to millimeter wavelengths.
Yet HST has produced direct images of dozens of disks around young stars in dark
cloud environments, in Hii regions such as the Orion Nebula, and even surrounding
main-sequence stars.
Observations of disks in the Orion Nebula indicate the intriguing possibility that their

solids have coagulated into grains with sizes at least as large as several µm, and possibly
larger than a few millimeters. Thus, these disks may have already evolved through the
first steps of planet formation. However, at the same time, the intense radiation field of
the Trapezium stars is rapidly destroying these disks.

2.1. Disks in dark clouds and around older stars
The Taurus molecular cloud complex (d ≈ 140 pc) contains some of the nearest young
stars. The HST imaging surveys of young stars in Taurus has led to a rich harvest
of stunning images of disks and circumstellar environments with a resolution of order
15 AU (Padgett et al. 1999; Stapelfeldt et al. 1998a, 1998b; Krist et al. 1999; Burrows
et al. 1996; Stapelfeldt et al. 1995). Many of these protostars produce extended reflection
nebulae within their envelopes. If sufficiently edge-on, their circumstellar disks can be
seen in silhouette against these nebulae (e.g. IRAS 04302+2247, HK Tau, and IRAS
04248+2612). In some cases, spectacular jets can be seen to emerge from the central
parts of these disks (e.g. HH 30, DG Tau B, and Haro 6−5B). In many objects where
ground based images show a point source, HST reveals a bright and compact reflection
nebula with the central completely obscured (cf. HL Tau—Stapelfeldt et al. 1995). These
reflection nebulae are often highly variable in both their intensity and structure. Either
moving blobs of opaque material near the central star or local variations in the light
output from the stellar surface produce moving and time-variable illumination patterns
(Stapelfeldt et al. 1999).

HST has also produced stunning images of a variety of more evolved circumstellar
disks surrounding more mature stars with ages ranging from 106 to 108 years. Examples
include the dust rings and disk surrounding HR 4796A (Schneider 1999), HD 141569
(Weinberger 1999), and AB Auriga (Grady et al. 1999). In the latter case, the STIS
coronographic images show a bewilderingly complex surface structure consisting of spiral
arcs, blobs, and gaps. The nearly edge-on disk surrounding the star Beta Pictoris has
also been extensively observed with HST (cf. Kalas et al. 2000). Detailed direct imaging
has revealed complex warping and brightness asymmetries in the outer parts of the disk
which can be interpreted as indirect evidence for orbiting planets.

2.2. Evaporating disks in HII regions
The Orion Nebula never fails to amaze. One of the most stunning results of HST is
the discovery of evaporating circumstellar disks (proplyds) surrounding over a hundred
young low mass stars embedded within the Orion Nebula (O’Dell, Wen, & Hu 1993;
O’Dell & Wong 1996; McCaughrean & O’Dell 1996; Bally et al. 1998, 2000). The HST
images show that up to 80% of the stars near the Trapezium, and more than 50% in the
outer parts of the nebula are surrounded by tails pointing directly away from θ1 Ori C
or one of the other high mass stars in the region.
All stars associated with externally ionized tails and nebulosity are believed to contain

evaporating circumstellar disks. In the initial pre-aberration corrected WFPC1 observa-
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tions of O’Dell, Wen, & Hu (1993), a nearly edge-on disk could be seen in the center of
one of the larger objects, HST 10 (182−413). Furthermore, these authors found one disk,
HST 16 (183−405), seen in silhouette against the background nebular light. HST 16 does
not have a bright ionized skin or tail, and thus must lie sufficiently far in the foreground
so that the ionizing radiation of the Trapezium fails to produce an ionized skin brighter
than the nebular background.
Much sharper and deeper follow-up observations with WFPC2 have produced direct

images of over 40 disks in the Orion Nebula. McCaughrean & O’Dell (1996) found six
disks seen in silhouette against the background nebular light that are not surrounded by
ionized skins. Disks are also seen near the heads of over 30 of the largest proplyds having
ionized skins and tails (Bally et al. 1998; Bally, O’Dell, & McCaughrean 2000). The latter
authors also found additional disks seen only in silhouette, increasing the total number
of dark disks found so far to 15.
The inner portion of the Orion Nebula that has been surveyed so far with HST contains

about 300 young stars of which about 150 are associated with extended circumstellar
structure (O’Dell & Wong 1996). The extended Orion Nebula cluster of low mass stars
contains about 2,000 members with ages ranging from about 105 to 106 years (Hillenbrand
1997; Hillenbrand, & Hartmann, 1998). Thus, many more proplyds are likely to be found
in future observations.
Johnstone et al. (1998) present a model of these externally irradiated disks. Soft-

UV (912 < λ < 2000 Å), which penetrates the ionization front produced by Lyman
continuum (λ < 900 Å) photons shines on the disk surface and heats it to a temperature
of order 103 Kelvin, producing a photo-dissociation or photon-dominated region (PDR).
The heated gas layer expands at about the sound speed, cs ≈ 3 km s−1. However, this
expanded disk corona is bound to the central star out to a radius roughly given by
rG ≈ GM∗/c2

s which ranges from about 10 to 100 AU for 0.1–1 M� stars. Beyond this
radius, the disk corona expands as a low velocity neutral wind and it can be shown that
this wind shields the disk from Lyman continuum photons. However, spherical divergence
guarantees that the outer parts of the wind do become ionized. Typically, an ionization
front forms at roughly 2 to 3 disk outer radii. It is this ionization front that makes the
bright proplyds so conspicuous. The penetration depth of the soft-UV radiation and the
mass loss rate from the proplyd is self-regulated by dust entrained in the neutral flow.
For normal ISM grain properties and gas-to-dust ratio, the soft-UV is attenuated within
a hydrogen column of order N(H) ∼ 1021 cm−2, and the typical photo-ablated mass loss
rate from the disk is predicted to be around Ṁ ∼ 10−7 M� yr−1.
Observations have shown that Orion’s proplyds are evaporating with mass loss rates

of order 10−7 to 10−6 M� yr−1 (Henney & O’Dell 2000). The 1.3 mm continuum mea-
surements (Bally, Testi, & Sargent 1998) imply an upper bound on the mass of order
10−2 M� assuming normal interstellar grain properties. Thus, these disks can survive
for only about 104 to 105 years. The large number of stars with proplyd characteristics
implies that photo-evaporation started no more than 105 years ago, and possibly more
recently.
Photo-erosion causes the disks to shrink. As the disk outer radius approaches rG, the

mass loss rate declines, the ionization front moves in towards the disk, and eventually
reaches its surface. Then, the sound speed at the disk surface increases to about 11 km s−1

and rG declines by about an order of magnitude. Then, disk erosion via direct ionization
can continue until the disk radius reaches the new value of rG corresponding to the higher
sound speed (rG ≈ 1 to 10 AU for 0.1–1 M� stars). The ionized thick-disk corona then
becomes confined by the central star’s gravity.
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2.3. Evidence for large grains in proplyds
Unlike any other type of interstellar dust, Orion’s proto-planetary disks are grey. Recent
HST results have shown that the translucent outer portions of these disks do not redden
background light (Throop, Bally, & Esposito 2000; see Figure 1). The neutral (or grey)
colors of the translucent disk edges imply that the absorbing particles are at least several
times larger than the longest wavelength at which the disk colors were measured. The
implication is that the typical particles responsible for extinction are large compared to
the wavelength of light.
More careful modeling supports this conclusion. A 3-dimensional disk model is pro-

jected onto the plane of the sky, convolved with the Hubble Space Telescope point-
spread-function, and compared to the HST data. This procedure is repeated hundreds
of thousands of times in a Monte Carlo simulation in which the grain properties and
size distributions are varied to map out the acceptable range of values. This method also
shows that large grain distributions fit the observations well.
Furthermore, HST ’s infrared camera NICMOS failed to see the central stars in several

of Orion’s edge-on disks. This implies large extinction. For normal ISM dust, the failure
to detect the central stars in HST 10 (182−413) and the giant disk 114−426, implies
AV > 60 magnitudes (McCaughrean et al. 1998; Chen et al. 1998). Thus, there must be
a very large amount of circumstellar material which ought to be detectable at millimeter
and sub-millimeter wavelengths.
But, searches for 1.3 mm wavelength continuum emission from these (presumably

most massive) circumstellar disks in Orion have only produced upper limits on the dust
emission. At 1.3 mm, the continuum fluxes from the proplyds are below 20 mJy (Bally,
Testi, & Sargent 1998). Assuming normal interstellar grain properties, the maximum
amount of dust in the proplyd HST 10 (Figure 2) which is consistent with the radio data
is nearly an order of magnitude lower than the minimum amount of dust required to
explain the > 60 magnitudes of visual extinction needed to hide the central stars. One
way to resolve this conflict is to assume that the majority of gains are larger than 1.3 mm
so that most of the dust mass is not probed by the radio observations.
Combining the NICMOS result with the OVRO limits implies that a large fraction of

the mass in these disks may be locked-up in particles larger than the OVRO wavelength
of 1.3 mm. Thus, the observations imply the existence of millimeter sized (or larger)
particles in the proplyds.
Throop (2000) has constructed a model of grain evolution in which he considers grain

growth via particle sticking and ice mantle formation, and grain destruction via photo-
evaporation and collisions. These models combine standard disk evolution models with
photo-evaporation. The models predict that for the conditions typical of the Solar Nebula,
grains can easily grow to sizes of order centimeters to meters within the roughly 105 years
available prior to irradiation by the massive Trapezium stars. The outer edges of these
disks are predicted to be sharply truncated by the photo-evaporative flow from the photo-
dissociation region. The observations are consistent with such disk truncation.

2.4. Consequences for the origins and architectures of planetary systems
These results have profound implications for planet formation in disks embedded in HII
regions. In Orion, the disks are evaporating. At they same time, their solids appear to
be coagulating into larger bodies. The outcome of the competition between grain growth
and mass loss will determine whether planets will eventually form around these stars or
not. This competition may impact whether planets are common or rare in the Universe.
The volatile (H, He, CO, etc.) and small grain components of these disks are lost

at rates of order 10−7 M� yr−1. Thus, these components will disappear in 104 to 105
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Figure 1. Images (top row) and radial brightness profiles (bottom row) of three proplyds;
HST 10 (left), HST 16 (middle), and 114−426 (right). The various line types show the radial
brightness profiles at wavelengths (in nm) indicated in the lower right portion of each panel.
Taken from Throop (2000) and Throop, Bally, & Esposito (2000).

years after UV exposure begins. But, as the above results imply, enough material may
already be locked into large bodies so that rocky planets may eventually form around
these stars. However, the resulting planetary systems are likely to lack gas giants such
as Jupiter, unless such giants form prior to the onset of irradiation. Thus, the amount of
time available to form giant planets is only about 105 to 106 years, the difference between
the ages of the oldest stars in the Orion Nebula cluster and the photo-ionization age of
the nebula. Therefore, gas giant planets must either form very fast by a process such
as gravitational instability in the disk, or they will be absent from planetary systems
formed in Orion-like environments.
A critical issue for the formation frequency of planets around stars is the fraction of

stars that form in irradiated (Orion-like) environments. Preliminary estimates show that
the majority of young stars are likely to be born in such environments.

3. Where do most stars form?
Star formation within the Solar vicinity (within 600 pc of the Sun) provides a unique

environment in which to seek an answer. Our cosmic backyard is the only place in the
Universe where we have some understanding of the locations and velocities of stars in
six phase-space dimensions. We can determine the positions on the sky, distances, radial
velocities, and proper motions for many stars and associated clouds. Furthermore, we
have a reasonably complete census of all star forming regions within the Solar vicinity.
Using the best estimates for the Galactic star formation rate (about 3 M� yr−1), and

a standard IMF, about 20,000 to 50,000 stars were born within 500 pc of the Sun within
the past 10 Myr. The vast majority of star formation occurs in OB associations because
the mass spectrum of molecular clouds has a power law index of about −1.6 which implies
that most of the molecular mass of the Galaxy is contained in the largest objects, the
giant molecular clouds (GMCs). Near the Sun, GMCs have masses of order 105 M� and
tend to form OB associations. The Solar vicinity contains three major actively forming
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Figure 2. Two HST images of the edge-on disk 182−413 (HST 10) which is embedded within
a bright proplyd. The disk is seen in silhouette in both Hα (left) and in the λ = 6300 Å [O i]
line (right). In [O i], however, the disk surface is bright on both sides. This emission traces the
heated layer at the base of the neutral photo-ablation flow (Störzer & Hollenbach 1998, 1999).
A faint filament of [O i] emission extends along the disk axis. This feature may be a microjet
(see Bally, O’Dell, & McCaughrean 2000 for details). The central star remains obscured even at
2µm (Chen et al. 1998).

OB associations; Orion OB1, Per OB2, and the Sco-Cen OB association which are less
than 107 years old (Blaauw 1991; Brown et al. 1994, 1995).
Some star formation does occur within smaller dark cloud complexes. The nearest

such dark cloud star forming regions lie within 200 pc of the Sun. These include the
Taurus, Corona Australis, ρ-Ophiucus, and Lupus clouds (the latter three regions are
on the outskirts of the Sco-Cen OB association and may be associated with it). Within
these regions, young stars are shielded from the harsh radiation fields of massive stars.
The Solar vicinity contains about 10 dark cloud complexes such as Taurus which have
spawned T associations consisting of only low mass stars. If these clouds are typical, the
total number of stars born in dark clouds within 600 pc of the Sun within a 10 Myr
interval is only a few thousand. Thus, over 90% of all stars are likely to be born in OB
associations.
Within Orion-like giant molecular cloud environments, the majority of stars are born

within a few parsecs of massive stars. In the Orion A cloud, the Orion Nebula region
(OMC1, 2, and 3) contains at least 2,000 young stars (Hillenbrand & Hartmann 1998).
Most of these are eventually exposed to powerful radiation fields. In contrast, the entire
Orion A molecular cloud south of the Nebula (Bally et al. 1987; 1991) contains only
several hundred stars. From our current knowledge of Orion, we can infer that about
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80–90% of the YSOs in an OB association are born in dense clusters near massive stars.
The majority of stars in a typical OB association are produced in dozens of star forming
events similar to the one which spawned the Orion Nebula and its young cluster.
Star counts and cluster modeling of the YSOs in the Orion Nebula indicates that

within the central 0.05 pc region, the volume density of young stars exceeds 105 stars
per cubic parsec (Henney & Arthur 1998). This is more than 106 times the density of
field stars around the Sun. Therefore, the nearest neighbor distances between young stars
in the core of the Orion Nebula cluster is only a few thousand AU, comparable to the
observed and expected dimensions of proto-planetary disks. Despite their high stellar
density, such ultra-dense clusters of young stars are usually not gravitationally bound
and will therefore rapidly disperse soon after their formation. But, stars within such
groups are exposed to harsh UV radiation, and subjected to violent stellar dynamical
interactions during the first few million years of their lives. Thus, a preliminary census of
young stars near the Sun implies that the majority of stars are born in highly clustered
environments in proximity to massive stars.

3.1. The formation of bound clusters
HST has obtained images of some spectacular regions of clustered star formation. Ex-
amples include NGC 3603 (Brandner et al. 2000) and 30 Doradus in the LMC (Walborn
et al. 1999a, 1999b; Rubio et al. 1998) that contain between 30 and 200 O stars. Unlike
most clusters near the Sun, which appear to dissolve rapidly once a few O stars form,
these regions may survive as gravitationally bound open clusters. A key difference be-
tween these bound cluster forming events and the more common unbound cluster forming
clouds is that the molecular clouds producing the former have line-widths larger than
the sound speed in ionized gas. In clouds such as Orion, where the cloud line-width is
only a few km s−1, ionization can dissipate the star forming gas. However, if the cloud
escape speed is larger than the sound speed in a photo-ionized plasma, O stars may not
be as disruptive, and star formation can continue despite the birth of massive stars until
a supernova explosion shatters the cloud. In such an environment star formation may
have higher efficiency, converting a sufficient fraction of the initial gas mass into stars so
that when the gas is dispersed, the cluster remains bound by its own gravity.
Recent NICMOS images of young clusters in the vicinity of the Galactic center have

also revealed spectacular examples of clustered star formation occurring in large line-
width GMCs (Figer et al. 1999). But in this environment, the Galactic differential rotation
and associated tidal field may rip apart the resulting clusters.
Globular cluster forming events may be even more spectacular. No such events are seen

within the Local Group of galaxies (unless 30 Dor becomes such a cluster as some have
suggested). But, it is possible that some of the star forming regions in colliding galaxies
such as the Antennae (Gilbert et al. 2000) and NGC 1275 (Brodie et al. 1998) may be
spawning globular clusters. Perhaps the conditions for globular cluster formation require
that the parent cloud be so massive and dense that star formation can proceed despite
one or more supernova explosions.

3.2. Hazards to planet formation
Observations have shown that most stars are born in multiple star systems and/or in
highly over-dense but short-lived clusters that fly apart soon after birth (e.g. Testi &
Sargent 1998). Furthermore, numerical modeling has demonstrated that rotating clouds
can shed their excess angular momentum by fragmenting into non-hierarchical multiple
protostellar groups orbiting each other, or into dense swarms of stars. Thus, stars are
almost never born alone even in relatively isolated dark clouds.



52 J. Bally: Star formation

Multiplicity and clustering introduce stochastic processes into protostellar evolution
and planet formation because non-hierarchical multiple systems are dynamically unsta-
ble (cf. Valtonen & Mikkola 1991). They exhibit chaotic orbital evolution which within
something like 10 to 100 orbits leads to disruption of the system. The most common end
result is that a non-hierarchical triple star system expels its lowest mass member, leaving
behind a tightly bound binary consisting of the two most massive members. Though such
interactions may at first sight appear to be rare, they may be common in young star sys-
tems (Reipurth et al. 1999; Reipurth 2000). They may play a central role in determining
the masses of stars, the fraction of single and multiple stars in the sky, and may seriously
impact the formation frequency of planetary systems. Three body interactions may not
only be common, they may be responsible for the observed traits of young stars and
binaries (Reipurth 2000).
In dense clusters and multiple systems a number of destructive forces curtail the col-

lapse process and may disrupt proto-planetary disks. These include three-body interac-
tions that can destroy nascent proto-planetary disks, disk + star/disk + star interactions
in eccentric binaries and dense groups that shear, truncate, and disrupt disks, and, as
discussed above, UV induced photo-ablation by nearby massive stars.
The high degree of clustering and multiplicity of the vast majority of protostars has

profound implications for the formation rate of exo-planets. Observations and theory are
currently driving a shift in our understanding of star formation and a new paradigm is in
the making. Three body interactions, clustering, and intense radiation fields introduce a
highly stochastic element into our view of steady early stellar evolution. This paradigm
shift is likely to greatly impact our understanding of the evolution of circumstellar disks,
the formation rates, and expected architectures of planetary systems.

4. Outflows from young stars
Outflows are signposts of stellar birth. The most common tracers of outflow activ-

ity are the millimeter wavelength lines of common molecules such as CO (Lada 1985;
Bachiller 1996), the near IR lines of shock excited H2 and [Fe ii] (Eislöffel et al. 2000),
and Herbig-Haro (HH) objects, which are shock excited visual wavelength nebulae pow-
ered by young stars. HH objects are most easily traced by their Hα and forbidden line
emission, especially the λλ 6717/6731 Å [S ii] doublet.
Outflows are ubiquitous, large, and have a profound impact on their surroundings.

Proto-stellar outflows are ideal laboratories in which to study the properties of astro-
physical jets in general. HH jets are near enough to the Sun so that with the angular
resolution of HST , proper motions and flow evolution can be observed within a time
span of a few months.

4.1. Outflows from low mass stars
The first HH objects were recognized around 1950. By the 1970s it became clear that
these enigmatic nebulae found in or near dark clouds in star forming regions were radia-
tive shocks (for a recent review, see Hartigan et al. 2000a). By the mid 1980s, several
HH objects were found to consist of highly collimated jets consisting of dozens of closely
spaced shocks. Nearly 500 HH objects have been discovered (Reipurth 1999). Several
dozen consist of highly collimated jets while the rest are either bow shaped or highly
irregular and complex objects. Many HH flows are also associated with near-IR H2 and
[Fe ii] emission as well as millimeter wavelength CO emission which is probably entrained
from the surrounding molecular cloud (Chernin & Masson 1995; Chernin et al. 1994).
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Recently, is was recognized that outflows can propagate many parsec from their sources.
Dozens of parsec scale flows have been identified (Bally & Devine 1994; Reipurth, Bally,
& Devine 1997; Devine et al. 1997; Reipurth, Devine, & Bally 1998) and many mole-
cular clouds are pockmarked with cavities that were produced by flows that entrained
surrounding gas and punched out of their parent clouds (Bally et al. 1987; Bally et al.
1999). Giant outflows may be a major source of turbulent motions in molecular clouds.
Furthermore, their terminal shocks can dissociate molecules and may contribute to the
chemical rejuvenation of molecular clouds. Outflows may be one of the key mechanisms
by which star formation is self-regulated. Many well-known Herbig-Haro jets such as
HH 1/2, HH 34 (Heathcote et al. 1996), and HH 111 (Reipurth et al. 1996) are merely
the inner parts of such giant flows.
Most Herbig-Haro objects trace radiative shocks where fast outflow components over-

take slower moving and older ejecta. Thus, many HH objects trace internal shocks
within an outflow lobe rather than interactions of ejecta with pristine interstellar ma-
terial. The characteristic thickness of the radiating layer is given by the cooling length
dcool ≈ 5 × 1014n−1

100V
4
7 (cm) where n100 is the density in units of 100 cm−3 and V7 is

the shock speed in units of 107 cm s−1. This corresponds to 30 AU, or about 0.1′′ at a
distance of 300 pc. Since the nearest HH objects are located a bit more than 100 pc from
the Sun, the sub-arcsecond resolution of HST is required to distinguish the shocks from
the post-shock cooling layers.
Figure 3 shows an HST image of the prototypical HH 1/2 outflow system in Orion.

HH 1 and 2, the first HH objects to be recognized (Herbig 1951; Haro 1952), consist of
a pair of oppositely oriented bow shocks separated by about 2.5′ (0.34 pc projected).
The source of this bipolar flow consists of a highly embedded multiple star system that
has been resolved in the radio continuum (Rodŕıguez et al. 1999) but remains invisible
below 3 µm. A high velocity jet emerges from the opaque cloud core several arc seconds
north of the source. The ratios of proper motions and radial velocities indicate that the
jet is inclined 10◦ with respect to the plane of the sky and moving with speeds ranging
from 200 to 380 km s−1 (Herbig & Jones 1981; Eislöffel, Mundt, & Böhm 1994). As it
emerges from the obscuring cloud core, the jet first becomes visible in the 1.64 µ [Fe ii]
and 2.12 µm H2 lines, then a few arc seconds downstream in [S ii]. It gradually fades in
these tracers about 15′′ from the source. Reipurth et al. (2000) present high resolution
NICMOS images of the HH 1 jet which points directly at the bright bow shock HH 1.
Presumably, the obscuring cloud hides the counter jet aimed towards HH 2 located
to the south. The HH 1 and 2 bow shocks are also bright in the near-IR lines of H2

(Davis, Eislöffel, & Ray 1994). HST images of HH 1 and 2 show extremely complex sub-
structure (Hester, Stapelfeldt, & Scowen 1998), indicating the onset of instabilities in the
post-shock region. The source, jet, and the HH 1/2 bow shocks are surrounded by a low
velocity (< 10 km s−1) molecular outflow visible in CO (Moro-Mart́ın et al. 1999). Ogura
(1995) found that the HH 1 and 2 bow shocks are merely the innermost and brightest
components in a parsec-scale flow that can be traced to a giant bow shock HH 401 towards
the northwest and HH 402 towards the southeast. The projected separation between this
pair of bow shocks is 5.9 pc.

4.2. Proper motions of Herbig-Haro Objects
The high resolution of HST has enabled the determination of accurate proper motions
from images obtained over a time interval of only a few years. The short time interval is
comparable to the cooling time, which makes it possible to separate the brightening and
fading of different parcels of gas from true motions. Several patterns are apparent in the
proper motion data. The highest velocities are observed in the jet and along the flow axis
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Figure 3. A narrow band HST image of the HH 1/2 outflow in [S ii]. HH 1 is on the right and
HH 2 is on the left. The driving source is embedded several arc seconds to the left of the jet (see
Hester, Stapelfeldt, & Scowen 1999 for details).

that it defines. In the HH 1 and 2 bow shocks, the highest speeds are measured at the
tips of the bows which lie along the axis defined by the jet. In these bows, the average
flow velocity declines with increasing distance from the flow axis. Both bow shocks show
very complex sub-structure indicating that instabilities have caused the fluid to fragment
into dense clumps. Within the envelope of the large bow, smaller bow shocks surround
these clumps. Some of these small-scale bows face forward while others face backwards.
There is a general trend that the forward facing bow shocks have large proper motions
with projected velocities of order 200 to 350 km s−1 while the reverse bow shocks move
with speeds well under 200 km s−1.
These trends can be explained by models in which the shocks trace internal working

surfaces within the outflow where fast ejecta overtakes slower material. The flow pattern
orthogonal to the jet axis suggests that a velocity variable jet is propagating through a
more slowly moving wide angle flow. It is not clear from the existing data whether this
slower wide angle flow represents a separate outflow component, or material entrained
from the ambient medium by the passage of previous shocks powered by the axial jet.
Instabilities, possibly related to the rapid cooling of shock heated gas, have produced
clumps and a much lower density interclump fluid. In one scenario of shock evolution,
the denser clumps of one fluid may penetrate into the less dense fluid of the other to
produce both forward and reverse facing bow shocks. Alternatively, the present shock is
propagating into the clumpy debris left behind by the passage of a previous shock.

4.3. Properties of Herbig-Haro shocks
Clumpy structure in the medium into which a shock is propagating is also evident in the
detailed HST images of HH 29 in L1551 (Devine et al. 2000). Located at a distance of
140 pc, the L1551 dark cloud in Taurus contains the nearest bright interstellar shocks in
the sky. This 40 M� cloud has produced over a dozen low mass stars, many of which are
binaries. These young stars are crowded together in a region only a few tenths of a parsec
in diameter. At least six of these young stars are actively driving jets and outflows into
the surrounding medium. The most luminous source, L1551 IRS5 is a 0.3′′ separation
binary (Rodŕıguez et al. 1998) and the HST images show that each member powers its
own jet (Fridlund & Liseau 1998). The two brightest HH objects in L1551, HH 28 and
29, were at first thought to originate from this proto-binary. However, Devine, Reipurth,
& Bally (1998) have recently found that the embedded source L1551NE (which is also
probably a binary) is a much more likely driving source.
Recent HST observations (Devine et al. 2000) reveal the structure of HH 29 in un-

precedented detail. The actual shock front is traced by a Balmer filament (Hα emission
and no forbidden lines) while the complex post-shock cooling layer emits both in Hα and
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[S ii]. It appears that a cluster of 10 to 100 AU scale clumps of dense slowly moving gas
are being overtaken by a faster (∼ 200 km s−1) lower density fluid. The clumps must
have formed prior to the passage of the currently visible shock. It is possible that the
slowly moving lumpy fluid is the cool remnant debris left behind by a shock that has
long since faded from view.
In addition to IRS 5 and L1551NE, the L1551 cloud contains the famous HH 30 jet

(Burrows et al. 1996) with its nearly edge-on circumstellar disk and the binary star
XZ Tauri which is driving an expanding bubble into its surroundings (Krist et al. 1999).
Finally, HST has shown that at visual wavelengths the star HL Tau is not a star at all,
but a very bright and compact reflection nebula. The star itself remains hidden inside a
thick molecular torus (Stapelfeldt et al. 1995). The L1551 cloud demonstrates that even
in relatively isolated regions of star formation in dark clouds, young stars are born in
small and dense clusters with star densities hundreds to thousands of times that of the
field. Their outflows and jets frequently overlap on the plane of the sky. Near HH 29,
three, and possibly four outflows criss-cross along our line of sight, including the twin
jets from L1551 IRS5, the jet from L1551NE that drives HH 29, and possibly the outer
region of the flow energized by HH 30.

HST has produced a series of remarkable images of protostellar jets. These include
HH 1/2 (Hester et al. 1998), HH 46/47 (Heathcote et al. 1996), HH 111 (Reipurth et al.
1996), and HH 34. All have been imaged at least twice with HST at intervals of a few
years and detailed proper motion vector fields are being determined. These images show
dozens of internal working surfaces whose individual post-shock cooling zones overlap to
form the nearly continuous body of the jet. The spacing of these internal shocks increase
with increasing distance from the source until growing gaps separate them and the jet
ceases to be a continuous luminous fluid. Discrete and well separated bow shocks are
often found downstream from these jets.
The complex internal structures of these flows provides a fossil record of the flow ve-

locity variations and subtle ejection direction orientation changes. The proper motion
data make it clear that the knots in jets are internal working surfaces within the body
of the flow. They are not standing shocks or Kelvin-Helmholtz instabilities. These knots
move with the fluid and trace either the shocks or the post-shock cooling layers. The
increasing gap size between successive shocks implies that large variations in the outflow
speed occur over long time intervals (centuries to millennia) while small velocity varia-
tions occur much more frequently (years to decades). Thus the overall spectrum of flow
velocity variations must behave like a 1/f noise process.

4.4. Herbig-Haro jets and stellar multiplicity
Near infrared observations with NICMOS have shown that a very large fraction of the
sources that drive HH flows are multiple. One sample of Herbig-Haro energy sources
(Reipurth et al. 2000) shows that at least 87% of HH energy source are doubles or
higher order multiples. This is the highest stellar multiplicity fraction of any set of stars
observed to date. These observations have prompted Reipurth (2000) to propose that the
most powerful episodes of protostellar mass loss are triggered by dynamical three body
interactions in multiple star systems. In this model periastron passage can cause major
disk accretion events which fuel mass loss from the system.
The NICMOS and radio continuum VLA observations of the HH 111 source region

provide evidence for such interactions. The NICMOS images (Reipurth et al. 2000) show
the presence of two stars in the source region of HH 111. However, neither star is centered
within the highly flattened envelope that lies orthogonal to the base of the HH 111 jet.
While the brighter source lies on one side of this circumbinary disk, the fainter member
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is displaced far to the other side. Furthermore, the VLA radio data provides evidence
that the brighter star is itself a binary. The radio source drives a pair of thermal radio
jets nearly orthogonal to each other. One radio jet drives the bright HH 111 flow while
the other drives the much fainter and less continuous HH 121 outflow propagating nearly
at right angles to HH 111. Reipurth et al. (1999) propose that the HH 111 cloud core
produced a non-hierarchical triple system which is inherently unstable. Within the last
20,000 years, a close stellar encounter in this system resulted in a re-configuration into
a hierarchical configuration consisting of a tightly bound binary and a single star that
was ejected. As a result, the binary is itself recoiling and all three stars are departing
the cloud core. If this scenario is correct, then mass accretion has been brought to a halt
by a three-body disruption of this unstable star system. Reipurth (2000) proposes that
such three body interactions may play a role in determining the mass spectrum of stars.

4.5. Irradiated jets and microjets
As discussed above, most stars in the sky form in OB associations. Within OB asso-
ciations, most stars form in dense transient clusters such as the Orion Nebula cluster
and the somewhat older σ Orionis group which is 2 to 4 million years old (Walter et al.
2000). Thus, the discovery of jets from four separate low mass stars near σ Ori (Reipurth
et al. 1998) was a surprise since the main protostellar outflow phase was thought to last
< 105 years. These jets are powered by visible stars located far (more than several par-
secs) from any molecular gas. Furthermore, the jets are externally ionized and rendered
visible by the radiation field of the massive star σ Ori. If the age estimates for the σ Ori
group are correct, then jet production by young stars can last for millions of years. A
curious feature of these irradiated jets is that they are predominantly one-sided with
the beam aimed towards σ Ori being about 10 times fainter than the beam facing away.
Spectra show that this brightness asymmetry may be related to an underlying kinematic
asymmetry. The fainter counter beam to HH 444 has a radial velocity that is about 2 to
3 times larger than the brighter beam. There is kinematic evidence that the slower beam
has been decelerated by entraining material from the environment on the shaded side
of a circumstellar disk presumed to exist around the source star. Thus, the brightness
asymmetries in irradiated jets may be a consequence of increased mass loading on the
shadowed side of the disk (Bally & Reipurth 2000).
Nearly two dozen externally irradiated microjets have also been identified within the

Orion Nebula on HST images (Bally, O’Dell, & McCaughrean 2000). Figure 4 shows an
example of a one-sided irradiated microjet emerging from a proplyd in the Orion Nebula.
The identification of these flows required the high angular resolution of HST since many
are only about 0.1′′ wide and are therefore lost against the nebular background in most
ground-based images. Most of the Orion irradiated jets are powered by stars embedded
within proplyds. Some high velocity features detected in high resolution spectra of the
Orion Nebula have turned out to be irradiated jets crossing the spectrograph entrance
slit.
The physical properties of irradiated jets, such as their densities, temperatures, velocity

fields, and spatial structure can be readily determined from standard recombination line
theory. In non-irradiated HH objects, the determination of densities and other physical
parameters is very difficult since the emission lines are produced in shocks which require
a complete non-linear shock model to analyze. However, mass loss rates for irradiated
jets can be directly estimated from their velocity and electron density derived from the
Hα surface brightness, emission measure, and the jet beam width. This method is easier
to apply than the more robust [S ii] doublet ratio method since the Hα line is typically
about an order of magnitude brighter than the [S ii] line in a photo-ionized plasma. The
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Figure 4. A mosaic of four narrow band HST images of the one-sided jet, HH 527, emerging
from the proplyd 282−458 in the Orion Nebula. (see Bally, O’Dell, & McCaughrean 2000 for
details).

typical mass loss rates of the Orion Nebula irradiated jets are about Ṁ ≈ 10−9 M� yr−1.
The σ Ori jets (HH 444 through 447) have about an order of magnitude larger mass loss
rates. Thus, these irradiated jets have mass loss rates one to two orders of magnitude
lower than the spectacular Herbig-Haro jets such as HH 34, HH 46/47, or HH 111.

4.6. Wind-wind collision fronts
HST has also found evidence for wide angle winds blown by low mass stars in the Orion
Nebula. Gull & Sofia (1979) found a parabolic arc of emission facing the bright core of the
nebula surrounding the young star LL Ori. HST images (Bally, O’Dell, & McCaughrean
2000) show the LL Ori bow shock in unprecedented detail (Figure 5). The images show
a chain of small high proper motion knots and small bows moving parallel to the surface
of the large bow seen on the ground based images. Furthermore, 9 other stars in the HST
mosaic of the nebula show smaller and fainter parabolic arcs facing the inner nebula. Six
additional arcs have been found on new ground based images (Bally & Reipurth 2000).
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Figure 5. A narrow band HST image of the LL Ori bow shock in Hα. Several other similar
but smaller bow shocks are labeled with a coordinate based number following a letter ‘w’ which
stands for ‘wind.’ The knots n1, n2, n2, s1, and s2 appear to be condensations in the LL Ori bow
shock. The proper motions of n1, and n2 have been measured with HST and indicate motions
away from the vicinity of LL Ori (see Bally, O’Dell, & McCaughrean 2000 for details).

Thus, 16 LL Ori type shocks have now been recognized in the Orion Nebula. The LL Ori
shocks appear to be produced by the collision of a wide-angle stellar wind having a mass
loss rate of order Ṁ ≈ 10−9 to 10−8 M� yr−1 and a velocity of about 500 km s−1 with
a mildly supersonic (∼ 20 km s−1) outflow of plasma from the core of the nebula.

4.7. Flows from massive stars
The outflows discussed so far are powered by low mass protostars. But, even more pow-
erful and spectacular flows are produced by nascent massive stars. Since massive stars
are relatively rare, evolve onto the main sequence rapidly, and tend to form in highly
obscured regions, only a few forming massive protostars have been observed with HST .
The BNKL complex of infrared sources located less than a parsec behind the Orion

Nebula has a luminosity of 105 L�. The ultra-compact radio source I (Menten et al.
1995) is the source of a powerful wide angle outflow which produces both high velocity
bipolar CO lobes and a spectacular set of near infrared fingers of H2 emission (Allen &
Burton 1994; McCaughrean & Mac Low 1997). The core of the outflow has been imaged
with NICMOS and shows dozens of sub-arc second bow shocks in a spray of ejecta that
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resembles a 4th of July fireworks display (Stolovy et al. 1998). The tips of some of the
northern fingers of H2 emission are bursting into the low extinction neutral layer at
the back of the Orion Nebula where they power a cluster of bright Herbig-Haro objects
(HH 205 to 210). Proper motions (Jones & Walker 1985; Bally, O’Dell, & McCaughrean
2000) indicate a dynamical age of order 103 years for this 1048 to 1049 erg eruption.
Unlike the highly collimated flows powered by many low mass stars, the BNKL outflow
is very poorly collimated. The spray of ejecta, the associated CO outflow lobes, and
the two oppositely directed cones of millimeter wavelength SiO maser emission lying
within 1′′ of source I (Greenhill et al. 1998) indicate an opening angle of order a radian
or more. Additional masers trace what appears to be a high density disk of material
expanding orthogonal to the outflow axis. The eruption responsible for the Orion BNKL
outflow released nearly 0.1% of the kinetic energy produced by a supernova explosion.
The ejecta appear to obey a Hubble law of expansion, indicating that most of this energy
was released on a time scale short compared to the age of the flow.
There are fundamental differences in the physics of high and low mass star formation.

Observations show that young high mass stars tend to be only found in clusters (Stahler
et al. 2000). For massive stars, the contraction time to the main sequence is shorter than
the time required to accumulate the star’s mass for reasonable accretion rates. Thus,
massive stars do not pass through an extended pre-main sequence phase. Furthermore,
while radiation pressure can be neglected in low mass star formation, it plays a major role
in the birth of massive stars (Wolfire & Cassinelli 1987). Massive protostars may grow
more rapidly because they can accrete from their surroundings at a faster rate than lower
mass objects. However, by the time such an object reaches a mass of more than about
20 M�, radiation pressure can halt accretion and even blow away the infalling envelope.
To grow further, such massive stars may accumulate additional mass by merging with
lower mass protostars in the host cluster (Bonnell, Bate, & Zinnecker 1998). Although
stellar collisions are extremely rare in the field, in star forming regions, stellar cross-
sections are greatly increased by their circumstellar disks and protostellar envelopes.
Therefore, close encounters in a high density proto-cluster may readily lead to further
growth by stellar merging. Thus, O stars may be the analogs of cD galaxies found in
the centers of rich galaxy clusters. Massive stars may also form by coalescence by means
of ‘protostellar cannibalism.’ The merging of a 10 M� star with a 1 M� protostar and
disk releases roughly 3× 1048 erg of gravitational potential energy, comparable to what
is needed to drive the BNKL outflow in Orion.
The Orion A molecular cloud has given birth to nearly a dozen massive stars. In

addition to the four Trapezium stars that light up the Orion Nebula (two of which are
eclipsing binaries), and the high mass protostars in the BNKL core, the region contains
yet another region spawning moderate to high mass stars. This region is known as OMC1-
S and is located about 90′′ south of the BNKL core. A sub-mm continuum peak and a
cluster of highly embedded infrared sources first drew attention to this region. Recent
proper motion measurements of features in the Orion Nebula with HST (Bally, O’Dell, &
McCaughrean 2000) identified no less than six major outflow systems bursting from the
background molecular cloud associated with OMC1-S. This major region of moderate to
high mass star formation has been all but ignored due to its proximity to the other more
spectacular objects in Orion Nebula region.

HST has observed shocks associated with the outflows produced by a number of other
relatively nearby regions of massive star formation. These include the bright HH objects
HH 80/81 located where a highly collimated jet from a 104 L� protostar breaks out of
its parent molecular cloud (Heathcote, Reipurth, & Raga 1988). HH 80/81 holds the
speed record for Herbig-Haro flows with velocities extending up to 1,300 km s−1. Indeed,
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Heathcote, Reipurth, and Raga (1998) found an extended filamentary nebula which they
model as an energy conserving bubble powered by fast shocks associated with HH 80/81.
HST has also observed HH 168, a bright and fragmented shock complex powered by a
forming B star in the Cepheus A star forming region (Hartigan et al. 2000b). Perhaps
the most surprising HST result is the detection of a bipolar Lyman α jet with STIS,
HH 409, emerging from the B star AE Auriga (Grady et al. 1999).

4.8. The impact of outflows

Outflows and jets from young stars are ideal laboratories in which to study the hydro-
dynamics of supersonic flows in the presence of strong cooling and weak magnetic fields.
These objects are close enough to the Sun that their time evolution can be directly mea-
sured using instruments such as HST . Furthermore, flows provide fossil records of the
mass loss histories of their source stars. But in addition to being interesting objects in
their own right, protostellar outflows play a fundamental role in determining the prop-
erties of the surrounding molecular cloud and in the self-regulation of star formation.
Outflows churn their host clouds. They create parsec-scale cavities surrounded by

swept-up shells of accelerated molecular or atomic gas. Their shocks dissociated mole-
cules and produce UV radiation which can alter the physical and chemical state of the
medium. Their complex non-linear evolution is a major source of turbulent motions in
the dense and cold phase of the interstellar medium surrounding star forming regions.

5. Conclusions
HST has made major contributions to our understanding of proto-planetary disks, pro-

vided the first hints of evolution towards proto-planets, and has shown us that there may
be many astrophysical hazards to planet formation. Since most stars in the sky appear
to form in OB associations, they are sooner or later irradiated by strong UV radiation
fields. Many may lose their disks to photo-erosion. Even in dark cloud environments,
most stars are born in compact groups and multiple systems. Dynamical interactions re-
sulting from the rearrangement of unstable non-hierachical configurations to more stable
hierarchical ones can eject member stars and destroy disks. Thus, we are beginning to
obtain constraints on the formation rate of planets and on the types of exo-planetary
system architectures that may exist. For example, in Orion Nebula-like environments,
giant planets may not form at all unless they for very fast.

HST has revolutionized our understanding of the jets and outflows from young stars
that excite Herbig-Haro objects. The structure and motions of these flows have been
investigated with exquisite detail. We can see time evolution of the shocks and their
proper motions can be measured in a time interval short compared to the post-shock
cooling time. HST has revealed many new flows and new phenomena in star forming
regions.
The Next Generation Space Telescope (NGST ) will build on the rich legacy of HST . By

operating in the 1 to 30 µm region, NGST will penetrate deep into clouds. It will image
the environments of protostars and measure their properties anywhere in the Galaxy. Not
only will it provide high angular resolution, but thousands of times lower backgrounds
will permit unprecedented deep imaging of outflows and their shocks in spectral lines
such as H2, [Fe ii], and Brackett α. NGST will detect protostellar outflows anywhere in
the Galaxy. I expect that NGST will bring about a new revolution in our understanding
of star formation.
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SN1987A: The birth of a supernova remnant

By RICHARD McCRAY
JILA, University of Colorado and National Institute of Science and Technology,

Boulder, CO 80309-0440

Supernova 1987A has been a prime target for the Hubble Space Telescope since its launch, and it
will remain so throughout the lifetime of HST . Here I review the observations of SN1987A, pay-
ing particular attention to the rapidly developing impact of the blast wave with the circumstellar
matter as observed by HST and the Chandra Observatory.

1. Introduction
If there was ever a match made in heaven, it is the combination of SN1987A and the

Hubble Space Telescope. Although the HST was not available to witness the first three
years after outburst, it has been the primary instrument to observe SN1987A since then.
SN1987A in the Large Magellanic Cloud is the brightest supernova to be observed

since SN1604 (Kepler), the first to be observed in every band of the electromagnetic
spectrum, and the first to be detected through its initial burst of neutrinos. Although
the bolometric luminosity of SN1987A today is ≈ 10−6 of its value at maximum light
(Lmax ≈ 2.5× 108 L�), it will remain bright enough to be observed for many decades in
the radio, infrared, optical, UV, and X-ray bands.
SN1987A is classified as a Type II supernova (SNeII) by virtue of the strong hydrogen

lines in its spectrum. It was atypical of SNeII in that its light curve did not reach
maximum until three months after outburst and its maximum luminosity was about
1/10 the mean maximum luminosity of SNeII. These differences can be attributed to the
fact that the star that exploded was a blue giant, unlike the progenitors of most SNeII,
which we believe to be red giants.
The burst of neutrinos observed from SN1987A proved beyond doubt that its explosion

followed the collapse of the core of the star, but subsequent observations have shown no
evidence of the neutron star or black hole that we expect to find at the center of the
debris.
The expanding gaseous debris of SN1987A cooled rapidly after the explosion (McCray

1993). By 4 months, the debris had become transparent at optical and infrared wave-
lengths and its spectrum was dominated by emission lines. By 3 years, its temperature
was less than 2,000 K throughout and the heavy elements had formed molecules and
dust. With a present temperature < 100 K, the inner debris is perhaps the coldest opti-
cally emitting source known to astronomers. It is glowing because the atoms (primarily
hydrogen) are excited by nonthermal electrons and positrons produced by the decay of
radioactive elements, primarily 44Ti. HST images of SN1987A (Figure 1) show that this
inner debris is slightly elongated in the NS direction, and that it is expanding with trans-
verse velocity ∼ 2, 800 km s−1. The irregular shape of the optical image is most likely a
consequence of the irregular distribution of dust within the inner debris.
Perhaps the most outstanding mystery of SN1987A is the absence of any evidence

(except the neutrino flash) of a compact object at its center. The central object must
have a luminosity <∼ 300 L�; otherwise we would have detected it by now.
The next most exciting mystery of SN1987A is the remarkable system of circumstellar

rings shown in Figure 1. Evidently, they were ejected by the supernova progenitor some
20,000 years before it exploded. But how do we account for their morphology? At the
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Figure 1. HST image of SN1987A and its circumstellar rings. The inset at the bottom shows
the evolution of the glowing center of the supernova debris (Pun et al. 1997).

moment, there is no satisfactory explanation. But, as I shall describe in this chapter,
events beginning now will give us a new window on the supernova’s past.
The supernova blast wave is now beginning to strike the inner ring. This impact marks

the birth of a supernova remnant, defined as the stage when the supernova light is
dominated by the impact of the supernova debris with circumstellar matter. It will be a
spectacular event. During the coming decade, the remnant SNR1987A will brighten by
orders of magnitude at wavelengths ranging from radio to X-ray. HST will continue to be
our most powerful tool to observe this unique event. But it will not be the only one. With
the Chandra Observatory , we have already obtained our first images and spectra of the
X-ray source. Large ground-based telescopes equipped with adaptive optics have already
begun to provide excellent images and spectra at optical and near-infrared wavelengths.
Future observatories, such as the Space Infrared Telescope Facility and the Atacama Large
Millimeter Array , will provide data at other wavelength bands to complement the HST
observations. The combination of these data will give us a unique opportunity to probe
the rich range of physical phenomena associated with astrophysical shocks and to learn
about the death throes of a supernova progenitor.
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Source Collapse Radioactivity Expansion

Definition ∼ G M2
�

RN∗

56Ni →56 Co →56 Fe
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∫
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Emerges as: Neutrinos O, IR X-rays
(kT ∼ 4 MeV) (+ X, γ) (+ R, IR, O, UV)

Energy [ergs] 1053 1049 1051

Timescale ∼ 10 seconds ∼ 1 year ∼ 100–1000 years

Table 1. SN1987A Energetics

2. Energetics
Before describing the HST observations of SN1987A, it might be useful to review its

energy sources. These are summarized in Table I.
As Table I shows, SN1987A has three different sources of energy, each of which emerges

as a different kind of radiation and with a different timescale. The greatest is the collapse
energy itself, which emerges as a neutrino burst lasting a few seconds. The energy pro-
vided by radioactive decay of newly synthesized elements is primarily responsible for the
optical display. Most of this energy emerged within the first year after outburst, primarily
in optical and infrared emission lines and continuum from relatively cool (T <∼ 5, 000 K)
gas. Note that the radioactive energy is relatively small, ∼ 10−4 of the collapse energy.
The kinetic energy of the expanding debris can be inferred from observations of the

spectrum during the first three months after explosion. Astronomers infer the density
and velocity of gas crossing the photosphere from the strengths and widths of hydrogen
lines in the photospheric spectrum. By tracking the development of the spectrum as the
photosphere moved to the center of the debris, astronomers can measure the integral
defining the kinetic energy. Doing so, they find that ∼ 10−2 of the collapse energy has
been converted into kinetic energy of the expanding debris. Why this fraction is typically
10−2 and not, say, 10−1 or 10−3, is one of the unsolved problems of supernova theory.
This kinetic energy will be converted into radiation when the supernova debris strikes

circumstellar matter. When this happens, two shocks always develop: the blast wave,
which overtakes the circumstellar matter; and the reverse shock, which is driven inwards
(in a Lagrangean sense) through the expanding debris. The gas trapped between these
two shocks is typically raised to temperatures in the range 106–108 K and will radiate
most of its thermal energy as X-rays with a spectrum dominated by emission lines in the
range 0.3–10 keV.
Most of the kinetic energy of the debris will not be converted into thermal energy of

shocked gas until the blast wave has overtaken a circumstellar mass comparable to that
of the debris itself, ∼ 10–20 M�. Typically, that takes many centuries, and as a result,
most galactic supernova remnants (e.g. Cas A) reach their peak X-ray luminosities after
a few centuries and fade thereafter.
As I discuss below, we believe that SN1987A is surrounded by a few M� of circumstellar

matter within a distance of parsec or two. Thus, a significant fraction of the kinetic energy
of the debris will be converted into thermal energy within a few decades as the supernova
blast wave overtakes this matter.
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3. The circumstellar rings

The first evidence for circumstellar matter around SN1987A appeared a few months
after outburst in the form of narrow optical and ultraviolet emission lines seen with the
International Ultraviolet Explorer (Fransson et al. 1989). Even before astronomers could
image this matter, they could infer that:
• the gas was nearly stationary (from the linewidths);
• it was probably ejected by the supernova progenitor (because the abundance of

nitrogen was elevated);
• it was ionized by soft X-rays from the supernova flash (from emission lines of Nv

λλ1239, 1243 and other highly ionized elements in the spectrum);
• it was located at a distance of about a light year from the supernova (from the rise

time of the light curve of these lines); and
• the gas had atomic density ∼ 3× 103 − 3× 104 cm−3 (from the fading timescale of

the narrow lines).
The triple ring system was first seen in images obtained by the ESO NTT telescope

(Wampler et al. 1990), but the evidence of the outer loops was not compelling until
astronomers obtained an image with the HST WFPC-2 (Burrows et al. 1995). By mea-
suring the Doppler shifts of the emission lines, Crotts & Heathcote (1991) found that the
inner ring is expanding with a radial velocity ≈ 10 km s−1. Dividing the radius of the
inner ring (0.67 lt-year) by this velocity gives a kinematic timescale ≈ 20, 000 years since
the gas in the ring was ejected, assuming constant velocity expansion. The more distant
outer loops are expanding more rapidly, consistent with the notion that they were ejected
at the same time as the inner ring.
The rings observed by HST may be only the tip of the iceberg. They are glowing by

virtue of the ionization and heating caused by the flash of EUV and soft X-rays emitted
by the supernova during the first few hours after outburst. But calculations (Ensman
& Burrows 1992) show that this flash was a feeble one. The glowing gas that we see in
the triple ring system is probably only the ionized inner skin of a much greater mass of
unseen gas that the supernova flash failed to ionize. For example, the inner ring has a
glowing mass of only about ∼ 0.04 M�, just about what one would expect such a flash
to produce.
In fact, ground-based observations of optical light echoes during the first few years

after outburst provided clear evidence of a much greater mass of circumstellar gas within
several light years of the supernova that did not become ionized (Wampler et al. 1990;
Crotts, Kunkel, & Heathcote 1995). The echoes were caused by scattering of the optical
light from the supernova by dust grains in this gas. They became invisible about five
years after outburst.
What accounts for this circumstellar matter and the morphology of the rings? My

hunch is that the supernova progenitor was originally a close binary system, and that
the two stars merged some 20,000 years ago. The inner ring might be the inner rim of a
circumstellar disk that was expelled during the merger, perhaps as a stream of gas that
spiraled out from the outer Lagrangean (L2) point of the binary system. Then, during the
subsequent 20,000 years before the supernova event, ionizing photons and stellar wind
from the merged blue giant star eroded a huge hole in the disk. Finally, the supernova
flash ionized the inner rim of the disk, creating the inner ring that we see today.
The binary hypothesis provides a natural explanation of the bipolar symmetry of the

system, and may also explain why the progenitor of SN1987A was a blue giant rather
than a red giant (Podsiadlowski 1992). But we still lack a satisfactory explanation for
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Figure 2. Radio (upper) and X-ray (lower) light curves.

the outer loops. If we could only see the invisible circumstellar matter that lies beyond
the loops, we might have a chance of reconstructing the mass ejection episode.
Fortunately, SN1987A will give us another chance. When the supernova blast wave hits

the inner ring, the ensuing radiation will cast a new light on the circumstellar matter.
As I describe below, this event is now underway.

4. The crash begins
The first evidence that the supernova debris was beginning to interact with circum-

stellar matter came from radio and X-ray observations. As Figure 2 shows, SN1987A
became a detectable source of radio and soft X-ray emission about 1200 days after the
explosion and has been brightening steadily in both bands ever since. Shortly after-
wards, astronomers imaged the radio source with the Australia Telescope Compact Array
(ATCA) and found that the radio source was an elliptical annulus inside the inner cir-
cumstellar ring observed by HST (Figure 6). From subsequent observations, they found
that the annulus was expanding with a velocity ∼ 3, 500 km s−1.
Chevalier (1992) recognized that the radio emission most likely arose from relativistic

electrons accelerated by shocks formed inside the inner ring where the supernova debris
struck relatively low density (n ∼ 100 cm−3) circumstellar matter, and that the X-ray
emission probably came from the shocked circumstellar matter and supernova debris.
Subsequently, Chevalier & Dwarkadas (1995) suggested a model for the circumstellar
matter, in which the inner circumstellar ring is the waist of an hourglass-shaped bipolar
nebula. The low density circumstellar matter is a thick layer of photoionized gas that
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lines the interior of the bipolar nebula. The inner boundary of this layer is determined
by balance of the pressure of the hot bubble of shocked stellar wind gas and that of the
photoionized layer. In the equatorial plane, the inner boundary of this layer is located at
about half the radius of the inner ring. According to this model, the appearance of X-ray
and radio emission at ∼ 1200 days marks the time when the blast wave first enters the
photoionized layer.

5. The reverse shock
Following Chevalier & Dwarkadas (1995), Borkowski, Blondin, & McCray (1997a) de-

veloped a more detailed model to account for the X-ray emission observed from SN1987A.
They used a 2-D hydro code to simulate the impact of the outer atmosphere of the su-
pernova with an idealized model for the photoionized layer. They found a good fit to the
ROSAT observations with a model in which the thickness of the photoionized layer was
about half the radius of the inner ring and the layer had atomic density n0 ≈ 150 cm−3.
With the same model, we found to our delight that Lyα and Hα emitted by hydrogen

atoms crossing the reverse shock should be detectable with the STIS. Then, in May 1997,
only three months after our predictions appeared in the ApJ (Borkowski et al. 1997a),
the first STIS observations of SN1987A were made, and broad (∆V ≈ ±12, 000 km s−1)
Lyα emission lines were detected (Sonneborn et al. 1998). Within the observational un-
certainties, the flux was exactly as predicted.
One might at first be surprised that such a theoretical prediction of the Lyα flux

would be on the mark, given that it was derived from a hydrodynamical model based on
very uncertain assumptions about the density distribution of circumstellar gas. But, on
further reflection it is not so surprising because the key parameter of the hydrodynamical
model, the density of the circumstellar gas, was adjusted to fit the observed X-ray flux.
Since the intensity of Lyα is derived from the same hydrodynamical model, the ratio of
Lyα to the X-ray flux is determined by the ratio of cross sections for atomic processes,
independent of the details of the hydrodynamics.
The broad Lyα and Hα emission lines are not produced by recombination. (The emis-

sion measure of the shocked gas is far too low to produce detectable Lyα and Hα by
recombination.) Instead, the lines are produced by neutral hydrogen atoms in the super-
nova debris as they cross the reverse shock and are excited by collisions with electrons
and protons in the shocked gas. Since the cross sections for excitation of the n ≥ 2
levels of hydrogen are nearly equal to the cross sections for impact ionization, about
one Lyα photon is produced for each hydrogen atom that crosses the shock. Thus, the
observed flux of broad Lyα is a direct measure of the flux of hydrogen atoms that cross
the shock. Moreover, since the outer supernova envelope is expected to be nearly neutral,
the observed flux is a measure of the mass flux across the shock.
The fact that the Lyα and Hα lines are produced by excitation at the reverse shock

gives us a powerful tool to map this shock. Since any hydrogen in the supernova debris is
freely expanding, its line-of-sight velocity, V‖ = z/t, where z is its depth measured from
the mid-plane of the debris and t is the time since the supernova explosion. Therefore,
the Doppler shift of the Lyα line will be directly proportional to the depth of the reverse
shock: ∆λ/λ0 = z/ct. Thus, by mapping the Lyα or Hα emission with STIS, we can
generate a 3-dimensional image of the reverse shock.
Figure 3 illustrates this procedure. Panel a shows the location of the slit superposed

on an image of the inner circumstellar ring, with the near (N) side of the tilted ring on
the lower left. Panel b shows the actual STIS spectrum of Lyα from this observation.
The slit is black due to geocoronal Lyα emission. The bright blue-shifted streak of Lyα



70 R. McCray: SN1987A

Figure 3. STIS spectrum of Lyα emission from the reverse shock (Michael et al. 1998).

extending to the left of the lower end of the slit comes from hydrogen atoms crossing the
near side of the reverse shock, while the fainter red-shifted streak at the upper end of
the slit comes from the far side of the reverse shock.
From this and similar observations with other slit locations we have constructed a

map of the reverse shock surface, shown in panel c. Note that the emitting surface is an
annulus that lies inside the inner circumstellar ring. Presumably, the reverse shock in the
polar directions lies at a greater distance from the supernova, where the flux of atoms
in the supernova debris is too low to produce detectable emission. Panel d is a model of
the STIS Lyα spectrum that would be expected from hydrogen atoms crossing the shock
surface illustrated in panel c. By comparing such model spectra with the actual spectra
(e.g. panel b), we may refine our model of the shock surface.
Note that the broad Lyα emission is much brighter on the near (blue-shifted) side of

the debris than on the far side, and so is the reconstructed shock surface. There is one
obvious reason why this should be so: the blue-shifted side of the reverse shock is nearer to
us by several light-months, and so we see the emission from the near side as it was several
months later than that from the far side. Since the flux of atoms across the reverse shock
is increasing, the near side should be brighter. But this explanation fails quantitatively.
The observed asymmetry is several times greater than can be explained by light-travel
time delays, and must be attributed to real asymmetry in the supernova debris. As we
shall see, observations at radio and X-ray wavelengths also provide compelling evidence
for asymmetry of the supernova debris.

6. The hot spots
One can estimate the time that the blast wave should strike the inner circumstel-

lar ring from Chevalier’s (1982) self-similar solutions for the hydrodynamics of a freely
expanding stellar atmosphere striking a circumstellar medium. Stellar atmosphere mod-
els give a good fit to the spectrum of SN1987A during the early photospheric phase
with a stellar atmosphere having a power-law density law ρ(r, t) = At−3(r/t)−9 (East-
man & Kirshner 1989; Schmütz et al. 1990). If this atmosphere strikes a circumstellar
medium having a uniform density n0, the blast wave will propagate according to the law
RB(t) ∝ A1/9n

−1/9
0 t2/3. For such a model, the time of impact can be estimated from the
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Figure 4. Spectrum of Spot 1. (a) Slit orientation on image of SN1987A’s triple ring system;
(b) Section of STIS G750M spectrum.

equation t ∝ A−1/6n
1/6
0 . The coefficient, A, of the supernova atmosphere density profile

can determined from the fit to the photospheric spectrum, leaving the density, n0, of the
gas between the supernova and the circumstellar ring as the main source of uncertainty.
With various assumptions about the density distribution of this gas, predictions of the
time of first contact ranged from 2003 (Luo & McCray 1991) to 1999± 3 (Luo, McCray,
& Slavin 1994) to 2005± 3 (Chevalier & Dwarkadas 1995).
In April 1997, Sonneborn et al. (1998) obtained the first STIS spectrum of SN1987A

with the 2× 2 arcsecond aperture. Images of the circumstellar ring were seen in several
optical emission lines. No Doppler velocity spreading was evident in the ring images
except at one point, located at P.A. = 29◦ (E of N), which we now call “Spot 1,” where
a Doppler-broadened streak was seen in Hα and other optical lines.
Figure 4 (Michael et al. 2000) shows a portion of a more recent (March 1998) STIS

spectrum of Spot 1, where one can see vertical pairs of bright spots corresponding to
emission from the stationary ring at Hα and [NII]λλ6548, 6584 (one also sees three more
fainter spots at each wavelength where the outer loops cross the slit, and a broad hor-
izontal streak at the center due to the Hα emission from the rapidly expanding inner
debris). The emission lines are broadened (with FWHM ≈ 250 km s−1) and blue-shifted
(with ∆V ≈ −80 km s−1) at the location of Spot 1, which is located slightly inside the
stationary ring.
Spot 1 evidently marks the location where the supernova blast wave first touches the

dense circumstellar ring. When a blast wave propagating with velocity Vb ≈ 4, 000 km s−1

through circumstellar matter with density n0 ≈ 150 cm−3 encounters the ring, having
density nr ≈ 104 cm−3, one would expect the transmitted shock to propagate into the
ring with Vr ≈ (n0/nr)1/2Vb ≈ 500 km s−1 if it enters at normal incidence, and more
slowly if it enters at oblique incidence. Since Spot 1 is evidently a protrusion, a range
of incidence angles, and hence of transmitted shock velocities and directions, can be
expected. Obviously, the line profiles will be sensitive to the geometry of the protrusion.
Since the protrusion is on the near side of the ring and is being crushed by the entering
shocks, most of the emission will be blue-shifted, as is observed. But part of the emission
is red-shifted because it comes from oblique shocks entering the far side of the protrusion.
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Figure 5. Hot spots on the inner ring. The right panel shows the difference between WFPC
observations taken on 2 February 2000 and 21 February 1996, showing that the hot spots have
brightened while the rest of the ring has faded.

Looking back to previous WFPC images, Garnavich et al. (2000) found that Spot 1
had begun to brighten as early as 1996. It has continued to brighten steadily, with a
current doubling time scale of about one year. As of February 2000, Spot 1 had a flux
≈ 7% of the rest of the inner circumstellar ring.
Since the detection of Spot 1, several new spots have appeared, of which four (at

P.A. ≈ 91◦, 106◦, 123◦ and 230◦, are evident in Figure 5 (Garnavich et al. 2000; Lawrence
et al. 2000). Clearly, the blast wave is beginning to overtake the inner circumstellar ring
in several places.
The emission line spectrum of Spot 1 resembles that of a radiative shock, in which

the shocked gas has had time to cool from its post-shock temperature T1 ≈ 1.6 ×
105[Vr/(100 km s−1)]2 K to a final temperature Tf ≈ 104 K or less. As the shocked
gas cools, it is compressed by a density ratio nf/nr ≈ (T1/Tf ) ≈ 160[Vr/(100 km s−1)]2

[Tf/(104K)]−1. We see evidence of this compression in the observed ratios of forbid-
den lines, such as [NII]λλ6548, 6584 and [SII]λλ6717, 6731, from which we infer electron
densities in the range ne ∼ 106 cm−3 using standard nebular diagnostics.
The fact that the shocked gas in Spot 1 was able to cool and form a radiative layer

within a few years sets a lower limit, nr >∼ 104 cm−3, on the density of unshocked gas in
the protrusion. Given that limit, we can estimate an upper limit on the emitting surface
area of Spot 1, from which we infer that Spot 1 should have an actual size no greater
than about one pixel on WFPC2. This result is consistent with the imaging observations.
The cooling timescale of shocked gas is sensitive to the postshock temperature, hence

shock velocity. For nr = 104 cm−3, shocks faster than 250 km s−1 will not be able to
radiate and form a cooling layer within a few years. It is quite possible that such fast
non-radiative shocks are present in the protrusions but are invisible in optical and UV
line emission. For example, I estimated above that a blast wave entering the protrusion at
normal incidence might have velocity ∼ 500 km s−1. We would still see the line emission
from the slower oblique shocks on the sides of the protrusion, however.
We have attempted to model the observed emission line spectrum of Spot 1 with a

radiative shock code kindly provided by John Raymond. Up to now, our efforts have
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Figure 6. Optical, radio and X-ray images of SNR1987A.

met with only partial success. This is perhaps not surprising, given the complexity of
the hydrodynamics. It is known, for example, that radiative shocks are subject to violent
thermal instabilities (e.g. Innes, Giddings & Falle 1987), which we have not included in
our initial attempts to model the shock emission.

7. The X-ray source
As I have already mentioned in §4, we believe that the X-ray emission from SNR1987A

seen by ROSAT (Figure 2) comes from the hot shocked gas trapped between the super-
nova blast wave and the reverse shock. But, with its 10′′ angular resolution, ROSAT was
unable to image this emission; nor was ROSAT able to obtain a spectrum.
Very recently, Burrows et al. (2000) used the new Chandra Observatory to advance our

knowledge of the image and spectrum of X-rays from SNR1987A. Figure 6 is a montage
of images of SNR1987A, showing: the HST optical image (a); the ATCA radio image
from the (b); and the X-ray images observed by Chandra on 6 October 1999 (c) and
17 January 2000 (d). The optical image (a) is replicated as contour lines on images (b),
(c), and (d). We see immediately that the ATCA radio source (b) is an annulus that
is somewhat smaller than the optical ring and is much brighter on the E side than on
the W.
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The two Chandra images appear different, but we are not sure whether this difference
represents an actual change of the X-ray source or is an artifact of the limited photon
statistics of the observations and the deconvolution procedure we used to achieve the
maximum possible angular resolution. We can be sure, however, that the X-ray source,
like the radio source, is an annulus that lies mostly within the optical ring, and that it
is brighter on the E side than on the W.
The X-ray images of SNR1987A are consistent with the model by Borkowski et al.

(1997a), except that they obviously do not have the cylindrical symmetry assumed in
that model. The fact that the X-ray and radio images have roughly the same morphologies
suggests that the relativistic electrons presumed responsible for the non-thermal radio
emission have energy density proportional to that in the X-ray emitting gas and reside
in roughly the same volume.
The fact that the X-ray and radio images are both brighter on the E side than on

the W could be explained by a model in which either: (a) the circumstellar gas inside
the inner ring had greater density toward the E; or (b) the outer supernova debris had
greater density toward the E. But the fact that most of the hot spots are found on the
E side favors the latter hypothesis. If the circumstellar gas had greater density toward the
E side and the supernova debris were symmetric, the blast wave would have propagated
further toward the W side, and the hot spots would have appeared there first.
This conclusion is also supported by observations of Hα and Lyα emission from the

reverse shock (§5), which show that the flux of mass across the reverse shock is greater
on the W side.
These observations highlight a new puzzle about SN1987A: why was the explosion so

asymmetric? We might explain a lack of spherical symmetry by rapid rotation of the
progenitor, but how do we explain a lack of azimuthal symmetry?
With the grating spectrometer on Chandra, Burrows et al. (2000) also obtained a

spectrum of the X-rays from SNR1987A, shown in Figure 7. It is dominated by emission
lines from helium- and hydrogen-like ions of O, Ne, Mg, and Si, as well as a complex
of Fe-L lines near 1 keV, as predicted by Borkowski et al. (1997a). The characteristic
electron temperature inferred from the spectrum, kTe ∼ 3 keV, is much less than the
proton temperature, kTp ∼ 30 keV for a blast wave propagating with Vb ≈ 4, 000 km s−1.
This result was expected because Coulomb collisions are too slow to raise the electron
temperature to equilibrium with the ions.
The Chandra observations show that the current X-ray flux from SNR1987A is about

twice the value that would be estimated by extrapolating the ROSAT light curve to Janu-
ary 2000 (Figure 2). The X-ray flux is expected to increase by another factor∼ 102 during
the coming decade as the blast wave overtakes the inner circumstellar ring (Borkowski
et al. 1997b). Are we already beginning to see the X-ray emission from the shocked ring?
Further imaging (with Chandra) and spectroscopic (with XMM ) observations will tell.

8. The future
SNR1987A has been tremendous fun so far, but the best is yet to come. During

the next ten years, the blast wave will overtake the entire circumstellar ring. More
hot spots will appear, brighten, and eventually merge until the entire ring is blazing
brighter than Spot 1. We expect that the Hα flux from the entire ring will increase to
FHα >∼ 3 × 10−12 ergs cm−2 s−1, or >∼ 30 times brighter than it is today and that the
flux of ultraviolet lines will be even greater (Luo et al. 1994).
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Figure 7. X-ray spectrum of SNR1987A.

As we have already begun to see, observations at many wavelength bands are needed
to tell the entire story of the birth of SNR1987A. Fortunately, powerful new telescopes
and technologies are becoming available just in time to witness this event.
Large ground-based telescopes equipped with adaptive optics will provide excellent

optical and infrared spectra of the hot spots. We need to observe profiles of several
emission lines at high resolution in order to unravel the complex hydrodynamics of the hot
spots. These telescopes also offer the exciting possibility to image the source in infrared
coronal lines of highly ionized elements (e.g. [Si IX] 2.58, 3.92 µm, [SiX] 1.43 µm) that
may be too faint to see with HST . Observations in such lines will complement X-ray
observations to measure the physical conditions in the very hot shocked gas.
The circumstellar rings of SN1987A almost certainly contain dust, and so does the en-

velope of SN1987A (McCray 1993). When dusty gas is shocked to temperatures >∼ 106 K,
its emissivity at far infrared wavelengths (>∼ 10 µm) exceeds its X-ray emissivity by fac-
tors ∼ 102–103 (Dwek & Arendt 1992). Therefore, we expect that SNR1987A will be
brightest at far infrared wavelengths, with luminosity ∼ 102–103 times its X-ray lumi-
nosity. This makes SNR1987A a prime target for SIRTF . Together with the Chandra and
XMM observations of the X-ray spectra, the SIRTF observations will give us a unique
opportunity to investigate the destruction of dust grains in shocked gas.
The observations with the ATCA have given us our first glimpse of shock acceler-

ation of relativistic electrons in real time, but the angular resolution of ATCA is not
quite good enough to allow a detailed correlation of the radio image with the optical
and X-ray images. This will become possible several years from now when the Atacama
Large Millimeter Array (ALMA) is completed. Such observations will give us a unique
opportunity to test our theories of relativistic particle acceleration by shocks.



76 R. McCray: SN1987A

Finally, I’ll take this opportunity to do some shameless special pleading to continue
intensive observations of SNR1987A with HST . Most likely, we won’t have a comparable
opportunity to observe the birth of a supernova remnant during the lifetime of HST—
indeed, during our lifetimes. The opportunities to observe SNR1987A with other new
facilities do not challenge the preeminence of HST ; they enhance it.
Of course, we should continue to map the emission of fast Lyα and Hα from the reverse

shock with STIS. Such observations give us a three-dimensional image of the flow of the
supernova debris across the reverse shock, providing the highest resolution map of the
asymmetric supernova debris. We expect this emission to brighten rapidly, doubling on
a timescale ∼ 1 year. Most exciting, such observations will give us an opportunity to
map the distribution of nucleosynthesis products in the supernova debris. We know that
the debris has a heterogeneous composition. The early emergence of gamma rays from
SN1987A showed that some of the newly synthesized 56Co (and probably also clumps
of oxygen and other elements) were mixed fairly far out into the supernova envelope by
instabilities following the explosion (McCray 1993). When such clumps cross the reverse
shock, the fast Hα and Lyα lines will vanish at those locations, to be replaced by lines
of other elements. If we keep watching with STIS, we should see this happen during the
coming decade.
Likewise, we should continue to monitor the development of the hot spots with HST ,

using WFPC2 to observe images and STIS to observe spectra. Optical and infrared spec-
tra obtained with ground-based telescopes will be of limited value unless they are comple-
mented by HST observations to tell us which spots are producing which lines. Moreover,
only HST can observe UV lines such as N iv] λλ1483, 1486 and Nv λλ1239, 1243, the
ratio of which are sensitive functions of shock velocity. We need to measure these ratios
as a function of Doppler shift to untangle the complex hydrodynamics of the shocks
entering the spots. Spot 1 is now becoming bright enough to do that with HST .
The shocks in the hot spots are surely producing ionizing radiation, roughly half of

which will propagate ahead of the shock and ionize heretofore invisible material in the
rings. The effects of this precursor ionization will soon become evident in the form of
narrow cores in the emission lines from the vicinity of the hot spots.
In §3 I pointed out that the circumstellar rings of SN1987A represent only the inner

skin of a much greater mass of circumstellar matter, and that we obtained only a fleeting
glimpse of this matter through ground-based observations of light echoes. The clues
to the origin of the circumstellar ring system lie in the distribution and velocity of this
matter, if only we could see it clearly. Fortunately, SNR1987A will give us another chance.
Although it will take several decades before the blast wave reaches the outer rings, the
impact with the inner ring will eventually produce enough ionizing radiation to cause
the unseen matter to become an emission nebula. Luo et al. (1994) have estimated that
the fluence of ionizing radiation from the impact will equal the initial ionizing flash of
the supernova within a few years after the ring reaches maximum brightness. I expect
that the circumstellar nebula of SNR1987A will be in full flower within a decade. In this
way, SN1987A will be illuminating its own past.

Many of the results reported here are the fruits of my happy collaborations with John
Blondin, Kazik Borkowski, Dave Burrows, Steve Holt, Una Hwang, Eli Michael, Jason
Pun, George Sonneborn, Svet Zhekov, and the Supernova INtensive Study team led by
Bob Kirshner. My own work on SN1987A is currently supported by grants from NASA
(ATP NGT 5-80) and the Space Telescope Science Institute (GO-08243.03-97A).
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Globular clusters: The view from HST

By WILL IAM E. HARRIS

Department of Physics & Astronomy, McMaster University, Hamilton ON L8S 4M1 Canada

Globular clusters represent only a small fraction of the total mass in their parent galaxy, but
provide a vast array of tests for stellar physics, dynamics, and galaxy formation. This review
discusses the prominent accomplishments of HST -based programs:

(a) The definition of precise fiducial sequences in the HR diagram, extending down to the
hydrogen-burning limit,
(b) Discovery of the upper white dwarf cooling sequence in several clusters,
(c) Discovery of a highly consistent IMF on the lower main sequence,
(d) Definitive age measurements for the oldest clusters in the outermost halo of the Milky

Way, the Magellanic Clouds, and the dwarf elliptical satellites of the Milky Way,
(e) Elucidation of the innermost structure of M15 and other core-collapsed clusters,
(f) Discovery of surprisingly large “anomalous” populations of stars within dense cluster cores:

extended blue horizontal-branch stars, blue stragglers, and others,
(g) The first reliable color-magnitude studies for globular clusters in M31, M33, and other

outlying Local Group members,
(h) Discovery of massive young clusters in starburst galaxies with ages as small as 1 Myr,
(i) Measurement of metallicity distribution functions among globular cluster systems in many

giant E galaxies—bimodality is common, but details differ strongly, and
(j) Deep imaging of cluster luminosity distributions in gE galaxies in Virgo, Fornax, and other

Abell clusters as distant as Coma.

The review concludes with brief speculations about future directions in which HST and (later)
NGST might contribute to globular cluster studies.

As scientists, we are only as good as our ideas and our tools. There have been few
times indeed in the history of astronomy when a single major tool has made the impact
of HST . But while this magnificent observatory has helped us to lay out new paths that
scarcely existed a decade ago, we have also used it to radically transform more traditional
territory.
One of these areas—star clusters and stellar populations—spans the entire 20th century

in the astrophysics literature. Few branches of astronomy have such a long history as the
study of globular clusters, or have re-invented themselves so many times because of
technological advances and innovations. HST is the latest and certainly among the most
influential of these revolutions. A flood of observational results from it has generated
yet another transformation in our understanding of these dense, populous, and endlessly
fascinating stellar systems.
The key advantages conferred by HST—unequaled spatial resolution, photometric

depth, access to the ultraviolet, and unique time-series observations—are the same as
for any other field, though the first two in the list have been the major players here more
than in other areas. For these reasons, almost all of the major contributions of HST to
globular cluster studies have entered the literature only after 1995—that is, starting with
Cycle 4 and the installation of COSTAR and WFPC2. This brief overview starts from
within the Milky Way and works outward to the current limits of distance to which we
can probe globular cluster systems. No claim is made to completeness, but it isolates
what I will suggest to be the main directions in which HST has influenced the discipline.

78
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Figure 1. Globular clusters, as seen by HST from four distance perspectives: (a) Upper left :
the center of 47 Tucanae (d = 4.5 kpc), showing the dense population of giants and main
sequence stars (R. Saffer and D. Zurek, NASA/St ScI Press Release PRC97-35). (b) Upper
right : NGC 6093 (d = 10 kpc; Hubble Heritage image). (c) Lower left : Cluster G1 = Mayall II,
the most luminous globular cluster in the halo of M31 at d = 0.75 Mpc (M. Rich, K. Mighell,
J. Neill, and W. Freedman, NASA/St ScI Press Release PRC96-11). (d) Lower right : the Coma
giant elliptical IC 4051 (d = 100 Mpc), around which the globular clusters show up as a sprinkling
of faint starlike images (Baum et al. 1997; Woodworth & Harris 2000).

1. Stellar populations in globular clusters
1.1. The limits of the color-magnitude diagram

The color-magnitude diagram (CMD) for globular clusters forms the classic testbed for
studying the evolution and mass distribution of low-mass stars. Before the launch of
HST , a whole series of unanswered and quite fundamental questions about such stars
were on hand: What does the main sequence look like down to the hydrogen-burning
limit? What is the IMF (initial mass function) for stars down to the same limit, and does
it depend strongly on metallicity or other factors? Would the position of the white dwarf
sequence confirm the expectations of standard stellar structure theory? What trends are
exhibited by “anomalous” types of stars such as blue stragglers and extended horizontal-
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Figure 2. Composite color-magnitude diagram for a fiducial “metal-poor” ([Fe/H] � −2) glob-
ular cluster. Here data are combined from NGC 6397 (King et al. 1997), M55 (Piotto 2000),
M68 (Walker 1994), NGC 2419 (Harris et al. 1997), and M3 (Ferraro et al. 1997b). Each point
represents a real star taken from one of the above datasets, but they have been deliberately and
rather arbitrarily selected to delineate the various evolutionary stages in the CM diagram as
clearly as possible. Small crosses denote variable stars (RR Lyraes and two SX Phe variables).

branch stars? Are there distinctive features in the CMD distribution that were previously
unknown?

HST programs have provided stimulating responses to all these questions. The present
“state of the art” in our definition of the full CMD array for globular clusters can be seen
in Figure 2, which is a composite of data from five different clusters of low metallicity
([Fe/H] � −2) and is deliberately constructed to show the entire range of globular cluster
stars as we now understand them. The precise definition of the principal sequences, as well
as the total span in luminosity—covering more than 18 magnitudes from the brightest
giants to the faintest dwarfs—far exceeds anything from the pre-HST era.†

† It should be emphasized that Fig. 2, as a composite from several sources, does not correctly
represent any single cluster, nor does it show the true relative numbers of stars in very different
sections of the CMD. For example, the true numbers of HB and red giants relative to the
unevolved main sequence stars are far smaller in any real cluster than indicated here. The
diagram is intended only to display the locations of the fiducial sequences. Some “anomalous”
regions such as the blue stragglers and extreme blue extension of the horizontal branch have
been somewhat deliberately overemphasized. Finally, in combining data from the clusters listed,
I have taken arbitrary liberties in removing a few stars lying far off any of the sequences which
almost certainly represent residual field contamination.
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The genuine level of progress achieved by the HST -based photometry can be appreci-
ated further by contrasting Fig. 2 with the very earliest CMDs of globular clusters, first
measured 90 years ago by Shapley and his collaborators. (For an excellent and repre-
sentative example, see the diagram for M3 by Shapley & Davis 1920; it was presented
in the form of a ‘spreadsheet’, with numbers of stars labeled in bins of magnitude and
‘color class’; the upper red giant branch and most of the horizontal branch can clearly
be seen). Another of the two or three truly major turning points in the history of this
subject took place just half a century ago, when the long-sought main sequence turnoff
point (MSTO) was reached for the first time (Arp, Baum, & Sandage 1953; the clus-
ter concerned was the prototypical extreme low-metallicity object M92). This event also
represented an extremely rare instance in which both observers and theorists converged
on the same target at the same time: it was no accident that stellar models were being
constructed specifically to try to understand the puzzles posed by Population II stars
and their old, metal-poor red giant branch. The first models which could claim basic
success in matching the globular cluster turnoff region and the transition to the con-
vective red giant structure—in other words, the first “isochrone fits” in the sense we
use them today—suggested that the age of M92, and thus the halo of the Galaxy, was
3–4 Gyr (Sandage & Schwarzschild 1952). The biggest error in these fits was a too-bright
Mbol � −0.5 adopted luminosity scale for the RR Lyraes, which set the zeropoint for the
main sequence—again, an issue which persists today albeit at a lower level (see, for ex-
ample, Carretta et al. 2000 for a comprehensive recent discussion of the globular cluster
distance scale issues).
Ever since that critical point in history, the mutual stimulation between stellar struc-

ture theory and globular cluster photometry has constantly been active, and has taken
a new leap in the HST era. The delineation of the faintest sections of the zero-age main
sequence (ZAMS) all the way to its lower limit has unquestionably encouraged the devel-
opment of low-mass stellar models over a range of metallicities (e.g. Cassisi et al. 2000)
which follow the observed ZAMS shape in remarkable detail. Similarly, new predictions
now exist for the shape of the white dwarf cooling curve as it extends below even the
faintest observational limits that we now have (Figure 3).

1.2. The quest for the white dwarf sequence
One of the original goals in the scientific case for the launch of HST was to discover the
very deepest and faintest parts of the CMD that had never been seen from the ground—
the extension of the ZAMS all the way to the hydrogen burning limit, and the cooling
sequence of the white dwarfs. But even with HST and WFPC2, these dim stars—some of
them barely able to generate a slow trickle of hydrogen fusion, while the others are leaking
away their tiny remaining reservoirs of internal heat—can clearly be seen only through
long exposures of just the nearest globular clusters (those within a few kiloparsecs of the
Sun).
For the white dwarf sequence especially, the challenge was not simply one of limiting

magnitude. The WDs are not present in the same numbers as the ubiquitous main-
sequence stars, and obtaining many of them within the limited WFPC2 field of view
requires selecting target fields uncomfortably close to the cluster center, with the atten-
dant problems of crowding and scattered light from the other types of cluster stars, all
of which are much brighter (Figure 4).
Despite these hurdles, clear successes have been achieved. Unambiguous sequences of

stars delineating the white dwarf cooling curve were published almost simultaneously for
three such clusters: M4 (Richer et al. 1995), NGC 6397 (Cool et al. 1996), and NGC 6752
(Renzini et al. 1996), all as a result of Cycle 4 programs. Several other clusters were soon
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Figure 3. Composite isochrone fits to the fiducial CMD of Figure 2. The adopted age (14 Gyr)
and metallicity ([Fe/H] = −2) is the same for all parts of the sequences. The ZAMS model
line fainter than MV � 8 is from Cassisi et al. (2000), while the upper main sequence region,
turnoff, and red giant branch models are from Harris et al. (1997) and the horizontal branch
from VandenBerg et al. (2000). The white dwarf evolutionary track is from isochrones provided
by Fontaine (2000, private communication).

added to the list (ω Cen, 47 Tuc, M15, and others). It was a significant triumph for both
stellar structure modeling and the observational calibration of the ZAMS and ZAHB
distance scales that these sequences appeared at the luminosity and color levels at which
they were expected for white dwarf masses of 0.5–0.6 M� (Figure 5).
For the lowest-temperature white dwarfs, the stellar atmospheres become cool enough

that H2 opacity dominates, and the flux is redistributed in such a way that the (V − I)
color indices become progressively bluer again as the stars become still fainter (Hansen
1999). For the old globular clusters, this white dwarf turnback point (WDTB) should
appear about three magnitudes fainter than the limits of currently published HST -based
CMDs (see Figure 4) and thus presents a formidable challenge for future photometry.
Nevertheless, globular clusters are old enough that the first white dwarfs produced in
them—12 Gyr ago or more—should have passed the WDTB point and now lie on the
lower branch of the cooling sequence. This final frontier of the CMD will provide an
intriguing test of the basic theory for white dwarfs that have evolved nearly to extinction.

1.3. The faint main sequence and the IMF
Stars that are just as faint as the white dwarfs, and equally interesting for a different set
of reasons, are those at the bottom end of the main sequence. In the pre-HST era, in-
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Figure 4. A portion of the field within M4 (Richer et al. 1995; from H. Richer and H. Bond,
NASA/ST ScI Press Release PR95-32) in which the white dwarf sequence was first identified.
Some of the more than 100 WDs found in this cluster are shown as the faint blue stars in the
circles; most of the other objects are main-sequence stars.

Figure 5. The white dwarf sequence in NGC 6752 (from Renzini et al. 1996), superimposed
on theoretical cooling curves for 0.5 and 0.6 M�.

vestigations of main sequence luminosity functions (LF) suggested that cluster-to-cluster
differences in the LF might exist, possibly correlated with cluster metallicity or Galacto-
centric location (e.g. Capaccioli et al. 1991, 1993; Djorgovski et al. 1993). However, these
studies were always limited by the inability of ground-based photometry to reach further
down the main sequence than ∼ 0.3 M�, or to survey all parts of the clusters including
their populous core regions. The conversion of the LF to the more fundamental initial
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Figure 6. WFPC2 photometry of the lower main sequence for NGC 6397, from King et al.
(1998). The top panels show the proper motion measurements for all stars in the field (at left),
then their division into cluster members (center) and field stars (right). The corresponding
color-magnitude arrays in (I, V − I) are shown below each panel, with numbers of stars in each
magnitude bin shown on the right border. The use of proper motion provides an extremely
effective filter against field contamination.

mass function (IMF), through an assumed mass-luminosity relation and modeling of the
dynamical history of the cluster, also left important uncertainties in the discussion.
This situation changed dramatically with the advent of HST . A variety of photometric

studies reaching absolute limits MI = 10 or more on the main sequence (e.g. von Hippel
et al. 1996; Ferraro et al. 1997a; DeMarchi & Paresce 1997, among many others) strongly
suggested that the LF in several clusters exhibited a consistent, sharp turndown near
MI � 9. Converting the LF into themass function and properly accounting for metallicity
meant that this turndown corresponded to a nearly uniform mass of 0.25 M� in all
clusters. Below this point, the IMF was nearly flat in number of stars per unit mass
interval. Still deeper data now available for a total of a dozen globular clusters (Paresce
& De Marchi 2000) confirm the uniformity of this turnover, and appear to put to rest
much of the earlier debate over strong cluster-to-cluster differences. Correlations with
extreme differences in Galactocentric distance, however, remain to be explored fully.
The deepest surveys of all—just as for the white dwarf sequence—have been performed

on the very nearby NGC 6397 (e.g. King et al. 1998; De Marchi et al. 2000). Using deep
WFPC2 images of cluster fields separated by a mere three-year baseline, King et al.
(1998) have employed proper motion measurements to separate out cluster members from
foreground and background field stars, tremendously reducing the field contamination
(Figure 6). With this remarkably clean CMD in hand, we can trace the faint end of
the main sequence usefully to a point not far above the hydrogen-burning limit: in the
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Figure 7. Various theoretical scenarios for the age distribution of globular clusters as a func-
tion of Galactocentric distance. (The age scale arbitrarily assumes the oldest clusters began at
τ � 14.5 Gyr.) See text for explanation. The datapoints in the lower left panel give schematic
recent results for some of the outer-halo clusters.

resulting mass function, the IMF stays nearly flat for 0.25 M� >
∼ M >

∼ 0.10 M� until at last
we see a strong hint of a turndown before the ultimate limits of the data at ∼ 0.09 M�.
For M <

∼ 0.1 M�, the luminosity and temperature of the star decline so steeply with
decreasing mass (compare again Fig. 4) that deeper measurements of the IMF in any
cluster will be extremely difficult to achieve. Nevertheless, the studies already in hand
represent a major accomplishment. They strongly suggest that the IMF for a “generic”
globular cluster can be rather simply represented by an approximate Salpeter MF for
M >

∼ 0.3 M� and a flat MF over 0.3–0.1 M�. Large amounts of mass in a near-invisible
substellar (brown-dwarf) component seem unlikely.

2. The age profile of the Galactic halo
A long-standing astrophysical issue has been to determine the ages of the globular

clusters and to relate them to the star-forming history of our Galaxy. Since they are found
at all galactocentric distances from the Galaxy’s inner bulge out to remote satellites at
100 kpc or more, the globular clusters provide the best chance we have to determine the
age distribution function τ for the Galactic halo.
In principle, τ could vary with Galactocentric location Rgc, metallicity [Fe/H], or other

factors; in the absence of data, there would be no shortage of theoretical possibilities for
the distribution of τ (Figure 7). Perhaps, as in the early picture of Eggen, Lynden-Bell,
& Sandage (1962; ELS) the Galactic halo built rather rapidly from the inside out in
a single major star-forming epoch (Fig. 7a). In the simplest versions of this model, we
would expect to see a narrow range of cluster ages and a tight correlation with Rgc.
Or, as in the opposite extreme of Searle & Zinn (1978; Fig. 7b), perhaps the entire halo
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was built piecemeal in a longer and more disconnected series of events involving star
formation in dwarf-galaxy-sized protogalactic clouds, which then amalgamated to form
the larger Galaxy; in that case, there might be a much larger range of cluster ages and
little correlation with Rgc. Tangible evidence that the halo has grown by accretion in this
way can be found in the Sagittarius dwarf now being tidally damaged (e.g. Ibata et al.
1995, 1997) and in the moving groups of halo stars that have been isolated in recent
surveys (Majewski et al. 1996; Majewski 1999). Hybrid combinations are, of course,
possible: one version mentioned frequently in the recent literature, beginning with Searle
& Zinn, postulates that the inner (Rgc

<
∼ R� � 8 kpc) halo could have formed rapidly as

in ELS but that the outer halo accreted or underwent star formation over progressively
longer times (Fig. 7c). Alternately, we could even imagine—based on the many examples
of merger events between disk galaxies that are going on today and could have been more
frequent in the past—that gas accretion into the Galactic bulge, with attendant star and
cluster formation, could have gone on for many Gyr and that the cluster age range in
the inner halo could be largest (Fig. 7d).
The expectations of these various schematic models are different enough that it should

be possible for the actual data to rule out at least some of them. In principle, the
observational task is straightforward: (a) obtain a CMD for each cluster which defines the
main sequence, turnoff region, giant branch, and horizontal branch precisely. (b) Measure
the cluster metallicity [Fe/H] and (if possible) the relative abundances of C,N,O, and
other key elements. (c) Decide on the cluster foreground reddening and (somehow) its
distance, perhaps through a calibration of the horizontal branch or RR Lyrae luminosity,
or through subdwarf parallaxes normalized to the metallicity of the cluster. Then, (d) fit
appropriately constructed model isochrones transformed to the observational plane, and
find the best-fit age.
Every step in this prescription has generated controversy and a lengthy history in the

literature. Furthermore, even the first step (which is where HST observations come in) is
fraught with problems of its own. In the distance regime Rgc

<
∼ 5 kpc, most of the target

clusters are strongly affected by differential reddening from dust clouds along the line of
sight in the Galactic disk, and contamination from Galactic bulge stars. Furthermore,
a large fraction of the field stars are at nearly the same metallicity, and nearly the
same distance, as the cluster stars. At the opposite extreme (∼ 40–120 kpc, out to the
remote limits of the halo), field contamination or differential reddening are unimportant,
but image crowding and sheer distance are important. The most secure zone is still the
intermediate halo (∼ 5–40 kpc) in which ground-based photometry from large telescopes
can provide good results.
The outermost halo has only a handful of clusters but can provide critical leverage on

the model interpretations. To date, deep main sequence photometry has been obtained
for four of these, all at Rgc ∼ 100 kpc (NGC 2419, Pal 3, 4, and Eridanus), with two
remaining ones (Pal 14, AM1) under study. The prominent results so far are that the
biggest and most metal-poor of these (NGC 2419; Harris et al. 1997) has the same age
to within ±0.5 Gyr as the comparison “template” low-metallicity cluster M92; while the
three sparse clusters (Pal 3, 4, Eri; Stetson et al. 1999) collectively are about 1.5–2 Gyr
younger than the template clusters M3 or M5 of similar metallicity. (In turn, M3 and
M5 might be slightly younger than the more metal-poor M92.)
The eventual goal of this process is of course to establish absolute cluster ages, but

the age scale depends on detailed concerns in the stellar models that continue to be de-
bated in the literature (e.g. Carretta et al. 2000; Chaboyer et al. 1996, 1998; VandenBerg
1999; VandenBerg et al. 1996, among many others), with best estimates for the oldest ,
most metal-poor clusters ranging from 12 to 14 Gyr. Instead, to make progress on un-
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Figure 8. Left panel: CMD match between the low-metallicity clusters M92 and NGC 2419
(Harris et al. 1997), displayed as mean points in V, (V − I). Both clusters appear to be the
same age to within 0.5 Gyr, under the assumption that their chemical compositions are similar.
Right panel: Parametric match (∆V,∆C) from Stetson et al. (1999) between M3 and M5 (solid
symbols) and Pal 3, 4, Eridanus (open symbols). For smaller ages, the magnitude difference ∆V
decreases while the color difference ∆C increases; the theoretical model line is marked in 2-Gyr
increments.

derstanding the shape of the age distribution τ (Rgc, [Fe/H]), attention has turned over
the past decade to measuring relative ages by matching CMDs of one cluster to another
(VandenBerg et al. 1990; Sarajedini & Demarque 1990). Two principal age indicators are
used: the magnitude difference ∆V (MSTO − HB) between the horizontal branch and
main sequence turnoff; and the color difference ∆C between the turnoff and the base of
the giant branch. Two ways to display these parameters are shown in Figure 8.
The clear indication from these studies, and others now in the literature which cover

the intermediate and outer halo, is that the lowest-metallicity clusters ([Fe/H] <
∼ −2) have

identical ages (to within the current limits of precision of about 0.5 Gyr) everywhere in
the halo. Thus, star formation began throughout the Galactic protohalo (or equivalently,
throughout all the fragmentary clouds that would eventually amalgamate) at almost
the same time. Comparing the metal-rich and metal-poor cluster ages is trickier, since
here we must rely on the absolute accuracy of the stellar models rather than differential
comparison, but the rather clear signal that has emerged from all the data over the past
decade is that the main system of halo clusters took about 2 Gyr to form. In addition, a
few small clusters (IC 4499, Pal 12, Rup 106, Ter 7, Arp 2) have been found with ages as
much as 5 Gyr below than the average of the main system (Stetson et al. 1989; Buonanno
et al. 1994; Ferraro et al. 1995; Rosenberg et al. 1998).
It remains to ask what has developed for the Galactic bulge clusters. The most com-

monly used metal-rich template, 47 Tucanae, has an age ∼ 12–14 Gyr (depending on the
details of the adopted composition and stellar models) which is not obviously different
from the outer clusters (e.g. Hesser et al. 1987; Santiago et al. 1996). But many of the
clusters much further in to the Galactic center have significantly different metallicities,
structures, orbital characteristics, etc. and it is not at all clear that they would neces-
sarily have the same ages too. An analysis of NGC 6352 (a Herculean effort by Fullton
et al. 1995 with the original WF/PC camera) yielded a close match to 47 Tuc to within
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perhaps 1 Gyr. A WPFC2 analysis of NGC 6528 and 6553, both inner bulge clusters,
showed that these too were classically “old” and “... strongly support the notion of fast
formation and chemical enrichment of the bulge” (Ortolani et al. 1995). More recently,
it has been suggested that some other bulge objects (such as Terzan 1; see Ortolani
et al. 1999) might indeed be younger by something near 2 Gyr. All of these studies have
been severely hampered by the obstacles of differential reddening and field contamination
mentioned above, and it is likely that no age comparisons more precise than ±2 Gyr at
best have yet been possible there. An alternate approach would be to do the photometry
in the near infrared, which would greatly alleviate the crushing handicap of differential
reddening and thus enable the definition of precise main sequences. However, a compen-
sating loss is that the isochrones in JHK are not as sensitive to age differences as they
are in optical color indices.
These clusters, embedded deep in the starfields of the Galactic bulge and lurking behind

the dust clouds scattered through the disk, have stubbornly resisted four decades’ worth
of attempts to determine precise ages. But without them, the full story for the early star
formation history of the Galaxy remains untold in its entirety.

3. Core structures and stellar populations
Another of the original high expectations for HST was to resolve the stellar populations

of globular clusters in their innermost cores, which had been seen in only the sketchiest
terms through ground-based imaging. Keen interest accompanied the discovery in the
late 1980s of clusters in a wide range of dynamically evolved states, including many that
had experienced core collapse and strong mass segregation, and the cameras aboard HST
afforded the first clear and comprehensive view of these objects (see again Fig. 1a).
The single cluster which has been subjected to the most intensive scrutiny is unques-

tionably M15, which is relatively nearby, populous, old, metal-poor, and core-collapsed.
A series of HST -based photometric studies following on from pioneering ground-based
programs have shown that the power-law rise in surface density that is characteristic of
post-core-collapsed (PCC) clusters continues inward in M15 to the smallest radii yet ob-
servable (e.g. Yanny et al. 1994; Guhathakurta et al. 1996; and references cited). At the
distance of M15, this innermost radial zone at r ∼ 0.′′3 is equivalent to about 33,000 AU,
or the size of the Oort cloud (Figure 9).
A long-standing question has been whether or not such clusters might contain some

central massive object (such as a single black hole, or a cluster of neutron stars). Further
information can be obtained through the stellar radial velocities, and any radial trends
of the velocity dispersion profile or mean rotation speed. Results obtained with adaptive
optics at the CFHT (Gebhardt et al. 2000) show that an isotropic velocity dispersion
model with (M/L)V = 1.7 matches the core velocities acceptably, but the effect of a
central condensed mass such as a black hole (if any) would only show up definitively
at radii r <

∼ 2′′. Interestingly, the stars in the inner 3.′′4 (1.7 pc) show a net rotation
v(rot) = 10 km s−1, and all the data combined are consistent with “... a central mass
concentration equal to 2500 M�.” A STIS program by van der Marel et al. (2000) now
in progress will add more data interior to this radius and should be able to detect any
central pointlike mass larger than ∼ 1000 M�.
Although the new data on core structures were eagerly, and correctly, anticipated,

unexpected results lay in store for the stellar populations . One of the first results from
a BV imaging survey of cluster centers showed, to everyone’s surprise, that there were
metal-rich clusters with strong blue horizontal-branch components (NGC 6388, 6441;
Rich et al. 1997; also see Buonanno et al. 1997). These high-Te HB stars are presum-
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Figure 9. Upper panel : Projected radial density profile for M15, from Guhathakurta et al.
(1996). The power-law rise of the core density continues inward to the smallest observed radius,
equivalent to r = 33, 000 AU. Lower panel : Velocity dispersion profile for M15 from high res-
olution ground-based measurements, from Gebhardt et al. (2000). The five model curves show
the expected trend for isotropic models containing a central black hole of (from lowest curve
upward) 0, 500, 1000, 2000, and 6000 M�.

ably ones in which almost all the surface hydrogen envelope has been removed, leaving
only a low-mass surface envelope above the helium-burning core. Such stars are almost
completely absent in the outskirts of the same clusters, but are found in large numbers
within the dense core-collapsed centers. In other metal-rich clusters with less dense cores
(47 Tuc, NGC 5927) they are not to be found. What has happened to drive extra mass
loss or envelope stripping from the giants in these unusually dense environments?
The compact cores of many clusters have also turned out to be preferred habitats for

other types of unusual stars mixed in with their more normal neighbors. Binary stars
should be much more common in the cluster cores, since they are expected to form
through dynamical evolution and core contraction (e.g. Hut et al. 1992), and it came
as no surprise that HST imaging programs have shown that core binary populations
do indeed follow the predicted trends (see, e.g. the results of Edmonds et al. 1996 for
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Figure 10. Color-magnitude diagrams for the extended blue horizontal branches of seven clus-
ters, from Piotto et al. (1999). Metal-poor clusters are in the top row, while more metal-rich
ones are in the bottom row. Arrows mark distinctive gaps in the EBHB sequence. In all seven,
a gap appears at a temperature corresponding to 0.535 M�.

47 Tuc). However, the extreme blue HB (EBHB) stars mentioned above have now been
found routinely in many low-metallicity clusters as well (e.g. Sosin et al. 1997; Ferraro
et al. 1998; Piotto et al. 1999), with the additional effect of clear ‘gaps’ at certain places
along the BHB sequence (all of them far hotter than the RR Lyrae region). The positions
of these features may be quite similar from cluster to cluster (Figure 10). Such gaps
were suspected in pre-HST work, but the much larger HB populations accessible from
the cluster cores have reinforced their identification. Contemporary BHB stellar models
indicate that one of these gaps falls consistently at a mass of 0.535 M� regardless of
metallicity. We still await convincing evolutionary interpretations of this puzzle.
Blue stragglers—which lie nearly along the main sequence above the cluster turnoff

point, and can be the result of either stellar collisions or amalgamation of close binaries—
were already well known types of cluster stars from ground-based photometry, but have
turned up in sometimes-astonishing numbers in the cores (e.g. Guhathakurta et al. 1998;
Ferraro et al. 1999). In the extreme case of M80, the number of blue stragglers is similar to
the number of HB stars in the core; the sheer size of the population, its lengthy extension
up the main sequence, and the high concentration of the M80 core suggest that stellar
collisions may be the dominant channel of formation there. When we go on to add the
presence of other core phenomena such as millisecond pulsars, novae, dwarf novae, and
other peculiar stars (Shara et al. 1996a,b; Edmonds et al. 1997; Gilliland et al. 1998;
Lyne 1995; Lyne et al. 1996; Robinson et al. 1995; Phinney 1993; Hut et al. 1992; and
references cited), it is clear that we still have much to learn about how stars in crowded
and dynamically evolved environments can strongly affect each other in individual detail.
Lastly, the cores of selected nearby clusters can be employed as the basis for surveys

and time-series studies of new kinds. In a recent Major Program, Gilliland et al. (2000)
are analyzing 636 sequenced exposures of 47 Tuc containing more than 30,000 stars. The
primary aim is to search for the eclipse signatures of Jovian planets around the lower
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main sequence stars, but their database will almost certainly yield a rich harvest of many
kinds of variables and eclipsing binaries.

4. Globular clusters in local group dwarf galaxies
Old star clusters are to be found in virtually all large galaxies. But exactly how old?

Are the ones in other galaxies to be considered near-twins of the classic Milky Way
halo clusters, or merely close cousins? The implications for galaxy formation studies are
obvious: did the small galaxies that are still isolated dwarfs today (as opposed to ones
that might have been absorbed at early times by larger protogalaxies) begin their own
star formation at the same epoch as did the larger galaxies?
Once again, HST imaging programs have completely transformed this subject, bringing

the stellar content of all Local Group galaxies clearly within reach. There are four satellite
galaxies (Sagittarius, Fornax, and the Magellanic Clouds) which have old globular clusters
and which are within <

∼ 200 kpc, close enough that rigorous differential age comparisons
can be made with the Milky Way clusters from main-sequence fitting. In both Sagittarius
and Fornax, a handful of clusters have each been identified as belonging to the small host
galaxy. All are “old” in a generic sense, but only some recent painstaking photometry
has been able to circumvent the combined problems of distance, heavy field crowding,
and contamination, to produce precise age measurements.
In Fornax, the CMDs (Buonanno et al. 1998, 1999) establish that all but one of its

clusters are identical in age with the low-metallicity template M92 to within a Gyr or
so. The remaining one (cluster 4) may be up to 3 Gyr younger. The total history of star
formation within Fornax is a much more extended one, with identifiable field stars as
young as < 0.5 Gyr and the majority of stars belonging to a few-Gyr population (e.g.
Buonanno et al. 1999; Saviane et al. 2000). The very old halo which the clusters represent
is thus only a small fraction of this tiny galaxy as a whole. A somewhat similar history
seems to have happened within Sagittarius (Ibata et al. 1995, 1997). Three clusters
(M54, Arp 2, Ter 8) are classically metal-poor and old at >

∼ 13 Gyr, while the fourth
(Ter 7, also the most metal-rich) is about 8 Gyr old; meanwhile, the stellar component of
Sagittarius is mostly near ∼ 10 Gyr but with traces extending down to less than 1 Gyr
(see Layden & Sarajedini 2000 for a complete discussion with references). In both Fornax
and Sagittarius, it is intriguing that very few field-halo stars seem to have remained from
the first early burst that created the old clusters, with most of the field-star formation
belonging to bursts a few Gyr later—yet it was only the first burst which formed massive
clusters.
The Large and Small Magellanic Clouds hold a rich variety of star clusters over all

ages and sizes, and we can do nothing more here than touch on results for the few oldest
ones. Differential CMD fitting of the oldest LMC clusters with the usual Milky Way
templates such as M92 and M3 has revealed several with clearly similar CMDs and ages
in the standard 12–14 Gyr range (see particularly Johnson et al. 1999 and Olsen et al.
1998; also Brocato et al. 1996; Mighell et al. 1996; and Bica et al. 1998). The SMC by
contrast may have no clusters quite this old; its most prominent candidate, NGC 121,
is a rich cluster with RR Lyraes but is probably 2 Gyr younger than Milky Way halo
clusters (Shara et al. 1998). Both the SMC and LMC have several massive clusters in
the age range of 5 to 10 Gyr, a regime not well represented at all in the Milky Way
and thus quite useful for comparisons of moderately metal-poor isochrone models (e.g.
Mighell et al. 1998; Sarajedini 1998).
A useful parametric comparison (Johnson et al. 1999; Olsen et al. 1998) in addition to

the CMD fitting is the standard graph of horizontal-branch morphology vs. metallicity
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Figure 11. Globular cluster metallicity [Fe/H] plotted against horizontal-branch type, from
Johnson et al. (1999). Clusters with red HBs are on the left side, blue HBs on the right. Old
LMC clusters are the symbols with error bars; the others are Milky Way clusters in the inner
halo (solid dots) or outer halo (open dots).

(Figure 11). Here again, close similarities hold between the LMC and Milky Way halo,
and are consistent with an interpretation which has the LMC beginning its first star-
forming period within a Gyr of the Milky Way and its other dwarf satellites (cf. the
papers cited above for more extensive discussion).
The analyses summarized above point to an evolutionary picture in which most or all

of the systems in and around the Milky Way began cluster formation almost simultane-
ously about 13 to 14 Gyr ago. The Milky Way and its satellites now occupy a region of
space ∼ 300 kpc across, though its comoving volume would have been much smaller at
those early times. Were those first star-forming events forcibly “synchronized” by local
events perhaps involving gas cloud collisions and shocks? Or is it much more natural to
assume that cluster formation within dwarf-sized gas clouds would simply have begun
everywhere in the universe not long after the epoch of recombination, so that they would
automatically be in step with one another to within a typical ∼ 1 Gyr scatter? If the
latter view is true, then the maximum age of our local globular clusters should indeed
place a very stringent limit on the true age of the universe.

5. M31 and beyond
More than half the classically old globular clusters in the Local Group reside in the

∼ 750−kpc distant M31, a significantly bigger galaxy than the Milky Way. From ground-
based indicators—luminosities, integrated colors and spectra, and even attempts at color-
magnitude diagrams—the M31 halo clusters by and large resemble our own. The defini-
tive tests of their stellar content and evolutionary history, however, lie in obtaining deep
CMDs. Even with HST , it has not been possible (yet!) to reach the unevolved main
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Figure 12. Left panel : WFPC2 Planetary Camera image of globular cluster C44 in the halo
of NGC 5128, from G. Harris et al. (1998). The box shown is 9′′ across. Right panel : Observed
color-magnitude diagram for N5128-C44. Out of more than 100,000 stars in the cluster, only � 40
are uncrowded enough and luminous enough for photometric measurement at HST resolution.
The four lines are standard giant-branch sequences for the Milky Way clusters M15, NGC 1851,
47 Tuc, and NGC 6553. C44 appears to be of moderately low metallicity.

sequences of these clusters, but photometry available so far (Rich et al. 1996; Fusi Pecci
et al. 1996; Holland et al. 1997) with limiting magnitudes MV ∼ +2 shows that their
giant-branch and horizontal-branch morphologies exhibit the “standard” (Milky Way)
correlation with metallicity and thus, presumably, age. Deeper and more precise pho-
tometry will be possible in the coming Cycles.
The third largest Local Group galaxy, M33, has perhaps two dozen halo clusters which

have been classified as conventionally “old” on the basis of integrated colors and spectra.
However, a first CMD reconnaissance of some of these with HST (Sarajedini et al. 1998)
reveals an intriguing range of RGB and HB morphologies suggestive of an age range as
large as 5 Gyr or more. The M33 halo seems to have been remarkably slow to get started,
particularly in comparison with the far smaller dwarf ellipticals.
As distance increases, information fades. The most remote cluster for which a direct

CMD has been obtained is one in the outer halo of the giant elliptical NGC 5128 (G. Har-
ris et al. 1998; see Figure 12). At its distance of 4 Mpc from the Milky Way, 99.95% of
this cluster’s stars are hopelessly crowded or too faint for individual measurement even
at the best HST camera resolution. However, the few dozen red giants that are measur-
able roughly delineate an RGB locus with normal characteristics. This study can best be
viewed as a trial run for much better things to come, but it gives the first direct , star-
by-star evidence that the halo clusters in a giant elliptical galaxy are at least roughly
similar to those in the very different Local Group members. In coming HST Cycles with
newer cameras, it should be possible to explore the NGC 5128 halo stars and clusters
down to the horizontal-branch level.

6. Young globular clusters: Starbursts and mergers
Sometimes the things right in front of us are the hardest to recognize for what they

are. Our own Galaxy presents such a clear-cut division between star clusters in the halo
(old, massive, mostly metal-poor) and the disk (young, small, and near-Solar metallicity)
that for decades it was conventional to think of them as fundamentally different objects.
The separate subfields that grew up around open clusters and globular clusters rarely
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Figure 13. Left panel : The 4-Myr-old cluster NGC 2403-II (Drissen et al. 1999): a “young
globular cluster.” Right panel : cluster Mayall II = G1, the brightest old-halo star cluster in M31
(from Fig. 1): an “ancient super star cluster.”

communicated with one another, and astronomers studying globular clusters connected
even less with those studying gaseous nebulae and star formation. Questions regarding
globular cluster formation tended to be addressed only through speculative theoretical
models which invoked special, early-universe conditions.
Today, little remains of that artificial and restrictive paradigm. One of the truly major

accomplishments of the HST imaging programs has been, at long last, to open up the
rich range of star cluster properties in all galaxies, and to expose our Milky-Way-based
prejudices for what they were. In the 3-space of cluster age τ , metallicity [Fe/H], and
mass M , it is possible to find clusters from some galaxy that occupy every corner of that
coordinate space.
Most astronomers in this field would now agree that it has become routinely easy to

identify objects which fully qualify as “young globular clusters”; that is, star clusters
in the mass range ∼ 104–106 M� which differ only in age from the familiar old-halo
globulars. The most obvious and best-studied example—in fact, the clear prototype for
such objects—is likely to be the central cluster R136 in the 30 Doradus complex. Although
this extraordinarily compact and luminous system has long been known, the spatial
resolution of HST was needed to demonstrate beyond doubt that it was indeed a young
star cluster. Its CMD (Hunter et al. 1995; Massey & Hunter 1998) reveals as many as ∼ 60
O3-type stars, the biggest of which may reach 120 M�. The cluster as a whole appears
to have a normal IMF at least down to 3 M�; accounting for fainter stars, it may have
a total mass ∼ 4 × 104 M�. In structure and size it easily qualifies as a small globular
cluster seen at an age of just 4 Myr (Hunter et al. 1996). The vastly larger 30 Doradus
gas complex surrounding R136 is highly ionized and stirred up by the outpouring energy
from this central engine. We see here a clear suggestion that a large reservoir of gas, a
tiny fraction of which gets compressed into a small volume a few parsecs across, is needed
to form a globular cluster. Only a small part of the total gas in the 30 Dor region has
gone into this single massive star cluster, though the whole complex also contains other
much smaller clusters (Walborn et al. 1999).
Within the Milky Way, a smaller analog may be found in NGC 3603, a similarly

young cluster of a few thousand M� still surrounded by the tangled nebula from which it
emerged (Brandner et al. 2000). Objects like R136 and NGC 3603, but even more massive,
were tentatively identified long ago from ground-based imaging of starburst galaxies such
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as NGC 1569, NGC 1705, or M82 (see O’Connell et al. 1994, 1995; De Marchi et al.
1997 for HST data). The term “super star clusters” was coined to refer to these young
objects (van den Bergh 1971), though the connection with witnessing the actual process
of globular cluster formation (an obvious one, with the usual benefit of hindsight) was
not firmly made till much later. It now seems plain that globular clusters and super
star clusters are one and the same (Figure 13), and that if we want to understand how
globular clusters formed, a highly informative approach is to scrutinize the gas clouds
within which massive clusters are forming today.
The HST cameras have made it possible to investigate these intriguing objects in

considerable detail, and to reveal many more sites where ultra-recent star and cluster
formation is happening on large scales. Such events are taking place not only in small
starburst irregulars, but in many other circumstances where large amounts of gas have
been collected together and compressed into >

∼ 108 M�-sized GMCs. They appear in very
gas-rich single disk galaxies such as NGC 2403 (Drissen et al. 1999); disk/disk mergers
such as NGC 3256 (Zepf et al. 1999) and the exhaustively studied Antennae (Whitmore
et al. 1999; see also Whitmore’s review in this volume); or giant ellipticals within which
massive HI gas infall is taking place, such as the Perseus cD NGC 1275 (Holtzman et al.
1992; Carlson et al. 1998).
With amazing rapidity, examples have been found which penetrate close to the ultimate

age limit τ → 0. For example, in the starburst dwarf NGC 5253, Calzetti et al. (1997)
isolated half a dozen young globulars likely to be all less than 10 Myr old; the youngest,
in the centermost starburst region, may be ∼ 1 Myr old and is apparently still heavily
shrouded in dust and ionized gas (Turner et al. 2000). This object, which the authors
claim to hold several thousand O stars, may still be in transition from its “protoglobular”
gaseous state. A similar situation is found in another starburst dwarf NGC 2366 (Drissen
et al. 2000), where at least one cluster (N2363-A) may be <

∼ 1 Myr old. It is natural to
speculate that active dwarf galaxies like this might closely resemble the protogalactic
fragments (≡ supergiant molecular clouds) out of which larger galaxies are postulated to
have assembled (Searle & Zinn 1978; Harris & Pudritz 1994).
This rewarding lode of new data has been directly responsible for stimulating new and

more empirically based models for cluster formation (e.g. McLaughlin & Pudritz 1996;
Elmegreen & Efremov 1997). Much has been found out about the luminosity distribution
of young clusters, which follows a rough power-law form n(L)dL ∼ L−αdL strongly
resembling the mass spectrum of giant molecular clouds (Harris & Pudritz 1994). The
exponent α is near 2 independent of environment, but may progressively steepen from
∼ 1.7 at low masses to >

∼ 2.3 at the high-mass end (see Whitmore et al. 1999). Both
the mean value of α and its gradual steepening can be understood quantitatively within
a model framework whereby protocluster gas clouds build up by collisional accretion
(McLaughlin & Pudritz 1996). However, much remains to be understood about the later
evolution of the mass distribution function due to progressive dynamical destruction of
clusters at various masses, and the effects of mergers and accretion of satellites (see, e.g.
Zhang & Fall 1999; Murali & Weinberg 1997; Gnedin & Ostriker 1997; Vesperini 1998;
Vesperini & Heggie 1997; Côté et al. 2000 for more extensive discussion of these issues).

7. Giant ellipticals: Another direction for galaxy archaeology
Even the most thorough analyses of the Milky Way and other Local Group galaxies do

not exhaust what there is to learn about the classic old-halo star clusters. Vastly more
populous globular cluster systems reside in giant E galaxies; and their clusters display
a surprising range of characteristics far beyond what we see in disk galaxies or dwarfs
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Figure 14. The metallicity distribution functions for two cD galaxies, M87 in Virgo (dashed
line, from Kundu et al. 1999), and NGC 4874 in Coma (solid line, from Harris et al. 2000). M87
has the classic bimodal form discovered in many large spirals and ellipticals, while puzzlingly
NGC 4874 is missing the metal-richer component.

(for extensive reviews, see Harris 1991, 1999, 2000; Ashman & Zepf 1998). But almost
all gEs are at distances which make them a stiff challenge for ground-based photometry
or spectroscopy.
While the ground-based 8- and 10-meter-class telescopes have enabled a new round of

spectroscopic studies of globular cluster systems (radial velocities, chemical compositions,
dynamics), HST has exerted deep influences once again through its imaging capabilities.
Any shortlist of highlights would surely include the following:
(a) Two extremely deep photometric studies of the Virgo giant M87 (Whitmore et al.

1995; Kundu et al. 1999) showed definitively that the luminosity function of its globu-
lar cluster system (GCLF) has the same log-normal form (number of clusters per unit
magnitude) expected from classic studies of the Local Group members. Coupled with
considerable previous evidence that the bright end of the GCLF (i.e. above the turnover
point at MV � −7.5) is very much the same in all large galaxies, this work added much
weight to the view that the GCLF is a near-universal phenomenon.
(b) Many ellipticals in the Virgo/Fornax distance regime and slightly beyond have now

been imaged deeply enough to construct populous and nearly contamination-free samples
of globular clusters. The metallicity distribution function (MDF), another informative
relic of the galaxy’s early history, can be assembled from the two-color photometry (to
this stage, usually (V − I) from WFPC2). Notably comprehensive and precise studies
of M87 and NGC 4472 in Virgo have been published (Puzia et al. 1999; Kundu et al.
1999), while statistical analyses of many more E and S0 galaxies have been carried out by
Neilsen & Tsvetanov (1999), Gerhard & Kissler-Patig (1999), and Kundu & Whitmore
(1999). These galaxies differ surprisingly in the form of their MDFs, but half or more
show distinct bimodality indicative of two major stages of cluster formation (Figure 14).
These studies have helped fuel a highly active and progressive debate on the relative
merits of in situ formation, satellite accretion, or major mergers (e.g. Côté et al. 2000;
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Forbes et al. 1997; Harris et al. 1998, 2000; Schweizer et al. 1996; Zepf et al. 1999; Sharples
et al. 1998, among many others).
(c) For the first time, the globular cluster systems in the 100-Mpc-distant Coma clus-

ter have come within easy reach—an important step since Coma represents a much richer
and denser environment of galaxies than anything at closer distances, and thus probably
also a different evolutionary history. A series of studies of the Coma giants (Baum et al.
1995, 1997; Woodworth & Harris 2000; Kavelaars et al. 2000; Harris et al. 2000) is begin-
ning to reveal combinations of characteristics that were not seen in any previous cases.
The GCLFs in these Coma ellipticals have been studied down to their turnover points,
allowing them to be used for distance determination and a new estimate of the Hubble
constant (Kavelaars et al. 2000). Under the restricted assumption that the GCLFs in
giant ellipticals are similar everywhere (and in particular, between Virgo and Coma), the
current results suggest H0 = 69±9, a result highly consistent with recent determinations
through several other standard candles.

8. What lies ahead?
From our vantage point well into the HST era, some old questions are still on the table,

and many new ones have been put there. Some of these may find answers as soon as the
next Cycle of HST programs is underway, or as far downstream as the era of NGST:
• What does the faintest part of the white dwarf cooling sequence look like, and how

will it help us constrain both white dwarf physics and cluster ages?
• What are the interactive processes which produce the many anomalous types of stars

residing in the central regions of core-collapsed clusters?
• What is the “missing” stellar physics which governs mass loss and the mass distri-

bution for cluster stars in the giant and horizontal-branch stages?
• Do any globular clusters have central black holes? If so, how did they arise? What

other types of objects reside in the innermost centers of core-collapsed clusters?
• What kinds of planets reside around globular cluster stars, especially in low-metallicity

clusters?
• What are the ages of the Galactic bulge clusters?
• Typically 1% of the gas in a star-forming GMC finds its way into a few condensed

star clusters. What governs this mass fraction? Does it differ strongly under different
conditions? How does a protocluster cloud make the transition into a bound star cluster
over the space of ∼ 1 Myr? How does this depend on mass and composition?
• Is the mass distribution function at formation a near-universal phenomenon for

globular clusters, regardless of host galaxy type?
• What drives the perplexing range of metallicity distributions and specific frequencies

in giant E galaxies? Can we “read” these quantities to deduce what fraction of such a
galaxy was assembled from satellite accretions or gas-rich mergers?
It is not hard to predict that globular clusters will continue to provide superb labora-

tories for stellar physics, as well as testbeds for modeling the early evolution of galaxies.
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Ultraviolet absorption line studies of the
Galactic interstellar medium with the

Goddard High Resolution Spectrograph

By BLAIR D. SAVAGE
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The high spectral resolution and high signal to noise capabilities of the Goddard High Resolution
Spectrograph (GHRS) have permitted very accurate measurements of the gas phase abundances
and physical conditions in interstellar clouds found in the Galactic disk and low halo and of the
matter in several Galactic high velocity clouds. The interstellar gas phase abundances provide
important clues about the composition of dust grain mantles and cores, and about the origins
of intermediate and high velocity gas in the Galactic disk and halo. The processes that circulate
gas from the disk into the low halo do not destroy dust grain cores. The gas in Complex C in
the direction of Mrk 290 has a metallicity of 0.089± 0.024 solar, which implies the accretion of
low metallicity gas by the Milky Way at a rate per unit area sufficient to solve the long standing
Galactic G-dwarf problem. GHRS studies of interstellar Si IV, C IV, and N V absorption toward
stars and AGNs have yielded measures of the 3 to 5 kpc extension of hot gas into the halo of
the Milky Way. The GHRS results coupled with new measurements from the Far-Ultraviolet
Spectroscopic Explorer (FUSE ) satellite of O VI absorption by hot halo gas permit a study
of the physical conditions in the hot Galactic Corona originally envisioned by Lyman Spitzer
in his classic 1956 paper “On a Possible Interstellar Galactic Corona.” The Space Telescope
Imaging Spectrograph (STIS) with its high resolution and high multiplexing efficiency promises
to provide the UV spectroscopic observations required to extend the studies begun with the
GHRS into denser and more distant regions of the Galactic ISM.

1. Introduction
The high resolution ultraviolet spectrographs aboard the Hubble Space Telescope (HST )

have allowed astronomers to make significant progress in obtaining accurate informa-
tion about elemental abundances and physical conditions in the Galactic interstellar
medium (ISM). This is because most atoms and molecules have their resonance absorp-
tion lines (originating from the ground state) in the ultraviolet at wavelengths below the
atmospheric cutoff near 3000 Å. Therefore, studies of the cool, warm, and hot phases of
the ISM greatly benefit from access to spectroscopic facilities on orbiting observatories
such as the HST . Before the launch of the HST , most UV absorption line observations of
the ISM were either from the Copernicus satellite which operated from 1972 to 1980 or
from the International Ultraviolet Explorer (IUE ) satellite which operated from 1978 to
1996. Both satellites provided important information on abundances and physical con-
ditions in interstellar clouds (see Spitzer & Jenkins 1975; Jenkins 1987; de Boer, Jura &
Shull 1987) but lacked the spectral resolution for detailed studies of individual interstel-
lar clouds and lacked the very faint object capability for probing gas in the outermost
regions of the Milky Way or in very dense interstellar clouds.

In this presentation of selected examples of scientific results from the HST based on
high resolution UV absorption line observations, I have chosen to emphasize:

(a) High precision measures of elemental abundances in diffuse interstellar clouds in
the Galactic disk and halo.
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(b) The implications of elemental gas phase abundance studies for the composition of
dust grain cores.

(c) The gas phase abundances in Galactic high velocity clouds.
(d) Studies of the distribution and properties of hot interstellar gas extending away

from the Galactic plane into the halo.
Because of space limitations there are many interesting topics in UV interstellar absorp-

tion line spectroscopy I was unable to discuss. For example, HST has provided important
information about the distribution, kinematics and ionization state of gas in the Local
ISM (for a review see Linsky & Wood 1998), while properties of the small scale structure
of the ISM have been probed by Lauroesch et al. (1998). The ionization conditions and
the presence of dust in the warm ionized medium have been studied by Howk & Savage
(1999). HST ISM studies have also yielded important information about isotopic abun-
dances. Studies of D/H in the LISM are important for an ultimate understanding the
effects of astration following the production of D in the big bang (see Linksy et al. 1995).
Measures of the isotopes of C and O in CO have provided insights about interstellar
molecular fractionation ( see Lambert et al. 1994).

Several general reviews of HST ISM absorption line results in the literature include
Cardelli (1994), Savage & Sembach (1996a), Sembach (1998), and Meyer (1999). A recent
discussion of the implications of HST abundance studies for the nature of interstellar
dust and the intrinsic composition of the ISM is found in Mathis (1999).

2. Diagnostic power of ultraviolet absorption line spectroscopy
Optical absorption line observations of interstellar gas from ground based telescopes are

limited to several molecules and ions from elements of relatively low cosmic abundance.
In contrast, Table 1 provides a list of the very large number of atomic and molecular
species detected with the HST through absorption line studies extending over the 1150
to 3200 Å region. The UV window allows the study of absorption by abundant atoms
such as C, N, O, Mg, Si, and Fe in a number of ionization states, including those found in
cool neutral gas (C I, C II, N I, O I, etc.) and those found in the hot interstellar medium
(C IV and N V). Observations of adjacent ionization states such as: C I-II; Mg I-II; Si I-
II-III-IV; S I-II-III; and P I-II-III are valuable for determining physical and ionization
conditions in the ISM.

Studies of rare isotopes (i.e. D) and elements of low cosmic abundance (B, Ga, Ge,
As, Se, Kr, Pb, Sn, Te, Tl, and Pb) are possible at UV wavelengths. Understanding the
gas phase abundances of these species offers the possibility of gaining information about
primordial nucleosynthesis and subsequent abstration processes (Linsky et al. 1995) and
about the enrichment of the interstellar gas with heavy elements created through slow
and rapid neutron capture processes (Cardelli et al. 1993).

The UV also enables sensitive searches for a number of interstellar molecules that pro-
vide information about interstellar chemical processes. Examples of molecules with lines
in the accessible to the HST include: CO, CO+, C2, CN+, CS, CH2, N2, NO, NO+, OH,
H2O, MgH+, SiO, and HCl. Molecules detected with the HST are listed at the bottom
of Table 1. Studies of abundant molecules such as CO are valuable in probing interstellar
isotopic abundances, the role of chemical fractionation, and differences in photodestruc-
tion rates. The electronic transitions for the most abundant interstellar molecule, H2 (in
the ground v′′ = 0 vibration level), occur at wavelengths λ < 1110 Å which are inacces-
sible to the HST . However, the Far Ultraviolet Spectroscopic Explorer (FUSE ) satellite
is now providing information about interstellar H2 on a regular basis (Shull et al. 2000).
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Atomsa Zb IP(eV)c IP(eV)c

(1150 < λ < 3200 Å) (I to II) (II to III)

H I 1 13.60 ...
D I 1 13.60 ...
B II 5 8.30 25.15
C I, C I*, C I**, C II, C II*, C IV 6 11.26 24.38
N I, N V 7 14.53 29.60
O I, O I* 8 13.62 35.12
Mg I, Mg II 12 7.65 15.04
Al II, Al III 13 5.99 18.83
Si I, Si II, Si II*, Si III, Si IV 14 8.15 16.35
P I, P II, P III 15 10.49 19.73
S I, S II, S III 16 10.36 23.33
Cl I 17 12.97 23.81
Cr II 24 6.77 16.50
Mn II 25 7.44 15.64
Fe II 26 7.87 16.18
Co II 27 7.86 17.06
Ni II 28 7.64 18.17
Cu II 29 7.73 20.29
Zn II 30 9.39 17.96
Ga II 31 6.00 20.51
Ge II 32 7.90 15.93
As II 33 9.81 18.63
Se II 34 9.75 21.19
Kr I 36 14.00 24.36
Sn II 50 7.34 14.63
Tl II 81 6.11 20.43
Pb II 82 7.42 15.03

Molecules

H2(v = 3), OH, 12CO, 13CO, C17O, C18O, C2, HCl
a The dominant ions found in neutral hydrogen regions are boldfaced. Very little
ionizing radiation with E > 13.6 eV exists in H I regions and the dominant ions
are determined by whether the first ionization potential IP(I to II) is less than or
greater than 13.6 eV. An exception is chlorine for which Cl I often is the dominant
ion in regions containing H I and H2 because exchange reactions involving H2 are
responsible for establishing the ionization equilibrium.
b Atomic number.
c First and second ionization potentials in eV from Moore (1970) are listed.

Table 1. Species detected in the ISM with the GHRS

3. Goddard High Resolution Spectrograph and the Space Telescope
Imaging Spectrograph

The GHRS was the primary first generation instrument aboard the HST for absorption
line studies of the Galactic interstellar gas at UV wavelengths from 1150 to 3200 Å
(Brandt et al. 1994; Heap et al. 1995). The GHRS contained first order diffraction gratings
for low (λ/∆λ ≈ 2000; ∆v = 150 km s−1) and intermediate resolution (λ/∆λ ≈ 20, 000;
∆v = 15 km s−1) spectroscopy and an echelle grating (in combination with two cross-
dispersers) for high resolution spectroscopy (λ/∆λ ≈ 85, 000; ∆v = 3.5 km s−1).

The GHRS 512 channel Digicon detectors were capable of very high signal-to-noise
spectroscopy. The combination of high resolution and high signal-to-noise permitted
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searches for elements with low cosmic abundances and studies of very weak interstel-
lar features, which are important for accurate abundance measurements.

The windows and photocathodes of the GHRS Digicon detectors introduced low ampli-
tude fixed pattern noise. However, this structure could be removed reliably by obtaining
multiple spectra with different detector alignments and solving for the noise pattern
in the resulting data (Fitzpatrick & Spitzer 1994; Cardelli & Ebbets 1994). Through
this process, Meyer et al. (1994) and Lambert et al. (1994) have obtained spectra with
signal-to-noise ratios as large as 1200.

The Space Telescope Imaging Spectrograph (STIS) was installed into HST in 1997
February during the second HST servicing mission (Woodgate et al. 1998; Kimble et al.
1998). STIS was designed to replace and extend the spectroscopic capabilities of the
GHRS and the Faint Object Spectrograph (FOS) which were removed during the mis-
sion. With its large format two-dimensional array detectors STIS provides a very large
spectroscopic multiplexing advantage over the GHRS and FOS. Operating in its medium
and high-resolution echelle modes, the STIS yields spectra with 20–35 times greater
simultaneous wavelength coverage than in the corresponding GHRS modes. The STIS
also has produced UV spectra with spectral resolutions approximately twice that of the
GHRS. With a low dark count rate over the 1150 to 1800 Å spectral region and a demon-
strated capability to produce high S/N spectra, STIS is an outstanding instrument for
UV interstellar absorption line studies of Galactic and extragalactic sources. However,
only few papers relating to absorption line spectroscopy of the Galactic ISM have so far
appeared in the refereed literature (Walborn et al. 1998; Jenkins et al. 1998; Howk et al.
2000). This is undoubtedly the result of the approximately two year period during which
observations with the Near-Infrared Camera and Multiobject Spectrometer (NICMOS)
were given preference over those involving other HST instruments. An added complica-
tion is created by the tremendous spectroscopic multiplex advantage of STIS compared
to the earlier spectrographs. The scientific information content of the STIS intermedi-
ate and high resolution spectra is enormous. Therefore, detailed ISM sight line analysis
projects represent a major analysis and interpretative challenge. Since very few STIS ISM
absorption line papers have appeared in the referred literature, most of the discussions
to follow cover the ISM scientific results from the GHRS.

4. Abundance notation system
We adopt an notation system where N(X) refers to the total column density (atoms

cm−2) of species X in a H I region. N(X) will usually be reliably approximated by either
N(X I) or N(X II) depending on whether the ionization potential of the neutral atom is
greater or less than 13.6 eV. For hydrogen, N(H) = N(H I) + 2N(H2), where N(H2) = Σ
N(H2)J ≈ N(H2)0+ N(H2)1, since most of the molecular hydrogen in interstellar space
is in two lowest (J = 0 or 1) rotational levels in diffuse clouds (Savage et al. 1977).

The gas-phase abundance of species X with respect to hydrogen is given by (X/H)g =
N(X)/N(H), where the subscript “g” refers to gas. The normalized gas-phase abundance
with respect to cosmic abundances is (X/H)g/(X/H)c, where the subscript “c” refers to
cosmic. We adopt the standard logarithmic notation system used in stellar astrophysics,
[X/H] = log(X/H)g–log(X/H)c.

In the ISM literature the linear depletion δ(X) of species X is defined as δ(X) =
(X/H)g/(X/H)c, and the logarithmic depletion D(X) of species X is D(X) = [X/H]. The
linear and logarithmic depletions are the linear and logarithmic gas-phase abundances
of a species referenced to cosmic or solar abundances. If δ(X) = 1.0 element X has an
interstellar gas-phase abundance equal to its cosmic abundance. An element is said to
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Figure 1. GHRS echelle mode spectrum of ζ Oph from 1235 to 1241 Å. The observed count
rate is plotted against heliocentric wavelength in Å. This 6 Å region of the UV spectrum reveals
interstellar absorption from Kr I λ1235.838, Ge II λ1237.059, and Mg II λλ1239.925, 1240.395.
The narrow ISM lines are easy to measure when observed against the smooth continuum of a
rapidly rotating hot star. The GHRS spectral resolution of 3.6 km−1 is adequate to resolve the
two velocity component structure seen in each of the interstellar lines of Mg II. An expanded
view of the Mg II and Kr I and Ge II absorption along with profiles for other species is shown
in Figure 2.

be depleted if δ(X) < 1.0. Lightly depleted elements have 0.3 < δ(X) < 1.0, while highly
depleted elements can have δ(X) as small as 0.001. Highly depleted elements have large
“depletion factors,” where the term depletion factor is 1/δ(X). It is often assumed that
the amount of a given species missing from the gas is contained in the interstellar dust.
Therefore, we also define a linear dust-phase abundance, (X/H)d = (X/H)c–(X/H)g. For
a highly depleted element [small (X/H)g] the dust-phase abundance is essentially equal
to the cosmic abundance, (X/H)c.

5. Gas phase abundances in diffuse clouds
Figures 1 and 2 provide examples of GHRS high resolution data illustrating the spec-

troscopic richness of the UV wavelength region and a few of the important capabilities
of the GHRS for elemental abundance studies in the ISM. Interstellar absorption line
observations are shown for the bright rapidly rotating O9.5 V star ζ Ophiuchi (l = 6.3o,
b = +23.6o, d = 140 pc, E(B-V) = 0.32). The line of sight to ζ Oph samples gas in
the local ISM, in a warm neutral cloud, in a relatively dense diffuse cloud, and in the
H II regions surrounding ζ Oph. Figure 1 displays the GHRS 500 channel Digicon spec-
trum covering the 1235 to 1241 Å region of the spectrum. The broad features are stellar
photospheric and wind absorption lines broadened by rotation and mass outflow. The
various narrow lines trace ions found in the diffuse clouds along the line of sight. In this
6 Å wavelength interval absorption lines of Kr I λ1235.838, Ge II λ1237.059, and Mg II
λλ1239.925, 1240.395 Å are recorded. All three ions are in the dominant ionization state
of each species in neutral hydrogen regions. In the case of the Mg II doublet lines, the
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absorption is strong enough to reveal the principal absorption cloud with a heliocen-
tric velocity of −15 km s−1 along with a weaker absorbing cloud at −27 km s−1. The
high resolution of the GHRS permits a study of the elemental abundances and physical
conditions in each cloud.

Figure 2 displays continuum normalized absorption line profiles for selected ISM ab-
sorption lines in the direction of ζ Oph plotted on a heliocentric velocity basis. The left
panel shows a set of weak lines of elements that are lightly depleted (N I, O I, Cu II),
moderately depleted (Mg II, Mn II), and highly depleted (Fe II, Ni II, Cr II). Note how
the warm neutral cloud component at −27 km s−1 becomes increasingly visible as the
gas phase abundance pattern changes and the warm and cool diffuse cloud line strengths
become more similar. This is the result of substantially different gas phase abundances
for the interior of the colder dense diffuse cloud compared to the warmer neutral medium
along the line of sight. The bottom right panel shows a similar case for two stronger
lines (Zn II and Fe II). The upper right panel shows a high S/N observation of the C II]
intersystem line at 2325.403 Å. This weak line is valuable for determining reliable column
densities of C in the ISM. The middle right panel shows several examples of weak line
detections of heavy (Z > 30) elements toward ζ Oph.

From observations like those shown in Figures 1 and 2 it has been possible to accurately
determine elemental gas phase abundances in cool diffuse clouds, in the warm neutral
medium, and in warm neutral clouds found in the halo. The two best studied lines of
sight are toward ζ Oph (see compilation of references in Savage & Sembach 1996a) and
µ Columbae (Howk, Savage & Fabian 1999; Brandt et al. 1999). The line of sight to the
O 9.5 V star µ col (l = 237.3o, b = −27.1o, d = 400 pc and E(B-V) = 0.02) mostly samples
gas in the lower density warm neutral medium that fills some of the space between the
denser diffuse clouds.

In Figure 3 we present the cool diffuse cloud abundance results for ζ Oph plotted in the
familiar form of gas-phase abundance versus condensation temperature. The GHRS data
(filled squares) are supplemented by Copernicus and ground-based observations (filled
circles) for a few elements. In the cool cloud C, N, O, S, Ar, Kr, and some heavy elements
have depletion factors of less than 3. P, Zn, and Ge have slightly larger depletion factors.
Ca, Ti, V, Cr, Fe, Co, and Ni have depletion factors in excess of 100. This is the most
complete set of elemental abundances available for any interstellar cloud. The depletion
pattern exhibited by this cloud (with elements having larger condensation temperatures
generally showing greater depletion factors) was first studied by Field (1974) who noted
that the abundance deficiencies generally correlate with the condensation temperatures
derived for particles condensing out of the gas-phase in cool stellar atmospheres.

Efforts to obtain reliable abundances for the abundant elements (C, N and O) in the
ISM have taken advantage of the fact that each of the dominant ionization states of these
elements has one or more relatively low oscillator strength (f-value) line in the wavelength
region accessible to the HST . For example, the lines of N I, O I, and C II illustrated
in Figure 2 are strong enough to be well detetected given the high S/N capabilities of
the HST spectrographs but weak enough to lie on or near the linear part of the curve
of growth thereby permitting very accurate measures of ISM column densities. Studies
of the gas phase abundances of C, N and O with the HST toward 10 to 15 stars have
recently been reviewed by Meyer (1999). The abundances of O are particularly interesting
since they suggest that the intrinsic ISM composition (gas + dust) may be ∼ 0.7 times
solar, a result that appears consistent with measures of current epoch abundances in B
stars which have recently formed from interstellar gas. Measures of the abundance of
interstellar N by the GHRS imply an ISM value of ∼ 0.8 times solar but uncertainties
in the solar N abundance and in the f-values for the UV lines limits the significance of
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Figure 2. Continuum normalized profiles for selected interstellar lines in the direction of ζ Oph.
The left panel shows a series of weak lines of elements that are lightly depleted (N I, O I, Cu II),
moderately depleted (Mg II, Mn II), and highly depleted (Fe II, Ni II, Cr II). The bottom right
panel shows two stronger lines for a lightly depleted (Zn II) and highly depleted species (Fe II).
The upper right panel shows a very high S/N observation of the important C II] intersystem line
at 2325.403 Å. This weak unsaturated line is valuable for determining reliable column densities
of C in the ISM. The middle right panel shows several examples of weak line detections of heavy
(Z > 30) elements toward ζ Oph. Note that the vertical scales in all panels are not identical
(this figure is from Savage & Sembach 1996a).
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Figure 3. Gas-phase abundance versus condensation temperature for the cool, diffuse interstel-
lar cloud toward ζ Oph. The condensation temperature is the temperature at which 50% of an
element is expected to be removed from the gas phase due to incorporation into particulate mat-
ter. GHRS data points referenced to solar abundances are shown as filled squares. Copernicus
and optical data points are indicated with filled circles. The error bars on all points represent
measurement errors only and do not account for f-value uncertainties. The 1σ errors in conden-
sation temperature (±20 K) and solar reference abundances combined with f-value uncertainties
(±0.04 dex) are shown in the lower left corner of the plot (this figure is from Savage & Sembach
1996a).

this result. Since N is not likely to be incorporated into interstellar dust, efforts to better
determine the solar N abundance and to improve the f-values of the UV lines are highly
desirable. Similarly, measures of Kr through the Kr I λ1235.838 line observed toward
10 stars by Cardelli & Meyer (1997) yield an ISM gas phase Kr abundance of 0.6 times
solar. Since it is a noble gas, Kr is not expected to be incorporated into interstellar dust.
Unfortunately this represents another case where uncertainites in the solar abundance of
Kr limit the significance of the result.

Several species yield ISM gas phase abundances close to solar. For the gas in the care-
fully studied warm neutral cloud toward µ Col, Howk et al. (1999) found solar gas phase
abundances for Zn, P, and S. Their study included an allowance for possible ionization
corrections when relating observations of Zn II, P II, and S II to H I. Similarly, observa-
tions of interstellar Sn II toward stars observed by Sofia, Meyer & Cardelli (1999) yields
[Sn/H] = +0.05 for nine lines of sight where the fractional abundance of H2 is < 0.1 and
where the dust depletion effects should be small. The Sn observations are suggestive of
s-process enrichment of the ISM by low-to-intermediate mass asymptotic branch stars
(Sofia et al. 1999).
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ISM gas phase abundances for the refractory elements are generally found to be higher
in the lower density warm neutral clouds than in the cold diffuse clouds such as that
toward ζ Oph. Measuring these abundance changes is important for understanding the
cycling of atoms from the solid phase to the gas phase in interstellar clouds as the result
of gas phase accretion processes and the destruction of grains in interstellar shocks. An
overview of these changes is found in the next section which emphasizes the behavior
when moving from clouds in the disk to clouds in the Galactic halo.

6. Changes in the gas phase abundances from disk clouds to halo
clouds

The interstellar species suitable for halo gas abundance studies accessible by the GHRS
over the wavelength region 1150 to 3200 Å are Mg II, Si II, Fe II, S II, Ni II, Cr II, Mn II,
and Zn II. These ions are the dominant ionization states in neutral hydrogen regions since
these elements have first ionization potentials < 13.6 eV and second ionization potentials
> 13.6 eV. We assume the ionization corrections are small. The value of N(H I) is from
the Lyman α absorption line, 21 cm emission measures, or estimated from N(Zn II)
assuming Zn is not depleted and Zn/H is given by the cosmic reference abundance. The
errors associated with these ionization assumptions are discussed by Sembach & Savage
(1996) and appear to be approximately 0.05 to 0.1 dex.

Although lines of O I, C II, and N I are also observable by the GHRS, the absorption
lines are either too strong and saturated or too weak and not easily detected in halo gas
clouds with N(H I) typically less than 2 × 1020 atoms cm−2.

An overall summary of elemental abundance results for clouds in the Galactic disk and
halo is provided in Figure 4 and Table 2. Figure 4 from Sembach & Savage (1996) shows
[X/Zn] for different interstellar paths as indicated by the legend on the figure. The paths
include: (1) the cool disk clouds in the direction of ζ Oph and ξ Per; (2) the warm disk
clouds toward HD 93521, µ Col, and ζ Oph; (3) the warm disk and warm halo clouds
toward HD 18100 and HD 167756; and (4) the warm halo clouds toward HD 116852,
HD 149881, HD 93521, µ Col, and the QSO 3C 273. Since Zn is generally undepleted in
the warm neutral gas, it is expected that [X/Zn] ∼[X/H]. The sources of these various
measurements are as follows: ζ Oph (Savage et al. 1992); ξ Per (Cardelli et al. 1991);
HD 93521 (Spitzer & Fitzpatrick 1993); µ Col (Sofia, Savage & Cardelli 1993); HD 18100
(Savage & Sembach 1996b); HD 167756 (Cardelli et al. 1995); HD 116852 (Sembach &
Savage 1996); HD 149881 (Spitzer & Fitzpatrick (1995); QSO 3C 273 (Savage et al. 1993).

The abundance trends illustrated in Figure 4 and summarized in Table 2 are infor-
mative. There is a general progression toward increasing gas phase abundances of the
depleted elements from the cool disk clouds, to the warm neutral gas of the disk, to the
warm neutral clouds of the halo. The variation in the gas phase abundances among the
different halo clouds is small. For example, the seven data points for [Fe/H] in the warm
halo cloud gas range from −0.58 to −0.69 dex (see Table 2). This small variation is quite
surprising since the various clouds studied span halo gas in the solar neighborhood, under
the Sagittarius spiral arm, and the Norma spiral arm. There evidently is no systematic
dependence of these gas phase halo abundances on Galactocentric distance from Rg ∼ 7
to ∼ 10 kpc.
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Over the period 1994 to 1999 the recommended f-values for the important Mg II UV
multiplet at 1239.925 and 1240.395 Å have changed considerably based on studies of Sofia
et al. (1994), Fitzpatrick (1997), Theodosiou & Federman (1999), and Sofia, Fabian, &
Howk (2000). The abundance results for Mg II plotted in Figure are based on the Sofia
et al. (1994) f-values of f(1239.925) = 12.5 × 10−4, and f(1240.395) = 6.25 × 10−4. The
most recent compilation of Morton (2000) adopts the f-values of Theodosiou & Federman
(1999) of f(1239.925) = 6.32 × 10−4 and f(1240.395) = 3.56 × 10−4. With the newer f-
values the Mg II gas phase abundances plotted in Figure 4 will increase by a factor of
approximately 1.87 or 0.27 dex. The gas phase abundance values given in Tables 2 and 3
include the effects of this 0.27 dex adjustment.

7. Implications for the composition of interstellar grain cores
The upper envelope of abundances for the halo clouds shown in Figure 4 implies that

the refractory elements are depleted (deficient) from the gas and there is very little
variation in the depletion level from cloud to cloud over widely separated regions of the
Galaxy (i.e. halo gas in the solar vicinity and under the Sagittarius and Norma spiral
arms).

The lack of abundance variation coupled with the observed level of depletion supports
the idea that the grains in halo clouds have been eroded down to grain cores which are
difficult to destroy. The processes that move gas from the disk to the halo apparently are
not violent enough to completely destroy the dust (Sembach & Savage 1996).

We explore the composition of these grain cores in Table 3 where we list values of
106(X/H)c, 106(X/H)g, and 106(X/H)d where c, g, and d represent cosmic, gas, and
dust, respectively. In the case of Mg the listed values include a correction for the 0.27 dex
revision in the Mg II weak line f-values discussed earlier. The dust phase abundance of
a particular element is obtained by assuming 106(X/H)d = 106(X/H)c–106(X/H)g. The
assumption of cosmic (current epoch) disk abundances is probably valid if the gas of the
low halo actually is supplied from the disk through a process that circulates the matter
on a relatively short time scale (<∼ 109 years). For the cosmic abundance we use solar
system meteoric abundances from Anders & Grevesse (1989). To explore the possibility
the Sun is overabundant by about 0.2 dex compared to current epoch Population I
abundances we list in the footnote to the table the effect of reducing the solar system
reference abundances by 0.2 dex for all the elements.

Assuming solar abundances are the valid reference abundances, the numbers in Table 3
imply that ∼ 45, 44, and 78% of the Mg, Si, and Fe in the halo clouds reside in dust
grains. Since these are the most abundant heavy elements (other than C, N and O for
which we have no information for halo cloud gas or dust), it is of interest to investigate
the implication of this particular mixture of elements for the composition of the dust
grain cores. The existence of silicate grains is well established in the ISM of the Galactic
disk from the 9.7 and 18 µm SiO stretch and bend features observed along high extinction
sight lines (Roche & Aitken 1985) with strengths that imply that most of the Si must
exist in grains (Draine & Lee 1984). It is believed these silicate grains may be in the form
of (Mg, Fe)SiO3 and/or (Mg, Fe)2SiO4 which are pyroxenes and olivines, respectively. For
pure pyroxenes the expected value of (Mg+Fe)/Si is 1.0. For pure olivines the expected
value is 2.0. From Table 3 we see the observed value of (Mg+Fe)/Si is (17+25)/16 = 2.6
for solar reference abundances and (3+13)/2.9 = 5.5 for reference abundances 0.2 dex
smaller than solar (see the notes to Table 3). In either case the value of the ratio is
substantially larger than the expected range from 1.0 to 2.0 for pure silicate grains. In
addition to being present in silicates, the Mg and Fe in these halo clouds must exist
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Figure 4. A comparison of gas phase abundances in clouds found in the Galactic disk and
halo. [X/Zn] = log(X/Zn) – log(X/Zn)O is plotted for S, Si, Mg, Mn, Cr, Fe and Ni. Since Zn
is normally only slightly depleted in the warm gas of the ISM [X/Zn] should be ∼[X/H]. The
legend identifies each sight line. Note the trend of increasing gas phase abundances in going from
cool disk clouds, to warm disk clouds, and to warm halo clouds. The variation in the gas phase
abundances for the warm halo clouds is remarkably small given that the sight lines sample a
number of directions in the solar vicinity and includes gas in the halo under the Sagittarius and
Norma spiral arms The abundance results shown here are summarized in Table 2 (this figure is
from Sembach & Savage 1996).

in some other type of dust grain core. Likely possibilites include various oxides such
as MgO, Fe2O3, and Fe3O4 (Nuth & Hecht 1990; Fadeyev 1988) and pure Fe grains.
However, since Fe grains are so easy to destroy, the presence of Mg and Fe in oxides
seems more likely.

8. Gas phase abundances in high velocity clouds
The high velocity clouds (HVCs) of the Milky Way are clouds detected in 21 cm H I

emission with |vLSR| > 100 km s−1 whose radial velocity is inconsistent with Galactic
rotation. The properties of HVCs are reviewed by Wakker & van Woerden (1997). The
origin of the HVCs is poorly understood but it is clear that abundance and distance mea-
surements are crucial for understanding the role the HVCs play in Galactic phenomena.
We discuss the HVCs as a topic separate from that of gas in the low galactic halo since
it appears that many of the HVCs are quite distant. For example, the HVC known as
the Magellanic Stream which is a ∼ 180o by 20o band of H I emission extending from
the Magellanic Clouds to the south Galactic pole and beyond is almost certainly asso-
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Mg Si Fe S Ni Cr Mn
106(X/H)c 38 36 32 19 1.8 0.48 0.34
106(X/H)g 21a 20 7.4 17 0.26 0.15 0.083
106(X/H)d

b 17 16 25 2.0 1.5 0.33 0.26
a The abundance of Mg has been adjusted to reflect the revison in the f-
values for the important Mg II 1239.925 and 1240.29 Å doublet adopted
by Morton (2000).
b We assume (X/H)d = (X/H)c – (X/H)g. For the cosmic reference
abundance, we assume meteoritic abundances from Anders & Grevesse
(1989). If the true current epoch reference abundances are 0.2 dex smaller
for all the elements, the seven values of 106(X/H)d from left to right
become: 3, 2.9, 13, 0.0, 0.87, 0.15, 0.13.

Table 3. Gas and dust phase abundances for halo clouds

ciated with the Magellanic clouds and therefore represents phenomena occurring in the
outermost regions of the Milky Way.

The HST has been extremely important in providing the first reliable information
about abundances in the HVCs. For recent reviews see Savage & Sembach (1996a) and
Wakker & van Woerden (1997). The highest quality data for abundances in HVCs are
for the paths to NGC 3783 (l = 287.5o, b = 23.0o) and Mrk 290 (l = 91.5o, b = 47.9o).
The path to NGC 3783 likely samples Magellanic Stream gas (see below) while the path
to Mrk 290 samples gas in HVC Complex C.

For NGC 3783, Lu et al. (1994, 1998) detected the HVC at +240 km s−1 in the
absorption lines of S II, Si II, and Fe II. This HVC is cataloged as HVC 287.5+22.5+240.
Sulfur is the most valuable element for deriving an abundance for this HVC since the
observed lines of S II are not saturated and sulfur is not readily depleted onto interstellar
dust. Furthermore, with an ionization potential of 23 eV, S II is expected to be the
dominant state of ionization in the HVC, which has N(H I) = 8.0 × 1019 cm−2 based on
Australia Telescope Compact Array interferometer observations obtained at an angular
resolution of 1′ (Wakker et al. 1999b). The observed Si II line is saturated and only
provides a lower limit to the abundance of Si in the HVC. However, the S II and Fe II
observations are of high quality and yield S II/H I = 0.25±0.07 time solar and Fe II/H I =
0.033 ± 0.006 times solar. Lu et al. (1998) showed that for this particular HVC with its
large value of N(H I), it is unlikely that the S II and Fe II abundances obtained above are
subjected to large ionization corrections. Therefore the observed value of N(S II)/N(Fe II)
implies that S/Fe in the HVC is 7.6 ± 2.2 times higher than the solar value and S/H is
0.25 ± 0.07 time the solar value. Supersolar S/Fe ratios are often found in Galactic
ISM clouds because S is essentially unaffected by the presence of dust and Fe is easily
incorporated into dust. The HVC in the direction of NGC 3783 therefore likely contains
dust and has an intrinsic metallicity (as measured by S/H) of 0.25±0.07 times solar. The
metallicity level and the amount of Fe depletion are very similar to those found in the
interstellar gas of the Magellanic Clouds. These similiarities coupled with the position
of the HVC on the sky suggested to Lu et al. (1998) that the HVC originated from the
Magellanic Clouds. In particular it appears that HVC 287.5+22.5+240 may represent
gas in the “leading arm” that was predictied in tidal models of the Magellanic Stream
by Gardiner & Noguchi (1996). The metallicity in this particular HVC appears to be too
high to be consistent with the Blitz et al. (1999) model which suggests that many of the
HVCs represent gas left over from the formation of the Local Group.
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Mrk 290 lies in the direction of Complex C which is a large HVC spanning ∼ 20 by
120 degrees on the sky and moving toward the Sun at ∼ 150 km s−1. S II absorption in the
direction of Mrk 290 was observed with the GHRS by Wakker et al. (1999a). Combining
those observations with Westerbork Synthesis Radio Telescope measures of N(H I) at a
angular resolution of 1′ and Hα emission observations using the Wisconsin Hα Mapper
(WHAM) at 1o resolution, they conclude that S/H in Complex C is 0.089 ± 0.024 times
the solar value. Only a lower limit (5 kpc) to the distance of Complex C is available which
implies the structure is at least 3 kpc above the Galactic plane. The mass of Complex C
is estimated to be 6.2 × 106(D/10 kpc)2 M� where M� is the solar mass and D is the
distance to Complex C. The associated mass inflow rate per unit area is estimated to be
0.002–0.004(D/10 kpc)−1 M� yr1 kpc−2. To solve the long standing G-dwarf problem,
models of Galactic chemical evolution require an inflow of gas with 0.1 solar abundances
at a current rate of approximately 0.004 M� yr−1 kpc−2 over the entire Galaxy. The
G-dwarf problem refers to the observational fact that the metallicities of most long-lived
stars near the sun lie in a relatively narrow range. To explain this result the models of
Galactic chemical evolution have required the continuous inflow of of low metallicity gas
to dilute the enrichment arising from the production of heavy elements in stars. Up until
now there has been no direct evidence for such an inflow. However, if the inflow of low
metallicity gas similar to that found in Complex C is a common phenomena over the
Milky Way, it would appear that the G-dwarf problem may have been solved.

9. The extension of highly ionized gas into the Milky Way halo
The HST has been an important facility for studying the hot gas in the ISM as

traced by the highly ionized atoms Si IV, C IV and N V. If these ions are created under
conditions of collisional ionization equilibrium in a hot gas, they peak in abundance at
temperatures of approximately (0.8, 1.0 , and 2.0) ×105 K, respectively. However, in the
case of Si IV and C IV which can be produced by photons more energetic than 33 and
47 eV it is possible that photoionization may also be responsible for some of these species
found in the ISM. The possibility that hot gas might extend away from the plane of the
Galaxy in a hot halo was first proposed by Spitzer (1956) in his classic paper “On a
Possible Interstellar Galactic Corona.” His paper noted the existence of cool clouds in
the low halo of the galaxy detected in optical absorption line measurements of required
the pressure support that might be provided by a hot unseen phase of the gas. Spitzer’s
paper contained the theoretical prediction of the hot phase of the interstellar gas and
included discussions of the ionization, heating, cooling, and kinematical processes likely
affecting the gas. Spitzer proposed several ways the gas might be detected. An insightful
quote from his paper is: “The ultimate lines of N V and C IV, at about 1240 and 1550 Å,
respectively, might be observable. It would appear in principle an interstellar corona
could be detected and analyzed by means of spectroscopic measures from an satellite.”
Observations with the HST , the observatory Lyman Spitzer helped create, have yielded
fundamental information about Spitzer’s Galactic Corona.

Two methods have been used to estimate the density distribution of highly ionized gas
away from the Galactic plane. In one method N(X) sin |b| is compared to |z| for many
sight lines and the scale height of the gas is estimated by finding the value of |z| where
N(X) sin |b| ceases to increase beyond an amount allowable by a simple gas distribution,
such as an exponential layer. In the other method, individual absorption line profiles are
assumed to be influenced by the effects of Galactic rotation and an estimate of the scale
height of the gas follows from an analysis of the line profile shape given assumptions
about the nature of the Galactic rotation curve at large |z|.
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Figure 5. Estimates of the distribution of highly ionized gas away from the galactic plane are
obtained from plots of projected column density, N(ion)sin |b|, versus vertical distance, |z|, to
stars and objects beyond the galaxy. (a) N sin |b| versus |z| for H I. The solid line indicates the
best fit curve through the data for a simple exponential density distribution with vertical scale
height h and mid-plane density no. The fits allowed by the 1σ errors in the values of no and h
are shown as dashed lines. The model allows for the irregular distribution of the absorbing gas.
(b) Same as (a), except for Si IV. (c) Same as (a), except for C IV. (d) same as (a) except for
N V (this figure is from Savage et al. 1997).

Values of N(ion) sin |b| versus |z| are shown for H I, Si IV, C IV, and N V in Figure 5
for a group of stars and extragalactic objects observed by IUE and the HST (see Savage
et al. 1997). The major improvement in the evaluation of the |z| distribution of the gas
from these measurements over earlier estimates of the scale heights of the high ions is
the significant increase in the number of quality measurements for C IV and N V along
extragalactic sight lines provided by the GHRS. For all four species shown in Figure 4
there is a clear increase of N(ion) sin |b| with increasing |z|. However, the values of N(ion)
sin |b| for Si IV, C IV and N V continue to increase to larger |z| than those for H I,
indicating that the high ions are considerably more extended than H I.

To estimate the stratification of H I, Si IV, C IV, and N V away from the Galactic
plane for the observations shown in Figure 5, we assume the gas distribution in the
|z|-direction is described by a simple exponential layer that is intrinsically patchy or
inhomogeneous. The logarithmic uncertainty of each measurement is assumed to have
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two uncertainties that add in quadrature; one is from the observational uncertainty, σo,
and the other is from the intrinsic patchiness of the interstellar gas, σp. The model
parameters, which include the exponential scale height (h) and the mid-plane density
(no), are determined by minimizing the χ2 of the fit of the model to the data. The value
of σp is adjusted during the fitting process to produce an acceptable reduced χ2 of 1.0.
The resulting best fit curves shown in Figure 5 imply scale heights for the highly ionized
gas of h(Si IV) = 5.1± 0.7 kpc, h(C IV) = 4.4± 0.6 kpc, and h(N V) = 3.3± 0.5 kpc. In
contrast the neutral gas has h(H I) = 0.39 ± 0.03 kpc. In the case of N V, a somewhat
larger and more uncertain result is obtained, h(N V) = 3.9 ± 1.4 kpc, whcn properly
allowing for the fact that a number of the N V column density measurements are simply
upper limits.

A determination of the scale heights for the ions of Si IV and C IV from a rotational
analysis of the line profiles assuming co-rotation of disk and halo gas yields results roughly
consistent with that obtained from the N sin |b| versus |z| analyis method shown in
Figure 5. However at this time the rotational analysis has only been applied to a relatively
small number of extragalactic sources.

The study of highly ionized gas in Spitzer’s Galactic Corona will be greatly acceler-
ated now that the Far Ultraviolet Spectroscopic Explorer (FUSE) satellite is routinely
producing 20 km s−1 resolution spectra of AGNs and Galactic stars in the wavelength
region from 912 to 1187 Å (Moos et al. 2000). This region of the spectrum contains the
extremely important doublet absorption lines of O VI at 1031.926 and 1037.617 Å. With
the large abundance of oxygen and the high ionization potential for the conversion of
O V to O VI of 113 eV, O VI represents the best tracer of hot interstellar gas available
to astronomy. Interestingly, the first FUSE results relating to the Galactic Corona imply
an O VI Galactic scale height of h(O VI) = 2.7 ± 0.4 kpc based on FUSE observation
of 11 AGNs (Savage et al. 2000). The smaller scale height of O VI than C IV appears
to be supported by an observed factor of ∼ 4 increase in the C IV to O VI column
density ratios obtained toward objects in the disk of the Galaxy compared to the halo.
Several possible explanations for these scale height differences are discussed by Savage
et al. (2000) and Spitzer (1996).

Much of the new information on elemental abundances and physical conditions in the
Galactic ISM discussed here was obtained by the GHRS on the HST . We thank the
many individuals who contributed to the construction and operation this observational
capability. BDS acknowledges support from NASA under grant NAG5-1852.
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HST ’s view of the center of the Milky Way
galaxy

By MARCIA J. R IEKE
Steward Observatory, University of Arizona, Tucson, AZ 85721

The Galactic Center has been the subject of a variety of HST observing programs, mainly since
the installation of NICMOS. The observational strengths of NICMOS lie with its sensitivity and
very stable point spread function which enables a variety of studies including sensitive searches
for variable sources and accurate colors across the 1 to 2.5 µm region. The emission line filters
in NICMOS enable studies of the interstellar medium and a search for [SiVI] emission as a
‘smoking gun’ for gas clouds near a black hole powered accretion disk.

1. Introduction
The center of the Milky Way is of course the closest galaxy nucleus and is a natural

area to choose to study in detail. The discovery of a peculiar radio source, SgrA*, and
the subsequent demonstration that it is a black hole has only heightened interest in the
center. Figure 1 shows a contour plot at 1.04 µm compared to a NICMOS image at
1.45 µm which clearly shows why the Galactic Center requires use of infrared instrument
like NICMOS with AV ∼ 30 while AK ∼ 3.3.
The Galactic Center has been studied with HST from the first observing cycle using

WFPC proposed in an era where the nature of many of the stars was not understood, and
the existence of a cluster in very close proximity to the black hole, SgrA*, was unknown.
these early observations were to have provided a long time baseline for computing proper
motions to be used in conjunction with NICMOS data taken much later—the WFPC
image in Figure 1 was produced by one of these programs.
Our current understanding of the Galactic Center leads to many reasons for observing

the Center with HST . The ability to study processes in the environment of a massive
black hole is a prime driver as is studying the nuclear stellar population. We can probe
the neighborhood of a massive black hole in detail to look for evidence indicating whether
the black hole modifies the stars or the interstellar medium. Ground based spectroscopy
(e.g. Haller et al. 1996, Blum et al. 1999, Krabbe et al. 1995) has revealed a number of
post-main sequence stars including both red and blue supergiants. However, it has been
difficult to pin down the age of this collection of stars. Using the ability of NICMOS
to measure colors accurately over the entire 1 to 2.5 µm offers the possibility of finding
the tip of the main sequence associated with the luminous post-main sequence stars and
hence the age of the stellar group. Other ground based studies have determined the mass
of the black hole, SgrA*, as 2.5×106 M� using kinematic data as well as proper motions.
NICMOS offers the ability to measure proper motions of fainter sources and over a wider
field than has been done from the ground. When these studies reach their full potential
with the revival of NICMOS with the installation of the cryocooler, much more will be
known about anisotropies in stellar orbits and similar issues.
Because of the stability of NICMOS both from a photometric standpoint and from the

standpoint of the point spread function, it is an ideal instrument for searching for variable
sources. SgrA* is an obvious candidate for such a study as is the stellar population
generally. Searching for any flux at all from SgrA* is another important goal which
benefits from the high strehl ratio and stability of the NICMOS point spread function.
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Figure 1. The contour plot on the left is from Liu et al. 1993 and was taken at 1.04 µm
with WFPC. The right hand panel shows a NICMOS image at 1.45 µm and illustrates how
devastating the effects of extinction are. The arrows connect the the same three stars.

Last, NICMOS is equipped with a variety of narrow band filters sensitive to emission
lines. The suite of available lines includes [FeII] at 1.644 µm, Pα at 1.875 µm, [SiVI]
at 1.965 µm and H2(1-0) at 2.122 µm. These lines are diagnostics for shocks as well as
the strength and temperature of the ionizing radiation field. The coronal line of silicon
is especially interesting as it has been detected in Seyfert galaxy nuclei and would be a
“smoking gun” for any accretion disk around SgrA*. Pα is also very important because
it is 30 times stronger than Brγ, the only other hydrogen line that has been observed
much at the Galactic Center. It plays the role that Hα does in extragalactic studies of
unobscured galactic nuclei.

2. Search for variability
The entire program of Galactic Center observations acquired so far with NICMOS

allows a range of time scales to be probed. Stolovy et al. 1999 used two orbits to look
for variations on minute scales that would be indicative of either orbital motions or
gravitational lensing of clumps in even a very small accretion disk. Stolovy et al. report
that no variability to a level of ∼ 0.5 µJy is seen in any position within a few arc secs of
SgrA* an scales of a minute to an hour.
Figure 2 shows four epochs of data spanning seven months (March 1998, July 1998,

September 1998, and October 1998) covering the central ∼ 5.5 arcsec of the center at
1.45 µm. A short dash indicates the location of a variable source on two of the epochs—
this source was very faint during July, 1998. The NICMOS data set is being studied
for variability on scales as long as 16 months (Leistra et al., in preparation) and reveal
what fraction of the population is variable on such time scales with amplitudes as small
as 0.5 µ Jy/pixel. The only time scale not well-studied by NICMOS is that of days,
precisely the scale on which the eclipsing variability of IRS16SW was detected by Ott
et al. 1999 with a period of 9.72 days. Of particular note in Figure 2 is the repeatability
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Figure 2. The four panels show ∼ 5.5 arcsec of the Galactic Center at 1.45 µm using camera 1
on NICMOS. A short dash is positioned to the right of a variable source which was particularly
faint in July, 1998.

of the appearance of the stellar cluster surrounding SgrA* located at the center of the
images.

3. Emission line imaging
As mentioned in the introduction, NICMOS is equipped with a variety of emission

line filters. Programs to study all the lines mentioned in the introduction were executed
with preliminary results on [FeII] and [SiVI] described in Stolovy et al. Since [SiVI]
requires higher excitation than can be provided by stars, not surprisingly it has only
been observed from Seyfert galaxy nuclei. The NICMOS imaging in this line sets an
upper limit of < 1.2 × 10−16 erg/sec/cm2 which translates to a luminosity of < 4.8 ×
1031 erg/sec. By comparison, the Circinus galaxy which harbors a black hole only slightly
more massive, 4× 106 M� than that at the Galactic Center has a detected [SiVI] flux of
1.45×10−13 erg/sec/cm2 or a dereddended luminosity of 2.6×1038 erg/sec. If the emission
from the Galactic Center were concentrated in a few pixels, it could suffer an additional
60 magnitudes of extinction as compared to that over the general Galactic Center region
and still be detectable in the NICMOS image. In fact, the Circinus emission comes from
an area ∼ 10 pc in size (Maiolino et al. 2000) so the allowed extra extinction is much less,
but nonetheless, no evidence is found for high temperature excitation by an accretion
disk.
Similarly, no Pα emission is seen which can be unambiguously associated with SgrA*

as illustrated in Figure 3. This image, taken with NICMOS camera 2 and covering the
central 19 arc sec, reveals several interesting structures with both extended Pα and Pα
associated with stars visible. The “mini-cavity” is seen to be a region cleared out by a
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Figure 3. The central 19 arcsec in a continuum-subtracted image in the light of Pα. An ‘X’
indicates the position of SgrA*. The image has been rotated so that north is up and east is to
the right.

star whose NICMOS colors and luminosity strongly suggest that it is a B supergiant. The
Pα emission has a morphology very similar to the 1.3 cm emission as displayed in Zhao
& Goss 1999. The Pα emission also exhibits some similarity to the 10 µm emission which
is produced by warm dust as seen in Cotera et al. 1999. A larger scale comparison of the
Pα emission with the radio emission is being prepared by Scoville and Stolovy (private
communication) which shows that the Pα is not strongly distorted by obscuration as
compared to the radio emission with a few stars (for example, IRS13) displaying Pα
emission from presumably circumstellar shells. The NICMOS data are the first time
that any transition outside of radio wavelengths could be studied with such high spatial
resolution over the entire central arc minute.

4. Flux from the black hole?
A long standing issue in Galactic Center research is the lack of emission from any

accretion disk surrounding SgrA*. This object which is the black hole based on its lack of
proper motion (Backer & Sramek 1999), and on its lying at the location of the large mass
concentration deduced from proper motions of surrounding stars (Ghez et al. 1998, Genzel
et al. 2000) which is in turn at the dynamical center of the Galaxy has until recently
only been detected at radio wavelengths. Its radio properties make a unique source in the
Galaxy because of its small size (Lo et al. 1999), polarization properties (Bower 2000),
high brightness temperature, non-thermal spectrum and variability (Wright & Backer
1993). Its luminosity is relatively low at only 30 L�. The recent report of a detection at
x-ray wavelengths at a lower than expected flux level using Chandra (Baganoff et al. 2000)
has only added to the mystery. Figure 4 adopted from Quataert & Narayan 1999 shows
how difficult it is to produce the observed radio flux without producing more emission at
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Figure 4. Two suites of ADAF models for SgrA* from Quataert & Narayan 1999 are shown
along with the NICMOS limit at 1.6 µm from Stolovy et al. 1999 shown as a diamond and the
Chandra detection by Baganoff et al. as quoted in Quataert & Gruzinov 2000 is shown as a bar.

shorter wavelengths than has been observed. Previous ground based observations using
various techniques to sharpen the image have been hampered in trying to set a near-
infrared flux limit for SgrA* because of the at least 100 times brighter sources lying less
than an arc second away whose PSF wings limit the flux level than can be probed and
because of the cluster of stars lying within 0.5′′ of SgrA* (Menten et al. 1997).
NICMOS offers the opportunity to probe to fainter flux levels. The first attempt to set

a limit on the flux of SgrA* using NICMOS is reported in Stolovy et al. 1999 at 1.6µm
resulted in a limit of 18 mJy as shown in Figure 4. This limit used only one epoch of the
NICMOS data with the best possible limit yet to come from a complete analysis of the
images taken periodically at 1.45 µm. A limit at least 3 times better than the 18 mJy
reported by Stolovy et al. seems possible. In any event, the near-infrared limits coupled
with the x-ray detection and the possible submillimeter polarization detection reported
by Aitken et al. 2000 are pushing the advection dominated accretion flow (ADAF) and
other models to explain the low flux from SgrA*.

5. Star formation at the Galactic Center
Abundant evidence for star formation right at the center has accumulated over the

past 20 years with the discovery of both red and blue post-main sequence stars. IRS7 is
a well known red supergiant with a progenitor mass of at least 20 M�. Other stars such
as some of the IRS16 objects are intrinsically blue with characteristics of Wolf-Rayet
stars or Luminous Blue Variables and have even higher masses and younger ages than
IRS7 (Najarro et al. 1997, Tamblyn et al. 1996). However, because all of these stars are
post-main sequence objects, accurate determination of the age of the luminous stellar
population has not been possible. The presence of likely AGB stars (Blum et al. 1999)
also suggests that several episodes of star formation have occurred. The classical method
of determining the age of a stellar cluster is to observe the location of the main sequence
turn off in an HR diagram which can be translated directly into the age. This method
requires accurate color or temperature information and luminosities. Because of the heavy
and somewhat variable extinction across the face of the Galactic Center, enough color
information both to deredden the stars and to assign spectral types is needed, and is the
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Figure 5. Color magnitude diagrams (not dereddened) for the 19′′ × 19′′ at the Center and
the same size field lying ∼ 90′′ away.

information that NICMOS can provide and which is unavailable from ground based data
at the needed shorter wavelengths.
The approximate colors and magnitudes of the main sequence tip stars can be es-

timated from the properties of the observed post-main sequence stars. An age of 5 to
10 million years implies that the tip of the main sequence has a spectral type between
O6 and B0. With an extinction at V of 30 magnitudes and a distance of 8 kpcs, such
stars will have magnitudes at 2.22 µm of 13 to 14. At 1.6 µm and at 1.1 µm they will
be 1.9 and 7.9 magnitudes fainter respectively. The faintness at 1.1 µm has made the
search for these stars very difficult from the ground. Figure 5 shows the observed color-
magnitude diagrams for the NICMOS observations of both the center and a parallel field
lying about 90′′ away from the center. Immediately apparent is the reduced luminosity
of the parallel field. Examination of the average colors in this field show that the average
extinction is the same as at the center so the stellar population must be fainter. This is
no surprise and has been known for a long time. It is also clear that the tip of the main
sequence has likely been observed at the center, but deeper images at 1.1 µm are needed
to make this result secure and to provide sufficiently accurate colors that the spectral
types and extinctions can be determined well enough. Use of the entire data set including
measurements at 1.1, 1.45, 1.6, 1.9, and 2.22 µm will need to be used.
Of particular interest are the colors of the stars closest to SgrA* first discovered by

Eckart et al. 1996. Table 1 lists the colors of some of these stars as well as two members
of the IRS16 complex. Note that F110M–F160W is similar to but redder than J–H while
F160W–F222M is close to H–K. Remarkably, the stars closest to SgrA* have colors at
least as blue as the IRS16 stars which are known to be very hot (Teff ∼ 30000◦). These
colors confirm on a star by star basis the spectroscopy of the combined light of these stars
in Eckart et al. 1999 and Figer et al. 2000. The luminosities of the these stars are in the
range expected for the tip of the main sequence, but to have many such stars clumped
together so close to the SgrA* location suggests that some other process such as stellar
collisions in the region of highest stellar densities may be operating (see Bailey & Davies
1999 for estimates of the rates).
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Name F110M–F160W F160W–F222M F222M

S2 6.43 ± .09 2.31 ± .14 13.66 ± .13
S8 6.32 ± .09 1.93 ± .20 14.81 ± .19
S5 6.36 ± .09 2.27 ± .10 14.20 ± .09
S11 7.08 ± .08 2.31 ± .09 13.53 ± .09

IRS16NE 6.46 ± .03 2.45 ± .02 8.85 ± .02
IRS16NW 6.30 ± .02 2.49 ± .04 10.20 ± .04

Table 1. Colors and magnitudes of stars near SgrA*

Figure 6. The Center at 2.2 µm with stars within 4′′ of SgrA* that do not appear in the
tabulation of sources in Genzel et al. 2000 marked with a ‘+.’ North is in the direction of the
upper right corner.

5.1. Construction of complete samples

Another important aspect of using NICMOS on the Galactic Center which derives from
the stability of its point spread function is the ability to construct complete samples
over wider areas than has been done from the ground. Figure 6 shows the center of the
NICMOS 2.2 µm image with stars marked within 4′′ of SgrA* if they do not appear in
the list compiled by Genzel et al. 2000. A remarkable number of even relatively bright
stars have not been previously tabulated. Sample completeness is crucial when searching
for evidence of a central cusp as has been illustrated in Alexander 1999. This is another
area where NICMOS should eventually provide a definitive answer about the existence
or lack of a stellar cusp around the black hole.
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5.2. Star formation in the vicinity of the Galactic Center

Figer et al. 1999 report NICMOS observations of two massive stellar clusters lying about
30 pc from the Center. These two clusters, the Arches and the Quintuplet, have ages
of only a few million years and total cluster masses of at least 6300 M�. These clusters
are easier to study than the Center itself because of fewer old stars from the bulge (or
the center of the disk) contaminating the data. Figer et al. show that the initial mass
function here may be flatter (weighted towards more massive stars) than elsewhere in
the galaxy. This is reminiscent of the stellar populations in starburst galaxies (e.g. Rieke
et al. 1993) and may be indicative of the population of the Center itself.

6. Summary of the NICMOS view of the Galactic Center
NICMOS subjected the Galactic Center region to a variety of observational tests. No

evidence for an accretion disk around SgrA* has been found either in emission line data
or in terms of variability. The emission line data do reveal streamers, bullets, and a
bubble cleared out by a B supergiant star. NICMOS is also providing hints that the stars
closest to SgrA* may be modified via collisions but this assertion needs further proof
including a NICMOS test of the existence or lack of a stellar cups that is needed if the
collision rate is to be significant. NICMOS data also support the presence of recent star
formation at the Center.
When NICMOS is revived with the installation of a cryocooler, some of these results

such as the F110M colors of the stars can be placed on a firmer footing. Having a longer
time baseline of data will enable searches for micro-lensing events and well as proper
motions over a larger area than can be done from the ground which will assist in tests
for velocity isotropy at the center.

The author thanks the NICMOS Team at Space Telescope Science Institute for en-
abling the observations presented here. Susan Stolovy and Nick Scoville are thanked for
sharing data in advance of publication. G. Rieke and T. Alexander are thanked for useful
conversations about the Galactic Center.
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Stellar populations in dwarf galaxies: A
review of the contribution of HST to our

understanding of the nearby universe

By ELINE TOLSTOY†
European Southern Observatory, Karl-Schwarzschild Strasse 2, Garching bei München,

Germany

This review aims to give an overview of the contribution of the Hubble Space Telescope to our
understanding of the detailed properties of Local Group dwarf galaxies and their older stellar
populations. The exquisite stable high spatial resolution combined with photometric accuracy of
images from the Hubble Space Telescope have allowed us to probe further back into the history
of star formation of a large variety of different galaxy types with widely differing star formation
properties. It has allowed us to extend our studies out to the edges of the Local Group and beyond
with greater accuracy than ever before. We have learned several important things about dwarf
galaxy evolution from these studies. Firstly we have found that no two galaxies have identical
star formation histories; some galaxies may superficially look the same today, but they have
invariably followed different paths to this point. Now that we have managed to probe deep into
the star formation history of dwarf irregular galaxies in the Local Group it is obvious that there
are a number of similarities with the global properties of dwarf elliptical/spheroidal type galaxies,
which were previously thought to be quite distinct. The elliptical/spheroidals tend to have one
or more discrete episodes of star formation through-out their history and dwarf irregulars are
characterized by quasi-continuous star-formation. The previous strong dichotomy between these
two classes has been weakened by these new results and may stem from the differences in the
environment in which these similar mass galaxies were born into or have inhabited for most of
their lives. The more detailed is our understanding of star formation processes and their effect on
galaxy evolution in the nearby Universe the better we will understand the results from studies
of the integrated light of galaxies in the high-redshift Universe.

1. Introduction
This review is a survey of the Hubble Space Telescope (HST ) studies of resolved stellar

populations of nearby galaxies that have determined accurate global star formation his-
tories going back several Gyr. The determination of such a detailed the star formation
history depends upon the ability to accurately photometer many Gyr old stars. This was
possible from ground based imaging for our nearest companions, the dwarf spheroidals,
and the Magellanic Clouds. HST , with it’s outstanding combination of lower sky bright-
ness, high resolution, and a stable and constant point spread function, has allowed us to
probe further out into the Local Group and even beyond this to look at a much more
diverse sample of galaxies than previously possible, and it has also allowed us renewed
insights into our nearest neighbors.
I am leaving out any discussion of the considerable body of literature on the HST

observations of the stellar populations of the Magellanic Clouds (e.g. Holtzman et al.
1999; Panagia et al. 2000) which technically do not count as dwarf galaxies (e.g. Tammann
1994; Binggeli 1994) but are often assumed to be so. Because these galaxies are so large
on the sky it is difficult for HST by itself to gain a perspective of the global star-formation

† Present address: UK Gemini Support Group, University of Oxford, Keble Road, Oxford,
UK; email: etolstoy@astro.ox.ac.uk
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properties, although attempts are being made (e.g. Smecker-Hane et al. 1999). There are
also numerous HST studies of stellar populations at the small scale of individual star
clusters and H II regions in the Clouds (e.g. Da Costa 1999; Massey 1999; Hunter 1999).
Studies of the stellar populations of the Magellanic Clouds could easily take up an entire
review, not to say a conference, in their own right. I have also neglected considerable
work on resolved stellar populations of dwarfs in the UV (e.g. Brown et al. 2000; Cole
et al. 1998), because the detailed connection to quantifying a star formation history is
unclear. This is also true of studies of star clusters around nearby dwarf galaxies (e.g.
Da Costa 1999; Hodge et al. 1999; Mighell, Sarajedini & French 1998).

1.1. Dwarf Galaxy types
Classification is a difficult and often emotive business, and I do not attempt to seriously
address this issue, except to make it easier for me to refer to the sample of galaxies in
the Local Group in broad terms, and with my particular interest in their star-forming
properties. So, bearing this caveat in mind let me introduce the four different classes of
dwarf galaxies that should cover anything out there:
Dwarf Irregular (dI) galaxies are arguably the most common type of galaxy in the

Universe (cf. Ellis 1997), they are not clustered around larger galaxies, but appear to have
a fairly random distribution through out the Local Group, and indeed in the Universe.
They are usually loosely structured late-type gas rich systems with varying levels of
star formation occurring in a haphazard manner across the galaxy. The velocity field of
the HI gas in these systems can be dominated by random motions rather than rotation
(e.g. Lo, Sargent & Young 1993, but see Skillman 1996), for the fainter dIs (e.g. Leo A;
vrot ∼ 5 km s−1), but for the more massive dIs (e.g. NGC 6822, Sextans A) solid body
rotation is clearly seen, with amplitudes of 30–40 km s−1.
Blue Compact Dwarf (BCD) galaxies are gas rich systems dominated by a region of

extremely active star formation, and resembling the massive HII regions which can be
found in larger galaxies. They are thought to be forming stars at a rate which they can
only maintain for a short period (e.g. Searle, Sargent & Bagnuolo 1973). This type of
galaxy may be a dI undergoing a period of particularly active star formation (e.g. Tolstoy
1998a). Within the Local Group, IC 10 is a fairly good approximation of what we expect
a BCD to look like (see van den Bergh 2000; Hunter et al.; in preparation), and perhaps
also IC 5152. The more distant BCDs could easily be embedded in larger low surface
brightness galaxies, which are easier to see within the Local Group. There are several,
classical, examples of BCDs just beyond the Local Group (e.g. NGC 1569 & VII Zw403).
Dwarf Elliptical (dE) galaxies are basically low luminosity Elliptical galaxies, with

smooth surface brightness distributions (e.g. Ferguson & Binggeli 1994). They are typi-
cally dominated by an old stellar population, but as Baade already noticed in 1951, they
are subject to the same extreme variations of stellar population as other dwarf galaxy
types. Baade (1951) found that the archetypal dEs NGC 185 and NGC 205 contain
B stars along with gas and dust. Recent detailed analysis suggests that several epochs of
star formation over long time scales are needed to explain the characteristics of dE stel-
lar populations (e.g. Ferguson & Binggeli 1994; Han et al. 1997). Most of the bright dEs
(MB < −16) appear to have nuclei, and there is some evidence that these are dynami-
cally separate super-massive star clusters (e.g. M 54 in Sagittarius, Ibata et al. 1994; and
NGC 205, Carter & Sadler 1990). dEs are strongly clustered with the largest galaxies,
and four of the five dEs in the Local Group are found in proximity to M 31.
Dwarf Spheroidal (dSph) galaxies are basically low-surface brightness, non-nucleated

dEs. Many argue that the dSph are merely the low luminosity tail of the dE galaxy class
(e.g. Ferguson & Binggeli 1994), and the fact that they are often clustered around bigger
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name type MV Σ0 mag Mtot Mtot/MHI [Fe/H]
arcsec−2 106 M� dex

Spiral galaxies:
M 31 Sb −21.2 10.8 2×106 0.002 +0.2
Milky Way Sbc −20.9: 106 0.004 0.
M 33 Sc −18.9 10.7 105 0.02 −0.2

Irregular galaxies:
NGC 3109 Irr −15.7 23.6±0.2 6550 0.11 −1.2± 0.2a

LMC Irr −18.1 20.7 6000 0.5 −0.7
SMC Irr −16.2 22.1 2000 0.25 −1.0

Dwarf Ellipticals:
M 32 dE2 −16.7 <11.5: 2120 <0.001 −1.1±0.2
NGC 205 dE5 −16.6 20.4±0.4 740 0.001 −0.8±0.1
NGC 185 dE3 −15.5 20.1±0.4 130 0.001 −1.2±0.15
NGC 147 dE4 −15.5 21.6±0.2 110 <0.001 −1.1±0.2
Sagittarius dE7 −13.4 25.4±0.3 500: <0.0001 −1.0±0.2

Dwarf Irregulars:
NGC 6822 dIrr −15.2 21.4±0.2 1640 0.08 −0.7± 0.2a

IC 10 Irr −15.7 22.1±0.4 1580 0.10 −0.7±0.15a

IC 1613 dIrr −14.7 22.8±0.3 795 0.07 −1.1±0.2a

IC 5152 dIrr −14.8 400 0.15 −0.6±0.2a

Sextans B dIrr −14.2 885 0.05 −1.1±0.3a

Sextans A dIrr −14.6 23.5±0.3 395 0.20 −1.4±0.2a

WLM dIrr −14.5 20.4±0.05 150 0.40 −1.1±0.2a

Phoenix dIrr/dE −10.1 33 0.006: −1.9±0.1
Pegasus dIrr −12.9 58 0.09 −1.0±0.14a

LGS 3 dIrr/dE −10.5 24.7±0.2 13 0.03 −1.8±0.3
Leo A dIrr −11.4 11 0.72 −1.6±0.15a

SagDIG dIrr −12.3 24.4±0.3 9.6 0.92 −1.5±0.3a

DDO 210 dIrr −10.0 23.0±0.3 5.4 0.35 −1.9±0.12
EGB 0427+63 dIrr −12.6 23.9±0.1 −1.4±0.1a

Dwarf Spheroidals:
Fornax dE3 −13.2 23.4±0.3 68 <0.001 −1.3±0.2
Ursa Minor dE5 −8.9 25.5±0.5 23 <0.002 −2.2±0.1
Draco dE3 −8.8 25.3±0.5 22 <0.001 −2.1±0.15
Leo I dE3 −11.9 22.4±0.3 22 <0.001 −1.5±0.4
Sextans dE4 −9.5 26.2±0.5 19 <0.001 −1.7±0.2
Carina dE4 −9.3 23.9±0.4 13 <0.001 −2.0±0.2
Sculptor dE −11.1 23.7±0.4 6 <0.004 −1.8±0.1
Antlia dE3 −10.8 24.3±0.2 12 0.08 −1.8±0.25
Tucana dE5 −9.6 25.1±0.06 −1.7±0.15
Cetus dE4 −10.1 25.1±0.1 −1.9±0.2
Leo II dE0 −9.6 24.0±0.3 10 <0.001 −1.9±0.1
And I dE0 −11.9 24.9±0.01 −1.5±0.2
And II dE3 −11.1 24.8±0.05 −1.5±0.3
And III dE6 −10.3 25.3±0.05 −2.0±0.2
And V dE3 −9.1 24.8±0.2 −1.6±0.2
And VI (Peg dSph) dE3 −11.3 24.3±0.05 −1.6±0.2
And VII (Cass dSph) dE3 −12.0 23.5±0.05 −1.4±0.3
a these values were converted from [O/H] measurements, assuming constant [Fe/O] = 0.

Table 1. The Local Group

galaxies such as our Galaxy, M 31, and perhaps also NGC 3109 tends to support this.
However it is also possible that at least a fraction of this class fit into a common evolu-
tionary scenario with dIs and BCDs, their past star-formation having been dominated by
bursts (e.g. Carina). There are a number of so called transition objects, such as Phoenix,
Antlia and LGS 3 which are hard to fit unambiguously into either the dE or dI class.
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They have very little or no present-day star formation, and yet they have associated HI
gas, so it seems a fair assumption that they will form stars again before too long, and
will then clearly belong to the dI class.

1.2. The properties of Local Group Galaxies
Our local neighborhood, the Local Group, is arguably as representative a piece of the
Universe as any (e.g. van den Bergh 2000). What we learn about the properties of star
formation and galaxy evolution here can justifiably be extrapolated to explain what we
see in the distant, early Universe. That which is on our doorstep provides us with the
chance to properly understand the dominant physical processes in great detail.
As with galaxy classification, there are different selection criteria which vary the num-

ber of dwarf and irregular galaxies included in a census of Local Group members. I have
chosen to follow dynamical arguments (e.g. Irwin 1998), which tends to allow a slightly
more distant limit to the distance from the center than van den Bergh (2000). There is
no straight forward boundary between the Local Group and the Sculptor, and many of
the galaxies in this region could “belong to either,” by dynamical arguments. Listed in
Table 1 are some basic properties of the galaxies I have assumed to be members of the
Local Group. For each galaxy there is listed the absolute V magnitude (MV ), the central
surface brightness in V (Σ0), the total mass (Mtot), and the fraction of this total in HI
gas, when I could find them. Also listed is an estimate of the mean metallicity of each
galaxy, given as [Fe/H], for the sake of uniformity. Where the metallicity was “converted”
from [O/H], this is noted. The rest of the values are predominantly based upon the color
of the red giant branch, and thus ought to be treated as lower limits. A lot of detail is
glossed over in presenting a uniform “metallicity” for a range of galaxy type, as here (cf.
Skillman 1998 for much more detail on this complex topic).
Most of the data in Table 1 came from Mateo (1998), which contains a very complete

collection of what is known about Local Group dwarf galaxies. Mateo also provides ex-
planations of the error bars, and where these data originally come from. The purpose
of Table 1 is largely illustrative and I would recommend anyone who would like to use
the values in this table to look them up in Mateo, and even better still in the original
references provided there. I also recommend the detailed descriptions of the individual
galaxies in van den Bergh (2000). The data for the more massive galaxies in the Local
Group: the Milky Way, M31, M33 and the LMC/SMC are extracted from various stan-
dard sources, and not meant to be definitive, merely to illustrate the scale sizes between
dwarf galaxies and their large neighbors in the Local Group.
The mass of the Local Group is dominated by three large spiral galaxies, namely our

Galaxy, M 31 and M 33. However, the largest population by number are the dwarf type
galaxies (see Table 1). The Local Group contains several examples of each class of dwarf
galaxy, as defined above. All dwarf galaxy types could plausibly come from the same type
of progenitor but for reasons of differences in initial dark matter content, or environment
or chance encounters with other galaxies follow different evolutionary paths which result
in the different present-day properties (e.g. Ferrara & Tolstoy 2000; Binggeli 1994; Davies
& Phillips 1988).
The total mass of a galaxy has a critical impact on the ability of that galaxy to form

stars. It determines how effectively gas can be compressed to increase the efficiency of
star formation and also how hard it is for supernova explosions to disrupt or even rid
the system of gas delaying or preventing future star formation (e.g. Mac Low & Ferrara
1999; De Young & Heckman 1994; Dekel & Silk 1986). The lowest mass dwarf galaxies
are often at the hairy edge of being able to retain their gas whilst forming stars, and
many clearly have lost the battle. For the lowest mass galaxies any small perturbation
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Figure 1. This is a WIYN 3.5m telescope image of the Pegasus dwarf taken in 0.′′6 seeing, from
Gallagher et al. (1998). This is a good example of a low surface brightness dI in the Local Group.
It shows the bright core where star formation is occurring, and the more extended dE-like main
body of the galaxy. The field of view shown here is 4.′8 × 6.′7 on a side, which corresponds to
1 × 1.5 kpc at the distance of Pegasus (760 kpc). The location of the WFPC2 pointing is also
shown.

can have a dramatic impact on the evolution of these systems, and it is this sensitivity
to initial conditions and random events which may explain some of the dispersion of the
values in Table 1 (see Ferrara & Tolstoy 2000).
One of the few obvious correlations between dwarf galaxy properties is that between ab-

solute magnitude (MV ) and global metallicity (e.g. Skillman, Kennicutt & Hodge 1989).
If a reasonably uniform mass to light (M/L) ratio can be assumed, then this can be
interpreted as a mass-metallicity relation. Those galaxies which fall significantly off the
relation (e.g. extreme BCDs) can be assumed, with very good reasons, to have a sig-
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nificantly different M/L. Indeed some scatter in the M/L of average galaxies might well
account for the scatter seen in the mass-metallicity relation (e.g. Ferrara & Tolstoy 2000).
A large uncertainty in proving or disproving this is the lack of reliable measurements of
total (or dynamical) masses of dwarf galaxies.
Basically, the global star-formation properties of a galaxy appear to be dominated

by the total mass. This may perhaps vary when galaxies interact and merge, but it is
difficult to disentangle the effects of merging two small galaxies to form a bigger one and
the temporary boost to the star formation rate from the merger. These two effects might
balance each other—because taken at face value the luminosity/mass-metallicity relation
seems to say that a galaxy knows how big it is from the earliest times. If a lot of dwarfs
were added together they would retain the global metallicity of the original pieces, whilst
increasing in luminosity. This simple arithmetic could also argue against merging having
a significant impact upon Local Group galaxies, at least in recent times.

2. Why study dwarf galaxies?
As demonstrated in Table 1 Local Group dwarf galaxies have a wide range of different

properties. They span a large mean metallicity range, down the lowest seen anywhere.
They also exhibit a range of gas fractions, and density, from no gas all the way to gas
dominated. They are also to be seen in a range of proximities to other systems of varying
mass. Thus a study of the dwarf galaxy members of the Local Group allows us to study
star formation over a large range of initial conditions. When the star formation properties
of the Local group galaxies are looked at together (e.g. Mateo 1998; Da Costa 1998; Grebel
1998), the only global statement that can be made with no fear of contradiction is that
no two are exactly alike.
The smaller dwarf galaxies effectively have a single-cell mode of global star formation,

which in principle ought to be more straight forward to comprehend than larger galaxies
where different star formation regions can apparently be unaware of each other or interfere
strongly with each other, or anything between these extremes. This, including spiral
density waves, bars, jets and other dynamical effects can create severe complications to
the straight forward interpretation of the relationship between gas and stars and star
formation. Although, as can be seen by the results presented in this review, even these
small galaxies are capable of a high degree of complexity, so “straight forward” is a very
relative statement.
Dwarf galaxies have the added benefit for HST observations, that they are small

enough, at the modest distances typical for Local Group members that a significant
fraction of the surface area of a dwarf can typically fit into the WFPC2 field of view (see
Figure 1).
The Local Group contains galaxies whose star formation histories should be typical

of galaxy group members, and thus of star formation throughout the Universe. It must
therefore include remnants of the epoch ∼ 5–8 Gyr before the present when actively star
forming galaxies produced the faint blue galaxy population seen at intermediate redshifts.
We can directly measure star formation histories of nearby galaxies back to the era of
faint blue galaxies with sufficiently deep and accurate imaging and using established
quantitative techniques for analyzing color-magnitude diagrams (e.g. Tosi et al. 1991;
Tolstoy 1996; Aparicio et al. 1996).
Consistent with the properties of faint blue galaxies in redshift surveys, dwarf galaxies

appear to have erratic star formation rates, and they can host bright, short lived bursts
of star formation which could make these currently dim and inconspicuous galaxies dom-
inate the luminosity of the Local Group for short periods of time. Because dwarfs are so
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Figure 2. Here are plotted theoretical isochrones (from Bertelli et al. 1994) for a single metal-
licity (Z = 0.001, or [Fe/H] = −1.3) and a range of ages, as marked in Gyr at the MSTOs to
illustrate the CMD features discussed in §3. Also plotted is the sensitivity limit that HST can
reach for all the galaxies in the Local Group with a modest investment of time.

numerous, it only requires each galaxy to burst once or twice in its life time before the
dwarfs in the Local group are effectively always visible in redshift surveys. This means
that these small galaxies could be dominating redshift surveys in the intermediate redshift
range (e.g. Lilly et al. 1996). The ubiquitous faint blue galaxies seen in deep imaging and
spectroscopic surveys at intermediate redshifts could be a population of dwarf galaxies.

3. Color-Magnitude Diagram analysis: How to study dwarf galaxies
The study of resolved stellar populations provides a powerful tool to follow galaxy

evolution consistently and directly in terms of physical parameters such as age (star
formation history), chemical composition and enrichment history, initial mass function
(IMF), environment, and dynamical history of the system. Photometry of individual
stars in at least two filters and the interpretation of Color-Magnitude Diagram (CMD)
morphology gives the least ambiguous and most accurate information about variations
in star formation within a galaxy back to the oldest stars (see Figure 2). Some of the
physical parameters that affect a CMD are strongly correlated, such as metallicity and
age, since successive generations of star formation may be progressively enriched in the
heavier elements. Careful, detailed CMD analysis is a proven, uniquely powerful approach
(e.g. Tosi et al 1991; Tolstoy & Saha 1996; Aparicio et al. 1996; Mighell 1997; Dohm-
Palmer et al. 1997, 1998; Gallagher et al. 1998; Tolstoy et al. 1998; Tolstoy 1998a) that
benefits enormously from the high spatial resolution of HST .
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3.1. Useful features in a Color-Magnitude diagram
Stellar evolution theory provides a number of clear predictions, based on relatively well
understood physics, of features expected in CMDs for different age and metallicity stellar
populations. There are a number of clear indicators of varying star formation rates at
different times which can be combined to obtain a very accurate picture of the entire star
formation history of a galaxy (see Figures 2 and 3). Here I provide a brief description of
each of the separate indicators, in order of preference. The indicators are thus presented
in an order which broadly represents the ease with which age and metallicity information
can be extracted.

3.1.1. Main Sequence Turnoffs (MSTOs)
The Main Sequence is a well understood mass-luminosity-lifetime relation, which al-

lows us to extract (relatively) unambiguous information about the star formation rate
with time over the lifetime of a galaxy. With exposures (going down to MV ∼ +4) of the
resolved stellar populations in nearby galaxies we can obtain the unambiguous age infor-
mation that comes from the luminosity of MSTOs back to the oldest ages. The MSTOs
do not overlap each other and hence provide the most direct, accurate information about
the star formation history of a galaxy (see Gallart et al. 1999). MSTOs can clearly distin-
guish between bursting star formation and quiescent star formation. The age resolution
that is possible does vary, becoming coarser going back in time, and can also be affected
by metallicity evolution. Our ability to disentangle the variations in star formation rate
depends upon the intensity of the past variations and how long ago they occurred and
which filters are used for observation.

3.1.2. The Core-Helium Burning Blue Loop Stars (BLs)
Stars of low metallicity and intermediate mass go on extensive “Blue Loop” (BL)

excursions after they ignite He in their core. Stars in the BL phase are several magnitudes
brighter than when on the main sequence (MV <∼− 1). The shape of these “loops” are a
strong function of metallicity and age. They thus provide a more luminous opportunity
to accurately determine the age and metallicity of the young stellar population (in the
range, ∼ 1 Gyr old) in nearby low metallicity galaxies The luminosity of a BL star is
fixed for a given age, and thus subsequent generations of BL stars do not over-lie each
other, and can be used to trace spatial variations in recent star formation over a galaxy
(e.g. Dohm-Palmer et al. 1997b). The lower the metallicity of the galaxy, the older will be
the oldest BLs and the further back in time an accurate spatially resolved star formation
history can easily be determined.

3.1.3. The Red Giant Branch (RGB)
The RGB is a bright evolved phase of stellar evolution, where the star is burning H

in a shell around its He core. It is characterized by a fairly constant maximum (or tip)
luminosity (at MI = −4.), and stars are distributed all the way down to MI ∼ +2).
Metallicity is the most important effect in determining the width of the RGB in color,
especially for ages > 2 Gyr. However, correlations between age and metallicity can mask
a metallicity spread, as ∼ 4 Gyr of age difference can produce the same effect as 0.1 dex
of metallicity difference, in (V−I). For a given metallicity the RGB blue and red limits
are given by the age spread of the stars populating it (ages >∼1 Gyr), because as a stellar
population ages the RGB moves to the red. However increasing the metallicity of a stellar
population will also make the RGB redder, and thus produce the same effect as aging.
This is the (in)famous age-metallicity degeneracy problem. The result is that if there is
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metallicity evolution within a galaxy, it is impossible to uniquely disentangle effects due
to age and metallicity on the basis of the optical colors of the RGB alone.

3.1.4. The Red Clump/Horizontal Branch (RC/HB)
Red Clump (RC) stars (MV ∼ +0.5), low-mass analogues of the BL stars, and their

lower mass cousins the Horizontal Branch (HB) stars (MV ∼ 0.) are core He-burning
stars, and they don’t obey a simple mass-luminosity law, as their core mass is mostly
independent of their total mass. Their luminosity and color varies depending upon age,
metallicity and mass loss (Caputo, Castellani & degl’Innocenti 1995). The extent in
luminosity of the RC can be used to estimate the age of the population that produced it
(see Tolstoy 1998b). This age measure is independent of absolute magnitude and hence
distance.
The classical RC and RGB appear in a population at about the same time (after

∼ 0.9–1.5 Gyr, depending on model details), where the RGB are the progenitors of the
RC stars. The lifetime of a star on the RGB, tRGB, is a strongly decreasing function of
Mstar, but the lifetime in the RC, tRC is roughly constant. Hence the ratio, tRC / tRGB,
is a decreasing function of the age of the dominant stellar population in a galaxy, and the
ratio of the numbers of stars in the RC, and the HB to the number of RGB is sensitive
to the star formation history of the galaxy (e.g. Cole 1999; Gallagher et al. 1998; Tolstoy
et al. 1998; Han et al. 1997). Thus, the higher the ratio, N(RC)/N(RGB), the younger
the dominant stellar population in a galaxy.
The presence of a large HB population on the other hand (high N(HB)/N(RGB) or even

N(HB)/N(MS)), is caused by a predominantly much older (> 10 Gyr) stellar population
in a galaxy. The HB is the brightest unambiguous indicator of very lowest mass (hence
oldest) stellar populations in a galaxy, it is however impossible to use it to infer star
formation rates at these ancient epochs, because of the “second parameter effect” (e.g.
Fusi Pecci & Bellazzini 1997), which decouples the HB lifetimes from initial conditions,
is well known, but not yet understood, from globular cluster studies.

3.1.5. The Extended Asymptotic Giant Branch (EAGB)
Extended Asymptotic Giant Branch (EAGB) stars are very bright, red evolved stars

(MV > −4. and typically V − I > 1.5). The temperature and color of the EAGB stars
in a galaxy are determined by the age and metallicity of the population they represent.
However there remain a number of uncertainties in the comparison between the models
and the data (e.g. Gallagher et al. 1998; Lynds et al. 1998). It is necessary that more
work is done to enable a better calibration of these very bright indicators of past star
formation events. The future of this field probably lies in infra-red observations of these
stars.

3.2. Monte-Carlo simulations of CMDs
One of the most impressive advances in interpreting observed CMDs in terms of a detailed
star formation history has come from the technique of re-creating an observed CMD
from model stellar evolution tracks by means of Monte-Carlo simulations. This technique
has the advantage that it can account for the many uncertainties which plague our
understanding of a CMD in what is arguably the most physically realistic manner. This
approach was pioneered by Tosi and co-workers in Bologna (e.g. Tosi et al. 1991), and
has since been used and adapted as the standard method of CMD analysis (e.g. Tolstoy
& Saha 1996; Aparicio et al. 1996; Dolphin 1997; Hernandez et al. 1999).
The main uncertainties in the interpretation of CMDs of nearby galaxies come from:

estimates of the distance of the galaxy; the foreground and internal extinction, both the
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Figure 3. Model CMDs, from Monte-Carlo simulations, assuming a standard IMF. based upon
theoretical stellar evolution tracks at metallicity, Z = 0.0004 (or [Fe/H] = −1.7), from Fagotto
et al. (1994). The periods of star-formation are marked in the top right-hand corner of each
figure in Gyr. Each period is assumed to have a constant star formation rate. All the models are
made for the sensitivity of WFPC2 over two orbits (one in F555W, one in F814W) to a resolved
stellar population at a distance modulus, (m-M)o = 24.2 (or 700 kpc), which is about the mean
for dwarf galaxies in the Local Group.

absolute values, and the patchiness can be uncertain; metallicity, and how this might
vary in time within the galaxy; the initial mass function, what it is and if it might vary;
the fraction of binary stars in the CMD; photometric errors, or the accuracy with which
measurements can be made; incompleteness, which is a measure of how the number of
stars detected per resolution element affects both the determination of photometric errors
and the number of stars of different luminosities that will be hidden behind and in the
wings of brighter neighbors; and last but not least and perhaps most difficult of all the
uncertainties in the theoretical models of stellar evolution. One problem for the modelers
is to find useful data sets to compare with models. Globular clusters are excellent test
data for checking low metallicity and very old models, and open clusters are mostly
quite metal rich. Dwarf galaxies tend to be dominated by intermediate and even young
metal-poor stellar populations, and so it is hard to find fiducials. The result is that we
are forced to try and understand what is happening with an uncertain star formation
history and uncertain model effects all at the same time. Any one of the uncertainties
listed here could (and have) produced (long) papers in their own right. They can have
profound effects on the star formation history determined from a CMD.
So, clearly a great deal of care has to be taken not to over-interpret CMDs, because

having so many factors which affect the modeling means that there is a lot of parameter
space to explore, and the effect of all the uncertainties is to smear out features which can
result in a very shallow minimum to any χ2 estimate or Likelihood function to find the
best model. Each change of initial assumptions requires generation of a complete new
set of models and goodness of fit assessment. This can be computationally intensive and,
in the end, it can be difficult to find a unique solution. Best solutions are only ever one
out many that are possible. It is thus important to tie in star formation rate variations
to distinct and well determined features in a CMD, and to justify all variations that are
seen. This is especially true in older populations where very small and subtle changes can
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Dwarf Ellipticals:
M 32 Grillmair et al. 1996
NGC 205 Jones et al. 1996
NGC 185 Geisler et al. in preparation
NGC 147 Han et al. 1997
Sagittarius Mighell et al. 1997

Dwarf Irregulars:
NGC 6822 Wyder et al. 2000
IC 1613 Cole et al. 1999; Dolphin et al. 2000
IC 5152 snap-shot in archive
IC 10 Hunter et al. in preparation
Sextans B no data
Sextans A Dohm-Palmer et al. 1997a,b
WLM Dolphin 2000; Rejkuba et al. 2000
Phoenix Holtzman et al. 2000
Pegasus Gallagher et al. 1998
LGS 3 Miller et al. in preparation
Leo A Tolstoy et al. 1998
SagDIG no data
DDO 210 no data
EGB 0427+63 no data

Dwarf Spheroidals:
Fornax Buonanno et al. 1999
Ursa Minor Mighell & Burke 1999; Feltzing et al. 1999;

Hernandez et al. 2000
Draco Grillmair et al. 1998
Leo I Gallart et al. 1999; Hernandez et al. 2000
Sextans no data
Carina Mighell 1997; Hernandez et al. 2000
Sculptor Monkiewicz et al. 1999
Antlia no data
Tucana Seitzer et al. in preparation
Cetus no data
Leo II Mighell & Rich 1996; Hernandez et al. 2000
And I Da Costa et al. 1996
And II Da Costa et al. 2000
And III Da Costa et al. in preparation
And V Armandroff et al. in preparation
And VI Armandroff et al. in preparation
And VII snap-shot in archive

Table 2. HST CMDs of Local Group dwarf galaxies

have dramatic impacts on assumed age and metallicity variations (cf. Tolstoy & Saha
1996; Tolstoy et al. 1998), and see Figure 3.
In Figure 3, I have created a series of model CMDs (see Tolstoy 1996), which, for

a constant metallicity, show the variations that age can give to a CMD distribution.
In the younger populations this is obvious, but as older populations dominate it takes
very accurate photometry to distinguish between dramatically different ages of stellar
populations. If metallicity is involved this becomes even more tricky because age and
metallicity can produce very similar effects on an RGB (see §3.1.3). The CMDs in Figure 3
are made assuming a galaxy at 700 kpc, and only one orbit of integration time in each
filter. This means there is no MSTOs older than about 800 Myr, which explains why
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Figure 4. A Leo A (I, V−I) CMD from two orbits of WFPC2 observations (one in filter
F555w and one in F814W), from Tolstoy et al. (1998). Also shown is a possible star formation
history from detailed modeling of the CMD, and consistent with the known details of the stellar
population, such as the luminosity spread of the RC; the width of the RGB; and the presence of
BLs. The error bars shown are not in any specific sense statistical, they merely give an indication
of how flexible the star formation rate at any time can be before significantly affecting the good
match of this model to the data (see Tolstoy et al. for details).
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Figure 5. On the right-hand side is the new (V, V−I) CMD of Sextans A from Dohm-Palmer
et al. 2000, in preparation. It consists of 8 orbits in F555W and 16 in F814W, and shows the
presence of the RC and goes further down the Main Sequence than the previous 2-orbit CMD
of Dohm-Palmer et al. (1997). On the left-hand side is the recent star formation history of
Sextans A determined from the BL stars by Dohm-Palmer et al. (1997).

there is such similarity between CMDs which have differing proportions of population
older than about 800 Myr.
Despite this dramatic list of problems, surprisingly detailed and robust results have

come out from the analysis of CMDs. In the next section I will illustrate some of the
most impressive CMDs and their analyses which have come from HST data for all the
different classes of dwarf galaxy, as defined in §1.1.
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Figure 6. Here we see a gallery of movie still frames created by Robbie Dohm-Palmer (cf.
Dohm-Palmer et al. 1997), which show how the intensity of star formation varies spatially with
time across Sextans A. These are preliminary results, which combine the two WFPC2 pointings
on Sextans A so that the spatial coverage of nearly the whole luminous center of the galaxy is
achieved. The time separation between each frame is not uniform, and was chosen to high-light
interesting features. See Dohm-Palmer et al. 1997; 2000 for more details. The newer data is on
top, and despite the presence of young blue stars and H-α, this does not seem to be representative
of a global increased star formation rate in this part of the galaxy, unlike the lower area which
has vigorous star formation over the last several hundred million years.
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4. HST observations of Local Group dwarf galaxies
There have been a number of spectacular results from HST imaging of the resolved

stellar populations in Local Group dwarf galaxies (see Table 2). In the next sections
I provide examples of some of the most beautiful HST CMDs for a selection of dwarf
galaxies in the Local Group, and just beyond:

4.1. Leo A
Leo A (DDO 69) is a gas-rich dI galaxy, with an extremely low HII region abundance
(∼ 3% solar, van Zee, Skillman & Haynes 1999). The interpretation of a CMD from two
orbits of WFPC2 data (Tolstoy et al. 1998; see Figure 4) is based upon extremely low
metallicity (Z = 0.0004; or [Fe/H] = −1.7) theoretical stellar evolution models (Fagotto
et al. 1994; see also Figure 3), which suggest that this galaxy is predominantly young,
i.e. < 2 Gyr old. A major episode of star formation 900–1500 Gyr ago can explain
the RC luminosity and also fits in with the interpretation of the number of anomalous
Cepheid variable stars seen in this galaxy. The presence of an older, underlying globular
cluster age stellar population could not be ruled out with these data, however, using the
currently available stellar evolution models, it would appear that such an older population
is limited to no more than 10% of the total star formation to have occurred in the center
of this galaxy. Theoretical models of the chemical evolution of dwarf galaxies by Ferrara &
Tolstoy (2000) imply that, even though this galaxy is extremely metal-poor, an underlying
older stellar population is required to build up the current metallicity. Perhaps this older
population resides in an outer halo. Of course, neither the chemical evolution models nor
the existing CMDs can distinguish between an old population which formed in a large
burst, or more sedate and roughly constant rate through-out a longer time.

4.2. Sextans A
Sextans A (DDO 75) is a gas-rich dI galaxy with a low metal abundance ([Fe/H] ∼ −1.4),
and active star formation, which is located on the periphery of the Local Group (1.4 Mpc
away). The initial WFPC2 CMD of Sextans A, based on two orbits of telescope time,
shows several clearly separated populations that align well with stellar evolution model
predictions for a low metallicity system (see Dohm-Palmer et al. 1997a,b). This was the
first time a BL sequence had been so definitively identified in a CMD (see the CMD in
Figure 5). The star formation history from the main sequence and BL stars (in Figure 5)
was determined by Dohm-Palmer et al. for the last 600 Myr using theoretical stellar
evolution models. The spatial distribution of the BL stars was then used to determine
the spatial variation of the star formation across Sextans A with time (see Figure 6).
Figure 6 is a preliminary result including new WFPC2 data which covers the whole
galaxy (Dohm-Palmer et al. 2000, in preparation). The modeling concludes that in the
past 50 Myr, Sextans A has had an average star formation rate that is ∼ 10 times that of
the average over the history of the galaxy. This current activity is highly concentrated in
a young region in the South-East roughly 25 pc across. This coincides with the brightest
HII regions and the highest column density of HI. Between the ages of 100 and 600 Myr
ago, the star formation has been roughly constant at slightly above the average value.
There are regions (200–300 pc across) with a factor of ∼ 5 enhancement in star formation
rate with a duration of 100–200 Myr.

4.3. IC 1613
IC 1613 is a Magellanic type dI galaxy, with young stars of SMC-like metallicity (∼ 10%
solar), which was first resolved into stars by Baade (1928), it was later used by Baade
(1963) to illustrate the archetypal “Baade’s sheet” of underlying RGB (population II)



142 E. Tolstoy: Stellar populations in dwarf galaxies

Figure 7. The IC 1613 (I, V−I) CMD from 8 orbits of WFPC2 observations (four in filter
F555w and four in F814W) of a field right in the center of IC1613, away from any bright HII
regions, from Cole et al. (1999). This was a fairly crowded field and fairly brutal cuts in S/N
were made for this CMD. Also shown is a possible age-metallicity relation for IC 1613, also
from Cole et al. Each region of the figure is labeled with the CMD feature that constrains the
metallicity to lie within the shaded region. Abbreviations are given in the text; and in addition
WR denotes the Wolf-Rayet star; HII denotes the H II regions; RSG and BSG are red and blue
super giants. The dotted line shows the mean age-metallicity relation for the SMC.

stars, which have now been found to exist in most, if not all Local Group dwarfs (e.g.
Sandage 1971; Hodge 1986; Saha 1995). IC 1613 is to date the only Local Group dI
(excluding the Magellanic Clouds), in which RR Lyrae variables have been detected
(Saha et al. 1992; Dolphin et al. 2000).
This spatially extended galaxy has had two pointings with WFPC2, one in the central

region (Cole et al. 1999, see Figure 7) and one in the outskirts (Dolphin et al. 2000,
Figure 8). The two CMDs, despite being in quite different environments within the galaxy,
look remarkably similar.
The main-sequence luminosity function provides evidence for a roughly constant star

formation rate of (∼ 3.5 × 10−4 M� yr−1 across the central WFPC2 field of view (0.22
kpc2)) during the past ∼ 250–350 Myr, and going back to ∼ 1 Gyr in the outer field (Tol-
stoy et al. in preparation). Structure in the BL function implies that the star formation
rate was ∼ 50% higher 400–900 Myr ago than today. The blue HB was also detected in
both IC 1613 pointings, again showing that the ancient stars in this galaxy are uniformly
distributed in the inner and outer regions of IC 1613. It was already known that IC 1613
contains a population of RR Lyrae variable stars (Saha et al. 1992) in its outer halo, and
hence an ancient stellar population, but this is the first time that a deep enough CMD
was made to detect the HB. From the different populations identified and modeled, an
approximate age-metallicity relation for IC 1613 was determined (see Figure 7), which
appears, like the present day metallicity, to be similar to that of the SMC.
The natural HST orbital cadence of 90 minutes is ideal for the detection of short

period variable stars, such as RR Lyrae. As the second WFPC2 pointing in the outskirts
of IC 1613 consisted of 8 orbits in F555W and 16 orbits in F814W this data set contains
just enough distinct observations to be able to identify and classify short period variables
in the WFPC2 field of view (Dolphin et al. 2000). These are plotted on top of the deeper
CMD of the outer region in Figure 8. There are 13 RR Lyraes, which unambiguously
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Figure 8. The WFPC2 (I, V−I) CMD of the outer field of IC 1613, showing the variable stars
found there (from Dolphin et al. 2000), coming from 24 orbits, 16 in F814W and 8 in F555W.
The circles represent the Cepheids, the diamonds the RR Lyraes, and the triangles the two
possible eclipsing binaries.

mark out the presence of the modestly populated HB, and also 11 short-period Cepheids,
which are indicators of an intermediate-age population in IC 1613.

4.4. WLM

WLM (Wolf-Lundmark-Melote; DDO 221) is another large Local Group Magellanic dI
galaxy, with approximately SMC-like present-day metallicity. It is the only dI galaxy in
the Local Group with a bona-fide globular cluster (see Hodge et al. 1999).
The HST pointing on WLM in September 1998 must rate as an extremely efficient one.

The WFPC2 PC chip contained the globular cluster, and was used for a study of this
unique object (Hodge et al. 1999). The remaining 3 WF chips contained stars from the
field population of WLM, and were used by Dolphin (2000) to study the star formation
history of the field population of this galaxy. The RC is clearly detected (see Figure 9), it
is less clear if there is an HB present. The star formation history and the corresponding
metal enrichment history which Dolphin determined from the WFPC2 CMD are also
shown in Figure 9. The models are most reliable for the young and intermediate-age
populations. Finally, as part of a targeted STIS parallel survey program, STIS images
were also taken in parallel to the WFPC2 primary observations in both broad band filters
available (Clear [CL] and Long Pass [LP], see Gardner et al. 1998), at a position about
4′ away from the WFPC2 position. The STIS CCD in combination with these extremely
broad filters means the images go fainter than the WFPC2, however the field of view is
also a lot smaller (∼ 25′′ × 50′′). It had been shown theoretically that these (very broad)
STIS filters can be usefully transformed to an effective V and I (Gregg & Minniti 1997),
and this has been confirmed by the results of Rejkuba et al. 2000 (see Figure 10) using
these parallel data from WLM. They clearly detect a RC (as Dolphin 2000, in the inner
WFPC2 field of view does), but unlike Dolphin they clearly detect a HB. This is due
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Figure 9. The WFPC2 (V, V−I) CMD of WLM, the combined results from photometry on the 3
WF chips. The data were taken over 4 orbits, 2 in both F814W and F555W, from Dolphin (2000).
Also shown are the star formation history and the chemical evolution history that Dolphin
derives from these data.

Figure 10. Here are the STIS/CCD imaging results for WLM from Rejkuba et al. (2000). On
the left is the CMD in the raw STIS photometric system (LP, CL–LP) and on the right is the
CMD after conversion to a standard photometric system (I, V−I). These data were taken in
parallel to the WFPC2 data shown in Figure 9.

to the increased sensitivity of the STIS CCD; the Dolphin WFPC2 CMD barely reaches
the HB magnitude, whereas the STIS CMD clearly goes beyond.

4.5. Leo I
Leo I is a nearby (250 kpc) relatively isolated dSph. It has been poorly studied from the
ground because of the proximity of the 1st magnitude star, Regulus. However WFPC2 has
produced one of its most detailed CMDs from Leo I (Gallart et al. 1999; see Figure 11).
The CMD goes down to an absolute magnitude, MV = +4.5 on the Main Sequence.
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Figure 11. The WFPC2 (I, V−I) CMD of Leo I is shown here, assuming a distance modulus of
(m-M) = 22.18, from Gallart et al. (1999). These data come from 6 orbits of exposure time, 3 in
both F555W and F814W. Also shown is the star formation history that Gallart et al. found to
be the best match to the data, and the resulting model CMD form this history. They come from
a model with metallicity Z = 0.0004 ([Fe/H] = −1.7), an IMF slope, x = −3.2, and a carefully
determined binary fraction, see Gallart et al. for more details.

This depth of CMD allows a very accurate star formation history to be determined from
MSTOs (Gallart et al. 1999, see Figure 11). They found that most (70–80%) of star
formation activity in Leo I occurred between 1 and 7 Gyr ago. A fairly uniform star
formation rate dropped dramatically about a Gyr ago, and around 300 Myr it seems to
have stopped altogether. It is not clear from these results whether or not Leo I contains
an ancient (> 10 Gyr old) stellar population. It does not have an obvious HB, and it
is one of the few dSph not to have a detected RR Lyrae population but a very large
population of anomalous Cepheids (Lee et al. 1993). This is consistent with the Gallart
et al. models which find that this galaxy is dominated by an intermediate-age, metal
poor, stellar population.

4.6. Andromeda II
Andromeda II (And II) is a dSph companion to M 31. The WFPC2 CMD (Da Costa
et al. 2000; see Figure 12) shows a predominantly red HB (like in most other dSph).
In And II there is no evidence for a radial gradient, unlike, And I (Da Costa et al.
1996), or NGC 147 (Han et al. 1997). In And II Da Costa et al. also detect probable
RR Lyrae variable stars, although the number of images taken of And II are not sufficient
to accurately classify the variables found, but those identified with the colors of the HB
can safely be assumed to be RR Lyrae variables. To interpret the And II CMD in terms
of a star formation history Da Costa et al. have used a combination of standard Galactic
globular cluster CMDs scaled to reproduce the And II mean abundance and abundance
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Figure 12. Here are presented, on the left-hand side, the WFPC2 CMDs for 11 orbits of
exposure time on Andromeda II transformed to the standard (V, B−V) magnitude system,
from Da Costa et al. (2000). The candidate variables have been excluded from these plots. The
lower left-hand CMD is identical to the upper, but shown superposed with the giant branches
of the standard globular clusters M68 ([Fe/H] = −2.09), M55 ([Fe/H] = −1.82), NGC 6752
([Fe/H] = −1.54), NGC 362 ([Fe/H] = −1.28), and 47 Tuc ([Fe/H] = −0.71). The filled symbols
give the mean And II RGB colors in ±0.1 V magnitude bins. On the right-hand side, the upper
panel is a composite CMD made up from observed CMDs of the Galactic globular clusters
M 55 ([Fe/H] = −1.82), NGC 1851 ([Fe/H] = −1.29), and 47 Tuc ([Fe/H] = −0.71), with the
relative star numbers (44/45/11), scaled to reflect the And II abundance distribution. This CMD
clearly has relatively more blue HB stars than And II has. In the lower right-hand panel all the
NGC 1851 blue HB and 40% of the M 55 blue HB stars have been replaced with red HB stars
from NGC 362 (80%) and 47 Tuc (20%), and the HB morphology of the “model” CMD is now
a better match to that which is observed. See Da Costa et al. for many more details.

dispersion, to interpret the observed HB morphology (see Figure 12). They find that at
least 50% of the total stellar population must be younger than the age of the globular
clusters. This inference is strengthened by the small number of upper-AGB carbon stars,
and the relatively faint luminosities (Mbol ∼ −4.1) of these stars. These upper-AGB
carbon stars have assumed ages of around 6–9 Gyr, whilst the existence of blue HB and
RR Lyrae variable stars argues for the presence of an old (> 10 Gyr) population. Thus,
And II must have had an extended epoch of star formation like many of the Galactic
dSphs. The RGB colors yield a mean abundance of <[Fe/H] >= −1.49±0.11 and a
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Figure 13. Here are shown the WFPC2 (I,V−I) CMDs for two fields in NGC 147, from Han
et al. (1997), which come from 9 orbits of telescope time. On the left-hand side is the CMD for
the inner most field of NGC 147, which does very close into the extremely crowded heart of this
small galaxy. This CMD contains nearly 80,000 photometered stars. This means that the relative
numbers of stars is also indicated by density contours overlying the points. Also over-plotted
are the average error bars on the photometry at given magnitudes, and also Galactic globular
cluster fiducials for M 15 and 47 Tuc. This is then done identically on the right-hand side for
the outer field of NGC 147, which contains only about half the number of stars in the central
field. It also contains a much more distinctive HB, which is not only a function of the reduced
crowding in the outer field. See Han et al. for more details.

surprisingly large internal abundance spread, of about 0.36 dex. It is not possible to model
the abundance distribution in And II with single component simple chemical enrichment
model. However, a simple model with a dominant “metal-poor” ([Fe/H] = −1.6) and
a “metal-rich” ([Fe/H] = −0.95) component appears to produce the best match (see
Figure 12).

4.7. NGC 147
NGC 147 is a dE galaxy associated with M 31. There are WFPC2 CMDs at two positions
in this galaxy, at inner and outer positions (Han et al. 1997, see Figure 13). There are
significant differences between the inner and outer field stellar populations (as can be
seen at a glance of Figure 13), and these cannot be explained by differences in crowding
properties of these fields, even though the inner field is extremely crowded. The RGB
suggests a metallicity of [Fe/H] = −0.9 in the inner, central field and [Fe/H] = −1.0
in the outer one, and the outer field shows a weak tendency of increasing metallicity
with galactocentric radius. The RGB also shows evidence of a metallicity dispersion in
NGC 147, with a larger dispersion closer to the center of the galaxy. The age of most
of the stars in the RGB is assumed to be >5 Gyr. The small population of EAGB stars
does show the presence of an intermediate-age population (a few Gyr old), which seems
to be larger towards the center of the galaxy, contrary to the bulk of the older stars. The
HB stars are more populous towards the outer part of the galaxy. Again, consistent with
an age (and metallicity) gradient within NGC 147. The absence of any main sequence
stars shows that any star formation completely ceased at least a Gyr ago.

4.8. VII Zw403
VII Zw403 (UGC 6456) is definitely not in the Local Group, but at a distance of
∼ 4.5 Mpc, it is most likely an isolated member at the far side of the M 81 group. The
WFPC2 CMD (see Figure 14, from Lynds et al. 1998) is the best example of a resolved
BCD. Also shown in Figure 14, is a possible star formation history determined from a
quantitative analysis of the CMD from Lynds et al. Another study of the same HST
observations of VII Zw 403 is presented by Schulte-Ladbeck et al. (1999a), and they get
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Figure 14. Here is the WFPC2 (V,V−I) CMD for the BCD VII Zw403, taken from Lynds et al.
(1998). This CMD is based on four orbits of telescope time (2 per filter), and also shown is a
possible star formation history based on a careful modeling of the CMD. See Lynds et al. for
more details.

similar results. The HST CMD of this relatively distant galaxy is directly comparable
to ground based observations of closer dwarf galaxies. The similarity between Figure 14
and the ground-based CMD of NGC 6822 of Gallart et al. (1994) is quite startling, es-
pecially in the properties of the EAGB. Clearly this is a similarity which needs further
study. NGC 6822 is close enough to calibrate the EAGB versus star formation history
determined from the detection of older MSTOs.
VII Zw403 is also one of the first galaxies to have a NICMOS, IR CMD (Schulte-

Ladbeck et al. 1999b), which detects a large number of red super-giant and AGB stars,
and reaches the tip of the RGB in J and H. In principle extending the color baseline out
from the optical to the IR offers advantages for separating out different stellar phases
from one another (e.g. Bertelli et al. 1994). However, without high S/N IR data the
photometric errors significantly limit the improvement.

5. New Results from a New Telescope
In the future, the large, ground based telescopes can play a vital complementary role

to the HST . With their relatively wide fields of view and larger apertures, ground based
telescopes will become the instruments of choice for imaging the extended and less
crowded halo populations of the nearby galaxies. Large telescopes on the ground are
also ideal for spectroscopic follow-up on individual stars in a CMD to determine abun-
dances and the internal dynamics of nearby galaxies. To show that competition from new
ground based facilities is coming along fast, in Figure 15 I show CMDs for three Local
Group galaxies (and a calibration globular cluster) from the VLT, and the FORS1 imag-
ing/spectrograph. These data were taken in excellent seeing conditions in August 1999,
and have been published in preliminary form by Tolstoy et al. (2000). The galaxies Ce-
tus, Aquarius (DDO 210), and Phoenix were selected because they are relatively nearby,
open-structured dI/dSph systems. Because of the excellent seeing conditions we were
able to obtain very deep exposures covering the densest central regions of these galaxies,
without our images becoming prohibitively crowded. From these images we have made
very accurate CMDs of the resolved stellar population down below the magnitude of the
HB region. In this way we have made the first detection of RC and/or HB populations
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Figure 15. Here are four VLT/UT1 (R, B−R) CMDs for three Local Group galaxies (DDO 210,
Cetus and Phoenix) and one youngish (12–13 Gyr old) globular cluster (Ruprecht 106), from
Tolstoy et al. (2000). DDO 210 and Cetus had exposure times of 3000 sec in R and 3600 sec
in B; roughly equivalent to a total of 3 orbits of HST . Phoenix received only 1600 sec in R
and 1800 sec in B, and Ruprecht 106 30 sec in R and 80 sec in B. Representative error bars are
plotted for each data set, and the fiducial RGB and HB from Ruprecht 106 data are over-plotted
on each of the galaxy CMDs.

in these galaxies, which reveal the presence of intermediate and old stellar populations.
In the case of Phoenix we detect a distinct and populous blue HB, which indicates the
presence of quite a number of stars > 10 Gyr old. These results further strengthen ev-
idence that most, if not all, galaxies no matter how small or metal poor contain some
old stars. Another striking feature of our results is the marked difference between the
Color-Magnitude diagrams of each galaxy, despite the apparent similarity of their global
morphologies, luminosities and metallicities. For the purposes of accurately interpreting
our results we have also made observations in the same filters of a Galactic globular
cluster, Ruprecht 106, which has a metallicity similar to the mean of the observed dwarf
galaxies.
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6. Conclusions
A survey of the resolved stellar populations of all the galaxies in our Local Group

provides a uniform picture of the global star formation properties of galaxies with a wide
variety of mass, metallicity, gas content, etc., and makes a sample that ought to reflect
the star formation history of the Universe and give results which can be compared to
high redshift survey results (e.g. Steidel et al. 1999). Initial comparisons suggest these
different approaches do not yield the same results (Tolstoy 1998b; Fukugita et al. 1998),
but the errors are large due to the lack of detailed star formation histories of nearby
galaxies. The CMDs presented here whilst beautiful and dramatic represent the tip of
the iceberg for the Local Group. Most of the observations reported here consisted of
1 or 2 orbits of integration time per filter. To really complete a detailed census of the
nearby resolved stellar populations we need to go as deep as the sensitivity limit given
in Figure 2 for all Local Group galaxies, to detect the oldest MSTOs. This includes the
large Local Group galaxies, such as M 31, which along with our Galaxy represent the
dominant mode of star formation in the Local Group. With data like this we will know
the star formation history of the Local Group, going back to the earliest times. We have
also shown that data from ground based telescopes in excellent seeing with active optics
can compete with HST images, and indeed make an excellent complement, by being more
blue sensitive, and having a larger field of view. It is only with the deepest exposures
of the most crowded regions that HST is still the undisputed winner, because it is hard
to gain enough exposure time in excellent stable seeing conditions on the ground, as
no where under the Earth’s atmosphere can ideal conditions be guaranteed. It looks
promising that Adaptive Optics on large ground based telescopes will one day rival HST
supremacy, but this is an endeavor that will be restricted to infra-red wavelengths for
the foreseeable future. HST must lead the way to extend detailed star formation studies
past the Galaxy and its immediate satellites.

I would like to thank those who generously provided me with postscript files of their
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Marina Rejkuba; Andrew Cole; Robbie Dohm-Palmer; Deidre Hunter; Andy Dolphin and
Jay Gallagher. I would also like to thank Evan Skillman, Jay Gallagher and Andrew Cole
for useful discussions about many of the details of form and content presented here. Last
but not least I would like to thank the organizers of the HST Symposium for inviting
me; it was an honor and a pleasure to put together and present this talk.
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The formation of star clusters

By B R A D L E Y C. W H I T M O R E
Space Telescope Science Institute, 3700 San Martin Drive, Baltimore, MD, 21218

The ability of HST to resolve objects ten times smaller than possible from the ground has re-
juvenated the study of young star clusters. A recurrent morphological theme found in nearby
resolved systems is the observation of young (typically 1–10 Myr), massive (103–104 M�), com-
pact (ρ ≈ 105 M� pc−3) clusters which have evacuated the gas and dust from a spherical region
around themselves. New stars are being triggered into formation along the edges of the envelopes,
with pillars (similar to the Eagle Nebula) of molecular gas streaming away from the regions of
star formation. The prototype for these objects is 30 Doradus (Figures 1 and 2). Another major
theme has been the discovery of large numbers of young (typically 1–500 Myr), massive (103–108

M�), compact star clusters in merging, starbursting, and even some barred and spiral galaxies.
The brightest of these clusters have all the attributes expected of protoglobular clusters, hence
allowing us to study the formation of globular clusters in the local universe rather than trying
to ascertain how they formed ≈ 14 Gyr ago. The prototype is the Antennae Galaxy (Figures 3
and 4).

1. Introduction
1.1. Hubble’s first six months

The discovery of spherical aberration in the summer of 1990 raised serious questions
about the ability of HST to do the unique science it was designed for, and caused gen-
eral consternation throughout the astronomical community. Early HST observations of
compact star clusters in 30 Doradus and NGC 1275 played pivotal roles in demonstrating
that HST , even in its crippled state, could produce stunning results that were impossible
to obtain from the ground. This provided a much needed shot in the arm for the Hub-
ble project. In addition, image deconvolution techniques developed to reconstruct the
30 Doradus images showed that most of the compromised resolution could be restored
for bright objects.
Before the HST image of 30 Doradus came out in the summer of 1990, several papers

had argued that R136 (the central object in the 30 Doradus cluster) was a single star with
a mass of several thousand solar masses (e.g. Cassinelli, Mathis & Savage 1981). By the
time HST was launched, speckle observations by Weigert & Baier (1985) had resolved the
central region into roughly a dozen individual stars. However, concerns about possible
artifacts introduced by the speckle technique, and limitations imposed by the small field
of view, limited the impact of the results. As the saying goes, “a picture is worth a
thousand words,” and it was the spectacular direct images obtained with the WFPC1 on
HST that first made it clear just how rich this cluster really was. For example, Hunter
et al. (1995) identified over 3500 stars in the central ≈ 8′′ alone.

HST was built to make new discoveries, and one of the first was the discovery of young
compact clusters in NGC 1275, the central galaxy in the Perseus cluster (Holtzman et al.
1992). This demonstrated that HST had no peers when it came to detecting compact,
point-like objects against a bright background. Objects that were impossible to see from
the ground suddenly became visible. Holtzman et al. (1992) also made the rather daring
assertion that the young clusters were protoglobular clusters formed by a merger event.
This was the catalyst for what has become a major cottage industry for Hubble, and
provides one of the primary topics for this review.
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Figure 1. Combined WFPC2 (background) and NICMOS (square inserts) image of
30 Doradus from a 1999 HST press release by Walborn and Barba. The central star cluster is

R136.

1.2. Motivation

There are three basic reasons why the HST observations of young star clusters caught
the attention of the astronomical community.
1) They provide insight into the mechanisms of star formation, the most fundamental

process in astronomy. While we have very detailed models of the structure and evolution
of stars (e.g. isocrones in the HR diagram), we have only sketchy ideas of how stars
form to begin with. Some of the basic questions that remain to be solved are: Is the
initial stellar mass function the same in all environments? Can star formation trigger
subsequent star formation? Are all stars formed in groups and clusters?

An obvious approach to solving these questions is to go to where lots of stars are
forming, such as merging and starbursting galaxies. When we do this we find that a
large fraction of the star formation is in the form of massive, compact star clusters.
Understanding how these clusters form should go a long ways toward understanding star
formation in general.
2) They allow us to study the formation and evolution of globular star clusters in the

local universe rather than trying to ascertain how they formed ≈ 14 billion years ago.
An analogy is often made between the study of old globular clusters and the study of
fossils on the earth, since both provide an evolutionary record. Given the opportunity, I
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believe many paleontologists would switch fields if they could go to where the dinosaurs
are still living.
3) They are relevant to the question of whether spiral galaxies can merge to form

elliptical galaxies. One of the primary objections to this hypothesis was raised by van
den Bergh (1990), who pointed out that spirals have fewer globular clusters per unit lu-
minosity than ellipticals. It now appears that globular clusters can be formed by mergers
of gas rich systems (§3.1), providing a natural explanation for this difference.

1.3. Nomenclature
For historical reasons, a wide variety of names are currently being used to describe what
are physically similar objects. Researchers studying merging galaxies often use names
such as “protoglobular cluster” or “young globular clusters.” This is because the focus
has been on the question of whether merging galaxies can form globular clusters, in
response to van den Bergh’s (1990) criticism of the merger hypothesis for the origin
of elliptical galaxies. On the other hand, researchers studying nearby starburst galaxies
generally use the term “super star clusters,” a term that was first introduced by Arp
& Sandage (1985) when referring to the dominant cluster in the starburst dwarf galaxy
NGC 1569. Other names in use include “blue populous clusters” (in the LMC) and
“young massive clusters” (in normal spirals; e.g. Larsen & Richtler 1999).
None of these names really ring true, however, which is why one has not become

the standard. While there is good evidence that some of the brightest compact clusters
become globular clusters, it is obvious that they do not all become globular clusters, since
the specific globular cluster frequency in merger remnants would then be too high. The
main objection to the term “super star cluster” is that while they may be very luminous
for a short period of time, their masses, which are a more fundamental property, are
not “super.” They are instead similar to normal globular clusters or open clusters. In
essence, there are probably no major physical differences between these various clusters;
we are simply seeing young globular clusters, open clusters, and associations at different
stages of their evolution or in different environments than we are use to seeing them in
the Milky Way.
The defining properties for most of the objects discussed in this review are that they

are young, compact, and the brightest are ultra luminous in comparison to old globular
clusters. I will simply call them young compact star clusters.

1.4. Goals
I have three goals for this review. The first is to highlight the primary contributions that
HST has made to the study of the formation of young compact star clusters (§2 and 3).
There will be an obvious bias towards observations of young compact clusters in merging
galaxies, since that is what I know the most about, but I will also highlight some of the
major results for nearby clusters such as 30 Doradus. The reader is referred to reviews
in this volume by Harris (old globular clusters), Bally (star formation), and Leitherer
(starbursts) for related discussions. The second goal is to provide a compilation of the
literature on young unresolved compact clusters, as discussed in §4. The third goal is
to use the compilation to examine some of the demographics of young cluster formation
(§4).

2. Nearby resolved star clusters
The techniques for studying star clusters that can be resolved into individual stars

are much different than the techniques available for studying more distant clusters. For
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galaxy N MV (bright) Reff mass age α
(pc) (M�) (Myr)

near Gal. Center 2 — — 104 3 —
LMC 8 −11.3 2.6 — 3 —
M82 100 −14.5 3.5 — 100 —
HE 2−10 76 −12.7 3 103–105 — −1.7
ESO 338−IG04 112 −15.5 — 103–107 10–10,000 —
NGC 1569 7 −13.9 2.2 — 15 —
NGC 5253 6 −11.1 — 106 2.5 —
NGC 1705 36 −13.7 3.4 — 15 —
NGC 1741 314 −15 — 104–106 4 −1.85
ESO 565−11 700 −13.4 — — 4–6 −2.2
NGC 1097 88 −13.8 2.5 — — —
NGC 4038/39 800 −15.8 4 103–107 1–500 −2.1
NGC 3256 1000 −15 5–10 — — −1.8
NGC 3256 tail 50 −10 — — — —
NGC 3597 700 −13.2 — — — −2.0
NGC 7252 500 −16.2 5 104–108 600 −1.8
NGC 1275 800 −15.8 — 104–108 100–1,000 −1.9
NGC 3921 102 −14 <5 — 500 −2.1

Notes to Table 1: See Table 2 for references. N is the number of clusters (to MV ≈ −9 mag
in most cases). MV (bright) is the MV magnitude for the brightest cluster. Reff is the average
effective radius for the clusters. α is the power-law index for the luminosity function.

Table 1. Properties of young compact star clusters (approximately in order of distance)

example, we can determine the stellar luminosity and mass functions, the color-magnitude
diagram for the stars, and the radial density profile. For the more distant clusters some
of the typical tools are the specific globular cluster frequency, the cluster luminosity
function, and color-color diagrams. Before HST , the dividing line between these two
regimes was essentially the edge of the Milky Way galaxy. One of the promises of HST
was that it would push this dividing line roughly ten times farther away, allowing us to
study the clusters in the Magellanic Clouds, and to a lesser extent the nearby galaxies
in the Local Group, with the same techniques we have been using for the clusters in the
Milky Way. This has indeed been the case. In this section we describe three of the primary
HST results for the nearby resolved clusters. Table 1 lists the number, luminosity of the
brightest cluster, size, mass, age, and power law index for the luminosity function for a
variety of young star clusters that are discussed in this review.

2.1. Young clusters near the center of the Milky Way
The Near-infrared Camera and Multi-object Spectrometer (NICMOS) was used by Figer
et al. (1999) to penetrate the dust toward the center of the Milky Way in order to study
two remarkable young clusters near the Galactic Center. Based on turnoffs in the color-
magnitude diagrams they estimate that the Arches cluster is 2 ± 1 Myr old and the
Quintuplet cluster is 4 ± 1 Myr old. Based on number counts and an extrapolation to
1 M�, they estimate the masses of the clusters are ≈ 104 M�, and the densities are
≈ 105 M� pc−3.
The existence of these clusters was somewhat unexpected; one would think that the

strong tidal shear produced by the central black hole, the high velocity dispersion, and the
strong magnetic field would make this a hostile environment for forming young massive
clusters. However, given that starburst galaxies are able to support prodigious rates of
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star formation near their centers, perhaps we should not be surprised that star clusters
can also form near the Galactic Center.
Portegies-Zwart (2000) performed n-body simulations which indicate that the two

clusters should dissolve after 10–60 million years in the tidal field of the Galaxy. They
also point out that the stellar density near the center of the Galaxy is so high that the
clusters would only be distinguishable for a short fraction of their existence, as low as
5% in some models. Based on this result they conclude that the Galactic Center may
be hiding between 10 and 40 clusters which are similar to the Arches and Quintuplet
clusters, but slightly older and less compact. Similar simulations by Kim et al. (1999)
suggest that very massive stars play an important role in the evolution of these clusters
because relaxation and mass segregation times are comparable to or even smaller than
the lifetimes of the stars.
These clusters are reminiscent of the young clusters found in the central 1.5 kpc of the

merger NGC 7252. Miller et al. (1997) found ≈ 40 such clusters, all less than ≈ 10 Myr
years old based on the (U−B) vs. (V−I) diagram. Hence, it looks like the centers of
galaxies may actually be good places to make star clusters, but few if any will survive
very long. This suggests that a sizeable fraction of the field star population may have
been formed in clusters.

2.2. The Initial Stellar Mass Function (IMF)
The light from young star clusters is dominated by ultraluminous O and B stars. However,
if these were the only stars the cluster would not be stable since the massive stars are
destined to go supernova, returning their mass to the interstellar medium. Hence, the
identification of low mass stars is critical for the survival of the compact star clusters.
In addition, the question of whether the IMF is universal, or is instead a function of the
environment, is a question which is currently being hotly discussed (see reviews by Scalo
1998, Larson 1999, and Elmegreen 1999). I will briefly comment on a few examples where
HST observations of young clusters are relevant to this debate.
The initial stellar mass function is generally parameterized as a power law with an

index Γ. The canonical value of Γ for field stars in the Milky Way is −1.35 (Salpeter
1955). There is a lively debate over the question of how universal Γ is, and in particular,
whether Γ is the same in clusters and in the field. Several authors have argued that the
formation of high mass stars may be favored in starburst regions, which would result in
a lower value of Γ.
Initial measurements of the IMF in 30 Doradus were made by Malumuth & Heap

(1994; found over 800 stars in the inner 8′′ using the WFPC1), and Hunter et al. (1995;
found over 3500 stars in the inner 8′′ using WFPC2). More recently, Massey & Hunter
(1998) measured the IMF down to 2.8 M�, and find that despite the largest number of
high mass and luminosity stars ever seen, the IMF is completely normal. This implies
that the IMF is the same over several orders of magnitudes in density, from field stars
to starburst clusters like 30 Doradus. The large number of O stars is simply a result of
the youth (≈ 2 Myr) and richness of the cluster. A more recent study of WFPC2 images
by Sirianni et al. (2000) detects stars in 30 Doradus roughly 1 magnitude deeper than
Massey and Hunter, and argues that these are pre-main sequence stars in the mass range
0.6–3 M�. They construct the IMF in the range 1.35–6.5 M� and find a flattening below
≈ 2 M�. While there are several examples of a flat IMF for stars less massive than 1 M�
(see Larson 1999), this is the first example of a flattening above this point. However,
Brandl et al. (1996, 2000) find no evidence for a truncation down to at least 1 M�.
Another possible example of a relatively flat IMF, but this time at the high mass

end, are the results of Figer et al. (1999) for the Arches cluster, one of the two massive
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Figure 2. WFPC2 and NICMOS images in an outlying region of 30 Doradus (i.e. the upper
left square inserts in Figure 1) from a 1999 HST press release by Walborn & Barba. Note the
young stars still embedded in dust which are only visible on the NICMOS image (e.g. objects
identified as 2, 3, 6 and 7). Also notice the pillar-like dust feature around object 1 pointing away
from the central star cluster R136 (see Figure 1 for context).

young clusters near the Galactic Center. They find Γ = −0.7 when fitting over the range
6–125 M� for stars in an annulus from 3′′ to 7.5′′. However, incompletion caused by
crowding make this a difficult measurement at the faint end of the mass function. For
example, Figer et al. note incompletion fractions of 50% for stars up to 35 M� in the
inner 3′′. In addition, they find a very flat value of Γ = −0.2 in the region 2.5′′ to 4.5′′,
which may be due to truncation of the faint end by crowding. If we stick to the brighter
end of the mass function from 16 to 125 M�, and only use stars in an annulus from 4.5′′

to 7.5′′, Γ ≈ −1.1, still low, but not too different from the Salpeter IMF.
Hence, while there is tentative evidence for deviations in the IMF for some envi-

ronments, the near uniformity over an extremely wide range of environment is quite
remarkable. Larson (1999) concludes “this large body of direct evidence does not yet
demonstrate convincingly any variability of the IMF, although the uncertainties are still
large. Some indirect evidence based on the photometric properties of more distant and
exotic systems suggests that the IMF may vary in extreme circumstances, possibly being
top-heavy in starbursts and high redshift galaxies.” We also note that low-mass stars are
clearly forming in R136 (e.g. down to 0.6 M�; Sirianni et al. 2000), and in other young
nearby compact clusters such as NGC 3603 (i.e. no evidence for a flattening down to
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1 M�, Eisenhauer et al. 1998, or down to 0.1 M�, Brandl et al. 2000). Hence concerns
that the young clusters will be unstable due to the absence of low mass stars appear to
be unfounded.

2.3. Triggered star formation
30 Doradus has been called a “Starburst Rosetta,” since it is the nearest example of a
young massive starburst cluster and hence can be studied in unique ways that are not
possible for its more distant counterparts. Until recently, 30 Doradus was believed to be
a well evolved H II region, with no current star formation going on. Early indications
that this was not true were the discovery of an H2O maser (Whiteoak 1983) and four
luminous IR protostars (Hyland et al. 1992). More recently, Walborn & Blades (1997)
used optical spectral classification of 106 OB stars to show the presence of five distinct
stellar populations in 30 Doradus, with ages ranging from ≈ 1 to ≈ 10 Myr. Hence, the
simple models of either continuous or single-burst star formation appear to be incorrect.
It now appears that a starburst in one area can trigger the formation of stars in a nearby
region.
Corroborating evidence for this picture has been obtained by Walborn et al. (1999a,b)

using NICMOS, as shown in Figure 1. A roughly spherical shell of “second generation”
star formation, including a host of newly discovered IR sources, can be seen around the
central R136 concentration (Figure 2). Several massive dust pillars are found streaming
away from R136, similar to the famous HST image of the Eagle Nebula. At the heads
of these pillars are the sites where active star formation is currently being triggered.
The molecular gas revealed by the dust provides the raw material for the star formation.
Scowen et al. (1998) shows that these pillars are indeed very similar to the pillars in the
Eagle Nebula. This same picture of a bright compact central cluster which has evacuated
a roughly spherical nebular envelope around it can be seen in a number of the HST press
releases (e.g. NGC 604, N11 in the LMC, NGC 4214).

3. Distant unresolved star clusters
In this section we move further out to where it becomes difficult to resolve the individ-

ual stars, except in extraordinarily extended clusters such as knot S in NGC 4038/4039
(the “Antennae Galaxies,” Whitmore et al. 1999). Historically, most of the early HST
observations of compact star clusters were in merging galaxies, followed shortly by similar
observations in starburst galaxies. More recently, young compact clusters have also been
found in other environments, including barred galaxies, tidal tails, and normal spiral
galaxies.

3.1. Young compact star clusters in merging galaxies
The primary question for many of the early HST studies of merging galaxies was whether
globular clusters were being formed. This possibility was proposed by Schweizer (1987)
and Burstein (1987), primarily to address van den Bergh’s (1990) objection to the merger
model based on the higher specific frequency of globular clusters in elliptical galaxies.
Ashman & Zepf (1992) and Zepf & Ashman (1993) further developed these ideas, and
made predictions about the bimodality of the metallicity histogram of globular clusters
that should result if most ellipticals are formed by merging spirals.
A hint that young globular clusters might be formed in mergers was provided by

Schweizer’s (1982) observations of six unresolved bluish knots in the merger remnant
NGC 7252. However, with so few objects he could not be sure they were not simply
field stars. Lutz (1991) observed roughly a dozen blue, point-like objects in the merger
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Figure 3. Image of the Antennae Galaxies (NGC 4038/4039) from Whitmore et al. (1999).

remnant NGC 3597, but was not able to resolve the objects and hence could not be
certain they were not associations or giant H II regions.
As briefly discussed in §1, the HST observations of NGC 1275 by Holtzman et al.

(1992) provided the original breakthrough and was the primary catalyst in this field.
They discovered a population of about 60 blue compact clusters, and suggested that
they were protoglobular clusters which formed ≤ 300 Myr years ago during a merger
of NGC 1275 with another galaxy. Unfortunately, NGC 1275, the central cooling-flow
galaxy in the Perseus cluster, is such a peculiar galaxy that it is not clear which of
its peculiarities is responsible for the formation of the young clusters (e.g. see Richer
et al. 1993, who suggested that the cooling flows are responsible for the formation of the
clusters).
Whitmore et al. (1993), using WFPC1 observations of the prototypical merger remnant

NGC 7252 (Toomre 1977), found a population of about 40 blue point-like objects with
luminosities and colors nearly identical to those found in NGC 1275. Unlike NGC 1275,
with all its peculiarities, NGC 7252 is an isolated galaxy which therefore provided a much
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Figure 4. Blowup of two of the brightest clusters in the Antennae (left) and the central
regions of the two galaxies (right) from Whitmore et al. (1999).

cleaner connection between the formation of young star clusters and merging galaxies.
Whitmore & Schweizer (1995) followed this up with pre-refurbishment observations of
another prototypical merger, NGC 4038/4039 (see Figures 3 and 4). Over 700 young star
clusters were found in this galaxy. Subsequent observations of both these galaxies using
WFPC2 (NGC 7252—Miller et al. 1997; NGC 4038/4039—Whitmore et al. 1999) have
increased the numbers of cluster candidates tenfold.
Roughly 30 different gas-rich mergers have now been observed with HST , as summa-

rized in Table 2. In all cases young massive compact clusters have been observed, the
brightest of which have the luminosities, colors, sizes, masses, distributions and spectra
that we would expect for globular clusters with ages in the range 1 to 500 Myr . A few of
the key observations are described below, but the reader is referred to the papers listed
in Table 2 for the details.

3.1.1. Luminosities and colors
The luminosities of young globular clusters with ages ≈ 10 Myr should be ≈ 5–6 mag-

nitudes brighter than classical old globular clusters, according to the Bruzual & Charlot
(1996) models. The models also predict that young globular clusters should be ≈ 1.0–1.2
magnitude bluer in (V−I). Figure 5 shows that this is indeed the case. It also shows
how the luminosities and colors of the clusters can be used to age date the clusters.
NGC 4038/4039 is clearly the youngest merger remnant, with the mean age of the clus-
ters ≈ 30 Myr and many clusters only a few Myr old. The clusters in NGC 3921 and
NGC 7252 are roughly 500 Myr old while NGC 3610 appears to be a 4± 2 Gyr merger
remnant (Whitmore et al. 1997) which may provide the missing link between young
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Figure 5. Plot of the evolution in luminosity (∆ V) and in color (∆ (V−I)) of star clusters,
based on the Bruzual-Charlot (1996) tracks for a metal-poor population (solid line) and a
solar metallicity population (dashed-dot line). The values are normalized to an old, metal-poor
population (filled triangle). Ages in Gyr for the solar metallicity track are marked with squares.
See the original article for further details (Whitmore et al. 1997).

mergers and old ellipticals. The case is less certain for NGC 1700, although Brown et al.
(2000) have recently claimed that this galaxy also has a population of metal-rich clusters
that are 3± 1 Gyr old.
3.1.2. Sizes
The ability to measure sizes using HST has been critical to the identification of the

young clusters in mergers as candidate globular clusters. Ground based observations,
such as those of Lutz (1991), were inconclusive, since they were not able to resolve the
clusters to determine whether they were associations or H II regions, with Reff ≈ 100 pc,
or compact clusters similar to the globular clusters in the Milky Way, with Reff ≈ 3 pc
(van den Bergh, 1996). Early HST observations using WFPC1 indicated that the clusters
were compact, with Reff ≈ 10 pc (Whitmore & Schweizer, 1995). However, van den Bergh
(1995) argued that this was too large, and the clusters were more likely to be open
clusters. Meurer et al. (1995) found that the compact clusters he was studying in very
nearby starburst dwarfs were smaller, with Reff ≈ 2 pc. He suggested that the apparently
larger values in the Antennae were due to poorer resolution and crowding.
Recent observations using the WFPC2 (corrected for spherical aberration) have re-

moved this concern. Several authors have recently measured Reff for young clusters in
mergers in the range 3–6 pc (i.e. NGC 3921—Schweizer et al. 1996, NGC 7252—Miller
et al. 1997, NGC 3610—Whitmore et al. 1997, and NGC 1275—Carlson et al. 1998). Per-
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haps the best case is for the Antennae galaxies as measured by Whitmore et al. (1999),
since this is the nearest of the prototypical mergers and the observations were made
with subpixel dithering which improves the resolution still further. They find the median
effective radii for the clusters is Reff = 4 ± 1 pc, similar to or slightly larger than those
of globular clusters in the Milky Way.

3.1.3. Ages

Ages for the clusters have been estimated in a variety of manners. Figure 5 demon-
strates how the luminosities and colors can be used to estimate the ages, as already
discussed in §3.1.1. More precise age estimates are possible with more colors, and pro-
vide an independent means of solving for the age and the reddening caused by dust. For
example, Whitmore et al. (1999) use UBVI photometry and reddening-free Q parameters
to determine ages for the clusters in the Antennae (Figure 6). They find evidence for four
populations of clusters, ranging in age from < 5 Myr to 500 Myr. They also isolate a
population of old globular clusters in this galaxy. Hence, it appears that we can study
the entire evolution of globular clusters in this single galaxy. This is consistent with the
simulations of Mihos, Bothun, & Richstone (1993) who find that the merger process takes
several hundred million years to complete, hence producing clusters with a wide range
of ages.
Hα can be used in two ways to estimate the ages of the younger clusters. The existence

of Hα emission itself indicates that a cluster is <∼ 10 Myr, since the O and B stars required
to ionize the gas only live for this long (e.g. see the Leitherer & Heckman 1995 models).
The second method is to use the size of the Hα ring around a cluster. Whitmore et al.
estimate that the clusters in the western loop of NGC 4038 are 5–10 Myr, since many
of them have rings with diameters of ≈ 100–500 pc and measured expansion velocities
≈ 25–30 km s−1 (Whitmore et al. 1999). The clusters in the overlap region appear to be
< 5 Myr old, since the rings are smaller or non-existent in this region.
The most accurate method of estimating ages is to obtain spectra. Zepf et al. (1995)

obtained spectra of the brightest cluster in NGC 1275 which showed strong Balmer
absorption lines, typical of A stars. They estimate ages of 500 Myr for the clusters,
although ages from 100–900 Myr cannot be ruled out. Schweizer & Seitzer (1998) obtained
UV-to-visual spectra of eight cluster candidates in NGC 7252. Six of the clusters have ages
in the range 400–600 Myr, roughly consistent with the mean photometric age estimate of
650 Myr from Miller et al. (1997). One cluster turned out to be an emission-line object
with an age estimate of < 10 Myr, indicating that cluster formation is still going on at a
low level even in the outer parts of the galaxy. Whitmore et al. (1999) obtained GHRS
spectra of two clusters in the Antennae with age estimates of 3±1 Myr and 7±1 Myr, in
good agreement with the estimates based on the UBVI colors and the Hα morphology.
The youngest clusters appear to be very red objects, which Whitmore & Schweizer

(1995) suggested were only now emerging from their dust cocoons. Several of these have
recently been identified as strong IR sources (Vigroux et al. 1996, Mirabel et al. 1998,
Wilson et al. 2000, Gilbert et al. 2000, Mengel et al. 2000). In fact, the brightest IR source
in the Antennae is one of these very red objects (WS80), rather than the nucleus of one of
the two galaxies. Wilson et al. (2000) find three separate molecular clouds around WS80
within a region of 1 kpc2, and suggest that cloud-cloud collisions may play an important
role in cluster formation. However, the lack of similar morphologies for the other very
red objects suggest that this may not be the universal mechanism.
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Figure 6. Color-color diagram and reddening-free Q parameter diagram for clusters in the
Antennae. The numbers on the plots are the values of log(age). See Whitmore et al. (1999) for
details.

3.1.4. Mass
Mass estimates of young compact clusters have been made in two ways. The first is

based on the luminosity and color of the clusters using stellar population models such
as Bruzual & Charlot (1996). These estimates generally range from 103 to 107 M� (see
Tables 1 and 2), in good agreement with old globular clusters with a mean of 2×105 M�
(Mandushev, Spassiva & Staneva (1991). A more direct method of determining the mass
is to measure the velocity dispersion of the stars in the clusters. Observations have been
obtained for nine clusters so far (two in NGC 1705 and one in NGC 1569 by Ho &
Fillipenko 1996; two in M82 by Smith & Gallagher 2000, 4 in NGC 4038/39 by Mengel
et al. 2000). The dispersions range from 10–20 km s−1 and the masses range from 1×105
to 4× 106 M�, in good agreement with values for the more massive old globular clusters
in the Milky Way. The size and dispersion measurements also show that the crossing
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times for the clusters are ≈ 1 Myr. Hence, even the younger clusters have survived
many crossing times. The older clusters in NGC 7252, NGC 3921, NGC 4038/4039, and
NGC 1275 (≈ 500 Myr; see Tables 1 and 2), have survived for several hundred crossing
times and appear to be quite stable. Their densities are ≈ 105 M� pc−3, similar to old
globular clusters, hence these clusters will almost certainly last for tens of Gyr.

3.1.5. The luminosity function
To first order, the luminosity functions of young compact clusters in merging galaxies

are power laws of the form φ(L)dL ∝ LαdL, with index α ≈ −2 (Table 1). Harris &
Pudritz (1994) have pointed out that the mass function for giant molecular clouds is
also a power law with a similar index. Hence, all that may be necessary is a triggering
mechanism to get the molecular clouds to collapse and form star clusters. Jog & Solomon
(1992) have suggested that merger induced starbursts can raise the ambient pressure
in the ISM and trigger the implosion of the molecular clouds. Elmegreen & Efremov
(1997) agree that high-pressure environments are needed to trigger the star formation
and suggest other mechanisms might be the high background virial density (e.g. in dwarf
galaxies), turbulent compression, or large-scale shocks (in interacting galaxies).
The power law index for the young clusters is markedly different than the Gaussian

profile found for old globular clusters (e.g. Figure 3 of Zhang & Fall 1999). However,
various destruction mechanisms (e.g. 2-body evaporation, bulge and disk shocking, dy-
namical friction, stellar mass loss) should modify the distribution with time. Two-body
evaporation appears to be the strongest amongst these mechanisms, destroying the fainter
more diffuse clusters first, and in certain conditions leaving a peaked distribution similar
to what is seen for old globular clusters (e.g. Fall & Zhang, 2001). This is similar to
young clusters in the Milky Way with the OB associations typically only lasting tens of
Myr, and open clusters lasting hundreds of Myr. Other examples of clusters which are
apparently dissolving are the Arches and Quintuplet clusters near the Galactic Center,
since no older clusters are seen in their vicinity, and the ≈ 40 clusters in the inner 6′′ of
NGC 7252, which all have ages less than about 10 Myr (Miller et al. 1997). Finally, the
number of young clusters in the Antennae galaxies is so large that it requires most of the
clusters to dissolve or the value of SN will be too high when it settles down to become
an elliptical (Whitmore et al. 1999).
Fritze-v.Alvensleben (1999), following a similar line of reasoning to Meurer (1995), has

attempted to determine the mass function for the clusters in the Antennae using the
color information from the WFPC1 observations by Whitmore & Schweizer (1995). She
concludes that the original mass function is a Gaussian which gets spread out in time
to form the power law luminosity function we observe today. However, their analysis
does not take into account the fact that the cutoff in the observed luminosity function
is due to incompletion at the faint end (see Zhang & Fall 1999 for a discussion). When
convolved with uncertain age estimate used to convert from luminosity to mass (e.g. due
to reddening from dust and the availability of only V−I colors), the resulting distribution
will artificially appear to be roughly Gaussian. A more complete treatment by Zhang &
Fall (1999), using UBVI colors based on WFPC2 observations by Whitmore et al. (1999)
and corrections for reddening and incompletion, concludes that the mass function is
roughly a power law.
There is some evidence that the luminosity function for the young clusters is not a

perfect power law, but is steeper for bright magnitudes (NGC 4038/4039—Whitmore
et al. 1999, NGC 3256—Zepf et al. 1999). In the Antennae, Whitmore et al. (1999) find
that the cluster luminosity function appears to have a bend at MV ≈ −10.4 (≈ −11.4
after making a correction for extinction). For absolute magnitudes brighter than MV ≈
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Figure 7. Luminosity of cluster candidates in the Antennae as a function of their ages
(from Zhang & Fall, 1999, Fig. 2). The lines represent the Bruzual-Charlot (1996) tracks with
log(M/M�) = 6.0 (top), 5.5, 5.0, 4.5, and 4.0. See Zhang & Fall for further details.

−10.4 the power law is steep and has an exponent of α = −2.6± 0.2, while for the range
−10.4 < MV < −8.0 the power law is flatter, with α = −1.7 ± 0.2. Assuming a typical
age of 10 Myr for the clusters, and 1 mag of extinction, the apparent bend in the LF
corresponds to a mass ≈ 1× 105 M�, only slightly lower than the characteristic mass of
globular clusters in the Milky Way. A similar bend may be present in the mass function
derived by Zhang & Fall (1999). The bend may be a precursor to what will become the
peak of the globular cluster luminosity function.

3.2. Young compact star clusters in starburst galaxies
Young compact star clusters are also found in many starburst galaxies, but in much
smaller numbers than the merging galaxies. Meurer et al. (1992), using ground-based
observations, found a population of young clusters in the nearby starburst dwarf galaxy
NGC 1705, the brightest of which was an unresolved off-center nucleus which they pro-
posed as a young (13 Myr) globular-like cluster with a mass ≈ 1.5×106 M�. Meurer et al.
(1995) followed this up with an extensive study of nine starburst galaxies obtained with
the Faint Object Camera on HST . All nine of the galaxies contained young compact star
clusters. On average, 20% of the UV light from the galaxies comes from the clusters. The
brightest clusters are preferentially found near the centers of the galaxies. They find the
sizes are similar to Galactic globular clusters and the luminosity function has an index
≈ −2. Hence, the clusters found in the starburst galaxies appear to be similar to the
clusters found in merging galaxies.
Several other authors find similar examples in other starburst galaxies, as listed in

Table 3. Conti & Vacca (1994) observed 19 “knots” in the Wolf-Rayet galaxy He 2−10,
each with a luminosity, mass, and size similar to Galactic globular clusters. Other early
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observations include those of O’Connell et al. (1994) for NGC 1569 and NGC 1705,
Hunter et al. (1994) for NGC 1140, and Watson et al. (1996) for NGC 253.
The case of M82, the prototypical starburst dwarf galaxy, is especially interesting.

O’Connell et al. (1995) find a complex of over 100 compact, luminous “super star clusters”
concentrated in the inner 100 pc of the galaxy shining though a relatively dust free region.
The brightest cluster has MV = −13.2 while the mean MV is −11.6 mag. Since most of
this galaxy is embedded in dust the total number of young clusters is likely to be several
times this value. It is quite possible that the starburst in M82 was triggered by a tidal
interaction with its larger neighbor, M81, hence it is not clear whether M82 (or several
other starburst galaxies with evidence for interactions) should be in this section or in the
previous section on interacting galaxies. De Gris, O’Connell, & Gallagher (2001) studied
a region farther from the center of M82 where active star formation is not occuring. They
estimate the ages of the clusters in this region at 20–100 Myr. They find that the objects
in the outer regions have sizes in the range 2.3 < Reff < 8.4 pc. While the lower value is
similar to the sizes of galactic globular clusters, the higher value is more typical of open
clusters. They also find that the brightest clusters have MV ≈ −10 mag, and most are in
the range −5 to −7 mag. Hence, most of these clusters are too faint to become globular
clusters since they will fade several magnitudes as the stars evolve. It appears that this
region is not able to form the true “super star clusters” seen near the center of M82 and
in other merger and starburst systems.
The lesson appears to be that luminous young star clusters are found whenever there

is vigorous star formation, whether it be in mergers or starburst galaxies. Since the
ultraluminous IRAS sources are essentially all mergers (Sanders et al. 1988), it is not
surprising that mergers show the largest populations of young star clusters.

3.2.1. Young compact star clusters in barred galaxies
Barth et al. (1995) found young clusters in the circumnuclear star-forming rings around

the barred spiral galaxies NGC 1097 and NGC 6951. The clusters are compact, with
Reff ≈ 2.5 pc in NGC 1097 and ≤ 4 pc in NGC 6951. The brightest cluster has
MV (uncorrected for extinction) = −12.6. They estimate an intrinsic MV in the range
−14 to −15, since the clusters are on the outer edges of prominent dust lanes. Hence,
these clusters appear to be quite similar to clusters in merging and starbursting galaxies.
Buta et al. (2000) have done a careful analysis of young compact clusters in the nuclear
ring of NGC 1326, an early-type barred spiral in the Fornax cluster. They find 269 can-
didate clusters with ages in the range 5 to 200 Myr, but no clusters older than this.
The older clusters still lie within the ring, with no evidence of migration. The luminosity
function has an index of −2.1, similar to the other compact clusters discussed in this
review, but the brightest clusters are fainter than the brightest clusters found in mergers
or starburst galaxies, with no MV (uncorrected) brighter than −11. The authors conclude
that this galaxy lacks any true super star clusters, and suggest that super star clusters
are not a universal property of star-forming rings. It is interesting to note that while the
strong Lindblad resonance in this galaxy can produce clusters with a typical power-law
luminosity function, it apparently cannot form the brightest clusters which are the best
candidates for protoglobular clusters.

3.3. Young star clusters in spiral galaxies
Larsen & Richtler (1999) carried out a systematic ground-based search for young massive
clusters in 21 nearby non-interacting spiral galaxies and found young massive star clusters
in about one quarter of the galaxies. In a followup paper (Larsen & Richtler 2000), they
add a variety of other galaxies to the sample from the literature, including merging and
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Figure 8. Plot of the specific luminosity for the clusters in the U band vs. the star formation
rate per unit area for a sample of spiral, starburst, and merging galaxies (from Larsen & Richtler
et al. 2000, Fig. 6).

starbursting galaxies, in order to test what conditions are most advantageous for making
large numbers of massive clusters. They define the specific cluster frequency (not to be
confused with the specific globular cluster frequency, SN , see Harris 1991) as the fraction
of light in clusters to the fraction of light in the total galaxy: TL = 100×Lclusters/Lgalaxy.
They prefer to make the measurement in U which is most sensitive to young clusters.

Their primary result is that TL(U) is well correlated with the star formation rate per unit
area (Figure 8). Galaxies with very active star formation form proportionally more of
their stars in clusters than in the field, with some merger and starburst galaxies devoting
as much as 15–20% of their luminosity to clusters. Note that this is precisely what is
needed to increase the specific globular cluster frequency, a concern voiced by Harris
(1999). Larsen & Richtler (2000) also argue that “The cluster formation efficiency seems
to depend on the SFR in a continuous way, rather than being related to any particularly
violent mode of star formation.”
Closer to home, Chandar et al. (1999) have used WFPC2 observations to study the

young compact clusters in M33. They finds 44 young clusters with ages ≤ 100 Myr and
masses in the range 6×102 to 2×104 M�. Hence, M33 appears to be able to make many
young compact clusters, but few if any with the masses of regular globular clusters.

3.3.1. Young compact star clusters in tidal tails
Knierman et al. (2000) have examined six tidal tails in four prototypical mergers

(NGC 3256, NGC 3921, NGC 4038/4039 and NGC 7252). They find that only one of
the tails (the western tail of NGC 3256) currently has a large number of young compact
clusters (i.e. ≈ 50 clusters with the brightest having MV ≈ −10 mag). It is not clear
whether the clusters were formed when the tidal tail was ripped from the galaxy or are
currently forming. Some of the other tails appear to have only a few young clusters, (e.g.
NGC 7252 and NGC 3921) while others (e.g. NGC 4038/39) appear to have essentially
no clusters in the tails. Hence, it appears that there is a wide range in the number of
clusters in tidal tails, perhaps due to differences in how the tails were generated (e.g. gas-
rich versus gas poor, deep penetrating orbit versus quiescently being pulled out from the
outer regions of the galaxy, etc.). Other studies including observations of young compact
star clusters in tidal tails include Lee, Kim & Geisler (1997), Tyson et al. (1998), and
Gallagher et al. (2000).
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4. A compilation of the literature and a discussion of broader issues

Tables 2, 3, and 4 provide a compilation of HST (and occasionally key ground-based)
observations of young compact star clusters in merging, starbursting, and miscellaneous
other galaxies.
Based on the discussion in §2 and 3, and the compilation in Tables 1, 2, 3, and 4,

it is clear that luminous young compact star clusters are produced in a wide variety of
environments, but in much greater number in mergers and starburst galaxies, systems
where vigorous star formation is occurring. A similar conclusion was reached by van
den Bergh (2000), who comments, “Presently available data strongly suggest that the
specific cluster forming frequency is highest during violent bursts of star formation.” In
addition, the most luminous clusters are formed in the regions with the most violent star
formation.
An important question is whether this is a statistical effect due to the lower number of

clusters in galaxies with low star formation, or whether it is physically more difficult to
form massive clusters in relatively quiescent systems (i.e. is there a cutoff at the high end
of the luminosity function for quiescent galaxies?). The situation may be analogous to
the upper IMF in 30 Doradus. It was presumed that the large number of very luminous
stars indicated that conditions in 30 Doradus were especially conducive for making high
mass stars. However, Massey & Hunter (1998) find that the IMF is normal; that the large
number of massive stars is simply due to the tremendous number of stars in the system
and the young age of the cluster.
The most straightforward approach to answering this question would be to look at

the mass function of the clusters for a variety of galaxies. Unfortunately, this is quite
difficult given the large amounts of dust and the dimming caused by stellar evolution.
The only galaxy where this has been attempted in detail is the Antennae (Zhang & Fall
1999). However, we can attempt to make the comparison using the luminosity function, as
shown in Figure 9 for 8 galaxies. We find that all the galaxies have luminosity functions
with similar slopes, with an average power law index α = −1.93 ± 0.06 (uncertainty
in the mean; the scatter is 0.18). The primary difference is the normalization of the
luminosity function, with NGC 3256 and NGC 4038/39 having large numbers of clusters
while NGC 3921 and HE 2−10 have relatively few clusters. There is no obvious trend
for a cutoff at high luminosity for the more quiescent galaxies, suggesting a universal
luminosity function is a reasonable approximation.
Such an approach is oversimplified for a number of reasons, primary amongst them

being that the luminosity of the clusters vary with time. For example, a single-age burst
population will evolve to the right in Figure 9, making it difficult to determine whether
the luminosity function is lower because of evolution or due to a smaller number of clusters
originally forming. Other difficulties with this simple model are that it assumes similar
star formation histories for the various galaxies (e.g. continuous rather than sporadic
bursts at different times), and ignores the fact that the faint end will probably undergo
rapid evolution as the faint clusters dissolve. Nevertheless, to first order the luminosity
functions appear to be remarkably similar in form.
Another approach which allows us to increase the sample at the expense of more scatter

for any particular galaxy is to plot the magnitude of the brightest cluster vs. the number
of clusters in the galaxy, as shown in Figure 10. This figure uses the groundbreaking
survey of Larsen & Richtler (2000), with the additions of some new points for merging
and starbursting galaxies drawn from the papers in Tables 2, 3, and 4. We find a clear
trend between the number of clusters observed and the magnitude of the brightest cluster.
The solid line is the fit to the data (excluding NGC 1569) with a slope = −2.3 ± 0.2.
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Reference Brief Description

Schweizer (1982) NGC 7252 (ground-based, 6 knots, stat. significant?)
Lutz (1991) NGC 3597 (ground-based, ≈ 10 knots, lacked resolution)
Holtzman et al. (1992) NGC 1275 (proposed “protoglobular clusters,” n = 60)
Whitmore et al. (1993) NGC 7252 (prototypical merger, n = 40)
Crabtree et al. (1994) NGC 7727 (ground-based)
Whitmore & Schweizer (1995) NGC 4038/4039 (n = 700, Antennae galaxies)
Zepf et al. (1995) NGC 1275 (ground-based spectra, .1–1 Gyr)
Borne et al. (1996) Cartwheel galaxy (clusters in rings)
Holtzman et al. (1996) NGC 3597, NGC 6052 (mergers, not cooling flows)
Schweizer et al. (1996) NGC 3921 (102 candidate globulars, 49 “associations”)
Hilker & Kissler-Patig (1996) NGC 5018 (several hundred Myr to 6 Gyr)
Miller et al. (1997) NGC 7252 (n = 499, 3 pop., < 10 Myr for R < 6′′)
Whitmore et al. (1997) NGC 1700, NGC 3610 (missing link with ellipticals?)
Schweizer & Seitzer (1998) NGC 7252 (spectra, n = 8, ages, metallicities)
Brodie et al. (1998) NGC 1275 (ground-based spectra, age ≈ 450 Myr)
Carlson et al. (1998) NGC 1275 (n = 3000, mix of red and blue clusters)
Johnson et al. (1998) NGC 1741 (starburst, interacting, Hickson group)
Stiavelli et al. (1998) NGC 454 (5–10 Myr, effects of emission on photometry)
Dinshaw et al. (1999) NGC 6090 (n = 4, NICMOS observations)
Zepf et al. (1999) NGC 3256 (n = 1000, 15–20% of U light, break in LF?)
Whitmore et al. (1999) NGC 4038/4039 (n = 800 to 8000, break in LF?)
Gallagher et al. (2000a) Stephan’s Quintet (n = 150, galaxies and tidal tails)
Alonso-Herrero et al. (2000) Arp 299 (ULIRG, n = 40)
Forbes & Hau (2000) NGC 3597 (ground-based, K band, α = −2)
Johnson & Conti (2000) HCG 31 (several in Hickson Compact Group 31)
Gilbert et al. (2000) NGC 4038/39 (IR spectra, ages, masses)
Mengel et al. (2001) NGC 4038/39 (IR spectra, ages, masses)

Table 2. Observations of interacting galaxies with young star clusters

Reference Brief Description

Arp & Sandage (1985) NGC 1569 (ground-based, coined “super star clusters”)
Kennicutt & Chu (1988) LMC (cores of H II regions may be globular clusters)
Meurer et al. (1992) NGC 1705 (ground-based, 106 M�)
Conti & Vaca (1994) He 2-10 (Wolf-Rayet galaxy, 1–10 Myr, 105–106 M�)
Hunter et al. (1994) NGC 1140 (n = 7, merger?, 3–15 Myr)
O’Connell et al. (1994) NGC 1569, 1705 (n = 3, Reff≈ 3 pc, density � R136)
Meurer et al. (1995) 9 starbursts (20% of UV from clusters, α = −2)
O’Connell et al. (1995) M82 (n ≈ 100, Reff = 3.5 pc, near center)
Watson et al. (1996) NGC 253 (n = 4, brightest = −15 mag and 1.5 × 106 M�)
Leitherer et al. (1996) NGC 4214 (FOC and FOS, n = 200, 4–5 Myr)
de Marchi et al. (1997) NGC 1569 (1569A is superposition of two clusters)
Ho & Fillppenko (1997) NGC 1705, NGC 1569 (spectra, velocity disp., 3.3× 105 M�)
Calzetti et al. (1997) NGC 5253 (BCG, n = 6, 2.5 Myr, ≈ 106 M�)

Östlin et al. (1998) ESO338−IG04 (BCG)
De Grijs et al. (2001) M82 (outer region, 20–100 Myr, fainter than −10 mag)
Gallagher et al. (2000) NGC 7673, NGC 3310, Haro I (clumps of SSCs)
Johnson et al. (2000) He 2−10 (Wolf-Rayet galaxy, WFPC2, Hα, GHRS)
Smith et al. (2000) M82 (ground-based spectra, 60 Myr, 2 × 106 M�)

Östlin (2000) Mrk 930, ESO185−IG13, ESO350−IG38 (BCGs)
Meurer (2000) NGC 3310 (0–few 100 Myr, continuous formation)

Table 3. Observations of starburst galaxies with young star clusters
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Figure 9. Approximate luminosity functions for galaxies in Table 1, normalized to have
0.25 mag bins.

The dotted line shows the trend expected if there is a universal luminosity function with
α = −2 and the increase in the luminosity is simply due to a larger sample of clusters (i.e.
the slope is −2.5). Again, to first order it appears that a universal luminosity function can
explain the data, even with the large scatter expected from low number statistics, non-
uniform databases, differences in selection criteria, and differences in cutoff magnitudes
(only those with cutoffs ≈ −9 have been included).
However, this may not be the whole picture. It is easy to think of examples that do

not appear to fit this picture. For example, the brightest clusters in NGC 1569 and
NGC 1705 are 2–3 magnitudes brighter than the second brightest cluster in the galaxy
(O’Connell, Gallagher & Hunter 1994, see Figure 9 of Meurer et al. 1995 which provides
a graphical representation for NGC 1705), suggesting something special is happening in
these clusters. In addition, many galaxies are currently forming a few very young compact
clusters (e.g. the central regions of the Milky Way and NGC 7252) which, assuming a
steady formation rate over a long period of time, implies that a few very massive clusters
should eventually form, based on the statistics. These appear to be missing. However, it is
possible that the young clusters are forming in regions that are not conducive to the long-
term survival of the clusters, such as near the center of the galaxy (Figer et al. 1999), or
in spiral arms where frequent encounters with giant molecular clouds may disrupt young
clusters. Conversely, conditions appear to be globally conducive to forming clusters in
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Reference Brief Description

Barth et al. (1995) NGC 1097, NGC 6951 (barred, 2–3 pc, n = 88 and 24)
Holtzman (1996) Abell 496, 1795, 2029, 2597 (not related to cooling flows)
Lee et al. (1997) UGC 7636 (dwarf near NGC 4472, n = 18, tidal tail)
Carollo et al. (1997) 35 spirals (MV vs. Re diagram)
Bresolin et al. (1998) OB associations and populous clusters in seven spirals
Tyson et al. (1998) NGC 5548 (in tidal tail of Seyfert galaxy)
Buta et al. (1999) ESO 565-11 (barred, n = 700, 4–6 Myr, α = −2.2)
Chandar et al. (1999) 44 clusters in M33 (6 × 102–105 M�)
Buta et al. (2000) NGC 1326 (barred, n = 269, 5–200 Myr)
Chandar et al. (2000) 4 clusters in NGC 6822, spectroscopy, ages
Larsen & Richtler (2000) 21 spirals (ground-based spirals, also mergers & starbursts)
Gallagher et al. (2000) Stephans’ Quintet (Hickson compact group)
Knierman et al. (2000) Tidal tails in 4 mergers (not all have clusters)

Table 4. Observations of other galaxies with young star clusters

Figure 10. Plot of the magnitude of the brightest cluster vs. the log of the number of clusters.
Filled circles are spiral galaxies from Larsen & Richtler (2000), open circles are mergers, stars
are starbursting galaxies, and the half filled square is a barred galaxy (Table 1). The solid line is
a best fit (excluding NGC 1569) while the dashed line is the prediction from a universal power
law luminosity function with index α = 2. See text for more details.
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merging galaxies, where violent relaxation will populate all available orbits. These clusters
are more likely to survive.

5. Current and future questions
The HST observations of star clusters have answered many questions, but typical of

any active field of science, they have introduced even more new questions. Here are some
of the fundamental questions that should be addressed over the coming decade.

5.1. Will some of the young compact clusters survive to become classical globular
clusters, and if so, how many?

Historically, astronomers have been approaching this question from two different direc-
tions. Looking at resolved clusters, Kennicutt and Chu (1988) concluded “that populous
clusters may be forming in giant H II regions, but only a small fraction of giant H II
regions are likely to contains such clusters.” The prototype for this idea is 30 Doradus.
For the more distant galaxies where the clusters are not well resolved, most of the original
motivation came from trying to understand the specific frequency of globular clusters in
elliptical galaxies (Schweizer 1982, Burstein, 1982, Ashman & Zepf 1992). As pointed out
in §3.1.5, we actually need the vast majority of clusters to dissolve or we end up with
specific globular cluster frequencies that are too high.
It now seems well established that some of the young compact clusters will survive

to form globular clusters. For example, in NGC 7252 and NGC 3921 the clusters are
already 500 Myr (several hundred crossing times), have the distribution expected of
globular clusters, and have the same masses and densities of classical globular clusters.
In addition, intermediate-age clusters with ages ≈ 3 Gyr are found in dynamically young
ellipticals (e.g. Whitmore et al. 1997, Goudfrooij et al. 2000). The remaining question is
how many of the clusters will survive and become old globular clusters. In particular, is
this how the red (metal-rich) population of globular clusters found in elliptical galaxies
are formed, as Ashman & Zepf (1992) propose, or is this just a minor trace population?
For example, Schweizer et al. (1996) concludes that the total number of globular clusters
in NGC 3921 has increased by only 40%. While sizeable, this may not be enough to
explain the increase in SN in ellipticals unless the typical elliptical has several major
mergers in its lifetime. In addition, a clear prediction from Ashman & Zepf is that the
ratio of red (metal-rich) to blue clusters should increase for high SN galaxies. However,
Forbes, Brodie, & Grillmair (1997) find that the number of red clusters does not increase
with SN . It is possible that this is because their sample is dominated by ellipticals in
clusters of galaxies, where other mechanisms might also be operating (e.g. stripping the
globular clusters out of nearby dwarf galaxies; see the Harris review in this volume).
In summary, it appears that many of the brighter young compact clusters will become
classical globular clusters, but the jury is still out on whether this is the cause of the
increase in SN for elliptical galaxies.

5.2. What fraction of stars are formed in clusters?
Since only a subsample of the young clusters are likely to survive, an obvious question
is whether most of the field stars in a galaxy are originally formed in clusters. In the
Milky Way, approximately 0.1% of the stars are currently in globular clusters. However,
in some starbursting and merging galaxies the fraction of light from the clusters is as
high as 20% (Meurer et al. 1995). Even in these young star forming regions many of the
field stars are from clusters that have already dissolved, hence the true percentage of
stars that were originally in clusters is even higher, and might conceivably be ≈ 100%.
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HST observations may allow us to answer this question by determining the rate at
which clusters dissolve. For example, if we were to assume that the Antennae has been
making clusters at the same rate for the past 200 Myr (a rather uncertain assumption
to say the least), we could use Figure 2 from Zhang & Fall (reproduced as Figure 7) to
show that for every 20 clusters originally formed, only about one will survive to an age of
≈ 100 Myr (i.e. there are roughly the same number of clusters in the 0–10 Myr age bin as
in the 20–200 Myr age bin). While this very crude calculation is probably not justifiable
for a single galaxy, which we may be catching during the peak of cluster formation, once
a larger sample becomes available this would be a reasonable approach.
An intriguing result is the finding that the luminosity function in the Ursa Major dwarf

spheroidal galaxy and the globular cluster M15 are essentially indistinguishable (Wyse
et al. 1999), even though the densities differ by three orders of magnitude. It is tempting
to suggest that perhaps most of the stars are formed in groups and clusters, and that the
field stars are simply the remnants of the fainter, less dense clusters which have dissolved.

5.3. What fraction of star formation is triggered by other star formation?

There appears to be a variety of ways to form stars (e.g. gravitational instabilities,
shocks between colliding clouds of gas, enhanced pressure of the ISM, etc.). As discussed
in §2.3, HST observations suggest that star formation can also be triggered by nearby
bursts of star formation (e.g. around 30 Doradus; see Figures 1 and 2). An interesting
question is what fraction of all stars have been formed this way? At any one time only
a relatively small fraction of star formation appears to be triggered (e.g. the clusters
around 30 Doradus are relatively modest compared to 30 Doradus itself). However, in
principle this is a self-propagating process which may continue over a much longer period
of time, hence it is possible that overall a relatively large fraction of star formation is
triggered. The fact that much of the triggered star formation is still embedded in dust
clouds makes it difficult to obtain a complete census. New observations with the NICMOS
+ cryocooler, and the IR channel of the WFC3, will help answer the question of how
important this mechanism is to the total production of stars in a galaxy.

5.4. Is a massive open cluster the same as a low-mass globular cluster?

The fact that the luminosity functions for young clusters are power laws begs the question
of whether there is anything fundamentally different between a massive open cluster and a
low-mass globular cluster. Are we looking at a continuum, or a bimodal distribution with
fundamentally different formation mechanisms for open clusters and globular clusters?
It seems possible that the distinction between the two is artificial, and is due to the fact
that we live in a galaxy which had an initial burst of star formation 14 Gyr ago but no
major bursts since then. The only clusters that have survived from the initial burst are,
by necessity, massive and compact. These we call globular clusters. In the present epoch,
the star formation rate is percolating at a much lower rate and we are only able to see
the spectrum of clusters from associations to open cluster. We do not see young globular
clusters for several possible reasons. First, they should only form very rarely, since the
star formation rate is so low (see §4). Second, we would probably call them open clusters
anyway, since we are not used to calling anything young a globular cluster. Indeed, there
is overlap in the masses of open and globular clusters. Candidate open cluster/globular
clusters might include M67 (5 Gyr), Be 17 and Lynga 7, which according to Phelps et al.
(1994), may be as old as the youngest globular clusters.
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5.5. Can we develop a unified picture of cluster formation that explains all this?
While we are making good progress understanding many pieces of the puzzle, how it all
fits together is a much tougher question. Is it possible to develop a universal model that
provides a framework for understanding cluster formation both near (e.g. the classic pic-
ture of associations, open clusters, and globular clusters in the Milky Way), intermediate
(“populous” star clusters in the LMC and “super star clusters” in nearby dwarf star-
bursts), and far (the young compact clusters in mergers and starbursts); for spiral and
elliptical galaxies; for the initial collapse of many galaxies ≈ 14 Gyr ago and mergers of
galaxies in the local universe; and for violent starbursts as well as “quiescent” galaxies?
Some of the ideas discussed in this review lead to the following working hypothesis, por-
tions of which several groups are pursuing; in particular Elmegreen & Efremov (1997),
Vesperini (1998), and Fall & Zhang (2001).
The luminosity functions for young clusters (e.g. Whitmore & Schweizer 1995), mole-

cular clouds (Harris & Pudritz 1994) and H II regions (Elmegreen & Efremov 1997) are
all power laws with index ≈ −2. Hence, we start with a universal power law luminosity
(mass) function. The total number of clusters is normalized depending on how active the
star formation is (e.g. Larsen & Richtler 2000, §4). This explains the existence of large
numbers of bright clusters in mergers, since they have the most active star formation. The
physics of how the cluster formation is triggered is still uncertain, but several possible
mechanisms have been proposed(e.g. Jog & Solomon 1992, Kumai et al. 1993, Elmegreen
& Efremov 1997). The power law evolves due to both internal (e.g. evaporation, stellar
mass loss) and external (e.g. tidal stress, triggered star formation) influences (e.g. Fall
& Zhang 2001), with most of the faint and/or diffuse clusters dissolving, just as they do
in the Milky way. This model would then need to be convolved with models of galactic
evolution (i.e. a combination of initial collapse, hierarchical merging, and internal galac-
tic dynamics), and stellar evolution (dimming and reddening of the starlight) to produce
the wide variety of cluster demographics we see in galaxies today.

5.6. What is the limiting redshift for observing young globular clusters with HST and
NGST?

The current limiting redshift for observing young globular clusters with characteristics
similar to the brightest young clusters in the Antennae is Z ≈ 0.5, using the WFPC2 on
HST . It will be possible to do slightly better (i.e. Z ≈ 0.8), with the Advanced Camera for
Surveys since it has a quantum efficiency which is roughly 3 times better than WFPC2.
However, the real breakthrough will be NGST , where Burgarella & Chapelon (1998)
estimate that it will be possible to observe young globular clusters out to Z ≈ 9, if they
exist. Since globular clusters appear to be the oldest fossils we observe in galaxies it is
quite possible that the first objects we will see emerging from the “dark ages” will be
young compact star clusters, similar to what we are seeing in nearby galaxies.
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Starburst galaxies observed with the Hubble
Space Telescope

By CLAUS LEITHERER
Space Telescope Science Institute, 3700 San Martin Drive, Baltimore, MD 21218 †

The contributions of the Hubble Space Telescope to our understanding of starburst galaxies
are reviewed. Over the past decade, HST ’s imagers and spectrographs have returned high-
quality data from the far-ultraviolet to the near-infrared at unprecedented spatial resolution.
A representative set of HST key observations is used to address several relevant issues: Where
are starbursts found? What is their stellar content? How do they evolve with time? How do the
stars and the interstellar medium interact? The review concludes with a list of science highlights
and a forecast for the second decade.

1. Overview
Almost exactly 10 years ago ST ScI hosted its annual symposium entitled Massive

Stars in Starbursts (Leitherer et al. 1991). Those were the weeks immediately prior to
HST ’s launch, and the conference organizers felt it appropriate to have a meeting on
the subject of starbursts because HST had the potential for significant contributions.
Starbursts are compact (10◦–103 pc), young (∼ 106–108 yr) sites of star formation, often
with high dust obscuration. These properties make starbursts ideal targets for HST ,
given its superior spatial resolution, ultraviolet (UV) sensitivity, and (later-on) infrared
(IR) capabilities.

As we all know, the high hopes were not immediately fulfilled, and it was not until
after the First Servicing Mission that HST lived up to the expectations. Nevertheless, it
is worth noting that HST ’s first scientifically useful image after the launch was a WF/PC
exposure of the central region of 30 Doradus in the Large Magellanic Cloud (see p. xi
of Leitherer et al. 1991)—a star-formation complex which is considered the “Starburst
Rosetta” by Walborn (1991).

Over the first 10 years of its life, and in particular after the installation of Costar, HST
has made significant contributions to the field of starbursts which have helped address
fundamental issues such as: the birthplace and environment of starbursts, the stellar
content of starbursts, the temporal and spatial evolution of starburst, and the effects
of starbursts on their environment. I will address these points in this review from an
observational point of view, guided by the relevant HST data. Of course the selection
reflects my personal perspective, and space limitations do not allow me to discuss other,
similarly important, material.

2. Starburst hosts
Starbursts are a mixed bag. There is a continuum of objects between sites of massive-

star formation like W51 in the Galaxy (Goldader & Wynn-Williams 1994) and the nucleus
of the nearby dwarf galaxy M82 (Rieke et al. 1980). The latter is considered a proto-
typical starburst galaxy whereas the former is usual taken as a “normal” star-formation
region. Since starbursts are selected on the basis of their high levels of ionizing and non-
ionizing UV radiation (observed directly or via reprocessed recombination-line or thermal
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Figure 1. Composite HST NICMOS F110W, F160W, and F205W images of the Arches and
Quintuplet clusters in the Galactic Center region (Figer et al. 1999).

dust emission), I will use an empirical definition: Starbursts have star-formation rates
high enough that a statistically significant number of stars form which produce UV radi-
ation. Such stars have masses between 10 and 100 M�. Therefore an equivalent definition
is to require the upper mass function to be well enough populated that stochastic effects
are not important. A sufficiently populated mass function leads to total starburst masses
of at least about 105 M�.

Following the definition of Terlevich (1997), we can extend the definition from a star-
burst to a starburst galaxy: In a starburst galaxy the entire luminosity is due to the
starburst itself (LBurst ≈ LGalaxy); if the starburst luminosity is substantial but smaller
than the host galaxy luminosity (LBurst < LGalaxy), a starburst region in a galaxy is ob-
served; if LBurst � LGalaxy for any individual star forming region, the object is classified
as a star-forming galaxy .

With these definitions, the central region of our Galaxy (Genzel & Eckart 1998) is at
the low-mass (and by implication, the low-luminosity) end of the starburst scale. The
region has been known for some time to be the site of massive star formation but it was
HST , together with the largest ground-based telescopes, which provided the first census
of the massive-star population. The Galactic Center region is of particular interest due to
its proximity of 7.5 kpc, permitting a close-up view of a metal-rich, dust-shrouded small
starburst. It can serve as a training ground for calibration of methods to be applied to
distant, dust-obscured starburst galaxies.

The strong gravitational field in the Galactic Center is predicted to lead to a rapid
evaporation of newly formed star clusters (Kim et al. 1999), consistent with the observed
absence of clusters older than tens of Myr. Survival times of young star clusters are
of relevance to the interpretation of the cluster luminosity function of merging galaxies
where the evolutionary link between newly formed and old globular clusters has not yet
been established (Zhang & Fall 1999).
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Figure 2. IMF of the Arches cluster derived from the F160W (top) and F205W (bottom)
photometry of Fig. 1. Left: inner region; right: outer region (Figer et al. 1999).

Evidence for a high metallicity in the center region is overwhelming but individ-
ual studies are still discordant. The observed Galactic oxygen abundance gradient of
−0.07 dex kpc−1 (Smart & Rolleston 1997) suggests Z ≈ 3 Z� for the Galactic Center.
This agrees with an Fe abundance of about 3 Z� found for the luminous, hot “Pistol Star”
by Najarro et al. (1999). In contrast, Ramı́rez et al. (2000) analyzed several red super-
giants close to the Galactic Center. They found an average Fe abundance of −0.09 dex,
i.e. close to the solar value. The reason for the discrepancy is not yet understood. It may
indicate a real abundance spread, or just be caused by systematic errors in either one of
the atmosphere analyses.

Figer et al. (1999) performed HST NICMOS near-IR imaging of the Arches and Quin-
tuplet clusters, two very young clusters near the Galactic Center. Their composite images
are reproduced in Fig. 1. Using crowded-field photometry, the luminosity function could
be derived. Subsequently, evolution models allowed conversion to a mass function (Fig. 2).
Figer et al. identified main-sequence stars with initial masses well below 10 M� and de-
rived a slope of the initial mass function (IMF) that suggests an excess of massive stars
in the cluster center relative to the periphery. The ages of the two clusters are 2–4 Myr.

The Galactic Center can be contrasted with Arp 220, an IR-luminous galaxy at
d = 77 Mpc, 104 times more distant than the Arches and Quintuplet clusters. At that
distance, 1′′ corresponds to 400 pc. (For comparison, the smallest structures resolved
in the Galactic Center by NICMOS are about 0.004 pc.) A multi-band NICMOS image
taken by Scoville et al. (1998) is in Fig. 3. The image clearly resolves the twin nucleus
which has resulted from a recent merger. Numerous luminous super star clusters have
formed during the recent starburst episode. The total bolometric luminosity of Arp 220
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Figure 3. Composite HST NICMOS F110W, F160W, and F222M image of Arp 220. Field
size is 19′′ or 7.5 kpc (Scoville et al. 1998).

can be accounted for by star formation alone (Smith et al. 1998). This leaves open the
significance of an active galactic nucleus (AGN), which may be contributing as well.

The relative importance of the starburst versus the AGN in Arp 220 is not clear.
It is one of HST ’s major scientific achievements to demonstrate that at least in some
galaxies hosting an AGN a central starburst can be dominant in the UV to near-IR energy
output and can be significant bolometrically as well. The presence of starbursts in active
galaxies was suggested before (e.g. Terlevich 1992) but observational proof has remained
elusive: young massive stars have few strong spectral features in the optical and near-IR
so that their presence is easily hidden by a strong non-stellar continuum and by emission
lines. The situation changes in the UV, where hot stars have unique, broad Si IV λ1400
and C IV λ1550 features. HST ’s UV sensitivity, combined with its spatial and spectral
resolution allowed the detection of undiluted stellar lines, and therefore proof that stars
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Figure 4. Central 2′′ × 2′′ (620× 620 pc) of NGC 7130 in optical (left) and UV (right) light
(González Delgado et al. 1998).

Figure 5. UV spectrum of the nucleus of NGC 7130 obtained through the 1.7′′ × 1.7′′ square
aperture of the GHRS on HST . The strongest features are the stellar-wind lines of Si IV
λ1400and C IV λ1550 (González Delgado et al. 1998).

dominate the continuum in some active galaxies (González Delgado et al. 1998; Maoz
et al. 1998).

HST WFPC2 and FOC 2200 Å imaging of a sample of UV-bright Seyfert 2 galaxies
was done by González Delgado et al. (1998). Their images of NGC 7130 are shown in
Fig. 4. The nucleus, which was previously thought to be point-like, displays a complex
morphology, suggestive of a circumnuclear starburst ring. The true nature of the emitted
light becomes even clearer from the UV spectrum (Fig. 5). A comparison with a UV
spectrum of a genuine starburst region (cf. Fig. 7) convincingly demonstrates that the
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Figure 6. WFPC2 F439W, F555W, and F814W composite image of NGC 1741. Field size is
36′′ × 36′′ or 8.7× 8.7 kpc (Johnson et al. 1999).

UV light (and the optical to near-IR light as well) comes from stars—as opposed to
AGN emission. Clearly these results must not be generalized; the sample was deliberately
chosen to maximize the detection probability of hot stars. Nevertheless, the HST data are
convincing evidence for the ubiquity of starbursts in AGN and their energetic significance
in some cases.

After showing examples of nuclear starbursts, of metal-rich, dust-obscured starburst
galaxies, and of starbursts in the vicinity of AGNs, I am turning to a more typical case
in the local universe. Most known nearby starbursts are hosted by gas-rich galaxies at
somewhat subsolar metallicity and luminosity around and below that of our Galaxy.
NGC 1741 is a well-studied example (Fig. 6). It is a member of the Hickson compact
group 31 and presumably owes its current level of star-formation activity to interaction
with one or more companions (Iglesias-Páramo & Vı́lchez 1997; Johnson et al. 1999;
Johnson & Conti 2000). The dominant starburst (recognizable as the bright twin cluster
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in Fig. 6) is approximately 100 times as luminous as the 30 Doradus region and has an
age of 4–5 Myr.

Massive-star formation in starbursts is an important star formation mode. Heckman
(1997) estimates that about a quarter of all massive stars in the local universe form in a
starburst hosted by galaxies of the types discussed in this section.

3. Stellar content
Even the closest starburst galaxies are at distances > 1 Mpc, making studies of individ-

ual stars difficult, if not infeasible. Therefore IMF studies must often rely on less certain,
indirect techniques, rather than on a stellar census. The central region of 30 Doradus is
one of the few notable exceptions. Although it barely deserves the name “starburst” due
to its relatively low mass of order 105 M�, it is by far the closest, unobscured example of
a region resembling a starburst galaxy nucleus. HST observations have permitted IMF
determinations from the least to the most massive stars formed.

WF/PC (Malumuth & Heap 1994) and WFPC2 (Hunter et al. 1995) imagery can
fully resolve the central region into stars so that crowded-field photometry techniques
can be applied. The derived IMF is close to the traditional Salpeter (1955) slope. For
masses higher than about 30 M�, optical (and even UV) photometry becomes degenerate
with respect to stellar mass, and spectroscopy is required. Massey & Hunter (1998) took
advantage of HST ’s superb capabilities for crowded-field spectroscopy and obtained a
complete spectroscopic census of the 65 most massive stars in R136, the center of 30 Dor.
Their work allowed the extension of the IMF up to ∼100 M�. 30 Dor is sufficiently
massive that the upper IMF is well populated. As a result, the IMF determination of
Massey & Hunter has the best number statistics in the 50 to 100 M� range of any
observed individual stellar cluster. The high-mass IMF slope turns out to be remarkably
similar to a Salpeter IMF.

The low-mass end of the IMF in 30 Dor was studied by Sirianni et al. (2000). They
pushed HST WFPC2 exposures to the limits and detected stars down to about 1 M�.
The detection of stars in this mass range is significant since low-mass star formation
could be suppressed in the vicinity of massive stars with their prodigious output of
ionizing radiation and stellar winds. Sirianni et al. found a flattening of the IMF around
2 M�. The overall shape of the mass spectrum at low masses resembles that of the solar
neighborhood (Kroupa, Tout, & Gilmore 1993). It is not clear if the low-mass end of
the IMF in 30 Dor applies to other starburst regions as well. The low-mass end of the
IMF (below ∼5 M�) in starburst galaxies is inferred from the observed mass-to-light
ratio. Dynamical masses of starburst nuclei derived from rotation curves are relatively
low, suggesting an absence of stars below 3–5 M� (Rieke 1991; Joseph 1999). Velocity
dispersion measurements in individual starburst clusters are an alternative method for a
mass estimate. Results obtained for the super star clusters in NGC 1569 and NGC 1705
indicate stars down to about 1–3 M� (Ho & Filippenko 1996). However, systematic
uncertainties exist, such as virialization and equipartition.

IMF determinations in starbursts beyond the Local Group must rely on an integrated
light analysis. The various techniques are summarized by Leitherer (1998). In this review
I will focus on an approach which was made possible with HST ’s UV capabilities: analysis
of ultraviolet line profiles from hot stars in the wavelength region between 1200 Å and
2000 Å. This region is dominated by stellar-wind lines of, e.g. C IV λ1550 and Si IV
λ1400, which are the strongest features of hot stars in a young population (e.g. Robert,
Leitherer, & Heckman 1993; Leitherer, Robert & Heckman 1995; de Mello, Leitherer,
& Heckman 2000). In contrast, the optical and IR spectral regions show few, if any,
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Figure 7. Comparison between the observed GHRS UV spectrum of NGC 1741 around Si IV
λ1400 and C IV λ1550 (solid lines) and synthetic spectra for three IMF slopes (dashed lines).
Upper panel: α = 1.5; middle panel: α = 2.35 (Salpeter slope); lower panel: α = 3.0 (Johnson
et al. 1999).

spectral signatures of hot stars, both due to blending by nebular emission and the general
weakness of hot-star features longward of 3000 Å. Hot-star winds are radiatively driven,
with radiative momentum being transferred into kinetic momentum via absorption in
metal lines, like those observed in the satellite-UV. Since the stellar far-UV radiation
field depends on the proportion of the most massive, ionizing stars, changes in the IMF
and/or the age of the population can be measured as changes in the line profiles. Fig. 7
shows an example of this technique. The GHRS was centered on the southern (lower right
in Fig. 6) of the two giant star clusters in NGC 1741. The spectrum was modeled with
three choices of the IMF slope. A flatter slope results in a larger number of massive stars
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Figure 8. STIS UV spectra of cluster G (upper)and of the diffuse field (lower) in NGC 5253
(Tremonti et al. 2000).

and stronger line profiles. The data suggest a slope between α = 2.35 and 3.0, which is
again close to the Salpeter slope.

Application of this technique to other starburst galaxies leads to similar results: the
IMF is remarkably homogeneous, with an average slope close to Salpeter’s classical value.
This holds over a range of galaxy parameters, in particular metallicity. The surveyed
galaxies span the metallicity range from roughly Z� to 0.1 Z�, with no systematic trend
of the IMF properties. This is consistent with the absence of such a trend in young star
clusters and OB associations in the Galaxy and the Magellanic Clouds (Massey 1998).

A caveat remains: The galaxies studied were all UV-selected and are on average not
IR-bright. Extension of this method to IR-bright galaxies is not currently feasible due to
sensitivity limitations of UV detectors. The IMF of IR-luminous galaxies may indeed be
different: the hardness of the ionizing radiation field suggests a truncation of the IMF
well below 100 M� in these objects (e.g. Goldader et al. 1997). Alternatively, absorption
of stellar UV photons by dust could be important even in the near-IR, and observations
in the mid-IR would be required. ISO mid-IR spectroscopy does indeed indicate a harder
radiation field than inferred from the near-IR (Rigopoulou et al. 1999).

Almost all spectroscopic studies of starburst galaxies naturally focus on the brightest
galaxy region, which is the nucleus or another dominant star cluster. Meurer et al. (1995)
performed an imaging survey at 2200 Å of a sample of starburst galaxies using HST ’s
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FOC. On average, ∼ 20% of the light at 2200 Å comes from a population of compact
star clusters, the remaining 80% are diffuse light spread all across the galaxy. The pro-
portion of clusters versus field changes to approximately 5% versus 95% in the optical
(e.g. Johnson et al. 1999), most likely the result of different population ages sampled in
the optical versus the UV. A more detailed discussion of the overall properties of the
star clusters and their significance for galaxy evolution can be found in B. Whitmore’s
contribution to this volume.

The source of the diffuse UV light could be either unresolved stellar light, or dust-
scattered light from the UV-bright cluster stars. Even relatively small amounts of dust
inside young star clusters can produce a strong diffuse component, observable either
directly in the UV or as thermal dust emission in the far-IR. Examples are 30 Dor
(Cheng et al. 1992) or the Galactic reflection nebula IC 435 (Calzetti et al. 1995).

What is the situation in starburst galaxies? In at least one case, NGC 5253, the diffuse
component has been shown to be unresolved stellar light by Tremonti et al. (2000). STIS
long-slit spectra of a starburst cluster and of the intercluster field are reproduced in
Fig. 8. The two spectra are clearly different, therefore scattered light is not important
but two distinct stellar populations are observed. The cluster spectrum is characteristic of
a single population having an age of a few Myr and with massive stars up to ∼100 M�.
In contrast, the field spectrum has weak Si IV λ1400 and C IV λ1550, suggesting a
deficit of very massive stars. This could be an IMF difference between the cluster and
field population. Such a difference is observed in the Magellanic Clouds as well (Massey
et al. 1995).

4. Evolution of starbursts
I will focus on three topics: the triggering and onset of a starburst, the propagation of

star formation, and the termination of a starburst.
The triggering mechanism in starbursts is far from being fully understood. Starbursts

can be triggered by a variety of mechanisms, like galaxy-galaxy interactions, merging,
secular evolution of bars, and tidal shear in the solid body rotation region (Kennicutt
et al. 1987; Sanders et al. 1988; Norman, Sellwood, & Hasan 1996). The general picture
is that during any of this processes, the gas in the galaxies is compressed, and while it
dissipates energy, moves inward and triggers star formation (e.g. Friedli & Benz 1995;
Mihos & Hernquist 1996; Hibbard 1997).

Ultraluminous infrared galaxies (ULIRG) have bolometric luminosities above 1012 L�.
All of their far-IR flux can be accounted for by starburst activity, with some yet unknown
contribution from an AGN. ULIRGs are particularly suited to study the relationship be-
tween interaction and starbursts since most ULIRGs are found in interacting and/or
merging systems (Sanders & Mirabel 1996; Sanders 1997). Borne et al. (2000) surveyed
a sample of ULIRGs in the I-band with WFPC2. They identified a significant subsam-
ple showing evidence for multiple mergers. The evidence comes from multiple remnants
in the galaxy cores and from the fact the some galaxies are found in dense groups of
interacting galaxies. This raises the possibility that the progenitors of ULIRGs may be
classical, weakly interacting compact groups of galaxies and that evolution progresses
from compact groups to pairs to ULIRGs to elliptical galaxies.

An example of a case study of an IR-luminous galaxy is in Fig. 9. Dinshaw et al. (1999)
performed NICMOS F110W, F160W, and F222M imaging of NGC 6090, a luminous
(L = 3 × 1011 L�) starburst merger at a distance of 120 Mpc. The NICMOS images are
centered on the two nuclei of the merger and reveal the spiral structure of the eastern
galaxy and the amorphous nature of the western galaxy. Bright knots and clusters are
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Figure 9. Multiwavelength (F110W, F160W, F222M) image of NGC 6090. Field size is 15′′.
North is up and east to the left (Dinshaw et al. 1999).

visible in the region overlapping the merging galaxies. The knots overlap with a region
where molecular gas was detected by Bryant & Scoville (1999). Much of the present star
formation is occurring outside the nuclear region of NGC 6090. This is similar to what
was found in other luminous IR galaxies with multiple nuclei (NGC 6240: Bryant &
Scoville 1999; VV 114: Frayer et al. 1999).

Even HST cannot provide us with the spatial resolution necessary to study the “micro-
physics” of the star formation process in a starburst galaxy. Again, 30 Doradus is a
Rosetta Stone. Walborn et al. (1999) documented an extensive next generation of star
formation in the periphery of the central R136 region. Very likely, this second genera-
tion was triggered by the R136 cluster itself. Many new IR sources, including multiple
systems, clusters, and nebular structures, are found. Fig. 10 shows NICMOS H, K, and
narrow-band H2 (F212N) images of several compact nebulosities. A jet-like structure
is prominent in the H2 image. The R136 region hosts numerous examples of IR-bright
knots, which turn out to be groups of massive, early-type stars embedded in nebulos-
ity. The most spectacular and brightest knot resides at the top of a massive dust pillar
oriented directly toward R136. Other knots have pc-scale jet structures associated with
them. The structures consist of detached, non-stellar IR sources aligned on either side of
the stellar system. They could be impact points of a highly collimated, bipolar jet on the
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Figure 10. The 30 Doradus region imaged with NICMOS in the F160W (left), F205W (middle),
and F212N (right) filters. The F212N image is continuum subtracted. The scale bars indicate
N, E and are 0.5 pc in length (Walborn et al. 1999).

surrounding dark clouds. These outflows from young massive stars in 30 Dor are the first
such detections outside our Galaxy. Their morphologies are strikingly similar to those
seen in WFPC2 images of the Orion nebula (O’Dell & Zheng 1994) and M16 (Hester
et al. 1996). These results establish the 30 Doradus nebula as a prime region in which to
investigate the formation and very early evolution of massive stars and multiple systems.
Star formation in 30 Doradus is not a continuous process; it occurs in multiple, instan-
taneous events, each possibly triggering (and terminating) the other. If 30 Doradus were
viewed from larger distance, as starburst galaxies are, the decreased spatial resolution
would mimic a star-formation region continuously forming stars over at least 10 Myr.
Much to our frustration, 30 Dor serves as a reminder that the physical scales associated
with the star-formation process in starburst galaxies may be well below HST ’s resolution
limit.

At some point the starburst terminates. This typically occurs within less than about
108 yr. A hard upper limit to the starburst duration can be derived from the timescale
of the exhaustion of the gas reservoir to form stars. This argument can even be used to
define a starburst in terms of the exhaustion timescale versus the Hubble time (Weedman
1987). For a specific example consider a luminous starburst galaxy with a star-formation
rate of 100 M� yr−1 (see Heckman, Armus, & Miley 1990). After ∼ 108 yr, more than
1010 M� of stars have been generated, which starts exceeding the total HI masses in
typical L� galaxies. The previous estimate strongly depends on the formation rate of
low-mass stars, a quantity which is difficult to determine observationally. If such low-
mass stars do not form (see Section 3), the time to exhaust the gas reservoir can be
increased by a factor of several. Even so, it is easy to argue that a closed-box model for
a starburst is too simplistic for an estimate of the available gas reservoir. Both infall and
outflow should be taken into account.

An HST GHRS spectrum of the proto-typical Wolf-Rayet starburst galaxy He 2−10
is shown in Fig. 11. In this figure the observed spectrum of He 2−10 is compared to a
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Figure 11. HST GHRS spectrum He 2−10. The dashed spectrum is a model fit to the broad
stellar lines. The narrow interstellar lines are offset by ∼400 km s−1 (Johnson et al. 2000).

synthetic model for a starburst age of 4 Myr. Apparently all stellar photospheric and
wind lines are reproduced extremely well by the model. Compare, for instance, the blue
wings of the Si IV λ1400 and C IV λ1550 wind lines, the standard indicators for massive
stars. On the other hand, C II λ1335, Si IIλ1526, and the deep, narrow absorption
components of Si IV λ1400 and C IV λ1550 are much broader and more blue-shifted
in the observations than in the model. The lines are purely interstellar, arising in the
interstellar medium in and around the starburst. The sharp interstellar lines seen in
the model spectra can be used to measure the outflow velocity in He 2−10, suggesting
a bulk motion of at least −360 km s−1. The energy source are almost certainly winds
and supernovae. They are capable of initiating large-scale outflows of interstellar gas via
so-called galactic superwinds (Chevalier & Clegg 1985). Johnson et al. (2000) estimate
that the mass-loss rate of the interstellar medium is quite similar to the star-formation
rate in He 2−10. Taken at face value, this suggests that the available gas reservoir will
not only be depleted by the star-formation process but, more importantly, by removal of
interstellar material. Starbursts may determine their own fate by their prodigious release
of kinetic energy into the interstellar medium.

5. Effects of star formation on the environment
The impact of multiple stellar-wind and supernova events on the interstellar medium

is seen via gaseous shells, bubbles, and outflows. The mechanical energy release of a hot
star over its lifetime and of a supernova explosion both are of order 1051 erg. Initially the
wind and supernova material is in a brief phase of free expansion until a sufficiently large
mass of interstellar gas has been swept up. This phase is too short to be of observational
significance. The fast stellar and supernova winds interact with the swept up material,
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Figure 12. WFPC2 Hα + [O III] + optical continuum image of NGC 4214 (MacKenty et al.
2000).

producing a hot cavity, surrounded by a cool shell of interstellar material. Such shells
are commonly observed around regions of high-mass star formation (e.g. Oey 1999).
Depending on the mass of the central stellar cluster, their radii, expansion velocities, and
ages are of order 100 pc, 25 km s−1, and 10 Myr, respectively.

The nearby (d = 4.1 Mpc) irregular galaxy NGC 4214 host numerous spectacular wind-
blown shells (Fig. 12). MacKenty et al. (2000) discuss Hα and [O III] narrow-band images
of NGC 4214, obtained with the WFPC2 onboard HST . The HST images resolve features
down to physical scales of 2–5 pc, revealing several young (< 10 Myr) star forming
complexes of various ionized gas morphologies (compact knots, complete or fragmentary
shells) and sizes (10–200 pc). The morphologies are suggestive of evolutionary trends:
The youngest, smaller, filled regions that presumably are those just emerging from dense
star forming clouds, tend to be of high excitation and are highly obscured. Evolved,
larger shell-like regions have lower excitation and are less extincted due of the action of
stellar winds and supernovae. Evidence for induced star formation is found, which has led
to a two-stage starburst. This is similar to the sequential star formation seen in greater
detail in 30 Doradus, hinting at what the morphologies of starburst galaxies at even larger
distance would look like. NGC 4214 might well be a lower luminosity counterpart of some
of the star-forming galaxies seen at cosmological redshift. Its spectral morphology in the
ultraviolet (Leitherer et al. 1996) is strikingly similar to that of Lyman-break galaxies.
Comparison of the first available spectra of bona fide star-forming galaxies at redshift



C. Leitherer: Starburst galaxies 193

∼ 3 with an HST FOS spectrum of the dominant cluster in NGC 4214 convincingly
demonstrated their similar stellar content (Steidel et al. 1996).

The starburst in NGC 4214 has an age of about 10 Myr or less. The majority of the
newly formed stars has not had time to evolve into supernovae, and the stellar energy
release is still in its early evolutionary phase. The dynamical evolution of a starburst-
driven outflow on a galactic scale has been extensively discussed (e.g. Suchkov et al. 1994,
1996; MacLow 1996). Initially, the deposition of mechanical energy by supernovae and
stellar winds results in an over-pressured cavity of hot gas inside the starburst. This is the
phase we currently observe in NGC 4214 and corresponds to the “classical” wind-blown
bubble discussed above.

This hot cavity will continue to expand and sweep up more ambient material. If the
ambient medium is stratified (like a disk), the bubble will expand most rapidly in the
direction of the maximum pressure gradient, usually along the minor axis of the galaxy.
After the bubble size reaches several disk vertical scale heights, the expansion will acceler-
ate, and it is believed that Raleigh-Taylor instabilities will then lead to the fragmentation
of the bubble’s outer wall. This allows the hot gas to “blow out” of the disk and into the
galactic halo in the form of a weakly collimated bipolar outflow.

Emission of Lyman-α radiation appears to be immediately related to galaxy outflows.
The ionizing radiation from the newly formed young stars should lead to prominent
Lyman-α emission due to recombination of hydrogen in the interstellar medium. Long
ago, Partridge & Peebles (1967) suggested the Lyman-α line as an important spectral sig-
nature in young galaxies at high redshift since the expected Lyman-α luminosity amounts
to a few percent of the total galaxy luminosity. Major observational efforts were under-
taken to search for Lyman-α emission from faint galaxies at high redshift (Djorgovski &
Thompson 1992). While some star-forming galaxies with Lyman-α emission were found
(e.g. Keel et al. 1999; Kudritzki et al. 2000), their number is by far lower than expected
from the cosmic star-formation history and line formation purely by recombination.

The assumption of Lyman-α being a pure recombination line in a gaseous medium may
be too simple. Meier & Terlevich (1981), Hartmann et al. (1988), Neufeld (1990), and
Charlot & Fall (1993) considered the effects of dust on Lyman-α. They found that dust
scattering and absorption can be very efficient in removing Lyman-α photons from the
line of sight to the observer, leading to much lower line strengths. Additionally, Lyman-α
photons produced in galaxies suffer a large number of resonant scatterings in neutral
atomic hydrogen. Depending on the aspect angle of the galaxy as seen from the observer,
this may lead to a decrease of the Lyman-α equivalent width.

HST GHRS spectroscopy of eight gas-rich irregular galaxies by Kunth et al. (1998)
indicates yet another, and most likely the dominant parameter governing Lyman-α emis-
sion: outflows . Kunth et al. found Lyman-α emission with blueshifted absorption in
four galaxies (see Fig. 13). In these objects the O I and Si II absorption lines are also
blueshifted, suggesting an outflow of the neutral gas with velocities of up to 200 km s−1.
The other four galaxies show broad damped Lyman-α absorption profiles centered on the
wavelength of the ionized gas. The eight galaxies in Fig. 13 span a metallicity range of
more than a factor of 10: IRAS 0833+6517 has solar abundance, and I Zw 18 is extremely
metal-poor (∼ 1/50 Z�). There is no correlation between metal abundance and Lyman-
α emission strength. The velocity structure of the neutral gas in these galaxies is the
driving factor that determines the detectability of Lyman-α in emission. Relatively small
column densities of static neutral gas with even very small dust content would destroy
the Lyman-α photons. The situation changes dramatically when most of the neutral gas
is velocity-shifted relative to the ionized regions because resonant scattering by neutral
hydrogen will be most efficient at wavelengths < 1216 Å, allowing the Lyman-α photons
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Figure 13. HST GHRS spectra of eight starburst galaxies around Lyman-α (Kunth et al.
1998).

to escape, a suggestion supported by recent models of Tenorio-Tagle et al. (1999). The
implication is that feedback from the massive stars via ionization and the creation of
superbubbles and galactic scale outflows leads to the large variety of Lyman-α profiles.
The escape of Lyman-α photons depends critically on the column density of the neu-
tral gas and dust, the morphology of the supershells, and the kinematics of the galactic
wind. Since these effect can be highly stochastic, theoretical predictions for the Lyman-α
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strength are quite uncertain. Therefore attempts to derive star-formation rates at high
redshift from Lyman-α emission searches are quite challenging.

6. Science highlights: Past and future
HST observations of starburst galaxies have advanced the subject in several key areas.

As expected from its instrumental capabilities, HST made the greatest impact with high
S/N ultraviolet spectroscopy and with UV to near-IR imaging at high spatial resolution.
Highlights are:
• The first complete stellar census of a metal-rich, young star cluster in the Galactic

Center.
• The documentation of the fine-structure in nearby starbursts down to physical scales

associated with star formation.
• The universality of the upper IMF in UV-selected starburst galaxies with a broad

range of physical properties.
• The detailed study of the morphology of starburst galaxies and the importance of

cluster formation as a star-formation mode.
• The detection of starbursts near active galactic nuclei, and the demonstration of

their energetic significance.
• Detailed studies of the feedback between star formation and the interstellar medium

and the associated cosmogonic and cosmological impact.
There are good reasons to predict even brighter prospects for the next decade of

HST observations. The upcoming HST instruments ACS, WFPC3, and COS will have
vastly higher photon collection efficiencies. This will allow target selection driven by
astrophysical requirements rather than exposure duration constraints. With NICMOS
being restored, highly spatially resolved imaging can be extended to the IR. The result-
ing panchromatic imaging will reveal the physics of dust-enshrouded starburst galaxies.
Finally, the ever growing HST Archive and Large observing programs will establish un-
biased surveys of starburst galaxy properties.

I wish to thank my current and previous local collaborators for all their contributions
during the first decade of HST : Alessandra Aloisi, Daniela Calzetti, Dúılia de Mello,
Daniel Devost, Jeff Goldader, Rosa González, Tim Heckman, Gerhardt Meurer, Carmelle
Robert, Daniel Schaerer, and Christy Tremonti. Daniela Calzetti’s and Brad Whitmore’s
comments on an earlier draft of this paper are gratefully acknowledged.

REFERENCES

Borne, K. D., Bushouse, H., Lucas, R. A., & Colina, L. 2000 ApJ 529, L77.
Bryant, P. M. & Scoville, N. Z. 1999 AJ 117, 2632.
Calzetti, D., Bohlin, R. C., Gordon, K. D., Witt, A. N., & Bianchi, L. 1995 ApJ 446,

L97.
Charlot, S. & Fall, S. M. 1993 ApJ 415, 580.
Cheng, K.-P., Michalitsianos, A. G., Hintzen, P., Bohlin, R. C., O’Connell, R. W.,

Cornett, R. H., Roberts, M. S., Smith, A. M., Smith, E. P., & Stecher, T. P.
1992, ApJ 395, 29.

Chevalier, R. A. & Clegg, A. W. 1985 Nature 317, 44.
de Mello, D. F., Leitherer, C., & Heckman, T. M. 2000 ApJ 530, 251.
Dinshaw, N., Evans, A. S., Epps, H., Scoville, N. Z., & Rieke, M. 1999 ApJ 525, 702.
Djorgovski, S. & Thompson, D. J. 1992. In IAU Symp. 149, Stellar Populations (eds. B. Bar-

buy & A. Renzini), p. 337. Kluwer.



196 C. Leitherer: Starburst galaxies

Figer, D. F., Kim, S. S., Morris, M., Serabyn, E., Rich, R. M., & McLean, I. S. 1999
ApJ 525, 750.

Frayer, D. T., Ivison, R. J., Smail, I., Yun, M. S., Armus, L. 1999 AJ 118, 139.
Friedli, D. & Benz, W. 1995 A&A 301, 649.
Genzel, R. & Eckart, A. 1998. In IAU Symp. 184, The Central Regions of the Galaxy and

Galaxies (ed. Y. Sofue), p. 421. Kluwer.
Goldader, J. D., Joseph, R. D., Doyon, R., & Sanders, D. B. 1997 ApJS 108, 449.
Goldader, J. D. & Wynn-Williams, C. G. 1994 ApJ 433, 164.
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MacKenty, J. W., Máız-Apellániz, J., Pickens, C. E., Norman, C. A., & Walborn,

N. R. 2000 AJ , 120, 3007.
Malumuth, E. M. & Heap, S. R. 1994 AJ 107, 1054.
Maoz, D., Koratkar, A., Shields, J. C., Ho, L. C., Filippenko, A. V., & Sternberg,

A. 1998 AJ 116, 55.
Massey, P. 1998. In The Stellar Initial Mass Function (eds. G. Gilmore & D. Howell), p. 17.

ASP.



C. Leitherer: Starburst galaxies 197

Massey, P. & Hunter, D. A. 1998 ApJ 493, 180.
Massey, P., Lang, C. C., DeGioia-Eastwood, K., & Garmany, C. D. 1995 ApJ 438, 188.
McKee, C. F. 1996. In The Interplay Between Massive Star Formation, the ISM and Galaxy

Evolution (eds. D. Kunth, B. Guiderdoni, M. Heydari-Malayeri, & T. X. Thuan), p. 223.
Editions Frontieres.

Meier, D. & Terlevich, R. 1981 ApJ 246, L109.
Meurer, G. R., Heckman, T. M., Leitherer, C., Kinney, A., Robert, C., & Garnett,

D. R. 1995 AJ 110, 2665.
Mihos, J. & Hernquist, L. 1996 ApJ 464, 641.
Najarro, F., Hillier, D. J., Figer, D. F., & Geballe, T. R. 1999. In The Central Parsecs

of the Galaxy (eds. H. Falcke, A. Cotera, W. J. Duschl, F. Melia, & M. J. Rieke), p. 340.
ASP.

Neufeld, D. A. 1990 ApJ 350, 216.
Norman, C. A., Sellwood, J. A., & Hasan, H. 1996 ApJ 462, 114.
O’Dell, C. R. & Zheng, W. 1994 ApJ 436, 194.
Oey, M. S. 1999. In IAU Symp. 193, Wolf-Rayet Phenomena in Massive Stars and Starburst

Galaxies (eds. K. A. van der Hucht, G. Koenigsberger, & P. R. J. Eenens), p. 627. ASP.
Partridge, R. & Peebles, P. J. E. 1967 ApJ 147, 868.
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Supermassive black holes

By F. D. MACCHETTO†
Space Telescope Science Institute, 3700 San Martin Drive, Baltimore, MD 21218

One of the important topics of current astrophysical research is the role that supermassive black
holes play in shaping the morphology of their host galaxies. There is increasing evidence for the
presence of massive black holes at the centers of all galaxies and many efforts are directed at
understanding the processes that lead to their formation, the duty cycle for the active phase
and the question of the fueling mechanism. Related issues are the epoch of formation of the
supermassive black holes, their time evolution and growth and the role they play in the early
ionization of the Universe. Considerable observational and theoretical work has been carried out
in this field over the last few years and I will review some of the recent key areas of progress.

1. Introduction
It is now widely accepted that quasars (QSOs) and Active Galactic Nuclei (AGN) are

powered by accretion onto massive black holes. This has led to extensive theoretical and
observational studies to elucidate the properties of the black holes, the characteristics
of the accretion mechanisms and the mechanisms responsible for the production and
transportation of the energy from the central regions to the extended radio lobes.
However, over the last few years there has been an increasing realization that Massive

Dark Objects (MDOs) may actually reside at the centers of all galaxies (Ho 1998, Magor-
rian et al. 1998, Richstone et al. 1998, Gebhardt et al. 2000a, Gebhardt et al. 2000b, Mer-
rit & Ferrarese 2001, van der Marel 1999). The mean mass of these objects, of order 10−2.5

times the mass of their host galaxies, is consistent with the mass in black holes needed to
produce the observed energy density in quasar light if we make reasonable assumptions
about the efficiency of quasar energy production (Chokshi & Turner 1992, Blandford
1999). This raises a number of important new questions and has fundamental implica-
tions for the role of the black holes in contributing or being responsible for the ionization
(or reionization) of the early universe and for their role in the processes leading to the
formation of galaxies. Conversely the apparent correlation between the black hole mass
and the mass of the spheroidal component in elliptical and spirals points towards a close
interaction between the galaxy size and morphology and its central black hole. Models in
which elliptical galaxies form from the mergers of disk galaxies whose bulges contain black
holes are consistent with the “core fundamental plane, the relation between the central
parameters of early-type galaxies. Furthermore it is clear that the dynamical influence of
a supermassive black hole can extend far beyond the nucleus if a substantial number of
stars are on orbits that carry them into the center. Work by Merritt (1998) has shown that
nuclear black holes are important for understanding many of the large-scale properties of
galaxies, including the fact that elliptical galaxies come in two, morphologically-distinct
families, the absence of bars in most disk galaxies, and the shapes of the spiral galaxy.
Since the growth of the black hole mass depends on the global morphology of the host
galaxies, the link between black hole and galaxy structure implies a feedback mechanism
that determines what fraction of a galaxys mass ends up in the center.

† On assignment from the Astrophysics Division, Space Science Department of the European
Space Agency
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2. Dynamical evidence for massive black holes
2.1. Megamasers in NGC 4258

The best observation showing the presence of a Keplerian disk around a black hole was
the VLBI observation of megamasers in the nucleus of the Seyfert 2 galaxy NGC4258
reported by Miyoshi et al. (1995). These observations reveal individual masing knots
revolving at distances ranging from ∼ 13 pc to 25 pc around the central object. These
data show a near-perfect Keplerian velocity distribution, implying that almost all the
mass is located well within the inner radius where the megamasers reside,and they derive
a central mass of ∼ 3.6× 107M� within the inner ∼ 13 pc.
Given this mass and the fact that NGC4258 is a relatively low luminosity (∼ 1042

erg s−1) object, the emission is sub-Eddington, with L/LE ∼ 3×10−4. Such sub-Eddington
sources are likely to have accretion disk structures, where the accreting gas is optically
thin and radiates inefficiently, and the accretion energy that is dissipated viscously, is ad-
vected with the accretion flow (see, e.g. Ichimaru 1987, Narayan & Yi 1994, Abramowicz
et al. 1995).

2.2. Kinematic studies using optical emission lines
The other line of evidence for the presence of black holes in galaxies is the velocity field
of the matter emitting closely to the nucleus. Very high spatial resolution observations
using the long-slit spectrograph on the Faint Object Camera of HST were carried out
by Macchetto et al. (1997). We observed the ionized gas disk in the emission line of
[OII]λ3727 at three different positions separated by 0.2 arcsec, with a spatial sampling
of 0.03 arcsec (or ∼ 2 pc at the distance of M87), and measured the rotation curve of the
inner ∼ 1′′ of the ionized gas disk to a distance as close as 0.′′07 (� 5 pc) to the dynamical
center. We modeled the kinematics of the gas under the assumption of the existence of
both a central black hole and an extended central mass distribution, taking into account
the effects of the instrumental PSF, the intrinsic luminosity distribution of the line, and
the finite size of the slit. We found that the central mass must be concentrated within a
sphere whose maximum radius is � 3.5 pc and showed that both the observed rotation
curve and line profiles are best explained by a thin-disk in Keplerian motion. Finally, we
proved that the observed motions are due to the presence of a super-massive black-hole
and derived a value of MBH = (3.2± 0.9)× 109M� for its mass.

2.3. Virial masses
The virial masses and emission-line region sizes of Active Galactic Nuclei (AGNs) can be
measured by “reverberation-mapping” techniques. Wandel, Peterson & Malkan (1999)
have compiled a sample of 17 Seyfert 1 and 2 quasars with reliable reverberation and
spectroscopic data and used these results to calibrate similar determinations made by
photoionization models of the AGN line-emitting regions. Reverberation mapping uses
the light travel-time delayed emission-line response to continuum variations to determine
the size and kinematics of the emission-line region. The distance of the broad emission-
line region (BLR) from the ionizing source is then combined with the velocity dispersion,
derived from either the broad Hβ line width or from the variable part of the line profile
to estimate the virial mass. When they compare the central masses calculated with
the reverberation method to those calculated using a photoionization (Hβ line) model,
they find a nearly linear correlation (Table 1). They find that the correlation between
the masses is significantly better than the correlation between the corresponding BLR
sizes calculated by the two methods, which further supports the conclusion that both
methods measure the mass of the central black hole. They also derive the Eddington
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Name logRph log lag logMph logMrev Mrev(l0
7 M�) logLion log

(
Lion
LEdd

)

3C120 0.92 1.64 6.86 7.49 3.1+2.0
−1.5 45.03 –0.57

3C390.3 0.89 1.38 8.26 8.59 39.1+12
−15 44.51 –2.19

Akn 120 1.07 1.59 7.97 8.29 19.3+4.1
−4.6 44.92 –1.48

F9 1.13 1.23 8.03 7.94 8.7+2.6
−4.5 44.21 –1.84

1C4329A <0.56 0.15 7.34 <6.86 <0.73 <42.04 <–2.93

Mrk 79 0.81 1.26 7.48 8.02 10.5+4.0
−5.7 44.26 –1.87

Mrk 110 0.78 1.29 6.46 6.91 0.80+0.29
−0.30 44.33 –0.69

Mrk 335 0.89 1.23 6.68 6.58 0.39+0.14
−0.11 44.20 –0.49

Mrk 509 1.08 1.90 7.17 7.98 9.5+1.1
−1.1 45.54 –0.54

Mrk 590 0.85 1.31 7.00 7.15 1.4+0.3
−0.3 44.37 –0.89

Mrk 817 0.86 1.19 7.53 7.56 3.7+1.1
−0.9 44.13 –1.54

NGC3227 0.16 1.04 6.92 7.69 4.9+2.7
−5.0 43.82 –1.98

NGC3783 0.52 0.65 7.05 7.04 1.1+1.1
−1.0 43.05 –2.10

NGC4051 <0.14 0.81 5.37 6.15 0.14+0.15
−0.09 41.57 –0.84

NGC4151 0.44 0.48 7.35 7.08 1.2+0.8
−0.7 42.70 –2.49

NGC5548 0.73 1.26 7.70 7.83 6.8+1.5
−1.0 44.27 –1.83

NGC7469 0.90 0.70 6.87 6.88 0.76+0.75
−0.76 43.14 –1.86

PG0804+762 1.39 2.00 7.74 8.34 21.9+3.8
−4.5 45.75 –0.70

PG0953+414 1.54 2.03 7.83 8.19 15.5+10.8
−9.1 45.81 –0.49

Table 1. Reverberation BLR sizes and central masses compared with photoionization sizes
and masses. The last two columns give the ionizing luminosity derived from the lag and the
corresponding Eddington ratio (Wandel et al. 1999).

ratio, which for the objects in the sample fall in the range LV /LEdd ∼ 0.001–0.03 and
Lion/LEdd ≈ 0.01–0.3.

2.4. The black hole mass of a Seyfert galaxy
In a recent study Winge et al. (1999) have analyzed both ground-based, and HST/FOC
long-slit spectroscopy at subarcsecond spatial resolution of the narrow-line region (NLR)
of NGC4151. They found that the extended emission gas (R > 4′′) is in a normal ro-
tation in the galactic plane, a behavior that they were able to trace even across the
nuclear region, where the gas is strongly disturbed by the interaction with the radio jet
and connects smoothly with the large-scale rotation defined by the neutral gas emission.
The HST data, at 0.′′03 spatial resolution, allow for the first time truly to isolate the
kinematic behavior of the individual clouds in the inner narrow-line region. They find
that, underlying the perturbations introduced by the radio ejecta, the general velocity
field can still be well represented by planar rotation down to a radius of ∼ 0.′′5 (30 pc),
the distance at which the rotation curve has its turnover. The most striking result that
emerges from the analysis is that the galaxy potential derived fitting the rotation curve
changes from a “dark halo” at the extended narrow-line region distances to being dom-
inated by the central mass concentration in the NLR, with an almost Keplerian falloff
in the 1′′ < R < 4′′ interval. The observed velocity of the gas at 0.′′5 implies a mass of
M ∼ 109M� within the inner 60 pc. The presence of a turnover in the rotation curve



F. D. Macchetto: Supermassive black holes 201

Figure 1. Grayscale representation of the Cen A mosaic in the WFPC2 F814W filter. Surface
brightness ranges from 0 (white) to 1.6 in units of 10−16 erg s−1 cm−2 Å−1 arcsec−2. Image sizes
are 225′′ × 170′′. North is up and East is left (Marconi et al. 2000).

indicates that this central mass concentration is extended. The first measured velocity
point (outside the region saturated by the nucleus) would imply an enclosed mass of
∼ 5 × 107M� within R ∼ 0.′′15 (10 pc), which represents an upper limit to any nuclear
point mass.

3. Extended nuclear disks
Observations of a number of extended (a few 100 pc) nuclear disks with the HST has

provided new evidence and constraints on the mass of the MDOs in early type galaxies.
Ferrarese & Ford (1999) carried out HST imaging and spectroscopy of NGC6251, a

giant E2 galaxy and powerful radio source which is at a distance of ∼ 106Mpc. The
WFPC2 images show a well defined dust disk, 730 pc in diameter, whose normal is
inclined by 76o to the line of sight. The FOS 0.′′09 square aperture was used to map the
velocity of the gas in the central 0.′′2, from the kinematics of the gas they derive a value
for the central mass concentration, 4× 108 to 8× 108M�.
Other galaxies studied with HST at high spatial resolution include NGC4261,

NGC4374, NGC7052 (Ferrarese et al. 1996, Bower et al. 1998, van der Marel & Van
den Bosch 1998) and show black hole masses in the range 2–6× 108M�.

3.1. Cen A

CentaurusA (NGC5128) is the closest (3.5Mpc) giant elliptical galaxy hosting an active
galactic nucleus (AGN) and a jet (Fig. 1). The prominent dust lane, which obscures the
inner half kiloparsec of the galaxy, with associated gas, young stars and HII regions,
is interpreted as the result of a relatively recent merger event between a giant elliptical
galaxy and a small, gas rich, disk galaxy (Baade & Minkowski 1954, Graham 1979, Malin
et al. 1983).
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Figure 2. (Left panel): contours from the ISOCAM image at 7 m. (Center panel): overlay
of the ISOCAM contours on the NIC3 Paα image showing the morphological association between
the Paα emission and the edges of the putative bar. (Right panel): the Paα disk from Paper II.
Note that its major axis is perpendicular to the edges of the “bar” (Marconi et al. 2000).

IR and CO observations of the dust lane have been modeled by a thin warped disk
(Quillen et al. 1992, Quillen et al. 1993) which dominates ground-based near-IR obser-
vations along with the extended galaxy emission (Packham et al. 1996). Earlier R-band
imaging polarimetry from HST with WFPC (Schreier et al. 1996) are also consistent
with dichroic polarization from such a disk.
Recent HST WFC 2 and NICMOS observations of Centaurus A have shown that the

20 pc-scale nuclear disk previously detected by NICMOS in Paα (Schreier et al. 1998)
has also been detected in the [FeII]λ1.64µm line which shows a morphology similar
to that observed in Paα with an [FeII]/Paα ration typical of low ionization Seyfert
galaxies and LINERSs (Fig. 2). Marconi et al. (1999) derive a map of dust extinction,
E(B–V), in a 20′′ × 20′′ circumnuclear region and reveal a several arcsecond long dust
feature near to but just below the nucleus, oriented in a direction transverse to the large
dust lane. This structure may be related to the bar observed with ISO and SCUBA,
as reported by Mirabel et al. (1999). They find rows of Paα emission knots along the
top and bottom edges of the bar, with they interpret as star formation regions, possibly
caused by shocks driven into the gas. The inferred star formation rates are moderately
high (∼ 0.3M� yr−1). If the bar represents a mechanism for transferring gas in to the
center of the galaxy, then the large dust lane across the galaxy, the bar, the knots, and
the inner Paα disk all represent aspects of the feeding of the AGN. Gas and dust are
supplied by a recent galaxy merger; a several arcminute-scale bar allows the dissipation of
angular momentum and infall of gas toward the center of the galaxy; subsequent shocks
trigger star formation; and the gas eventually accretes onto the AGN via the 20 pc disk.
By reconstructing the radial light profile of the galaxy to within 0.′′1 of the nucleus

Marconi et al. (1999) show that CentaurusA has a core profile. Using the models of van
der Marel (1999), they estimate a black hole mass of ∼ 109M�, consistent with ground
based kinematical measurements (Israel 1998).

4. Statistical properties of AGN and radio galaxies
An important question about AGN hosts is whether there is anything unusual about

their morphology, whether they occur only in a certain type of galaxy, or can be found in
all galaxies but their active phase lasts for only a fraction of a Hubble time. Furthermore,

µ
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the morphology of the host may provide important information about the dynamics that
funnel accretion fuel into the nucleus. Studies of the environments of quasars can also
provide insight into the AGN phenomenon in general, such as the relationship between
quasars and radio galaxies. If indeed quasars and radio galaxies are objects differentiated
only by viewing angle, then quasars might also be expected to exhibit an alignment effect
over the same redshift range as the radio galaxies.
The original classification of radio galaxies by Fanaroff & Riley (1974) is based on a

morphological criterion, i.e. edge darkened (FR I) vs. edge brightened (FR II) radio struc-
ture. It was later discovered that this dicothomy corresponds to a continuous transition
in total radio luminosity (at 178MHz) which formally occurs at L178 = 2×1026WHz−1.

4.1. Host morphology of radio galaxies and quasars
HST observations of 273 sources in the 3CR catalog were carried out by Martel et al.
(1997, 1999). To study the morphology distribution of the radio galaxies in the sample,
they selected those at relatively small redshift. This ensures adequate image quality
to permit reliable determination of the morphology, and minimizes the effects due to
cosmological evolution of either the population of radio galaxies or the nature of their
hosts. The result of this study is that more than 80% of the radio sources are found
in elliptical galaxies, and the remainder have hosts whose morphologies are difficult to
determine.
The 3CR sample is particularly well suited for investigating the relationship between

radio galaxies and quasars, and the results have been discussed by Martel et al. (1997,
1999) and Lehnert et al. (1999a) (Figs. 3 and 4).
The study shows that the quasar “fuzz” contributes from <5% to as much as 100% of

the total light from the quasar, with a typical value of about 20%. Most of the sources
are resolved and show complex morphology with twisted, asymmetric, and/or distorted
isophotes and irregular extensions. In almost every case of the quasars with spatially
resolved “fuzz,” there are similarities between the radio and optical morphologies. A
significant fraction (∼ 25%) of the sources show nearby galaxies in projection and ∼ 10%
of the sources show obvious signs of interactions with these nearby companions. These
results show that the generally complex morphologies of host galaxies of quasars are
influenced by the radio emitting plasma and by the presence of nearby companions.
Bahcall et al. (1997) have studied in detail nine radio-loud quasars and found that

the hosts are either bright ellipticals or occur in interacting systems (Fig. 5). There is
a strong correlation between the radio emission of the quasar and the luminosity of the
host galaxy; the radio-loud quasars reside in galaxies that are on average about 1mag
brighter than hosts of the radio-quiet quasars.
Further HST observations of radio-loud quasars by Lehnert et al. (1999a), analyzed

the spatially-resolved structures around five high-redshift radio-loud quasars.
Comparing the images with high resolution VLA radio images they conclude that all

of the high redshift quasars are extended in both the rest-frame UV continuum and in
Lyα.
The typical integrated magnitude of the host is V ∼ 22±0.5, the typical UV luminosity

is ∼ 1010 L�, and the Lyα images are also spatially-resolved. The typical luminosity of
the extended Lyα is about few ×1044 ergs s−1; these luminosities require roughly a few
percent of the total ionizing radiation of the quasar.
These results show that the generally complex morphologies of host galaxies are in-

fluenced by the radio emitting plasma. This manifests itself in the “alignment” between
the radio, Lyα, and UV continuum emission, in detailed morphological correspondence
in some of the sources which suggests “jet-cloud” interactions, and in the fact that the
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Figure 3. HST/WFPC2 broad band images of a selection of the 3C sources.

brightest radio emission and the side of the radio emission with the shortest projected
distance from the nucleus occurs on the same side of the quasar nucleus as the brightest,
most significant Lyα emission.
There are few studies of radio-quiet quasars. Some early HST observations by Bahcall

et al. (1996, 1997) and more detailed observations by Disney et al. (1995), Boyce et al.
(1996, 1998), showed that for a total of about 25 objects the parent galaxies can be either
ellipticals or spirals. Overall there are six clear examples of strong ongoing gravitational
interaction between two or more galaxies and in 19 other cases close companion objects
are detected, suggesting recent gravitational interaction.

4.2. Seyfert morphologies
The study of fueling processes in AGNs is key to our understanding of the structure and
evolution of the central black hole and their host galaxies. Although fuel is readily avail-
able in the disk, it needs to overcome the centrifugal barrier to reach the innermost regions
in disk and elliptical galaxies. Large-scale non-axisymmetries, such as galactic bars, are
thought to be related to starburst activity within the central kpc, which preferentially oc-
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Figure 4. HST/WFPC2 broad band images of a selection of the 3C sources.

curs in barred hosts (e.g. Heckman 1980, Balzano 1983, Devereux 1987, Kennicutt 1994).
In a number of early optical surveys, the fueling of Seyfert activity in disk galaxies was
linked to non-axisymmetric distortions of galactic gravitational potentials by large-scale
stellar bars and tidal interactions (Adams 1977, Simkin et al. 1980, Dahari 1985a). This
was supported by the argument that gravitational torques are able to remove the excess
angular momentum from gas, which falls inwards, giving rise to different types of activity
at the center (Sellwood & Wilkinson 1993, Phinney 1994). However early studies were
not successful in showing significantly higher fractions of bars in host galaxies of AGN.
Recently Knapen, Shlosman & Peletier (1999) have carried out NIR observations at high
spatial resolution, on a sample of 34 non-active galaxies from the CF3 catalogue as well
as a sample of 48 AGN from the CFA survey. They find that Seyfert hosts are barred
more often than normal galaxies, 79% ± 7.5% barred for the Seyferts, vs. 59% ± 9% for
the control sample, which is 2.5σ result.
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Figure 5. The host galaxies of three radio loud quasars (Bahcall et al. 1997).
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Their result suggests, but does not prove, that there is an underlying morphological
difference between Seyfert and non-Seyfert galaxies, and emphasize the prevalence of
barred morphologies in disk galaxies in general, and in active galaxies in particular.

4.3. Seyfert nuclei
In the standard paradigm where AGNs are powered by non-spherical accretion onto
massive black holes, the AGN’s luminosity is proportional to the black hole mass accretion
rate, which is about 0.01M� year−1 for a bright Seyfert nucleus. Strong interactions or
mergers with another galaxy are very efficient at funneling large amounts of gas by
distorting the galactic potential and disturbing the orbits of gas clouds (Shlosman et al.
1989, Shlosman et al. 1990, Hernquist & Mihos 1995). This fuel is then brought down
to several thousand Schwarzschild radii, or 1017 cm for a black hole mass of 108M�, at
which point viscous processes drive the final accretion onto the black hole.
However, direct observational evidence that galaxy encounters stimulate the luminosity

of an AGN has been ambiguous (Adams 1977, Dahari 1985a, Petrosian 1983, Kennicutt
& Keel 1984, Dahari 1985b, Bushouse 1986, Fuentes-Williams & Stocke 1988).
Malkan, Gorjiam & Tam (1998) have recently published the results of an HST snapshot

imaging survey of 256 cores of active galaxies selected from the Catalog of Quasars and
Active Nuclei by Véron-Cetty & Véron (1986, 1987). Of these, 91 are galaxies with
nuclear optical spectra classified as “Seyfert 1,” 114 galaxies are classified as “Seyfert 2,”
and 51 galaxies are classified as “HIIs.” This large sample of high-resolution images was
used to search for statistical differences in their morphologies.
The Seyfert galaxies do not, on average, resemble the HII galaxies, which have more

irregularity and clumpiness associated with their high rates of current star formation.
Conversely, none of the HII galaxies have the filaments or wisps photoionized by the
active nucleus which are seen in Seyfert 1 and 2 galaxies. Of the Seyfert 1 galaxies, 63%
have an unresolved nucleus, 50% of which are saturated, and 6% have such dominant
nuclei that they would appear as “naked quasars” at higher redshifts. The presence of an
unresolved and/or saturated nucleus is anti-correlated with an intermediate spectroscopic
classification (such as Seyfert 1.8 or 1.9) and implies that those Seyfert 1s with weak nuclei
in the HST images are extinguished and reddened by dust.
The vast majority of the Seyfert 2 galaxies show no central point source. If all Seyfert 2s

were to have unresolved continuum sources like those in Seyfert 1s, they would be at least
an order of magnitude fainter. In those galaxies without any detectable central point
source (37% of the Seyfert 1s; 98% of the Seyfert 2s, and 100% of the HIIs), the central
surface brightnesses are statistically similar to those observed in the bulges of normal
galaxies.
Seyfert 1s and 2s both show circumnuclear rings in about 10% of the galaxies. Malkan

et al. (1998) identified strong inner bars as often in Seyfert 1 galaxies (27%) as in Seyfert 2
galaxies (22%).
The Seyfert 2 galaxies are more likely than Seyfert 1s to show irregular or disturbed

dust absorption in their centers as well as galactic dust lanes which pass very near their
nuclei, and on average, tend to have latter morphological types than the Seyfert 1s. Thus
it appears that the host galaxies of Seyfert 1 and 2 nuclei are not intrinsically identical.
A galaxy with more nuclear dust and in particular more irregularly distributed dust is
more likely to harbor a Seyfert 2 nucleus. This indicates that the higher dust-covering
fractions in Seyfert 2s are the reason for their spectroscopic classification: their compact
Seyfert 1 nucleus may have been obscured by galactic. This statistical result does not
agree with the unified scheme for Seyfert galaxies, thus Malkan et al. (1998) propose that
the obscuration which converts an intrinsic Seyfert 1 nucleus into an apparent Seyfert 2
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occurs in the host galaxy hundred of parsecs from the nucleus. If so, this obscuration
may have no relation to a hypothetical dust torus surrounding the central black hole.

4.4. Morphologies of FR I radio galaxies
Significant progress in the understanding of the inner structure of FR I have been obtained
thanks to HST observations. A newly discovered feature in FR I are faint, nuclear optical
components, which might represent the elusive emission associated with the AGN. Their
study can be a powerful tool to directly compare the nuclear properties of FR I with
those of other AGNs, such as BLLac objects and powerful radio galaxies.
Chiaberge, Capetti & Celotti (1999) have studied a complete sample of 33 FR I sources

from the 3CR observations carried out as part of the HST snapshot survey and discussed
by Martel et al. (1997, 1999) (objects with z < 0.1) and by deKoff et al. (1996) (objects
with 0.1 < z < 0.5). Chiaberge et al. (1999) have shown that an unresolved nuclear source
(Central Compact Core, CCC) is present in the great majority of these objects. The CCC
emission, found to be strongly connected with the radio core emission, is anisotropic and
can be identified with optical synchrotron radiation produced in the inner regions by a
relativistic jet. These results are qualitatively consistent with the unifying model in which
FR I radio galaxies are misoriented BLLac objects. However, the analysis of objects with
a total radio power of < 2×1026WHz−1, shows that a CCC is found in all galaxies except
three, for which absorption from extended dust structures clearly plays a role. This result
casts serious doubts on the presence of obscuring thick tori in FR I as a whole.
The CCC luminosity represents a firm upper limit to any thermal component, and

implies an optical luminosity of only ∼< 10−5–10−7 times Eddington (for a 109M� black
hole). This limit on the radiative output of accreting matter is independent from but
consistent with those inferred from X-ray observations for large elliptical galaxies, thus
suggesting that accretion might take place in a low efficiency radiative regime (Fabian &
Rees 1995).
The picture which emerges is that the innermost structure of FR I radio galaxies differs

in many crucial aspects from that of the other classes of AGN; they lack the substantial
BLR, tori and thermal disk emission, which are usually associated with active nuclei.
Similar studies of higher luminosity radio galaxies will be clearly crucial to determine if
either a continuity between low and high luminosity sources exists or, alternatively, they
represent substantially different manifestations of the accretion process onto a supermas-
sive black hole.

5. Demographics of massive black holes
5.1. Ellipticals and S0 galaxies

The evidence that massive dark objects (MDOs) are present in the centers of nearby
galaxies has been reviewed by Kormendy & Richstone (1995), Bender, Kormendy, &
Dehnen (1996), Kormendy et al. (1997), and van der Marel (1998). The MDOs are
probably black holes, since star clusters of the required mass and size are difficult to
construct and maintain, and since black hole quasar remnants are expected to be common
in galaxy centers. Kormendy & Richstone (1995), Gebhardt et al. (2000a,b), and Merrit &
Ferrarese (2000) suggest that at least 20% of nearby kinematically hot galaxies (ellipticals
and spiral bulges) have MDOs and show a correlation M• � 0.003Mbulge, where Mbulge

is the mass of the hot stellar component of the galaxy. For a “bulge” with constant
mass-to-light ratio Υ and luminosity L, Mbulge ≡ ΥL.
To further probe this correlation Gebhardt et al. (2000a,b) constructed dynamical mod-

els for a sample of nearby galaxies with HST photometry and ground-based kinematics.
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Figure 6. (a) Observed black hole masses and bulge luminosities for the samples of nearby
galaxies compiled by Ho 1998, (circles) and Magorrian et al. (1998), (squares). The solid line
shows the linear least square fit to the data, log(MBH M�) = 1.28 log(LB/L�)− 4.46, while the
dashed lines show the ±1σ deviation (σ = 0.74). The dashed lines are the same in all panels
for comparison. (b) Monte Carlo simulations of black hole masses and bulge luminosities with
Macc = 6 × 10−3∆M∗. (c) Same as (b) with Macc = 1.4 × 10−3(1 + z)2∆M∗. (d) Same as (b)
with Macc = 10−6(1+z)2 Mhalo exp[−vc/300 km s−1)4]. The linear least square fit to the results
of model (iii) has a slope of 0.6, shown by the two dotted lines (Gebhardt et al. 20000a,b).

The models assume that each galaxy is axisymmetric, with a two-integral distribution
function, arbitrary inclination angle, a position-independent stellar mass-to-light ratio Υ,
and a central massive dark object (MDO) of arbitrary mass M•. They provide acceptable
fits to 32 of the galaxies, and the mass-to-light ratios inferred show a correlation Υ ∝ L0.2

(Fig. 6).
The result is that virtually every hot galaxy hosts a MDO with a mass ranging

from ∼ 108M� to 2 × 1010M� and roughly proportional to the mass of the spher-
oidal stellar component M• ∼ 0.006Mbulge. MDO masses are just large enough to match
those related to the QSO phenomenon. In fact, the highest bolometric luminosities of
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Figure 7. The upper limits on the MDO mass as a function of luminosity. The solid line
represents the corresponding luminosity-averaged values. Also shown the minimum mass for
QSO remnants (dashed line) (Sellwood & Moore 1999).

Quasars (Lbol ∼< 4 × 1048 erg/s) imply, under the assumption that they radiate at the
Eddington limit, that the underlying black hole masses are comparable with those of
the biggest MDOs detected in ellipticals, while the lowest QSO bolometric luminosities
Lbol = 1046 erg/s still imply quite conspicuous black hole masses: MBH > 2× 108M�.

5.2. Early and late type spirals

Salucci et al. (1999) have studied the rotation curves of about one thousand spiral galaxies
to investigate whether they could host relic black holes. The sample comprises late type
spirals with at least one velocity measurement inside 250 pc for 435 objects and inside
350 pc for the remaining ∼ 500 objects. This would allow detections of MDOs of mass
MMDO ∼> (1−2)×108M�, typical of a black hole powering a QSO and much larger than
the ordinary stellar component inside this radius.
The upper limits obtained are shown in Fig. 7: the central objects in spirals are re-

markably less massive than those detected in ellipticals: strict upper limits to their mass
range are between 106M� at LB � 1/20L∗ to � 107M� at ∼ 3L∗.
Salucci et al. (1999) also analyzed Sa galaxies which are considerably fewer than late

type spirals, but in view of their very massive bulge, Mb > 1010M�, they may well be
the location of black holes with MBH ∼> 108M�.
They derived MDO upper limits which range from 5 × 106M� < Mu

MDO < 1010M�,
and are, at a given luminosity, one order of magnitude larger than the upper limits of the
late type spirals MDOs. This implies that inside the innermost kpc, early type spirals
have a large enough mass to envelop a large MDO and thus comfortably hide the remnant
of a bright quasar.
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6. Formation and evolution
There is a strong empirical relationship between black holes and their host galaxies,

it is therefore important to compare their properties and distribution during the quasar
era at z ∼ 3. Were today’s MBHs already fully formed by that time, or was the average
MBH smaller in the past and later grew through accretion or mergers to form the present
population?
The epoch of maximal activity in the Universe peaked just before the epoch of maximal

star formation, and MBHs must have been formed and active before this time to provide
the energy to power the quasars. While the rise of luminous quasars follows closely the
rise in starbirth, the bright quasars reach their peak at z ∼> 2(t ∼< 1.6× 109 yr), and then
their number decline about 109 yr before the peak in star formation, which occurs at
z ∼ 1.2(t = 2.6× 109 yr).
This scenario favors models in which the black hole forms before the formation of the

densest parts of galaxies. For this reason we can associate the birth of quasars with the
spheroid formation, a process which is closely coupled to dense regions that collapse early.
The decline in the number of quasars at z < 2 may be caused by several mechanisms

including the exhaustion of the available fuel. Galaxy mergers, which are an effective gas
transport process, became less frequent as time evolves and involve a lower mean density.
Limits to the total mass of the black hole can occur through different mechanisms.

Sellwood & Moore (1999) have suggested that strong bars form in the centers of recently
formed galaxies and channel mass inwards to the central black hole which grows until
its mass is ∼ 0.02 of the mass of the disk. The bar then weakens and infalling mass
forms a much more massive bulge which creates an inner Lindblad resonance which
suppresses re-formation of a bar. Another mechanism proposed by Merritt (1998) is that
the black hole makes the central stellar orbits become chaotic, with the consequence that
non-axisymmetric disturbances are smoothed out and the rate of infall of accreting gas
falls.
Cattaneo et al. (1999) have studied a very simple model in which both spheroids

and supermassive black holes form through mergers of galaxies of comparable masses.
They assumed that cooling only forms disk galaxies and that, whenever two galaxies of
comparable masses merge, the merging remnant is an elliptical galaxy, a burst of star
formation takes place and a fraction of the gas in the merging remnant is accreted by a
central supermassive black hole formed by the coalescence of the central black holes in
the merging galaxies.
This simple model is consistent with the shape of the quasar luminosity function, but

its redshift evolution cannot be explained purely in terms of a decrease in the merging
rate and of a decline in the amount of fuel available. To explain the evolution of the space
density of bright quasars in the interval 0 < z < 2, additional assumptions are needed,
such as a redshift dependence of the fraction of available gas accreted or of the accretion
time-scale.
In another scenario, proposed by Silk & Rees (1998) and by Haehnelt et al. (1998), a

∼ 106M� black hole forms by coherent collapse in the nucleus before most of the bulge
gas turns into stars. If the black hole accretes and radiates at the Eddington limit, it
can drive a wind with kinetic luminosity ∼ 0.1 of the radiative luminosity. This deposits
energy into the bulge gas, and will unbind it on a dynamical timescale with the result
that the black hole mass will be limited to a value where it is able to shut off its own
fuel supply (Blandford 1999).
A bright AGN may also limit infall of gas to form a disk, through Compton heating,

radiation pressure on dust or direct interaction with a powerful wind. When the black
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hole mass and luminosity are large, the weakly bound, infalling gas will be blown away
and an elliptical galaxy will be left behind. Only when the black hole mass is small, will
a prominent disk develop. In this case, the bulge to disk ratio should correlate with the
black hole mass fraction.
In summary, it seems very likely that black holes form first at quite large redshifts,

z 
 2 and can grow to their present sizes with standard radiative efficiency, by the time
of the main quasar epoch at t ∼ 3Gyr. There are several plausible mechanisms to limit
the growth of the black hole by switching off the fuel supply, all of which need to be need
to be studied further.
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A decade of observing with HST also coincides with the completion of the last of the initial
three Key Projects for HST , the measurement of the Hubble constant, H0. Here we present
the final results of the Hubble Space Telescope (HST ) Key Project to measure the Hubble
constant, summarizing our method, the results and the uncertainties. The Key Project results
are based on a Cepheid calibration of several secondary distance methods applied over the range
of about 60 to 400 Mpc. Based on the Key Project Cepheid calibration and its application
to five secondary methods (type Ia supernovae, the Tully-Fisher relation, surface brightness
fluctuations, type II supernovae, and the fundamental plane for elliptical galaxies), a combined
value of H0 = 72± 8 km/sec/Mpc is obtained. An age conflict is avoided for current estimates
of globular clusters and H0 if we live in a Λ-dominated (or other form of dark energy) universe.

1. Introduction
When planning HST , pinning down H0 was one of the scientific programs that drove

the design and construction of the telescope. Although the original plans for a Large
Space Telescope were scaled down during the mid-1970s, one of the primary arguments
for an aperture of at least 2.4m was to enable the detection of Cepheid variables in the
Virgo cluster (Smith 1989), a goal that was achieved within months of the corrective
optics being installed in HST in December, 1993. This volume, however, is a testament
to the variety of research areas which have exploded since the launch of HST , some in
areas not predicted at all initially.
A decade ago, one of the biggest impediments to determining H0 was the paucity

of Cepheid-calibrating galaxies with which to calibrate the extragalactic distance scale.
From the ground, there were only a handful of spiral galaxies for which Cepheid distances
were available, useful for distance scale calibration. However, there were no galaxies close
enough to measure Cepheid distances for galaxies host to type Ia supernovae, for example.
And, although the precision in measuring relative distances to galaxies had improved
enormously, with several new, independent secondary methods available, many of these
methods could not be calibrated with Cepheids. Hence, the goal of the HST Key Project
was to discover Cepheids and increase the numbers of calibrating galaxies applicable to a
wide range of secondary methods, ultimately measuring H0 to a level of ±10%, including
systematic errors.
Obtaining an accurate value for the Hubble constant has proved an extremely chal-

lenging endeavor, a result primarily of the underlying difficulty of establishing accurate
distances over cosmologically significant scales. Given the history of systematic errors
dominating the accuracy of distance measurements, the approach adopted was to avoid
relying on a single method alone, and instead to average over the systematics by cali-
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brating and using a number of different methods. Determining H0 accurately requires the
measurement of distances far enough away that both the small and large-scale motions
of galaxies become small compared to the overall Hubble expansion. To extend the dis-
tance scale beyond the range of the Cepheids, a number of methods that provide relative
distances were chosen. We have used the HST Cepheid distances to provide an absolute
distance scale for these otherwise independent methods, including the Type Ia super-
novae (Gibson et al. 2000), the Tully-Fisher relation (Sakai et al. 2000), the fundamental
plane for elliptical galaxies (Kelson et al. 2000), surface-brightness fluctuations (Ferrarese
et al. 2000a), and Type II supernovae. This review is based on the results presented in
more detail in a final summary of the Key Project by Freedman et al. (2001), which also
contains a more extensive reference list. An earlier summary is given by Mould et al.
(2000).

2. The H0 HST Key Project
The main aims of the H0 Key Project were (1) to discover Cepheids in, and deter-

mine distances to, a sample of nearby (closer than ∼ 20 Mpc) galaxies, and establish an
accurate local distance scale, (2) to determine H0 by applying the Cepheid calibration
to several secondary distance indicators operating further out in the Hubble flow, (3) to
intercompare the Cepheid and other distances to provide estimates of the external un-
certainties for all of the methods, (4) to conduct tests of the universality of the Cepheid
period-luminosity relation, in particular as a function of metal abundance. Finally, a
further goal was to measure Cepheid distances to a small number of galaxies in each of
the two nearest clusters (Virgo and Fornax) as an independent check on other Hubble
constant determinations.
The Key Project involved the dedication and hard work of an enormous number of peo-

ple with a range of expertise in the Cepheid distance scale, secondary distance methods,
and crowded-field photometry. Over the years, the members of the Key Project have
included W. L. Freedman, R. Kennicutt, J. R. Mould (co-PIs), F. Bresolin, S. Faber,
L. Ferrarese, H. Ford, J. Graham, J. Gunn, M. Han, P. Harding, R. Hill, J. Hoessel,
J. Huchra, S. Hughes, G. Illingworth, D. Kelson, L. Macri, B. F. Madore, R. Phelps,
D. Rawson, A. Saha, S. Sakai, K. Sebo, N. Silbermann, P. Stetson, and A. Turner.
The excellent image quality of HST extends the limit out to which Cepheids can

be discovered by a factor of ten from ground-based searches, and the effective search
volume by a factor of a thousand. Furthermore, HST offers a unique capability in that
it can be scheduled optimally and independently of the phase of the Moon, the time
of day, or weather, and there are no seeing variations. Before the launch of HST , most
Cepheid searches were confined to our own Local Group of galaxies, and the very nearest
surrounding groups, and the numbers of Cepheid calibrators for various methods was
dismally small (5 for the Tully-Fisher relation, one for the surface-brightness fluctuation
method, and no Cepheid calibrators were available for Type Ia supernovae.
In each nearby target spiral galaxy in the Key Project sample, Cepheid searches were

undertaken in regions active in star formation, but low in apparent dust extinction. To
the largest extent possible, we avoided high-surface-brightness regions in order to mini-
mize source confusion or crowding. For each galaxy, over a two-month time interval, HST
images in the visual (V-band, 5550Å), and in the near-infrared (I band, 8140 Å), were
made using the correctedWide Field and Planetary Camera 2 (WFPC2). Two wavelength
bands were chosen to enable corrections for dust extinction. The time distribution of the
observations was set to follow a power-law, enabling the detection and measurement of
Cepheids with a range of periods optimized for minimum aliasing between 10 and 50 days.
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For each galaxy observed as part of the Key Project, the Cepheid positions, magnitudes,
and periods are available at http://www.ipac.caltech.edu/H0kp/H0KeyProj.html. In ad-
dition, photometry for non-variable stars that can be used for photometry comparisons,
as well as medianed (non-photometric) images for these galaxies are also available. These
images are also archived in NED, and can be accessed on a galaxy-by-galaxy basis from
http://nedwww.ipac.caltech.edu.
Since each individual secondary method is likely to be affected by its own (independent)

systematic uncertainties, to reach a final overall uncertainty of ±10%, the numbers of
calibrating galaxies for a given method were chosen initially so that the final (statistical)
uncertainty on the zero point for that method would be only ∼ 5%. Cepheid distances
were obtained for 18 galaxies. These galaxies lie at distances between 3 and 25 Mpc. HST
has also been used to measure Cepheid distances to 6 galaxies, targeted specifically to
be useful for the calibration of Type Ia supernovae (e.g. Sandage et al. 1996 ). Finally,
an HST distance to a single galaxy in the Leo I group, NGC 3368, was measured by
Tanvir and collaborators (Tanvir et al. 1999). Subsequently and fortuitously, NGC 3368
was host to a Type Ia supernova, useful for calibrating H0 (Jha et al. 1999). In addition,
recently, SN1999by occurred in NGC 2841, a galaxy for which Cepheid observations have
been taken in Cycle 9 (GO-8322).
Each galaxy within the Key Project was analyzed by two independent groups within

the team: only at the end of the data reduction process (including the Cepheid selection
and distance determinations) were the two groups’ results intercompared. This “double-
blind” procedure proved extremely valuable, both for catching simple (operator) errors,
as well as enabling us to provide a more realistic estimate of the external data reduction
errors for each galaxy distance. We also undertook a series of artificial star tests to
better quantify the effects of crowding, and to understand the limits in each of these
software packages (Ferrarese et al. 2000b). The final distances were obtained by fitting
each individual galaxy VI period-luminosity relations to those for the Large Magellanic
Cloud (LMC) measured by Udalski et al. (1999), assuming a distance to the LMC of
18.50± 0.10 mag (rms).

3. Metallicity and the Cepheid Distance Scale

Accurately establishing whether the zero point of the Cepheid period-luminosity rela-
tion sensitive to chemical composition has proven to be very challenging, and the issue
has not yet been definitively resolved (see Freedman et al. 2001 and references therein).
Neither the magnitude of the effect nor its wavelength dependence have yet been firmly
established, but the observational and theoretical evidence for an effect is steadily grow-
ing. Some recent theoretical models (e.g. see Alibert et al. 1999) suggest that at the
VI bandpasses of the H0 Key Project, the effect of metallicity on the derived distance
is small, amounting to only about 0.1 mag over a dex (or a factor of ten in metallicity).
Unfortunately, however, the sign of the effect is still uncertain. For example, Caputo,
Marconi & Musella (2000) find a slope of 0.27 mag/dex, with the opposite sign. Thus,
for the present, calibrating the metallicity effect based on theoretical models alone is
not feasible. Considering all of the evidence presently available and the (still consider-
able) uncertainties, we adopted a metallicity correction to the Key Project distances of
−0.2± 0.2 mag/dex, approximately the mid-range of current empirical values.
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Figure 1. Probability distributions for the individual H0 determinations. Each is represented
by a Gaussian of unit area, with a dispersion given by the individual σ values. The cumulative
distribution is given by the solid thick line. The median value is H0 = 72± 3± 7 km/sec/Mpc.
The random uncertainty is defined at the ±34% points of the cumulative distribution.

4. The Hubble Constant
Calibrating 5 secondary methods with Cepheid distances, Freedman et al. (2001) find

H0 = 72 ± 3 (random) ±7 (systematic) km/sec/Mpc. Type Ia supernovae are the sec-
ondary method which currently extends out to the greatest distances, ∼ 400 Mpc. All
of the methods (Types Ia and II supernovae, the Tully-Fisher relation, surface bright-
ness fluctuations, and the fundamental plane) are in extremely good agreement: four
of the methods yield a value of H0 between 70–72 km/sec/Mpc, and the fundamen-
tal plane gives H0 = 82 km/sec/Mpc. As described in detail in Freedman et al., the
largest remaining sources of error result from (a) uncertainties in the distance to the
Large Magellanic Cloud, (b) photometric calibration of the HST Wide Field and Plan-
etary Camera 2, (c) metallicity calibration of the Cepheid period-luminosity relation,
and (d) cosmic scatter in the density (and therefore, velocity) field that could lead to
observed variations in H0 on very large scales. These systematic uncertainties affect the
determination of H0 for all of the relative distance indicators, and they cannot be reduced
by simply combining the results from different methods: they dominate the overall error
budget in the determination of H0.
Figure 1 shows the probability distributions for the individual H0 determinations. The

median value is H0 = 72±3±7 km/sec/Mpc. A Bayesian analysis was also done assuming
that the priors on H0 and on the probability of any single measurement being correct
are uniform. Here the product of the probability distributions yields H0 = 72 ± 2 ±
7 km/sec/Mpc. The formal uncertainty on this result is very small, and simply reflects
the fact that four of the values are clustered very closely, while the uncertainties in the
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Figure 2. Composite Hubble diagram of velocity versus distance for Type Ia supernovae
(solid squares), the Tully-Fisher relation (solid circles), surface-brightness fluctuations (solid
diamonds), the fundamental plane (solid triangles), and Type II supernovae (open squares).
In the bottom panel, the values of H0 are shown as a function of distance. The Cepheid dis-
tances have been corrected for metallicity. The Hubble line plotted in this figure has a slope of
72 km/sec/Mpc, and the adopted distance to the LMC is taken to be 50 kpc.

fundamental method are large. Adjusting for differences in calibration, these results are
also in excellent agreement with the weighting based on numerical simulations of the
errors by Mould et al. (2000) which yielded 71± 6 km/sec/Mpc similar to Madore et al.
(1999) giving H0 = 72±5±7 km/sec/Mpc based on a smaller subset of available Cepheid
calibrators. Figure 2 displays the results graphically in a composite Hubble diagram. The
Hubble line plotted in this figure has a slope of 72 km/sec/Mpc.

5. H0 from methods independent of Cepheids
At present, to within the uncertainties, there is broad agreement in H0 values for com-

pletely independent techniques. Published values of H0 based on the Sunyaev-Zeldovich
(SZ) method have ranged from ∼ 40–80 km/sec/Mpc (e.g. Birkinshaw 1999). The most
recent two-dimensional interferometry SZ data for well-observed clusters yield H0 =
60 ± 10 km/sec/Mpc. The systematic uncertainties are still large, but the near-term
prospects for this method are improving rapidly as additional clusters are being ob-
served, and higher-resolution X-ray and SZ data are becoming available (e.g. Reese et al.
2000). A second method for measuring H0 at very large distances, also independent
of the need for any local calibration, comes from the measurement of time delays in
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Figure 3. Hubble diagram (log d versus log v) covering over 3 orders of magnitude, including
distances obtained locally from Cepheids, from 5 secondary methods, and for 4 clusters with
recent Sunyaev-Zel’dovich measurements out to z ∼ 0.1. At redshifts beyond z of 0.1, other
cosmological parameters (the matter density, Ωm, and the cosmological constant, ΩΛ) become
important.

gravitational lenses. H0 values based on this technique appear to be converging to the
mid-60 km/sec/Mpc range (Williams & Saha 2000). As more lenses with time delays are
discovered and monitored, this method also is likely to improve substantially in the near
future. A Hubble diagram (log d versus log v) is plotted in Figure 3.

6. The Expansion Age and implications for cosmology
An accurate determination of the expansion age of the universe requires not only the

value of H0, but also accurate measurements of Ωm and ΩΛ. At the time when the Key
Project was begun, the strong motivation from inflationary theory for a flat universe,
coupled with a strong theoretical preference for ΩΛ = 0, favored the Einstein-de Sitter
model (e.g. Kolb & Turner 1990). In addition, the ages of globular cluster stars were
estimated at that time to be ∼ 15 Gyr (Chaboyer et al. 1996). However, for a value
of H0 = 72 H0, the Einstein-de Sitter model yields a very young expansion age of only
9± 1 Gyr, significantly younger than the globular cluster and other age estimates.
In Figure 4 H0t0 is plotted as a function of Ω, for a value of H0 = 72 km/sec/Mpc

and t0 = 12.5 Gyr. The ±1- and 2-σ limits are plotted for H0 = 72 km/sec/Mpc,
t0 = 12.5 Gyr, assuming independent uncertainties of ±10% in each quantity, and adding
the uncertainties in quadrature. These data are consistent with either a low-density
(Ωm ∼ 0.1) open universe, or a flat universe with Ωm ∼ 0.35, ΩΛ = 0.65; however, with
these data alone, it is not possible to discriminate between an open or flat universe.
A non-zero value of the cosmological constant helps to avoid a discrepancy between the

expansion age and other age estimates. For H0 = 72 km/sec/Mpc, Ωm = 0.3, ΩΛ = 0.7,
the expansion age is 13 ± 1 Gyr. This age is consistent to within the uncertainties with
recent globular cluster ages, which have been revised downward to 12–13 Gyr based on
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Figure 4. Plot of H0t0 as a function of Ω. Two curves are shown: the solid curve is for the case
where Λ = 0, and the dashed curve allows for non-zero Λ under the assumption of a flat universe.
The open circle at Ωm = 1, Λ = 0, represents the Einstein-de Sitter case, and is inconsistent
with the current values of H0 and t0 only at a ∼ 2-σ level.

a new calibration from the Hipparcos satellite (Chaboyer 1998), with the evidence from
recent cosmic microwave background anisotropy experiments (de Bernardis et al. 2000
and with recent data from high-redshift supernovae providing evidence for a non-zero
cosmological constant (Riess et al. 1998; Perlmutter et al. 1999).

7. Conclusions
The HST Key Project to measure the Hubble constant has now been completed. HST

was used to measure Cepheid distances to 18 nearby spiral galaxies. Calibrating 5 sec-
ondary methods with these revised Cepheid distances yields H0 = 72 ± 3 (random) ±7
(systematic) km/sec/Mpc, or H0 = 72 ± 8 km/sec/Mpc, combining the total errors in
quadrature. To within existing uncertainties, these results are in good agreement with
other completely independent methods for measuring H0, for example, the Sunyaev-
Zeldovich and gravitational lense time delay methods. The largest remaining sources
of error result from (a) uncertainties in the distance to the Large Magellanic Cloud,
(b) photometric calibration of the HST Wide Field and Planetary Camera 2, (c) metal-
licity calibration of the Cepheid period-luminosity relation, and (d) cosmic scatter in the
density (and therefore, velocity) field that could lead to observed variations in H0 on
very large scales. A value of H0 = 72 km/sec/Mpc yields an expansion age of ∼ 13 Gyr
for a flat universe (consistent with the recent cosmic microwave background anisotropy
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results) if Ωm = 0.3, ΩΛ = 0.7. Combined with the current best estimates of the ages of
globular clusters (∼ 12.5 Gyr), our results favor a Λ-dominated universe.

We extend our thanks to the organizing committee for a very stimulating meeting
covering such a wide range of topics. It is a pleasure to acknowledge the many individuals
at ST ScI and NASA for their help in carrying out this project over the past decade. In
particular we thank our HST program coordinator throughout our entire (complicated)
observing process, Doug Van Orsow, and former ST ScI director Robert Williams. We
also fondly remember Marc Aarsonson who initially led our project before his tragic
death in 1987.
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H0 from Type Ia supernovae
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The Hubble diagrams in B, V , and I of a complete sample of 35 SNe Ia with (B − V ) < 0.06
and 1200 < v ∼< 30 000 km s−1 have a scatter of only 0m.1, after small corrections are applied
for differences in decline rate ∆m15 and color (B − V ). The tightness of the Hubble diagrams
proves blue SNe Ia to be the best “standard candles” known. Their absolute magnitudes MB,V,I

are calibrated by eight SNe Ia with Cepheid distances from HST . Combining this calibration
with the appropriate Hubble diagrams yields a large-scale value of H0 = 58.5± 6.3 at the 90%
confidence level.
The Hubble diagram of SNe Ia has so small scatter that it seems feasible to determine Λ

“locally,” i.e. within z ∼< 0.12, once 100–200 SNe Ia with good photometry will be available.
Such a local determination would minimize evolutionary effects and K-term corrections.
Clusters of galaxies have provided useful Hubble diagrams through brightest cluster members,

TF distances, and Dn − σ and fundamental plane distances, but with significantly more scatter
(σ = 0m.2−0m.3) than SNe Ia. The zeropoint calibration of these Hubble diagrams is an additional
problem, which is aggravated by the high weight of any adopted distance of the Virgo cluster and
by selection effects of clusters with only few well studied members. If a Virgo cluster modulus of
(m − M) = 31.60± 0.20 is adopted for calibration—a value which is well secured by Cepheids,
SNe Ia, and the TF method, and which also agrees with less definitive distances from the globular
cluster luminosity function, novae, and the Dn −σ method—one finds H0 = 55± 5. The reasons
are explained why some authors have found higher values from clusters.
The determination of H0 from field galaxies is beset by selection effects of magnitude-limited

samples (Malmquist bias). Authors who have properly allowed for bias have consistently obtained
H0 ≈ 55± 5 within v ∼< 5000 km s−1 based on the TF and other methods. The calibration rests
only on Cepheids, independent of any adopted Virgo cluster modulus.
Giving highest weight to SNe Ia it is concluded that H0 = 58± 6.

1. Introduction
HST has brought an enormous progress in determining extragalactic distances by

providing 26 Cepheid distances to late-type galaxies. This is of paramount importance
not only for the determination of the Hubble constant H0, but increasingly also for the
physical understanding of individual galaxies whose linear sizes, luminosities, masses,
radiation densities etc. depend on distance. Unfortunately the progress is confined to
late-type galaxies, the distances of early-type galaxies having profited only indirectly.
An overview of the Cepheid distances from HST is given in Table 1. Cepheids carry

by far the largest weight for the foundation of the extragalactic distance scale. Their
zeropoint is based on an adopted LMC modulus of 18.50, which is confirmed by various
distance indicators to within ±0m.10. Cepheid distances are uncontroversial to a large
extent with possibly remaining small metallicity effects discussed in Section 2.5.
The 26 galaxies with Cepheid distances from HST , all beyond the Local Group, yield a

mean value of H0 = 65±4 [km s−1Mpc−1]. Yet these galaxies lie within v = 1200 km s−1

which is too local for this determination having any cosmic significance.
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No. of Galaxies Authors No. of SNe Ia

18 Cepheid distances Freedman 2001 1
1 Cepheid distance Tanvir et al. 1995 1
7 Cepheid distances Saha et al. 1999, 2000a 8

Table 1. Cepheid distances from HST

An additional distance indicator is therefore needed which can be calibrated by means
of the available Cepheids and which carries the distance scale out to ∼> 10 000 km s−1,
i.e. well beyond the influence of peculiar and streaming motions. This distance indicator
must be proven to be reliable and its intrinsic dispersion must be known in order to
control selection effects (cf. Section 4).
Many distance indicators have been proposed, but the proof of their reliability is

extremely difficult. The demonstration that they can reproduce a limited number of
Cepheid distances, which carry themselves individual errors of up to ∼ 0m.2, is not good
enough, and the internal dispersion remains ill defined. Just because various distance
indicators are said to agree amongst themselves is no proof that they form a correct
distance scale. If they have similar intrinsic dispersion and if each is not corrected for
systematic effects of observational bias errors, their agreement is spurious.
The only satisfactory way to prove potential distance indicators to be useful for the

determination of H0 is the demonstration that they define a linear relation of slope 0.2
(corresponding to linear expansion) in the Hubble diagram out to ∼> 10 000 km s−1. The
scatter about this line provides in addition the intrinsic dispersion of the method if proper
allowance is made for observational errors and for the influence of peculiar motions which,
however, at 10 000 km s−1, are negligible for all practical purposes.
This requirement of reliable long-range distance indicators is very well met by super-

novae of type Ia (SNe Ia), and they can be calibrated by Cepheids. SNe Ia offer therefore
the optimum route to H0 and are discussed in Section 2. Cluster distances follow in Sec-
tion 3; they also define a useful Hubble diagram, but their zeropoint calibration is still
under debate. The most difficult and least satisfactory way to H0 by means of distances
of field galaxies is discussed in Section 4. The conclusions are given in Section 5.

2. H0 from SNe Ia
This Section is the result of an HST project for the luminosity calibration of SNe Ia

that also includes L. Labhardt, F. D. Macchetto, and N. Panagia. The collaboration of
J. Christensen, B. R. Parodi, H. Schwengeler, and F. Thim at different stages of the
project is acknowledged. We thank also the many collaborators who work behind the
scene at the Space Telescope Science Institute for their continued support.

2.1. The sample
From a parent population of 67 SNe Ia with known B and V at maximum, (Bmax −
Vmax) < 0.20 (In the following (B − V ) for short), and vCMB ∼< 30 000 km s−1 (to mini-
mize cosmological effects; galaxies with V220 > 3000 km s−1 being corrected for the local
630 km s−1 motion with respect to the CMB) a sample of 44 SNe Ia was selected which
fulfill the additional conditions: (1) having occurred after 1985 to ensure photometric
quality, and (2) v220 > 1200 km s−1 (after correction for Virgocentric infall).
The color cut in (B − V ) is justified in Fig. 1 where all SNe Ia after 1985 are plotted.

Their color distribution is sharply peaked. Some of the 10 red objects with (B−V ) > 0.20
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Figure 1. The color distribution of all known SNe Ia after 1985 with v < 30 000 km s−1. Open
symbols are for more distant SNe Ia. The binned intervals embrace ∆(B−V ) = 0m.05. A Gaussian
fit to all SNe Ia with (B − V ) ≤ 0m.10 gives <B − V >= 0.020, σB−V = 0m.053.

probably have high internal reddening, others are known to have low expansion velocities
(like SN1986G) or quite peculiar spectra (like SN1991bg, 1992K). The latter may define
special subclasses of SNe Ia and clearly should be excluded from a homogeneous set of
SNe Ia. Their exclusion is in any case indicated as long as none of the calibrating SNe Ia
is of this type, which is not the case (Section 2.4).
Seven SNe Ia of the blue sample have 0.06 < (B −V ) < 0.20. All seven are underlumi-

nous and five of them lie in the inner parts of spiral galaxies. They are therefore suspected
to suffer mild absorption in their parent galaxies. Their exclusion is permissible because
none of the calibrating SNe Ia is as red.
Two SNe Ia of the blue sample, i.e. SN 1991T (Phillips et al. 1992) and SN1995ac

(Garnavich et al. 1996), had peculiar spectra during their early phases. SN 1991T has
long been suspected to be overluminous, but a recent Cepheid distance (Saha et al. 2001)
suggests this overluminosity to be only marginal. SN 1995ac lies, however, significantly
above the Hubble line and is certainly overluminous. Both objects are excluded here.
The remaining 35 blue SNe Ia constitute our “fiducial sample.” They are listed in

Parodi et al. (2000). Their spectra, as far as available, are Branch-normal. For 29 SNe Ia
also mI(max) is known.

2.2. The color of blue SNe Ia
The mean color of 16 SNe Ia of the fiducial sample, that have occurred in early-type
galaxies, is <B −V >= −0.013± 0.015 and is identical with the mean color of 9 outlying
SNe Ia in spirals. We therefore take this as the true mean intrinsic color of SNe Ia. The
mean intrinsic color derived by Phillips et al. (1999) from different assumptions is bluer by
∼ 0.03. This is irrelevant for the following discussion as long as the calibrating SNe Ia and
the remaining objects of the fiducial sample conform with the adopted zeropoint color. (If
our adopted mean color was too red, any additional absorption would equally affect the
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calibrators and the fiducial sample and have no effect on the derived distances). Indeed,
after the eight calibrating SNe Ia (Section 2.4) are individually corrected for absorption
they exhibit a mean color of <B−V >= −0.009±0.015, i.e. only insignificantly different
from our adopted mean intrinsic color. Also the 10 remaining SNe Ia of the fiducial
sample, which lie in the inner parts of spirals or whose position within their parent
spirals is poorly known, are redder by a negligible amount of only 0m.012± 0m.016.
The scatter in (V − I) is somewhat larger (σV −I = 0m.08) than in (B − V ), but here

again the mean color of <V − I>= −0.276 ± 0.016 is the same for the SNe Ia in E/S0
galaxies and in spirals as well as for the calibrating SNe Ia.

2.3. Second-parameter correction
The 35 SNe Ia of the fiducial sample define very tight Hubble diagrams in B, V , and I for
the range 1200 < v ∼< 30 000 km s−1 (cf. Parodi et al. 2000; their Fig. 3), the scatter being
only σB = 0m.21, σV = 0m.18, and σI = 0m.16. This proves their usefulness as “standard
candles.”
Although the Hubble diagrams of SNe Ia in B, V , and I are tighter than for any

other known objects, they still contain systematic effects. As suspected early on by some
authors and pointed out again by Phillips (1993) the peak luminosity of SNe Ia correlates
with the decline rate. Phillips introduced ∆m15, i.e. the decline in magnitudes during the
first 15 days after B maximum, as a measure of the decline rate. Indeed the residuals of
the SNe Ia of the fiducial sample correlate with ∆m15 (Fig. 2a). The relation is roughly
δM ∝ 0.5∆m15 in all three colors, slow decliners being brighter.
In addition the luminosities of SNe Ia correlate with the color (B − V ) (Tammann

1982; Tripp 1998). The proportionality factor between the magnitude residual δM and
∆(B − V ) decreases from ∼2.6 in B to ∼1.2 in I for the fiducial sample, blue SNe Ia
being brighter (Fig. 2b). This dependence is significantly shallower than for absorption
by standard dust. There are indeed strong reasons (Saha et al. 1999) to believe that the
dependence of luminosity on color is an intrinsic effect of SNe Ia.
The “second parameters” ∆m15 and (B − V ) are orthogonal to each other. A simul-

taneous fit of the residuals δM in function of ∆m15 and (B − V ) is therefore indicated.
In that case the fiducial sample yields (Parodi et al. 2000)

δMcorr
B = 0.44±0.13 (∆m15 − 1.2) + 2.46±0.46 [(B − V ) + 0.01]− 28.40±0.16, σB = 0.129 (2.1)

δMcorr
V = 0.47±0.11 (∆m15 − 1.2) + 1.39±0.40 [(B − V ) + 0.01]− 28.39±0.14, σV = 0.129 (2.2)

δMcorr
I = 0.40±0.13 (∆m15 − 1.2) + 1.21±0.43 [(B − V ) + 0.01]− 28.11±0.17, σI = 0.122 (2.3)

It is interesting to note that the residuals δM correlate also with the Hubble type
(SNe Ia in early-type galaxies being fainter) and marginally so with the radial distance
from the galaxy center, but that these dependencies disappear once the apparent mag-
nitudes are corrected for ∆m15 and (B − V ).
The apparent magnitudes mcorr

B,V,I of the 35 SNe Ia, corrected for ∆m15 and color by
means of equations (2.1)–(2.3), define Hubble diagrams as shown in Fig. 3. Their tightness
is astounding. The Cerro Tololo collaboration, to whom one owes 70% of the photometry
of the fiducial sample, quote a mean observational error of their mmax-values of ∼0m.10
and of their colors (B − V ) of ∼0m.05. This alone would suffice to explain the observed
scatter of σm = 0m.12− 0m.13. An additional error source are the corrections for Galactic
absorption which were adopted from Schlegel et al. (1998). In fact, if one excludes the
nine SNe Ia with large Galactic absorption corrections (AV > 0m.2) the scatter decreases
to 0m.11 in all three colors. Two important conclusions follow from this. (1) If the total
observed scatter of the Hubble diagrams is read vertically as an effect of peculiar motions,



226 G. A. Tammann et al.: H0 from Type Ia supernovae

Figure 2. Left panel: Relative magnitudes (i.e. residuals from the Hubble line) for the SNe Ia
of the fiducial sample in function of the decline rate ∆m15. Circles are SNe Ia in spirals, squares
in E/S0 galaxies. Open symbols are SNe Ia with 1200 < v < 10 000 km s−1, closed symbols are
for more distant SNe Ia. Small symbols are SNe Ia whose observations begin eight days after
B maximum or later. Neither the SNe Ia before 1985 with known ∆m15 (shown as crosses) nor
the seven blue, but reddened SNe Ia (shown as ‘X’s) are considered for the weighted least-squares
solutions (solid lines). Right panel: Relative absolute magnitudes (i.e. residuals from the Hubble
line) for the SNe Ia of the fiducial sample in function of their color (B − V ). Symbols as in the
left panel.

a generous upper limit is set of ∆v/v = 0.05, which holds for the range of 3500 ∼< v ∼<
30 000 km s−1. The (all-sky) distance-dependent variation of H0 must be even smaller.
(2) If on the other hand the scatter is read horizontally and if allowance is made for
the observational errors of the apparent magnitudes (and for any peculiar motions) one
must conclude that the luminosity scatter of blue SNe Ia, once they are homogenized in
∆m15 and color, is smaller than can be measured at present. With other words, they are
extremely powerful standard candles.
It is obvious that if one can determine the absolute magnitude of a few (nearby) SNe Ia

this offers what we believe to be a definitive route to determine the large-scale value of
H0.

2.4. The luminosity calibration of SNe Ia
As stated before, HST has provided Cepheid distances to nine galaxies which have pro-
duced 10 SNe Ia. Excluding the spectroscopically peculiar SN 1991T in NGC4527 (Saha
et al. 2001) leaves eight galaxies with nine SNe Ia. They are listed in Table 2.
The weights of the individual values of M in Table 2 are quite different due to the

different quality of the SNe Ia light curves and of the Cepheid distances, but they are
also relatively strongly affected by the corrections for internal absorption. The estimated
individual errors are compounded and carried on to determine the total weights. This
procedure is much safer than to exclude single SNe Ia for the one or the other reason.
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SN Galaxy (m-M)0 ref. M0
B M0

V M0
I ∆m15

(1) (2) (3) (4) (5) (6) (7) (8)

1895B NGC5253 28.01 (08) 2 −19.54 (22) . . . . . . . . .
1937C IC 4182 28.36 (09) 1 −19.56 (15) −19.54 (17) . . . 0.87 (10)
1960F NGC4496A 31.04 (10) 3 −19.56 (18) −19.62 (22) . . . 1.06 (12)
1972E NGC5253 28.61 (08) 2 −19.64 (16) −19.61 (17) −19.27 (20) 0.87 (10)
1974G NGC4414 31.46 (17) 4 −19.67 (34) −19.69 (27) . . . 1.11 (06)
1981B NGC4536 31.10 (05) 5 −19.50 (14) −19.50 (10) . . . 1.10 (07)
1989B NGC3627 30.22 (12) 6 −19.47 (18) −19.42 (16) −19.21 (14) 1.31 (07)
1990N NGC4639 32.03 (22) 7 −19.39 (26) −19.41 (24) −19.14 (23) 1.05 (05)
1998bu NGC3368 30.37 (16) 8 −19.76 (31) −19.69 (26) −19.43 (21) 1.08 (05)

mean (straight, excl. SN 1895B) −19.57 (04) −19.56 (04) −19.26 (06) 1.06 (05)
mean (weighted,excl. SN 1895B) −19.55 (07) −19.53 (06) −19.25 (09) 1.08 (02)

Mcorr(∆m15 = 1.2; (B − V ) = −0.01) −19.48 (07) −19.47 (06) −19.19 (09) 1.08 (02)

References—(1) Saha et al. 1994 (2) Saha et al. 1995 (3) Saha et al. 1996b (4) Turner et al.
1998 (5) Saha et al. 1996a (6) Saha et al. 1999 (7) Saha et al. 1997 (8) Tanvir et al. 1995.

Table 2. Absolute B, V , and I magnitudes of blue SNe Ia calibrated through Cepheid
distances of their parent galaxies

The adopted mean absolute magnitudes in Table 2 agree fortuitously well with explo-
sion models, ejecting about 0.6M� of 56Ni, by Höflich & Khokhlov (1996) for equally
blue SNe Ia (cf. also Branch 1998).
The HST photometry for the Cepheids in the galaxies listed in Table 2 (except

NGC4414) has been re-analyzed by Gibson et al. (2000). For 114 Cepheids in com-
mon with Saha et al. (1994, 1995, 1996a,b, 1997, 1999) they find a brighter photometric
zeropoint by 0m.04 ± 0m.02, which is as satisfactory as can be expected from the subtle
photometry with WFPC2. On the other hand a recent check on the zeropoint by A. Saha
suggests that it should become fainter by 0m.02.
Gibson et al. (2000) have added Cepheids which were reduced only with the photomet-

ric ALLFRAME package. Many of the additional Cepheids had also been detected by
us, but were discarded because of what we considered to be insuperable problems such
as poor light curves or excess crowding. With their additional Cepheids Gibson et al.
(2000) have derived a distance modulus of NGC5253 that is 0m.39 smaller than listed in
Table 2. Their reduction is unlikely for us because it would imply a very faint tip of the
red-giant branch. For the remaining galaxies in Table 2 they suggest a mean decrease of
the distance moduli by 0m.11± 0m.03. This would lead to an increase of H0 by 5–6%. We
do not consider this possibility pending independent confirmation of the ALLFRAME
Cepheids.

2.5. The value of H0

Combining the weighted mean absolute magnitude M0
BVI of SNe Ia from Table 2 with

the observed Hubble diagrams in B, V , and I of the fiducial sample, corrected only for
Galactic absorption, leads immediately to a mean value of H0(BV I) = 58.3±2.0 (internal
error) (cf. Parodi et al. 2000). The three colors B, V , and I give closely the same results.
However, the calibrating SNe Ia lie necessarily in late-type galaxies (because the parent

galaxies must contain Cepheids), and these SNe Ia are therefore expected to be somewhat
more luminous than their counterparts of the fiducial sample which lie in galaxies of all
Hubble types (cf. Section 2.3). Because of the correlation between Hubble type and
decline rate ∆m15, the calibrators should have also slower decline rates than average.
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Figure 3. The Hubble diagrams in B, V , (and I) for the 35 (29) SNe Ia of the fiducial sample
with magnitudes mcorr, i.e. corrected for decline rate ∆m15 and color (B−V ) (equations 2.1–2.3).
Circles are SNe Ia in spirals, squares in E/S0 galaxies. Small symbols are SNe Ia whose obser-
vations begin eight days after B maximum or later. Solid lines are fits to the data assuming a
flat universe with ΩM = 0.3 and ΩΛ = 0.7; dashed lines are linear fits with a forced slope of 0.2
(corresponding approximately to ΩM = 1.0 and ΩΛ = 0.0). Not considered for the fits are the
SNe Ia before 1985 and the seven SNe Ia with 0.06 < (B − V ) < 0.20 that are suspected to be
reddened. They are shown as diamonds after absorption correction; their inclusion would have
nil effect on the fit.

This is indeed the case. Consequently the calibrators and the fiducial sample should
be homogenized as to ∆m15, i.e. the corrected magnitudes M corr

BVI from Table 2 should
be compared with the corrected Hubble diagram in Fig. 3. It may be noted that the
correction for variations in color (B − V ) has here no net effect because the calibrators
and the fiducial sample have identical mean colors.
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Figure 4. Differential Hubble diagrams (mcorr −mfit) vs. log v in B, V , (and I) for the 35 (29)
SNe Ia of the fiducial sample. Symbols as in Fig. 3. The dashed line is for a flat cosmological
model with ΩM = 1.0 and ΩΛ = 0.0; the theoretical apparent magnitudes mfit correspond to
this model. The full line is for a flat model with ΩM = 0.3 and ΩΛ = 0.7; the dotted line is for
an open universe with ΩM = 0.2 and ΩΛ = 0.0.

An exact comparison should allow for the fact that cosmological effects on the Hub-
ble diagram are non-negligible at ∼30 000 km s−1. Three different model universes are
therefore fitted to the data as illustrated in a differential Hubble diagram (Fig. 4):
1. A flat Universe with ΩM = 1.0 (q0 = 0.5; Sandage 1961, 1962). When the magni-

tudesmcorr
BVI of the fiducial sample are fitted to the corresponding Hubble line one obtains,

after inserting <M corr
BVI> of the calibrators, H0(B) = 60.2 ± 2.1. The values in V and I

are very similar (60.1 and 60.0, respectively).
2. An open Universe with ΩM = 0.2 (q0 = 0.1; Sandage 1961, 1962). The fit is in this

case somewhat better, giving H0(BV I) = 60.2± 2.0.
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3. A flat Universe with ΩM = 0.3, ΩΛ = 0.7 (q0 = −0.55). This model is favored by
high-redshift SNe Ia (Perlmutter 1998, Riess et al. 1998, Schmidt et al. 1998, Perlmutter
et al. 1999). The Hubble line is given in this case by (cf. Carroll, Press, & Turner 1992)

mB,V,I = 5 log
(

c

H0
(1 + z1)

∫ z1

0

[(1 + z)2(1 + ΩMz)− z(2 + z)ΩΛ]−1/2dz

)
+MB,V,I+25 .

(2.4)
This model gives the best fit to the fiducial sample and yields, after insertion of <M corr

BVI>
from Table 2, H0(B) = 61.0± 2.1, H0(V ) = 60.9± 1.8, and H0(I) = 60.7± 2.6. A mean
value of H0 = 60.9± 1.8 is adopted for the following discussion.
The three model Universes can be distinguished with the present fiducial sample only

at the 1σ-level. But the possibility to determine Λ from rather local SNe Ia is interesting in
principle. The advantage would be good multi-color photometry (e.g. in B, V, I), allowing
homogenization of the SNe Ia in color and good control of internal absorption, quite small
K-corrections, and short look-back times minimizing evolutionary effects. From 100–200
SNe Ia with good observations and z < 0.12 one should obtain a significant value of Λ.

2.6. Discussion

It should be noted that the second-parameter corrections increase H0 by only 4.3%, i.e.
from 58.3 to 60.9. This is supported by the fact that if one restricts the discussion to
SNe Ia in spirals, minimizing in this way the difference between the parent galaxies of
the calibrators and of the SNe Ia of the fiducial sample, one obtains H0(BV I) = 59.1
independent of any second-parameter correction. Alternatively, if one considers the 21
SNe Ia of the fiducial sample with ∆m15 ≥ 1.3, whose mean decline rate of <∆m15>=
1.08 ± 0.02 is the same as that of the calibrators, one obtains H0(BV I) = 59.2 (Parodi
et al. 2000).
Other authors have derived from part of the fiducial sample and from all or some of the

calibrators in Table 2 values from H0 = 50± 3 (Lanoix 1998) to H0 = 72± 4 (Richtler &
Drenkhahn 1999). Intermediate values of H0 = 63−64±2.2 were found by Suntzeff et al.
(1999) and Phillips et al. (1999), however they base their result on a significantly steeper
∆m15-luminosity correction than found here. This would lead to an overcorrection of the
larger fiducial sample used here. If their correction was applied to the present data, one
would obtain H0 = 59.7 for the SNe Ia with ∆m15 < 1.2 (n =17), and H0 = 64.6 for
those with ∆m15 ≥ 1.2 (n =18). Since seven of the eight calibrators fall into the first
category, the lower value must be more nearly correct.
By relying exclusively on the Cepheid distances by Gibson et al. (2000; cf. Section 2.4),

Freedman (2001) was able to push the solution of Suntzeff et al. (1999) and Phillips et al.
(1999) up to H0 = 68.
Riess et al. (1998) employed a so-called “Multi Light Curve Shape” (MLCS) method

to correct simultaneously for Galactic absorption and the relative SN Ia luminosity. The
resulting distance moduli (their Table 10) imply, however, that H0 depends on their
correction parameter ∆, i.e. <H0>= 66.6 ± 1.1 for ∆ < −0.20 (n =9) and <H0>=
61.8± 1.3 for ∆ > −0.20 (n =18). Jha et al. (1999) employed also the MLCS method to
derive H0 = 64±7 without listing ∆-values of individual SNe Ia. Tripp & Branch (1999),
correcting for ∆m15 and color (B − V ), have obtained H0 = 62 (±4).
The present result of H0 = 60.2 ± 2.1 is still affected by external errors. Yet the

largest systematic error source of all distance indicators that depend on an adopted mean
luminosity (or size), i.e. selection effects against underluminous (or undersized) “twins,”
is negligible in the case of blue SNe Ia because of their exceptionally small luminosity
dispersion.
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External errors of either sign are introduced (cf. Parodi et al. 2000) by the photomet-
ric zeropoint of the WFPC-2 photometry (0m.04), by the adopted slope of the ∆m15-
luminosity relation (0m.02), by the velocity correction for Virgocentric infall and by the
correction for motion relative to the CMB (0m.02).
Other errors are asymmetric with a tendency to underestimate distances. The adopted

LMC modulus of 18.50 for the zeropoint of the Cepheid PL relation is probably too
small by ∼0m.06 (e.g. Federspiel, Tammann, & Sandage 1998; Madore & Freedman 1998;
Feast 1999; Walker 1999; Gilmozzi & Panagia 1999; Gratton 2000; Sakai, Zwitsky, &
Kennicutt 2000). Smaller LMC moduli suggested on the basis of statistical parallaxes
of RR Lyrae stars and red giant clump stars depend entirely on the sample selection
and on the absence of metallicity and evolutionary effects, respectively. The higher LMC
modulus will increase all moduli by 0m.06± 0m.10. Incomplete Cepheid sampling near the
photometric threshold always tends to yield too short distances (Sandage 1988a; Lanoix,
Paturel, & Garnier 1999; Mazumdar & Narasimha 2000). The effect is estimated here
to be 0m.05 ± 0m.05. Stanek & Udalski (1999) have proposed that photometric blends of
Cepheids in very crowded fields lead to a serious underestimate of the distances. Careful
analyses by Saha et al. (2000) and Ferrarese et al. (2000) show the effect to be more
modest for the Cepheid distances in Table 2, say 0m.03 ± 0m.03 on average. Absorption
corrections of the calibrating SNe Ia and those of the fiducial sample, having identical
colors after correction, enter only differentially. However, if one excludes the nine SNe Ia
with large Galactic absorption (Section 2.3) the Hubble line of Fig. 3 shifts faintwards by
0m.05 in B. Finally seven SNe Ia were excluded on the suspicion of having some internal
absorption (Section 2.1). If they had been included after being corrected for absorption,
their effect on the Hubble line would be negligible. If, however, their colors are intrinsic
they would shift the Hubble line by 0m.02 towards fainter magnitudes. Combining the
absorption errors it is estimated that the distances of the fiducial sample are too small
by 0m.05 ± 0m.05 on average. Finally there is much discussion of the metallicity effect
on Cepheid distances. Theoretical investigations show this effect to be nearly negligible
(Sandage, Bell, & Tripicco 1999; Alibert et al. 1999) Other authors do not even agree
on the sign of the correction. Based on Kennicutt et al. (1998) Gibson et al. (2000) have
concluded that the Cepheid distances in Table 4 are too small by 0m.07 due to variations
of the metallicity. A distance increase of 0m.04± 0m.10 is adopted as a compromise.
Adding the various error sources in quadrature leads to a correction factor of 0.96±0.08

which is to be applied to H0 = 60.2 ± 2.1. At a 90-percent confidence level one obtains
then

H0 = 58.5± 6.3. (2.5)
If only the Cepheid distances of Gibson et al. (2000; cf. Section 2.4) had been used,
excluding their unlikely value for NGC5253, one would have obtained H0 = 61.6± 6.6.
The standards for the determination of H0 are now set by SNe Ia. In the next Section it

will be asked to what extend these standards can be met by other distance indicators, i.e.
how reliable are they as relative distance indicators and how accurate is their zeropoint
calibration?

3. H0 from Cluster Distances
3.1. The Hubble diagram of clusters

3.1.1. Brightest cluster members
A deep (to z = 0.45) and tight (σm = 0m.32) Hubble Diagram is that of 1st-ranked

E and S0 cluster galaxies corrected for Galactic absorption, aperture effect, K-dimming,
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Bautz-Morgan effect, and cluster richness (Sandage & Hardy 1973). They define a Hubble
line in the range of 1200 < v < 30 000 km s−1 of

log v = 0.2mVc
+ (1.359± 0.018); σmV

= 0.32; n = 76 (3.1)

which is easily transformed into

logH0 = 0.2MV (1st) + (6.359± 0.018) . (3.2)

Weedman (1976) has established a Hubble diagram using the mean magnitude of the 10
brightest cluster members. The small scatter of σm10 = 0

m.15 is not directly comparable
with other values because the magnitudes are defined within a metric diameter and
depend somewhat on redshift.
Another Hubble diagram of 1st-ranked galaxies has been presented by Lauer & Post-

man (1992). It comprises the complete sample of 114 Abell clusters with v < 15 000 km s−1.
The scatter about the mean Hubble line amounts to σm = 0m.3.

3.1.2. The Tully-Fisher (TF) relation
Dale et al. (1999) have derived relative I-band TF distances of 52 clusters from an

average of 8–9 members per cluster. The mean cluster distances define a Hubble line
with a scatter of only σ(m−M) = 0m.12, i.e. similar to SNe Ia. The clusters are corrected
for differential selection bias, but the data are still unsuitable to derive absolute distances
because with only a few members per cluster the Teerikorpi cluster incompleteness bias
must be severe (Section 3.4). The same holds for an older sample of 18 clusters by
Giovanelli et al. (1997), for which Sakai et al. (2000) have derived I-band TF distances.
Sixteen of their clusters with 1500 < v < 9000 km s−1 and each with 15 studied galaxies
on average define a Hubble line with a scatter of σ(m−M) = 0m.18, which implies a scatter
of σ > 0m.5 of the TF modulus of an individual galaxy.

3.1.3. The Dn − σ relation
Kelson et al. (2000) have derived Dn−σ and fundamental plane (FP) distances of (only)

11 clusters out to v∼10 000 km s−1. The two resulting sets define Hubble diagrams with
a remarkably small scatter of σ(m−M) = 0m.19.

3.1.4. Combining different Hubble diagrams
A combination of data of brightest cluster galaxies and Dn−σ measurements by Faber

et al. (1989) have been used to derive cluster distances relative to the Virgo cluster (Jerjen
& Tammann 1993). When these are augmented by the relative TF distances of clusters
by Giovanelli (1997) one obtains a Hubble diagram as shown in Fig. 5. The data scatter
by σ(m−M) = 0m.20 about a Hubble line. The latter is found by linear regression and
implies

log H0 = −0.2 (m − M)Virgo + (8.070± 0.007) (3.3)
(Federspiel, Tammann, & Sandage 1998). The equation is particularly useful because the
calibration of H0 can simply be accomplished by inserting the Virgo cluster modulus.
It should be noted that the observed scatter of the above Hubble diagrams is almost

entirely due to intrinsic scatter of the distance indicators and to measurement errors
because the contribution of peculiar velocities is ∼< 0m.1 as shown by the Hubble diagram
of SNe Ia (Fig. 3).

3.2. Relative distances of local groups and clusters
The reliability of other distance indicators, which have failed so far to establish a Hubble
diagram, can be tested by comparing their relative distances of local groups or clusters,
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Figure 5. Hubble diagram of 31 clusters with known relative distances. Asterisks are data from
Jerjen & Tammann (1993). Open circles are from Giovanelli (1997). Filled circles are the average
of data from both sources.

∆(m − M) ∆(m − M) ∆(m − M)
Method Virgo–Leo I Fornax–Virgo Fornax–Leo I Source

(1) (2) (3) (4) (5)

Cepheids, SNe Ia 1.37 ± 0.21 0.05 ± 0.22 1.42 ± 0.10 Tables 4 and 6
Dn − σ 0.92 ± 0.32 0.17 ± 0.16 1.09 ± 0.32 Faber et al. 1989
FP · · · (0.52 ± 0.17) · · · Kelson et al. 2000
TF (BVRI ) (1.95 ± 0.23)1 (−0.40 ± 0.10) (1.55)1 Schröder 1995
vel. ratio2 1.29 ± 0.31 0.27 ± 0.30 1.57 ± 0.18 Kraan-Korteweg 1986

mean: 1.25 ± 0.15 0.15 ± 0.12 1.43 ± 0.08

PNe 0.86 ± 0.09 0.33 ± 0.09 1.19 ± 0.10 Ferrarese et al. 2000
SBF 0.88 ± 0.07 0.40 ± 0.05 1.28 ± 0.06 Ferrarese et al. 2000

0.93 ± 0.05 0.37 ± 0.04 1.30 ± 0.05 Tonry et al. 2000
GCLF 1.62 ± 0.31 −0.35 ± 0.14 1.27 ± 0.31 Tammann & Sandage 1999

1.69 ± 0.56 0.14 ± 0.07 1.83 ± 0.56 Ferrarese et al. 2000

1 From only 3 spirals in the Leo I group (Federspiel 1999)
2 Assuming v220(Leo) = 648, v220(Virgo) = 1179, v220(Fornax) = 1338 km s−1 (Kraan-Korteweg 1986)
and allowing for a peculiar velocity of Leo I of 100 km s−1 and of Fornax of 200 km s−1

Table 3. Relative distances of Leo I, Virgo, and Fornax from various distance indicators.
(The errors shown are from the quoted sources)

specifically between the Leo I group, the Virgo cluster, and the Fornax cluster. It is a
most gentle test because the mean distances from several member galaxies are compared
and the problem of the zeropoint calibration does not enter.
In Table 3 the modulus differences Virgo–Leo I, Fornax–Virgo, and Fornax–Leo I are

listed as derived from various distance indicators. The sources of these differences are
also listed. The first four lines show the differences of the distance indicators which have
passed the Hubble diagram test. The fifth line gives the relative moduli as derived from
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the mean group/cluster velocities. Most of the entries are in statistical agreement with
the weighted means in the sixth line.
There are, however, four entries shown in parentheses, which deviate significantly from

the adopted means. The result of the FP that the Fornax cluster is more distant by
as much as 0m.5 than the Virgo cluster is very unlikely. The TF distance of the Leo I
group carries little weight being based on only three galaxies, and the small TF distance
of the Fornax cluster, i.e. 0m.40 nearer than the Virgo cluster, is simply impossible. A
compilation (Tammann & Federspiel 1997) of the relative distance Fornax–Virgo, as
determined by 30 different authors, suggests Fornax to be slighty more distant than
Virgo in agreement with the adopted means in Table 3, but all attempts to determine
the TF distance of Fornax have come out with suspiciously small values. The discrepancy
is not sufficiently explained by the fact that even a complete sample of the Fornax cluster
contains only eight full-size spirals suited for the TF method in addition to 19 small late-
type galaxies with large scatter. The discrepancy remains hence enigmatic. The case
shows the possibility that even tested distance indicators may fail in individual cases.
In the lower part of Table 3 the relative distances are shown by different authors

from planetary nebulae (PNe), the surface brightness fluctuations (SBF) and of the
globular cluster luminosity function (GCLF). The modulus differences of the PNe are
rather small. In particular the value of Virgo–Leo I is 0m.39± 0m.17 smaller than adopted.
This unsatisfactory result of the PNe does not come as a surprise. The method rests
on the assumption that the luminosity of the brightest planetary shell, as seen in a
bright emission line, is a fixed standard candle and does not depend on sample size (i.e.
galaxy luminosity). This is not only against the expectation from any realistic luminosity
function, but is also contradicted by observations (Bottinelli et al. 1991; Tammann 1993;
Soffner et al. 1996). Moreover the shell luminosity is predicted to depend on metallicity
and age (Méndez et al. 1993).
Also the SBFs give a small difference Virgo–Leo I and an almost certainly too large

difference Fornax–Virgo. If the quoted small errors are taken at face value the method
is incompatible with the adopted relative position Leo I–Virgo–Fornax. In any case the
method should be given low weight until its real capabilities are proved beyond doubt.
The distance differences of the GCLFs listed in Table 3 have too large errors and differ

too much between different authors, due to different sample selections, that any clear
conclusion could be drawn. In the case of the Virgo cluster it yields a perfect distance
determination (cf. Table 5); in other cases it gives quite erratic results (Tammann &
Sandage 1999).

3.3. The distance of the Virgo cluster and of other clusters
Four galaxies with known Cepheid distances lie in the Virgo cluster proper, i.e. within
the isopleths and the X-ray contours (cf. Binggeli, Popescu, & Tammann 1993). As can
be seen in Table 4 they have widely different distances. Three of the galaxies have been
selected from the atlas of Sandage & Bedke (1988) on grounds of their exceptionally good
resolution; they are therefore expected to lie on the near side of the cluster. The fourth
galaxy, NGC4639, which has a low recession velocity and can therefore not be assigned
to the background, but must be a dynamical member of the cluster, is more distant by
almost 1m.0 and must lie on the far side of the extended cluster. The relative position
of the four galaxies is fully confirmed by their TF distances. The cluster center must
lie somewhere between the available Cepheid distances, say at (m − M) = 31.5 ± 0.3.
Much of the confusion of the extragalactic distance scale comes from the ill-conceived
notion that the three highly resolved Virgo galaxies could reflect the mean distance of
the cluster.
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Figure 6. left panel : Tully-Fisher relation of 28 galaxies with independently known (Cepheid)
distances. right panel : Tully-Fisher relation for a complete sample of 49 Virgo cluster spirals.

Three well observed SNe Ia have appeared in Virgo cluster members. Their distances
in Table 4, corrected for decline rate ∆m15 and color (B−V ), have been calculated from
their individual parameters as compiled by Parodi et al. (2000) and from the calibration
in Table 2.
The best possible application of the TF method is provided by the Virgo cluster,

because a very deep catalog of the cluster (Binggeli, Sandage, & Tammann 1985) allows
selection of a complete sample of all 49 sufficiently inclined cluster spirals. They define a
reliable position and slope of the TF relation in B (Fig. 6b). (It is sometimes argued that
I-magnitudes [albeit incomplete!] should be used to minimize the internal-absorption
correction, but the advantage is offset by the steeper slope of the TF relation at long
wavelengths [Schröder 1995]). Combining these data with the excellent calibration of
the TF relation (Fig. 6a), which rests now on 26 galaxies with Cepheid distances and 2
companions of M101, for which a Cepheid distance is available, yields the TF modulus
shown in Table 4.
The distance of the Virgo cluster is such an important milestone for the extragalactic

distance scale that the value adopted in Table 4 should be compared with other distance
indicators. Three distance indicators of early-type galaxies shall be considered, although
their reliability is much less tested. (1) The peak of the luminosity function of globular
clusters (LFGC) is interesting because its calibration of the zeropoint rests on the Cepheid
distance of M31 and in excellent agreement on the RR Lyrae distance of Galactic globular
clusters. (2) Six known novae in Virgo cluster ellipticals can be compared to the novae in
M31 whose apparent distance modulus can be derived from Cepheids or from Galactic
novae (Capaccioli et al. 1989). Alternatively the semi-theoretical zeropoint of novae can
be taken from Livio (1997). (3) The Dn − σ relation can be applied to E/S0 galaxies
and to the bulges of S0–Sb galaxies. The mean of the two applications is given here. The
zeropoint of the S0–Sb bulges is better determined than that of E/S0 galaxies, because the
zeropoint of the latter depends on the assumption that the only two early-type galaxies
of the Leo I group lie at the same distance as its spiral members. The results of the three
methods are compiled in Table 5 and discussed in more detail by Tammann, Sandage, &
Reindl (2000). The resulting mean distance modulus is in excellent agreement with the
adopted value in Table 4 and is consistent with the assumption that early-type galaxies
and spirals of the Virgo cluster are at the same distance.
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Method (m−M)Virgo Original Source

Globular Clusters 31.70± 0.30 Tammann & Sandage 1999
Novae 31.46± 0.40 Pritchet & van den Bergh 1987
Dn − σ 31.70± 0.15 Dressler 1987, Faber et al. 1998

mean: 31.66± 0.17

Table 5. Additional distance determinations of the Virgo cluster

Method Object (m − M)0 Source Remarks
(1) (2) (3) (4) (5)

Cepheids NGC3351 30.01± 0.15 Graham et al. 1997
NGC3368 30.37± 0.16 Tanvir et al. 1995
NGC3627 30.22± 0.12 Saha et al. 1999

SNe Ia 1998bu 30.32± 0.15 mcorr
BVI(max) + Table 2 in NGC3368

mean: 30.23± 0.07

Table 6. The distance of the Leo I group

Table 4 shows also the distance modulus of the Fornax cluster as derived from the
three galaxies with Cepheids and three SNe Ia. The individual distances show much less
scatter than in the case of the Virgo cluster; this is obviously a result of the smaller size
and depth of the Fornax cluster.
For comparison with other distance indicators it is useful to have also the Cepheid and

SNe Ia distance of the Leo I group. The relevant data are set out in Table 6. The adopted
mean modulus is consistent with the GCLF distance (30.08±0.29; Tammann & Sandage
1999) and the surface brightness fluctuation (SBF) distance (30.30±0.06; Ferrarese et al.
2000).
Finally, it is noted that the distance of the Coma cluster relative to the Virgo cluster

is well determined. The value ∆(m−M)Coma−Virgo = 3.71± 0.08 (Tammann & Sandage
1999) from brightest cluster galaxies and the TF and Dn − σ methods is quite uncontro-
versial. With the Virgo modulus in Table 4 one obtains (m − M)Coma = 35.31± 0.22 in
excellent agreement with the independently calibrated GCLF distance from HST (Baum
et al. 1997; cf. Tammann & Sandage 1999).

3.4. The Teerikorpi cluster incompleteness bias
It is not the place here to discuss the Teerikorpi cluster incompleteness bias (Teerikorpi
1997 and references therein; Sandage, Tammann, & Federspiel 1995) in any detail, be-
cause it is well known that distance indicators with non-negligible internal scatter yield
too small distances if applied to incomplete cluster samples.
For illustration the complete sample of 49 Virgo spirals as shown in Fig. 6b was cut at

different apparent-magnitude limits, and each time the mean TF distance of the remain-
ing sample was calculated. The mean distance of each sample increases monotonically
with the depth of the cut. The result is shown in Fig. 7. The true, asymptotic distance
is only reached if one samples ∼4m.0 into the cluster.
The bias effect explains why Sakai et al. (2000) have derived too high a value of H0 by

directly applying the TF calibration in Fig 6a to 15 clusters of Giovanelli et al. (1997).
The shallow cluster samples are far from being complete and are bound to yield too
small cluster distances. In fact the authors have derived <H0>= 86 for the clusters
whose distances rest on less than 10 members, while they have found <H0>= 70 for the
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Cluster mVc(1st)
1 (m − M) MV (1st)

Virgo 8.21 31.60± 0.20 −23.39± 0.36
Fornax 8.83 31.65± 0.08 −22.82± 0.32
Coma 11.58 35.31± 0.22 −23.73± 0.39

mean: −23.26± 0.20
1 From Sandage & Hardy (1973). A scatter of
0m.32 is allowed for.

Table 7. The absolute magnitude of 1st-ranked cluster galaxies.

clusters with 10 to 28 members. It is clear that more nearly complete samples would give
still lower values of H0.

3.5. The value of H0 from clusters
The distances of the Virgo, Fornax, and Coma clusters in Section 3.3 yield the absolute
magnitudes of three 1st-ranked cluster galaxies (Table 7). Inserting the mean value into
equation (3.2) gives

H0 = 51± 7 . (3.4)

Combining alternatively the cluster distances relative to the Virgo cluster as given by
equation (3.3) (cf. Fig. 5) with the Virgo cluster modulus of 31.60 ± 0.20 from Table 4
gives

H0 = 56± 6 . (3.5)
The result shows that once the Virgo cluster distance is fixed the value of H0 has little
leeway.
The relatively large error of the Virgo modulus is due to the important depth effect

of the cluster. The four Cepheid and three SNe Ia distances do not suffice to sample the
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cluster in depth. The situation is aggravated by the fact that the Cepheid distances of
three galaxies are biased because they were selected on the grounds of high resolution and
hence must lie on the near side of the cluster. If one took unjustifiedly the mean distance
of only these three Cepheids as the true cluster distance one would derive H0 = 72.
Fortunately the SNe Ia, the most reliable distance indicators known, confirm the Virgo

cluster distance estimated from Cepheids and the important depth of the cluster. More-
over, the now very solid Cepheid calibration of the TF relation finds its most powerful
application in the complete sample of Virgo spirals and corroborates the conclusions from
Cepheids and SNe Ia.
Kelson et al. (2000) have derived H0 = 75 and 80 from the Hubble diagram based on

Dn − σ and FP data (Section 3.1.3). They have chosen certain distances of Leo I, Virgo,
and Fornax for the calibration. Had they used the distances given in Table 4 and 6, they
would have found H0 = 60(±6) and 65(±6), instead. This is a clear demonstration that
the Dn − σ/FP route to H0 is in no way an independent method, but depends entirely
on distances used as calibrators, and in particular on their distance of the Virgo cluster
which we dispute. The power of H0 from SNe Ia, the calibration of which only depends
on Cepheids, bypassing the still controversially discussed Virgo cluster distance, becomes
here evident.
Lauer et al. (1998) have tried to calibrate the Hubble diagram of 1st-ranked clus-

ter galaxies of Lauer & Postman (1992; Section 3.1.1) by means of the SBF method.
For this purpose they have observed the SBF with HST of four 1st-ranked galaxies at
∼4300 km s−1. On the unproven assumption that the fluctuation magnitude mI of these
very particular objects is the same as in local E/S0 galaxies and spiral bulges, and adopt-
ing a local calibration magnitude M I , which in turn is controversial, they have derived
distances of these four galaxies which they claim are in agreement with the turnover
magnitudes mT

I of the respective GCLFs. However, their calibrating turnover magnitude
MT

I rests entirely on M87, which is known to have a peculiar bimodal GCLF, and on
an adopted Virgo cluster modulus which is 0m.6 smaller than shown in Table 4 and 5.
Thus, judging only from GCLFs their proposed value of H0 = 82 should be reduced by
a factor of 1.32 to give H0 = 62. In any case their procedure appears like a complicated
way—particularly in comparison to SNe Ia—to transport the Virgo cluster distance into
the expansion field at v ∼ 10 000 km s−1.

4. H0 from Field Galaxies
The most difficult and least satisfactory determination of H0 comes from field galaxies.

The difficulty comes from selection effects (Malmquist bias); the restricted impact comes
from the fact that the method can hardly be carried beyond ∼5000 km s−1 and hence
does not necessarily reflect the large-scale value of H0.
The problem of selection effects is illustrated in Fig. 8b. 200 galaxies of constant space

density and with v < 5000 km s−1 were randomly distributed in space by a Monte Carlo
calculation. The “true” distances were expressed in velocities. It has further been assumed
that the distance moduli of each galaxy had also been determined by the TF relation with
an intrinsic scatter of σ(m−M) = ±0m.4. The corresponding Hubble diagram in Fig. 8b
gives the false impression as if the scatter would increase at larger distances; actually
the increasing number of distant galaxies produces deviations by ±2 or even ±3 sigma.
This makes the Hubble diagram “ugly” as compared to the one of SNe Ia in Fig. 8a
(repeated here from Fig. 3 for comparison), but still the mean Hubble line through the
points has the correct position provided the sample is complete out to a given distance
limit. If, however, the sample is cut by an apparent-magnitude limit mlim the Hubble line
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Figure 8. a) The Hubble diagram in B of SNe Ia (from Fig. 3; shown here only for comparison).
b) The Hubble diagram of 200 galaxies with v < 5000 km s−1. Their velocities were assigned
by a Monte Carlo calculation assuming constant space density. For each galaxy it was assumed
that its TF distance has been determined within an intrinsic scatter of 0m.4. For the calibration
of the abscissa it was assumed that all galaxies have a true absolute magnitude of M = −20.0
and that H0 = 60. The dashed line is the best fit of the Hubble line for all points. The galaxies
with apparent magnitude m < 13.0 are shown as large symbols. They define a Hubble line (full
line) which is 0m.29 brighter, corresponding to a too high value of H0.

shifts upwards, resulting in too high a value of H0. With the present, realistically chosen
parameters (<M>= −20.0, σM = 0m.4,H0 = 60, mlim = 13.0) the overestimate of H0

amounts to 14%. Samples which are not even complete to a given apparent-magnitude
limit can give much larger systematic errors.
Another illustration of the Malmquist bias is given in the so-called Spaenhauer diagram

(Fig. 9), where 500 galaxies were randomly distributed in space out to 42 Mpc using a
Monte Carlo routine. The galaxies are assumed to scatter by σM = 2m.0 about a fixed
mean luminosity of M = −18.0. If this distance-limited sample is cut by a limit in
apparent magnitude a sample originates with very complex statistical properties. In
particular the mean luminosity within any distance interval increases with distance. In
the lower panel of Fig. 9 the increase amounts to ∆M = 2m.6 which would overestimate
H0 by a factor of 3.3 if one were to force the local calibration of M = −18.0 on the most
distant galaxies of the biased sample. For the sake of the argument the intrinsic dispersion
of σM = 2m.0 was chosen here to be unrealistically large, but the effect is omnipresent in
all apparent-magnitude-limited samples, it always overestimates H0. Only if σM ∼< 0m.2,
as in the case of SNe Ia, the Malmquist bias becomes negligible. An additional crux of
the bias is that the observable scatter within any distance interval is always smaller than
the true intrinsic scatter. This has mislead several authors to assume that σM is small
and hence to underestimate the importance of bias.
There is an additional statistical difficulty as to the derivation of H0 from field galaxies.

Frequently H0 is determined from the arithmetic mean of many values of Hi found from
individual field galaxies. The underlying assumption is that the values Hi have a Gaussian
distribution which is generally not correct. If the distance errors are symmetric in the
moduli (m−M), they are not in linear distance r and consequently cause a skewness of Hi

towards high values. An actual example is provided by the bias-corrected TF distances of
155 field galaxies with v < 1000 km s−1. A simple arithmetic mean of their corresponding
Hi values, which have a non-Gaussian distribution, would give <Hi>= 64± 2, while the
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Figure 9. Upper panel: Monte Carlo calculation of the distance and absolute magnitude of
500 galaxies with constant space density and r < 42 Mpc. Their mean absolute magnitude is
<M>= −18.0 with an intrinsic scatter of σM = 2m.0. Lower panel: The same distribution cut by
an apparent-magnitude limit m < 13.0. Note that the mean luminosity of the magnitude-limited
sample increases with distance.

median value is 60.0±3. Yet a more nearly correct solution is given by averaging the values
logHi, which have a perfect Gaussian distribution. This then gives the best estimate of
H0 = 58± 2 (Federspiel 1999).
Unfortunately, the hope that the inverse TF relation (line width versus magnitude)

was bias-free (Sandage, Tammann, & Yahil 1979; Schechter 1980) has been shattered
(Teerikorpi et al. 1999).
Strategies have been developed to correct for Malmquist bias, particularly in the case

of the (direct) TF relation, by e.g. Sandage (1988b, 1995) and Federspiel, Sandage, &
Tammann (1994) and similarly by Teerikorpi (1994, 1997), Bottinelli et al. (1986, 1995),
and Theureau (2000).
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Method H0 Range [ km s−1] Source
(1) (2) (3) (4)

Luminosity classes 56± 5 4000 Sandage 1996a
Morphol. twins of M31, M101 50± 5 5000 Sandage 1996b
TF (using mag. + diam.) 55± 5 5000 Theureau et al. 1997
Galaxy diam. 50− 55 5000 Goodwin et al. 1997
TF 53± 5 500 Federspiel 1999

58± 2 1000 Federspiel 1999
Luminosity classes 55± 3 4000 Sandage 1999
Dn − σ 52± 8 4000 Federspiel 1999
TF (using mag. + diam.) 55± 5 8000 Theureau 2000
Morphol. twins of M31, M81 60± 10 5000 Paturel et al. 1998
Inverse TF 53± 6 8000 Ekholm et al. 1999

Table 8. Values of H0 from field galaxies corrected for Malmquist bias

A selection of H0 values, which have been derived from magnitude-limited, yet bias-
corrected samples of field galaxies have been compiled in Table 8. The conclusion is

H0 = 55± 5 (4.1)

from field galaxies, which is valid within various distance ranges up to ∼5000 km s−1. It
should be noted that the different methods use spirals only—except the Dn − σ entry—
and their calibration rests only on Cepheids, independent of any adopted distance of the
Virgo cluster.
Tonry et al. (2000) have derived H0 = 77± 4 from the SBF of 300 field galaxies with

v ∼< 4000 km s−1 and on the basis of a very specific flow model. However, the usefulness of
the SBF method has never been tested beyond doubt; a Hubble diagram of field galaxies
and a corresponding determination of the intrinsic scatter of the method and hence of
the importance of the Malmquist bias are still missing. The authors state correctly “The
level of this Malmquist-like bias in our sample is difficult to quantify . . . and we may also
be subject to possible biases and selection effects which depend on distance.” Moreover,
in discussing Table 3 it was noted that the small relative SBF distance Virgo–Leo and
the large value Fornax–Virgo are in serious contradiction to the evidence of Cepheids
and SNe Ia. It is well possible that the SBF method is still affected by hidden second-
parameter effects.

5. Conclusions
The exceptionally tight Hubble diagram of blue SNe Ia out to∼30 000 km s−1 combined

with their mean absolute magnitude, which is determined from eight galaxies whose
Cepheid distances have been determined with HST , offers the ideal instrument for the
calibration of the large-scale value of H0. The result is—after allowance is made for the
relatively weak dependence of SNe Ia luminosities on decline rate ∆m15 and color and
for some small systematic effects—H0 = 58.5± 6.3.
The quoted external error is mainly determined by the calibrating Cepheid distances.

Although Cepheids are generally considered to be the most reliable distance indicators,
certain questions remain as to their zeropoint calibration through LMC and the effect of
metallicity variations.
Phillips et al. (1999) and Suntzeff et al. (1999) have adopted a steeper relation between

the SNe Ia luminosity and the decline rate ∆m15, which is not supported by the present
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larger sample. If their steep slope is taken at face value H0 would be increased by 5%.
Gibson et al. (2000) have increased the Cepheid distances of Saha et al. and Tanvir et al.
in Table 2 by 0m.11 on average on the basis of additional Cepheids of lower weight. This
would increase H0 by another 5 percent. If one choses to cumulate the two effects one
could defend a value of H0 = 64 (cf. Freedman 2001).
The calibration of H0 through the Hubble diagram of clusters and through field galaxies

in Section 3 and 4 has given values around H0 = 55, i.e. somewhat smaller, if anything,
than the value from SNe Ia. Since the latter offer the most direct way to H0, they are
given the highest weight. A value of

H0 = 58± 6 (5.1)

is therefore adopted as the best estimate available at present.
The two most frequent errors in the extragalactic distance scale, which can lead to

values of H0 > 65, are too small a Virgo cluster distance and Malmquist bias.
The distance of the Virgo cluster is still sometimes equated to the mean Cepheid

distance of three Virgo spirals which are visibly on the near side of the cluster due to
their high resolution into stars—in fact they had been preselected on grounds of their
high resolution to facilitate work with HST . Thus, even if the larger cluster distance of
(m − M)Virgo = 31.60± 0.20 (cf. Tables 4 and 5) was not required by a fourth Cepheid
distance of a bona fide cluster member (NGC4639) and in addition by the three SNe Ia
and the TF relation, the three Cepheid distances of highly resolved galaxies could set
only a lower limit on the cluster distance, i.e. (m − M)Virgo > 31.05.
The distance of the Virgo cluster has entered with high or even full weight into the

zeropoint calibration of the Dn − σ, FP, and SBF methods and occasionally even of the
turnover magnitude of the GCLF. (The significance of the GCLF, although not yet proven
beyond doubt, is just that the calibration rests on the Cepheid distance of M31 and on
the RR Lyr distances of Galactic globular clusters [cf. Tammann & Sandage 1999]). If
one inserts in these cases too low a Virgo cluster distance, one obtains incorrect values
of H0 ≈ 70, or even more, by necessity.
Locally calibrated distance indicators with non-negligible scatter can exclusively be

applied to distance-limited samples (or volume-limited samples in case of clusters), but
only apparent-magnitude-limited samples are available, which frequently are not even
complete to any specific magnitude limit. The statistical differences between a distance-
and magnitude-limited sample are known for almost eighty years (Malmquist 1920, 1922),
but this insight is violated again and again, always leading to too high values of H0.
Malmquist’s message is that control of the objects missing out to a fixed distance from
a magnitude-limited catalog is equally important as the catalog entries themselves.
The future will see high-weight determinations of H0 from the Sunyaev-Zeldovich effect,

from gravitationally lensed quasars, and from the CMB fluctuations. At present these
methods yield values of 50 ∼< H0 ∼< 70, which is not yet competitive with the solution of
SNe Ia. In the case of the CMB fluctuations one can solve for H0 only in combination with
other (poorly known) cosmological parameters. Therefore an independent , high-accuracy
determination of H0, to be used as a prior, is as important as ever.
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Strong gravitational lensing:
Cosmology from angles and redshifts

By ANTHONY TYSON
Bell Labs, Lucent Technologies, Murray Hill, NJ 07974

It is rare in astronomy to have a purely physics-based technique for studying the distant uni-
verse. Rooted in General Relativity, the image distortion and time delay of light from distant
objects caused by foreground gravitational lenses offers such a window on the universe. Using
only combinations of measured redshifts, angles, and arrival times of source intensity fluctua-
tions, lensing observations can probe the mass distribution of the lens, the rate of expansion
of the universe (the Hubble constant), the acceleration of expansion (dark energy), and the
total amount of matter in the universe. The HST has made and will continue to make unique
contributions to this new window on the universe.

1. Introduction
The universe is not as it seems: distant galaxies and quasars are in the wrong places.

Their apparent positions on the sky have moved relative to where they would normally
appear, and the culprit is mass-energy. Specifically, a massive object (a star, a galaxy, a
cluster of galaxies) will warp space-time around it, causing light rays to bend as they pass
by. If a mass concentration lies between us and a distant source, that source will appear
in an altered location. The effect is called gravitational lensing, and it also systemati-
cally distorts the images of resolved sources like galaxies. Gravitational lensing over vast
distances is sensitive to all forms of mass-energy. Because of this, we can use the distant
quasars and galaxies as tools to study foreground masses as well as the mass-energy
content of the universe. These gravitational lens tools hold unique promise for probing
cosmology and the underlying physics of our universe.

1.1. Dark matter and dark energy
Since Zwicky studied the dispersion of velocity of galaxies in clusters in the thirties, the
existence of a dark component that dominates the universe’s mass has been suspected.
Over the last two decades, the astronomy community has reached the consensus that dark
matter is present at a variety of scales from spiral and elliptical galaxies to super clusters
of galaxies. The theory of big bang nucleosynthesis, together with recent measurements
of primeval deuterium, imply that only five percent of the mass-energy of the universe
is in the form of ordinary matter—baryons. Stars and gas and dust contribute less than
half a percent of the mass. Roughly 95% of the mass of our universe is of an unknown
form and dark! This dark matter must be made of something different than ordinary
matter—non-baryonic. A theoretical favorite, motivated by problems with the standard
model of particle physics, is one or more non-baryonic particles produced in the early
hot universe. These theoretical candidates for this “cold dark matter” can gravitationally
clump on the scales of galaxies: axions or weakly interacting massive particles.

Over the last few years the composition of the universe has become even more puzzling,
as the observed luminosity of Type Ia supernovae at high redshift, and other observations,
appear to imply an acceleration of the universe’s expansion in recent times. In order to
explain such an acceleration, we need “dark energy.” Even more puzzling is the fine tuning
of parameters which appears to be required to explain why the dark energy density today
is about the same as that of dark matter, since it evolves differently with time. This may
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Figure 1. Light rays (solid lines) and wavefronts (dashed lines) are shown for light traveling
from a source S past a mass M to us. Wavefronts deform and intersect as they pass by the lens
mass. Travel time has contributions from the gravitational potential as well as path geometry.
In this cartoon the light travel time is shortest for ray A and longest for ray C. We see a separate
image of the source for each path whose light travel time is stationary relative to nearby paths.
Less symmetric lens mass distributions can give rise to more images. In general, there are an
odd number of images, one of which (nearest the center) is demagnified in proportion to the
central compactness of the mass. The distances DL, etc. are angular diameter distances.

imply that our understanding of the underlying physics is incomplete. It is conceivable
that what we call dark matter and dark energy arise from some unknown aspect of
spacetime geometry.

1.2. Lensing as a tool

Gravitational light-bending involves only mass-energy, distances, and angles. This cos-
mological tool is thus free of the dependency on radiation and ordinary baryonic matter
that so plagues traditional cosmological studies. Astronomy traditionally is biased to
luminosity—but the gravitational lens tools are opening a new and independent window
on the universe of mass-energy.

The HST is particularly well suited to exploit so-called “strong gravitational lensing,”
where the lens mass is so centrally peaked that it causes multiple images of the source.
The reason is the high angular resolution of HST for optical imaging: many of the effects
of strong lensing are on sub-arcsecond scales. To understand how strong lensing works,
we consider a wavefront of light from a distant source as it encounters a mass shown in
Figure 1. An initially spherical wavefront is perturbed by the lensing mass distribution.
These perturbations grow, as waves on a pond, into components traveling in multiple
directions. Multiple intersecting wavefronts, each arriving at our telescope at a different
time, are created by the lens mass. Fermat’s principle tells us that images of the source
correspond to rays for which the light travel time is locally stationary; relative to nearby
paths the travel time is a minimum, a maximum, or a saddle-point.



A. Tyson: Gravitational lensing: Angles and redshifts 249

If the lens mass has an extent small compared with its distance from us and the source,
the perturbation can be understood as an effective (spatially varying) index of refraction

n = 1 − 2Φ
c2

where Φ is the gravitational potential of the lens mass distribution. A larger gravitational
potential (more mass) increases the light travel time. The travel time also depends on
the length of the path (the geometrical time delay). For a given ray the total time delay τ
can be written in terms of a 2-dimensional effective potential Ψ and the angular diameter
distances (see Fig. 1):

Ψ =
DLS

DS

∫ source

obs

2Φ
c2

dl

DL

τ (�θ) =
1 + zL

c

(
DL DS

DLS

) [
1
2
|�θ − �φ|2 −Ψ(�θ)

]

where �θ is the apparent position of the image in the sky and �φ is the position it would
have had with no lens. For a non-singular mass distribution there are in general an odd
number of images. Their location on the sky is given by the solution of the “lens equation”
derived from Fermat’s condition δτ/δ�θ = 0:

�θ − �φ =
∂Ψ

∂�θ

In strong lensing the mass distribution is sufficiently peaked to give multiple solutions.
Typical gravitational light bend angles �θ − �φ range from one arcsec for a galaxy mass to
more than 30 arcsec for the mass in a cluster of galaxies. As we shall see, good angular
resolution is required in both cases if we wish to use these natural lenses as tools for
detailed reconstruction of the lens mass. In the extreme case of a singular point mass, a
source directly behind is lensed into a so-called Einstein ring of angular radius

θE = 1.6 h

(
M

1012 M�

)1/2

f
− 1

2
H arcsec ,

where h is the Hubble constant in units of 100 km s−1 Mpc−1 and fH is a distance for
the lens-source system in units of the Hubble length: fH = [DLDS/DLS ](c/H0)−1. For
lenses and sources at cosmological distances, fH is of order unity (see Turner et al. 1984).
The Einstein ring is a simple example of a critical line in the image plane, corresponding
to a point caustic (infinite magnification) in the source plane. For general lens mass
distributions, critical lines and caustics are complicated curves; sources inside and outside
caustics appear as a different odd number of images.

The various images of a strongly lensed source appear either as direct or flipped images
of the source. (Just as in the classical terrestrial mirages, the so-called “Fata Morgana”
being the flipped image mirage). Different images of the source are magnified in varying
amounts (∂�φ/∂�θ)−1, and the eigenvalues of this magnification matrix give the amount
by which the images are stretched in each orthogonal direction. The determinant of the
magnification matrix is positive at maxima and minima of τ (positive parity images) and
negative at saddle-points (negative parity “flipped” images). For example, in a modified
version of the above point mass case, use a more realistic non-singular mass and also
mis-align the source; this produces a central parity-flipped and demagnified image in
addition to two magnified direct images lying near the Einstein ring.
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Figure 2. The quad lens B1608+656. The quasar is at redshift 1.39. The 8 GHz VLA radio
image (left) and the I-band HST image (right) are shown. The size of this field is only 4 arcsec;
the largest distance between any pair of QSO images is 2 arcsec. The optical image reveals a
partial Einstein ring from the stellar light in the quasar’s host galaxy, in addition to the two
z = 0.63 lens galaxies. Courtesy, C. Fassnacht.

2. Quasars lensed by galaxies
The first lensed QSO, the radio source 0957+561, was discovered in 1978 by Walsh,

Carswell & Weymann. It appears as two images of a z = 1.41 quasar separated on the
sky by 6 arcsec, lensed by a z = 0.36 elliptical galaxy. Two images of the radio jet are
also seen in the radio. A third, demagnified, image is hidden by the glare of the elliptical
galaxy. There is also a small cluster of galaxies associated with this lens, contributing
to the 6 arcsec image separation. Most multiply lensed QSOs have image separations
closer to the 1–2 arcsec expected from a lone foreground galaxy. Thus, ground-based
optical surveys are naturally biased against small separation lenses. There are now over
50 quasars and AGNs which are observed to be multiply lensed by intervening lenses.
The majority are doubles like 0957+561, but about a third are quadruples. Why is this?

If the lens projected mass distribution departs from circularity, new solutions appear
and more images are seen. An elliptical lens mass distribution easily produces four mag-
nified source images and one demagnified image. An example is shown in Figure 2, where
the VLA radio image is compared with the HST optical image.

It was realized early on that lensed QSOs would be a powerful statistical probe of
both galaxy mass and cosmology, so unbiased samples are important (Turner, Ostriker
& Gott 1984). Recently, arcsec resolution radio surveys have been used to generate an
unbiased sample of candidate lensed quasar systems, for spectroscopic follow-up, pho-
tometric monitoring, and analysis. Many of the recent lensed quasar systems have been
found in this way, and more are coming (CLASS and JVAS surveys).

There is a second problem, however, which may not be as easily avoided. In order
to reconstruct the gravitational potential of the lens, the observed lensed images must
sample the lens potential at various locations; i.e. there must be many sources distributed
over the corresponding angular scale behind the lens. But in the case of the classical single
point QSO source, that is not possible; even multiple images of that source merely sample
the potential at roughly a single radius. As described below, this has led to the practice
of using simplified lens model potentials, some of which are degenerate. In turn, this
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Figure 3. The quad lens PG1115+080. The I-band HST image is shown on the left. The
four magnified z = 1.72 quasar images surround the image of the foreground z = 0.3 lens
elliptical galaxy. A Subaru K-band image (0.3 arcsec FWHM), with QSO and lens galaxy images
subtracted, is shown on the right. The largest distance between any pair of QSO images is
2 arcsec. The outer parts of the host galaxy, seen in the K imaging, samples a different part of
the lens potential. Given morphological structure in the host galaxy and sufficient signal-to-noise
ratio, this multiple sampling of the lens can lead to the removal of lens model degeneracies.
Credit: C. Impey, et al. (HST image); F. Iwamuro, et al. 2000 (Subaru image).

gives rise to systematic error. The solution lies in the stellar light from the QSO host.
HST images in the red and near IR have revealed arc-like lensed sub-images of the host
galaxy. An example is shown in Figure 3 (see Schechter, et al. 1997). Since the light from
the host is offset from the QSO, analysis of these arc images in deep imaging (revealing
lensed features in the host galaxy) together with the QSO multiple images can break the
degeneracies in the source model potential.

2.1. Direct measure of the Hubble constant
QSOs flicker in luminosity, so cross-correlation of time series photometry can yield a
measurement of the time delay between multiple images. Angular diameter distances are
proportional to c/H0 and the redshifts of the source and lens. If we knew the effective
potential Ψ (the lens mass distribution), we could use the observed time delays and the
lens-predicted delays at the image positions θA and θB and solve for the only remaining
unknown: H0 (Refsdal 1964). It cannot be over-emphasized that this is a direct measure of
H0, independent of the systematics in the usual distance ladder. This technique bypasses
parallaxes, C-M diagrams of star clusters, apparent magnitudes of Cepheids, rotation
velocities of galaxies, supernovae—all of which are baryon-based heuristic calibrators.
By contrast, lensing is a physics-based measurement, depending only on mass-energy,
observed angles, and redshifts. Finally, lensed QSO estimates of H0 are on a cosmological
scale, not the local scale of the distance ladder techniques.

To apply Refsdal’s clever technique, one needs extensive monitoring of individual QSO
image intensity fluctuations, as well as a robust estimate of the lens mass distribution.
In the past, HST has been used primarily in the snapshot mode on lensed QSOs in order
to obtain accurate astrometry for the multiple images. While this has been valuable,
a different program of VLA and deep HST imaging may be more effective. The most
studied lens is 0957+561; many years of photometric monitoring have produced a reliable
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Figure 4. Various determinations of the Hubble constant are shown as a function of redshift,
ca. 2000. The local (z = 0) value is from the HST Key Project using Cepheids. Estimates
using the Sunyaev-Zeldovitch effect (clusters of galaxies at about z = 0.1–0.2) will improve in
accuracy by at least a factor of two in the next few years. On the far right is shown the SN1a
determination by Riess et al. (1998). The rest of the points are from lensed QSO estimates, which
are expected to improve in both number and accuracy. The black points are for a cosmology
with Ωm = 0.3 and ΩΛ = 0.7. The shaded band indicates the 2-σ limits determined from the
lens sample (excluding PG1115+080). Error bars are 1-σ, but systematic errors dominate all
estimates. Adapted from Koopmans & Fassnacht (1999).

estimate for the time delay. These observations are now being carried out for a number of
multiply-lensed quasar systems and there is some hope that with a campaign of intensity
monitoring and sufficient HST imaging—of a different kind than has traditionally been
obtained—a robust global value for the Hubble constant will be obtained. The current
data, however, are dominated by systematic error. This may be seen at a glance in
Figure 4, where the error bars are purely statistical; the scatter is far larger. In fact,
systematic error dominates all current estimates of H0, independent of technique.

The systematic errors in the current gravitational lens determinations of H0 are almost
completely in the lens model. One must have a good model of the lens projected mass
distribution, or the potential Ψ. The relative magnifications and positions of the various
source images act as constraints, but generally there are too few constraints. The problem
is that in the case of quasars lensed by galaxies there is a single bright source, the quasar.
The lens potential is thus sampled at only a few points—where the images of the quasar
appear. This is why 2-image lenses like 0957+561 and even many of the 4-image lenses
have been so difficult. The mass distribution in the lens is sufficiently complex that it
requires more than the several observable parameters for a full description. Bernstein
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& Fischer (1999) give an excellent account of the degeneracies in the lens model for
the case of 0957+561, and the enlarged error limit on H0 when these degeneracies are
marginalized against.

With sufficient time-delay measurements from flux monitoring, the systematic error
is virtually all in the lens model potential. There are two main sources of lens model
systematic error: the lens model in the strong lensing region, and the sheet mass degen-
eracy. Naturally, H0 is sensitive to the details of the lens potential within the region of
the observed lensed images. It is particularly sensitive to the radial profile of the lens
potential in this region. Shallow mass profiles lead to lower values of H0. Several images
of the point source quasar, seen around the Einstein radius, do not sample this profile
well. Models of the lens potential, for example, often assume what lens galaxy mass
distributions should look like.

Generally, this problem may be cured if the source is resolved, or if there are multiple
sources which are multiply imaged. In the absence of these deeper imaging data, imposing
some kind of external constraint, such as constant mass-to-light ratio (if true), can help
break the degeneracy. For example, the estimate for H0 based on a simple parametric
model for the lens potential of PG1115+080 moves from the value shown in Figure 4 to
H0 = 65±5 if a constant M/L constraint is imposed on the lens. Likewise, making use of
all time-delay ratios for all pairs of QSO images can further constrain the lens potential
since only one time delay is needed to determine the scale factor in the equation for τ (�θ).
Clearly, a solution will be to obtain deeper data which detect morphological features in
the host galaxy. Already, resolved arcs have been detected in several systems using HST
red or near IR exposures (see Figures 2 and 3). A campaign of deep HST IR imaging
of selected lensed quasar systems would almost certainly detect multiply imaged knots,
resulting in significant reduction of systematic error.

Finally, the sheet mass degeneracy: a uniform sheet of mass of dimensionless surface
density κs produces an effective potential

Ψs(θ) = κsθ
2

and the quasar image pattern is stretched by the factor 1/(1 − κs), leading to an over-
estimate of H0 for a given measured time delay. This degeneracy may be removed by
an external measurement of κs. Weak lensing (single distorted images of each resolved
source) is ubiquitous since there are nearly a million background galaxies per square
degree anywhere on the sky, and can yield moderate resolution maps of projected mass
over wide areas. The Advanced Camera on HST would be ideal for this weak lens recon-
struction of the overall projected mass density over a roughly ten arcminute field. Such
observations would also help regularize the inner lens mass reconstruction. On a larger
scale, weak lens shear measurements utilizing 100,000 galaxies over degree scales can be
done at adequate resolution from ground-based telescopes, thus removing the mass sheet
degeneracy on all relevant scales when combined with HST imaging.

With these systematics removed, there will be no impediment to a precision global
measurement of the Hubble constant. Surviving errors in each system will be independent
and the increasingly large numbers of lensed quasar systems which are being studied will
give rise to ever more accurate H0 values. There is hope in numbers.

2.2. Constraining the cosmological constant
The statistics of multiply imaged sources contains information on the mass distribution
in the lenses as well as the underlying cosmology. Zwicky (1937) first estimated the
probability of galaxies lensing distant sources (about 10−3). Press & Gunn (1973) studied
the probability that sources are multiply imaged in a universe closed by point masses.
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Figure 5. A Hubble Space Telescope image of the cluster of galaxies A2218, showing multiple
“arcs”: lens-distorted images of background galaxies. The mass of the dark matter in the cluster
is far greater than the mass of all the stars. This mass bends light rays from distant galaxies,
causing a tangential stretching of the images of the background galaxies. Credit: W. Couch,
R. Ellis, and NASA.

There are sample selection and observational systematic errors which must be taken into
account, and these were addressed by Kochanek (1991). Recently, purely radio selected
samples of quasars such as the CLASS and JVAS surveys have avoided these effects (see
Falco et al. 1998).

Either massive lenses (large Ωm in galaxies) or larger distances to the quasar sources
(large ΩΛ) increase the strong lensing probability, so that with some plausible assump-
tions statistics on multiply lensed quasars may be used to set limits on ΩΛ − Ωm. The
effects of complicated lenses (and adequately modeling them) on multiple-image statis-
tics prevents high accuracy constraints for moderate values of ΩΛ, but as ΩΛ increases
above 0.7 the lensing probability rises dramatically. Current upper limits on ΩΛ of ap-
proximately 0.7 have been obtained by this statistical technique (Chiba & Yoshii 1999;
Helbig 1999).

3. Clusters of galaxies lensing background galaxies
While it is arguably the most basic cosmological parameter, the Hubble constant is not

the most interesting constraint on cosmology provided by strong lensing. The nature of
dark matter and dark energy can be probed with lensing. Mass distributions of all sizes
lens the background universe, and the larger the mass of the lens the more one potentially
learns about the overall cosmic mass distribution. Indeed, for sources at sufficiently high
redshift, the effects of lensing involve all forms of mass-energy, including the effects of a
cosmological constant or quintessence. Figure 5 shows a good example of gravitational
lensing (both strong and weak) by a cluster of galaxies. In cluster lenses the light bending
angle is a factor of thirty higher than a typical QSO-galaxy lens, and the field of view
must be correspondingly larger.

Cluster masses and their distribution with cosmic time, are very useful tools for cos-
mology. Comparisons of the cluster mass spectrum, particularly its evolution over cosmic
time, with N-body simulations of dark matter structure formation for different cosmolog-
ical models can be used to distinguish among these models. The average matter density
of the universe Ωm may be estimated by extrapolating observations of cluster luminosi-
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Figure 6. A reconstructed image of a star-forming galaxy at z = 1.7. The image was made by
unlensing the observed gravitationally lensed images (see Figure 7 and discussion). The galaxy
is 1 arcsec long.

ties to the rest of the universe and assuming the mass-to-luminosity ratio is the same
for clusters and the universe as a whole. Similarly, the gravitational lens measurement of
projected mass may be combined with a measurement of the baryonic density (from the
SZ effect) plus the determination of the overall baryonic density from deuterium cooked
in the big bang, yielding a more secure estimate of Ωm.

The only direct method (avoiding reliance on baryons) to determine the entire mass
distribution of a galaxy cluster is gravitational lensing. The observed distorted images of
background galaxies leads to a map of the mass responsible for the distortion. There are
various ways to reconstruct the lens mass map, depending on the number of observational
constraints. The angular resolution of the mass map is proportional to the density of
constraints on the plane of the sky. Strong lensing, with its multiple resolved images of
a single source, can offer high mass resolution near the source image positions, but the
resolution degrades far from these positions.

Previous work has used the temperature (or equivalently the cluster velocity disper-
sion) distribution as a proxy for the mass, but these make dynamical assumptions. Ex-
ploring mass structure to pin down Ωm via direct observations of mass would significantly
clarify cosmology. Recently, the first steps have been taken toward addressing three fun-
damental questions: what is the total mass of clusters, how is the mass distributed within
clusters, and how do cluster masses evolve over time?

3.1. High resolution maps of cluster mass
A single background galaxy (see Figure 6), if placed by chance directly behind the cluster
lens, is heavily distorted into one or more long arcs concentric with the mass centroid
of the cluster. This type of strong lensing forms the basis of the highest resolution mass
maps. In cases where multiple images of a source are created by the lens, the details
of the position and distortion of these sub-images are highly sensitive to the projected
2-dimensional mass distribution within the lens. Parametric models of the lens mass can
then be used to first unlens the sub-images to get an image of the source, and then ray
trace light from this source past the lens in an iterative fit in the image plane for the lens
mass parameters.

As an example, Figures 7 and 8 show an HST image and a high resolution mass map
of the cluster 0024+1654, some three billion light-years distant, based on parametric
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Figure 7. A HST image of the redshift 0.4 cluster CL0024+1654. This is one third of
the WFPC2 image, showing the 3-arcmin strong-lensing core. Multiple images (A–E) of
a z = 1.7 background galaxy may be seen. The existence of the only slightly demagni-
fied image E so near the center of mass implies a soft mass core. For a color image, see:
http://dls.bell-labs.com/dls/Current0024.jpg/.

inversion of the associated gravitational lens. This lens creates eight well resolved whole or
partial sub-images of a background galaxy, seen in deep imaging with the HST . Excluding
mass concentrations centered on visible galaxies, more than 98% of the remaining mass is
represented by a smooth concentration of dark matter centered near the brightest cluster
galaxies, with a 50 kpc soft core (using Hubble constant H0 = 67 km s−1 Mpc−1).

The dark matter distribution observed in CL0024 is far more smooth, symmetric, and
nonsingular than in typical simulated clusters using the CDM model. Inside 160 kpc
radius, the rest-frame mass to light ratio is 170 times the solar value, rising with radius.
Because galaxies were brighter in the past, this translates to a mass-to-light ratio of 280
now. For scale, we would need around 1400 for an average cluster to extrapolate to a
closed universe.

The mass core radius is smaller than most observed X-ray core radii in nearby clusters,
suggesting that the X-ray gas may be less relaxed dynamically than the dark matter.
However, recent high resolution N-body simulations of dark matter clustering develop
mass cores even smaller than the observed mass cores. Perhaps there are other physical
mechanisms at work in the cores of clusters, beyond gravitational instability and merging
of dark matter halos, which are capable of damping the buildup of the mass at the
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Figure 8. A contour map of the projected mass density in CL0024+1654, obtained by fitting the
observed distorted images of the source galaxy. The concentrated dark matter halos of individual
cluster galaxies can be seen. However, most of the mass in the cluster is in a smooth non-singular
distribution. The mass map is 500 kpc wide (Tyson, Kochanski & Dell’Antonio 1998).

center. Due to this disparity between the N-body cold dark matter simulations and the
observations in CL0024, as well as similar predictions of more sub-structure than observed
in galaxies, some have considered the possibility that dark matter may be self-interacting
(Spergel & Steinhardt 2000; Firmani, et al. 2000). The idea is that dark matter, while
non-dissipative, may have a non-zero cross section for interaction with itself while having
zero interaction with baryonic matter.

On the observational side, more high resolution mass maps of clusters are needed.
Cases like 0024+1654, where a morphologically rich source is multiply lensed, are rare.
However, deep HST imaging of clusters can often reveal many arcs from numerous back-
ground galaxies. Since there are over 50 high-redshift galaxies per square arcmin, this is
guaranteed. One such example is shown in Figure 9, where over 55 arcs are found near
the core of the z = 0.18 cluster Abell 1689. Originally studied via weak lensing (5950 low
surface brightness blue arclets were found in a 140 arcmin2 area), these HST data pro-
vide information on the profile of the mass in the core region sensitive to self-interacting
dark matter. The mass centroid is within several arcsec of the smoothed red luminosity
centroid. Mass follows smoothed light, outside the core region, with a rest-frame V band
mass-to-light ratio of 400± 60 h (M/LV )�.

Like CL0024+1654, this cluster shows a soft mass core: the existence of radial arcs like
11 and 12 (see Figure 9) imply a projected mass profile which is soft inside that radius.
Steeper mass profiles, of the sort now predicted by all cold dark matter simulations, move
such radial arcs into the center and demagnify them. More clusters should be studied
with deep multi-band imaging with HST . This would permit the use of color-redshifts
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Figure 9. A HST image of the redshift 0.19 cluster Abell 1689, made by subtracting a
fraction of an I image from the V image. This enhances blue-excess objects in the field,
seen in this WFPC2 image covering the 3-arcmin strong-lensing region. Multiple images
(arcs) of background galaxies may be seen. Some of the brighter arcs are numbered (1–12).
The existence of radial arcs 11 and 12 imply a soft mass core. For a color image, see:
http://dls.bell-labs.com/dls/CurrentA1689.jpg/.

for the arc systems, bypassing the most difficult phase of the analysis: sorting out which
arcs belong to the same source.

3.2. Cosmology from the cluster double-source lens
Sources are lensed differently by the same lens mass, depending on their angular diam-
eter distance. In turn, this depends on the cosmology. This provides yet another tool
for probing cosmology via strong gravitational lensing. To use this tool one must first
have a lens which is massive (creates multiple strongly lensed arcs from more than one
background source) and which has its projected mass mapped at high resolution. Take
CL0024 as an example. Several strongly magnified background sources can be seen at
lower surface brightness in Figure 7.
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Figure 10. The double source lens cosmological test.

These arcs are undoubtedly images of other background source(s). If confirmed via
deeper imaging and Keck spectroscopy, this will enable a purely geometrical determi-
nation of a simple algebraic combination of the cosmological parameters ΩM and ΩΛ.
The lens mass and the relative angular diameter distances determine the strength of the
lensing event, which is just the Einstein ring angular diameter for reasonably simple lens
mass distributions.

Thus, the relative strength (ratio of Einstein ring diameters) of the lensing produced
by this same foreground lens acting on sources at different background redshifts is a
function only of a dimensionless combination of the angular diameter distances to the
lens and two sources. Hence it is a function only of the cosmological parameters ΩM and
ΩΛ plus the measurable redshifts of the lens and sources. The lens total mass, overall
distance scale (H0) and lens mass distribution essentially “cancel out” in the ratio of
lensing strengths and thus provide a direct geometrical and largely model independent
cosmological test.

3.3. First maps of galaxy mass
N-body simulations of cold dark matter structure formation have reached sufficiently high
resolution for comparison with direct observations of mass morphology on 5 kpc scales
in clusters of galaxies. Clusters at z = 0.4 are expected to have extensive dark matter
substructure. Parametric mass reconstruction techniques could resolve mass components
as small as 109 h−1 M� near the projected positions of the arcs. Does light trace mass
on all scales or is there dark mass segregation on some scales? The high surface density
of galaxies in clusters create an ideal hunting ground for dark galaxies. White & Rees
(1978) first pointed out that low mass compact galaxies, because of their low collision
cross-section, survive in clusters of galaxies for a Hubble time.

Clusters like CL0024+1654 also represent a unique opportunity for a detailed study of
the distribution of mass within known individual cluster galaxies. The giant arcs created
by the lensing are projected on top of three bright foreground galaxies. Because the
background galaxy’s morphology is quite complex, one can measure the relative positions
of all of the hot spots in each of the lensed images. This allows a measurement of the
mass morphology of the most favorably placed galaxies.

4. Conclusions
I have reviewed some examples, past and future, of contributions to cosmology via

strong gravitational lensing using the HST . The combination of high angular resolution
and optical-IR imaging capability have been enabling. In the future, some ground-based
telescopes with adaptive optics may fill some of the need, specifically for sub-arcminute
fields. But the HST with the Advanced Camera and NICMOS will continue to contribute
to this unique probe of cosmology, with its greatest contributions undoubtedly still to
come.
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