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Preface

The exploration of the first billion year of the history of the Universe, from
the so-called dark ages to cosmic reionisation, represents one of the great
challenges of contemporary astrophysics. During these phases the first struc-
tures start to grow forming the first stars, galaxies, and possibly also soon
the first quasars. At the same time the dark, neutral Universe starts to be lit
up and ionised by these source, leading to its progressive reionisation ending
at redshift z ~ 6. Furthermore the first stars and supernovae begin to enrich
their surroundings and the intergalactic medium, and to produce the first
dust.

All these phenomena represent a rich interplay between various fields of as-
trophysics, which have seen important developments over recent years. Indeed
tremendous progress has been made on the theoretical understanding and on
numerical simulations. In addition, observations of signatures of reionisation
and even direct observations of galaxies at z > 6 are now becoming feasible.
Such observations actually provide a main driver for upcoming facilities such
as ground-based multi-object spectrographs in the near-IR, extremely large
telescopes, and for the James Webb Space Telescope.

Given these important achievements and the increasing developments
made in this rapidly expanding field, the members of the Swiss Society
for Astronomy and Astrophysics chose this topic for the 36th Saas-Fee ad-
vanced course. The course took place from 3 to 8 April 2006 in the Swiss
Alps in Les Diablerets. Approximately 70 participants from a great diver-
sity of countries could benefit from the excellent lectures delivered by Abra-
ham Loeb, Andrea Ferrara and Richard Ellis, who kindly accepted this task.
We wish to thank them here for all their work, including not only the lec-
tures but also the chapters assembled in this book. Their knowledge, ped-
agogical talents, and enthusiasm have been essential for the success of this
course.



VI Preface

We also thank our colleague Olivier Genevay for his technical help with
the projection and computers. A special thanks goes to the course secretary,
Ms Myriam Burgerner Frick, for all her help in the practical organisation of
this course.

Geneva, Daniel Schaerer
May 2007 Angela Hempel
Denis Puy
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First Light

A. Loeb

Abstract. The first dwarf galaxies, which constitute the building blocks of the
collapsed objects we find today in the Universe, had formed hundreds of millions of
years after the big bang. This pedagogical review describes the early growth of their
small-amplitude seed fluctuations from the epoch of inflation through dark matter
decoupling and matter-radiation equality, to the final collapse and fragmentation of
the dark matter on all mass scales above ~10~* Mg. The condensation of baryons
into halos in the mass range of ~105-10'" Mg, led to the formation of the first stars
and the re-ionization of the cold hydrogen gas, left over from the Big Bang. The
production of heavy elements by the first stars started the metal enrichment process
that eventually led to the formation of rocky planets and life.

A wide variety of instruments currently under design [including large-aperture
infrared telescopes on the ground or in space (JWST), and low-frequency arrays
for the detection of redshifted 21 cm radiation], will establish better understand-
ing of the first sources of light during an epoch in cosmic history that was largely
unexplored so far. Numerical simulations of reionization are computationally chal-
lenging, as they require radiative transfer across large cosmological volumes as well
as sufficently high resolution to identify the sources of the ionizing radiation. The
technological challenges for observations and the computational challenges for nu-
merical simulations, will motivate intense work in this field over the coming decade.

1 Opening Remarks

When I open the daily newspaper as part of my morning routine, I often
see lengthy descriptions of conflicts between people on borders, properties,
or liberties. Today’s news is often forgotten a few days later. But when one
opens ancient texts that have appealed to a broad audience over a longer
period of time, such as the Bible, what does one often find in the opening
chapter?... a discussion of how the constituents of the Universe (including
light, stars and life) were created. Although humans are often occupied with
mundane problems, they are curious about the big picture. As citizens of the
Universe, we cannot help but wonder how the first sources of light formed,

A. Loeb: First Light. In: D. Schaerer et al.: First Light in the Universe, Saas-Fee Advanced
Courses, pp. 1-159 (2008)
DOI 10.1007/978-3-540-74163-3_1 © Springer-Verlag Berlin Heidelberg 2008



2 A. Loeb

how life came to existence, and whether we are alone as intelligent beings in
this vast space. As astronomers in the twenty first century, we are uniquely
positioned to answer these big questions with scientific instruments and a
quantitative methodology. In this pedagogical review, intended for students
preparing to specialize in cosmology, I will describe current ideas about one
of these topics: the appearance of the first sources of light and their influence
on the surrounding Universe. This topic is one of the most active frontiers
in present-day cosmology. As such it is an excellent area for a PhD thesis
of a graduate student interested in cosmology. I will therefore highlight the
unsolved questions in this field as much as the bits we understand.

2 Excavating the Universe for Clues About Its History

When we look at our image reflected off a mirror at a distance of 1 m, we see
the way we looked 6 nano-seconds ago, the light travel time to the mirror and
back. If the mirror is spaced 10" cm = 3 pc away, we will see the way we looked
21 years ago. Light propagates at a finite speed, and so by observing distant
regions, we are able to see how the Universe looked like in the past, a light
travel time ago (Fig. 1). The statistical homogeneity of the Universe on large
scales guarantees that what we see far away is a fair statistical representation
of the conditions that were present in our region of the Universe a long time
ago.

This fortunate situation makes cosmology an empirical science. We do not
need to guess how the Universe evolved. Using telescopes we can simply see

Cosmic-Archeology

Early time

L

today

Earth

The more distant a source is, the more time it takes for its light to reach us. Hence the light
must have been emitted when the universe was younger. By looking at distant sources we
can trace the history of the universe.

Fig. 1. Cosmology is like archeology. The deeper one looks, the older is the layer
that one is revealing, owing to the finite propagation speed of light. (Figure from
Loeb 2007 [218].)
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Fig. 2. Images of the Universe shortly after it became transparent, taken by the
COBE and WMAP satellites (see http://map.gsfc.nasa.gov/ for details). The slight
density inhomogeneties in the otherwise uniform Universe are imprinted in the hot
and cold brightness map of the cosmic microwave background. The existence of these
anisotropies was predicted three decades before the technology for taking this image
became available in a number of theoretical papers, including (Sunyaev & Zelclovich
1970 [354], Sachs & Wolfe 1967 [307], Roos & Sciama 1968 [296], Silk 1968 [337],
Peebles & Yu 1970 [281])

the way it appeared at earlier cosmic times. Since a greater distance means a
fainter flux from a source of a fixed luminosity, the observation of the earliest
sources of light requires the development of sensitive instruments and poses
challenges to observers.

We can in principle image the Universe only if it is transparent. Earlier
than 0.4 million years after the Big Bang, the cosmic plasma was ionized
and the Universe was opaque to Thomson scattering by the dense gas of free
electrons that filled it. Thus, telescopes cannot be used to image the infant
Universe at earlier times (or redshifts > 10%). The earliest possible image of
the Universe was recorded by COBE and WMAP (see Fig. 2).

3 Background Cosmological Model

3.1 The Expanding Universe

The modern physical description of the Universe as a whole can be traced
back to Einstein, who argued theoretically for the so-called “cosmological
principle”: that the distribution of matter and energy must be homogeneous
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and isotropic on the largest scales. Today isotropy is well established (see the
review by Wu et al. 1999 [388]) for the distribution of faint radio sources,
optically-selected galaxies, the X-ray background, and most importantly the
cosmic microwave background (hereafter, CMB; see, e.g., Bennett et al. 1996
[36]). The constraints on homogeneity are less strict, but a cosmological model
in which the Universe is isotropic but significantly inhomogeneous in spherical
shells around our special location, is also excluded [155].

In General Relativity, the metric for a space which is spatially homoge-
neous and isotropic is the Friedman-Robertson-Walker metric, which can be
written in the form

dR?

2 _ 2 2
ds“ =dt“ —a (t) m

+ R? (40 +sin*0d¢?) | , (1)
where a(t) is the cosmic scale factor which describes expansion in time, and
(R, 0,¢) are spherical comoving coordinates. The constant k& determines the
geometry of the metric; it is positive in a closed Universe, zero in a flat Uni-
verse, and negative in an open Universe. Observers at rest remain at rest, at
fixed (R, 0, ¢), with their physical separation increasing with time in propor-
tion to a(t). A given observer sees a nearby observer at physical distance D
receding at the Hubble velocity H(t)D, where the Hubble constant at time ¢
is H(t) = da(t)/dt. Light emitted by a source at time ¢ is observed at t = 0
with a redshift z = 1/a(t) — 1, where we set a(t = 0) = 1 for convenience (but
note that old textbooks may use a different convention).

The Einstein field equations of General Relativity yield the Friedmann
equation (e.g., Weinberg 1972 [375]; Kolb & Turner 1990 [203])

81G k
H2(t) = —p— — , 2
(=" )
which relates the expansion of the Universe to its matter-energy content. For
each component of the energy density p, with an equation of state p = p(p),

the density p varies with a(¢) according to the equation of energy conservation

d(pR*) = —pd(R?) . (3)
With the critical density
3H2(t)
t) = 4
pe(t) = ——= (4)

defined as the density needed for k = 0, we define the ratio of the total density
to the critical density as )

= (5)
With 24, 24, and {2, denoting the present contributions to {2 from matter
(including cold dark matter as well as a contribution {2}, from baryons), vac-
uum density (cosmological constant), and radiation, respectively, the
Friedmann equation becomes
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Ht) [ 2 O

70: a—;n‘f'QA-f—a—:'F , (6)

where we define Hy and 2y = (2, + 27 + (2, to be the present values of H
and {2, respectively, and we let

a?

k

2 =——

=1—n. (7)
In the particularly simple Einstein-de Sitter model (2, = 1, 2y = 2, =
2 = 0), the scale factor varies as a(t) o« /3. Even models with non-zero
25 or (2 approach the Einstein-de Sitter behavior at high redshift, i.e. when
(1+2)> |2, — 1] (as long as £2, can be neglected). In this high-z regime
the age of the Universe is,

t (1+2)7%2. (8)

2
" 3HoV/ O
The Friedmann equation implies that models with (2, = 0 converge to the
Einstein-de Sitter limit faster than do open models.

In the standard hot Big Bang model, the Universe is initially hot and the
energy density is dominated by radiation. The transition to matter domina-
tion occurs at z ~ 3500, but the Universe remains hot enough that the gas
is ionized, and electron-photon scattering effectively couples the matter and
radiation. At z ~ 1100 the temperature drops below ~ 3000K and protons
and electrons recombine to form neutral hydrogen (Fig. 3). The photons then

decouple and travel freely until the present, when they are observed as the
CMB [347].

3.2 Composition of the Universe

According to the standard cosmological model, the Universe started at the Big
Bang about 14 billion years ago. During an early epoch of accelerated superlu-
minal expansion, called inflation, a region of microscopic size was stretched to
a scale much bigger than the visible Universe and our local geometry became
flat. At the same time, primordial density fluctuations were generated out
of quantum mechanical fluctuations of the vacuum. These inhomogeneities
seeded the formation of present-day structure through the process of gravita-
tional instability. The mass density of ordinary (baryonic) matter makes up
only a fifth of the matter that led to the emergence of structure and the rest
is the form of an unknown dark matter component. Recently, the Universe
entered a new phase of accelerated expansion due to the dominance of some
dark vacuum energy density over the ever rarefying matter density.

The basic question that cosmology attempts to answer is:

What are the ingredients (composition and initial conditions) of
the Universe and what processes generated the observed structures
in it?
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0F .
T -l .
on C 1
o C ]
2r 7
3F .
:....I. .

0 F—+—+—+—+—f—

log [ionization fraction]
I
)
B B B o

logyo [1+2]

Fig. 3. The optical depth of the Universe to electron scattering (upper panel)
and the ionization fraction (lower panel) as a function of redshift before reioniza-
tion. Observatories of electromagnetic radiation cannot image the opaque Universe
beyond a redshift of z ~ 1100

In detail, we would like to know:

(a) Did inflation occur and when? If so, what drove it and how did it end?

(b) What is the nature of the dark energy and how does it change over time
and space?

(c) What is the nature of the dark matter and how did it regulate the evolu-
tion of structure in the Universe?

Before hydrogen recombined, the Universe was opaque to electromagnetic
radiation, precluding any possibility for direct imaging of its evolution. The
only way to probe inflation is through the fossil record that it left behind
in the form of density perturbations and gravitational waves. Following in-
flation, the Universe went through several other milestones which left a de-
tectable record. These include: baryogenesis (which resulted in the observed
asymmetry between matter and anti-matter), the electroweak phase transition
(during which the symmetry between electromagnetic and weak interactions
was broken), the QCD (quantum chromodynamics) phase transition (during
which protons and neutrons were assembled out of quarks and gluons), the
dark matter freeze-out epoch (during which the dark matter decoupled from
the cosmic plasma), neutrino decoupling, electron-positron annihilation, and
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light-element nucleosynthesis (during which helium, deuterium and lithium
were synthesized). The signatures that these processes left in the Universe
can be used to constrain its parameters and answer the above questions.

Half a million years after the Big Bang, hydrogen recombined and the
Universe became transparent. The ultimate goal of observational cosmology
is to image the entire history of the Universe since then. Currently, we have a
snapshot of the Universe at recombination from the CMB, and detailed images
of its evolution starting from an age of a billion years until the present time.
The evolution between a million and a billion years has not been imaged as
of yet.

Within the next decade, NASA plans to launch an infrared space tele-
scope (JWST) that will image the very first sources of light (stars and black
holes) in the Universe, which are predicted theoretically to have formed in
the first hundreds of millions of years. In parallel, there are several initiatives
to construct large-aperture infrared telescopes on the ground with the same
goal in mind!'?>3. The neutral hydrogen, relic from cosmological recombina-
tion, can be mapped in three-dimensions through its 21 cm line even before
the first galaxies formed [225]. Several groups are currently constructing low-
frequency radio arrays in an attempt to map the initial inhomogeneities as
well as the process by which the hydrogen was re-ionized by the first galaxies.

The next generation of ground-based telescopes will have a diameter of
20-30m (cf. Fig. 5). Together with JWST (that will not be affected by the
atmospheric backgound, Fig. 4) they will be able to image the first galaxies.
Given that these galaxies also created the ionized bubbles around them, the
same galaxy locations should correlate with bubbles in the neutral hydrogen
(created by their UV emission). Within a decade it would be possible to
explore the environmental influence of individual galaxies by using the two
sets of instruments in concert [389].

The dark ingredients of the Universe can only be probed indirectly through
a variety of luminous tracers. The distribution and nature of the dark matter
are constrained by detailed X-ray and optical observations of galaxies and
galaxy clusters. The evolution of the dark energy with cosmic time will be
constrained over the coming decade by surveys of Type Ia supernovae, as well
as surveys of X-ray clusters, up to a redshift of two.

On large scales (> 10Mpc) the power-spectrum of primordial density
perturbations is already known from the measured microwave background
anisotropies, galaxy surveys, weak lensing, and the Ly« forest. Future pro-
grams will refine current knowledge, and will search for additional trademarks
of inflation, such as gravitational waves (through CMB polarization), small-
scale structure (through high-redshift galaxy surveys and 21 cm studies), or
the Gaussian statistics of the initial perturbations.

! http://www.eso.org/projects/owl/
2 http://celt.ucolick.org/
3 http://www.gmto.org/
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Fig. 4. A sketch of the current design for the James Webb Space Tele-
scope, the successor to the Hubble Space Telescope to be launched in 2011
(http://www.jwst.nasa.gov/). The current design includes a primary mirror made
of beryllium which is 6.5m in diameter as well as an instrument sensitivity that
spans the full range of infrared wavelengths of 0.6-28 um and will allow detection
of the first galaxies in the infant Universe. The telescope will orbit 1.5 million km
from Earth at the Lagrange L2 point

\ \
Tondd Mason '0%,

Fig. 5. Artist conception of the design for one of the future giant telescopes that
could probe the first generation of galaxies from the ground. The Giant Magellan
Telescope (GMT) will contain seven mirrors (each 8.4m in diameter) and will have
the resolving power equivalent to a 24.5m (80 ft) primary mirror. For more details
see http://www.gmto.org/
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The Big Bang is the only known event where particles with energies ap-
proaching the Planck scale [(hc®/G)Y/? ~ 10" GeV] interacted. It therefore
offers prospects for probing the unification physics between quantum me-
chanics and general relativity (to which string theory is the most-popular
candidate). Unfortunately, the exponential expansion of the Universe during
inflation erases memory of earlier cosmic epochs, such as the Planck time.

3.3 Linear Gravitational Growth

Observations of the CMB (e.g., Bennett et al. 1996 [36]) show that the Uni-
verse at recombination was extremely uniform, but with spatial fluctuations
in the energy density and gravitational potential of roughly one part in 10°.
Such small fluctuations, generated in the early Universe, grow over time due
to gravitational instability, and eventually lead to the formation of galaxies
and the large-scale structure observed in the present Universe.

As before, we distinguish between fixed and comoving coordinates. Using
vector notation, the fixed coordinate r corresponds to a comoving position
x = r/a. In a homogeneous Universe with density p, we describe the cosmolog-
ical expansion in terms of an ideal pressureless fluid of particles each of which
is at fixed x, expanding with the Hubble flow v = H(t)r where v = dr/dt.
Onto this uniform expansion we impose small perturbations, given by a rela-
tive density perturbation

d(x) = @ -1, 9)
p
where the mean fluid density is p, with a corresponding peculiar velocity
u = v— Hr. Then the fluid is described by the continuity and Euler equations
in comoving coordinates [282, 283]:

0§ 1
Ju 1 1
E—FHU—I— E(UV)UZ—EVQ/) (11)

The potential ¢ is given by the Poisson equation, in terms of the density
perturbation:
V3¢ = 4rGpa’s . (12)

This fluid description is valid for describing the evolution of collisionless
cold dark matter particles until different particle streams cross. This “shell-
crossing” typically occurs only after perturbations have grown to become non-
linear, and at that point the individual particle trajectories must in general
be followed. Similarly, baryons can be described as a pressureless fluid as long
as their temperature is negligibly small, but non-linear collapse leads to the
formation of shocks in the gas.

For small perturbations § < 1, the fluid equations can be linearized and
combined to yield
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2

% + ZH% =47Gpo . (13)
This linear equation has in general two independent solutions, only one of
which grows with time. Starting with random initial conditions, this “growing
mode” comes to dominate the density evolution. Thus, until it becomes non-
linear, the density perturbation maintains its shape in comoving coordinates
and grows in proportion to a growth factor D(t). The growth factor in the
matter-dominated era is given by [282]

(2n0® + 2a + Qm)l/2

a a/3/2 da’
3/2 / 3 / 3/27 (14)
a 0 (QACL + a + Qm)

where we neglect {2, when considering halos forming in the matter-dominated
regime at z < 10%. In the Einstein-de Sitter model (or, at high redshift, in
other models as well) the growth factor is simply proportional to a(t).

The spatial form of the initial density fluctuations can be described in
Fourier space, in terms of Fourier components

D(t) x

0k = /dga: S(x)e kx> (15)

Here we use the comoving wavevector k, whose magnitude k is the comoving
wavenumber which is equal to 27 divided by the wavelength. The Fourier de-
scription is particularly simple for fluctuations generated by inflation (e.g.,
Kolb & Turner 1990 [203]). Inflation generates perturbations given by a
Gaussian random field, in which different k-modes are statistically indepen-
dent, each with a random phase. The statistical properties of the fluctuations
are determined by the variance of the different k-modes, and the variance is
described in terms of the power spectrum P(k) as follows:

(0u5)) = (2m)® P(k) 64 (k — K) | (16)

where §®) is the three-dimensional Dirac delta function. The gravitational po-
tential fluctuations are sourced by the density fluctuations through Poisson’s
equation.

In standard models, inflation produces a primordial power-law spectrum
P(k) < k™ with n ~ 1. Perturbation growth in the radiation-dominated and
then matter-dominated Universe results in a modified final power spectrum,
characterized by a turnover at a scale of order the horizon cH ! at matter-
radiation equality, and a small-scale asymptotic shape of P(k) oc k"%, The
overall amplitude of the power spectrum is not specified by current models of
inflation, and it is usually set by comparing to the observed CMB temperature
fluctuations or to local measures of large-scale structure.

Since density fluctuations may exist on all scales, in order to determine the
formation of objects of a given size or mass it is useful to consider the statistical
distribution of the smoothed density field. Using a window function W (r)
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normalized so that [ d3r W(r) = 1, the smoothed density perturbation field,
J d3ré(x)W (r), itself follows a Gaussian distribution with zero mean. For the
particular choice of a spherical top-hat, in which W = 1 in a sphere of radius R
and is zero outside, the smoothed perturbation field measures the fluctuations
in the mass in spheres of radius R. The normalization of the present power
spectrum is often specified by the value of o = o(R = 8 h~' Mpc). For the
top-hat, the smoothed perturbation field is denoted dg or dyr, where the mass
M is related to the comoving radius R by M = 47p,, R?/3, in terms of the
current mean density of matter py,. The variance (§ys)? is

B e dk 3j1(kR)]”
02(M)_a2(3)_/0 R P) {W] , (17)

where ji(r) = (sinz — z cosz)/2%. The function (M) plays a crucial role in
estimates of the abundance of collapsed objects, as we describe later.

Species that decouple from the cosmic plasma (like the dark matter or the
baryons) would show fossil evidence for acoustic oscillations in their power
spectrum of inhomogeneities due to sound waves in the radiation fluid to
which they were coupled at early times. This phenomenon can be understood
as follows. Imagine a localized point-like perturbation from inflation at ¢ = 0.
The small perturbation in density or pressure will send out a sound wave that
will reach the sound horizon cst at any later time ¢. The perturbation will
therefore correlate with its surroundings up to the sound horizon and all k-
modes with wavelengths equal to this scale or its harmonics will be correlated.
The scales of the perturbations that grow to become the first collapsed objects
at z < 100 cross the horizon in the radiation dominated era after the dark
matter decouples from the cosmic plasma. Next we consider the imprint of
this decoupling on the smallest-scale structure of the dark matter.

3.4 The Smallest-Scale Power Spectrum of Cold Dark Matter

A broad range of observational data involving the dynamics of galaxies, the
growth of large-scale structure, and the dynamics and nucleosynthesis of the
Universe as a whole, indicate the existence of dark matter with a mean cosmic
mass density that is ~5 times larger than the density of the baryonic matter
[187, 347]. The data is consistent with a dark matter composed of weakly-
interacting, massive particles, that decoupled early and adiabatically cooled
to an extremely low temperature by the present time [187]. The Cold Dark
Matter (CDM) has not been observed directly as of yet, although laboratory
searches for particles from the dark halo of our own Milky-Way galaxy have
been able to restrict the allowed parameter space for these particles. Since
an alternative more-radical interpretation of the dark matter phenomenology
involves a modification of gravity [252], it is of prime importance to find direct
fingerprints of the CDM particles. One such fingerprint involves the small-scale
structure in the Universe [158], on which we focus in this section.
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The most popular candidate for the CDM particle is a Weakly Interacting
Massive Particle (WIMP). The lightest supersymmetric particle (LSP) could
be a WIMP (for a review see [187]). The CDM particle mass depends on
free parameters in the particle physics model but typical values cover a range
around M ~ 100 GeV (up to values close to a TeV). In many cases the LSP
hypothesis will be tested at the Large Hadron Collider (e.g. [33]) or in direct
detection experiments (e.g. [16]).

The properties of the CDM particles affect their response to the small-scale
primordial inhomogeneities produced during cosmic inflation. The particle
cross-section for scattering off standard model fermions sets the epoch of their
thermal and kinematic decoupling from the cosmic plasma (which is signifi-
cantly later than the time when their abundance freezes-out at a temperature
T ~ M). Thermal decoupling is defined as the time when the temperature
of the CDM stops following that of the cosmic plasma while kinematic de-
coupling is defined as the time when the bulk motion of the two species start
to differ. For CDM the epochs of thermal and kinetic decoupling coincide.
They occur when the time it takes for collisions to change the momentum of
the CDM particles equals the Hubble time. The particle mass determines the
thermal spread in the speeds of CDM particles, which tends to smooth-out
fluctuations on very small scales due to the free-streaming of particles after
kinematic decoupling [158, 159]. Viscosity has a similar effect before the CDM
fluid decouples from the cosmic radiation fluid [180]. An important effect in-
volves the memory the CDM fluid has of the acoustic oscillations of the cosmic
radiation fluid out of which it decoupled. Here we consider the imprint of these
acoustic oscillations on the small-scale power spectrum of density fluctuations
in the Universe. Analogous imprints of acoustic oscillations of the baryons
were identified recently in maps of the CMB [347], and the distribution of
nearby galaxies [119]; these signatures appear on much larger scales, since
the baryons decouple much later when the scale of the horizon is larger. The
discussion in this section follows Loeb & Zaldarriaga (2005) [227].

Formalism

Kinematic decoupling of CDM occurs during the radiation-dominated era. For
example, if the CDM is made of neutralinos with a particle mass of ~100 GeV,
then kinematic decoupling occurs at a cosmic temperature of Ty ~ 10 MeV
[180, 87]. As long as Ty < 100 MeV, we may ignore the imprint of the QCD
phase transition (which transformed the cosmic quark-gluon soup into protons
and neutrons) on the CDM power spectrum [320]. Over a short period of
time during this transition, the pressure does not depend on density and
the sound speed of the plasma vanishes, resulting in a significant growth for
perturbations with periods shorter than the length of time over which the
sound speed vanishes. The transition occurs when the temperature of the
cosmic plasma is ~ 100-200 MeV and lasts for a small fraction of the Hubble
time. As a result, the induced modifications are on scales smaller than those we
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are considering here and the imprint of the QCD phase transition is washed-
out by the effects we calculate.

At early times the contribution of the dark matter to the energy density
is negligible. Only at relatively late times when the cosmic temperature drops
to values as low as ~ 1eV, matter and radiation have comparable energy
densities. As a result, the dynamics of the plasma at earlier times is virtually
unaffected by the presence of the dark matter particles. In this limit, the
dynamics of the radiation determines the gravitational potential and the dark
matter just responds to that potential. We will use this simplification to obtain
analytic estimates for the behavior of the dark matter transfer function.

The primordial inflationary fluctuations lead to acoustic modes in the radi-
ation fluid during this era. The interaction rate of the particles in the plasma is
so high that we can consider the plasma as a perfect fluid down to a comoving
scale,

A ~ T]d/\/ﬁ i N ~noty, (18)

where nq = fotd dt/a(t) is the conformal time (i.e. the comoving size of the
horizon) at the time of CDM decoupling, t4; o is the scattering cross section
and n is the relevant particle density. (Throughout this section we set the
speed of light and Planck’s constant to unity for brevity.) The damping scale
depends on the species being considered and its contribution to the energy
density, and is the largest for neutrinos which are only coupled through weak
interactions. In that case N ~ (T/T%)? where T¥ ~ 1MeV is the temperature
of neutrino decoupling. At the time of CDM decoupling N ~ M /Ty ~ 10* for
the rest of the plasma, where M is the mass of the CDM particle. Here we
will consider modes of wavelength larger than )¢, and so we neglect the effect
of radiation diffusion damping and treat the plasma (without the CDM) as a
perfect fluid.

The equations of motion for a perfect fluid during the radiation era can
be solved analytically. We will use that solution here, following the notation
of Dodelson [109]. As usual we Fourier decompose fluctuations and study
the behavior of each Fourier component separately. For a mode of comoving
wavenumber k£ in Newtonian gauge, the gravitational potential fluctuations
are given by:

B sin(wn) — wn cos(wn)
P =3P, (on)? , (19)

where w = k/+/3 is the frequency of a mode and &, is its primordial ampli-
tude in the limit 7 — 0. In this section we use conformal time n = [ dt/a(t)
with a(t) o< t'/2 during the radiation-dominated era. Expanding the temper-
ature anisotropy in multipole moments and using the Boltzmann equation
to describe their evolution, the monopole @y and dipole ©; of the photon
distribution can be written in terms of the gravitational potential as [109]:
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2
=% <¢’ + 1@) (20)

where z = kn and a prime denotes a derivative with respect to .

The solutions in (19) and (20) assume that both the sound speed and the
number of relativistic degrees of freedom are constant over time. As a result of
the QCD phase transition and of various particles becoming non-relativistic,
both of these assumptions are not strictly correct. The vanishing sound speed
during the QCD phase transition provides the most dramatic effect, but its
imprint is on scales smaller than the ones we consider here because the transi-
tion occurs at a significantly higher temperature and only lasts for a fraction
of the Hubble time [320].

Before the dark matter decouples kinematically, we will treat it as a fluid
which can exchange momentum with the plasma through particle collisions.
At early times, the CDM fluid follows the motion of the plasma and is involved
in its acoustic oscillations. The continuity and momentum equations for the
CDM can be written as:

Se + 0. = 30

éc + 290 - kZCS(sc - k2o_c - kZ@ + Tgl(el - GC) (21)
a

where a dot denotes an n-derivative, d. is the dark matter density perturba-
tion, 6. is the divergence of the dark matter velocity field and o. denotes the
anisotropic stress. In writing these equations we have followed [229]. The term
7. 1(©1 — 6.) encodes the transfer of momentun between the radiation and
CDM fluids and 7, ! provides the collisional rate of momentum transfer,

= no%a, (22)
with n being the number density of particles with which the dark matter is
interacting, o(T) the average cross section for interaction and M the mass of
the dark matter particle. The relevant scattering partners are the standard
model leptons which have thermal abundances. For detailed expressions of the
cross section in the case of supersymmetric (SUSY) dark matter, see [87, 159].
For our purpose, it is sufficient to specify the typical size of the cross section
and its scaling with cosmic time,

T2

~ s (23)

ag

where the coupling mass M, is of the order of the weak-interaction scale
(~100 GeV) for SUSY dark matter. This equation should be taken as the def-
inition of M,, as it encodes all the uncertainties in the details of the particle
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physics model into a single parameter. The temperature dependance of the
averaged cross section is a result of the available phase space. Our results are
quite insensitive to the details other than through the decoupling time. Equat-
ing 7.!/a to the Hubble expansion rate gives the temperature of kinematic
decoupling:

MEMN! M, M\
Ty = (=2 ~10 M o C(4
d ( My, > . eV(mo GeV) <100 GeV) (24)

The term k%c26. in (21) results from the pressure gradient force and c; is
the dark matter sound speed. In the tight coupling limit, 7. < H~! we find
that ¢2 ~ f.T/M and that the shear term is k%o, ~ fyc27.0.. Here f, and f.
are constant factors of order unity. We will find that both these terms make a
small difference on the scales of interest, so their precise value is unimportant.

By combining both in (21) into a single equation for . we get

5+ é [1+ Fo(2)] 6. + c2(x)d.
4
= S(a) = 35, (2)9/ + =4 (36— 3L)., (25)

where xq = knq and 7nq denotes the time of kinematic decoupling which can
be expressed in terms of the decoupling temperature as,

My, Ty \ '
= 2tq(1 ~ 2 ~1 —_—
Na = 2ta(1+ za) ToTs 0 pc <10 MeV)

o M7YM 4 (26)

with Th = 2.7K being the present-day CMB temperature and zq being the
redshift at kinematic decoupling. We have also introduced the source function,

3
S(z) = 30" + & — 545’. (27)
For z < xq, the dark matter sound speed is given by
A(a) = Awa) =2, (28)

where c2(z4) is the dark matter sound speed at kinematic decoupling (in units
of the speed of light),

1/2 —1/2
cs<xd>z102f§/2( & ) ( M ) : (29)

10 MeV 100 GeV

In writing (28) we have assumed that prior to decoupling the temperature of
the dark matter follows that of the plasma. For the viscosity term we have,

Z

Fo(w) = foctea)ed (22) (30)
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Free Streaming After Kinematic Decoupling

In the limit of the collision rate being much slower than the Hubble expansion,
the CDM is decoupled and the evolution of its perturbations is obtained by
solving a Boltzman equation:

of ~drof  dgdf

on T dnor T dyog (3D
where f(r,q,n) is the distribution function which depends on position, co-
moving momentum q, and time. The comoving momentum 3-components are
dx; /dn = g;/a. We use the Boltzman equation to find the evolution of modes
that are well inside the horizon with x > 1. In the radiation era, the grav-
itational potential decays after horizon crossing (see 19). In this limit the
comoving momentum remains constant, dg;/dn = 0 and the Boltzman equa-
tion becomes,

of @ of
I i a— 2
an + a Jr; 0 (32)
We consider a single Fourier mode and write f as,
flrya,m) = fo(g)[1 +0r(a,n)e™ "], (33)

where fy(q) is the unperturbed distribution,

i) o[ o]
- ex i
27TTCDM 2TCDM

fola) = neon ( (34)
where ncpym and Tepy are the present-day density and temperature of the
dark matter.

Our approach is to solve the Boltzman equation with initial conditions
given by the fluid solution at a time 7, (which will depend on k). The simplified
Boltzman equation can be easily solved to give dp(q,7n) as a function of the
initial conditions dr(q, n.),

or(q,n) = or(q,n+) exp[—iq - kag;;) In(n/n.)]. (35)

The CDM overdensity d. can then be expressed in terms of the perturba-
tion in the distribution function as,

o) = — / &g folq) be(a,m). (36)

ncoMm

We can use (35) to obtain the evolution of d. in terms of its value at 7.,

1k? dé
o =esp|~5 7zt (L)) [ol+ ol (2)]. 1)
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where k; 2 = \/(Tq/M)na. The exponential term is responsible for the damp-
ing of perturbations as a result of free streaming and the dispersion of the
CDM particles after they decouple from the plasma. The above expression is
only valid during the radiation era. The free streaming scale is simply given
by [dt(v/a) x [ dta=? which grows logarithmically during the radiation era
as in (37) but stops growing in the matter era when a o 2/3.

Equation (37) can be used to show that even during the free streaming
epoch, d. satisfies (25) but with a modified sound speed and viscous term. For
x > xq one should use,

2w) = Aea) (1) [1 e () (iﬂ

Td
Fy(z) = 2¢3(zq)a2 In (%d) . (38)

The differences between the above scalings and those during the tight coupling
regime are a result of the fact that the dark matter temperature stops follow-
ing the plasma temperature but rather scales as a~2 after thermal decoupling,
which coincides with the kinematic decoupling. We ignore the effects of heat
transfer during the fluid stage of the CDM because its temperature is con-
trolled by the much larger heat reservoir of the radiation-dominated plasma
at that stage.

To obtain the transfer function we solve the dark matter fluid equation
until decoupling and then evolve the overdensity using (37) up to the time
of matter—radiation equality. In practice, we use the fluid equations up to
x,. = 10 max(zq, 10) so as to switch into the free streaming solution well after
the gravitational potential has decayed. In the fluid equations, we smoothly
match the sound speed and viscosity terms at x = xq. As mentioned earlier,
because ¢s(xq) is so small and we are interested in modes that are comparable
to the size of the horizon at decoupling, i.e. zq4 ~ few, both the dark matter
sound speed and the associated viscosity play only a minor role, and our
simplified treatment is adequate.

In Fig. 6 we illustrate the time evolution of modes during decoupling for
a variety of k values. The situation is clear. Modes that enter the horizon
before kinematic decoupling oscillate with the radiation fluid. This behavior
has two important effects. In the absence of the coupling, modes receive a
“kick” by the source term S(z) as they cross the horizon. After that they
grow logarithmically. In our case, modes that entered the horizon before kine-
matic decoupling follow the plasma oscillations and thus miss out on both the
horizon “kick” and the beginning of the logarithmic growth. Second, the de-
coupling from the radiation fluid is not instantaneous and this acts to further
damp the amplitude of modes with xq > 1. This effect can be understood
as follows. Once the oscillation frequency of the mode becomes high com-
pared to the scattering rate, the coupling to the plasma effectively damps
the mode. In that limit one can replace the forcing term ©j by its average
value, which is close to zero. Thus in this regime, the scattering is forcing
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3/,

x=kn

Fig. 6. The normalized amplitude of CDM fluctuations 6 /®p for a variety of modes
with comoving wavenumbers log(kna) = (0,1/3,2/3,1,4/3,5/3,2) as a function of
x = kn, where n = fot dt/a(t) is the conformal time coordinate. The dashed line
shows the temperature monopole 36y and the uppermost (dotted) curve shows the
evolution of a mode that is uncoupled to the cosmic plasma. (Figure from Loeb &
Zalclarriaga 2005 [227])

the amplitude of the dark matter oscillations to zero. After kinematic de-
coupling the modes again grow logarithmically but from a very reduced am-
plitude. The coupling with the plasma induces both oscillations and damping
of modes that entered the horizon before kinematic decoupling. This damp-
ing is different from the free streaming damping that occurs after kinematic
decoupling.

In Fig. 7 we show the resulting transfer function of the CDM overdensity.
The transfer function is defined as the ratio between the CDM density pertur-
bation amplitude J. when the effect of the coupling to the plasma is included
and the same quantity in a model where the CDM is a perfect fluid down
to arbitrarily small scales (thus, the power spectrum is obtained by multiply-
ing the standard result by the square of the transfer function). This function
shows both the oscillations and the damping signature mentioned above. The
peaks occur at multipoles of the horizon scale at decoupling,

_ My
Epeak = (8,15.7,24.7, )7t oc —2-. 39
peak ( )nd TOTd ( )

This same scale determines the “oscillation” damping. The free streaming
damping scale is,
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Fig. 7. Transfer function of the CDM density perturbation amplitude (normalized
by the primordial amplitude from inflation). We show two cases: (i) Ty/M = 10~*
and Tq/Teq = 107; (ii) Ta/M = 107° and Ta/Teq = 107. In each case the oscillatory
curve is our result and the other curve is the free-streaming only result that was
derived previously in the literature Abel et al. (2000) [4], Adelberger et al. (2003)
[7], Aghanim et al. (1996) [8]. (Figure from Loeb & Zaldarriaga 2005 [227].)

M. 1M1/2
naca(na) n(neq/na) o pig/g In(Ta/Teq), (40)
Tl

where Teq is the temperature at matter radiation equality, Toq ~ 1eV. The
free streaming scale is parametrically different from the “oscillation” damping
scale. However for our fiducial choice of parameters for the CDM particle they
roughly coincide.

The CDM damping scale is significantly smaller than the scales observed
directly in the Cosmic Microwave Background or through large scale structure
surveys. For example, the ratio of the damping scale to the scale that entered
the horizon at Matter-radiation equality is 7q/Neq ~ Teq/Ta ~ 10~7 and
to our present horizon nq/my ~ (TeqT0)'/?/Ta ~ 107°. In the context of
inflation, these scales were created 16 and 20 e—folds apart. Given the large
extrapolation, one could certainly imagine that a change in the spectrum could
alter the shape of the power spectrum around the damping scale. However, for
smooth inflation potentials with small departures from scale invariance this is
not likely to be the case. On scales much smaller than the horizon at matter
radiation equality, the spectrum of perturbations density before the effects of
the damping are included is approximately,



20 A. Loeb

1
A%(k) ocexp | (n — 1) In(kneq) + §a2 In(Eneq)® + - - -
x 0% (k1jeq/8) (41)

where the first term encodes the shape of the primordial spectrum and the
second the transfer function. Primordial departures from scale invariance are
encoded in the slope n and its running a. The effective slope at scale k is
then,

Oln A?
Tk (n—1)+ aln(kneq) +

2
(/5] )
For typical values of (n — 1) ~ 1/60 and « ~ 1/60? the slope is still positive
at k ~ng ! so the cut-off in the power will come from the effects we calcu-
late rather than from the shape of the primordial spectrum. However given
the large extrapolation in scale, one should keep in mind the possibility of
significant effects resulting from the mechanisms that generates the density
perturbations.

Implications

We have found that acoustic oscillations, a relic from the epoch when the
dark matter coupled to the cosmic radiation fluid, truncate the CDM power
spectrum on a comoving scale larger than effects considered before, such as
free-streaming and viscosity [158, 159, 180]. For SUSY dark matter, the min-
imum mass of dark matter clumps that form in the Universe is therefore
increased by more than an order of magnitude to a value of *

47 7 \°
Mcu = 2 cri
t 3 < Foont ) M Perit

~ 104 (—La - Mg (43)
10 MeV ’

where pei = (H2/87G) = 9 x 10730 gcm =2 is the critical density today, and
£2)s is the matter density for the concordance cosmological model [347]. We
define the cut-off wavenumber k., as the point where the transfer function
first drops to a fraction 1/e of its value at k — 0. This corresponds to keut &
3.3 5"

Recent numerical simulations [105, 146] of the earliest and smallest objects
to have formed in the Universe (see Fig. 8), need to be redone for the modified
power spectrum that we calculated in this section. Although it is difficult to

4 Our definition of the cut-off mass follows the convention of the Jeans mass, which
is defined as the mass enclosed within a sphere of radius A;/2 where Ay = 27 /kj
is the Jeans wavelength [167].
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Fig. 8. A slice through a numerical simulation of the first dark matter condensations
to form in the Universe. Colors represent the dark matter density at z = 26. The
simulated volume is 60 comoving pc on a side, simulated with 64 million particles
each weighing 1.2 x 107 Mg (!) (From Diemand et al. 2005 [105].)

forecast the effects of the acoustic oscillations through the standard Press-
Schechter formalism [290], it is likely that the results of such simulations will
be qualitatively the same as before except that the smallest clumps would
have a mass larger than before (as given by 43).

Potentially, there are several observational signatures of the smallest CDM
clumps. As pointed out in the literature [105, 352], the smallest CDM clumps
could produce ~-rays through dark-matter annihilation in their inner density
cusps, with a flux in excess of that from nearby dwarf galaxies. If a substan-
tial fraction of the Milky Way halo is composed of CDM clumps with a mass
~107* Mg, the nearest clump is expected to be at a distance of ~4 x 107 cm.
Given that the characteristic speed of such clumps is a few hundred kms™*,
the y-ray flux would therefore show temporal variations on the relatively long
timescale of a 1000 years. Passage of clumps through the solar system should
also induce fluctuations in the detection rate of CDM particles in direct search
experiments. Other observational effects have rather limited prospects for de-
tectability. Because of their relatively low-mass and large size (~10'7 cm), the
CDM clumps are too diffuse to produce any gravitational lensing signatures
(including femnto-lensing [161]), even at cosmological distances.

The smallest CDM clumps should not affect the intergalactic baryons
which have a much larger Jeans mass. However, once objects above ~10% Mg
start to collapse at redshifts z < 30, the baryons would be able to cool inside
of them via molecular hydrogen transitions and the interior baryonic Jeans
mass would drop. The existence of dark matter clumps could then seed the
formation of the first stars inside these objects [66].
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3.5 Structure of the Baryons
Early Evolution of Baryonic Perturbations on Large Scales

The baryons are coupled through Thomson scattering to the radiation fluid
until they become neutral and decouple. After cosmic recombination, they
start to fall into the potential wells of the dark matter and their early evolution
was derived by Barkana & Loeb (2005) [29].

On large scales, the dark matter (dm) and the baryons (b) are affected only
by their combined gravity and gas pressure can be ignored. The evolution of
sub-horizon linear perturbations is described in the matter-dominated regime
by two coupled second-order differential equations [283]:

dam + 2Hoam = 47Gpm (fu0b + famOdm)
b + 2Hd, = 47Gpm (fub + famOdm) (44)

where dam (t) and dy(t) are the perturbations in the dark matter and baryons,
respectively, the derivatives are with respect to cosmic time ¢, H(t) = a/a
is the Hubble constant with @ = (1 + 2z)~!, and we assume that the mean
mass density pn,(t) is made up of respective mass fractions fq,, and f, =
1 — fam- Since these linear equations contain no spatial gradients, they can
be solved spatially for dqm(x,t) and dy,(x,t) or in Fourier space for dqm(k,t)
and 5b(k, t).
Defining 6iot = fb0b + fam0dm and oy = Oy — dtor , we find

Stot + 2H5cot = 471G ppm ot ,
op_ +2Hb,_ =0. (45)

Each of these equations has two independent solutions. The equation for ¢t
has the usual growing and decaying solutions, which we denote D (t) and
Dy(t), respectively, while the d,— equation has solutions D»(t) and D3(t); we
number the solutions in order of declining growth rate (or increasing decay
rate). We assume an Einstein-de Sitter, matter-dominated Universe in the red-
shift range z = 20-150, since the radiation contributes less than a few percent
at z < 150, while the cosmological constant and the curvature contribute to
the energy density less than a few percent at z > 3. In this regime a  t2/% and
the solutions are D (t) = a/a; and Dy(t) = (a/a;)~3/? for §ior, and Do(t) = 1
and Ds(t) = (a/a;)~/? for §,_, where we have normalized each solution to
unity at the starting scale factor a;, which we set at a redshift z; = 150. The
observable baryon perturbation can then be written as

On(K,t) = 0 + Otor = Y om (k) Dml(t) , (46)
m=1

and similarly for the dark matter perturbation,
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4
(o = od) = 3 G (k) Cn(8) . (47)

m=1

< 1
Odm = —
" fdm
where C; = D; for i = 1,4 and C; = —(fv/fam)D; for i = 2,3. We may
establish the values of d,,,(k) by inverting the 4 x 4 matrix A that relates the
4-vector (01,02, 03,04) to the 4-vector that represents the initial conditions
(Sb, Sdm, Sb, Sdm) at the initial time.

Next we describe the fluctuations in the sound speed of the cosmic gas
caused by Compton heating of the gas, which is due to scattering of the
residual electrons with the CMB photons. The evolution of the temperature
T of a gas element of density py, is given by the first law of thermodynamics:

dQ = gde — kTdlog py, , (48)

where dQ is the heating rate per particle. Before the first galaxies formed,

de
—% Y
dt

arcC
k(T — T)pyelt) (49)

where o is the Thomson cross-section, z.(t) is the electron fraction out of the
total number density of gas particles, and p, is the CMB energy density at a
temperature T%. In the redshift range of interest, we assume that the photon
temperature (T, = T%/a) is spatially uniform, since the high sound speed of
the photons (i.e., ¢/v/3) suppresses fluctuations on the sub-horizon scales that
we consider, and the horizon-scale ~ 10~° fluctuations imprinted at cosmic
recombination are also negligible compared to the smaller-scale fluctuations in
the gas density and temperature. Fluctuations in the residual electron fraction
Zo(t) are even smaller. Thus,

at 37 dt t,

T 2 dl .
dr' _ 2, dlogpy | e(t) (T, —T)a™* (50)

where t! = p9 (801 ¢/3me) = 8.55 x 10713 yr~!. After cosmic recombination,
Ze(t) changes due to the slow recombination rate of the residual ions:

dze(t)

1 = —OzB(T)ZIJg(t)fLH(l + y) 5 (51)

where ap(T) is the case-B recombination coefficient of hydrogen, 7y is the
mean number density of hydrogen at time ¢, and y = 0.079 is the helium to
hydrogen number density ratio. This yields the evolution of the mean tem-
perature, dT/dt = —2HT 4z (t)t;"' (T, = T) a~*. In prior analyses [283, 229
a spatially uniform speed of sound was assumed for the gas at each redshift.
Note that we refer to dp/dp as the square of the sound speed of the fluid,
where Jdp is the pressure perturbation, although we are analyzing perturba-
tions driven by gravity rather than sound waves driven by pressure gradients.
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Instead of assuming a uniform sound speed, we find the first-order pertur-

bation equation,
dér 2 ddy, Te (t) T, _4
5 T 5 . T =a 5T )
dt 3 dt ty T
where we defined the fractional temperature perturbation 1. Like the density
perturbation equations, this equation can be solved separately at each x or
at each k. Furthermore, the solution 1 (t) is a linear functional of &y, (¢) [for a
fixed function w(t)]. Thus, if we choose an initial time ¢; then using (46) we
can write the solution in Fourier space as

(52)

or(k,t) = > Sm(k) DR (t) + or(k, t:) Dg (t) (53)

where DI (t) is the solution of (52) with 7 = 0 at ¢ and with the pertur-
bation mode D,,(t) substituted for &y(t), while DI (¢) is the solution with
no perturbation d,(t) and with ér = 1 at ¢;. By modifying the CMBFAST
code (http://www.cmbfast.org/), we can numerically solve (52) along with
the density perturbation equations for each k down to z; = 150, and then
match the solution to the form of (53).

Figure 9 shows the time evolution of the various independent modes that
make up the perturbations of density and temperature, starting at the time
t; corresponding to z; = 150. DI (¢) is identically zero since Ds(t) = 1 is con-
stant, while DI'(¢) and DI (t) are negative. Figure 10 shows the amplitudes
of the various components of the initial perturbations. We consider comov-
ing wavevectors k in the range 0.01 — 40 Mpc ™!, where the lower limit is set
by considering sub-horizon scales at z = 150 for which photon perturbations
are negligible compared to dqm and Jy, and the upper limit is set by requir-
ing baryonic pressure to be negligible compared to gravity. d, and 93 clearly
show a strong signature of the large-scale baryonic oscillations, left over from
the era of the photon-baryon fluid before recombination, while 51, 04, and O
carry only a weak sign of the oscillations. For each quantity, the plot shows
[k3P(k)/(27%)]*/2, where P(k) is the corresponding power spectrum of fluc-
tuations. d4 is already a very small correction at z = 150 and declines quickly
at lower redshift, but the other three modes all contribute signiﬁcantly to o,
and the dr(t;) term remains significant in dr(t) even at z < 100. Note that
at z = 150 the temperature perturbation 6t has a different shape with re-
spect to k than the baryon perturbation O, showing that their ratio cannot
be described by a scale-independent speed of sound.

The power spectra of the various perturbation modes and of é1(¢;) depend
on the initial power spectrum of density fluctuations from inflation and on the
values of the fundamental cosmological parameters (24m, 2, 24, and h). If
these independent power spectra can be measured through 21 cm fluctuations,
this will probe the basic cosmological parameters through multiple combina-
tions, allowing consistency checks that can be used to verify the adiabatic
nature and the expected history of the perturbations. Figure 11 illustrates
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Fig. 9. Redshift evolution of the amplitudes of the independent modes of the density
perturbations (upper panel) and the temperature perturbations (lower panel),
starting at redshift 150 (from Barkana & Loeb 2005 [29]). We show m = 1 (solid
curves), m = 2 (short-dashed curves), m = 3 (long-dashed curves), m = 4 (dotted
curves), and m = 0 (dot-dashed curve). Note that the lower panel shows one plus
the mode amplitude

the relative sensitivity of \/P(k) to variations in 2qmh?, 2,52, and h, for the
quantities 1, da, 03, and ST(ti). Not shown is d4, which although it is more
sensitive (changing by order unity due to 10% variations in the parameters),
its magnitude always remains much smaller than the other modes, making it
much harder to detect. Note that although the angular scale of the baryon
oscillations constrains also the history of dark energy through the angular
diameter distance, we have focused here on other cosmological parameters,

since the contribution of dark energy relative to matter becomes negligible at
high redshift.

Cosmological Jeans Mass

The Jeans length Ay was originally defined (Jeans 1928 [185]) in Newtonian
gravity as the critical wavelength that separates oscillatory and exponentially-
growing density perturbations in an infinite, uniform, and stationary distri-
bution of gas. On scales ¢ smaller than Ay, the sound crossing time, £/cs is
shorter than the gravitational free-fall time, (Gp)~'/2, allowing the build-up
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Fig. 10. Power spectra and initial perturbation amplitudes versus wavenumber
(from Burkara & Loeb 2005 [29]). The upper panel shows 8y, (solid curves) and dam
(dashed curves) at z = 150 and 20 (from bottom to top). The lower panel shows
the initial (z = 150) amplitudes of 6, (solid curve), by (short-dashed curve), d3 (long-
dashed curve), 64 (dotted curve), and 6t (ti) (dot-dashed curve). Note that if &, is
positive then so are 53 and ST(ti)7 while 52 is negative at all k£, and 54 is negative at
the lowest k but is positive at k& > 0.017 Mpc™*

of a pressure force that counteracts gravity. On larger scales, the pressure
gradient force is too slow to react to a build-up of the attractive gravita-
tional force. The Jeans mass is defined as the mass within a sphere of radius
A1/2, My = (47/3)p(A;/2)3. In a perturbation with a mass greater than Mj,
the self-gravity cannot be supported by the pressure gradient, and so the gas
is unstable to gravitational collapse. The Newtonian derivation of the Jeans
instability suffers from a conceptual inconsistency, as the unperturbed gravi-
tational force of the uniform background must induce bulk motions (compare
to Binney & Tremaine 1987 [43]). However, this inconsistency is remedied
when the analysis is done in an expanding Universe.

The perturbative derivation of the Jeans instability criterion can be car-
ried out in a cosmological setting by considering a sinusoidal perturbation
superposed on a uniformly expanding background. Here, as in the Newtonian
limit, there is a critical wavelength A; that separates oscillatory and growing
modes. Although the expansion of the background slows down the exponential
growth of the amplitude to a power-law growth, the fundamental concept of
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Fig. 11. Relative sensitivity of perturbation amplitudes at z = 150 to cosmological
parameters (from Barkana & Loeb 2005 [29]). For variations in a parameter x, we
show dlog \/P(k)/dlog(z). We consider variations in 24qmh® (upper panel), in
2,h* (middle panel), and in the Hubble constant h (lower panel). When we
vary each parameter we fix the other two, and the variations are all carried out in a
flat 2iota1 = 1 universe. We show the sensitivity of 6, (solid curves), da (short-dashed
curves), 03 (long-dashed curves), and ot (t;) (dot-dashed curves)

a minimum mass that can collapse at any given time remains the same (see,
e.g. Kolb & Turner 1990 [203]; Peebles 1993 [283]).

We consider a mixture of dark matter and baryons with density parameters
025 = pam/pc and 27 = p,/pc, where pam is the average dark matter density,
pb is the average baryonic density, p. is the critical density, and (2 + 27 =
2% is given by (83). We also assume spatial fluctuations in the gas and dark
matter densities with the form of a single spherical Fourier mode on a scale
much smaller than the horizon,

Pdm (7, 1) = pam(t) sin(kr)
Pdm(t) = dam(£) kr 59
po(r,t) — pu(t) _ sin(kr)
BN dp(t) e (55)

where pam (t) and py(t) are the background densities of the dark matter and
baryons, dqm(t) and d,(t) are the dark matter and baryon overdensity ampli-
tudes, r is the comoving radial coordinate, and k is the comoving perturbation
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wavenumber. We adopt an ideal gas equation-of-state for the baryons with a
specific heat ratio y=>5/3. Initially, at time ¢ = t;, the gas temperature is uni-
form T (r,t)=T;, and the perturbation amplitudes are small dqm i, dp; < 1.
We define the region inside the first zero of sin(kr)/(kr), namely 0 < kr < ,
as the collapsing “object”.

The evolution of the temperature of the baryons Ty, (r,t) in the lin-
ear regime is determined by the coupling of their free electrons to the
CMB through Compton scattering, and by the adiabatic expansion of the
gas. Hence, Ty (r,t) is generally somewhere between the CMB temperature,
T, < (1 +z)~! and the adiabatically-scaled temperature Thq o< (1 + 2)72.
In the limit of tight coupling to T’,, the gas temperature remains uniform
(Fig. 12). On the other hand, in the adiabatic limit, the temperature develops
a gradient according to the relation

T, x pg*l). (56)

The evolution of a cold dark matter overdensity, dam(t), in the linear regime
is described by the (44),

5dm + 2H5dm - gH2 (Qb(sb + Qdm(sdm) (57)

whereas the evolution of the overdensity of the baryons, dy(¢), with the inclu-
sion of their pressure force is described by (see Sect. 9.3.2 of [203]),

-- 3 KTy (kN2 fa\(+8)
By + 2Hb, = ZH2 (248, + Q) — (_) (%)
2 pmy \ a a

x (5b + %ﬂ[éb - 5b,i]> . (58)
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Fig. 12. Thermal history of the baryons, left over from the Big Bang, before the
first galaxies formed Loeb & Zaldarriaga (2004) [225]. The residual fraction of free
electrons couple the gas temperture Tgas to the cosmic microwave background tem-
perature [T, o< (1 + 2)] until a redshift z ~ 200. Subsequently the gas temperature
cools adiabatically at a faster rate [Tgas o (1 + 2)?]. Also shown is the spin temper-
ature Ts of the 21 cm transition of hydrogen which interpolates between the gas and
radiation temperature and will be discussed in detail later in this review
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Here, H(t) = a/a is the Hubble parameter at a cosmological time ¢, and
1 = 1.22 is the mean molecular weight of the neutral primordial gas in atomic
units. The parameter § distinguishes between the two limits for the evolution
of the gas temperature. In the adiabatic limit 5 = 1, and when the baryon
temperature is uniform and locked to the background radiation, 3 = 0. The
last term on the right hand side (in square brackets) takes into account the
extra pressure gradient force in V(ppT) = (I'Vpp + ppVT), arising from
the temperature gradient which develops in the adiabatic limit. The Jeans
wavelength A\; = 27/kj is obtained by setting the right-hand side of (58)
to zero, and solving for the critical wavenumber kj. As can be seen from
(58), the critical wavelength \j (and therefore the mass Mj) is in general
time-dependent. We infer from (58) that as time proceeds, perturbations with
increasingly smaller initial wavelengths stop oscillating and start to grow.
To estimate the Jeans wavelength, we equate the right-hand-side of (58) to
zero. We further approximate dp, ~ dqm, and consider sufficiently high redshifts
at which the Universe is matter dominated and flat, (1+z) > max[(1 — 2, —
Q7)) 2m, (24/2m)"/3]. In this regime, 2, < 2, ~ 1, H ~ 2/(3t), and
= (14 2)"" = (3Hov/ 2 /2)?/3t?/3 where 24, = Qqm + 2, is the total
matter density parameter. Following cosmological recombination at z ~ 103,
the residual ionization of the cosmic gas keeps its temperature locked to the
CMB temperature (via Compton scattering) down to a redshift of [283]:

14 2 ~ 160(£2,h%/0.022)%/° . (59)
In the redshift range between recombination and z;, § = 0 and
ky = (2m/\y) = [2KT(0)/3pmy] Y2/ QmHy | (60)

so that the Jeans mass is therefore redshift independent and obtains the value
(for the total mass of baryons and dark matter)

ar (A o [ Quh?\ 7
My=-" (2L —1.35% 1 M, . 1
1= () po) = s a0 (e 0. (6D

Based on the similarity of Mj to the mass of a globular cluster, Peebles &
Dicke (1968) [280] suggested that globular clusters form as the first generation
of baryonic objects shortly after cosmological recombination. Peebles & Dicke
assumed a baryonic Universe, with a nonlinear fluctuation amplitude on small
scales at z ~ 103, a model which has by now been ruled out. The lack of a
dominant mass of dark matter inside globular clusters makes it unlikely that
they formed through direct cosmological collapse, and more likely that they
resulted from fragmentation during the process of galaxy formation.

At 2 £ z, the gas temperature declines adiabatically as [(1+ 2)/(1 + z)]?
(i.e., 8 = 1) and the total Jeans mass obtains the value,

0uh?\ 7 (2T (14 2\
My = 4.54 x 103 [ =2 —= Me. 2
1 =454x>10 (0.15) (0.022) ( 10 ) o (62)
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It is not clear how the value of the Jeans mass derived above relates to the
mass of collapsed, bound objects. The above analysis is perturbative (Equa-
tions (57) and (58) are valid only as long as d, and dqy, are much smaller than
unity), and thus can only describe the initial phase of the collapse. As d;, and
dam grow and become larger than unity, the density profiles start to evolve
and dark matter shells may cross baryonic shells [?] due to their different
dynamics. Hence the amount of mass enclosed within a given baryonic shell
may increase with time, until eventually the dark matter pulls the baryons
with it and causes their collapse even for objects below the Jeans mass.

Even within linear theory, the Jeans mass is related only to the evolution
of perturbations at a given time. When the Jeans mass itself varies with time,
the overall suppression of the growth of perturbations depends on a time-
weighted Jeans mass. Gnedin & Hui (1998) [150] showed that the correct
time-weighted mass is the filtering mass My = (47/3) p (27a/kr)3, in terms
of the comoving wavenumber kr associated with the “filtering scale” (note
the change in convention from 7/kj to 27 /kg). The wavenumber kg is related
to the Jeans wavenumber kj by

1L /gﬁﬂwawaﬂwww>/tw"
| /

KX(t) ~ D(t) K2(1) a2(t")

(63)

where D(t) is the linear growth factor. At high redshift (where 22 — 1), this
relation simplifies to [153]

1 3 (% dd a
= - — 1 —1/— . 64
10 aék%w< a) (64
Then the relationship between the linear overdensity of the dark matter dqgp,

and the linear overdensity of the baryons ¢, in the limit of small k, can be
written as [150]

2

O gk

Sdm k2

Linear theory specifies whether an initial perturbation, characterized by

the parameters k, dam,i, Op,i and t;, begins to grow. To determine the mini-

mum mass of nonlinear baryonic objects resulting from the shell-crossing and

virialization of the dark matter, we must use a different model which exam-

ines the response of the gas to the gravitational potential of a virialized dark
matter halo.

+O0(kY) . (65)

3.6 Formation of Nonlinear Objects
Spherical Collapse

Let us consider a spherically symmetric density or velocity perturbation of the
smooth cosmological background, and examine the dynamics of a test particle
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at a radius r relative to the center of symmetry. Birkhoff’s (1923) [44] the-
orem implies that we may ignore the mass outside this radius in computing
the motion of our particle. We further find that the relativistic equations of
motion describing the system reduce to the usual Friedmann equation for the
evolution of the scale factor of a homogeneous Universe, but with a density
parameter {2 that now takes account of the additional mass or peculiar veloc-
ity. In particular, despite the arbitrary density and velocity profiles given to
the perturbation, only the total mass interior to the particle’s radius and the
peculiar velocity at the particle’s radius contribute to the effective value of (2.
We thus find a solution to the particle’s motion which describes its departure
from the background Hubble flow and its subsequent collapse or expansion.
This solution holds until our particle crosses paths with one from a different
radius, which happens rather late for most initial profiles.

As with the Friedmann equation for a smooth Universe, it is possible to
reinterpret the problem into a Newtonian form. Here we work in an inertial
(i.e. non-comoving) coordinate system and consider the force on the particle as
that resulting from a point mass at the origin (ignoring the possible presence
of a vacuum energy density):

2
@ GM 6)
de? r?
where G is Newton’s constant, r is the distance of the particle from the center
of the spherical perturbation, and M is the total mass within that radius. As
long as the radial shells do not cross each other, the mass M is constant in
time. The initial density profile determines M, while the initial velocity profile
determines dr/dt at the initial time. As is well-known, there are three branches
of solutions: one in which the particle turns around and collapses, another in
which it reaches an infinite radius with some asymptotically positive velocity,
and a third intermediate case in which it reachs an infinite radius but with a
velocity that approaches zero. These cases may be written as [164]:

r = A(cosn — 1)
t = B(y — sin 1) } Closed (0 < np<2m) (67)
r=An?/2
= Bn3/6} Flat (0<n<o0) (68)
r = A(coshn —1)
t = B(sinhn —n) } Open (0<n<o0) (69)

where A3 = G M B? applies in all cases. All three solutions have 13 = 9GMt? /2
as t goes to zero, which matches the linear theory expectation that the per-
turbation amplitude get smaller as one goes back in time. In the closed case,
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the shell turns around at time 7B and radius 24 and collapses to zero radius
at time 27 5.

We are now faced with the problem of relating the spherical collapse pa-
rameters A, B, and M to the linear theory density perturbation § [282]. We do
this by returning to the equation of motion. Consider that at an early epoch
(i.e. scale factor a; < 1), we are given a spherical patch of uniform overden-
sity ¢; (the so-called “top-hat” perturbation). If 2 is essentially unity at this
time and if the perturbation is pure growing mode, then the initial velocity
is radially inward with magnitude 6; H (t;)r/3, where H (t;) is the Hubble con-
stant at the initial time and r is the radius from the center of the sphere. This
can be easily seen from the continuity equation in spherical coordinates. The
equation of motion (in noncomoving coordinates) for a particle beginning at
radius r; is simply

ez 2 + 3’
where M = (47/3)r3pi(1+46;) and p; is the background density of the Universe
at time t;. We next define the dimensionless radius = = ra;/r; and rewrite (70)
as

2
& GM | Ar (70)

L P 2

M w2

Our initial conditions for the integration of this orbit are

(1+6) + 25z (71)

z(t) = a; (72)

dx

5; &\ [2m 0
5 ) = H(t)e <1 - —) = Hoa; (1 - —) P a—§‘ + 02, (T3)

3 3 ; ;
where H(t;) = Ho[m/a®(t1) + (1 — 24,)]'/? is the Hubble parameter for a
flat Universe at a a cosmic time ¢;. Integrating (71) yields

1 (dz\® R

— (=) =1+ + 2?+K, 74
Hg(dt) a:(+)+ Az” + (74)
where K is a constant of integration. Evaluating this at the initial time and
dropping terms of O(a;) (but d; ~ a;, so we keep ratios of order unity), we
find

i
KZ—?—Qm—I—Qk. (75)

i
If K is sufficiently negative, the particle will turn-around and the sphere will
collapse at a time

Hotoo = 2/ da (Qm/a+ K + 24a%) 7 (76)
0

where apax is the value of a which sets the denominator of the integral to
Zero.
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For the case of A = 0, we can determine the spherical collapse parameters
A and B. K > 0 (K < 0) produces an open (closed) model. Comparing
coefficients in the energy equations [(74) and the integration of (66)], one
finds

—1

.Qm’l"i 551
= — 2, — 0 7
2ai Bai k ( )
D | 56 8/
=20, -0 :
2H0 Bai K (78)

where (2, = 1 — (2,. In particular, in an {2 = 1 Universe, where 1 + z =
(3Hot/2)~%/3 we find that a shell collapses at redshift 1 + z. = 0.59296;/a;,
or in other words a shell collapsing at redshift z. had a linear overdensity
extrapolated to the present day of dp = 1.686(1 + zc).

While this derivation has been for spheres of constant density, we may
treat a general spherical density profile &;(r) up until shell crossing [164]. A
particular radial shell evolves according to the mass interior to it; therefore,
we define the average overdensity 0;

R
RR) = o | i), (19)

so that we may use 9, in place of §; in the above formulae. If 9, is not monoton-
ically decreasing with R, then the spherical top-hat evolution of two different
radii will predict that they cross each other at some late time; this is known
as shell crossing and signals the breakdown of the solution. Even well-behaved
6; profiles will produce shell crossing if shells are allowed to collapse to r = 0
and then reexpand, since these expanding shells will cross infalling shells. In
such a case, first-time infalling shells will never be affected prior to their turn-
around; the more complicated behavior after turn-around is a manifestation
of virialization. While the end state for general initial conditions cannot be
predicted, various results are known for a self-similar collapse, in which §(r)
is a power-law [132, 40], as well as for the case of secondary infall models
[156, 165, 179].

Halo Properties

The small density fluctuations evidenced in the CMB grow over time as de-
scribed in the previous subsection, until the perturbation § becomes of order
unity, and the full non-linear gravitational problem must be considered. The
dynamical collapse of a dark matter halo can be solved analytically only in
cases of particular symmetry. If we consider a region which is much smaller
than the horizon ¢H !, then the formation of a halo can be formulated as
a problem in Newtonian gravity, in some cases with minor corrections com-
ing from General Relativity. The simplest case is that of spherical symmetry,
with an initial (t = t; < to) top-hat of uniform overdensity J; inside a sphere
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of radius R. Although this model is restricted in its direct applicability, the
results of spherical collapse have turned out to be surprisingly useful in un-
derstanding the properties and distribution of halos in models based on cold
dark matter.

The collapse of a spherical top-hat perturbation is described by the New-
tonian equation (with a correction for the cosmological constant)

d?r M
W:I{gmr—i—z, (80)

where r is the radius in a fixed (not comoving) coordinate frame, Hy is the
present-day Hubble constant, M is the total mass enclosed within radius 7,
and the initial velocity field is given by the Hubble flow dr/dt = H(t)r. The
enclosed d grows initially as dr, = §; D(¢)/D(t;), in accordance with linear the-
ory, but eventually § grows above dy,. If the mass shell at radius r is bound
(i.e., if its total Newtonian energy is negative) then it reaches a radius of max-
imum expansion and subsequently collapses. As demonstrated in the previous
section, at the moment when the top-hat collapses to a point, the overdensity
predicted by linear theory is r, = 1.686 in the Einstein-de Sitter model, with
only a weak dependence on (2, and §25. Thus a top-hat collapses at redshift
z if its linear overdensity extrapolated to the present day (also termed the
critical density of collapse) is

5crit(z) - 1DG(i? 5 (81)

where we set D(z =0) = 1.

Even a slight violation of the exact symmetry of the initial perturbation
can prevent the top-hat from collapsing to a point. Instead, the halo reaches a
state of virial equilibrium by violent relaxation (phase mixing). Using the virial
theorem U = —2K to relate the potential energy U to the kinetic energy K in
the final state (implying that the virial radius is half the turnaround radius —
where the kinetic energy vanishes), the final overdensity relative to the critical
density at the collapse redshift is A, = 1872 ~ 178 in the Einstein-de Sitter
model, modified in a Universe with 2, + 24 = 1 to the fitting formula
(Bryan & Norman 1998 [71])

A. = 187% + 82d — 39d* , (82)

where d = 22 — 1 is evaluated at the collapse redshift, so that

2m(1+2)3
0z = . 83
2014 2)3 4+ 2p + 2 (14 2)? (83)

A halo of mass M collapsing at redshift z thus has a virial radius

M Vi on ATV (142
108 h—1 M@> [Q_m 1874 ( 10

-1
Tvir = 0.784 < ) h=! kpc , (84)
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and a corresponding circular velocity,

V_<GM)1/2_234( M >1/3 |:Qm Ac :|1/6

Tvir “Q_Izn 187T2

142\ /2 B
< 10 ) kms™ " . (85)

In these expressions we have assumed a present Hubble constant written in
the form Hy = 100hkms™' Mpc™!. We may also define a virial temperature

2/3 1/3
T = P70V g 055 108 (&) M P2 A7V
w 2k ' 0.6/ \ 108 h=1 Mg 0z 1872

1+2
K 86
(5) % (56)
where p is the mean molecular weight and m,, is the proton mass. Note that
the value of p depends on the ionization fraction of the gas; for a fully ionized

primordial gas p = 0.59, while a gas with ionized hydrogen but only singly-
ionized helium has y = 0.61. The binding energy of the halo is approximately®

1GM? M B A VP
By =~ =545x 107 [ — “m
2 Ten 108 -1 My, 0z 1872
1
X ( I)Z> h~terg . (87)

Note that the binding energy of the baryons is smaller by a factor equal to
the baryon fraction (2, /2y,.

Although spherical collapse captures some of the physics governing the
formation of halos, structure formation in cold dark matter models procedes
hierarchically. At early times, most of the dark matter is in low-mass halos,
and these halos continuously accrete and merge to form high-mass halos. Nu-
merical simulations of hierarchical halo formation indicate a roughly universal
spherically-averaged density profile for the resulting halos (Navarro, Frenk, &
White 1997, hereafter NFW [265]), though with considerable scatter among
different halos (e.g., [72]). The NFW profile has the form

20 ¢

i
02z enz(l 4 enz)?

- 8nG

p(r) (1+2)3 (88)

where x = r/ry;y, and the characteristic density J. is related to the concen-
tration parameter cy by
A c%

% = 3 In(1+cen) —en/(1+en) (89)

® The coefficient of 1/2 in (87) would be exact for a singular isothermal sphere,
p(r) o< 1/72.
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The concentration parameter itself depends on the halo mass M, at a given
redshift z [376].

More recent N-body simulations indicate deviations from the original
NFW profile; for details and refined fitting formula see [267].

4 Nonlinear Growth

4.1 The Abundance of Dark Matter Halos

In addition to characterizing the properties of individual halos, a critical pre-
diction of any theory of structure formation is the abundance of halos, i.e. the
number density of halos as a function of mass, at any redshift. This prediction
is an important step toward inferring the abundances of galaxies and galaxy
clusters. While the number density of halos can be measured for particular
cosmologies in numerical simulations, an analytic model helps us gain physical
understanding and can be used to explore the dependence of abundances on
all the cosmological parameters.

A simple analytic model which successfully matches most of the numerical
simulations was developed by Press & Schechter (1974) [290]. The model is
based on the ideas of a Gaussian random field of density perturbations, linear
gravitational growth, and spherical collapse. To determine the abundance of
halos at a redshift z, we use dy, the density field smoothed on a mass scale
M, as defined in Sect. 3.3. Since dy is distributed as a Gaussian variable with
zero mean and standard deviation o (M) [which depends only on the present
linear power spectrum, see (17)], the probability that dy; is greater than some
0 equals

The fundamental ansatz is to identify this probability with the fraction of
dark matter particles which are part of collapsed halos of mass greater than
M, at redshift z. There are two additional ingredients: First, the value used
for 0 is derit(2) given in (81), which is the critical density of collapse found
for a spherical top-hat (extrapolated to the present since o (M) is calculated
using the present power spectrum); and second, the fraction of dark matter
in halos above M is multiplied by an additional factor of 2 in order to ensure
that every particle ends up as part of some halo with A > 0. Thus, the final
formula for the mass fraction in halos above M at redshift z is

F(> M|z) = erfc (%) : (91)

This ad-hoc factor of 2 is necessary, since otherwise only positive fluctu-
ations of dps would be included. Bond et al. (1991) [52] found an alternate
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derivation of this correction factor, using a different ansatz. In their derivation,
the factor of 2 has a more satisfactory origin, namely the so-called “cloud-in-
cloud” problem: For a given mass M, even if dy is smaller than Je,it(2), it
is possible that the corresponding region lies inside a region of some larger
mass My, > M, with 0ps;, > derit(2). In this case the original region should
be counted as belonging to a halo of mass M. Thus, the fraction of particles
which are part of collapsed halos of mass greater than M is larger than the
expression given in (90). Bond et al. showed that, under certain assumptions,
the additional contribution results precisely in a factor of 2 correction.
Differentiating the fraction of dark matter in halos above M yields the
mass distribution. Letting dn be the comoving number density of halos of
mass between M and M + dM, we have
dn 2 pm —d(Ino)

aM Va M am

where v = dait(2)/0(M) is the number of standard deviations which the
critical collapse overdensity represents on mass scale M. Thus, the abundance
of halos depends on the two functions o (M) and dc,it (z), each of which depends
on the energy content of the Universe and the values of the other cosmological
parameters. Since recent observations confine the standard set of parameters
to a relatively narrow range, we illustrate the abundance of halos and other
results for a single set of parameters: (2, = 0.3, 2, = 0.7, 2, = 0.045,
os = 0.9, a primordial power spectrum index n = 1 and a Hubble constant
h =0.7.

Figure 13 shows o(M) and 0eit(2), with the input power spectrum com-
puted from Eisenstein & Hu (1999) [118]. The solid line is o(M) for the cold
dark matter model with the parameters specified above. The horizontal dot-
ted lines show the value of d.it(2) at z = 0,2,5, 10,20 and 30, as indicated in
the figure. From the intersection of these horizontal lines with the solid line
we infer, e.g., that at z = 5 a 1 — ¢ fluctuation on a mass scale of 2 x 107 Mg
will collapse. On the other hand, at z = 5 collapsing halos require a 2 — o
fluctuation on a mass scale of 3 x 101% Mg, since o(M) on this mass scale
equals about half of §..i;(2 = 5). Since at each redshift a fixed fraction (31.7%)
of the total dark matter mass lies in halos above the 1 — o mass, Fig. 13 shows
that most of the mass is in small halos at high redshift, but it continuously
shifts toward higher characteristic halo masses at lower redshift. Note also
that o(M) flattens at low masses because of the changing shape of the power
spectrum. Since ¢ — oo as M — 0, in the cold dark matter model all the
dark matter is tied up in halos at all redshifts, if sufficiently low-mass halos
are considered.

Also shown in Fig. 13 is the effect of cutting off the power spectrum on
small scales. The short-dashed curve corresponds to the case where the power
spectrum is set to zero above a comoving wavenumber k = 10 Mpc ™!, which
corresponds to a mass M = 1.7 x 108 M. The long-dashed curve corresponds
to a more radical cutoff above k = 1Mpc™!, or below M = 1.7 x 10'" M.

vee Ve/? (92)



38 A. Loeb

e 42=30

G (M)

| | |
10]0 1012 10]4

|
102 104 109 108
M [Solar Mass]

Fig. 13. Mass fluctuations and collapse thresholds in cold dark matter models
(from Barkana & Loeb 2001 [23]). The horizontal dotted lines show the value of the
extrapolated collapse overdensity derit(2) at the indicated redshifts. Also shown is
the value of o(M) for the cosmological parameters given in the text (solid curve), as
well as o (M) for a power spectrum with a cutoff below a mass M = 1.7 x 10% Mg
(short-dashed curve), or M = 1.7 x 10** Mg, (long-dashed curve). The intersection
of the horizontal lines with the other curves indicate, at each redshift z, the mass
scale (for each model) at which a 1 — o fluctuation is just collapsing at z (see the
discussion in the text)

A cutoff severely reduces the abundance of low-mass halos, and the finite value
of o(M = 0) implies that at all redshifts some fraction of the dark matter does
not fall into halos. At high redshifts where 0t (z) > o(M = 0), all halos are
rare and only a small fraction of the dark matter lies in halos. In particular,
this can affect the abundance of halos at the time of reionization, and thus the
observed limits on reionization constrain scenarios which include a small-scale
cutoff in the power spectrum [21].

In Figs. 14-17 we show explicitly the properties of collapsing halos which
represent 1 — o, 2 — o, and 3 — o fluctuations (corresponding in all cases to
the curves in order from bottom to top), as a function of redshift. No cutoff
is applied to the power spectrum. Figure 14 shows the halo mass, Fig. 15
the virial radius, Fig. 16 the virial temperature (with p in (86) set equal to
0.6, although low temperature halos contain neutral gas) as well as circular
velocity, and Fig. 17 shows the total binding energy of these halos. In Figs. 14
and 16, the dotted curves indicate the minimum virial temperature required
for efficient cooling with primordial atomic species only (upper curve) or with



First Light 39

1014

1012

10"

—_
(=]
3]

M [Solar mass]

109

10*

107

Redshift

Fig. 14. Characteristic properties of collapsing halos: Halo mass (from Barkana &
Loeb 2001 [23]). The solid curves show the mass of collapsing halos which correspond
to 1 — o0, 2— o0, and 3 — o fluctuations (in order from bottom to top). The
dotted curves show the mass corresponding to the minimum temperature required
for efficient cooling with primordial atomic species only (upper curve) or with the
addition of molecular hydrogen (lower curve)

the addition of molecular hydrogen (lower curve). Figure 17 shows the binding
energy of dark matter halos. The binding energy of the baryons is a factor
~ /02m ~ 15% smaller, if they follow the dark matter. Except for this
constant factor, the figure shows the minimum amount of energy that needs
to be deposited into the gas in order to unbind it from the potential well of
the dark matter. For example, the hydrodynamic energy released by a single
supernovae, ~ 10°! erg, is sufficient to unbind the gas in all 1 — ¢ halos at
z > 5 and in all 2 — ¢ halos at z > 12.

At z = 5, the halo masses which correspond to 1 — o, 2 — 0, and 3 — o fluc-
tuations are 1.8 x 10" Mg, 3.0 x 10'° Mg, and 7.0 x 101! Mg, respectively. The
corresponding virial temperatures are 2.0 x 102K, 2.8 x 10° K, and 2.3 x 10° K.
The equivalent circular velocities are 7.5 km s, 88kms™ !, and 250 kms™!.
At z =10, the 1 —0, 2—0, and 3— ¢ fluctuations correspond to halo masses of
1.3 x 103 M@, 5.7 x 107 Mg, and 4.8 x 10° Mg, respectively. The correspond-
ing virial temperatures are 6.2 K, 7.9 x 103K, and 1.5 x 10° K. The equivalent
circular velocities are 0.41kms™ ', 15kms™ ", and 65kms™*. Atomic cooling
is efficient at Tyir > 10* K, or a circular velocity V, > 17km s~1. This corre-
sponds to a 1.2 — o fluctuation and a halo mass of 2.1 x 10% Mg, at z = 5, and
a 2.1 — o fluctuation and a halo mass of 8.3 x 10" M at z = 10. Molecular
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Fig. 15. Characteristic properties of collapsing halos: Halo virial radius (from
Barkana & Loeb 2001 [23]). The curves show the virial radius of collapsing halos
which correspond to 1 — o, 2 — 0, and 3 — ¢ fluctuations (in order from bottom
to top)

hydrogen provides efficient cooling down to Tyi; ~ 300 K, or a circular veloc-
ity Vo ~ 2.9kms™'. This corresponds to a 0.81 — ¢ fluctuation and a halo
mass of 1.1 x 105 My, at z =5, and a 1.4 — o fluctuation and a halo mass of
4.3 x 105 Mg, at z = 10.

In Fig. 18 we show the halo mass function dn/dIn(M) at several different
redshifts: z = 0 (solid curve), z = 5 (dotted curve), z = 10 (short-dashed
curve), z = 20 (long-dashed curve), and z = 30 (dot-dashed curve). Note that
the mass function does not decrease monotonically with redshift at all masses.
At the lowest masses, the abundance of halos is higher at z > 0 than at z = 0.

4.2 The Excursion-Set (Extended Press-Schechter) Formalism

The usual Press-Schechter formalism makes no attempt to deal with the cor-
relations between halos or between different mass scales. In particular, this
means that while it can generate a distribution of halos at two different
epochs, it says nothing about how particular halos in one epoch are related
to those in the second. We therefore would like some method to predict, at
least statistically, the growth of individual halos via accretion and mergers.
Even restricting ourselves to spherical collapse, such a model must utilize
the full spherically-averaged density profile around a particular point. The
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Fig. 16. Characteristic properties of collapsing halos: Halo virial temperature and
circular velocity (from Barkana & Loeb 2001 [23]). The solid curves show the virial
temperature (or, equivalently, the circular velocity) of collapsing halos which corre-
spond to 1 — o, 2 — o, and 3 — o fluctuations (in order from bottom to top).
The dotted curves show the minimum temperature required for efficient cooling
with primordial atomic species only (upper curve) or with the addition of molecular
hydrogen (lower curve)

potential correlations between the mean overdensities at different radii make
the statistical description substantially more difficult.

The excursion set formalism (Bond et al. 1991 [52]) seeks to describe the
statistics of halos by considering the statistical properties of §(R), the average
overdensity within some spherical window of characteristic radius R, as a
function of R. While the Press-Schechter model depends only on the Gaussian
distribution of ¢ for one particular R, the excursion set considers all R. Again
the connection between a value of the linear regime § and the final state is
made via the spherical collapse solution, so that there is a critical value d.(z)
of § which is required for collapse at a redshift z.

For most choices of the window function, the functions 6(R) are corre-
lated from one R to another such that it is prohibitively difficult to calculate
the desired statistics directly (although Monte Carlo realizations are possible
[52]). However, for one particular choice of a window function, the correlations
between different R greatly simplify and many interesting quantities may be
calculated [52, 210]. The key is to use a k-space top-hat window function,
namely Wy = 1 for all k less than some critical k. and Wy = 0 for k > k..
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Fig. 17. Characteristic properties of collapsing halos: Halo binding energy (from
Barkana & Loeb 2001 [23]). The curves show the total binding energy of collapsing
halos which correspond to 1 — o, 2 — 0, and 3 — o fluctuations (in order from
bottom to top)

This filter has a spatial form of W (r) o ji(kcr)/kcr, which implies a volume
672 /k3 or mass 6m%pp,/k3. The characteristic radius of the filter is ~ k!, as
expected. Note that in real space, this window function converges very slowly,
due only to a sinusoidal oscillation, so the region under study is rather poorly
localized.

The great advantage of the sharp k-space filter is that the difference at
a given point between § on one mass scale and that on another mass scale
is statistically independent from the value on the larger mass scale. With a
Gaussian random field, each ) is Gaussian distributed independently from
the others. For this filter,

d3k

A0 =] on @R

(93)
meaning that the overdensity on a particular scale is simply the sum of the
random variables ¢ interior to the chosen k.. Consequently, the difference
between the §(M) on two mass scales is just the sum of the dy in the spher-
ical shell between the two k., which is independent from the sum of the dy
interior to the smaller k.. Meanwhile, the distribution of §(M) given no prior
information is still a Gaussian of mean zero and variance

1
02M:—/ dk K2P(k). 94
(M) 277 Jocr i) (k) (94)
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If we now consider ¢ as a function of scale k., we see that we begin from
0 =0at k. = 0 (M = oo) and then add independently random pieces as
k. increases. This generates a random walk, albeit one whose stepsize varies
with k.. We then assume that, at redshift z, a given function &(k.) represents
a collapsed mass M corresponding to the k. where the function first crosses
the critical value d.(z). With this assumption, we may use the properties of
random walks to calculate the evolution of the mass as a function of redshift.

It is now easy to rederive the Press-Schechter mass function, including the
previously unexplained factor of 2 [52, 210, 381]. The fraction of mass elements
included in halos of mass less than M is just the probability that a random
walk remains below d.(z) for all k. less than K, the filter cutoff appropriate
to M. This probability must be the complement of the sum of the probabilities
that: (a) §(K.) > d.(2); or that (b) 6(K.) < d.(2) but 6(k.) > d(2) for some
k! < K.. But these two cases in fact have equal probability; any random walk
belonging to class (a) may be reflected around its first upcrossing of d.(z) to
produce a walk of class (b), and vice versa. Since the distribution of 6(kK.) is
simply Gaussian with variance o?(M), the fraction of random walks falling
into class (a) is simply (1/v27r02)f5i<22) dé exp{—62/20%(M)}. Hence, the
fraction of mass elements included in halos of mass less than M at redshift z
is simply
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Fig. 18. Halo mass function at several redshifts: z = 0 (solid curve), z = 5 (dotted
curve), z = 10 (short-dashed curve), z = 20 (long-dashed curve), and z = 30 (dot-
dashed curve). (From Barkana & Loeb 2001 [23])
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F(<M)=1-2x dé exp{—d%/202(M)} (95)

1 o0
V2mo? /50(2)
which may be differentiated to yield the Press-Schechter mass function. We
may now go further and consider how halos at one redshift are related to those
at another redshift. If we are given that a halo of mass My exists at redshift
23, then we know that the random function §(k.) for each mass element within
the halo first crosses §(z2) at keo corresponding to M. Given this constraint,
we may study the distribution of k. where the function §(k.) crosses other
thresholds. It is particularly easy to construct the probability distribution for
when trajectories first cross some 0¢(z1) > 0c(22) (implying z1 > 22); clearly
this occurs at some k.1 > kco. This problem reduces to the previous one if we
translate the origin of the random walks from (k¢, ) = (0,0) to (kez, 6c(22)).
We therefore find the probability of a halo masses M; finding itself in at
redshift zq, given that it is part of a larger halo of mass M5 at a later redshift
zo is [52, 55])

dpP

d—M(M1,21|M2722) = )
\/? bc(21) — de(22) do (M) _ [0e(z1) = dc(22)]?
T [o2(My) — (M2 |~ dby, | P\ 2002(My) — 02 (M) J
This may be rewritten as saying that the quantity
b= 50(21) — 5C(22) (97)

Vo2 (My) — o2 (Ma)

is distributed as the positive half of a Gaussian with unit variance; (97) may
be inverted to find M (0).

We seek to interpret the statistics of these random walks as those of merg-
ing and accreting halos. For a single halo, we may imagine that as we look
back in time, the object breaks into ever smaller pieces, similar to the branch-
ing of a tree. Equation (96) is the distribution of the sizes of these branches
at some given earlier time. However, using this description of the ensemble
distribution to generate Monte Carlo realizations of single merger trees has
proven to be difficult. In all cases, one recursively steps back in time, at each
step breaking the final object into two or more pieces. An elaborate scheme
(Kauffmann & White 1993 [193]) picks a large number of progenitors from the
ensemble distribution and then randomly groups them into sets with the cor-
rect total mass. This generates many (hundreds) possible branching schemes
of equal likelihood. A simpler scheme (Lacey & Cole 1993 [210]) assumes that
at each time step, the object breaks into two pieces. One value from the dis-
tribution (96) then determines the mass ratio of the two branchs.

One may also use the distribution of the ensemble to derive some additional
analytic results. A useful example is the distribution of the epoch at which
an object that has mass M at redshift zo has accumulated half of its mass
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[210]. The probability that the formation time is earlier than z; is equal to the
probability that at redshift z; a progenitor whose mass exceeds M /2 exists:

M0, AP

Ple > ) = /M2/2 s A8 (0,21 M, za)aM, (98)
where dP/dM is given in (96). The factor of Ms/M corrects the counting
from mass weighted to number weighted; each halo of mass M5 can have only
one progenitor of mass greater than M, /2. Differentiating (98) with respect to
time gives the distribution of formation times. This analytic form is an excel-
lent match to scale-free N-body simulations [211]. On the other hand, simple
Monte Carlo implementations of (96) produce formation redshifts about 40%
higher [210]. As there may be correlations between the various branches, there
is no unique Monte Carlo scheme.

Numerical tests of the excursion set formalism are quite encouraging. Its
predictions for merger rates are in very good agreement with those measured
in scale-free N-body simulations for mass scales down to around 10% of the
nonlinear mass scale (that scale at which oy = 1 ), and distributions of for-
mation times closely match the analytic predictions [211]. The model appears
to be a promising method for tracking the merging of halos, with many ap-
plications to cluster and galaxy formation modeling. In particular, one may
use the formalism as the foundation of semi-analytic galaxy formation models
[194]. The excursion set formalism may also be used to derive the correlations
of halos in the nonlinear regime [257].

4.3 Response of Baryons to Nonlinear Dark Matter Potentials

The dark matter is assumed to be cold and to dominate gravity, and so its
collapse and virialization proceeds unimpeded by pressure effects. In order to
estimate the minimum mass of baryonic objects, we must go beyond linear
perturbation theory and examine the baryonic mass that can accrete into the
final gravitational potential well of the dark matter.

For this purpose, we assume that the dark matter had already virialized
and produced a gravitational potential ¢(r) at a redshift zyi, (with ¢ — 0 at
large distances, and ¢ < 0 inside the object) and calculate the resulting over-
density in the gas distribution, ignoring cooling (an assumption justified by
spherical collapse simulations which indicate that cooling becomes important
only after virialization; see Haiman et al. 1996a [167]).

After the gas settles into the dark matter potential well, it satisfies the
hydrostatic equilibrium equation,

Vp, = —ppVo (99)

where pp and pp, are the pressure and mass density of the gas. At z < 100
the gas temperature is decoupled from the CMB, and its pressure evolves
adiabatically (ignoring atomic or molecular cooling),
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P _ <'°—b) (100)
Pb Po
where a bar denotes the background conditions. We substitute (100) into (99)
and get the solution,
9 3/2
Po_ (g Zpmpd (101)
Db 5 kT
where T = ppum,/(kpp) is the background gas temperature. If we define

Tyvir = —%mpd)/ k as the virial temperature for a potential depth —¢, then the
overdensity of the baryons at the virialization redshift is

6TViI‘ 3/2
5b:2—z—1:<1+3T) —1. (102)

This solution is approximate for two reasons: (i) we assumed that the gas is
stationary throughout the entire region and ignored the transitions to infall
and the Hubble expansion at the interface between the collapsed object and
the background intergalactic medium (henceforth IGM), and (ii) we ignored
entropy production at the virialization shock surrounding the object. Never-
theless, the result should provide a better estimate for the minimum mass of
collapsed baryonic objects than the Jeans mass does, since it incorporates the
nonlinear potential of the dark matter.

We may define the threshold for the collapse of baryons by the criterion
that their mean overdensity, dy, exceeds a value of 100, amounting to > 50%
of the baryons that would assemble in the absence of gas pressure, according
to the spherical top-hat collapse model. Equation (102) then implies that
Tyir > 17.27T.

As mentioned before, the gas temperature evolves at 2 < 160 according to
the relation T~ 170[(1 + 2)/100]2 K. This implies that baryons are overdense
by 8, > 100 only inside halos with a virial temperature Tyi; > 2.9 x 10% [(1 +
2)/100]? K. Based on the top-hat model, this implies a minimum halo mass
for baryonic objects of

Quh?\ 2 1 0un2\ T (14 2\
o 5 ({m
Munin = 5.0 10 <0.15> <0.022> < 10 ) Mo, (103)

where we consider sufficiently high redshifts so that (27 ~ 1. This minimum
mass is coincidentally almost identical to the naive Jeans mass calculation of
linear theory in (62) despite the fact that it incorporates shell crossing by the
dark matter, which is not accounted for by linear theory. Unlike the Jeans
mass, the minimum mass depends on the choice for an overdensity threshold
[taken arbitrarily as d, > 100 in (103)]. To estimate the minimum halo mass
which produces any significant accretion we set, e.g., &, = 5, and get a mass
which is lower than My, by a factor of 27.
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Of course, once the first stars and quasars form they heat the surrounding
IGM by either outflows or radiation. As a result, the Jeans mass which is rele-
vant for the formation of new objects changes [148, 152]). The most dramatic
change occurs when the IGM is photo-ionized and is consequently heated to
a temperature of ~ (1-2) x 104 K.

5 Fragmentation of the First Gaseous Objects to Stars

5.1 Star Formation

As mentioned in the preface, the fragmentation of the first gaseous objects is
a well-posed physics problem with well specified initial conditions, for a given
power-spectrum of primordial density fluctuations. This problem is ideally
suited for three-dimensional computer simulations, since it cannot be reliably
addressed in idealized 1D or 2D geometries.

Recently, two groups have attempted detailed 3D simulations of the forma-
tion process of the first stars in a halo of ~10% Mg, by following the dynamics
of both the dark matter and the gas components, including Ho chemistry
and cooling. Bromm et al. (1999) [57] have used a Smooth Particle Hydrody-
namics (SPH) code to simulate the collapse of a top-hat overdensity with a
prescribed solid-body rotation (corresponding to a spin parameter A = 5%)
and additional small perturbations with P(k) o« k=3 added to the top-hat
profile. Abel et al. (2002) [5] isolated a high-density filament out of a larger
simulated cosmological volume and followed the evolution of its density max-
imum with exceedingly high resolution using an Adaptive Mesh Refinement
(AMR) algorithm.

The generic results of Bromm et al. (1999 [57]; see also Bromm 2000 [58])
are illustrated in Fig. 19. The collapsing region forms a disk which fragments
into many clumps. The clumps have a typical mass ~10%2-10% M. This mass
scale corresponds to the Jeans mass for a temperature of ~ 500K and the
density ~ 10%*cm™3 where the gas lingers because its cooling time is longer
than its collapse time at that point (see Fig. 20). Each clump accretes mass
slowly until it exceeds the Jeans mass and collapses at a roughly constant
temperature (isothermally) due to Hy cooling that brings the gas to a fixed
temperature floor. The clump formation efficiency is high in this simulation
due to the synchronized collapse of the overall top-hat perturbation.

Bromm (2000) [58] has simulated the collapse of one of the above-
mentioned clumps with ~ 1000 Mg and demonstrated that it does not tend
to fragment into sub-components. Rather, the clump core of ~ 100 Mg, free-
falls towards the center leaving an extended envelope behind with a roughly
isothermal density profile. At very high gas densities, three-body reactions
become important in the chemistry of Hy. Omukai & Nishi (1998) [273] have
included these reactions as well as radiative transfer and followed the collapse
in spherical symmetry up to stellar densities. Radiation pressure from nuclear
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Fig. 19. Numerical results from Bromm et al. (1999) [57], showing gas properties
at z = 31.2 for a collapsing slightly inhomogeneous top-hat region with a prescribed
solid-body rotation. (a) Free electron fraction (by number) vs. hydrogen number
density (in cmf?’). At densities exceeding n ~ 10% cm ™3, recombination is very ef-
ficient, and the gas becomes almost completely neutral. (b) Molecular hydrogen
fraction vs. number density. After a quick initial rise, the H2 fraction approaches
the asymptotic value of f ~ 107, due to the H™ channel. (c¢) Gas temperature vs.
number density. At densities below ~1cm™3, the gas temperature rises because of
adiabatic compression until it reaches the virial value of Tyi» ~ 5000 K. At higher
densities, cooling due to Hs drives the temperature down again, until the gas set-
tles into a quasi-hydrostatic state at 7' ~ 500K and n ~ 10* cm™. Upon further
compression due to accretion and the onset of gravitational collapse, the gas shows
a further modest rise in temperature. (d) Jeans mass (in M) vs. number density.
The Jeans mass reaches a value of My ~ 10° Mg for the quasi-hydrostatic gas in
the center of the potential well, and reaches the resolution limit of the simulation,
Mres ~ 200 Mg, for densities close to n = 108 cm™3
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Fig. 20. Gas and clump morphology at z = 28.9 in the simulation of Bromm
et al. (1999) [57]. Top row: The remaining gas in the diffuse phase. Bottom row:
Distribution of clumps. The numbers next to the dots denote clump mass in units
of M. Left panels: Face-on view. Right panels: Edge-on view. The length of the
box is 30 pc. The gas has settled into a flattened configuration with two dominant
clumps of mass close to 20,000 M. During the subsequent evolution, the clumps
survive without merging, and grow in mass only slightly by accretion of surrounding
gas

burning at the center is unlikely to reverse the infall as the stellar mass builds
up. These calculations indicate that each clump may end as a single mas-
sive star; however, it is conceivable that angular momentum may eventually
halt the collapsing cloud and lead to the formation of a binary stellar system
instead.

The Jeans mass, which is defined based on small fluctuations in a back-
ground of uniform density, does not strictly apply in the context of collaps-
ing gas cores. We can instead use a slightly modified critical mass known as
the Bonnor-Ebert mass [53, 114]. For baryons in a background of uniform
density pp, perturbations are unstable to gravitational collapse in a region
more massive than the Jeans mass. Instead of a uniform background, we con-
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sider a spherical, non-singular, isothermal, self-gravitating gas in hydrostatic
equilibrium, i.e., a centrally-concentrated object which more closely resembles
the gas cores found in the above-mentioned simulations. In this case, small
fluctuations are unstable and lead to collapse if the sphere is more massive
than the Bonnor-Ebert mass Mpg, given by the same expression the Jeans
Mass but with a different coefficient (1.2 instead of 2.9) and with py, denoting
in this case the gas (volume) density at the surface of the sphere,

1 kT %/
Mpp = 1.2 —— (Gum ) . (104)
\/ P

In their simulation, Abel et al. (2000) [4] adopted the actual cosmological
density perturbations as initial conditions. The simulation focused on the den-
sity peak of a filament within the IGM, and evolved it to very high densities
(Fig. 21). Following the initial collapse of the filament, a clump core formed
with ~200 M, amounting to only ~1% of the virialized mass. Subsequently
due to slow cooling, the clump collapsed subsonically in a state close to hy-
drostatic equilibrium (see Fig. 22). Unlike the idealized top-hat simulation
of Bromm et al. (2001) [59], the collapse of the different clumps within the
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Fig. 21. Zooming in on the core of a star forming region with the Adaptive Mesh
Refinement simulation of Abel et al. (2000) [4]. The panels show different length
scales, decreasing clockwise by an order of magnitude between adjacent panels. Note
the large dynamic range of scales which are being resolved, from 6 kpc (top left
panel) down to 10,000 AU (bottom left panel, from Barkana & Loeb 2001 [23])
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Fig. 22. Gas profiles from the simulation of Abel et al. (2000) [4]. The cell size on
the finest grid corresponds to 0.024 pc, while the simulation box size corresponds to
6.4 kpc. Shown are spherically-averaged mass-weighted profiles around the baryon
density peak shortly before a well defined fragment forms (z = 19.1). Panel (a)
shows the baryonic number density, enclosed gas mass in solar mass, and the local
Bonnor-Ebert mass Mpg (see text). Panel (b) plots the molecular hydrogen fraction
(by number) fu, and the free electron fraction x. The Hz cooling time, tm,, the
time it takes a sound wave to travel to the center, tcross, and the free—fall time
te = [37/(32Gp)]*/? are given in panel (c). Panel (d) gives the temperature in K
as a function of radius. The bottom panel gives the local sound speed, ¢s (solid line
with circles), the rms radial velocities of the dark matter (dashed line) and the gas
(dashed line with asterisks) as well as the rms gas velocity (solid line with square
symbols). The vertical dotted line indicates the radius (~5pc) at which the gas has
reached its minimum temperature allowed by Hs cooling. The virial radius of the
5.6 x 10° Mg halo is 106 pc
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filament is not synchronized. Once the first star forms at the center of the
first collapsing clump, it is likely to affect the formation of other stars in its
vicinity.

As soon as nuclear burning sets in the core of the proto-star, the radiation
emitted by the star starts to affect the infall of the surrounding gas towards
it. The radiative feedback involves photo-dissociation of Hs, Lya radiation
pressure, and photo-evaporation of the accretion disk. Tan & McKee [356]
studied these effects by extrapolating analytically the infall of gas from the
final snapshot of the above resolution-limited simulations to the scale of a
proto-star; they concluded that nuclear burning (and hence the feedback)
starts when the proton-star accretes ~ 30 Mg and accretion is likely to be
terminated when the star reaches ~200 M.

If the clumps in the above simulations end up forming individual very
massive stars, then these stars will likely radiate copious amounts of ionizing
radiation [50, 369, 59] and expel strong winds. Hence, the stars will have a large
effect on their interstellar environment, and feedback is likely to control the
overall star formation efficiency. This efficiency is likely to be small in galactic
potential wells which have a virial temperature lower than the temperature
of photoionized gas, ~10% K. In such potential wells, the gas may go through
only a single generation of star formation, leading to a “suicidal” population
of massive stars.

The final state in the evolution of these stars is uncertain; but if their mass
loss is not too extensive, then they are likely to end up as black holes [50, 137].
The remnants may provide the seeds of quasar black holes [213]. Some of the
massive stars may end their lives by producing gamma-ray bursts. If so then
the broad-band afterglows of these bursts could provide a powerful tool for
probing the epoch of reionization [212, 94]. There is no better way to end the
dark ages than with v-ray burst fireworks.

Where are the first stars or their remnants located today? The very first
stars formed in rare high-o peaks and hence are likely to populate the cores
of present-day galaxies [379]. However, the bulk of the stars which formed
in low-mass systems at later times are expected to behave similarly to the
collisionless dark matter particles and populate galaxy halos [220].

5.2 The Mass Function of Stars

Currently, we do not have direct observational constraints on how the first
stars, the so-called Population III stars, formed at the end of the cosmic dark
ages. It is, therefore, instructive to briefly summarize what we have learned
about star formation in the present-day Universe, where theoretical reasoning
is guided by a wealth of observational data (see [292] for a recent review).
Population I stars form out of cold, dense molecular gas that is structured
in a complex, highly inhomogeneous way. The molecular clouds are supported
against gravity by turbulent velocity fields and pervaded on large scales by
magnetic fields. Stars tend to form in clusters, ranging from a few hundred
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up to ~ 106 stars. It appears likely that the clustered nature of star formation
leads to complicated dynamics and tidal interactions that transport angular
momentum, thus allowing the collapsing gas to overcome the classical centrifu-
gal barrier [214]. The initial mass function (IMF) of Pop I stars is observed
to have the approximate Salpeter form (e.g., [206])

dN

LAY VE 1
dloght = (105)

where

xz{—135forM > 0.5 Mg (106)

0.0 for 0.007 < M < 0.5 Mg

The lower cutoff in mass corresponds roughly to the opacity limit for frag-
mentation. This limit reflects the minimum fragment mass, set when the rate
at which gravitational energy is released during the collapse exceeds the rate
at which the gas can cool (e.g., [297]). The most important feature of the
observed IMF is that ~ 1 M, is the characteristic mass scale of Pop I star
formation, in the sense that most of the mass goes into stars with masses close
to this value. In Fig. 23, we show the result from a recent hydrodynamical
simulation of the collapse and fragmentation of a molecular cloud core [31, 32].
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Fig. 23. A hydrodynamic simulation of the collapse and fragmentation of a turbu-
lent molecular cloud in the present-day Universe (from Bate et al. 2003 [32]). The
cloud has a mass of 50 M. The panels show the column density through the cloud,
and span a scale of 0.4 pc across. Left: The initial phase of the collapse. The turbu-
lence organizes the gas into a network of filaments, and decays thereafter through
shocks. Right: A snapshot taken near the end of the simulation, after 1.4 initial
free-fall times of 2 x 10° yr. Fragmentation has resulted in ~ 50 stars and brown
dwarfs. The star formation efficiency is ~10% on the scale of the overall cloud, but
can be much larger in the dense sub-condensations. This result is in good agreement
with what is observed in local star-forming regions
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This simulation illustrates the highly dynamic and chaotic nature of the star
formation process®.

The metal-rich chemistry, magnetohydrodynamics, and radiative transfer
involved in present-day star formation is complex, and we still lack a com-
prehensive theoretical framework that predicts the IMF from first principles.
Star formation in the high redshift Universe, on the other hand, poses a the-
oretically more tractable problem due to a number of simplifying features,
such as: (i) the initial absence of heavy metals and therefore of dust; and
(ii) the absence of dynamically-significant magnetic fields, in the pristine gas
left over from the big bang. The cooling of the primordial gas does then only
depend on hydrogen in its atomic and molecular form. Whereas in the present-
day interstellar medium, the initial state of the star forming cloud is poorly
constrained, the corresponding initial conditions for primordial star forma-
tion are simple, given by the popular ACDM model of cosmological structure
formation. We now turn to a discussion of this theoretically attractive and
important problem.

How did the first stars form? A complete answer to this question would
entail a theoretical prediction for the Population III IMF, which is rather
challenging. Let us start by addressing the simpler problem of estimating the
characteristic mass scale of the first stars. As mentioned before, this mass
scale is observed to be ~1 Mg in the present-day Universe.

Bromm & Loeb (2004) [67] carried out idealized simulations of the proto-
stellar accretion problem and estimated the final mass of a Population III star.
Using the smoothed particle hydrodynamics (SPH) method, they included the
chemistry and cooling physics relevant for the evolution of metal-free gas (see
[62] for details). Improving on earlier work [57, 62] by initializing the simula-
tions according to the ACDM model, they focused on an isolated overdense
region that corresponds to a 3c—peak [67]: a halo containing a total mass
of 10° Mg, and collapsing at a redshift z,;, ~ 20. In these runs, one high-
density clump has formed at the center of the minihalo, possessing a gas mass
of a few hundred solar masses. Soon after its formation, the clump becomes
gravitationally unstable and undergoes runaway collapse. Once the gas clump
has exceeded a threshold density of 107 cm ™3, it is replaced by a sink particle
which is a collisionless point-like particle that is inserted into the simulation.
This choice for the density threshold ensures that the local Jeans mass is re-
solved throughout the simulation. The clump (i.e., sink particle) has an initial
mass of Mc; >~ 200 Mg, and grows subsequently by ongoing accretion of sur-
rounding gas. High-density clumps with such masses result from the chemistry
and cooling rate of molecular hydrogen, Ho, which imprint characteristic val-
ues of temperature, T ~ 200 K, and density, n ~ 10* cm ™3, into the metal-free
gas [62]. Evaluating the Jeans mass for these characteristic values results in
Mj ~ afew x 102 Mg, which is close to the initial clump masses found in
the simulations.

6 See http:// www.ukaff.ac.uk/starcluster for an animation.
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The high-density clumps are clearly not stars yet. To probe the subsequent
fate of a clump, Bromm & Loeb (2004) [67] have re-simulated the evolution
of the central clump with sufficient resolution to follow the collapse to higher
densities. Figure 24 (right panel) shows the gas density on a scale of 0.5 pc,
which is two orders of magnitude smaller than before. Several features are
evident in this plot. First, the central clump does not undergo further sub-
fragmentation, and is likely to form a single Population III star. Second, a
companion clump is visible at a distance of ~ 0.25pc. If negative feedback
from the first-forming star is ignored, this companion clump would undergo
runaway collapse on its own approximately ~ 3 Myr later. This timescale is
comparable to the lifetime of a very massive star (VMS)[59]. If the second
clump was able to survive the intense radiative heating from its neighbor, it
could become a star before the first one explodes as a supernova (SN). Whether
more than one star can form in a low-mass halo thus crucially depends on the
degree of synchronization of clump formation. Finally, the non-axisymmetric
disturbance induced by the companion clump, as well as the angular momen-
tum stored in the orbital motion of the binary system, allow the system to
overcome the angular momentum barrier for the collapse of the central clump

(see [214]).
The recent discovery of stars like HE0107-5240 with a mass of 0.8 Mg
and an iron abundance of [Fe/H] = —5.3 [90] shows that at least some low

mass stars could have formed out of extremely low-metallicity gas. The above

Fig. 24. Collapse and fragmentation of a primordial cloud (from Bromm & Loeb
2004 [67]). Shown is the projected gas density at a redshift z ~ 21.5, briefly after
gravitational runaway collapse has commenced in the center of the cloud. Left:
The coarse-grained morphology in a box with linear physical size of 23.5 pc. At this
time in the unrefined simulation, a high-density clump (sink particle) has formed
with an initial mass of ~ 10® Mg. Right: The refined morphology in a box with
linear physical size of 0.5 pc. The central density peak, vigorously gaining mass by
accretion, is accompanied by a secondary clump
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simulations show that although the majority of clumps are very massive, a
few of them, like the secondary clump in Fig. 24, are significantly less massive.
Alternatively, low-mass fragments could form in the dense, shock-compressed
shells that surround the first hypernovae [233].

How massive were the first stars? Star formation typically proceeds from
the “inside-out”, through the accretion of gas onto a central hydrostatic core.
Whereas the initial mass of the hydrostatic core is very similar for primordial
and present-day star formation [273], the accretion process — ultimately re-
sponsible for setting the final stellar mass, is expected to be rather different.
On dimensional grounds, the accretion rate is simply related to the sound
speed cubed over Newton’s constant (or equivalently given by the ratio of the
Jeans mass and the free-fall time): Mee ~ ¢2/G o< T3/2. A simple compari-
son of the temperatures in present-day star forming regions (7' ~ 10 K) with
those in primordial ones (T ~ 200 — 300 K) already indicates a difference in
the accretion rate of more than two orders of magnitude.

The above refined simulation enables one to study the three-dimensional
accretion flow around the protostar (see also [275, 303, 356]). The gas may
now reach densities of 1012 cm ™3 before being incorporated into a central sink
particle. At these high densities, three-body reactions [279] convert the gas
into a fully molecular form. Figure 25 shows how the molecular core grows
in mass over the first ~ 10*yr after its formation. The accretion rate (left
panel) is initially very high, Moo ~ 0.1 Mg yr~!, and subsequently declines
according to a power law, with a possible break at ~5000 yr. The mass of the
molecular core (right panel), taken as an estimator of the proto-stellar mass,
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Fig. 25. Accretion onto a primordial protostar (from Bromm & Loeb 2004 [67]).
The morphology of this accretion flow is shown in Fig. 24. Left: Accretion rate (in
Mg yrfl) vs. time (in yr) since molecular core formation. Right: Mass of the central
core (in Mg) vs. time. Solid line: Accretion history approximated as: M. oc t%-4°.
Using this analytical approximation, we extrapolate that the protostellar mass has
grown to ~ 150 Mg after ~ 10° yr, and to ~ 700 Mgy after ~ 3 x 10° yr, the total
lifetime of a very massive star
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grows approximately as: M, ~ [ Mpeedt o 945 A rough upper limit for the
final mass of the star is then: M, (t = 3 x 105yr) ~ 700 Mg. In deriving this
upper bound, we have conservatively assumed that accretion cannot go on for
longer than the total lifetime of a massive star.

Can a Population III star ever reach this asymptotic mass limit? The an-
swer to this question is not yet known with any certainty, and it depends on
whether the accretion from a dust-free envelope is eventually terminated by
feedback from the star (e.g., [275, 303, 356, 276]). The standard mechanism
by which accretion may be terminated in metal-rich gas, namely radiation
pressure on dust grains [385], is evidently not effective for gas with a primor-
dial composition. Recently, it has been speculated that accretion could instead
be turned off through the formation of an H II region [276], or through the
photo-evaporation of the accretion disk [356]. The termination of the accre-
tion process defines the current unsolved frontier in studies of Population III
star formation. Current simulations indicate that the first stars were pre-
dominantly very massive (> 30 Mg), and consequently rather different from
present-day stellar populations. The crucial question then arises: How and
when did the transition take place from the early formation of massive stars
to that of low-mass stars at later times? We address this problem next.

The very first stars, marking the cosmic Renaissance of structure forma-
tion, formed under conditions that were much simpler than the highly complex
environment in present-day molecular clouds. Subsequently, however, the sit-
uation rapidly became more complicated again due to the feedback from the
first stars on the IGM. Supernova explosions dispersed the nucleosynthetic
products from the first generation of stars into the surrounding gas (e.g.,
[240, 260, 360]), including also dust grains produced in the explosion itself
[221, 363]. Atomic and molecular cooling became much more efficient after
the addition of these metals. Moreover, the presence of ionizing cosmic rays,
as well as of UV and X-ray background photons, modified the thermal and
chemical behavior of the gas in important ways (e.g., [231, 232]).

Early metal enrichment was likely the dominant effect that brought about
the transition from Population III to Population II star formation. Recent
numerical simulations of collapsing primordial objects with overall masses of
~10% M, have shown that the gas has to be enriched with heavy elements
to a minimum level of Z. ~ 10732 Z&, in order to have any effect on the
dynamics and fragmentation properties of the system [274, 60, 64]. Normal,
low-mass (Population II) stars are hypothesized to only form out of gas with
metallicity Z > Z.;. Thus, the characteristic mass scale for star formation
is expected to be a function of metallicity, with a discontinuity at Z.,;; where
the mass scale changes by ~ two orders of magnitude. The redshift where this
transition occurs has important implications for the early growth of cosmic
structure, and the resulting observational signature (e.g., [391, 141, 233, 321])
include the extended nature of reionization [144].

For additional detailes about the properties of the first stars, see the com-
prehensive review by Bromm & Larson (2004) [66].
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5.3 Gamma-ray Bursts: Probing the First Stars
One Star at a Time

Gamma-Ray Bursts (GRBs) are believed to originate in compact remnants
(neutron stars or black holes) of massive stars. Their high luminosities make
them detectable out to the edge of the visible Universe [94, 212]. GRBs offer
the opportunity to detect the most distant (and hence earliest) population of
massive stars, the so-called Population III (or Pop III), one star at a time. In
the hierarchical assembly process of halos which are dominated by cold dark
matter (CDM), the first galaxies should have had lower masses (and lower
stellar luminosities) than their low-redshift counterparts. Consequently, the
characteristic luminosity of galaxies or quasars is expected to decline with
increasing redshift. GRB afterglows, which already produce a peak flux com-
parable to that of quasars or starburst galaxies at z ~ 1-2, are therefore
expected to outshine any competing source at the highest redshifts, when the
first dwarf galaxies have formed in the Universe.

The first-year polarization data from the Wilkinson Microwave Anisotropy
Probe (WMAP) indicates an optical depth to electron scattering of ~17+ 4%
after cosmological recombination [201, 347]. This implies that the first stars
must have formed at a redshift z ~10-20, and reionized a substantial frac-
tion of the intergalactic hydrogen around that time [83, 93, 344, 393, 402].
Early reionization can be achieved with plausible star formation parameters
in the standard ACDM cosmology; in fact, the required optical depth can be
achieved in a variety of very different ionization histories since WMA P places
only an integral constraint on these histories [174]. One would like to probe
the full history of reionization in order to disentangle the properties and for-
mation history of the stars that are responsible for it. GRB afterglows offer
the opportunity to detect stars as well as to probe the metal enrichment level
[141] of the intervening IGM.

GRBs, the electromagnetically-brightest explosions in the Universe, should
be detectable out to redshifts z > 10 [94, 212] (Fig. 26). High-redshift GRBs
can be identified through infrared photometry, based on the Lya break in-
duced by absorption of their spectrum at wavelengths below 1.216 um [(1+2z)/10].
Follow-up spectroscopy of high-redshift candidates can then be performed on
a 10-m-class telescope. Recently, the ongoing Swift mission [147] has detected
a GRB originating at z ~ 6.3 (e.g., [177]), thus demonstrating the viability of
GRBs as probes of the early Universe.

There are four main advantages of GRBs relative to traditional cosmic
sources such as quasars:

(i) The GRB afterglow flux at a given observed time lag after the y-ray trig-
ger is not expected to fade significantly with increasing redshift, since
higher redshifts translate to earlier times in the source frame, during
which the afterglow is intrinsically brighter [94]. For standard afterglow
lightcurves and spectra, the increase in the luminosity distance with red-
shift is compensated by this cosmological time-stretching effect.
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Fig. 26. Illustration of a long-duration gamma-ray burst in the popular “collapsar”
model. (Image from http://imagine.gsfc.nasa.gov/docs/science/, credit: NASA/ Sky
Works Digital) The collapse of the core of a massive star (which lost its hydrogen en-
velope) to a black hole generates two opposite jets moving out at a speed close to the
speed of light. The jets drill a hole in the star and shine brightly towards an observer
who happened to be located within with the collimation cones of the jets. The jets
emenating from a single massive star are so bright that they can be seen across the
Universe out to the epoch when the first stars have formed. Upcoming observations
by the Swift satellite will have the sensitivity to reveal whether the first stars served
as progenitors of gamma-ray bursts (for updates see http://swift.gsfc.nasa.gov/)

(i)

(iii)

As already mentioned, in the standard ACDM cosmology, galaxies form
hierarchically, starting from small masses and increasing their average
mass with cosmic time. Hence, the characteristic mass of quasar black
holes and the total stellar mass of a galaxy were smaller at higher red-
shifts, making these sources intrinsically fainter [390]. However, GRBs
are believed to originate from a stellar mass progenitor and so the in-
trinsic luminosity of their engine should not depend on the mass of their
host galaxy. GRB afterglows are therefore expected to outshine their host
galaxies by a factor that gets larger with increasing redshift.

Since the progenitors of GRBs are believed to be stellar, they likely origi-
nate in the most common star-forming galaxies at a given redshift rather
than in the most massive host galaxies, as is the case for bright quasars
[26]. Low-mass host galaxies induce only a weak ionization effect on the
surrounding IGM and do not greatly perturb the Hubble flow around
them. Hence, the Lya damping wing should be closer to the idealized
unperturbed IGM case and its detailed spectral shape should be easier to
interpret. Note also that unlike the case of a quasar, a GRB afterglow can
itself ionize at most ~4 x 10*E5; M of hydrogen if its UV energy is Es;
in units of 10°! ergs (based on the available number of ionizing photons),
and so it should have a negligible cosmic effect on the surrounding IGM.
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Fig. 27. GRB afterglow flux as a function of time since the ~-ray trigger in the
observer frame (taken from Bromm & Loeb 2004 [67]). The flux (solid curves) is
calculated at the redshifted Lya wavelength. The dotted curves show the planned
detection threshold for the James Webb Space Telescope (JWST), assuming a spec-
tral resolution R = 5000 with the near infrared spectrometer, a signal to noise ratio
of 5 per spectral resolution element, and an exposure time equal to 20% of the time
since the GRB. Each set of curves shows a sequence of redshifts, namely z = 5, 7,
9, 11, 13, and 15, respectively, from top to bottom

(iv) GRB afterglows have smooth (broken power-law) continuum spectra un-
like quasars which show strong spectral features (such as broad emission
lines or the so-called “blue bump”) that complicate the extraction of
IGM absorption features (Fig. 27). In particular, the continuum extrapo-
lation into the Lya damping wing (the so-called Gunn-Peterson absorp-
tion trough) during the epoch of reionization is much more straightfor-
ward for the smooth UV spectra of GRB afterglows than for quasars with
an underlying broad Ly« emission line [26].

The optical depth of the uniform IGM to Ly« absorption is given by
(Gunn & Peterson 1965 [163]),
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where H ~ 100 hkms" Mpcflﬂrln/Q(l + 2,)%/2 is the Hubble parameter at
the source redshift zg >> 1, f, = 0.4162 and A\, = 1216A  are the os-
cillator strength and the wavelength of the Ly transition; ngy; (2s) is the
neutral hydrogen density at the source redshift (assuming primordial abun-
dances); {2, and (2, are the present-day density parameters of all matter
and of baryons, respectively; and zp; is the average fraction of neutral hy-
drogen. In the second equality we have implicitly considered high-redshifts,
(14 2) > max [(1 = 2w — 1)/, (£24/2:)"/3], at which the vacuum en-
ergy density is negligible relative to matter (25 < {2,,) and the Universe is
nearly flat; for 2, = 0.3, 2, = 0.7 this corresponds to the condition z > 1.3
which is well satisfied by the reionization redshift.

At wavelengths longer than Lya at the source, the optical depth obtains
a small value; these photons redshift away from the line center along its red
wing and never resonate with the line core on their way to the observer. The
red damping wing of the Gunn-Peterson trough (Miralda-Escudé 1998 [253])

) = (e ) 02 (TR0 = I+ 01+ 28] for e > 1.

472y,
(108)
where 75 is given in (107), also we define
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Although the nature of the central engine that powers the relativistic jets
of GRBs is still unknown, recent evidence indicates that long-duration GRBs
trace the formation of massive stars (e.g., [364, 382, 45, 209, 47, 263]) and in
particular that long-duration GRBs are associated with Type Ib/c supernovae
[350]. Since the first stars in the Universe are predicted to be predominantly
massive [5, 62, 66], their death might give rise to large numbers of GRBs at
high redshifts. In contrast to quasars of comparable brightness, GRB after-
glows are short-lived and release ~ 10 orders of magnitude less energy into the
surrounding IGM. Beyond the scale of their host galaxy, they have a negligible
effect on their cosmological environment”. Consequently, they are ideal probes
of the IGM during the reionization epoch. Their rest-frame UV spectra can be
used to probe the ionization state of the IGM through the spectral shape of
the Gunn-Peterson (Ly«) absorption trough, or its metal enrichment history
through the intersection of enriched bubbles of supernova (SN) ejecta from

" Note, however, that feedback from a single GRB or supernova on the gas confined
within early dwarf galaxies could be dramatic, since the binding energy of most
galaxies at z > 10 is lower than 10°" ergs [23].
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early galaxies [141]. Afterglows that are unusually bright (> 10 mJy) at radio
frequencies should also show a detectable forest of 21 cm absorption lines due
to enhanced HI column densities in sheets, filaments, and collapsed minihalos
within the IGM [76, 140].

Another advantage of GRB afterglows is that once they fade away, one
may search for their host galaxies. Hence, GRBs may serve as signposts of the
earliest dwarf galaxies that are otherwise too faint or rare on their own for a
dedicated search to find them. Detection of metal absorption lines from the
host galaxy in the afterglow spectrum, offers an unusual opportunity to study
the physical conditions (temperature, metallicity, ionization state, and kine-
matics) in the interstellar medium of these high-redshift galaxies. As Fig. 28
indicates, damped Lya absorption within the host galaxy may mask the clear
signature of the Gunn-Peterson trough in some galaxies [67]. A small frac-
tion (~10) of the GRB afterglows are expected to originate at redshifts z > 5
[61, 68]. This subset of afterglows can be selected photometrically using a small
telescope, based on the Lya break at a wavelength of 1.216 pm [(1 + z)/10],
caused by intergalactic HI absorption. The challenge in the upcoming years
will be to follow-up on these candidates spectroscopically, using a large (10-m
class) telescope. GRB afterglows are likely to revolutionize observational cos-
mology and replace traditional sources like quasars, as probes of the IGM at
z > 5. The near future promises to be exciting for GRB astronomy as well as
for studies of the high-redshift Universe.

It is of great importance to constrain the Pop III star formation mode,
and in particular to determine down to which redshift it continues to be
prominent. The extent of the Pop III star formation will affect models of the
initial stages of reionization (e.g., [393, 93, 342, 402, 12]) and metal enrichment
(e.g., [233, 141, 144, 319, 339]), and will determine whether planned surveys
will be able to effectively probe Pop III stars (e.g., [318]). The constraints
on Pop III star formation will also determine whether the first stars could
have contributed a significant fraction to the cosmic near-IR background (e.g.,
[310, 309, 191, 241, 113]). To constrain high-redshift star formation from GRB
observations, one has to address two major questions:

(1) What is the signature of GRBs that originate in metal-free, Pop III pro-
genitors? Simply knowing that a given GRB came from a high redshift is
not sufficient to reach a definite conclusion as to the nature of the pro-
genitor. Pregalactic metal enrichment was likely inhomogeneous, and we
expect normal Pop I and II stars to exist in galaxies that were already
metal-enriched at these high redshifts [68]. Pop III and Pop I/II star for-
mation is thus predicted to have occurred concurrently at z > 5. How is
the predicted high mass-scale for Pop III stars reflected in the observa-
tional signature of the resulting GRBs? Preliminary results from numerical
simulations of Pop III star formation indicate that circumburst densities
are systematically higher in Pop III environments. GRB afterglows will
then be much brighter than for conventional GRBs. In addition, due to
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Fig. 28. Expected spectral shape of the Lya absorption trough due to intergalactic
absorption in GRB afterglows (taken from Bromm & Loeb 2004 [67]). The spectrum
is presented in terms of the flux density F, versus relative observed wavelength A\,
for a source redshift z = 7 (assumed to be prior to the final reionization phase) and
the typical halo mass M = 4 x 10® My expected for GRB host galaxies that cool via
atomic transitions. Top panel: Two examples for the predicted spectrum including
IGM HI absorption (both resonant and damping wing), for host galaxies with (i) an
age ts = 107 yr, a UV escape fraction fese = 10% and a Scalo initial mass function
(IMF) in solid curves, or (ii) ts = 10 yr, fosc = 90% and massive (> 100 Mg) Pop
IIT stars in dashed curves. The observed time after the y-ray trigger is one hour,
one day, and ten days, from top to bottom, respectively. Bottom panel: Predicted
spectra one day after a GRB for a host galaxy with ts = 107 yr, fese = 10% and
a Scalo IMF. Shown is the unabsorbed GRB afterglow (dot-short dashed curve),
the afterglow with resonant IGM absorption only (dot-long dashed curve), and the
afterglow with full (resonant and damping wing) IGM absorption (solid curve). Also
shown, with 1.7 magnitudes of extinction, are the afterglow with full IGM absorption
(dotted curve), and attempts to reproduce this profile with a damped Ly« absorption
system in the host galaxy (dashed curves). (Note, however, that damped absorption
of this type could be suppressed by the ionizing effect of the afterglow UV radiation
on the surrounding interstellar medium of its host galaxy Perna & Loeb 1998 [288].)
Most importantly, the overall spectral shape of the Lya trough carries precious
information about the neutral fraction of the IGM at the source redshift; averaging
over an ensemble of sources with similar redshifts can reduce ambiguities in the
interpretation of each case due to particular local effects
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the systematically increased progenitor masses, the Pop III distribution
may be biased toward long-duration events.

(2) The modelling of Pop III cosmic star formation histories has a number of
free parameters, such as the star formation efficiency and the strength of
the chemical feedback. The latter refers to the timescale for, and spatial
extent of, the distribution of the first heavy elements that were produced
inside of Pop III stars, and subsequently dispersed into the IGM by super-
nova blast waves. Comparing with theoretical GRB redshift distributions
one can use the GRB redshift distribution observed by Swift to calibrate
the free model parameters. In particular, one can use this strategy to
measure the redshift where Pop III star formation terminates.

Figures 29 and 30 illustrate these issues (based on [68]). Figure 30 leads
to the robust expectation that ~ 10% of all Swift bursts should originate at
z > 5. This prediction is based on the contribution from Population I/II stars
which are known to exist even at these high redshifts. Additional GRBs could
be triggered by Pop III stars, with a highly uncertain efficiency. Assuming
that long-duration GRBs are produced by the collapsar mechanism, a Pop III
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Fig. 29. Theoretical prediction for the comoving star formation rate (SFR) in units
of Mg yr~' Mpc™3, as a function of redshift (from Bromm & Loeb 2006a [68]).
We assume that cooling in primordial gas is due to atomic hydrogen only, a star
formation efficiency of n. = 10%, and reionization beginning at zyeion =~ 17. Solid
line: Total comoving SFR. Dotted lines: Contribution to the total SFR from Pop I/II
and Pop III for the case of weak chemical feedback. Dashed lines: Contribution to
the total SFR from Pop I/II and Pop III for the case of strong chemical feedback.
Pop III star formation is restricted to high redshifts, but extends over a significant
range, Az ~ 10-15
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Fig. 30. Predicted GRB rate to be observed by Swift (from Bromm & Loeb 2006a
[68]). Shown is the observed number of bursts per year, ANS%g/dIn(1 + 2), as a
function of redshift. All rates are calculated with a constant GRB efficiency, nars ~
2% 1079 bursts Mal, using the cosmic SFRs from Fig. 29. Dotted lines: Contribution
to the observed GRB rate from Pop I/II and Pop III for the case of weak chemical
feedback. Dashed lines: Contribution to the GRB rate from Pop I/II and Pop III
for the case of strong chemical feedback. Filled circle: GRB rate from Pop III stars

if these were responsible for reionizing the Universe at z ~ 17

star with a close binary companion provides a plausible GRB progenitor. The
Pop IIT GRB efficiency, reflecting the probability of forming sufficiently close
and massive binary systems, lies between zero (if tight Pop III binaries do not
exist) and ~ 10 times the empirically inferred value for Population I/II (due
to the increased fraction of black hole forming progenitors among the massive
Pop III stars).

A key ingredient in determining the underlying star formation history
from the observed GRB redshift distribution is the GRB luminosity function,
which is only poorly constrained at present. The improved statistics provided
by Swift will enable the construction of an empirical luminosity function.
With an improved luminosity function it would be possible to re-calibrate the
theoretical prediction in Fig. 29 more reliably.

In order to predict the observational signature of high-redshift GRBs, it is
important to know the properties of the GRB host systems. Within variants
of the popular CDM model for structure formation, where small objects form
first and subsequently merge to build up more massive ones, the first stars are
predicted to form at z ~ 20-30 in minihalos of total mass (dark matter plus
gas) ~10° Mg, [358, 23, 402]. These objects are the sites for the formation of
the first stars, and thus are the potential hosts of the highest-redshift GRBs.



66 A. Loeb

What is the environment in which the earliest GRBs and their afterglows did
occur? This problem breaks down into two related questions: (i) what type
of stars (in terms of mass, metallicity, and clustering properties) will form
in each minihalo?, and (ii) how will the ionizing radiation from each star
modify the density structure of the surrounding gas? These two questions are
fundamentally intertwined. The ionizing photon production strongly depends
on the stellar mass, which in turn is determined by how the accretion flow onto
the growing protostar proceeds under the influence of this radiation field. In
other words, the assembly of the Population III stars and the development of
an H II region around them proceed simultaneously, and affect each other. As
a preliminary illustration, Fig. 31 describes the photo-evaporation as a self-
similar champagne flow [336] with parameters appropriate for the Pop III case.

Notice that the central density is significantly reduced by the end of the
life of a massive star, and that a central core has developed where the density
is nearly constant. Such a flat density profile is markedly different from that
created by stellar winds (p o< r=2). Winds, and consequently mass-loss, may
not be important for massive Population III stars [18, 208], and such a flat
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Fig. 31. Effect of photoheating from a Population III star on the density profile in
a high-redshift minihalo (from Bromm & Loeb 2006b [69]). The curves, labeled by
the time after the onset of the central point source, are calculated according to a
self-similar model for the expansion of an H II region. Numerical simulations closely
conform to this analytical behavior. Notice that the central density is significantly
reduced by the end of the life of a massive star, and that a central core has developed
where the density is constant
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density profile may be characteristic of GRBs that originate from metal-free
Population IIT progenitors.

The first galaxies may be surrounded by a shell of highly enriched material
that was carried out in a SN-driven wind (see Fig. 32). A GRB in that galaxy
may show strong absorption lines at a velocity separation associated with the
wind velocity. Simulating these winds and calculating the absorption profile in
the featureless spectrum of a GRB afterglow, will allow us to use the observed
spectra of high-z GRBs and directly probe the degree of metal enrichment in
the vicinity of the first star forming regions (see [141] for a semi-analytic
treatment).

As the early afterglow radiation propagates through the interstellar en-
vironment of the GRB, it will likely modify the gas properties close to the
source; these changes could in turn be noticed as time-dependent spectral fea-
tures in the spectrum of the afterglow and used to derive the properties of the
gas cloud (density, metal abundance, and size). The UV afterglow radiation
can induce detectable changes to the interstellar absorption features of the
host galaxy [288]; dust destruction could have occurred due to the GRB X-
rays [374, 136], and molecules could have been destroyed near the GRB source
[112]. Quantitatively, all of the effects mentioned above strongly depend on
the exact properties of the gas in the host system.

Most studies to date have assumed a constant efficiency of forming GRBs
per unit mass of stars. This simplifying assumption could lead, under different

Fig. 32. Supernova explosion in the high-redshift Universe (from Bromm et al.
2003 [65]). The snapshot is taken ~ 10°yr after the explosion with total energy
Esn ~ 10% ergs. We show the projected gas density within a box of linear size
1kpc. The SN bubble has expanded to a radius of ~ 200 pc, having evacuated most
of the gas in the minihalo. Inset: Distribution of metals. The stellar ejecta (gray
dots) trace the metals and are embedded in pristine metal-poor gas (black dots)
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circumstances, to an overestimation or an underestimation of the frequency of
GRBs. Metal-free stars are thought to be massive [5, 62] and their extended
envelopes may suppress the emergence of relativistic jets out of their surface
(even if such jets are produced through the collapse of their core to a spinning
black hole). On the other hand, low-metallicity stars are expected to have
weak winds with little angular momentum loss during their evolution, and so
they may preferentially yield rotating central configurations that make GRB
jets after core collapse.

What kind of metal-free, Pop III progenitor stars may lead to GRBs? Long-
duration GRBs appear to be associated with Type Ib/c supernovae [350],
namely progenitor massive stars that have lost their hydrogen envelope. This
requirement is explained theoretically in the collapse model, in which the
relativistic jets produced by core collapse to a black hole are unable to emerge
relativistically out of the stellar surface if the hydrogen envelope is retained
[230]. The question then arises as to whether the lack of metal line-opacity
that is essential for radiation-driven winds in metal-rich stars, would make a
Pop III star retain its hydrogen envelope, thus quenching any relativistic jets
and GRBs.

Aside from mass transfer in a binary system, individual Pop III stars could
lose their hydrogen envelope due to either: (i) violent pulsations, particularly
in the mass range 100-140 Mg, or (ii) a wind driven by helium lines. The
outer stellar layers are in a state where gravity only marginally exceeds radia-
tion pressure due to electron-scattering (Thomson) opacity. Adding the small,
but still non-negligible contribution from the bound-free opacity provided by
singly-ionized helium, may be able to unbind the atmospheric gas. Therefore,
mass-loss might occur even in the absence of dust or any heavy elements.

5.4 Emission Spectrum of Metal-Free Stars

The evolution of metal-free (Population III) stars is qualitatively different
from that of enriched (Population I and II) stars. In the absence of the cata-
lysts necessary for the operation of the CNO cycle, nuclear burning does not
proceed in the standard way. At first, hydrogen burning can only occur via
the inefficient PP chain. To provide the necessary luminosity, the star has to
reach very high central temperatures (7, ~ 105! K). These temperatures are
high enough for the spontaneous turn-on of helium burning via the triple-«
process. After a brief initial period of triple-a burning, a trace amount of
heavy elements forms. Subsequently, the star follows the CNO cycle. In con-
structing main-sequence models, it is customary to assume that a trace mass
fraction of metals (Z ~ 1079) is already present in the star (El Eid 1983 [115];
Castellani et al. 1983 [78]).

Figures 33 and 34 show the luminosity L vs. effective temperature T for
zero-age main sequence stars in the mass ranges of 2-90 My (Fig. 33) and
100-1000 Mg, (Fig. 34). Note that above ~100 Mg the effective temperature
is roughly constant, Tog¢ ~ 10° K, implying that the spectrum is independent
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Fig. 33. Luminosity vs. effective temperature for zero-age main sequences stars in
the mass range of 2-90 My (from Tumlinson & Shull 2000 [369]). The curves show
Pop I (Ze = 0.02) and Pop III stars of mass 2, 5, 8, 10, 15, 20, 25, 30, 35, 40, 50,
60, 70, 80, and 90 M. The diamonds mark decades in metallicity in the approach
to Z = 0 from 1072 down to 1072 at 2 Mg, down to 107° at 15 My, and down
to 1072 at 90 Mg. The dashed line along the Pop III ZAMS assumes pure H-He
composition, while the solid line (on the left) marks the upper MS with Z¢ = 107*°
for the M > 15 Mg models. Squares mark the points corresponding to pre-enriched
evolutionary models from El Eid et al. (1983) [115] at 80 Mg and from Castellani
et al. (1983) [78] for 25 Mg

of the mass distribution of the stars in this regime (Bromm et al. 2001 [59]). As
is evident from these figures (see also Tumlinson & Shull 2000 [369]), both the
effective temperature and the ionizing power of metal-free (Pop III) stars are
substantially larger than those of metal-rich (Pop I) stars. Metal-free stars
with masses > 20 Mg emit between 107 and 10%® H I and He I ionizing
photons per second per solar mass of stars, where the lower value applies to
stars of ~ 20 Mg and the upper value applies to stars of > 100 Mg (see
Tumlinson & Shull 2000 [369] and Bromm et al. 2001 [59] for more details).
Over a lifetime of ~3 x 10% yr these massive stars produce 10*-10° ionizing
photons per stellar baryon. However, this powerful UV emission is suppressed
as soon as the interstellar medium out of which new stars form is enriched
by trace amounts of metals. Even though the collapsed fraction of baryons is
small at the epoch of reionization, it is likely that most of the stars responsible
for the reionization of the Universe formed out of enriched gas.

Will it be possible to infer the initial mass function (IMF) of the first
stars from spectroscopic observations of the first galaxies? Figure 35 compares
the observed spectrum from a Salpeter IMF (dN,/dM oc M~23%) and a
top-heavy IMF (with all stars more massive than 100 Mg) for a galaxy at
zs = 10. The latter case follows from the assumption that each of the dense
clumps in the simulations described in the previous section ends up as a single
star with no significant fragmentation or mass loss. The difference between
the plotted spectra cannot be confused with simple reddening due to normal
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Fig. 34. Same as Fig. 33 but for very massive stars above 100 Mg (from Bromm
et al. 2001 [59]). Left solid line: Pop III zero-age main sequence (ZAMS). Right solid
line: Pop I ZAMS. In each case, stellar luminosity (in L) is plotted vs. effective
temperature (in K). Diamond-shaped symbols: Stellar masses along the sequence,
from 100 Mg (bottom) to 1000 My (top) in increments of 100 Mg. The Pop
IIT ZAMS is systematically shifted to higher effective temperature, with a value of
~10° K which is approximately independent of mass. The luminosities, on the other
hand, are almost identical in the two cases

dust. Another distinguishing feature of the IMF is the expected flux in the
hydrogen and helium recombination lines, such as Ly and He I1 1640 A, from
the interstellar medium surrounding these stars. We discuss this next.

5.5 Emission of Recombination Lines from the First Galaxies

The hard UV emission from a star cluster or a quasar at high redshift is likely
reprocessed by the surrounding interstellar medium, producing very strong
recombination lines of hydrogen and helium (Oh 1999 [269]; Tumlinson &
Shull 2000 [369]; see also Baltz et al. 1998 [17]). We define Nio, to be the
production rate of ionizing photons by the source. The emitted luminosity

Iime Der unit stellar mass in a particular recombination line is then estimated

to be .
tine = Pline/¥Nion (1 = Pegne)Piine - (111)
where pyi1. is the probability that a recombination leads to the emission of a

photon in the corresponding line, v is the frequency of the line and pgS, and

P, are the escape probabilities for the ionizing photons and the line photons,

respectively. It is natural to assume that the stellar cluster is surrounded by a

finite H II region, and hence that p&¢, is close to zero [386, 301]. In addition,
eSC

P, is likely close to unity in the H II region, due to the lack of dust in the
ambient metal-free gas. Although the emitted line photons may be scattered
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Fig. 35. Comparison of the predicted flux from a Pop III star cluster at zs = 10 for
a Salpeter IMF (Tumlinson & Shull 2000 [369]) and a massive IMF (Bromm et al.
2001 [59]). Plotted is the observed flux (in nJy per 10° Mg of stars) vs. observed
wavelength (in um) for a flat Universe with 24 = 0.7 and h = 0.65. Solid line: The
case of a heavy IMF. Dotted line: The fiducial case of a standard Salpeter IMF. The
cutoff below Aops = 1216 A(1 + 2,) = 1.34um is due to complete Gunn-Peterson
absorption (which is artificially assumed to be sharp). Clearly, for the same total
stellar mass, the observable flux is larger by an order of magnitude for stars which
are biased towards having masses > 100 Mg

by neutral gas, they diffuse out to the observer and in the end survive if the
gas is dust free. Thus, for simplicity, we adopt a value of unity for pfc..

As a particular example we consider case B recombination which yields
pem of about 0.65 and 0.47 for the Lya and He IT 1640 A lines, respectively.
These numbers correspond to an electron temperature of ~3 x 10*K and an
electron density of ~102 —10% cm ™3 inside the H II region [353]. For example,
we consider the extreme and most favorable case of metal-free stars all of
which are more massive than ~ 100 M. In this case Lg% = 1.7 x 1037 and
2.2 x 10% ergs™ M for the recombination luminosities of Lya and He II
1640 A per stellar mass [59]. A cluster of 106 Mg, in such stars would then
produce 4.4 and 0.6 x10° L, in the Ly and He II 1640 A lines. Comparably-
high luminosities would be produced in other recombination lines at longer
wavelengths, such as He IT 4686 A and Ho [269, 270].

The rest—frame equivalent width of the above emission lines measured

against the stellar continuum of the embedded star cluster at the line wave-

lengths is given by
Wy = | —tee 112
= (A (12)

where L) is the spectral luminosity per unit wavelength of the stars at the line
resonance. The extreme case of metal-free stars which are more massive than
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100 Mg, yields a spectral luminosity per unit frequency Ly = 2.7 x 10?! and
1.8x10* ergs ' Hz ! Mél at the corresponding wavelengths [59]. Converting
to Ly, this yields rest-frame equivalent widths of Wy = 3100 Aand 1100 Afor
Lyca and He I 1640 A, respectively. These extreme emission equivalent widths
are more than an order of magnitude larger than the expectation for a normal
cluster of hot metal-free stars with the same total mass and a Salpeter IMF
under the same assumptions concerning the escape probabilities and recombi-
nation [207]. The equivalent widths are, of course, larger by a factor of (1+ z;)
in the observer frame. Extremely strong recombination lines, such as Lya and
He II 1640 A, are therefore expected to be an additional spectral signature
that is unique to very massive stars in the early Universe. The strong recom-
bination lines from the first luminous objects are potentially detectable with
JWST [270].

6 Supermassive Black Holes

6.1 The Principle of Self-Regulation

The fossil record in the present-day Universe indicates that every bulged
galaxy hosts a supermassive black hole (BH) at its center [204]. This con-
clusion is derived from a variety of techniques which probe the dynamics of
stars and gas in galactic nuclei. The inferred BHs are dormant or faint most
of the time, but ocassionally flash in a short burst of radiation that lasts for
a small fraction of the Hubble time. The short duty cycle acounts for the fact
that bright quasars are much less abundant than their host galaxies, but it
begs the more fundamental question: why is the quasar activity so brief? A
natural explanation is that quasars are suicidal, namely the energy output
from the BHs regulates their own growth.

Supermassive BHs make up a small fraction, < 1073, of the total mass
in their host galaxies, and so their direct dynamical impact is limited to the
central star distribution where their gravitational influence dominates. Dy-
namical friction on the background stars keeps the BH close to the center.
Random fluctuations in the distribution of stars induces a Brownian motion
of the BH. This motion can be decribed by the same Langevin equation that
captures the motion of a massive dust particle as it responds to random kicks
from the much lighter molecules of air around it [86]. The characteristic speed
by which the BH wanders around the center is small, ~ (m,/Mgy)'/%0,,
where m, and Mpy are the masses of a single star and the BH, respectively,
and o, is the stellar velocity dispersion. Since the random force fluctuates
on a dynamical time, the BH wanders across a region that is smaller by a
factor of ~ (m,/Mpy)'/? than the region traversed by the stars inducing the
fluctuating force on it.

The dynamical insignificance of the BH on the global galactic scale
is misleading. The gravitational binding energy per rest-mass energy of
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galaxies is of order ~ (0,/c)? < 1076. Since BH are relativistic objects,
the gravitational binding energy of material that feeds them amounts to a
substantial fraction its rest mass energy. Even if the BH mass occupies a frac-
tion as small as ~10~% of the baryonic mass in a galaxy, and only a percent
of the accreted rest-mass energy leaks into the gaseous environment of the
BH, this slight leakage can unbind the entire gas reservoir of the host galaxy!
This order-of-magnitude estimate explains why quasars are short lived. As
soon as the central BH accretes large quantities of gas so as to significantly
increase its mass, it releases large amounts of energy that would suppress
further accretion onto it. In short, the BH growth is self-regulated.

The principle of self-requlation naturally leads to a correlation between
the final BH mass, Myy, and the depth of the gravitational potential well
to which the surrounding gas is confined which can be characterized by the
velocity dispersion of the associated stars, ~ 2. Indeed such a correlation is
observed in the present-day Universe [367]. The observed power-law relation
between My, and o, can be generalized to a correlation between the BH mass
and the circular velocity of the host halo, v, [130], which in turn can be related
to the halo mass, Mhalo, and redshift, z [393]

My (Mialo, 2) = const x v7

e ) (el + 9, (13)

= 6o]\4halo <
where €, ~ 10757 is a constant, and as before ¢ = [(2m/22)(A:/1872)],
22 =1+ (24/02m) 1+ 2)73]71, Ac = 1872 4 82d — 39d?, and d = 2% — 1.
If quasars shine near their Eddington limit as suggested by observations of
low and high-redshift quasars [134, 383], then the above value of €, implies
that a fraction of ~5-10% of the energy released by the quasar over a galactic
dynamical time needs to be captured in the surrounding galactic gas in order
for the BH growth to be self-regulated [393].

With this interpretation, the Myp—o, relation reflects the limit introduced
to the BH mass by self-regulation; deviations from this relation are inevitable
during episodes of BH growth or as a result of mergers of galaxies (see Fig. 36)
that have no cold gas in them. A physical scatter around this upper envelope
could also result from variations in the efficiency by which the released BH
energy couples to the surrounding gas.

Various prescriptions for self-regulation were sketched by Silk & Rees [338].
These involve either energy or momentum-driven winds, where the latter type
is a factor of ~ v./c less efficient [35, 197, 261]. Wyithe & Loeb [393] demon-
strated that a particularly simple prescription for an energy-driven wind can
reproduce the luminosity function of quasars out to highest measured red-
shift, z ~ 6 (see Figs. 37 and 38), as well as the observed clustering properties
of quasars at z ~ 3 [397] (see Fig. 39). The prescription postulates that: (i)
self-regulation leads to the growth of My, up the redshift-independent limit
as a function of ve in (113), for all galaxies throughout their evolution; and
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Fig. 36. Simulation images of a merger of galaxies resulting in quasar activity that
eventually shuts-off the accretion of gas onto the black hole (from Di Matteo et al.
2005 [108]). The upper (lower) panels show a sequence of snapshots of the gas
distribution during a merger with (without) feedback from a central black hole. The
temperature of the gas is color coded

(ii) the growth of My, to the limiting mass in (113) occurs through halo merger
episodes during which the BH shines at its Eddington luminosity (with the
median quasar spectrum) over the dynamical time of its host galaxy, tqyn. This
model has only one adjustable parameter, namely the fraction of the released
quasar energy that couples to the surrounding gas in the host galaxy. This pa-
rameter can be fixed based on the My,—o, relation in the local Universe [130].
It is remarkable that the combination of the above simple prescription and the
standard ACDM cosmology for the evolution and merger rate of galaxy halos,
lead to a satisfactory agreement with the rich data set on quasar evolution
over cosmic history.

The cooling time of the heated gas is typically longer than its dynamical
time and so the gas should expand into the galactic halo and escape the galaxy
if its initial temperature exceeds the virial temperature of the galaxy [393]. The
quasar remains active during the dynamical time of the initial gas reservoir,
~107yr, and fades afterwards due to the dilution of this reservoir. Accretion
is halted as soon as the quasar supplies the galactic gas with more than
its binding energy. The BH growth may resume if the cold gas reservoir is
replenished through a new merger.

Following the early analytic work, extensive numerical simulations by
Springel et al. (2005) [349] (see also Di Matteo et al. 2005 [108]) demon-
strated that galaxy mergers do produce the observed correlations between
black hole mass and spheroid properties when a similar energy feedback is
incorporated. Because of the limited resolution near the galaxy nucleus, these
simulations adopt a simple prescription for the accretion flow that feeds the
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Fig. 37. Comparison of the observed and model luminosity functions (from Wyithe
& Loeb 2003 [393]). The data points at z < 4 are summarized in Pei (1995) [285],
while the light lines show the double power-law fit to the 2dF quasar luminosity
function Boyle et al. (2000) [56]. At z ~ 4.3 and z ~ 6.0 the data is from Fan et al.
(2001) [125]. The grey regions show the 1-¢ range of logarithmic slope ([—2.25, —3.75]
at z ~ 4.3 and [-1.6,—3.1] at z ~ 6), and the vertical bars show the uncertainty
in the normalization. The open circles show data points converted from the X-ray
luminosity function Barger et al. (2003) [20] of low luminosity quasars using the
median quasar spectral energy distribution. In each panel the vertical dashed lines
correspond to the Eddington luminosities of BHs bracketing the observed range of
the Myn—v. relation, and the vertical dotted line corresponds to a BH in a 10133 Mg
galaxy

black hole. The actual feedback in reality may depend crucially on the ge-
ometry of this flow and the physical mechanism that couples the energy or
momentum output of the quasar to the surrounding gas.

Agreement between the predicted and observed correlation function of
quasars (Fig. 39) is obtained only if the BH mass scales with redshift as in
(113) and the quasar lifetime is of the order of the dynamical time of the host
galactic disk [397],

—3/2
tayn = 107 [¢€(2)]71/2 <1+TZ) yr. (114)

This characterizes the timescale it takes low angular momentum gas to set-
tle inwards and feed the black hole from across the galaxy before feedback
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Fig. 38. The comoving density of supermassive BHs per unit BH mass (from
Wyithe & Loeb 2003 [393]). The grey region shows the estimate based on the ob-
served velocity distribution function of galaxies in Sheth et al. (2003) [335] and the
Myn—v. relation in (113). The lower bound corresponds to the lower limit in den-
sity for the observed velocity function while the grey lines show the extrapolation to
lower densities. We also show the mass function computed at z = 1, 3 and 6 from the
Press-Schechter (1974) [291] halo mass function and (113), as well as the mass func-
tion at z ~ 2.35 and 2z ~ 3 implied by the observed density of quasars and a quasar
lifetime of order the dynamical time of the host galactic disk, tayn (dot-dashed lines)

sets in and suppresses additional infall. It also characterizes the timescale for
establishing an outflow at the escape speed from the host spheroid.

The inflow of cold gas towards galaxy centers during the growth phase
of the BH would naturally be accompanied by a burst of star formation.
The fraction of gas that is not consumed by stars or ejected by supernovae,
will continue to feed the BH. It is therefore not surprising that quasar and
starburst activities co-exist in Ultra Luminous Infrared Galaxies [355], and
that all quasars show broad metal lines indicating a super-solar metallicity
of the surrounding gas [106]. Applying a similar self-regulation principle to
the stars, leads to the expectation [393, 195] that the ratio between the mass
of the BH and the mass in stars is independent of halo mass (as observed
locally [242]) but increases with redshift as oc £(2)'/2(1 + 2)3/2. A consistent
trend has indeed been inferred in an observed sample of gravitationally-lensed
quasars [304].

The upper mass of galaxies may also be regulated by the energy output
from quasar activity. This would account for the fact that cooling flows are
suppressed in present-day X-ray clusters [123, 91, 272], and that massive BHs
and stars in galactic bulges were already formed at z ~ 2. The quasars discov-
ered by the Sloan Digital Sky Survey (SDSS) at z ~ 6 mark the early growth
of the most massive BHs and galactic spheroids. The present-day abundance
of galaxies capable of hosting BHs of mass ~10° Mg (based on 113) already
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Fig. 39. Predicted correlation function of quasars at various redshifts in comparison
to the 2dF data Croom et al. (2001) [101] (from Wyithe & Loeb 2004 [397]). The
dark lines show the correlation function predictions for quasars of various apparent
B-band magnitudes. The 2dF limit is B ~ 20.85. The lower right panel shows data
from entire 2dF sample in comparison to the theoretical prediction at the mean
quasar redshift of (z) = 1.5. The B = 20.85 prediction at this redshift is also shown
by thick gray lines in the other panels to guide the eye. The predictions are based
on the scaling Myp o v in (113)
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existed at z ~ 6 [224]. At some epoch, the quasar energy output may have
led to the extinction of cold gas in these galaxies and the suppression of fur-
ther star formation in them, leading to an apparent “anti-hierarchical” mode
of galaxy formation where massive spheroids formed early and did not make
new stars at late times. In the course of subsequent merger events, the cores of
the most massive spheroids acquired an envelope of collisionless matter in the
form of already-formed stars or dark matter [224], without the proportional
accretion of cold gas into the central BH. The upper limit on the mass of the
central BH and the mass of the spheroid is caused by the lack of cold gas and
cooling flows in their X-ray halos. In the cores of cooling X-ray clusters, there
is often an active central BH that supplies sufficient energy to compensate for
the cooling of the gas [91, 123, 35]. The primary physical process by which
this energy couples to the gas is still unknown.

6.2 Feedback on Large Intergalactic Scales

Aside from affecting their host galaxy, quasars disturb their large-scale cos-
mological environment. Powerful quasar outflows are observed in the form of
radio jets [34] or broad-absorption-line winds [160]. The amount of energy
carried by these outflows is largely unknown, but could be comparable to the
radiative output from the same quasars. Furlanetto & Loeb [139] have calcu-
lated the intergalactic volume filled by such outflows as a function of cosmic
time (see Fig. 40). This volume is likely to contain magnetic fields and metals,
providing a natural source for the observed magnetization of the metal-rich
gas in X-ray clusters [205] and in galaxies [103]. The injection of energy by
quasar outflows may also explain the deficit of Ly« absorption in the vicin-
ity of Lyman-break galaxies [7, 100] and the required pre-heating in X-ray
clusters [54, 91].

Beyond the reach of their outflows, the brightest SDSS quasars at z > 6
are inferred to have ionized exceedingly large regions of gas (tens of comoving
Mpc) around them prior to global reionization (see Fig. 41 and [380, 399]).
Thus, quasars must have suppressed the faint-end of the galaxy luminosity
function in these regions before the same occurred throughout the Universe.
The recombination time is comparable to the Hubble time for the mean gas
density at z ~ 7 and so ionized regions persist [271] on these large scales where
inhomogeneities are small. The minimum galaxy mass is increased by at least
an order of magnitude to a virial temperature of ~ 105K in these ionized
regions [23]. It would be particularly interesting to examine whether the faint
end (0, < 30kms™') of the luminosity function of dwarf galaxies shows any
moduluation on large-scales around rare massive BHs, such as M87.

To find the volume filling fraction of relic regions from z ~ 6, we consider
a BH of mass My, ~ 3 x 10° M. We can estimate the comoving density of
BHs directly from the observed quasar luminosity function and our estimate
of quasar lifetime. At z ~ 6, quasars powered by My, ~ 3 x 10° Mg BHs had
a comoving density of ~ 0.5 Gpcf3[393]. However, the Hubble time exceeds
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Fig. 40. The global influence of magnetized quasar outflows on the intergalactic
medium (from Furlanetto & Loeb 2000 [139]). Upper Panel: Predicted volume
filling fraction of magnetized quasar bubbles F(z), as a function of redshift. Lower
Panel: Ratio of normalized magnetic energy density, @s/e—1, to the fiducial thermal
energy density of the intergalactic medium ugq = 3n(z)kTiecm, where Tigm = 10* K,
as a function of redshift (see Furlanetto & Loeb 2000 [139] for more details). In each
panel, the solid curves assume that the blast wave created by quasar ouflows is nearly
(80%) adiabatic, and that the minimum halo mass of galaxies, My min, is determined
by atomic cooling before reionization and by suppression due to galactic infall after-
wards (top curve), Mn min = 10° Mg (middle curve), and Mp min = 101 Mg (bottom
curve). The dashed curve assumes a fully-radiative blast wave and fixes Mp min by
the thresholds for atomic cooling and infall suppression. The vertical dotted line
indicates the assumed redshift of complete reionization, z; = 7

tayn by a factor of ~2 x 10? (reflecting the square root of the density contrast
of cores of galaxies relative to the mean density of the Universe), so that the
comoving density of the bubbles created by the z ~ 6 BHs is ~ 102 Gpc™® (see
Fig. 38). The density implies that the volume filling fraction of relic z ~ 6
regions is small, < 10%, and that the nearest BH that had My, ~ 3 x 10 Mg
at z ~ 6 (and could have been detected as an SDSS quasar then) should be at

a distance dpy ~ (477/3 X 102)1/3 Gpc ~ 140 Mpc which is almost an order-
of-magnitude larger than the distance of M87, a galaxy known to possess a
BH of this mass [135].

What is the most massive BH that can be detected dynamically in a local
galazy redshift survey? SDSS probes a volume of ~ 1 Gpc® out to a distance
~ 30 times that of M87. At the peak of quasar activity at z ~ 3, the den-
sity of the brightest quasars implies that there should be ~ 100 BHs with
masses of 3 x 101 My per Gpc®, the nearest of which will be at a distance
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Fig. 41. Quasars serve as probes of the end of reionization. The measured size of
the H II regions around SDSS quasars can be used Wyithe & Loeb (2004) [395],
Mesinger & Haiman (2004) [250] to demonstrate that a significant fraction of the
intergalactic hydrogen was neutral at z ~ 6.3 or else the inferred size of the quasar
H II regions would have been much larger than observed (assuming typical quasar
lifetimes Martini 2003 [247]). Also, quasars can be used to measure the redshift
at which the intergalactic medium started to transmit Lya photons White et al.
(2003) [380], Wyithe & Loeb (2005) [399]. The upper panel illustrates how the
line-of-sight towards a quasar intersects this transition redshift. The resulting Lya
transmission of the intrinsic quasar spectrum is shown schematically in the lower
panel

dpn ~ 130 Mpc, or ~7 times the distance to M87. The radius of gravitational
influence of the BH scales as My, /v? MS}<5- We find that for the nearest
3 x 10° Mg and 3 x 10'° My, BHs, the angular radius of influence should be
similar. Thus, the dynamical signature of ~3 x 10! M, BHs on their stellar
host should be detectable.

6.3 What Seeded the Growth of the Supermassive Black Holes?

The BHs powering the bright SDSS quasars possess a mass of a few x10° Mg,
and reside in galaxies with a velocity dispersion of ~500kms™* [24]. A quasar
radiating at its Eddington limiting luminosity, Ly = 1.4x10% ergs~! (Mbh/108
Mg), with a radiative efficiency, €;aqa = Lg/ Mc? would grow exponentially
in mass as a function of time ¢, My, = Mseed €xp{t/tg} on a time scale,
tg = 4.1 x 107 yr(€raq/0.1). Thus, the required growth time in units of the
Hubble time tpuppie = 9 x 108 yr[(1 4 2)/7]73/2 is

tgrowth ( €rad ) 1+2 3/2 In ]\4bh/109 Mg (115)
thubble = 0.7 \10% 7 Mieea /100 M, ) -
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The age of the Universe at z ~ 6 provides just sufficient time to grow an SDSS
BH with My, ~ 10° Mg out of a stellar mass seed with ;54 = 10% [173]. The
growth time is shorter for smaller radiative efficiencies, as expected if the seed
originates from the optically-thick collapse of a supermassive star (in which
case Mgeeq in the logarithmic factor is also larger).

What was the mass of the initial BH seeds? Were they planted in early
dwarf galazies through the collapse of massive, metal free (Pop-III) stars (lead-
ing to Mseea of hundreds of solar masses) or through the collapse of even
more massive, i.e. supermassive, stars [219]¢ Bromm & Loeb [63] have shown
through a hydrodynamical simulation (see Fig. 42) that supermassive stars
were likely to form in early galaxies at z ~ 10 in which the virial tempera-
ture was close to the cooling threshold of atomic hydrogen, ~10* K. The gas
in these galaxies condensed into massive ~ 10¢ M, clumps (the progenitors
of supermassive stars), rather than fragmenting into many small clumps (the
progenitors of stars), as it does in environments that are much hotter than the
cooling threshold. This formation channel requires that a galaxy be close to its
cooling threshold and immersed in a UV background that dissociates molec-
ular hydrogen in it. These requirements should make this channel sufficiently
rare, so as not to overproduce the cosmic mass density of supermassive BH.

Gas

Y Position [pc]

50 o0 50
x Position [pc]

Fig. 42. SPH simulation of the collapse of an early dwarf galaxy with a virial
temperature just above the cooling threshold of atomic hydrogen and no Ha (from
Bromm & Loeb 2003 [63]). The image shows a snapshot of the gas density distribu-
tion at z =~ 10, indicating the formation of two compact objects near the center of
the galaxy with masses of 2.2 x 10 Mg and 3.1 x 10° Mg, respectively, and radii
< 1pc. Sub-fragmentation into lower mass clumps is inhibited as long as molecular
hydrogen is dissociated by a background UV flux. These circumstances lead to the
formation of supermassive stars Loeb & Rasio (1994) [219] that inevitably collapse
and trigger the birth of supermassive black holes Loeb & Rasio (1994) [219], Saijo
(2002, 2004) [308]. The box size is 200 pc
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The minimum seed BH mass can be identified observationally through the
detection of gravitational waves from BH binaries with Advanced LIGO [394]
or with LISA [392]. Most of the mHz binary coalescence events originate at
z > 7 if the earliest galaxies included BHs that obey the Mypy—v. relation
in (113). The number of LISA sources per unit redshift per year should drop
substantially after reionization, when the minimum mass of galaxies increased
due to photo-ionization heating of the intergalactic medium. Studies of the
highest redshift sources among the few hundred detectable events per year,
will provide unique information about the physics and history of BH growth
in galaxies [326].

The early BH progenitors can also be detected as unresolved point sources,
using the future James Webb Space Telescope (JWST). Unfortunately, the
spectrum of metal-free massive and supermassive stars is the same, since their
surface temperature ~ 10° K is independent of mass [59]. Hence, an unresolved
cluster of massive early stars would show the same spectrum as a supermassive
star of the same total mass.

It is difficult to ignore the possible environmental impact of quasars on
anthropic selection. One may wonder whether it is not a coincidence that
our Milky-Way Galaxy has a relatively modest BH mass of only a few mil-
lion solar masses in that the energy output from a much more massive (e.g.
~10% Mg) black hole would have disrupted the evolution of life on our planet.
A proper calculation remains to be done (as in the context of nearby Gamma-
Ray Bursts [315]) in order to demonstrate any such link.

7 Radiative Feedback from the First Sources of Light

7.1 Escape of Ionizing Radiation from Galaxies

The intergalactic ionizing radiation field, a key ingredient in the development
of reionization, is determined by the amount of ionizing radiation escaping
from the host galaxies of stars and quasars. The value of the escape fraction
as a function of redshift and galaxy mass remains a major uncertainty in all
current studies, and could affect the cumulative radiation intensity by orders
of magnitude at any given redshift. Gas within halos is far denser than the
typical density of the IGM, and in general each halo is itself embedded within
an overdense region, so the transfer of the ionizing radiation must be followed
in the densest regions in the Universe. Reionization simulations are limited in
resolution and often treat the sources of ionizing radiation and their immediate
surroundings as unresolved point sources within the large-scale intergalactic
medium (see, e.g., Gnedin 2000a [152]). The escape fraction is highly sensi-
tive to the three-dimensional distribution of the UV sources relative to the
geometry of the absorbing gas within the host galaxy (which may allow escape
routes for photons along particular directions but not others).
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The escape of ionizing radiation (hv > 13.6eV, A < 912 A) from the
disks of present-day galaxies has been studied in recent years in the context
of explaining the extensive diffuse ionized gas layers observed above the disk
in the Milky Way [299] and other galaxies [294, 181]. Theoretical models
predict that of order 3-14% of the ionizing luminosity from O and B stars
escapes the Milky Way disk [111, 110]. A similar escape fraction of fesc =
6% was determined by Bland-Hawthorn & Maloney (1999) [46] based on He
measurements of the Magellanic Stream. From Hopkins Ultraviolet Telescope
observations of four nearby starburst galaxies (Leitherer et al. 1995 [215];
Hurwitz et al. 1997 [183]), the escape fraction was estimated to be in the
range 3% < fese < 57%. If similar escape fractions characterize high redshift
galaxies, then stars could have provided a major fraction of the background
radiation that reionized the IGM [235, 237]. However, the escape fraction
from high-redshift galaxies, which formed when the Universe was much denser
(p x (14 2)3), may be significantly lower than that predicted by models ment
to describe present-day galaxies. Current reionization calculations assume that
galaxies are isotropic point sources of ionizing radiation and adopt escape
fractions in the range 5% < fesc < 60% [152].

Clumping is known to have a significant effect on the penetration and
escape of radiation from an inhomogeneous medium [49, 384, 268, 171, 42].
The inclusion of clumpiness introduces several unknown parameters into the
calculation, such as the number and overdensity of the clumps, and the spa-
tial correlation between the clumps and the ionizing sources. An additional
complication may arise from hydrodynamic feedback, whereby part of the gas
mass is expelled from the disk by stellar winds and supernovae (Sect. 8).

Wood & Loeb (2000) [386] used a three-dimensional radiation transfer
code to calculate the steady-state escape fraction of ionizing photons from
disk galaxies as a function of redshift and galaxy mass. The gaseous disks were
assumed to be isothermal, with a sound speed ¢; ~ 10kms™ ", and radially
exponential, with a scale-length based on the characteristic spin parameter
and virial radius of their host halos. The corresponding temperature of ~10* K
is typical for a gas which is continuousely heated by photo-ionization from
stars. The sources of radiation were taken to be either stars embedded in the
disk, or a central quasar. For stellar sources, the predicted increase in the
disk density with redshift resulted in a strong decline of the escape fraction
with increasing redshift. The situation is different for a central quasar. Due
to its higher luminosity and central location, the quasar tends to produce an
ionization channel in the surrounding disk through which much of its ionizing
radiation escapes from the host. In a steady state, only recombinations in this
ionization channel must be balanced by ionizations, while for stars there are
many ionization channels produced by individual star-forming regions and the
total recombination rate in these channels is very high. Escape fractions > 10%
were achieved for stars at z ~ 10 only if ~90% of the gas was expelled from
the disks or if dense clumps removed the gas from the vast majority (> 80%)
of the disk volume (see Fig. 43). This analysis applies only to halos with virial



84 A. Loeb

1000 ————1
i M= 10""M,, zf=10
\
L '\ Stars ISM
Ly —— Clumped Smooth
A\ Smooth Clumped
0100 \ |~ — Clumped Clumped 4

Escape Fraction

0.010 ¢

0.001...I...I..I..I~.\..
0.0 0.2 0.4 0.6 0.8 1.0

Filling factor

Fig. 43. Escape fractions of stellar ionizing photons from a gaseous disk embedded
within a 10’ Mg halo which has formed at z = 10 (from Wood & Loeb 2000 [386]).
The curves show three different cases of clumpiness within the disk. The volume fill-
ing factor refers to either the ionizing emissivity, the gas clumps, or both, depending
on the case. The escape fraction is substantial (z > 1%) only if the gas distribution
is highly clumped

temperatures > 10% K. Ricotti & Shull (2000) [301] reached similar conclusions
but for a quasi-spherical configuration of stars and gas. They demonstrated
that the escape fraction is substantially higher in low-mass halos with a virial
temperature < 10* K. However, the formation of stars in such halos depends
on their uncertain ability to cool via the efficient production of molecular
hydrogen.

The main uncertainty in the above predictions involves the distribution of
the gas inside the host galaxy, as the gas is exposed to the radiation released
by stars and the mechanical energy deposited by supernovae. Given the funda-
mental role played by the escape fraction, it is desirable to calibrate its value
observationally. Steidel et al. (2000) [351] reported a detection of significant
Lyman continuum flux in the composite spectrum of 29 Lyman break galaxies
(LBG) with redshifts in the range z = 3.40 £ 0.09. They co-added the spectra
of these galaxies in order to be able to measure the low flux. Another difficulty
in the measurement comes from the need to separate the Lyman-limit break
caused by the interstellar medium from that already produced in the stellar
atmospheres. After correcting for intergalactic absorption, Steidel et al. [351]
inferred a ratio between the emergent flux density at 1500 A and 900 A (rest
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frame) of 4.6 &+ 1.0. Taking into account the fact that the stellar spectrum
should already have an intrinsic Lyman discontinuity of a factor of ~3-5, but
that only ~15-20% of the 1500 A photons escape from typical LBGs without
being absorbed by dust (Pettini et al. 1998 [289]; Adelberger et al. 2000 [6]),
the inferred 900 A escape fraction is fese ~10-20%. Although the galaxies in
this sample were drawn from the bluest quartile of the LBG spectral energy
distributions, the measurement implies that this quartile may itself dominate
the hydrogen-ionizing background relative to quasars at z ~ 3.

7.2 Propagation of Ionization Fronts in the IGM

The radiation output from the first stars ionizes hydrogen in a growing volume,
eventually encompassing almost the entire IGM within a single H II bubble.
In the early stages of this process, each galaxy produces a distinct H II region,
and only when the overall H II filling factor becomes significant do neighboring
bubbles begin to overlap in large numbers, ushering in the “overlap phase” of
reionization. Thus, the first goal of a model of reionization is to describe the
initial stage, when each source produces an isolated expanding H II region.
We assume a spherical ionized volume V', separated from the surrounding
neutral gas by a sharp ionization front. Indeed, in the case of a stellar ioniz-
ing spectrum, most ionizing photons are just above the hydrogen ionization
threshold of 13.6eV, where the absorption cross-section is high and a very
thin layer of neutral hydrogen is sufficient to absorb all the ionizing photons.
On the other hand, an ionizing source such as a quasar produces significant
numbers of higher energy photons and results in a thicker transition region.
In the absence of recombinations, each hydrogen atom in the IGM would
only have to be ionized once, and the ionized proper volume V}, would simply
be determined by
npVp = N, , (116)

where ny is the mean number density of hydrogen and N, is the total number
of ionizing photons produced by the source. However, the increased density
of the IGM at high redshift implies that recombinations cannot be neglected.
Indeed, in the case of a steady ionizing source (and neglecting the cosmological
expansion), a steady-state volume would be reached corresponding to the
Stromgren sphere, with recombinations balancing ionizations:

dN,

= (117)

OZBfLHVp =
where the recombination rate depends on the square of the density and on
the case B recombination coefficient ap = 2.6 x 10713 cm3 s~ for hydrogen
at T = 10*K. The exact evolution for an expanding H II region, including
a non-steady ionizing source, recombinations, and cosmological expansion, is
given by (Shapiro & Giroux 1987 [328])
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_ (Y d,N.
nu (d—tp - 3HVp) = dt” —ag (ng) Vp . (118)

In this equation, the mean density fiy varies with time as 1/a3(t). A criti-
cal physical ingredient is the dependence of recombination on the square of
the density. This means that if the IGM is not uniform, but instead the gas
which is being ionized is mostly distributed in high-density clumps, then the
recombination time is very short. This is often dealt with by introducing a
volume-averaged clumping factor C' (in general time-dependent), defined by®

C = (n}) /7% (119)

If the ionized volume is large compared to the typical scale of clumping,
so that many clumps are averaged over, then (118) can be solved by supple-
menting it with (119) and specifying C. Switching to the comoving volume
V', the resulting equation is

v _ 14N, —aBa—C;ﬁ%V : (120)

dat Al dt

where the present number density of hydrogen is

2uh?
-0 _ -7 _3
ny = 1.88 x 10 <0.022> cm”® . (121)

This number density is lower than the total number density of baryons ﬁg by
a factor of ~0.76, corresponding to the primordial mass fraction of hydrogen.
The solution for V() (generalized from Shapiro & Giroux 1987 [328]) around
a source which turns on at ¢t = ¢; is

b1 dN ,
V()= | ——2 eI Nqy 122
0= [ oy e (122)
where . 0
C(t
_ -0
F(t' t) = —apny /t B0 dr” . (123)

At high redshift (when (14 z) > |2, ' — 1|), the scale factor varies as

2/3
a(t) ~ (g\/ﬂ_mﬂot) : (124)

and with the additional assumption of a constant C' the function F' simplifies
as follows. Defining

8 The recombination rate depends on the number density of electrons, and in using
(119) we are neglecting the small contribution caused by partially or fully ionized
helium.
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f(t) =a(t)=®?, (125)
we derive

2 _apny
3/ H,

where the last equality assumes C' = 10 and our standard choice of cosmo-
logical parameters: 2, = 0.3, 25 = 0.7, and 2, = 0.045. Although this
expression for F(¢',t) is in general an accurate approximation at high red-
shift, in the particular case of the ACDM model (where {2, + 2y = 1) we get
the exact result by replacing (125) with

F(t't) = ClHH) = f)] =-0262[f(¢) - f(t)] ,  (126)

(127)

The size of the resulting H II region depends on the halo which produces
it. Consider a halo of total mass M and baryon fraction {2,/(2,,. To derive
a rough estimate, we assume that baryons are incorporated into stars with
an efficiency of fsar = 10%, and that the escape fraction for the resulting
ionizing radiation is also fese = 10%. If the stellar IMF is similar to the one
measured locally [314], then N, = 4000 ionizing photons are produced per
baryon in stars (for a metallicity equal to 1/20 of the solar value). We define
a parameter which gives the overall number of ionizations per baryon,

Nion = N'y fstar fesc . (128)

If we neglect recombinations then we obtain the maximum comoving radius
of the region which the halo of mass M can ionize,

r _(3 & Ve _ (3 Nion & % e — 680 kpe Nion M e
mx = \aral ) " \dr al Zmomy) P\ T40 108 M,

(129)
for our standard set of parameters. The actual radius never reaches this size if
the recombination time is shorter than the lifetime of the ionizing source. For
an instantaneous starburst with the Scalo (1998) [314] IMF, the production
rate of ionizing photons can be approximated as

dN, a-1N, {1 if t <t (130)

dt ot (i) : otherwise,
where IV, = 4000, o = 4.5, and the most massive stars fade away with the
characteristic timescale ¢, = 3 x 108 yr. In Fig. 44 we show the time evolution
of the volume ionized by such a source, with the volume shown in units of
the maximum volume Vj,ax which corresponds to mpax in (129). We consider
a source turning on at z = 10 (solid curves) or z = 15 (dashed curves), with
three cases for each: no recombinations, C' = 1, and C' = 10, in order from
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Fig. 44. Expanding H II region around an isolated ionizing source (from Barkana
& Loeb 2001 [23]). The comoving ionized volume V is expressed in units of the
maximum possible volume, Viax = 471'7“;?;1&,(/3 [with Tmax given in (129)], and the
time is measured after an instantaneous starburst which produces ionizing photons
according to (130). We consider a source turning on at z = 10 (solid curves) or
z = 15 (dashed curves), with three cases for each: no recombinations, C' = 1, and
C =10, in order from top to bottom. The no-recombination curve is identical
for the different source redshifts

top to bottom (Note that the result is independent of redshift in the case of
no recombinations). When recombinations are included, the volume rises and
reaches close to Viax before dropping after the source turns off. At large ¢
recombinations stop due to the dropping density, and the volume approaches
a constant value (although V < Vi, at large ¢ if C' = 10).

We obtain a similar result for the size of the H II region around a galaxy if
we consider a mini-quasar rather than stars. For the typical quasar spectrum
(Elvis et al. 1994 [122]), roughly 11,000 ionizing photons are produced per
baryon incorporated into the black hole, assuming a radiative efficiency of ~
6%. The efficiency of incorporating the baryons in a galaxy into a central black
hole is low ( < 0.6% in the local Universe, e.g. Magorrian et al. 1998 [242]),
but the escape fraction for quasars is likely to be close to unity, i.e., an order
of magnitude higher than for stars (see previous sub-section). Thus, for every
baryon in galaxies, up to ~65 ionizing photons may be produced by a central
black hole and ~ 40 by stars, although both of these numbers for Vo, are
highly uncertain. These numbers suggest that in either case the typical size
of H II regions before reionization may be < 1Mpc or ~10Mpc, depending
on whether 108 Mg, halos or 1012 Mg, halos dominate.

The ionization front around a bright transient source like a quasar expands
at early times at nearly the speed of light. This occurs when the H II region
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is sufficiently small so that the production rate of ionizing photons by the
central source exceeds their consumption rate by hydrogen atoms within this
volume. It is straightforward to do the accounting for these rates (including
recombinations) taking the light propagation delay into account. This was
done by Wyithe & Loeb [395] [see also White et al. (2003) [380]] who derived
the general equation for the relativistic expansion of the comoving radius
[r = (14 2)rp] of the quasar H II region in an IGM with a neutral filling
fraction xyy (fixed by other ionizing sources) as,

dr _ c(l+2) Nv — oapCrm (ﬁ%)z (1+ Z)3 (4?#7"3)
N, 4 4mr2 (1 + 2) comid;

= 131
= SENGED

where cis the speed of light, C'is the clumping factor, ag = 2.6 x107 3 cm3s~!
is the case-B recombination coefficient at the characteristic temperature of
10*K, and ]\'f7 is the rate of ionizing photons crossing a shell at the radius
of the H II region at time t. Indeed, for ]\'f7 — oo the propagation speed of
the proper radius of the H II region 7, = r/(1 + z) approaches the speed
of light in the above expression, (dr,/dt) — ¢. The actual size of the H II
region along the line-of-sight to a quasar can be inferred from the extent of
the spectral gap between the quasar’s rest-frame Lya wavelength and the start
of Ly« absorption by the IGM in the observed spectrum. Existing data from
the SDSS quasars [395, 250, 400] provide typical values of r, ~ 5Mpc and
indicate for plausible choices of the quasar lifetimes that xp; > 0.1 at z > 6.
These ionized bubbles could be imaged directly by future 21 cm maps of the
regions around the highest-redshift quasars [366, 396, 389).

The profile of the Ly« emission line of galaxies has also been suggested as
a probe of the ionization state of the IGM [222, 313, 81, 175, 239, 226, 245].
If the IGM is neutral, then the damping wing of the Gunn-Peterson trough
in (108) is modified since Ly« absorption starts only from the near edge of
the ionized region along the line-of-sight to the source [81, 239]. Rhoads &
Malhotra [245] showed that the observed abundance of galaxies with Lya
emission at z ~ 6.5 indicates that a substantial fraction (tens of percent)
of the IGM must be ionized in order to allow transmission of the observed
Lya photons. However, if these galaxies reside in groups, then galaxies with
peculiar velocities away from the observer will preferentially Doppler-shift the
emitted Lya photons to the red wing of the Lya resonance and reduce the
depression of the line profile [226, 85]. Additional uncertainties in the intrinsic
line profile based on the geometry and the stellar or gaseous contents of the
source galaxy [226, 313], as well as the clustering of galaxies which ionize
their immediate environment in groups (399, 145], limits this method from
reaching robust conclusions. Imaging of the expected halos of scattered Ly«
radiation around galaxies embedded in a neutral IGM [222, 306] provide a
more definitive test of the neutrality of the IGM, but is more challenging
observationally.
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7.3 Reionization of Hydrogen

In this section we summarize recent progress, both analytic and numerical,
made toward elucidating the basic physics of reionization and the way in which
the characteristics of reionization depend on the nature of the ionizing sources
and on other input parameters of cosmological models.

The process of the reionization of hydrogen involves several distinct stages.
The initial, “pre-overlap” stage (using the terminology of Gnedin [152]) con-
sists of individual ionizing sources turning on and ionizing their surroundings.
The first galaxies form in the most massive halos at high redshift, and these
halos are biased and are preferentially located in the highest-density regions.
Thus the ionizing photons which escape from the galaxy itself (see Sect. 7.1)
must then make their way through the surrounding high-density regions,
which are characterized by a high recombination rate. Once they emerge,
the ionization fronts propagate more easily into the low-density voids, leaving
behind pockets of neutral, high-density gas. During this period the IGM is
a two-phase medium characterized by highly ionized regions separated from
neutral regions by ionization fronts. Furthermore, the ionizing intensity is very
inhomogeneous even within the ionized regions, with the intensity determined
by the distance from the nearest source and by the ionizing luminosity of this
source.

The central, relatively rapid “overlap” phase of reionization begins when
neighboring H II regions begin to overlap. Whenever two ionized bubbles
are joined, each point inside their common boundary becomes exposed to
ionizing photons from both sources. Therefore, the ionizing intensity inside
H II regions rises rapidly, allowing those regions to expand into high-density
gas which had previously recombined fast enough to remain neutral when
the ionizing intensity had been low. Since each bubble coalescence accelerates
the process of reionization, the overlap phase has the character of a phase
transition and is expected to occur rapidly, over less than a Hubble time at
the overlap redshift. By the end of this stage most regions in the IGM are
able to see several unobscured sources, and therefore the ionizing intensity
is much higher than before overlap and it is also much more homogeneous.
An additional ingredient in the rapid overlap phase results from the fact that
hierarchical structure formation models predict a galaxy formation rate that
rises rapidly with time at the relevant redshift range. This process leads to
a state in which the low-density IGM has been highly ionized and ionizing
radiation reaches everywhere except for gas located inside self-shielded, high-
density clouds. This marks the end of the overlap phase, and this important
landmark is most often referred to as the “moment of reionization”.

Some neutral gas does, however, remain in high-density structures which
correspond to Lyman Limit systems and damped Lya systems seen in ab-
sorption at lower redshifts. The high-density regions are gradually ionized as
galaxy formation proceeds, and the mean ionizing intensity also grows with
time. The ionizing intensity continues to grow and to become more uniform
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as an increasing number of ionizing sources is visible to every point in the
IGM. This “post-overlap” phase continues indefinitely, since collapsed objects
retain neutral gas even in the present Universe. The IGM does, however, reach
another milestone at z ~ 1.6, the breakthrough redshift [238]. Below this red-
shift, all ionizing sources are visible to each other, while above this redshift
absorption by the Lya forest implies that only sources in a small redshift
range are visible to a typical point in the IGM.

Semi-analytic models of the pre-overlap stage focus on the evolution of
the H II filling factor, i.e., the fraction of the volume of the Universe which is
filled by H II regions. We distinguish between the naive filling factor Fy 11 and
the actual filling factor or porosity Qy 11- The naive filling factor equals the
number density of bubbles times the average volume of each, and it may exceed
unity since when bubbles begin to overlap the overlapping volume is counted
multiple times. However, as explained below, in the case of reionization the
linearity of the physics means that Fy 11 is a very good approximation to
Qu 11 up to the end of the overlap phase of reionization.

The model of individual H II regions presented in the previous section can
be used to understand the development of the total filling factor. Starting
with (120), if we assume a common clumping factor C' for all H II regions
then we can sum each term of the equation over all bubbles in a given large
volume of the Universe, and then divide by this volume. Then V is replaced
by the filling factor and IV, by the total number of ionizing photons produced
up to some time t, per unit volume. The latter quantity equals the mean
number of ionizing photons per baryon times the mean density of baryons 7y,.
Following the arguments leading to (129), we find that if we include only stars
then A

,_V - NionFcol 5 (132)

Np
where the collapse fraction Fc is the fraction of all the baryons in the Uni-
verse which are in galaxies, i.e., the fraction of gas which settles into halos
and cools efficiently inside them. In writing (132) we are assuming instanta-
neous production of photons, i.e., that the timescale for the formation and
evolution of the massive stars in a galaxy is short compared to the Hub-
ble time at the formation redshift of the galaxy. In a model based on (120),
the near-equality between Fy 11 and Qg 11 results from the linearity of this
equation. First, the total number of ionizations equals the total number of
ionizing photons produced by stars, i.e., all ionizing photons contribute re-
gardless of the spatial distribution of sources; and second, the total recom-
bination rate is proportional to the total ionized volume, regardless of its
topology. Thus, even if two or more bubbles overlap the model remains an
accurate approximation for Qp 11 (at least until Qg 11 becomes nearly equal
to 1). Note, however, that there still are a number of important simplifications
in the model, including the assumption of a homogeneous (though possibly
time-dependent) clumping factor, and the neglect of feedback whereby the for-
mation of one galaxy may suppress further galaxy formation in neighboring
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regions. These complications are discussed in detail below and in Sects. 7.5
and 8.

Under these assumptions we convert (120), which describes individual H
IT regions, to an equation which statistically describes the transition from a
neutral Universe to a fully ionized one (compare to Madau et al. 1999 [238]
and Haiman & Loeb 1997 [169]):

dQH 11 Nion chol C

= —ap—n? 1
@ 076 4t CPgsmlmm, (133)

where we assumed a primordial mass fraction of hydrogen of 0.76. The solution
(in analogy with (122)) is

K Nion chol F(t't
QH H(t) = ‘/O mw e ', )dtl N (134)

where F(¢',t) is determined by (123), (124), (125), (126), (127).

A simple estimate of the collapse fraction at high redshift is the mass
fraction (given by (91) in the Press-Schechter model) in halos above the cool-
ing threshold, which is the minimum mass of halos in which gas can cool
efficiently. Assuming that only atomic cooling is effective during the redshift
range of reionization, the minimum mass corresponds roughly to a halo of
virial temperature Ty;; = 10 K, which can be converted to a mass using (86).
With this prescription we derive (for N, = 40) the reionization history shown
in Fig. 45 for the case of a constant clumping factor C. The solid curves show
Qu 11 as a function of redshift for a clumping factor C' = 0 (no recombina-
tions), C' =1, C' = 10, and C = 30, in order from left to right. Note that if
C ~ 1 then recombinations are unimportant, but if C' > 10 then recombina-
tions significantly delay the reionization redshift (for a fixed star-formation
history). The dashed curve shows the collapse fraction F in this model. For
comparison, the vertical dotted line shows the z = 5.8 observational lower
limit (Fan et al. 2000 [124]) on the reionization redshift.

Clearly, star-forming galaxies in CDM hierarchical models are capable of
ionizing the Universe at z ~ 6-15 with reasonable parameter choices. This
has been shown by a large number of theoretical, semi-analytic calculations
[138, 329, 169, 372, 89, 92, 391, 83, 370] as well as numerical simulations
[79, 148, 152, 2, 295, 95, 341, 202, 184]. Similarly, if a small fraction ( < 1%)
of the gas in each galaxy accretes onto a central black hole, then the resulting
mini-quasars are also able to reionize the Universe, as has also been shown
using semi-analytic models [138, 170, 372, 391].

Although many models yield a reionization redshift around 7-12, the ex-
act value depends on a number of uncertain parameters affecting both the
source term and the recombination term in (133). The source parameters in-
clude the formation efficiency of stars and quasars and the escape fraction of
ionizing photons produced by these sources. The formation efficiency of low
mass galaxies may also be reduced by feedback from galactic outflows. These
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Fig. 45. Semi-analytic calculation of the reionization of the IGM (for Nijon = 40),
showing the redshift evolution of the filling factor Qu 1 (from Barkana & Loeb
2001 [23]). Solid curves show Qu 11 for a clumping factor C' = 0 (no recombinations),
C =1,C =10, and C = 30, in order from left to right. The dashed curve shows the
collapse fraction Fio1, and the vertical dotted line shows the z = 5.8 observational
lower limit (Fan et al. 2000 [124]) on the reionization redshift

parameters affecting the sources are discussed elsewhere in this review (see
Sects. 7.1 and 8). Even when the clumping is inhomogeneous, the recombina-
tion term in (133) is generally valid if C'is defined as in (119), where we take a
global volume average of the square of the density inside ionized regions (since
neutral regions do not contribute to the recombination rate). The resulting
mean clumping factor depends on the density and clustering of sources, and
on the distribution and topology of density fluctuations in the IGM. Fur-
thermore, the source halos should tend to form in overdense regions, and the
clumping factor is affected by this cross-correlation between the sources and
the IGM density.

Miralda-Escudé et al. (2000) [255] presented a simple model for the distri-
bution of density fluctuations, and more generally they discussed the impli-
cations of inhomogeneous clumping during reionization. They noted that as
ionized regions grow, they more easily extend into low-density regions, and
they tend to leave behind high-density concentrations, with these neutral is-
lands being ionized only at a later stage. They therefore argued that, since
at high-redshift the collapse fraction is low, most of the high-density regions,
which would dominate the clumping factor if they were ionized, will in fact
remain neutral and occupy only a tiny fraction of the total volume. Thus, the
development of reionization through the end of the overlap phase should occur
almost exclusively in the low-density IGM, and the effective clumping factor
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during this time should be ~ 1, making recombinations relatively unimpor-
tant (see Fig. 45). Only in the post-reionization phase, Miralda-Escudé et al.
(2000) [255] argued, do the high density clouds and filaments become gradu-
ally ionized as the mean ionizing intensity further increases.

The complexity of the process of reionization is illustrated by the numerical
simulation of Gnedin [152] of stellar reionization (in ACDM with 2,,, = 0.3).
This simulation uses a formulation of radiative transfer which relies on several
rough approximations; although it does not include the effect of shadowing
behind optically-thick clumps, it does include for each point in the IGM the
effects of an estimated local optical depth around that point, plus a local
optical depth around each ionizing source. This simulation helps to under-
stand the advantages of the various theoretical approaches, while pointing to
the complications which are not included in the simple models. Figures 46
and 47, taken from Fig. 3 in [152], show the state of the simulated Universe
just before and just after the overlap phase, respectively. They show a thin
(15 h~! comoving kpc) slice through the box, which is 4 A~ Mpc on a side,
achieves a spatial resolution of 1 h~!kpc, and uses 1282 each of dark matter
particles and baryonic particles (with each baryonic particle having a mass
of 5 x 10° Mg). The figures show the redshift evolution of the mean ionizing
intensity Jo1 (upper right panel), and visually the logarithm of the neutral

Fig. 46. Visualization at z = 7.7 of a numerical simulation of reionization, adopted
from Fig. 3c of Gnedin (2000a) [152]. The panels display the logarithm of the neutral
hydrogen fraction (upper left), the gas density (lower left), and the gas temper-
ature (lower right). Also shown is the redshift evolution of the logarithm of the
mean ionizing intensity (upper right). Note the periodic boundary conditions
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Fig. 47. Visualization at z = 6.7 of a numerical simulation of reionization, adopted
from Fig. 3e of Gnedin (2000a) [152]. The panels display the logarithm of the neutral
hydrogen fraction (upper left), the gas density (lower left), and the gas temper-
ature (lower right). Also shown is the redshift evolution of the logarithm of the
mean ionizing intensity (upper right). Note the periodic boundary conditions

hydrogen fraction (upper left panel), the gas density (lower left panel), and the
gas temperature (lower right panel). Note the obvious features resulting from
the periodic boundary conditions assumed in the simulation. Also note that
the intensity Jo; is defined as the intensity at the Lyman limit, expressed in
units of 1072 ergem2s tsr1Hz !, For a given source emission, the inten-
sity inside H II regions depends on absorption and radiative transfer through
the IGM (e.g., Haardt & Madau 1996 [166]; Abel & Haehnelt 1999 [1]).
Figure 46 shows the two-phase IGM at z = 7.7, with ionized bubbles em-
anating from one main concentration of sources (located at the right edge of
the image, vertically near the center; note the periodic boundary conditions).
The bubbles are shown expanding into low density regions and beginning to
overlap at the center of the image. The topology of ionized regions is clearly
complex: While the ionized regions are analogous to islands in an ocean of
neutral hydrogen, the islands themselves contain small lakes of dense neutral
gas. One aspect which has not been included in theoretical models of clump-
ing is clear from the figure. The sources themselves are located in the highest
density regions (these being the sites where the earliest galaxies form) and
must therefore ionize the gas in their immediate vicinity before the radiation
can escape into the low density IGM. For this reason, the effective clump-
ing factor is of order 100 in the simulation and also, by the overlap redshift,
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roughly ten ionizing photons have been produced per baryon. Figure 47 shows
that by z = 6.7 the low density regions have all become highly ionized along
with a rapid increase in the ionizing intensity. The only neutral islands left are
the highest density regions (compare the two panels on the left). However, we
emphasize that the quantitative results of this simulation must be considered
preliminary, since the effects of increased resolution and a more accurate treat-
ment of radiative transfer are yet to be explored. Methods are being developed
for incorporating a more complete treatment of radiative transfer into three
dimensional cosmological simulations (e.g., [2, 295, 95, 341, 202, 184]).

Guedin et al. (2000) [151] investigated an additional effect of reionization.
They showed that the Biermann battery in cosmological ionization fronts
inevitably generates coherent magnetic fields of an amplitude ~107'? Gauss.
These fields form as a result of the breakout of the ionization fronts from
galaxies and their propagation through the H I filaments in the IGM. Although
the fields are too small to directly affect galaxy formation, they could be the
seeds for the magnetic fields observed in galaxies and X-ray clusters today.

If quasars contribute substantially to the ionizing intensity during reion-
ization then several aspects of reionization are modified compared to the case
of pure stellar reionization. First, the ionizing radiation emanates from a sin-
gle, bright point-source inside each host galaxy, and can establish an escape
route (H IT funnel) more easily than in the case of stars which are smoothly
distributed throughout the galaxy (Sect. 7.1). Second, the hard photons pro-
duced by a quasar penetrate deeper into the surrounding neutral gas, yielding
a thicker ionization front. Finally, the quasar X-rays catalyze the formation
of Hy molecules and allow stars to keep forming in very small halos.

Oh (1999) [269] showed that star-forming regions may also produce signif-
icant X-rays at high redshift. The emission is due to inverse Compton scat-
tering of CMB photons off relativistic electrons in the ejecta, as well as ther-
mal emission by the hot supernova remnant. The spectrum expected from
this process is even harder than for typical quasars, and the hard photons
photoionize the IGM efficiently by repeated secondary ionizations. The radia-
tion, characterized by roughly equal energy per logarithmic frequency interval,
would produce a uniform ionizing intensity and lead to gradual ionization and
heating of the entire IGM. Thus, if this source of emission is indeed effective
at high redshift, it may have a crucial impact in changing the topology of
reionization. Even if stars dominate the emission, the hardness of the ionizing
spectrum depends on the initial mass function. At high redshift it may be
biased toward massive, efficiently ionizing stars, but this remains very much
uncertain.

Semi-analytic as well as numerical models of reionization depend on an
extrapolation of hierarchical models to higher redshifts and lower-mass halos
than the regime where the models have been compared to observations (see
e.g. [391, 83, 370]). These models have the advantage that they are based on
the current CDM paradigm which is supported by a variety of observations
of large-scale structure, galaxy clustering, and the CMB. The disadvantage is



First Light 97

that the properties of high-redshift galaxies are derived from those of their
host halos by prescriptions which are based on low redshift observations, and
these prescriptions will only be tested once abundant data is available on
galaxies which formed during the reionization era (see [391] for the sensitivity
of the results to model parameters). An alternative approach to analyzing the
possible ionizing sources which brought about reionization is to extrapolate
from the observed populations of galaxies and quasars at currently accessible
redshifts. This has been attempted, e.g., by Madau et al. (1999) [238] and
Miralda-Escudé et al. (2000) [255]. The general conclusion is that a high-
redshift source population similar to the one observed at z = 3-4 would pro-
duce roughly the needed ionizing intensity for reionization. However, Dijkstra
et al. (2004) [107] constrained the role of quasars in reionizing the Universe
based on the unresolved flux of the X-ray background. At any event, a precise
conclusion remains elusive because of the same kinds of uncertainties as those
found in the models based on CDM: The typical escape fraction, and the faint
end of the luminosity function, are both not well determined even at z = 34,
and in addition the clumping factor at high redshift must be known in order
to determine the importance of recombinations. Future direct observations of
the source population at redshifts approaching reionization may help resolve
some of these questions.

7.4 Photo-evaporation of Gaseous Halos After Reionization

The end of the reionization phase transition resulted in the emergence of an
intense UV background that filled the Universe and heated the IGM to tem-
peratures of ~ 1-2x10% K (see the previous section). After ionizing the rarefied
IGM in the voids and filaments on large scales, the cosmic UV background
penetrated the denser regions associated with the virialized gaseous halos of
the first generation of objects. A major fraction of the collapsed gas had been
incorporated by that time into halos with a virial temperature < 10* K, where
the lack of atomic cooling prevented the formation of galactic disks and stars
or quasars. Photoionization heating by the cosmic UV background could then
evaporate much of this gas back into the IGM. The photo-evaporating halos,
as well as those halos which did retain their gas, may have had a number of
important consequences just after reionization as well as at lower redshifts.
In this section we focus on the process by which gas that had already
settled into virialized halos by the time of reionization was evaporated back
into the IGM due to the cosmic UV background. This process was inves-
tigated by Barkana & Loeb (1999) [22] using semi-analytic methods and
idealized numerical calculations. They first considered an isolated spherical,
centrally-concentrated dark matter halo containing gas. Since most of the
photo-evaporation occurs at the end of overlap, when the ionizing intensity
builds up almost instantaneously, a sudden illumination by an external ion-
izing background may be assumed. Self-shielding of the gas implies that the
halo interior sees a reduced intensity and a harder spectrum, since the outer
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gas layers preferentially block photons with energies just above the Lyman
limit. It is useful to parameterize the external radiation field by a specific
intensity per unit frequency, v,

Jy =107 Jyy <yi) ergem 2sTtsr ! Hz ! | (135)
L

where v, is the Lyman limit frequency, and Jo; is the intensity at vy, expressed
in units of 1072 ergem 257! st~ *Hz ', The intensity is normalized to an ex-
pected post-reionization value of around unity for the ratio of ionizing photon
density to the baryon density. Different power laws can be used to represent
either quasar spectra (a ~ 1.8) or stellar spectra (o ~ 5).

Once the gas is heated throughout the halo, some fraction of it acquires
a sufficiently high temperature that it becomes unbound. This gas expands
due to the resulting pressure gradient and eventually evaporates back into the
IGM. The pressure gradient force (per unit volume) kV(T'p/pum,) competes
with the gravitational force of p GM /r%. Due to the density gradient, the ratio
between the pressure force and the gravitational force is roughly equal to the
ratio between the thermal energy ~ kT and the gravitational binding energy
~umpGM /r (which is ~ KTy, at the virial radius ryi;) per particle. Thus, if
the kinetic energy exceeds the potential energy (or roughly if T' > T\;,), the
repulsive pressure gradient force exceeds the attractive gravitational force and
expels the gas on a dynamical time (or faster for halos with T > T\;,).

The left panel of Fig. 48 (adopted from Fig. 3 of Barkana & Loeb 1999 [22])
shows the fraction of gas within the virial radius which becomes unbound
after reionization, as a function of the total halo circular velocity, with halo
masses at z = 8 indicated at the top. The two pairs of curves correspond to
spectral index o = 5 (solid) or & = 1.8 (dashed). In each pair, a calculation
which assumes an optically-thin halo leads to the upper curve, but including
radiative transfer and self-shielding modifies the result to the one shown by
the lower curve. In each case self-shielding lowers the unbound fraction, but
it mostly affects only a neutral core containing ~ 30% of the gas. Since high
energy photons above the Lyman limit penetrate deep into the halo and heat
the gas efficiently, a flattening of the spectral slope from o = 5 to o = 1.8 raises
the unbound gas fraction. This figure is essentially independent of redshift if
plotted in terms of circular velocity, but the conversion to a corresponding
mass does vary with redshift. The characteristic circular velocity where most
of the gas is lost is ~10-15kms ™', but clearly the effect of photo-evaporation
is gradual, going from total gas removal down to no effect over a range of a
factor of ~100 in halo mass.

Given the values of the unbound gas fraction in halos of different masses,
the Press-Schechter mass function (Sect. 4.1) can be used to calculate the
total fraction of the IGM which goes through the process of accreting onto
a halo and then being recycled into the IGM at reionization. The low-mass
cutoff in this sum over halos is given by the lowest mass halo in which gas
has assembled by the reionization redshift. This mass can be estimated by the
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Fig. 48. Effect of photo-evaporation on individual halos and on the overall halo
population. The left panel shows the unbound gas fraction (within the virial radius)
versus total halo velocity dispersion or mass, adopted from Fig. 3 of Barkana &
Loeb (1999) [22]. The two pairs of curves correspond to spectral index o = 5 (solid)
or a = 1.8 (dashed), in each case at z = 8. In each pair, assuming an optically-thin
halo leads to the upper curve, while the lower curve shows the result of including
radiative transfer and self shielding. The right panel shows the total fraction of gas
in the Universe which evaporates from halos at reionization, versus the reionization
redshift, adopted from Fig. 7 of Barkana & Loeb (1999) [22]. The solid line assumes
a spectral index o = 1.8, and the dotted line assumes a« = 5

linear Jeans mass Mj in (62). The Jeans mass does not in general precisely
equal the limiting mass for accretion (see the discussion in the next section).
Indeed, at a given redshift some gas can continue to fall into halos of lower
mass than the Jeans mass at that redshift. On the other hand, the larger Jeans
mass at higher redshifts means that a time-averaged Jeans mass may be more
appropriate, as indicated by the filtering mass. In practice, the Jeans mass is
sufficiently accurate since at z ~ 10-20 it agrees well with the values found in
the numerical spherical collapse calculations of Haiman et al. (1996a) [167].

The right panel of Fig. 48 (adopted from Fig. 7 of Barkana & Loeb
1999 [22]) shows the total fraction of gas in the Universe which evaporates from
halos at reionization, versus the reionization redshift. The solid line assumes
a spectral index a = 1.8, and the dotted line assumes a = 5, showing that
the result is insensitive to the spectrum. Even at high redshift, the amount
of gas which participates in photo-evaporation is significant, which suggests
a number of possible implications as discussed below. The gas fraction shown
in the figure represents most (~ 60-80% depending on the redshift) of the
collapsed fraction before reionization, although some gas does remain in more
massive halos.
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The photo-evaporation of gas out of large numbers of halos may have inter-
esting implications. First, gas which falls into halos and is expelled at reioniza-
tion attains a different entropy than if it had stayed in the low-density IGM.
The resulting overall reduction in the entropy is expected to be small — the
same as would be produced by reducing the temperature of the entire IGM
by a factor of ~1.5 — but localized effects near photo-evaporating halos may
be more significant. Furthermore, the resulting ~ 20kms ™" outflows induce
small-scale fluctuations in peculiar velocity and temperature. These outflows
are usually well below the resolution limit of most numerical simulations, but
some outflows were resolved in the simulation of Bryan et al. (1998) [70]. The
evaporating halos may consume a significant number of ionizing photons in
the post-overlap stage of reionization [172, 184], but a definitive determination
requires detailed simulations which include the three-dimensional geometry of
source halos and sink halos.

Although gas is quickly expelled out of the smallest halos, photo- evapora-
tion occurs more gradually in larger halos which retain some of their gas. These
surviving halos initially expand but they continue to accrete dark matter and
to merge with other halos. These evaporating gas halos could contribute to
the high column density end of the Lya forest [51]. Abel & Mo (1998) [3]
suggested that, based on the expected number of surviving halos, a large frac-
tion of the Lyman limit systems at z ~ 3 may correspond to mini-halos that
survived reionization. Surviving halos may even have identifiable remnants in
the present Universe. These ideas thus offer the possibility that a population
of halos which originally formed prior to reionization may correspond almost
directly to several populations that are observed much later in the history
of the Universe. However, the detailed dynamics of photo-evaporating halos
are complex, and detailed simulations are required to confirm these ideas.
Photo-evaporation of a gas cloud has been followed in a two dimensional sim-
ulation with radiative transfer, by Shapiro & Raga (2000) [330]. They found
that an evaporating halo would indeed appear in absorption as a damped
Lya system initially, and as a weaker absorption system subsequently. Future
simulations [184] will clarify the contribution to quasar absorption lines of the
entire population of photo-evaporating halos.

7.5 Suppression of the Formation of Low Mass Galaxies

At the end of overlap, the cosmic ionizing background increased sharply, and
the IGM was heated by the ionizing radiation to a temperature > 10*K.
Due to the substantial increase in the IGM temperature, the intergalactic
Jeans mass increased dramatically, changing the minimum mass of forming
galaxies [298, 117, 148, 254].

Gas infall depends sensitively on the Jeans mass. When a halo more mas-
sive than the Jeans mass begins to form, the gravity of its dark matter over-
comes the gas pressure. Even in halos below the Jeans mass, although the gas
is initially held up by pressure, once the dark matter collapses its increased
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gravity pulls in some gas [167]. Thus, the Jeans mass is generally higher than
the actual limiting mass for accretion. Before reionization, the IGM is cold
and neutral, and the Jeans mass plays a secondary role in limiting galaxy for-
mation compared to cooling. After reionization, the Jeans mass is increased
by several orders of magnitude due to the photoionization heating of the
IGM, and hence begins to play a dominant role in limiting the formation
of stars. Gas infall in a reionized and heated Universe has been investigated
in a number of numerical simulations. Thoul & Weinberg (1996) [362] in-
ferred, based on a spherically-symmetric collapse simulation, a reduction of
~ 50% in the collapsed gas mass due to heating, for a halo of circular ve-
locity Ve ~ 50kms™ " at z = 2, and a complete suppression of infall below
Ve ~30kms~ . Kitayama & Tkeuchi (2000) [199] also performed spherically-
symmetric simulations but included self-shielding of the gas, and found that
it lowers the circular velocity thresholds by ~ 5kms™'. Three dimensional
numerical simulations [293, 377, 266] found a significant suppression of gas
infall in even larger halos (V. ~ 75kms '), but this was mostly due to a
suppression of late infall at 2z < 2.

When a volume of the IGM is ionized by stars, the gas is heated to a
temperature Tigy ~ 104 K. If quasars dominate the UV background at reion-
ization, their harder photon spectrum leads to Tigy > 2 x 10% K. Including
the effects of dark matter, a given temperature results in a linear Jeans mass
corresponding to a halo circular velocity of

TIGM 1/2 1 AC 1/6 .
V=8l <1.5 % 107 K) o 8| e (136)

where we used (85 and 86) and assumed g = 0.6. In halos with V. > Vi,
the gas fraction in infalling gas equals the universal mean of (2,/(2,, but
gas infall is suppressed in smaller halos. Even for a small dark matter halo,
once it collapses to a virial overdensity of A./f2Z relative to the mean, it
can pull in additional gas. A simple estimate of the limiting circular velocity,
below which halos have essentially no gas infall, is obtained by substituting
the virial overdensity for the mean density in the definition of the Jeans mass.
The resulting estimate is

Vi = 34  — 1M 1/21< - 137
=9 500k ) (137)

This value is in rough agreement with the numerical simulations mentioned
before. A more recent study by Dijkstra et al. (2004) [107] indicates that at
the high redshifts of z > 10 gas could nevertheless assemble into halos with
circular velocities as low as v. ~ 10kms™!, even in the presence of a UV
background.

Although the Jeans mass is closely related to the rate of gas infall at a
given time, it does not directly yield the total gas residing in halos at a given
time. The latter quantity depends on the entire history of gas accretion onto
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halos, as well as on the merger histories of halos, and an accurate description
must involve a time-averaged Jeans mass. Gnedin [153] showed that the gas
content of halos in simulations is well fit by an expression which depends
on the filtering mass, a particular time-averaged Jeans mass (Gnedin & Hui
1998 [150]). Gnedin [153] calculated the Jeans and filtering masses using the
mean temperature in the simulation to define the sound speed, and found the
following fit to the simulation results:

My = foM - (138)

[1+ (2'/3 —1) Mc/M]

where Mg is the average gas mass of all objects with a total mass M, f, =
{24/ 82, is the universal baryon fraction, and the characteristic mass M¢ is
the total mass of objects which on average retain 50% of their gas mass. The
characteristic mass was well fit by the filtering mass at a range of redshifts
from z = 4 up to z ~ 15.

The reionization process was not perfectly synchronized throughout the
Universe. Large-scale regions with a higher density than the mean tend to form
galaxies first and reionize earlier than underdense regions (see detailed dis-
cussion in Haiman et al. (1996a) [167]). The suppression of low-mass galaxies
by reionization will therefore be modulated by the fluctuations in the timing
of reionization. Babich & Loeb (2005) [14] considered the effect of inhomoge-
neous reionization on the power-spectrum of low-mass galaxies. They showed
that the shape of the high redshift galaxy power spectrum on small scales
in a manner which depends on the details of epoch of reionization. This ef-
fect is significantly larger than changes in the galaxy power spectrum due to
the current uncertainty in the inflationary parameters, such as the tilt of the
scalar power spectrum n and the running of the tilt . Therefore, future high
redshift galaxies surveys hoping to constrain inflationary parameters must
properly model the effects of reionization, but conversely they will also be
sensitive to the thermal history of the high redshift intergalactic medium.

8 Feedback from Galactic Outflows

8.1 Propagation of Supernova Outflows in the IGM

Star formation is accompanied by the violent death of massive stars in su-
pernova explosions. In general, if each halo has a fixed baryon fraction and a
fixed fraction of the baryons turns into massive stars, then the total energy in
supernovae outflows is proportional to the halo mass. The binding energy of
the gas in the halo is proportional to the halo mass squared. Thus, outflows
are expected to escape more easily out of low-mass galaxies, and to expel a
greater fraction of the gas from dwarf galaxies. At high redshifts, most galax-
ies form in relatively low-mass halos, and the high halo merger rate leads to
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vigorous star formation. Thus, outflows may have had a great impact on the
earliest generations of galaxies, with consequences that may include metal en-
richment of the IGM and the disruption of dwarf galaxies. In this subsection
we present a simple model for the propagation of individual supernova shock
fronts in the IGM. We discuss some implications of this model, but we defer
to the following subsection the brunt of the discussion of the cosmological
consequences of outflows.

For a galaxy forming in a given halo, the supernova rate is related to the
star formation rate. In particular, for a Scalo (1998) [314] initial stellar mass
function, if we assume that a supernova is produced by each M > 8 Mg star,
then on average one supernova explodes for every 126 Mg, of star formation,
expelling an ejecta mass of ~ 3 Mg including ~ 1 Mg of heavy elements.
We assume that the individual supernovae produce expanding hot bubbles
which merge into a single overall region delineated by an outwardly moving
shock front. We assume that most of the baryons in the outflow lie in a thin
shell, while most of the thermal energy is carried by the hot interior. The
total ejected mass equals a fraction fg.s of the total halo gas which is lifted
out of the halo by the outflow. This gas mass includes a fraction feject of the
mass of the supernova ejecta itself (with feject < 1 since some metals may be
deposited in the disk and not ejected). Since at high redshift most of the halo
gas is likely to have cooled onto a disk, we assume that the mass carried by the
outflow remains constant until the shock front reaches the halo virial radius.
We assume an average supernova energy of 10°1 E5; erg, a fraction fying of
which remains in the outflow after it escapes from the disk. The outflow must
overcome the gravitational potential of the halo, which we assume to have a
Navarro et al. (1997) [265] density profile [NFW; see (88)]. Since the entire
shell mass must be lifted out of the halo, we include the total shell mass as well
as the total injected energy at the outset. This assumption is consistent with
the fact that the burst of star formation in a halo is typically short compared
to the total time for which the corresponding outflow expands.

The escape of an outflow from an NFW halo depends on the concentration
parameter cy of the halo. Simulations by Bullock et al. (2000) [72] indicate
that the concentration parameter decreases with redshift, and their results
may be extrapolated to our regime of interest (i.e., to smaller halo masses
and higher redshifts) by assuming that

M o\ 25
p— . 1
o <1o9 M@> 1+2) (139)

Although we calculate below the dynamics of each outflow in detail, it is also
useful to estimate which halos can generate large-scale outflows by comparing
the kinetic energy of the outflow to the potential energy needed to completely
escape (i.e., to infinite distance) from an NFW halo. We thus find that the
outflow can escape from its originating halo if the circular velocity is below a
critical value given by
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Es1 fwinda(n/0.1)

Verit = 200
' feas g(en)

kms ', (140)
where the efficiency 7 is the fraction of baryons incorporated in stars, and

72

1+ 2)ln(l+z)—a

g9(x) = ( (141)
Note that the contribution to fg.s of the supernova ejecta itself is 0.0247 feject,
so the ejecta mass is usually negligible unless fzas < 1%. Equation (140) can
also be used to yield the maximum gas fraction fsas which can be ejected from
halos, as a function of their circular velocity. Although this equation is most
general, if we assume that the parameters fgas and fyina are independent of
M and z then we can normalize them based on low-redshift observations. If
we specify ¢y ~ 10 (with g(10) = 6.1) at z = 0, then setting F5; = 1 and
1 = 10% yields the required energy efficiency as a function of the ejected halo
gas fraction: ,

‘/crit :| ) (142)

win =15 as | T . 7
fuina = 1.5/ {100kmsl

A value of Vi ~ 100kms™! is suggested by several theoretical and ob-
servational arguments which are discussed in the next subsection. However,
these arguments are not conclusive, and V¢, may differ from this value by
a large factor, especially at high redshift (where outflows are observationally
unconstrained at present). Note the degeneracy between fgas and fuwina which
remains even if Vi is specified. Thus, if Vi ~ 100 km s then a high ef-
ficiency fwina ~ 1 is required to eject most of the gas from all halos with
Ve < Vi, but only fying ~ 10% is required to eject 5-10% of the gas. The
evolution of the outflow does depend on the value of fying and not just the
ratio fwind/ feas, since the shell accumulates material from the IGM which
eventually dominates over the initial mass carried by the outflow.

We solve numerically for the spherical expansion of a galactic outflow,
elaborating on the basic approach of Tegmark et al. (1993) [357]. We assume
that most of the mass m carried along by the outflow lies in a thin, dense,
relatively cool shell of proper radius R. The interior volume, while containing
only a fraction fiyy < 1 of the mass m, carries most of the thermal energy
in a hot, isothermal plasma of pressure p;,; and temperature T. We assume a
uniform exterior gas, at the mean density of the Universe (at each redshift),
which may be neutral or ionized, and may exert a pressure pexs as indicated
below. We also assume that the dark matter distribution follows the NF'W
profile out to the virial radius, and is at the mean density of the Universe
outside the halo virial radius. Note that in reality an overdense distribution
of gas as well as dark matter may surround each halo due to secondary infall.
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The shell radius R in general evolves as follows:

2
R =47 R%*5p — <

dR dm Gm
me H )

i — (M(R) + %m) + ngRmpA,
(143)
where the right-hand-side includes forces due to pressure, sweeping up of
additional mass, gravity, and a cosmological constant, respectively. The shell
is accelerated by internal pressure and decelerated by external pressure, i.e.,
0D = Pint — Pext- 10 the gravitational force, M (R) is the total enclosed mass,
not including matter in the shell, and (1/2)m is the effective contribution of
the shell mass in the thin-shell approximation [278]. The interior pressure is
determined by energy conservation, and evolves according to [357]:

it  R?

dt ~ 27R3 R dt’

dpint o L 5 Pint dR (144)

where the luminosity L incorporates heating and cooling terms. We include
in L the supernova luminosity Lg, (during a brief initial period of energy
injection), cooling terms Lcool, ionization Lioy,, and dissipation Lgiss. For sim-
plicity, we assume ionization equilibrium for the interior plasma, and a pri-
mordial abundance of hydrogen and helium. We include in L. all relevant
atomic cooling processes in hydrogen and helium, i.e., collisional processes,
Bremsstrahlung emission, and Compton cooling off the CMB. Compton scat-
tering is the dominant cooling process for high-redshift outflows. We include
in Lijon only the power required to ionize the incoming hydrogen upstream, at
the energy cost of 13.6eV per hydrogen atom. The interaction between the
expanding shell and the swept-up mass dissipates kinetic energy. The fraction
fa of this energy which is re-injected into the interior depends on complex pro-
cesses occurring near the shock front, including turbulence, non-equilibrium
ionization and cooling, and so (following Tegmark et al. 1993 [357]) we let

Lawe = Lp, 9 LA (145)
dlss—2ddt )

where we set fqg = 1 and compare below to the other extreme of fq = 0.

In an expanding Universe, it is preferable to describe the propagation of
outflows in terms of comoving coordinates since, e.g., the critical result is the
maximum comoving size of each outflow, since this size yields directly the
total IGM mass which is displaced by the outflow and injected with metals.
Specifically, we apply the following transformation [327, 373]:

di=a2dt, R=a"'R, p=d’p, p=a’p. (146)

For 25 = 0, Voit (1996) [373] obtained (with the time origin = 0 at redshift

21)1
2
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while for {2, + 2y = 1 there is no simple analytic expression. We set 3 =
R/yir, in terms of the virial radius ryi; (84) of the source halo. We define 0415
as the ratio of the shell mass m to 37py 73, where p, = pp(z = 0) is the

mean baryon density of the Universe at z = 0. More generally, we define

as(f) = — ={aé/ﬁ3 if <1 (148)

3mpy PP 1+ (o — 1) /B? otherwise.

Here we assumed, as noted above, that the shell mass is constant until the
halo virial radius is reached, at which point the outflow begins to sweep up
material from the IGM. We thus derive the following equations:

3 P__apHg20.§ i
dzé —048(5) FN I QRHO Qm&(ﬂ) lfﬂ <1
a7 s (48Y) - R 0,5(9) + 5 RHE Ouas(5) othervise
as(B)R | Pv P 2 0““m 4 0 ’
(149)
along with
d A5 A o CL4 N2

In the evolution equation for R, for 3 < 1 we assume for simplicity that the
baryons are distributed in the same way as the dark matter, since in any case
the dark matter halo dominates the gravitational force. For 8 > 1, however,
we correct (via the last term on the right-hand side) for the presence of mass
in the shell, since at > 1 this term may become important. The § > 1
equation also includes the braking force due to the swept-up IGM mass. The
enclosed mean overdensity for the NFW profile (88) surrounded by matter at
the mean density is

A, In(l+enB)—enpB/(14enp)
0z 33 ln(I\i—&-c)_I\é/(l_;'_c) = lfﬁ <1

5(8) = (151)
(AC - 1) L otherwise.

The physics of supernova shells is discussed in Ostriker & McKee (1988)
[278] along with a number of analytical solutions. The propagation of cosmo-
logical blast waves has also been computed by Ostriker & Cowie (1981) [277],
Bertschinger (1985) [40] and Carr & Ikeuchi (1985) [74]. Voit (1996) [373] de-
rived an exact analytic solution to the fluid equations which, although of lim-
ited validity, is nonetheless useful for understanding roughly how the outflow
size depends on several of the parameters. The solution requires an idealized
case of an outflow which at all times expands into a homogeneous IGM. Pe-
culiar gravitational forces, and the energy lost in escaping from the host halo,
are neglected, cooling and ionization losses are also assumed to be negligible,
and the external pressure is not included. The dissipated energy is assumed to
be retained, i.e., fq is set equal to unity. Under these conditions, the standard
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Sedov self-similar solution [323, 324] generalizes to the cosmological case as

follows [373]:

L\ 1/5

R= <@> 2/, (152)
Pb

where &€ = 2.026 and Ey = Ey/(1+21)? in terms of the initial (i.e., at t = £ = 0
and z = z1) energy Fy. Numerically, the comoving radius is

R /5
) 0022 E, \Y°/ 10 iy
R =280 kpe. 153

<Qbh2 105Gerg> 1+ 2z 1010 yr pe (153)

In solving the equations described above, we assume that the shock front
expands into a pre-ionized region which then recombines after a time de-
termined by the recombination rate. Thus, the external pressure is included
initially, it is turned off after the pre-ionized region recombines, and it is then
switched back on at a lower redshift when the Universe is reionized. When
the ambient IGM is neutral and the pressure is off, the shock loses energy
to ionization. In practice we find that the external pressure is unimportant
during the initial expansion, although it is generally important after reioniza-
tion. Also, at high redshift ionization losses are much smaller than losses due
to Compton cooling. In the results shown below, we assume an instantaneous
reionization at z = 9.

Figure 49 shows the results for a starting redshift z = 15, for a halo of
mass 5.4 x 107 Mg, stellar mass 8.0 x 10°> M, comoving i, = 12kpc, and
circular velocity V. = 20km s~ . We show the shell comoving radius in units
of the virial radius of the source halo (top panel), and the physical peculiar
velocity of the shock front (bottom panel). Results are shown (solid curve)
for the standard set of parameters fine = 0.1, fa = 1, fwina = 75%, and
feas = 50%. For comparison, we show several cases which adopt the standard
parameters except for no cooling (dotted curve), no reionization (short-dashed
curve), fq = 0 (long-dashed curve), or fyina = 15% and fgas = 10% (dot-short
dashed curve). When reionization is included, the external pressure halts the
expanding bubble. We freeze the radius at the point of maximum expansion
(where dR/df = 0), since in reality the shell will at that point begin to spread
and fill out the interior volume due to small-scale velocities in the IGM. For the
chosen parameters, the bubble easily escapes from the halo, but when fyinqg
and fgas are decreased the accumulated IGM mass slows down the outflow
more effectively. In all cases the outflow reaches a size of 10-20 times i, i.e.,
100200 comoving kpc. If all the metals are ejected (i.e., feject = 1), then this
translates to an average metallicity in the shell of ~ 1-5 x 10~2 in units of the
solar metallicity (which is 2% by mass). The asymptotic size of the outflow

varies roughly as fvlvi/jd, as predicted by the simple solution in (152), but the
asymptotic size is rather insensitive to fgas (at a fixed fwind) since the outflow
mass becomes dominated by the swept-up IGM mass once R > Afyiy. With
the standard parameter values (i.e., those corresponding to the solid curve),
Fig. 49 also shows (dot-long dashed curve) the Voit (1996) [373] solution of
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Fig. 49. Evolution of a supernova outflow from a z = 15 halo of circular velocity
Ve = 20km s~ ! (from Barkana & Loeb 2001 [23]). Plotted are the shell comoving
radius in units of the virial radius of the source halo (top panel), and the physical
peculiar velocity of the shock front (bottom panel). Results are shown for the
standard parameters fine = 0.1, fa = 1, fwina = 75%, and feas = 50% (solid curve).
Also shown for comparison are the cases of no cooling (dotted curve), no reionization
(short-dashed curve), fqa = 0 (long-dashed curve), or fwinda = 15% and fgas = 10%
(dot-short dashed curve), as well as the simple Voit (1996) [373] solution of (152)
for the standard parameter set (dot-long dashed curve). In cases where the outflow
halts, we freeze the radius at the point of maximum expansion

(152). The Voit solution behaves similarly to the no-reionization curve at
low redshift, although it overestimates the shock radius by ~ 30%, and the
overestimate is greater compared to the more realistic case which does include
reionization.

Figure 50 shows different curves than Fig. 49 but on an identical layout.
A single curve starting at z = 15 (solid curve) is repeated from Fig. 49, and it
is compared here to outflows with the same parameters but starting at z = 20
(dotted curve), z = 10 (short-dashed curve), and z = 5 (long-dashed curve).
A V, = 20km s~ ! halo, with a stellar mass equal to 1.5% of the total halo
mass, is chosen at the three higher redshifts, but at z = 5 a V., = 42 halo is
assumed. Because of the suppression of gas infall after reionization, we assume
that the z = 5 outflow is produced by supernovae from a stellar mass equal to
only 0.3% of the total halo mass (with a similarly reduced initial shell mass),
thus leading to a relatively small final shell radius. The main conclusion from
both figures is the following: In all cases, the outflow undergoes a rapid initial
expansion over a fractional redshift interval 6z/z ~ 0.2, at which point the
shell has slowed down to ~10km s~ ' from an initial 300 km s~*. The rapid
deceleration is due to the accumulating IGM mass. External pressure from the
reionized IGM completely halts all high-redshift outflows, and even without
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Fig. 50. Evolution of supernova outflows at different redshifts (from Barkana &
Loeb 2001 [23]). The top and bottom panels are arranged similarly to Fig. 49. The
z = 15 outflow (solid curve) is repeated from Fig. 49, and it is compared here to
outflows with the same parameters but starting at z = 20 (dotted curve), z = 10
(short-dashed curve), and z = 5 (long-dashed curve). A V. = 20km s™' halo is
assumed except for z = 5, in which case a Vo = 42km s~ ! halo is assumed to
produce the outflow (see text)

this effect most outflows would only move at ~10km s~ after the brief initial
expansion. Thus, it may be possible for high-redshift outflows to pollute the
Lyman alpha forest with metals without affecting the forest hydrodynamically
at z £ 4. While the bulk velocities of these outflows may dissipate quickly,
the outflows do sweep away the IGM and create empty bubbles. The resulting
effects on observations of the Lyman alpha forest should be studied in detail
(some observational signatures of feedback have been suggested recently by
Theuns et al. 2000 [361]).

Furlanetto & Loeb (2003) [141] derived the evolution of the characteristic
scale and filling fraction of supernova-driven bubbles based on a refinement of
this formalism (see also their 2001 paper for quasar-driven outflows [139]). The
role of metal-rich outflows in smearing the transition epoch between Pop-III
(metal-free) and Pop II (metal-enriched) stars, was also analysed by Furlan-
etto & Loeb (2005) [144], who concluded that a double-reionization history in
which the ionization fraction goes through two (or more) peaks is unlikely.

8.2 Effect of Outflows on Dwarf Galaxies and on the IGM

Galactic outflows represent a complex feedback process which affects the
evolution of cosmic gas through a variety of phenomena. Outflows inject
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hydrodynamic energy into the interstellar medium of their host galaxy. As
shown in the previous subsection, even a small fraction of this energy suffices
to eject most of the gas from a dwarf galaxy, perhaps quenching further star
formation after the initial burst. At the same time, the enriched gas in outflows
can mix with the interstellar medium and with the surrounding IGM, allow-
ing later generations of stars to form more easily because of metal-enhanced
cooling. On the other hand, the expanding shock waves may also strip gas in
surrounding galaxies and suppress star formation.

Dekel & Silk (1986) [104] attempted to explain the different properties of
diffuse dwarf galaxies in terms of the effect of galactic outflows. They noted
the observed trends whereby lower-mass dwarf galaxies have a lower surface
brightness and metallicity, but a higher mass-to-light ratio, than higher mass
galaxies. They argued that these trends are most naturally explained by sub-
stantial gas removal from an underlying dark matter potential. Galaxies lying
in small halos can eject their remaining gas after only a tiny fraction of the
gas has turned into stars, while larger galaxies require more substantial star
formation before the resulting outflows can expel the rest of the gas. Assuming
a wind efficiency fying ~ 100%, Dekel & Silk showed that outflows in halos
below a circular velocity threshold of V.it ~ 100 km s~ ! have sufficient energy
to expel most of the halo gas. Furthermore, cooling is very efficient for the
characteristic gas temperatures associated with Ve < 100 km s~ ! halos, but
it becomes less efficient in more massive halos. As a result, this critical veloc-
ity is expected to signify a dividing line between bright galaxies and diffuse
dwarf galaxies. Although these simple considerations may explain a number
of observed trends, many details are still not conclusively determined. For
instance, even in galaxies with sufficient energy to expel the gas, it is possible
that this energy gets deposited in only a small fraction of the gas, leaving the
rest almost unaffected.

Since supernova explosions in an inhomogeneous interstellar medium lead
to complicated hydrodynamics, in principle the best way to determine the
basic parameters discussed in the previous subsection ( fwind, feas, and feject)
is through detailed numerical simulations of individual galaxies. Mac Low &
Ferrara (1999) [234] simulated a gas disk within a z = 0 dark matter halo.
The disk was assumed to be azimuthally symmetric and initially smooth. They
represented supernovae by a central source of energy and mass, assuming a
constant luminosity which is maintained for 50 million years. They found that
the hot, metal-enriched ejecta can in general escape from the halo much more
easily than the colder gas within the disk, since the hot gas is ejected in a
tube perpendicular to the disk without displacing most of the gas in the disk.
In particular, most of the metals were expelled except for the case with the
most massive halo considered (with 10° Mg in gas) and the lowest luminosity
(1037 erg s71, or a total injection of 2 x 1052 erg). On the other hand, only a
small fraction of the total gas mass was ejected except for the least massive
halo (with 106 Mg in gas), where a luminosity of 10%®erg s=! or more ex-
pelled most of the gas. We note that beyond the standard issues of numerical
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resolution and convergence, there are several difficulties in applying these re-
sults to high-redshift dwarf galaxies. Clumping within the expanding shells or
the ambient interstellar medium may strongly affect both the cooling and the
hydrodynamics. Also, the effect of distributing the star formation throughout
the disk is unclear since in that case several characteristics of the problem will
change; many small explosions will distribute the same energy over a larger
gas volume than a single large explosion [as in the Sedov (1959) [323] solution;
see, e.g., (152)], and the geometry will be different as each bubble tries to dig
its own escape route through the disk. Also, high-redshift disks should be
denser by orders of magnitude than z = 0 disks, due to the higher mean den-
sity of the Universe at early times. Thus, further numerical simulations of this
process are required in order to assess its significance during the reionization
epoch.

Some input on these issues also comes from observations. Martin (1999)
[246] showed that the hottest extended X-ray emission in galaxies is charac-
terized by a temperature of ~ 1057 K. This hot gas, which is lifted out of the
disk at a rate comparable to the rate at which gas goes into new stars, could
escape from galaxies with rotation speeds of < 130km s~ '. However, these
results are based on a small sample which includes only the most vigorous
star-forming local galaxies, and the mass-loss rate depends on assumptions
about the poorly understood transfer of mass and energy among the various
phases of the interstellar medium.

Many authors have attempted to estimate the overall cosmological effects
of outflows by combining simple models of individual outflows with the forma-
tion rate of galaxies, obtained via semi-analytic methods [98, 357, 373, 264,
129, 316] or numerical simulations [148, 149, 80, 9]. The main goal of these cal-
culations is to explain the characteristic metallicities of different environments
as a function of redshift. For example, the IGM is observed to be enriched with
metals at redshifts z < 5. Identification of C IV, Si IV an O VI absorption
lines which correspond to Ly« absorption lines in the spectra of high-redshift
quasars has revealed that the low-density IGM has been enriched to a metal
abundance (by mass) of Zigy ~ 10725305 7 where Zo = 0.019 is the
solar metallicity [251, 371, 346, 228, 99, 345, 121]. The metal enrichment has
been clearly identified down to H I column densities of ~ 10'4®cm=2. The
detailed comparison of cosmological hydrodynamic simulations with quasar
absorption spectra has established that the forest of Lya absorption lines is
caused by the smoothly-fluctuating density of the neutral component of the
IGM [84, 404, 178]. The simulations show a strong correlation between the
H I column density and the gas overdensity dgas [102], implying that metals
were dispersed into regions with an overdensity as low as dgas ~ 3 or possibly
even lower.

In general, dwarf galaxies are expected to dominate metal enrichment at
high-redshift for several reasons. As noted above and in the previous sub-
section, outflows can escape more easily out of the potential wells of dwarfs.
Also, at high redshift, massive halos are rare and dwarf halos are much more
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common. Finally, as already noted, the Sedov (1959) [323] solution or (152)
implies that for a given total energy and expansion time, multiple small out-
flows fill large volumes more effectively than would a smaller number of large
outflows. Note, however, that the strong effect of feedback in dwarf galax-
ies may also quench star formation rapidly and reduce the efficiency of star
formation in dwarfs below that found in more massive galaxies.

Cen & Ostriker (1999) [80] showed via numerical simulation that metals
produced by supernovae do not mix uniformly over cosmological volumes. In-
stead, at each epoch the highest density regions have much higher metallicity
than the low-density IGM. They noted that early star formation occurs in the
most overdense regions, which therefore reach a high metallicity (of order a
tenth of the solar value) by z ~ 3, when the IGM metallicity is lower by 1-2 or-
ders of magnitude. At later times, the formation of high-temperature clusters
in the highest-density regions suppresses star formation there, while lower-
density regions continue to increase their metallicity. Note, however, that the
spatial resolution of the hydrodynamic code of Cen & Ostriker is a few hun-
dred kpc, and anything occurring on smaller scales is inserted directly via
simple parametrized models. Scannapieco & Broadhurst (2000) [316] imple-
mented expanding outflows within a numerical scheme which, while not a full
gravitational simulation, did include spatial correlations among halos. They
showed that winds from low-mass galaxies may also strip gas from nearby
galaxies (see also Scannapieco, Ferrara, & Broadhurst 2000 [317]), thus sup-
pressing star formation in a local neighborhood and substantially reducing the
overall abundance of galaxies in halos below a mass of ~ 10! M. Although
quasars do not produce metals, they may also affect galaxy formation in their
vicinity via energetic outflows [116, 15, 338, 262].

Gnedin & Ostriker (1997) [148] and Gnedin (1998) [149] identified another
mixing mechanism which, they argued, may be dominant at high redshift
(z > 4). In a collision between two protogalaxies, the gas components collide in
a shock and the resulting pressure force can eject a few percent of the gas out of
the merger remnant. This is the merger mechanism, which is based on gravity
and hydrodynamics rather than direct stellar feedback. Even if supernovae
inject most of their metals in a local region, larger-scale mixing can occur
via mergers. Note, however, that Gnedin’s (1998) [149] simulation assumed a
comoving star formation rate at z > 5 of ~ 1 Mg per year per comoving
Mpc®, which is 5-10 times larger than the observed rate at redshift 3-4.
Aguirre et al. [9] used outflows implemented in simulations to conclude that
winds of ~300km s~ at z < 6 can produce the mean metallicity observed
at z ~ 3 in the Ly« forest. In a separate paper Aguirre et al. [10] explored
another process, where metals in the form of dust grains are driven to large
distances by radiation pressure, thus producing large-scale mixing without
displacing or heating large volumes of IGM gas. The success of this mechanism
depends on detailed microphysics such as dust grain destruction and the effect
of magnetic fields. The scenario, though, may be directly testable because it
leads to significant ejection only of elements which solidify as grains.
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Feedback from galactic outflows encompasses a large variety of processes
and influences. The large range of scales involved, from stars or quasars em-
bedded in the interstellar medium up to the enriched IGM on cosmological
scales, make possible a multitude of different, complementary approaches,
promising to keep galactic feedback an active field of research.

9 The Frontier of 21 cm Cosmology

9.1 Mapping Hydrogen Before Reionization

The small residual fraction of free electrons after cosmological recombination
coupled the temperature of the cosmic gas to that of the cosmic microwave
background (CMB) down to a redshift, z ~ 200 [283]. Subsequently, the gas
temperature dropped adiabatically as Tyas < (1 4+ 2)? below the CMB tem-
perature T, o (1 + z). The gas heated up again after being exposed to the
photo-ionizing ultraviolet light emitted by the first stars during the reioniza-
tion epoch at z < 20. Prior to the formation of the first stars, the cosmic
neutral hydrogen must have resonantly absorbed the CMB flux through its
spin-flip 21 cm transition (see Fig. 51) [131, 322, 366, 403]. The linear density
fluctuations at that time should have imprinted anisotropies on the CMB sky
at an observed wavelength of A = 21.12[(1+ z)/100] m. We discuss these early
21 cm fluctuations mainly for pedagogical purposes. Detection of the earli-
est 21 cm signal will be particularly challenging because the foreground sky
brightness rises as A\2® at long wavelengths in addition to the standard v/
scaling of the detector noise temperature for a given integration time and frac-
tional bandwidth. The discussion in this section follows Loeb & Zaldarriaga
(2004) [225].

We start by calculating the history of the spin temperature, 75, defined
through the ratio between the number densities of hydrogen atoms in the
excited and ground state levels, nq/ng = (g1/90) exp {—T%/Ts},

n g1 T,
— = —exXpy —7= (> 154
no g0 P { T } ( )

higher energy state spin flip

wavelength of 21 cm

Fig. 51. The 21 cm transition of hydrogen. The higher energy level the spin of the
electron (e—) is aligned with that of the proton (p+). A spin flip results in the
emission of a photon with a wavelength of 21 cm (or a frequency of 1420 MHz)
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where subscripts 1 and 0 correspond to the excited and ground state levels of
the 21 em transition, (g1/go) = 3 is the ratio of the spin degeneracy factors of
the levels, nyg = (ng +n1) o (1+ 2)? is the total hydrogen density, and T, =
0.068 K is the temperature corresponding to the energy difference between the
levels. The time evolution of the density of atoms in the ground state is given
by,

0 a
(& + 35) ng = —ng (Co1 + Boil,)
+n1 (Cro + Ao + Bioly) , (155)

where a(t) = (1+2)~! is the cosmic scale factor, A’s and B’s are the Einstein
rate coeflicients, C’s are the collisional rate coefficients, and Iy is the blackbody
intensity in the Rayleigh-Jeans tail of the CMB, namely I, = 2kT,/\? with
A = 21cm [305]. Here a dot denotes a time-derivative. The 0 — 1 transition
rates can be related to the 1 — 0 transition rates by the requirement that
in thermal equilibrium with Ty = T, = Tgas, the right-hand-side of (155)
should vanish with the collisional terms balancing each other separately from

the radiative terms. The Einstein coefficients are Aj9 = 2.85 x 107 1°g~ 1,
Big = (A\%/2hc)A1o and Bor = (g1/90)Bio [131, 305]. The collisional de-
excitation rates can be written as Cip = 2x(1 — 0)nu, where £(1 — 0) is

tabulated as a function of Tyas [11, 405].
Equation (155) can be simplified to the form,

% =—[H(1+ Z)]_l [ (Co1 + Bo11L.)
+(1 =2)(Cro + Aro + Biol)] (156)

where T = no/nyg, H ~ Hoy/S2u(1 + 2)3/? is the Hubble parameter at high
redshifts (with a present-day value of Hy), and {2y, is the density parameter of
matter. The upper panel of Fig. 52 shows the results of integrating (156). Both
the spin temperature and the kinetic temperature of the gas track the CMB
temperature down to z ~ 200. Collisions are efficient at coupling Ty and Tjas
down to z ~ 70 and so the spin temperature follows the kinetic temperature
around that redshift. At much lower redshifts, the Hubble expansion makes
the collision rate subdominant relative the radiative coupling rate to the CMB,
and so T tracks T, again. Consequently, there is a redshift window between
30 < z < 200, during which the cosmic hydrogen absorbs the CMB flux at its
resonant 21 cm transition. Coincidentally, this redshift interval precedes the
appearance of collapsed objects [23] and so its signatures are not contaminated
by nonlinear density structures or by radiative or hydrodynamic feedback
effects from stars and quasars, as is the case at lower redshifts [403].

During the period when the spin temperature is smaller than the CMB
temperature, neutral hydrogen atoms absorb CMB photons. The resonant
21 cm absorption reduces the brightness temperature of the CMB by,

Ty =7(Ts—T,) /(1+2), (157)



First Light 115

1000 II T T IIIIIII T T IIIIIII T T TTTTT
Z 100 2 E
= F ]

10 E

- u

0~ —

Z 20+ —
E - -
= [ i
t L 4
—40 |- —
_60-I 1 IIIIIIII 1 IIIIIIII 1 IIIIIII-

—_

10 100 1000
(I+2)

Fig. 52. Upper panel: Evolution of the gas, CMB and spin temperatures with
redshift (from Loeb & Zaldarriaga 2004 [225]). Lower panel: d7},/ddéu as function
of redshift. The separate contributions from fluctuations in the density and the
spin temperature are depicted. We also show dT}/dona o d7h,/ddu X du, with an
arbitrary normalization

where the optical depth for resonant 21 cm absorption is,

30)\2hA107’LH

T 2k TLH(z) (158)

Small inhomogeneities in the hydrogen density ég = (ny—nn)/fg result in
fluctuations of the 21 cm absorption through two separate effects. An excess
of neutral hydrogen directly increases the optical depth and also alters the
evolution of the spin temperature. For now, we ignore the additional effects
of peculiar velocities (Bharadwaj & Ali 2004 [41]; Barkana & Loeb 2004 [27])
as well as fluctuations in the gas kinetic temperature due to the adiabatic
compression (rarefaction) in overdense (underdense) regions [29]. Under these
approximations, we can write an equation for the resulting evolution of 1°
fluctuations,

dsT _
—— = [H(1+ 2)] " {[C10 + Co1 + (Bor + B1o)L,]6T

dz
+[Co1 Y — C1o(1 = 7)] 0ur}, (159)
leading to spin temperature fluctuations,

5T, 1 5T
T,  Wpr/A-nra-1) (160)
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The resulting brightness temperature fluctuations can be related to the deriva-
tive,
0Ty T 0Ty
i U N B (161)
Ty (Ts — Ty) Ty
The spin temperature fluctuations 67 /Ty are proportional to the density fluc-
tuations and so we define,

[N

Ty

_ T. Tb 0T,
T b -
n - T —T) Toon

(162)

through 6Ty, = (d7,/ddu)du. We ignore fluctuations in Cj; due to fluctuations
in Tyas which are very small [11]. Figure 52 shows dT3/ddn as a function of
redshift, including the two contributions to d73,/ddy, one originating directly
from density fluctuations and the second from the associated changes in the
spin temperature [322]. Both contributions have the same sign, because an
increase in density raises the collision rate and lowers the spin temperature
and so it allows Ty to better track Tyas. Since g grows with time as oy o a,
the signal peaks at z ~ 50, a slightly lower redshift than the peak of dT},/ddy.
Next we calculate the angular power spectrum of the brightness tempera-
ture on the sky, resulting from density perturbations with a power spectrum

P5 (k)a
(6r(k1)0m (ko)) = (2m)36P (k1 + ko) Ps(ky). (163)

where dy(k) is the Fourier tansform of the hydrogen density field, k is the
comoving wavevector, and (---) denotes an ensemble average (following the
formalism described in [403]). The 21 cm brightness temperature observed at
a frequency v corresponding to a distance r along the line of sight, is given by

dTy,

0Tp(n,v) = /er,,(r) o

o (n,r), (164)
where n denotes the direction of observation, Wy (r) is a narrow function of
r that peaks at the distance corresponding to v. The details of this function
depend on the characteristics of the experiment. The brightness fluctuations in
164 can be expanded in spherical harmonics with expansion coefficients a, (v).
The angular power spectrum of map Ci(v) = (Jaim(v)|?) can be expressed in
terms of the 3D power spectrum of fluctuations in the density Ps(k),

3
Ci(v) = 4w/%Pg(k)a12(k,u)
a(k,v) = /errO(T)%(r)jl(kr). (165)

Our calculation ignores inhomogeneities in the hydrogen ionization fraction,
since they freeze at the earlier recombination epoch (2 ~ 10%) and so their
amplitude is more than an order of magnitude smaller than dy at z < 100.
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The gravitational potential perturbations induce a redshift distortion effect
that is of order ~ (H/ck)? smaller than &g for the high-I modes of interest
here.

Figure 53 shows the angular power spectrum at various redshifts. The sig-
nal peaks around z ~ 50 but maintains a substantial amplitude over the full
range of 30 < z < 100. The ability to probe the small scale power of density
fluctuations is only limited by the Jeans scale, below which the dark matter
inhomogeneities are washed out by the finite pressure of the gas. Interestingly,
the cosmological Jeans mass reaches its minimum value, ~3 x 10* Mg, within
the redshift interval of interest here which corresponds to modes of angular
scale ~ arcsecond on the sky. During the epoch of reionization, photoionization
heating raises the Jeans mass by several orders of magnitude and broadens
spectral features, thus limiting the ability of other probes of the intergalactic
medium, such as the Ly« forest, from accessing the same very low mass scales.
The 21 cm tomography has the additional advantage of probing the majority
of the cosmic gas, instead of the trace amount (~107°) of neutral hydrogen
probed by the Ly« forest after reionization. Similarly to the primary CMB
anisotropies, the 21 cm signal is simply shaped by gravity, adiabatic cosmic ex-
pansion, and well-known atomic physics, and is not contaminated by complex
astrophysical processes that affect the intergalactic medium at z < 30.
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Fig. 53. Angular power spectrum of 21cm anisotropies on the sky at var-
ious redshifts (from Loeb & Zaldarriaga 2004 [225]). From top to bottom,
2z = 55,40, 80, 30, 120, 25, 170
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Characterizing the initial fluctuations is one of the primary goals of ob-
servational cosmology, as it offers a window into the physics of the very early
Universe, namely the epoch of inflation during which the fluctuations are be-
lieved to have been produced. In most models of inflation, the evolution of the
Hubble parameter during inflation leads to departures from a scale-invariant
spectrum that are of order 1/Nefolq With Negola ~ 60 being the number of
e—folds between the time when the scale of our horizon was of order the hori-
zon during inflation and the end of inflation [216]. Hints that the standard
ACDM model may have too much power on galactic scales have inspired sev-
eral proposals for suppressing the power on small scales. Examples include
the possibility that the dark matter is warm and it decoupled while being
relativistic so that its free streaming erased small-scale power [48], or di-
rect modifications of inflation that produce a cut-off in the power on small
scales [190]. An unavoidable collisionless component of the cosmic mass bud-
get beyond CDM, is provided by massive neutrinos (see [196] for a review).
Particle physics experiments established the mass splittings among different
species which translate into a lower limit on the fraction of the dark matter
accounted for by neutrinos of fy, > 0.3%, while current constraints based on
galaxies as tracers of the small scale power imply f, < 12% [359].

Figure 54 shows the 21 cm power spectrum for various models that differ
in their level of small scale power. It is clear that a precise measurement of
the 21 cm power spectrum will dramatically improve current constraints on
alternatives to the standard ACDM spectrum.

The 21 cm signal contains a wealth of information about the initial fluc-
tuations. A full sky map at a single photon frequency measured up to Iy ax,
can probe the power spectrum up to kpax ~ (lmax/104)Mpc_1. Such a map
contains (2, independent samples. By shifting the photon frequency, one
may obtain many independent measurements of the power. When measur-
ing a mode [, which corresponds to a wavenumber k ~ [/r, two maps at
different photon frequencies will be independent if they are separated in ra-
dial distance by 1/k. Thus, an experiment that covers a spatial range Ar
can probe a total of kAr ~ [Ar/r independent maps. An experiment that
detects the 21cm signal over a range Av centered on a frequency v, is
sensitive to Ar/r ~ 0.5(Av/v)(1 4+ 2)7/2, and so it measures a total of
Notem ~ 3 % 105 (1nax /10%)3 (Av /1) (2/100)~1/2 independent samples.

This detection capability cannot be reproduced even remotely by other
techniques. For example, the primary CMB anisotropies are damped on small
scales (through the so-called Silk damping), and probe only modes with [ <
3000(k < 0.2Mpc™!). The total number of modes available in the full sky
is Nemb = 202, ~ 2 % 107(I;nax/3000)?, including both temperature and
polarization information.

The sensitivity of an experiment depends strongly on its particular design,
involving the number and distribution of the antennae for an interferometer.
Crudely speaking, the uncertainty in the measurement of [I(1 + 1)Cy/27]/? is
dominated by noise, N,, which is controlled by the sky brightness I, at the
observed frequency v [403],
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Fig. 54. Upper panel: Power spectrum of 21 cm anisotropies at z = 55 for a ACDM
scale-invariant power spectrum, a model with n = 0.98, a model with n = 0.98 and
ar = (%)(d2 In P/dInk®) = —0.07, a model of warm dark matter particles with a
mass of 1keV, and a model in which fy = 10% of the matter density is in three species
of massive neutrinos with a mass of 0.4eV each. Lower panel: Ratios between the
different power spectra and the scale-invariant spectrum (from Loeb & Zaldarriaga
2004 [225))

N, N0'4mK( IV[50MHZ]_1> <lmin> <5ooo) <0.016)
5 X 105Jy ST 35 lmax fcover
1/2 ~1/2 2.5
o 1 year Av 50 MHz 7 (166)
to 50MHz v

where [y is the minimum observable [ as determined by the field of view
of the instruments, lax is the maximum observable [ as determined by the
maximum separation of the antennae, fcover is the fraction of the array area
thats is covered by telescopes, tg is the observation time and Av is the fre-
quency range over which the signal can be detected. Note that the assumed
sky temperature of 0.7 x 104K at v = 50 MHz (corresponding to z ~ 30) is
more than six orders of magnitude larger than the signal. We have already in-
cluded the fact that several independent maps can be produced by varying the
observed frequency. The numbers adopted above are appropriate for the inner
core of the LOFAR array (http://www.lofar.org), planned for initial operation
in 2006. The predicted signal is ~ 1mK, and so a year of integration or an
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increase in the covering fraction are required to observe it with LOFAR. Other
experiments whose goal is to detect 21 cm fluctuations from the subsequent
epoch of reionization at z ~ 6-12 (when ionized bubbles exist and the fluc-
tuations are larger) include the Mileura Wide-Field Array (MWA; Fig. 55
http://web.haystack.mit.edu/arrays/MWA /), the Primeval Structure Tele-
scope (PAST; http://arxiv.org/abs/astro-ph/0502029), and in the more dis-
tant future the Square Kilometer Array (SKA; http://www.skatelescope.org).
The main challenge in detecting the predicted signal from higher redshifts
involves its appearance at low frequencies where the sky noise is high. Pro-
posed space-based instruments [192] avoid the terrestrial radio noise and the
increasing atmospheric opacity at v < 20 MHz (corresponding to z > 70).
The 21 cm absorption is replaced by 21 cm emission from neutral hydrogen
as soon as the intergalactic medium is heated above the CMB temperature
by X-ray sources during the epoch of reionization [88]. This occurs long be-
fore reionization since the required heating requires only a modest amount
of energy, ~1072eV|[(1 + 2)/30], which is three orders of magnitude smaller
than the amount necessary to ionize the Universe. As demonstrated by Chen
& Miralda-Escude (2004) [88], heating due the recoil of atoms as they absorb
Lya photons [236] is not effective; the Ly color temperature reaches equi-
librium with the gas kinetic temperature and suppresses subsequent heating

Fig. 55. Prototype of the tile design for the Mileura Wide-Field Array (MWA) in
western Australia, aimed at detecting redshifted 21 cm from the epoch of reioniza-
tion. Each 4m X 4m tile contains 16 dipole antennas operating in the frequency range
of 80-300 MHz. Altogether the initial phase of MWA (the so-called “Low-Frequency
Demostrator”) will include 500 antenna tiles with a total collecting area of 8000 m?
at 150 MHz, scattered across a 1.5 km region and providing an angular resolution of
a few arcminutes
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before the level of heating becomes substantial. Once most of the cosmic hy-
drogen is reionized at zyeion, the 21 cm signal is diminished. The optical depth
for free-free absorption after reionization, ~ 0.1[(1 + zyeion)/20]%/%, modifies
only slightly the expected 21cm anisotropies. Gravitational lensing should
modify the power spectrum [286] at high I, but can be separated as in stan-
dard CMB studies (see [325] and references therein). The 21 cm signal should
be simpler to clean as it includes the same lensing foreground in independent
maps obtained at different frequencies.

The large number of independent modes probed by the 21 cm signal would

provide a measure of non-Gaussian deviations to a level of ~ Nz_llc/nz17 consti-
tuting a test of the inflationary origin of the primordial inhomogeneities which

are expected to possess deviations > 1076 [244].

9.2 The Characteristic Observed Size of Ionized Bubbles at the
End of Reionization

The first galaxies to appear in the Universe at redshifts z > 20 created ion-
ized bubbles in the intergalactic medium (IGM) of neutral hydrogen (HI)
left over from the Big-Bang. It is thought that the ionized bubbles grew with
time, surrounded clusters of dwarf galaxies[67, 143] and eventually overlapped
quickly throughout the Universe over a narrow redshift interval near z ~ 6.
This event signaled the end of the reionization epoch when the Universe was
a billion years old. Measuring the unknown size distribution of the bubbles
at their final overlap phase is a focus of forthcoming observational programs
aimed at highly redshifted 21 cm emission from atomic hydrogen. In this sub-
section we follow Wyithe & Loeb (2004) [398] and show that the combined
constraints of cosmic variance and causality imply an observed bubble size at
the end of the overlap epoch of ~ 10 physical Mpc, and a scatter in the ob-
served redshift of overlap along different lines-of-sight of ~0.15. This scatter
is consistent with observational constraints from recent spectroscopic data on
the farthest known quasars. This result implies that future radio experiments
should be tuned to a characteristic angular scale of ~0.5° and have a mini-
mum frequency band-width of ~8 MHz for an optimal detection of 21 cm flux
fluctuations near the end of reionization.

During the reionization epoch, the characteristic bubble size (defined here
as the spherically averaged mean radius of the H II regions that contain most
of the ionized volume [143]) increased with time as smaller bubbles combined
until their overlap completed and the diffuse IGM was reionized. However the
largest size of isolated bubbles (fully surrounded by Hi boundaries) that can
be observed is finite, because of the combined phenomena of cosmic variance
and causality. Figure 56 presents a schematic illustration of the geometry.
There is a surface on the sky corresponding to the time along different lines-
of-sight when the diffuse (uncollapsed) IGM was most recently neutral. We
refer to it as the Surface of Bubble Overlap (SBO). There are two competing
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Fig. 56. The distances to the observed Surface of Bubble Overlap (SBO) and Surface
of Lya Transmission (SLT) fluctuate on the sky. The SBO corresponds to the first
region of diffuse neutral IGM observed along a random line-of-sight. It fluctuates
across a shell with a minimum width dictated by the condition that the light crossing
time across the characteristic radius Rspo of ionized bubbles equals the cosmic
scatter in their formation times. Thus, causality and cosmic variance determine the
characteristic scale of bubbles at the completion of bubble overlap. After some time
delay the IGM becomes transparent to Lya photons, resulting in a second surface,
the SLT. The upper panel illustrates how the lines-of-sight towards two quasars (Q1
in red and Q2 in blue) intersect the SLT with a redshift difference dz. The resulting
variation in the observed spectrum of the two quasars is shown in the lower panel.
Observationally, the ensemble of redshifts down to which the Gunn-Peterson troughs
are seen in the spectra of z > 6.1 quasars is drawn from the probability distribution
dP/dzsur for the redshift at which the IGM started to allow Ly« transmission along
random lines-of-sight. The observed values of zspr show a small scatter Fan et al.
(2004) [127] in the SLT redshift around an average value of (zspr) ~ 5.95. Some
regions of the IGM may have also become transparent to Lya photons prior to
overlap, resulting in windows of transmission inside the Gunn-Peterson trough (one
such region may have been seen White et al. (2003) [380] in SDSS J1148+5251).
In the existing examples, the portions of the Universe probed by the lower end of
the Gunn-Peterson trough are located several hundred comoving Mpc away from the
background quasar, and are therefore not correlated with the quasar host galaxy. The
distribution dP/dzsyr is also independent of the redshift distribution of the quasars.
Moreover, lines-of-sight to these quasars are not causally connected at z ~ 6 and
may be considered independent. (From Wyithe & Loeb 2004 [398])

sources for fluctuations in the SBO, each of which is dependent on the char-
acteristic size, Rspo, of the ionized regions just before the final overlap. First,
the finite speed of light implies that 21 cm photons observed from different
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points along the curved boundary of an H II region must have been emitted
at different times during the history of the Universe. Second, bubbles on a
comoving scale R achieve reionization over a spread of redshifts due to cosmic
variance in the initial conditions of the density field smoothed on that scale.
The characteristic scale of H IT bubbles grows with time, leading to a decline in
the spread of their formation redshifts [67] as the cosmic variance is averaged
over an increasing spatial volume. However the 21 cm light-travel time across
a bubble rises concurrently. Suppose a signal 21 cm photon which encodes the
presence of neutral gas, is emitted from the far edge of the ionizing bubble.
If the adjacent region along the line-of-sight has not become ionized by the
time this photon reaches the near side of the bubble, then the photon will en-
counter diffuse neutral gas. Other photons emitted at this lower redshift will
therefore also encode the presence of diffuse neutral gas, implying that the
first photon was emitted prior to overlap, and not from the SBO. Hence the
largest observable scale of H II regions when their overlap completes, corre-
sponds to the first epoch at which the light crossing time becomes larger than
the spread in formation times of ionized regions. Only then will the signal
photon leaving the far side of the H II region have the lowest redshift of any
signal photon along that line-of-sight.

The observed spectra of some quasars (see Fig. 57) beyond z ~ 6.1 show
a Gunn-Peterson trough [163, 127] (Fan et al. 2005 [128]), a blank spectral
region at wavelengths shorter than Lya at the quasar redshift, implying the
presence of Hi in the diffuse IGM. The detection of Gunn-Peterson troughs
indicates a rapid change [126, 287, 380] in the neutral content of the IGM at
z ~ 6, and hence a rapid change in the intensity of the background ionizing
flux. This rapid change implies that overlap, and hence the reionization epoch,
concluded near z ~ 6. The most promising observational probe[403, 258] of the
reionization epoch is redshifted 21 cm emission from intergalactic Hr . Future
observations using low frequency radio arrays (e.g. LOFAR, MWA, and PAST)
will allow a direct determination of the topology and duration of the phase of
bubble overlap. In this section we determine the expected angular scale and
redshift width of the 21 cm fluctuations at the SBO theoretically, and show
that this determination is consistent with current observational constraints.

We start by quantifying the constraints of causality and cosmic variance.
First suppose we have an HII region with a physical radius R/(1 4+ (z)). For
a 21 cm photon, the light crossing time of this radius is

dz R
dt |,y c(1+(2))’

where at the high-redshifts of interest (dz/dt) = —(Hov/$2,)(1+2)°/2. Here, ¢
is the speed of light, Hy is the present-day Hubble constant, (2,, is the present
day matter density parameter, and (z) is the mean redshift of the SBO. Note
that when discussing this crossing time, we are referring to photons used to
probe the ionized bubble (e.g. at 21 ¢m), rather than photons involved in the
dynamics of the bubble evolution (Fig. 58).

(Az?)1/2 = (167)
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Fig. 57. Spectra of 19 quasars with redshifts 5.74 < z < 6.42 from the Sloan Digital

Sky Survey Far et al. (2005) [128]. For some of the highest-redshift quasars, the

spectrum shows no transmitted flux shortward of the Lya wavelength at the quasar

redshift (the so-called “Gunn-Peterson trough”), indicating a non-negligible neutral
fraction in the IGM (see the analysis of Fan et al. 2005 [128] for details)

Second, overlap would have occurred at different times in different regions
of the IGM due to the cosmic scatter in the process of structure formation
within finite spatial volumes [67]. Reionization should be completed within
a region of comoving radius R when the fraction of mass incorporated into
collapsed objects in this region attains a certain critical value, corresponding
to a threshold number of ionizing photons emitted per baryon. The ionization
state of a region is governed by the enclosed ionizing luminosity, by its over-
density, and by dense pockets of neutral gas that are self shielding to ionizing
radiation. There is an offset [67] dz between the redshift when a region of
mean over-density dg achieves this critical collapsed fraction, and the redshift
Z when the Universe achieves the same collapsed fraction on average. This
offset may be computed [67] from the expression for the collapsed fraction [52]
F., within a region of over-density g on a comoving scale R,
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21cm Tomography of Ionized Bubbles During Reionization is like

Slicing Swiss Cheese

Observed wavelength < distance
2lecmx (1+2)

Fig. 58. 21 cm imaging of ionized bubbles during the epoch of reionization is anal-
ogous to slicing swiss cheese. The technique of slicing at intervals separated by the
typical dimension of a bubble is optimal for revealing different pattens in each slice.
(From Loeb 2007 [218])
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where 0.(2) o (1+Z) is the collapse threshold for an over-density at a redshift
Z; or and oR,,,, are the variances in the power-spectrum linearly extrapolated
to z = 0 on comoving scales corresponding to the region of interest and to the
minimum galaxy mass Mpn, respectively. The offset in the ionization redshift
of a region depends on its linear over-density, 6r. As a result, the distribution
of offsets, and therefore the scatter in the SBO may be obtained directly from
the power spectrum of primordial inhomogeneities. As can be seen from (168),
larger regions have a smaller scatter due to their smaller cosmic variance.
Note that (168) is independent of the critical value of the collapsed fraction
required for reionization. Moreover, our numerical constraints are very weakly
dependent on the minimum galaxy mass, which we choose to have a virial
temperature of 10*K corresponding to the cooling threshold of primordial
atomic gas. The growth of an H II bubble around a cluster of sources requires
that the mean-free-path of ionizing photons be of order the bubble radius or
larger. Since ionizing photons can be absorbed by dense pockets of neutral gas
inside the H II region, the necessary increase in the mean-free-path with time
implies that the critical collapsed fraction required to ionize a region of size
R increases as well. This larger collapsed fraction affects the redshift at which
the region becomes ionized, but not the scatter in redshifts from place to place
which is the focus of this sub-section. Our results are therefore independent of
assumptions about unknown quantities such as the star formation efficiency
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and the escape fraction of ionizing photons from galaxies, as well as unknown
processes of feedback in galaxies and clumping of the IGM.

Figure 59 displays the above two fundamental constraints. The causality
constraint (167) is shown as the blue line, giving a longer crossing time for a
larger bubble size. This contrasts with the constraint of cosmic variance (168),
indicated by the red line, which shows how the scatter in formation times
decreases with increasing bubble size. The scatter in the SBO redshift and
the corresponding fluctuation scale of the SBO are given by the intersection
of these curves. We find that the thickness of the SBO is (A22)1/2 ~ 0.13, and
that the bubbles which form the SBO have a characteristic comoving size of
~ 60 Mpc (equivalent to 8.6 physical Mpc). At z ~ 6 this size corresponds to
angular scales of Ogpo ~ 0.4 degrees on the sky.

A scatter of ~ 0.15 in the SBO is somewhat larger than the value ex-
tracted from existing numerical simulations [152, 401]. The difference is most
likely due to the limited size of the simulated volumes; while the simulations
appropriately describe the reionization process within limited regions of the
Universe, they are not sufficiently large to describe the global properties of the
overlap phase [67]. The scales over which cosmological radiative transfer has
been simulated are smaller than the characteristic extent of the SBO, which
we find to be Rspo ~ 70 comoving Mpc.

We can constrain the scatter in the SBO redshift observationally using the
spectra of the highest redshift quasars. Since only a trace amount of neutral
hydrogen is needed to absorb Ly« photons, the time where the IGM becomes
Lya transparent need not coincide with bubble overlap. Following overlap
the IGM was exposed to ionizing sources in all directions and the ionizing
intensity rose rapidly. After some time the ionizing background flux was suf-
ficiently high that the Hr fraction fell to a level at which the IGM allowed
transmission of resonant Ly« photons. This is shown schematically in Fig. 56.
The lower wavelength limit of the Gunn-Peterson trough corresponds to the
Lya wavelength at the redshift when the IGM started to allow transmission
of Ly« photons along that particular line-of-sight. In addition to the SBO we
therefore also define the Surface of Lya Transmission (hereafter SLT) as the
redshift along different lines-of-sight when the diffuse IGM became transpar-
ent to Lya photons.

The scatter in the SLT redshift is an observable which we would like to
compare with the scatter in the SBO redshift. The variance of the density
field on large scales results in the biased clustering of sources [67]. H II regions
grow in size around these clusters of sources. In order for the ionizing photons
produced by a cluster to advance the walls of the ionized bubble around
it, the mean-free-path of these photons must be of order the bubble size or
larger. After bubble overlap, the ionizing intensity at any point grows until
the ionizing photons have time to travel across the scale of the new mean-free-
path, which represents the horizon out to which ionizing sources are visible.
Since the mean-free-path is larger than Rgpo, the ionizing intensity at the
SLT averages the cosmic scatter over a larger volume than at the SBO. This
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Fig. 59. Constraints on the scatter in the SBO redshift and the characteristic size of
isolated bubbles at the final overlap stage, Rspo (see Fig. 1). The characteristic size
of H II regions grows with time. The SBO is observed for the bubble scale at which
the light crossing time (blue line) first becomes smaller than the cosmic scatter in
bubble formation times (red line). At z ~ 6, the implied scale Rsgo ~ 60 comoving
Mpc (or ~ 8.6 physical Mpc), corresponds to a characteristic angular radius of
Ost ~ 0.4 degrees on the sky. After bubble overlap, the ionizing intensity grows
to a level at which the IGM becomes transparent to Lya photons. The collapsed
fraction required for Ly« transmission within a region of a certain size will be larger
than required for its ionization. However, the scatter in (168) is not sensitive to the
collapsed fraction, and so may be used for both the SBO and SLT. The scatter in
the SLT is smaller than the cosmic scatter in the structure formation time on the
scale of the mean-free-path for ionizing photons. This mean-free-path must be longer
than Rspo ~ 60 Mpc, an inference which is supported by analysis of the Ly« forest
at z ~ 4 where the mean-free-path is estimated Miralda-Escuclé (2003) [256] to be
~120 comoving Mpc at the Lyman limit (and longer at higher frequencies). If it is
dominated by cosmic variance, then the scatter in the SLT redshift provides a lower
limit to the SBO scatter. The three known quasars at z > 6.1 have Ly« transmission
redshifts of White et al. (2003) [380], Far et al. (2004) [127] zsLT = 5.9, 5.95 and 5.98,
implying that the scatter in the SBO must be > 0.05 (this scatter may become better
known from follow-up spectroscopy of Gamma Ray Burst afterglows at z > 6 that
might be discovered by the SWIFT satellite Barkana & Loeb (2004) [26], Bromm &
Loeb (2002) [61]). The observed scatter in the SLT redshift is somewhat smaller
than the predicted SBO scatter, confirming the expectation that cosmic variance is
smaller at the SLT. The scatter in the SBO redshift must also be < 0.25 because the
lines-of-sight to the two highest redshift quasars have a redshift of Ly« transparency
at z ~ 6, but a neutral fraction that is known from the prozimity effect Wyithe &
Loeb (2004) [395] to be substantial at z > 6.2-6.3. The excluded regions of scatter
for the SBO are shown in gray. (From Whithe & Loeb (2004) [398])
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constraint implies that the cosmic variance in the SLT redshift must be smaller
than the scatter in the SBO redshift. However, it is possible that opacity from
small-scale structure contributes additional scatter to the SLT redshift.

If cosmic variance dominates the observed scatter in the SLT redshift,
then based on the spectra of the three z > 6.1 quasars[127, 380] we would
expect the scatter in the SBO redshift to satisfy <Az2>i{)z > 0.05. In addition,
analysis of the proximity effect for the size of the H II regions around the two
highest redshift quasars[395, 250] implies a neutral fraction that is of order
unity (i.e. pre-overlap) at z ~ 6.2-6.3, while the transmission of Lya photons
at z < 6 implies that overlap must have completed by that time. This restricts

the scatter in the SBO to be (Az%iéz < 0.25. The constraints on values for
the scatter in the SBO redshift are shaded gray in Fig. 59. It is reassuring
that the theoretical prediction for the SBO scatter of <Az2>i£§ ~ 0.15, with a
characteristic scale of ~ 70 comoving Mpc, is bounded by these constraints.

The possible presence of a significantly neutral IGM just beyond the red-
shift of overlap[395, 250] is encouraging for upcoming 21 cm studies of the
reionization epoch as it results in emission near an observed frequency of
200 MHz where the signal is most readily detectable. Future observations
of redshifted 21cm line emission at 6 < z < 6.5 with instruments such as
LOFAR, MWA, and PAST, will be able to map the three-dimensional dis-
tribution of HI at the end of reionization. The intergalactic H II regions will
imprint a “knee” in the power-spectrum of the 21 cm anisotropies on a char-
acteristic angular scale corresponding to a typical isolated H II region[403].
Our results suggest that this characteristic angular scale is large at the end
of reionization, fspo ~ 0.5 degrees, motivating the construction of compact
low frequency arrays. An SBO thickness of (Az2)!/2 ~ 0.15 suggests a min-
imum frequency band-width of ~ 8 MHz for experiments aiming to detect
anisotropies in 21 cm emission just prior to overlap. These results will help
guide the design of the next generation of low-frequency radio observatories
in the search for 21 cm emission at the end of the reionization epoch.

The full size distribution of ionized bubbles has to be calculated from a
numerical cosmological simulation that includes gas dynamics and radiative
transfer. The simulation box needs to be sufficiently large for it to sample an
unbiased volume of the Universe with little cosmic variance, but at the same
time one must resolve the scale of individual dwarf galaxies which provide (as
well as consume) ionizing photons (see discussion at the last section of this
review). Until a reliable simulation of this magnitude exists, one must adopt
an approximate analytic approach to estimate the bubble size distribution.
Below we describe an example for such a method, developed by Furlanetto
et al. (2004) [143].

The criterion for a region to be ionized is that galaxies inside of it produce
a sufficient number of ionizing photons per baryon. This condition can be
translated to the requirement that the collapsed fraction of mass in halos above
some threshold mass My, will exceed some threshold, namely F.o > (~'.
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The minimum halo mass most likely corresponds to a virial temperature of
10* K relating to the threshold for atomic cooling (assuming that molecular
hydrogen cooling is suppressed by the UV background in the Lyman-Werner
band). We would like to find the largest region around every point that satisfies
the above condition on the collapse fraction and then calculate the abundance
of ionized regions of this size. Different regions have different values of Fi,
because their mean density is different. In the extended Press-Schechter model
(Bond et al. 1991 [52]; Lacey & Cole 1993 [210]), the collapse fraction in a
region of mean overdensity dy; is

= erfc O —om
Fool = erf ( Vo 02(M7Z)]> . (169)

min

where 0?(M, z) is the variance of density fluctuations on mass scale M, 02, =
02(Muin, ), and J. is the collapse threshold. This equation can be used to
derive the condition on the mean overdensity within a region of mass M in
order for it to be ionized,

bt > 0p(M, 2) = 8. — VK (Oloy, — o2 (M, )2, (170)
where K (¢) = erfc™*(1—¢~1). Furlanetto et al. [143] showed how to construct
the mass function of ionized regions from dp in analogy with the halo mass
function (Press & Schechter 1974 [290]; Bond et al. 1991 [52]). The barrier in

(170) is well approximated by a linear dependence on o2,

6p ~ B(M) = By + Byo?*(M), (171)

in which case the mass function has an analytic solution (Sheth 1998 [331]),

where p is the mean mass density. This solution provides the comoving number
density of ionized bubbles with mass in the range of (M, M + dM). The main
difference of this result from the Press-Schechter mass function is that the
barrier in this case becomes more difficult to cross on smaller scales because
0p is a decreasing function of mass M. This gives bubbles a characteristic size.
The size evolves with redshift in a way that depends only on ¢ and Myiy,.
One limitation of the above analytic model is that it ignores the non-
local influence of sources on distant regions (such as voids) as well as the
possible shadowing effect of intervening gas. Radiative transfer effects in the
real Universe are inherently three-dimensional and cannot be fully captured
by spherical averages as done in this model. Moreover, the value of My, is
expected to increase in regions that were already ionized, complicating the ex-
pectation of whether they will remain ionized later. The history of reionization
could be complicated and non monotonic in individual regions, as described

dlno
dln M

(172)
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by Furlanetto & Loeb (2005) [144]. Finally, the above analytic formalism does
not take the light propagation delay into account as we have done above in
estimating the characteristic bubble size at the end of reionization. Hence this
formalism describes the observed bubbles only as long as the characteristic
bubble size is sufficiently small, so that the light propagation delay can be
neglected compared to cosmic variance. The general effect of the light prop-
agation delay on the power-spectrum of 21 cm fluctuations was quantified by
Barkana & Loeb (2005) [29].

9.3 Separating the “Physics” from the “Astrophysics”
of the Reionization Epoch with 21 cm Fluctuations

The 21 cm signal can be seen from epochs during which the cosmic gas was
largely neutral and deviated from thermal equilibrium with the cosmic mi-
crowave background (CMB). The signal vanished at redshifts z > 200, when
the residual fraction of free electrons after cosmological recombination kept the
gas kinetic temperature, Tk, close to the CMB temperature, T, (see Fig. 52).
But during 200 > z > 30 the gas cooled adiabatically and atomic collisions
kept the spin temperature of the hyperfine level population below T’,, so that
the gas appeared in absorption [322, 225]. As the Hubble expansion contin-
ued to rarefy the gas, radiative coupling of 7y to T’, began to dominate and
the 21 cm signal faded. When the first galaxies formed, the UV photons they
produced between the Lya and Lyman limit wavelengths propagated freely
through the Universe, redshifted into the Ly« resonance, and coupled Ty and
Ty once again through the Wouthuysen-Field [387, 131] effect by which the
two hyperfine states are mixed through the absorption and re-emission of a
Lya photon [236, 96]. Emission above the Lyman limit by the same galaxies
initiated the process of reionization by creating ionized bubbles in the neutral
cosmic gas, while X-ray photons propagated farther and heated 7j above T,
throughout the Universe. Once T grew larger than 7', the gas appeared in
21 cm emission. The ionized bubbles imprinted a knee in the power spectrum
of 21 cm fluctuations [403], which traced the H I topology until the process of
reionization was completed [143].

The various effects that determine the 21 cm fluctuations can be separated
into two classes. The density power spectrum probes basic cosmological pa-
rameters and inflationary initial conditions, and can be calculated exactly in
linear theory. However, the radiation from galaxies, both Ly« radiation and
ionizing photons, involves the complex, non-linear physics of galaxy forma-
tion and star formation. If only the sum of all fluctuations could be measured,
then it would be difficult to extract the separate sources, and in particular,
the extraction of the power spectrum would be subject to systematic errors in-
volving the properties of galaxies. Barkana & Loeb (2005) [28] showed that the
unique three-dimensional properties of 21 cm measurements permit a separa-
tion of these distinct effects. Thus, 21 cm fluctuations can probe astrophysical
(radiative) sources associated with the first galaxies, while at the same time
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separately probing the physical (inflationary) initial conditions of the Uni-
verse. In order to affect this separation most easily, it is necessary to measure
the three-dimensional power spectrum of 21 cm fluctuations. The discussion
in this section follows Barkana & Loeb (2005) [28].

Spin Temperature History

As long as the spin-temperature Ty is smaller than the CMB temperature
T, = 2.725(1 + z) K, hydrogen atoms absorb the CMB, whereas if Ty > T,
they emit excess flux. In general, the resonant 21 cm interaction changes the
brightness temperature of the CMB by [322, 236] Ty, = 7 (Ts — T,) /(1 + 2),
where the optical depth at a wavelength A\ = 21 cm is

30)\2hA10nH
7— =
327kTy (1 + z) (du,/dr)

THI , (173)

where ny is the number density of hydrogen, Ay = 2.85 x 10719571 is the
spontaneous emission coefficient, zyr is the neutral hydrogen fraction, and
dv,/dr is the gradient of the radial velocity along the line of sight with v, being
the physical radial velocity and r the comoving distance; on average dv,/dr =
H(z)/(1 + z) where H is the Hubble parameter. The velocity gradient term
arises because it dictates the path length over which a 21 cm photon resonates
with atoms before it is shifted out of resonance by the Doppler effect [340].

For the concordance set of cosmological parameters [347], the mean bright-
ness temperature on the sky at redshift z is

Ty, = 28 mK (Qbh) (Qm)é [(Hz)r/z {(TS_T”)} T, (174)

0.033 ) \ 0.27 10 T,

where Ty is the mean neutral fraction of hydrogen. The spin temperature it-
self is coupled to Ty through the spin-flip transition, which can be excited by
collisions or by the absorption of Ly« photons. As a result, the combination
that appears in Ty, becomes [131] (Ty —T5)/Ts = [®tot/ (1 + tot)] (1 — T /Tk),
where Ziot = o + T 1s the sum of the radiative and collisional thresh-
old parameters. These parameters are z, = 4P,T,/ 27A 0T, and z. =
4k1-0(Tk) nuTy/3A10T,, where P, is the Ly« scattering rate which is propor-
tional to the Ly« intensity, and x1_g is tabulated as a function of Ty [11, 405].
The coupling of the spin temperature to the gas temperature becomes sub-
stantial when z¢ > 1.

Brightness Temperature Fluctuations

Although the mean 21 cm emission or absorption is difficult to measure due
to bright foregrounds, the unique character of the fluctuations in 73, allows for
a much easier extraction of the signal [154, 403, 258, 259, 313]. We adopt the
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notation 04 for the fractional fluctuation in quantity A (with a lone § denoting
density perturbations). In general, the fluctuations in 7}, can be sourced by
fluctuations in gas density (¢), Lya flux (through d,,_ ) neutral fraction (0., ),
radial velocity gradient (d4,,,), and temperature, so we find

5Tb = (1+ ~$C >5+ Nxa 6:2(1 +51HI _6dr’0r

Ttot Ttot

Tv L dlog(ﬁlf(J)

o= 1) |5t =
+(A/ ) |:Tk — T’Y + Ttot leg(Tk)

5, (175)

where the adiabatic index is v, = 1 + (07, /0), and we define Tyt = (1 +
Ztot )Ttot- Laking the Fourier transform, we obtain the power spectrum of
each quantity; e.g., the total power spectrum Pr, is defined by

(07, (k1)d, (k2)) = (27)%6" (k1 + k2)Pr, (k1) | (176)

where o7, (k) is the Fourier transform of 07, , k is the comoving wavevector,
6P is the Dirac delta function, and (- - - ) denotes an ensemble average. In this
analysis, we consider scales much bigger than the characteristic bubble size
and the early phase of reionization (when d,,, << 1), so that the fluctuations
0z, are also much smaller than unity. For a more general treatment, see
McQuinn et al. (2005) [249].

The Separation of Powers

The fluctuation d7, consists of a number of isotropic sources of fluctuations
plus the peculiar velocity term —d4,,,. Its Fourier transform is simply propor-
tional to that of the density field [189, 41],

Sdrvr = _/'1’257 (]‘77)

where © = cosfx in terms of the angle 6 of k with respect to the line of
sight. The p? dependence in this equation results from taking the radial (i.e.,
line-of-sight) component (o u) of the peculiar velocity, and then the radial
component (o p) of its gradient. Intuitively, a high-density region possesses a
velocity infall towards the density peak, implying that a photon must travel
further from the peak in order to reach a fixed relative redshift, compared with
the case of pure Hubble expansion. Thus the optical depth is always increased
by this effect in regions with § > 0. This phenomenon is most properly termed
velocity compression.
We therefore write the fluctuation in Fourier space as

51, (K) = p25(K) + BO(K) + braa(K) (178)

where we have defined a coefficient 5 by collecting all terms o< ¢ in (175), and
have also combined the terms that depend on the radiation fields of Lya pho-
tons and ionizing photons, respectively. We assume that these radiation fields
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produce isotropic power spectra, since the physical processes that determine
them have no preferred direction in space. The total power spectrum is

Pr, (k) = p* Ps(k) + 2u*[3P5 (k) 4 Ps.raa (k)]
+[6%Ps (k) + Praa (k) + 28Ps.caa (k)] (179)

where we have defined the power spectrum Pjs...q as the Fourier transform of
the cross-correlation function,

Esorad (’I") = <5(I‘1) Orad (1‘1 + I')> . (180)

We note that a similar anisotropy in the power spectrum has been pre-
viously derived in a different context, i.e., where the use of galaxy redshifts
to estimate distances changes the apparent line-of-sight density of galaxies in
redshift surveys [189, 217, 176, 133]. However, galaxies are intrinsically com-
plex tracers of the underlying density field, and in that case there is no analog
to the method that we demonstrate below for separating in 21 cm fluctuations
the effect of initial conditions from that of later astrophysical processes.

The velocity gradient term has also been examined for its global effect on
the sky-averaged power and on radio visibilities [365, 41]. The other sources
of 21 cm perturbations are isotropic and would produce a power spectrum
P, (k) that could be measured by averaging the power over spherical shells
in k space. In the simple case where § = 1 and only the density and velocity
terms contribute, the velocity term increases the total power by a factor of
((1 + p2)?) = 1.87 in the spherical average. However, instead of averaging
the signal, we can use the angular structure of the power spectrum to greatly
increase the discriminatory power of 21 cm observations. We may break up
each spherical shell in k space into rings of constant p and construct the
observed Pry (k, ). Considering (179) as a polynomial in p, ie., p*Pu +
M2P1.L2 + B, we see that the power at just three values of y is required in
order to separate out the coefficients of 1, u2, and u* for each k.

If the velocity compression were not present, then only the u-independent
term (times 7;2) would have been observed, and its separation into the
five components (T}, G, and three power spectra) would have been diffi-
cult and subject to degeneracies. Once the power has been separated into
three parts, however, the u* coefficient can be used to measure the density
power spectrum directly, with no interference from any other source of fluc-
tuations. Since the overall amplitude of the power spectrum, and its scal-
ing with redshift, are well determined from the combination of the CMB
temperature fluctuations and galaxy surveys, the amplitude of P, directly
determines the mean brightness temperature 7Ti, on the sky, which mea-
sures a combination of Ty and Zyy at the observed redshift. McQuinn et al.
(2005) [249] analysed in detail the parameters that can be constrained by up-
coming 21 cm experiments in concert with future CMB experiments such as
Planck (http://www.rssd.esa.int/index.php?project=PLANCK). Once Pj(k)
has been determined, the coefficients of the 2 term and the p-independent
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term must be used to determine the remaining unknowns, 3, Ps.rad(k), and
P,aa(k). Since the coefficient [ is independent of k, determining it and thus
breaking the last remaining degeneracy requires only a weak additional as-
sumption on the behavior of the power spectra, such as their asymptotic
behavior at large or small scales. If the measurements cover Ny values of
wavenumber k, then one wishes to determine 2Ny + 1 quantities based on 2Ny
measurements, which should not cause significant degeneracies when Ny, > 1.
Even without knowing (3, one can probe whether some sources of Paq(k)
are uncorrelated with ¢; the quantity Py, s5(k) = Bo — Pf2 /(4F,4) equals
Praa — P} .4/ Ps, which receives no contribution from any source that is a
linear functional of the density distribution (see the next subsection for an
example).

Specific Epochs

At z ~ 35, collisions are effective due to the high gas density, so one can
measure the density power spectrum [225] and the redshift evolution of nyr,
T, and Ti. At z < 35, collisions become ineffective but the first stars produce
a cosmic background of Ly« photons (i.e. photons that redshift into the Ly«
resonance) that couples Ty to Tk. During the period of initial Ly« coupling,
fluctuations in the Lya flux translate into fluctuations in the 21 cm bright-
ness [30]. This signal can be observed from z ~ 25 until the Lya coupling
is completed (i.e., xtor > 1) at z ~ 15. At a given redshift, each atom sees
Lya photons that were originally emitted at earlier times at rest-frame wave-
lengths between Lya and the Lyman limit. Distant sources are time retarded,
and since there are fewer galaxies in the distant, earlier Universe, each atom
sees sources only out to an apparent source horizon of ~ 100 comoving Mpc at
z ~ 20. A significant portion of the flux comes from nearby sources, because of
the 1/r? decline of flux with distance, and since higher Lyman series photons,
which are degraded to Lya photons through scattering, can only be seen from
a small redshift interval that corresponds to the wavelength interval between
two consecutive atomic levels.

There are two separate sources of fluctuations in the Lya flux [30]. The
first is density inhomogeneities. Since gravitational instability proceeds faster
in overdense regions, the biased distribution of rare galactic halos fluctuates
much more than the global dark matter density. When the number of sources
seen by each atom is relatively small, Poisson fluctuations provide a second
source of fluctuations. Unlike typical Poisson noise, these fluctuations are cor-
related between gas elements at different places, since two nearby elements see
many of the same sources. Assuming a scale-invariant spectrum of primordial
density fluctuations, and that x, = 1 is produced at z = 20 by galaxies in
dark matter halos where the gas cools efficiently via atomic cooling, Fig. 60
shows the predicted observable power spectra. The figure suggests that 3 can
be measured from the ratio P.2/Fs at k > 1 Mpc™!, allowing the density-
induced fluctuations in flux to be extracted from F,2, while only the Poisson
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Fig. 60. Observable power spectra during the period of initial Ly« coupling. Upper
panel: Assumes adiabatic cooling. Lower panel: Assumes pre-heating to 500 K by
X-ray sources. Shown are P1 = P (solid curves), P2 (short-dashed curves), and
Pyn—s (long-dashed curves), as well as for comparison 28Ps (dotted curves)

fluctuations contribute to P,,_s. Each of these components probes the num-
ber density of galaxies through its magnitude, and the distribution of source
distances through its shape. Measurements at k > 100 Mpc ! can indepen-
dently probe Ty because of the smoothing effects of the gas pressure and the
thermal width of the 21 c¢m line.

After Lya coupling and X-ray heating are both completed, reionization
continues. Since 3 = 1 and Ty > T,, the normalization of P directly
measures the mean neutral hydrogen fraction, and one can separately probe
the density fluctuations, the neutral hydrogen fluctuations, and their cross-
correlation.

Fluctuations on Large Angular Scales

Full-sky observations must normally be analyzed with an angular and radial
transform [143, 313, 41], rather than a Fourier transform which is simpler
and yields more directly the underlying 3D power spectrum [258, 259]. The
21 cm brightness fluctuations at a given redshift — corresponding to a comoving
distance ry from the observer — can be expanded in spherical harmonics with
expansion coefficients ay, (), where the angular power spectrum is
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Cilro) = (lam()?) = 4 [ 55 G hro) Pyt
+2P5.caa(k)Gi(kro)ji(kro) + Praa(k)jf (kro)| (181)

with Gi(z) = Ji(x) + (8 — 1)ji(x) and Ji(z) being a linear combination of
spherical Bessel functions [41].

In an angular transform on the sky, an angle of 6 radians translates to a
spherical multipole [ ~ 3.5/6. For measurements on a screen at a comoving
distance 79, a multipole [ normally measures 3D power on a scale of k=1 ~
Org ~ 35/1Gpc for I > 1, since o ~ 10Gpc at z > 10. This estimate fails
at [ £ 100, however, when we consider the sources of 21 cm fluctuations. The
angular projection implied in C; involves a weighted average (181) that favors
large scales when [ is small, but density fluctuations possess little large-scale
power, and the C) are dominated by power around the peak of kPs(k), at a
few tens of comoving Mpc.

Figure 61 shows that for density and velocity fluctuations, even the [ =1
multipole is affected by power at k! > 200 Mpc only at the 2% level. Due to
the small number of large angular modes available on the sky, the expectation
value of () cannot be measured precisely at small [. Figure 61 shows that
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Fig. 61. Effect of large-scale power on the angular power spectrum of 21cm
anisotropies on the sky. This example shows the power from density fluctuations
and velocity compression, assuming a warm IGM at z = 12 with Ty = Tk > T,.
Shown is the % change in C) if we were to cut off the power spectrum above 1/k of
200, 180, 160, 140, 120, and 100 Mpc (top to bottom). Also shown for comparison is
the cosmic variance for averaging in bands of Al ~ I (dashed lines)
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this precludes new information from being obtained on scales k=1 > 130 Mpc
using angular structure at any given redshift. Fluctuations on such scales may
be measurable using a range of redshifts, but the required Az > 1 at z ~ 10
implies significant difficulties with foreground subtraction and with the need
to account for time evolution.

10 Major Challenge for Future Theoretical Research

Radiative transfer during reionization requires a large dynamic range, chal-
lenging the capabilities of existing simulation codes.

Observations of the cosmic microwave background [347] have confirmed
the notion that the present large-scale structure in the Universe originated
from small-amplitude density fluctuations at early cosmic times. Due to the
natural instability of gravity, regions that were denser than average collapsed
and formed bound halos, first on small spatial scales and later on larger and
larger scales. At each snapshot of this cosmic evolution, the abundance of
collapsed halos, whose masses are dominated by cold dark matter, can be
computed from the initial conditions using numerical simulations and can
be understood using approximate analytic models [291, 52]. The common
understanding of galaxy formation is based on the notion that the constituent
stars formed out of the gas that cooled and subsequently condensed to high
densities in the cores of some of these halos [378].

The standard analytic model for the abundance of halos [291, 52] considers
the small density fluctuations at some early, initial time, and attempts to
predict the number of halos that will form at some later time corresponding
to a redshift z. First, the fluctuations are extrapolated to the present time
using the growth rate of linear fluctuations, and then the average density
is computed in spheres of various sizes. Whenever the overdensity (i.e., the
density perturbation in units of the cosmic mean density) in a sphere rises
above a critical threshold d.(z), the corresponding region is assumed to have
collapsed by redshift z, forming a halo out of all the mass that had been
included in the initial spherical region. In analyzing the statistics of such
regions, the model separates the contribution of large-scale modes from that
of small-scale density fluctuations. It predicts that galactic halos will form
earlier in regions that are overdense on large scales [188, 19, 97, 257], since
these regions already start out from an enhanced level of density, and small-
scale modes need only supply the remaining perturbation necessary to reach
d¢(2). On the other hand, large-scale voids should contain a reduced number of
halos at high redshift. In this way, the analytic model describes the clustering
of massive halos.

As gas falls into a dark matter halo, it can fragment into stars only if its
virial temperature is above 10* K for cooling mediated by atomic transitions
[or ~ 500K for molecular Hy cooling; see Fig. 62]. The abundance of dark
matter halos with a virial temperature above this cooling threshold declines
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Fig. 62. Cooling rates as a function of temperature for a primordial gas composed
of atomic hydrogen and helium, as well as molecular hydrogen, in the absence of
any external radiation (from Barkana & Loeb 2001 [23]). We assume a hydrogen
number density ng = 0.045 cm ™2, corresponding to the mean density of virialized
halos at z = 10. The plotted quantity A/n# is roughly independent of density (unless
nu > 10 em™?), where A is the volume cooling rate (in erg sec™' cm™®). The solid
line shows the cooling curve for an atomic gas, with the characteristic peaks due
to collisional excitation of H1 and He2. The dashed line shows the additional

contribution of molecular cooling, assuming a molecular abundance equal to 1%
of ny

sharply with increasing redshift due to the exponential cutoff in the abun-
dance of massive halos at early cosmic times. Consequently, a small change
in the collapse threshold of these rare halos, due to mild inhomogeneities on
much larger spatial scales, can change the abundance of such halos dramati-
cally. Barkana & Loeb (2004) [27] have shown that the modulation of galaxy
formation by long wavelength modes of density fluctuations is therefore am-

plified considerably at high redshift; the discussion in this section follows their
analysis.

10.1 Amplification of Density Fluctuations

Galaxies at high redshift are believed to form in all halos above some minimum
mass Muin that depends on the efficiency of atomic and molecular transitions
that cool the gas within each halo. This makes useful the standard quantity
of the collapse fraction Feo)(Mmin), which is the fraction of mass in a given
volume that is contained in halos of individual mass My, or greater (see
Fig. 63). If we set My, to be the minimum halo mass in which efficient
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Fig. 63. Fraction of baryons that assembled into dark matter halos with a virial
temperature of Tyiy > 10* K as a function of redshift. These baryons are above
the temperature threshold for gas cooling and fragmentation via atomic transitions.
After reionization the temperature barrier for star formation in galaxies is raised
because the photo-ionized intergalactic medium is already heated to ~10* K and it
can condense only into halos with Ti;, > 10° K

cooling processes are triggered, then Fro(Mpmin) is the fraction of all baryons
that reside in galaxies. In a large-scale region of comoving radius R with a
mean overdensity g, the standard result is

= erfc Oc(2) on
\/2 [S(Rmin) - S(R)]

Fcol(Mmin) ) (182)

where S(R) = 0?(R) is the variance of fluctuations in spheres of radius R, and
S(Rmin) is the variance in spheres of radius Ry, corresponding to the region
at the initial time that contained a mass M,;,. In particular, the cosmic mean
value of the collapse fraction is obtained in the limit of R — oo by setting
6r and S(R) to zero in this expression. Throughout this section we shall
adopt this standard model, known as the extended Press-Schechter model.
Whenever we consider a cubic region, we will estimate its halo abundance
by applying the model to a spherical region of equal volume. Note also that
we will consistently quote values of comoving distance, which equals physical
distance times a factor of (1 + z).

At high redshift, galactic halos are rare and correspond to high peaks in
the Gaussian probability distribution of initial fluctuations. A modest change
in the overall density of a large region modulates the threshold for high peaks
in the Gaussian density field, so that the number of galaxies is exponentially
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sensitive to this modulation. This amplification of large-scale modes is respon-
sible for the large statistical fluctuations that we find.

In numerical simulations, periodic boundary conditions are usually as-
sumed, and this forces the mean density of the box to equal the cosmic mean
density. The abundance of halos as a function of mass is then biased in such a
box (see Fig. 64), since a similar region in the real Universe will have a distri-
bution of different overdensities dg. At high redshift, when galaxies correspond
to high peaks, they are mostly found in regions with an enhanced large-scale
density. In a periodic box, therefore, the total number of galaxies is artificially
reduced, and the relative abundance of galactic halos with different masses is
artificially tilted in favor of lower-mass halos. Let us illustrate these results
for two sets of parameters, one corresponding to the first galaxies and early
reionization (z = 20) and the other to the current horizon in observations
of galaxies and late reionization (z = 7). Let us consider a resolution equal
to that of state-of-the-art cosmological simulations that include gravity and
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Fig. 64. Bias in the halo mass distribution in simulations. Shown is the amount
of mass contained in all halos of individual mass Mpuin or greater, expressed as a
fraction of the total mass in a given volume. This cumulative fraction Feol(Mmin) is
illustrated as a function of the minimum halo mass Mmin. We consider two cases of
redshift and simulation box size, namely z = 7, lpox = 6 Mpc (upper curves), and
z = 20, lbox = 1 Mpc (lower curves). At each redshift, we compare the true average
distribution in the Universe (dotted curve) to the biased distribution (solid curve)
that would be measured in a simulation box with periodic boundary conditions (for
which dr is artificially set to zero)
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gas hydrodynamics. Specifically, let us assume that the total number of dark
matter particles in the simulation is N = 3243, and that the smallest halo
that can form a galaxy must be resolved into 500 particles; [348] showed that
this resolution is necessary in order to determine the star formation rate in an
individual halo reliably to within a factor of two. Therefore, if we assume that
halos that cool via molecular hydrogen must be resolved at z = 20 (so that
Mpin = 7 x 10° Mg), and only those that cool via atomic transitions must
be resolved at z = 7 (so that My, = 108 Mg), then the maximum box sizes
that can currently be simulated in hydrodynamic comological simulations are
lbox = 1 Mpc and l,ox = 6 Mpc at these two redshifts, respectively.

At each redshift we only consider cubic boxes large enough so that the
probability of forming a halo on the scale of the entire box is negligible. In
this case, g is Gaussian distributed with zero mean and variance S(R), since
the no-halo condition /S(R) < d.(z) implies that at redshift z the per-
turbation on the scale R is still in the linear regime. We can then calculate
the probability distribution of collapse fractions in a box of a given size (see
Fig. 65). This distribution corresponds to a real variation in the fraction of
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Fig. 65. Probability distribution within a small volume of the total mass frac-
tion in galactic halos. The normalized distribution of the logarithm of this fraction
Foo1(Mmin) is shown for two cases: z = 7, lpox = 6 Mpc, Mmin = 10% Mg (upper
panel), and z = 20, lpox = 1 Mpc, Muyin = 7 X 10° Mg (bottom panel). In each
case, the value in a periodic box (dr = 0) is shown along with the value that would
be expected given a plus or minus 1 — o fluctuation in the mean density of the box
(dashed wvertical lines). Also shown in each case is the mean value of Feoi(Mmin)
averaged over large cosmological volumes (solid vertical line)
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gas in galaxies within different regions of the Universe at a given time. In a
numerical simulation, the assumption of periodic boundary conditions elimi-
nates the large-scale modes that cause this cosmic scatter. Note that Poisson
fluctuations in the number of halos within the box would only add to the
scatter, although the variations we have calculated are typically the domi-
nant factor. For instance, in our two standard examples, the mean expected
number of halos in the box is 3 at z = 20 and 900 at z = 7, resulting in
Poisson fluctuations of a factor of about 2 and 1.03, respectively, compared to
the clustering-induced scatter of a factor of about 16 and 2 in these two cases.

Within the extended Press-Schechter model, both the numerical bias and
the cosmic scatter can be simply described in terms of a shift in the redshift
(see Fig. 66). In general, a region of radius R with a mean overdensity dg will
contain a different collapse fraction than the cosmic mean value at a given
redshift z. However, at some wrong redshift z + Az this small region will
contain the cosmic mean collapse fraction at z. At high redshifts (z > 3),
this shift in redshift was derived by Barkana & Loeb [27] from (182) [and was
already mentioned in (168)]
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Fig. 66. Cosmic scatter and numerical bias, expressed as the change in redshift
needed to get the correct cosmic mean of the collapse fraction. The plot shows the
1 — o scatter (about the biased value) in the redshift of reionization, or any other
phenomenon that depends on the mass fraction in galaxies (bottom panel), as
well as the redshift bias [expressed as a fraction of (1 4 z)] in periodic simulation
boxes (upper panel). The bias is shown for Mmin = 7 X 10° Mg (solid curve),
Muin = 108 Mg (dashed curve), and Mmin = 3 X 10'° Mg (dotted curve). The bias
is always negative, and the plot gives its absolute value. When expressed as a shift
in redshift, the scatter is independent of Mmin
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S(R)

7S(Rmin) , (183)

Az=——(14+2) % ll— 1-—

where dp = dc(2)/(1 + z) is approximately constant at high redshifts [282],
and equals 1.28 for the standard cosmological parameters (with its deviation
from the Einstein-de Sitter value of 1.69 resulting from the existence of a
cosmological constant). Thus, in our two examples, the bias is —2.6 at z = 20
and —0.4 at z = 7, and the one-sided 1 — o scatter is 2.4 at z = 20 and 1.2 at
z="T.

10.2 Matching Numerical Simulations

Next we may develop an improved model that fits the results of numerical
simulations more accurately. The model constructs the halo mass distribution
(or mass function); cumulative quantities such as the collapse fraction or the
total number of galaxies can then be determined from it via integration. We
first define f(d.(2),S)dS to be the mass fraction contained at z within halos
with mass in the range corresponding to S to S + dS. As derived earlier, the
Press-Schechter halo abundance is

dn _ po
dM M

ds
| 16,5 (184)

where dn is the comoving number density of halos with masses in the range
M to M + dM, and

5:(2),5) = v 185
fos(0.2).8) = =g e || (185)
where v = 6.(2)/v/S is the number of standard deviations that the critical
collapse overdensity represents on the mass scale M corresponding to the
variance S.

However, the Press-Schechter mass function fits numerical simulations only
roughly, and in particular it substantially underestimates the abundance of
the rare halos that host galaxies at high redshift. The halo mass function
of [332] [see also [333]] adds two free parameters that allow it to fit numerical
simulations much more accurately [186]. These N-body simulations followed
very large volumes at low redshift, so that cosmic scatter did not compromise
their accuracy. The matching mass function is given by

a’ 1,,2

for(3:(2), 8) = A5 5 [1+(GT12)‘1'} exp {—%] . (186)

with best-fit parameters [334] ¢’ = 0.75 and ¢’ = 0.3, and where normalization
to unity is ensured by taking A’ = 0.322.
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In order to calculate cosmic scatter we must determine the biased halo
mass function in a given volume at a given mean density. Within the extended
Press-Schechter model [52], the halo mass distribution in a region of comoving
radius R with a mean overdensity &5 is given by

fbiasfPS((sc(Z)a SR; R7 S) = fPS((SC(Z) - SR; S — S(R)) . (187)

The corresponding collapse fraction in this case is given simply by (182).
Despite the relatively low accuracy of the Press-Schechter mass function, the
relative change is predicted rather accurately by the extended Press-Schechter
model. In other words, the prediction for the halo mass function in a given
volume compared to the cosmic mean mass function provides a good fit to
numerical simulations over a wide range of parameters [257, 77].

For the improved model (derived in [27]), we adopt a hybrid approach that
combines various previous models with each applied where it has been found
to closely match numerical simulations. We obtain the halo mass function
within a restricted volume by starting with the Sheth-Torme formula for the
cosmic mean mass function, and then adjusting it with a relative correction
based on the extended Press-Schechter model. In other words, we set

fbias(6C(2)7 SRv Ra S) =

fps(d:(2) — 0r, S — S(R))
fST((SC(Z)7S) X fPS((Sc(Z)aS)

As noted, this model is based on fits to simulations at low redshifts, but we
can check it at high redshifts as well. Figure 67 shows the number of galac-
tic halos at z ~ 15-30 in two numerical simulations run by [401], and our
predictions given the cosmological input parameters assumed by each simula-
tion. The close fit to the simulated data (with no additional free parameters)
suggests that our hybrid model (solid lines) improves on the extended Press-
Schechter model (dashed lines), and can be used to calculate accurately the
cosmic scatter in the number of galaxies at both high and low redshifts. The
simulated data significantly deviate from the expected cosmic mean [(186),
shown by the dotted line], due to the artificial suppression of large-scale modes
outside the simulated box.

As an additional example, we consider the highest-resolution first star
simulation [5], which used lpox = 128 kpc and My, = 7 % 10° M. The first
star forms within the simulated volume when the first halo of mass M, or
larger collapses within the box. To compare with the simulation, we predict
the redshift at which the probability of finding at least one halo within the box
equals 50%, accounting for Poisson fluctuations. We find that if the simulation
formed a population of halos corresponding to the correct cosmic average [as
given by (186)], then the first star should have formed already at z = 24.0. The
first star actually formed in the simulation box only at z = 18.2 [5]. Using
(188) we can account for the loss of large-scale modes beyond the periodic

(188)
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Fig. 67. Halo mass function at high redshift in a 1 Mpc box at the cosmic mean den-
sity. The prediction (solid lines) of the hybrid model of Barkana & Loeb (2004) [27]
is compared with the number of halos above mass 7 x 10° Mg measured in the
simulations of Yoshida et al. (2003) [401] [data points are taken from their Fig. 5].
The cosmic mean of the halo mass function (dotted lines) deviates significantly from
the simulated values, since the periodic boundary conditions within the finite sim-
ulation box artificially set the amplitude of large-scale modes to zero. The hybrid
model starts with the Sheth-Tormen mass function and applies a correction based
on the extended Press-Schechter model; in doing so, it provides a better fit to nu-
merical simulations than the pure extended Press-Schechter model (dashed lines)
used in the previous figures. We consider two sets of cosmological parameters, the
scale-invariant ACDM model of Yoshida et al. (2003) [401] (upper curves), and their
running scalar index (RSI) model (lower curves)

box, and predict a first star at z = 17.8, a close match given the large Poisson
fluctuations introduced by considering a single galaxy within the box.

The artificial bias in periodic simulation boxes can also be seen in the
results of extensive numerical convergence tests carried out by [348]. They
presented a large array of numerical simulations of galaxy formation run in
periodic boxes over a wide range of box size, mass resolution, and redshift. In
particular, we can identify several pairs of simulations where the simulations
in each pair have the same mass resolution but different box sizes; this allows
us to separate the effect of large-scale numerical bias from the effect of having
poorly-resolved individual halos.
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10.3 Implications
The Nature of Reionization

A variety of papers in the literature [13, 138, 329, 169, 152, 23, 223] maintain
that reionization ended with a fast, simultaneous, overlap stage throughout
the Universe. This view has been based on simple arguments and has been
supported by numerical simulations with small box sizes. The underlying idea
was that the ionized hydrogen (H II ) regions of individual sources began to
overlap when the typical size of each H II bubble became comparable to the
distance between nearby sources. Since these two length scales were compa-
rable at the critical moment, there is only a single timescale in the problem —
given by the growth rate of each bubble — and it determines the transition
time between the initial overlap of two or three nearby bubbles, to the final
stage where dozens or hundreds of individual sources overlap and produce
large ionized regions. Whenever two ionized bubbles were joined, each point
inside their common boundary became exposed to ionizing photons from both
sources, reducing the neutral hydrogen fraction and allowing ionizing photons
to travel farther before being absorbed. Thus, the ionizing intensity inside
H II regions rose rapidly, allowing those regions to expand into high-density
gas that had previously recombined fast enough to remain neutral when the
ionizing intensity had been low. Since each bubble coalescence accelerates
the process, it has been thought that the overlap phase has the character
of a phase transition and occurs rapidly. Indeed, the simulations of reion-
ization [152] found that the average mean free path of ionizing photons in
the simulated volume rises by an order of magnitude over a redshift interval
Az=0.05atz=7.

These results imply that overlap is still expected to occur rapidly, but
only in localized high-density regions, where the ionizing intensity and the
mean free path rise rapidly even while other distant regions are still mostly
neutral. In other words, the size of the bubble of an individual source is
about the same in different regions (since most halos have masses just above
Min), but the typical distance between nearby sources varies widely across
the Universe. The strong clustering of ionizing sources on length scales as
large as 30-100Mpc introduces long timescales into the reionization phase
transition. The sharpness of overlap is determined not by the growth rate of
bubbles around individual sources, but by the ability of large groups of sources
within overdense regions to deliver ionizing photons into large underdense
regions.

Note that the recombination rate is higher in overdense regions because of
their higher gas density. These regions still reionize first, though, despite the
need to overcome the higher recombination rate, since the number of ionizing
sources in these regions is increased even more strongly as a result of the
dramatic amplification of large-scale modes discussed earlier.
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Limitations of Current Simulations

The shortcomings of current simulations do not amount simply to a shift of
~10% in redshift and the elimination of scatter. The effect mentioned above
can be expressed in terms of a shift in redshift only within the context of
the extended Press-Schechter model, and only if the total mass fraction in
galaxies is considered and not its distribution as a function of galaxy mass.
The halo mass distribution should still have the wrong shape, resulting from
the fact that Az depends on Mpy,. A self-contained numerical simulation
must directly evolve a very large volume.

Another reason that current simulations are limited is that at high red-
shift, when galaxies are still rare, the abundance of galaxies grows rapidly
towards lower redshift. Therefore, a ~ 10% relative error in redshift implies
that at any given redshift around z ~ 10-20, the simulation predicts a halo
mass function that can be off by an order of magnitude for halos that host
galaxies (see Fig. 67). This large underestimate suggests that the first gener-
ation of galaxies formed significantly earlier than indicated by recent simula-
tions. Another element missed by simulations is the large cosmic scatter. ‘This
scatter can fundamentally change the character of any observable process or
feedback mechanism that depends on a radiation background. Simulations in
periodic boxes eliminate any large-scale scatter by assuming that the simu-
lated volume is surrounded by identical periodic copies of itself. In the case
of reionization, for instance, current simulations neglect the collective effects
described above, whereby groups of sources in overdense regions may influ-
ence large surrounding underdense regions. In the case of the formation of the
first stars due to molecular hydrogen cooling, the effect of the soft ultraviolet
radiation from these stars, which tends to dissociate the molecular hydrogen
around them [168, 302, 271], must be reassessed with cosmic scatter included.

Observational Consequences

The spatial fluctuations that we have calculated also affect current and future
observations that probe reionization or the galaxy population at high redshift.
For example, there are a large number of programs searching for galaxies at
the highest accessible redshifts (6.5 and beyond) using their strong Ly« emis-
sion [182, 300, 243, 200]. These programs have previously been justified as
a search for the reionization redshift, since the intrinsic emission should be
absorbed more strongly by the surrounding IGM if this medium is neutral.
For any particular source, it will be hard to clearly recognize this enhanced
absorption because of uncertainties regarding the properties of the source and
its radiative and gravitational effects on its surroundings [24, 26, 311]. How-
ever, if the luminosity function of galaxies that emit Lya can be observed,
then faint sources, which do not significantly affect their environment, should
be very strongly absorbed in the era before reionization. Reionization can
then be detected statistically through the sudden jump in the number of faint
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Sources [245]. The above results alter the expectation for such observations.
Indeed, no sharp “reionization redshift” is expected. Instead, a Lya lumi-
nosity function assembled from a large area of the sky will average over the
cosmic scatter of Az ~ 1-2 between different regions, resulting in a smooth
evolution of the luminosity function over this redshift range. In addition, such
a survey may be biased to give a relatively high redshift, since only the most
massive galaxies can be detected, and as we have shown, these galaxies will
be concentrated in overdense regions that will also get reionized relatively
early.

The distribution of ionized patches during reionization will likely be
probed by future observations, including small-scale anisotropies of the cos-
mic microwave background photons that are rescattered by the ionized
patches [8, 162, 312], and observations of 21 cm emission by the spin-flip tran-
sition of the hydrogen in neutral regions [365, 75, 142]. Previous analytical
and numerical estimates of these signals have not included the collective ef-
fects discussed above, in which rare groups of massive galaxies may reionize
large surrounding areas. The transfer of photons across large scales will likely
smooth out the signal even on scales significantly larger than the typical size
of an H IT bubble due to an individual galaxy. Therefore, even the characteris-
tic angular scales that are expected to show correlations in such observations
must be reassessed.

The cosmic scatter also affects observations in the present-day Universe
that depend on the history of reionization. For instance, photoionization heat-
ing suppresses the formation of dwarf galaxies after reionization, suggesting
that the smallest galaxies seen today may have formed prior to reioniza-
tion [73, 343, 37]. Under the popular view that assumed a sharp end to
reionization, it was expected that denser regions would have formed more
galaxies by the time of reionization, possibly explaining the larger relative
abundance of dwarf galaxies observed in galaxy clusters compared to lower-
density regions such as the Local Group of galaxies [368, 38]. The above results
undercut the basic assumption of this argument and suggest a different ex-
planation. Reionization occurs roughly when the number of ionizing photons
produced starts to exceed the number of hydrogen atoms in the surround-
ing IGM. If the processes of star formation and the production of ionizing
photons are equally efficient within galaxies that lie in different regions, then
reionization in each region will occur when the collapse fraction reaches the
same critical value, even though this will occur at different times in different
regions. Since the galaxies responsible for reionization have the same masses
as present-day dwarf galaxies, this estimate argues for a roughly equal abun-
dance of dwarf galaxies in all environments today. This simple picture is,
however, modified by several additional effects. First, the recombination rate
is higher in overdense regions at any given time, as discussed above. Further-
more, reionization in such regions is accomplished at an earlier time when
the recombination rate was higher even at the mean cosmic density; there-
fore, more ionizing photons must be produced in order to compensate for the
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enhanced recombination rate. These two effects combine to make overdense
regions reionize at a higher value of F., than underdense regions. In addi-
tion, the overdense regions, which reionize first, subsequently send their extra
ionizing photons into the surrounding underdense regions, causing the latter
to reionize at an even lower Fi,. Thus, a higher abundance of dwarf galaxies
today is indeed expected in the overdense regions.

The same basic effect may be even more critical for understanding the
properties of large-scale voids, 10-30 Mpc regions in the present-day Universe
with an average mass density that is well below the cosmic mean. In order to
predict their properties, the first step is to consider the abundance of dark mat-
ter halos within them. Numerical simulations show that voids contain a lower
relative abundance of rare halos [248, 82, 39], as expected from the raising of
the collapse threshold for halos within a void. On the other hand, simulations
show that voids actually place a larger fraction of their dark matter content
in dwarf halos of mass below 10'° Mg, [157]. This can be understood within
the extended Press-Schechter model. At the present time, a typical region in
the Universe fills halos of mass 10'?> M, and higher with most of the dark
matter, and very little is left over for isolated dwarf halos. Although a large
number of dwarf halos may have formed at early times in such a region, the
vast majority later merged with other halos, and by the present time they
survive only as substructure inside much larger halos. In a void, on the other
hand, large halos are rare even today, implying that most of the dwarf halos
that formed early within a void can remain as isolated dwarf halos till the
present. Thus, most isolated dwarf dark matter halos in the present Universe
should be found within large-scale voids [25].

However, voids are observed to be rather deficient in dwarf galaxies
as well as in larger galaxies on the scale of the Milky Way mass of ~
102 Mg, [198, 120, 284]. A deficit of large galaxies is naturally expected, since
the total mass density in the void is unusually low, and the fraction of this
already low density that assembles in large halos is further reduced relative
to higher-density regions. The absence of dwarf galaxies is harder to under-
stand, given the higher relative abundance expected for their host dark matter
halos. The standard model for galaxy formation may be consistent with the
observations if some of the dwarf halos are dark and do not host stars. Large
numbers of dark dwarf halos may be produced by the effect of reionization
in suppressing the infall of gas into these halos. Indeed, exactly the same fac-
tors considered above, in the discussion of dwarf galaxies in clusters compared
to those in small groups, apply also to voids. Thus, the voids should reion-
ize last, but since they are most strongly affected by ionizing photons from
their surroundings (which have a higher density than the voids themselves),
the voids should reionize when the abundance of galaxies within them is
relatively low.
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Cosmological Feedbacks from the First Stars

A. Ferrara

Abstract. It is very natural for us in a clear night to raise the head and look at the
starry sky. We are so used to such emotion that we hardly imagine a dark sky, where
no shimmering light attracts our constantly changing attention. However, for how
peculiar this might seem to us, there was a time when no stars were born yet and
the universe resembled a vast, quiet (and somewhat boring) sea of inert hydrogen
and helium gas. Darkness was everywhere, as the light produced by the Big Bang
rapidly shifted out of the visible range and into the infrared. Such situation lasted
for many million years (now we speculate about 200 Myr).

The study of these remote times is a relatively new area in cosmology. These
epochs can still be compared to the Old Wild West territories which only brave
pioneers have dared to explore. The gold mines containing precious information
about the dawn of the universe, when the first luminous sources brightened up and
their light unveiled the already ongoing formation of large numbers of pregalactic
systems, are still not at reach of the yet most powerful experimental devices cur-
rently available to us. This situation is going to change soon, but at the moment
theorists’ predictions remain in the realm of sophisticated (and intellectually excit-
ing) speculations. For how uncertain all this might be considered, there is a great
deal of knowledge that can be gathered even under these unfavorable conditions,
as witnessed by the impressive momentum gained by the field in the very recent
years. Thus, as observations are slowly, but steadily filling the gap with theory, this
school very suitably serves the scope of setting a common framework among theory
and observation. The present Lectures aim at discussing the current understanding
of the properties of first cosmic stars. These stars had a dramatic impact on the
surrounding environment regulated by a complex network of physical processes to
which we — somewhat ambiguously — usually refer to as feedback.

Before the start, a short caveat on the suggested literature. It would be impossi-
ble to give credit to all the results and people whose efforts are constantly re-shaping
the field in this brief essay. In fact we do not aim at giving a comprehensive view
of all the aspects concerning the subject; for this we defer the reader to the most
recent and technical reviews available: [4, 11, 15]. Instead, we hope that we will be
able to outline the physics of the most relevant processes regulating the evolution
of the first luminous sources and their effects.
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the Universe, Saas-Fee Advanced Courses, pp. 161-258 (2008)
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1 Star Formation in Primordial Gas

Present-day gas contains a mass fraction in heavy elements that is about
2%. However, atoms, molecules (such as C*, O, CO) and dust grains are
very effective at radiating thermal energy and therefore this small fraction of
“metals” (as heavy elements are usually called in the astrophysical jargon) can
control the gas thermodynamics. Indeed the time scale for thermal equilibrium
is much shorter than the typical dynamical time (essentially, the free fall
time scale). As a result the equilibrium temperature in the typical molecular
cloud hardly deviates from the standard one of approximately 10K; stated
differently, the equation of state of the gas can be considered as isothermal.

On the other hand, a gas of primordial composition essentially does not
contain heavy elements. Because H and He atoms are very poor radiators for
temperatures below ~ 10*K, if the gas were to remain purely atomic, the
cloud would follow an almost adiabatic evolution.

Before we proceed to the collapse of primordial gas clouds, it is instruc-
tive to briefly recall the main cooling processes in primordial gas clouds; the
corresponding rates can be found easily in the literature.

e Radiative recombinations: The thermal energy loss associated with the re-
combination of protons with electrons is caused by the photon emitted
during the process. The recombined atom, generally in an excited state,
eventually decays to the lowest energy level by emitting photons. Accord-
ingly, the energy loss per recombination is the difference between the en-
ergy of the electrons in a bound state of the hydrogen atom and the kinetic
energy of the free electron.

o (ollisional ionizations: The collisional ionization of the hydrogen atom is
also a cooling process. The energy loss in this process is related to the
ionization potential energy: the thermal energy of electrons is converted
into the ionization energy by this process.

e Bound-bound transitions: This is the most important cooling process
around 10,000 K. Collisionally excited atoms emit radiation of energy equal
to the energy difference between two levels when electrons decay. The
level population must be determined by solving the detailed excitation/de-
excitation balance equation rates for each level.

e Bremsstrahlung emission: Radiation due to the acceleration of a charge in
Coulomb field of another charge is called as bremsstrahlung or free-free
emission.

Knowing all (i.e. for both H and He) rates, and further assuming thermal
ionization-recombination equilibrium (although this assumption is not ade-
quate for some applications; full time-dependent equations must be solved
to determine the ionization level in that case), we can estimate the cool-
ing rate, A(T)/n%, where T and ny are the gas temperature and hydrogen
density, respectively. The cooling function is dominated by bremsstrahlung
for T > 10°°K and by collisional excitation of H and He in the range
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10* < (T/K) < 10°®. However, below 102K the cooling rate drops off very
sharply. This fact has very important consequences as we will see.
To make further progress we have to introduce three fundamental
timescales. The first one is the cooling time, which is defined as
3kT

te = ZnT(T) (1)

where n is the total gas number density. The second important time scale is

the free-fall time:
35\ "1/2
tg = 2
! <32GP> ’ ®

where G is the gravitational constant and p the total density of matter (i.e.
including dark matter). Finally, the Hubble timescale must be considered:

tn = H(z)"" = Hy [0 + Qu(1+2)% 712, (3)

2 and (2, being the nondimensional vacuum energy and matter density,
respectively. The interplay among these three times governs both star and
galaxy formation as we will see in the following. Let’s examine some examples
in more detail.

If the cooling time, t., is shorter than the typical dynamical time, tg, the
thermal energy of a gas cloud can efficiently be carried away by radiation.
Thus, the cloud undergoes an almost free fall collapse, since the pressure gra-
dient force is negligible. In the opposite limit, if tg < ¢, the cloud collapses
almost adiabatically; the pressure gradient force overwhelms the gravitational
force. This descends from the fact that the effective “adiabatic index” of grav-
ity (equal to 4/3 in a 3-dimensional collapse), is smaller than that of an ideal
gas and the pressure gradient force can halt the gravitational collapse. As a
result the cloud is virialized. After virialization, the cloud settles down in a
quasi-equilibrium state and evolves within the cooling time scale. Finally, if
the cooling time scale is longer than the Hubble time scale, ty, at a given
redshift, there has not been sufficient time for the cloud to contract.

From the above discussion we conclude that for primordial gas clouds with
temperature below 10* K, the drop of the cooling function causes the cooling
time to increase dramatically, thus preventing their collapse. The collapse
condition required to form the first stars can then only be achieved thanks to
another available coolant in the early universe: molecular hydrogen.

1.1 Cooling by Molecular Hydrogen

The process of Ho radiative cooling is the key ingredient to allow primordial
gas to cool below 10,000 K. The hydrogen molecules have energy levels corre-
sponding to vibrational and rotational transitions. Vibrational transitions are
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more important at high temperatures 10% < (T/K) < 10%; rotational ones are
more significant for 7' < 103 K. It is worth noting that there is a fundamental
difference between Hy and Hi line cooling. In fact, Einstein’s A-coefficients
are much smaller for Hy, because hydrogen molecules have no dipole moment,
resulting in correspondingly lower absorption coefficients. At the same time,
the critical column density above which the cloud is optically thick becomes
much larger. The small A-coefficients also affect the level population of the
excited states. The collisional de-excitation process is effective for densities
> 10* cm ™3, whereas the critical density for Hr is higher than 10'°cm~3.

Fitting formulae to the Hy cooling function in the optically thin regime
have been derived by several authors. This is the regime that is appropriate to
the initial stages of the fragmentation/collapse process, when the Hy fraction
and the gas density are low. At later evolutionary stages (proto-stellar core
phase, see Sect. 2) a proper treatment of the line radiative transfer becomes
necessary. A useful approximation is given by the formula suggested by [33],
according to which the cooling function is expressed as

An, = nu, (ng LY+ nu, L?), (4)

where the first term represents the contribution from H-Hs collisional excita-
tion and the second is due to Ho—Hs collisions. The detailed expressions for the
functions L2 are rather cumbersome and can be found in the cited paper
(see also [65]). The level populations are determined by the balance between
the de-excitation rates from higher levels to lower levels and the excitation
rates. The excitation rates are always dominated by the collisional excitation
processes, whereas the de-excitation rates are determined by both collisional
processes and radiative decay. The collisional de-excitation rates are propor-
tional to n?; radiative decay rates are proportional to n. It follows that the
de-excitation rates are dominated by the collisional process at high density,
and the radiative decay dominates the de-excitation process for low density.
The density at which the collisional excitation rate equals the radiative decay
one is called the critical density, ne.; its value is &~ 10* cm ™3 for the lowest ro-
tational transition. Thus, the number density of excited molecules is & n? for
n < ne at low density and o« n for n > n.,. Finally, the emissivity (nQL) is
the product of the number density of the excited molecules and the radiative
transition rates. Other fitting formulae have been proposed by [27, 40] which
are compared in Fig. 1. Note that while these approximations agree well in
the high density regime they markedly differ at low densities.

In addition to collisional processes, additional cooling and heating are
produced when Hs molecules are either dissociated or formed. Hydrogen
molecules have lower potential energy than the state of two separated neutral
hydrogen atoms. Thus, the hydrogen molecules absorb the thermal energy of
the colliding particles during the dissociation processes. The resulting cooling
rate is

dnH2

Agiss = 7.16 x 10712
d 8 ( dt

> ergs ‘em ™ ® (5)
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Fig. 1. H2 cooling functions due to Hr —Hz collisions are plotted for two different
densities. Solid/Long dashed/Short dashed curves refer to HM/GP/LP formulae,
respectively (see text)

In the above equation, the term in parenthesis is the dissociation rate of Hs.
As we will see next, collisional dissociation of hydrogen molecules occurs via
three main channels: (i) Ho-H™ collisions, Hy~Hr collisions and (iii) Ha—Ha
collisions. The first channel is efficient when the gas is highly ionized; the
other two dominate in low ionization environments.

The Hy formation process is essentially the inverse of the dissociation
one. The hydrogen molecules are in an excited state when they form. Hence,
if the subsequent collisional de-excitation process is more efficient than the
spontaneous decay process, the excitation energy goes into thermal energy of
the surrounding particles via collisions. If the spontaneous decay rate is larger
than the collisional de-excitation rate, the energy is instead radiated away by
Hs line emission, thus not contributing to the thermal budget. To account for
this a density correction is usually applied as follows:

dTLH 1
Torm = 7.16 x 1072 : “lem ™.
£ 6 x 10 ( T >+ ¥ (e /) ergs” - cm (6)

1.2 Molecular Hydrogen Formation/Dissociation

Molecular hydrogen is a very fragile molecule and its abundance is sensitive to
a large number of processes and environmental conditions. This is even more
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true in the early universe, where dust grains (whose surface provides a favor-
able reaction site for Hr atoms to combine and form Hs) are not present. Thus
Hs formation has to proceed using the much less efficient available gas phase
reactions. The main reactions one needs to consider to obtain an accurate
estimate of the Hy abundance are listed in the following.

e H~ channel

H+e—-H 47~ (7)
H +H—-Hy+e (8)
e HT channel
H4+HT - HJ +4 (9)
Hy +H— Hy+HT (10)
e 3-body channel
3H — Hy + v (11)
2H + Hy; — 2H, (12)
o H-collision channel
H(n = 1)+ H(n = 2) - Hy + 7 (13)

The first two processes are the most important ones simply because a
dipole moment (provided by the ions) is necessary to form Hs in two
body reactions. We also notice that these two reactions require electrons
or protons as catalysts, implying that the degree of ionization of the gas
play a crucial role for the formation of Hy. In other words, a mechanism
to provide a suitable ionization level is necessary for the formation of Hs
in the early universe. Three-body reactions become important at densities
ny > 108 em ™3, typical of the collapse phase of proto-stellar cores. Finally,
the fourth process involves the collision between an excited Hi atom and
one in the ground state. The cross section of this reaction becomes much
larger than that of the direct collision of hydrogen atoms in the ground
state, due to the dipole moment produced by the difference of the electron
energy levels. The significance of this channel is limited as it becomes
important at high redshift (z > 1000), as CMB photons destroy Hy and
H™ at z > 250 and the main channels are inhibited. In addition, the higher
CMB temperature provides the excitation source of Hi . We now briefly
turn to examine the dissociation channels:

e H-Hsy impact
Ho+H—3H or (14)
2H,; — Ho + 2H (15)

These processes are important for 7' > 2000 K as at lower T the collisions
are not sufficiently energetic to dissociate Hs.
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e HT-Hy impact

Hy +H - Hf + H (16)
Hy +e—2H (17)

This channel is most important when the gas cools from a hot phase.
e c-Hy impact

Hy+e—2H+e (18)

Also this process is mainly active at high T, although it is sub-dominant
with respect to the previous one.
e Photodissociation

Hy +v — Hj (19)
H; — 2H + 7 (20)

This is the so-called Solomon process, which requires a two-step reaction.
It is particularly important as it is responsible for one of the strongest
feedbacks affecting early galaxy and star formation, the radiative feedback.
We will devote considerable analysis to this physical process in Sect. 7.

We have stressed above that the presence of free electrons is fundamental
to produce the necessary Hy cooling allowing for the collapse of primordial
structure. During the recombination epoch, the recombination time for hy-
drogen became increasingly long until it exceeded the Hubble time. At that
point the electron fraction “freezed-out”, reaching an almost constant value
Yo A 3 x 1072 Provided these free electrons, hydrogen molecules formed
through the channels above; its abundance finally freezed-out at z ~ 70. The
best estimates today give the following relic abundance, y,, for this species
(only very slightly dependent on cosmological parameters):

yn, = 1.1 x 107%, 2 < 100, (21)
=10"",100 < z < 250, (22)
=10""(1 + 2/250)" 2 > 250 (23)

Although this amount of relic Ho might have some interesting consequences
per se, it is too tiny to be able to affect substantially the cooling of primordial
objects. That is, the virial temperature of the objects that can cool is not
noticeably decreased below 10* K, as if there were no Hy at all.

1.3 Struggling for more Molecular Hydrogen

The way to increase the gas abundance of Hs has to do with the collapse of
structures. As dark matter perturbations turn-around and start to collapse
under the gravitational pull, baryons follow into their potential wells. The
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density increase due to the collapse and virialization boosts the formation
rate of Hy to levels at which the cooling and fragmentation of the proto-galaxy
become possible. During this phase yg, increases from its relic abundance up
to a typical value of ~ 1073. This can be understood as follows.

It is well known that the density evolution of a “top hat” perturbation
evolves with redshift/time as

p _ 9(a —sin a)?

p 2(1—cosa)l (24)

where p is the mean cosmic matter density at a given redshift and « is the
“development angle”, which is related to redshift z by

2/3

1+2i  (a—sina) (25)

142z 21

Zvir 18 defined as the virialization epoch of the perturbation, i.e. the time at
which the halo density stabilizes to the virial value pyi, = 187r2[).

The above density evolution must be coupled with the energy and chemical
equations for the gas:

d 3T  pdp

d _pdp 26
dt 2um,  p?dt ’ )
dy; 2
- ; kjy; + nu ; ki yry + nig gs ki sYmynys,  (27)

where y; = ni/ng is the fraction of i-th species, and k is the rate coefficient
of the corresponding reactions described above. Typically, one needs to take
into account six species, namely e, H, H", H~, Hy and H;r . Note, that for
simplicity, in the previous equation we have neglected the chemical energy
term due to variation of the number of particles, which is usually negligible
but could become important under some conditions.

1.4 Enough for Collapse?

By solving the previous equations we can derive the chemical and thermal
evolution of the gas residing in a given halo at a given redshift and assess if
this is able to cool, fragment and form stars. The only calculation required
to answer this question is to compare the cooling time (1) and the free-fall
time (2). The results of this procedure are shown in Fig. 2. By equating t. to tg
we obtain the boundary in the redshift-virial temperature plane of the region
in which objects are allowed to cool (. < tg). These systems will undergo a
highly dynamical collapse, as their thermal pressure becomes negligible. Note
that the cooling region expands into T < 10*K, i.e. differently from the
classical Rees-Ostriker cooling diagram. It is also useful to compare the cooling
time scale with the Hubble timescale given in (3). Halos allowed to cool within
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Fig. 2. Cooling diagram. The two thick solid lines divide the plane into three
regions. The lower right region is forbidden from cooling, due to CMB Compton
heating. Dashed lines denote loci of constant given mass. Also shown are 1o, 20, 30
fluctuations of the primordial density field for a concordance ACDM cosmological
model

the Hubble time have slightly lower virial temperatures that those considered
above; however, their collapse proceeds in a slow, quasi-statical manner. The
bottom line is that Hy cooling allows 2-3¢ fluctuations at z = 30 to collapse.
These correspond to halos with virial temperatures of about 3000K, hence
allowing a population of so-called minihalos to possibly form the first cosmic
stars (unless radiative feedback is strong, see Sect. 7).

1.5 Additional Physics

The above picture contains the most important ingredient to investigate pri-
mordial star formation. However, many authors have suggested recently that
at least is another important ingredient must be added. This is constituted
by the deuterated hydrogen molecule (HD). HD is the second most abundant
primordial molecule. Although HD is less abundant than Hs, its cooling effi-
ciency is larger than Hy because of its finite dipole moment puyp = 0.83 debye
and accordingly higher transition probabilities, which can compensate for its
lower fractional abundance. The energy difference for the lowest transition is
AE/k = 510K and AE/k = 128K for Hy and HD, respectively. This lower
transition energy enables HD to reduce the gas temperature to T' < 100 K.
Accordingly, the Jeans mass (x T3/ 2) could be significantly reduced.
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As for the Ho, HD is very suitably produced in situations in which the
gas is rapidly cooling out of equilibrium, giving rise to a electron-rich, low
temperature out-of-equilibrium physical conditions. These conditions are most
easily created in shocked gas. Recent studies [34] have shown that at redshifts
z > 10 HD line cooling allows strongly-shocked primordial gas to cool to
the temperature of the cosmic microwave background (CMB), provided that
the HD abundance exceeds 10~8. This low temperature would decrease the
characteristic mass of the second generation of stars (the first being necessary
anyway to produce the shock-wave via their winds and supernova explosions)
to a typical mass of about 10 Mg.

2 The Initial Mass Function

How massive where the first stars? How did their mass distribution look like?
These are important questions that we are only starting to glimpse. How-
ever, already a considerable amount of studies has been carried out, which
has clarified at least some of the many intricacies involved in the answers to
the question above. We have to keep in mind, though, that very scarce exper-
imental hints concerning the nature of the first stars are available (they are
discussed in Sect. 4. Therefore, our progresses have to mainly be guided by
theoretical studies. In the past 30 years, it has been argued that the first cos-
mological objects formed globular clusters, supermassive black holes, or even
low-mass stars. This disagreement of theoretical studies might at first seem
surprising. However, the first objects formed via the gravitational collapse of a
thermally unstable reactive, optically thick medium, as we will see in this Lec-
ture, which inhibits conclusive calculations. The problem is particularly acute
because the evolution of all other cosmological objects (and in particular the
larger galaxies that follow) depends on the evolution of the first stars.

The two above questions have been more recently tackled through numer-
ical techniques. Results from these studies of the collapse and fragmentation
of primordial gas clouds suggest that the first stars were predominantly very
massive, with typical masses M > 100 M. Regardless of the detailed initial
conditions, the primordial gas attains characteristic values of temperature and
density corresponding to a characteristic fragmentation scale, given approxi-
mately by the Jeans mass, and are explained by the microphysics of Hs cooling
(see Sect. 1). Having constrained the characteristic mass scale, still leaves un-
determined the overall range of stellar masses and the power-law slope which
is likely to be a function of mass. In addition, it is presently not known whether
binaries or, more generally, clusters of zero-metallicity stars, can form. This
question has important implications for the star formation process. If Popula-
tion III star formation typically resulted in a binary or multiple system, much
of the progenitor cloud’s angular momentum could go into the orbital motion
of the stars in such a system. On the other hand, if an isolated formation mode
were to predominate, the classical angular momentum barrier could be much
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harder to breach. Answers to these questions share the pre-requisite that the
physics of the proto-stellar collapse is deeply investigated and understood. In
the following we will briefly describe the basic physics and current status of
the research in this area.

2.1 Protostellar Collapse

The fundamental concepts of the proto-stellar collapse were layed down al-
ready almost 40 years ago by [37]. Initially there are no pressure gradients in
the cloud, so the entire gas content starts to collapse in free fall; the gas is
optically thin, and the compression energy generated by the collapse is freely
radiated away producing an isothermal evolution. As a result, the density at
the cloud boundary drops, while the interior one increases, thus establishing a
pressure gradient. In turn, this causes the collapse in this region to be signifi-
cantly retarded from a free-fall. The density therefore rises more rapidly in the
center that the outer parts of the cloud and the density distribution becomes
peaked at the center. The collapse of the central part of the cloud continues
approximately as a free-fall (even if pressure gradients are not negligible), and
since the free-fall time depends on p~'/2, the collapse proceeds more rapidly
at the center. The density distribution becomes more and more peaked at the
center as the collapse proceeds.

The fact that density and velocity distributions approach constant limiting
forms allow to describe the collapse via “similarity” solutions. To see how this
can be accomplished, let’s write the hydrodynamic equations in Eulerian form:

Ju ou Gm dlnp

88—7: +4nr?pu =0 (29)
om 9

where the temperature 7' is kept constant, and m is the mass within a sphere
of radius r. Searching for self-similar solutions of the type

u(r,t) = b(t)u1(s) (31)

p(r,t) = c(t)pa(s) (32)

m(r,t) = d(t)mi(s) (33)

where s = r/a(t), by substitution in the equations above, one finds that

acceptable solutions must satisfy
b(t) =1, c(t)=at)"?, d(t)=a(t); (34)

with such prescription, the hydrodynamic equations reduce to a set of ODEs
for the three functions w1 (s), p1(s), m1(s). By further eliminating m4, one can
write the system
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s duq dlnpy B
(; +u) S+ 47Gpi(s + wir) + RT< 2L =0 (35)
duq s dlnp; 2 B
_dS + (; + u1) < ds + g) =0 (36)

where 7 = (da/dt)~! is a constant. A final transformation is required to cast
these two equations in nondimensional form:
S —Uq

£= = n=dnGpr” (37)

With these relations, (35) and (36) become

A - Enrlzog -2
dr =z (z—-&2-1"
dlnn 2 —&nr —2(x —§)

de z (z—&2-1" (39)

(38)

Once complemented with the boundary conditions £(z = 0) = 0 and nz = 2
at x — & = 1, the above set gives the exact solution for the isothermal collapse
evolution. Before discussing their numerical solution we note that in the lim-
iting case > 1 (when x — & — oo and 7 — 0), one finds that dln&/dInz =0
and dlnn/dInx = —2. This implies that u(r) becomes constant and the den-
sity profile approaches the asymptotic form p oc #~2. This feature is confirmed
by the numerical solution of the equations shown in Fig. 3. The collapse pro-
ceeds essentially as a free-fall; however, pressure forces are not negligible and
in fact shape the final form of the solutions. It is easy to show that the pressure
gradient to gravitational force is about 60% in the region in which x < 1 and
decreases at larger distances. It is also interesting to note that the solutions
only depend on the assumed temperature and not on other properties of the
collapsing cloud. Also clearly seen is the strong density enhancement (i.e. the
core) in the central regions in which logx < 0.

2.2 Core Evolution

To investigate the subsequent evolutionary phases of the collapsing core it
is necessary to add a substantial amount of physical processes as the energy
equation, formation/destruction of molecules and their effect on the cooling
function, radiative transfer of the cooling radiation. The first attempt to model
such complications has been successfully carried out by [50] and [55]. From
those studies, we can summarize the evolution of the central core as follows.

At the beginning, since a sufficient amount of Hy has not formed yet, the
temperature rises adiabatically by compression. At low densities Hy is formed
mainly via the (for details see Sect. 1) H™ channel. However, as the tempera-
ture and density boost the Hs formation rate, a sufficient amount of Hy to cool
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Fig. 3. Numerical solution for isothermal collapse described by (35) and (36)

within a free-fall time is formed, causing the temperature to drop to about
300 K. When the density reaches ~ 108 cm ™3, three-body reactions become
efficient and hydrogen turns fully molecular at n = 1017t cm 3. At the same
time, the cloud becomes optically thick to a few Hs lines. However, the cooling
remains efficient enough to induce dynamical collapse (i.e., the ratio of specific
heat v = dlogp/dlogp < 4/3) due to the presence of a sufficient number of
optically thin lines. When the central number density approaches 10'*cm =3,
H; collision-induced emission begins to dominate the cooling. Eventually, the
cloud becomes optically thick to this continuum at N ~ 10'%cm ™3, and the
radiative cooling rate drops rapidly beyond that point. Simultaneously, Hs
dissociation begins, due to the high temperature; such dissociation prevents
the temperature an additional temperature increase until n > 10%° cm=3. At
that point the collapse becomes virtually adiabatic. After a minor further
contraction, a small hydrostatic core of mass ~ 10~2 Mg, or protostar, forms.
Its density and temperature are n ~ 10%2cm=2, T = 3 x 10* K.

2.3 Fragmentation

Although we have now understood how a protostellar core forms, the final
mass of the star depends on the accretion history of the remaining gas onto
the core itself. Because under primordial conditions standard ways to stop



174 A. Ferrara

such accretion seem to fail due to the lack of magnetic fields, dust and heavy
element opacity, and the uncertain presence of an accretion disk-like struc-
ture, the final mass of the star will depend largely on the mass of the clump
from which it is born. It is therefore crucial to understand the process of
fragmentation of primordial clouds.

It is obvious that much hinges on the physics of cooling, primarily the
number of channels available for the gas to cool and the efficiency of the pro-
cess. As already discussed, cooling is important when ¢, < tg. This condition
implies that the energy deposited by gravitational contraction cannot balance
the radiative losses; as a consequence, temperature decreases with increasing
density. Under such circumstances, the cloud cools and then fragments. At any
given time, fragments form on a scale that is small enough to ensure pressure
equilibrium at the corresponding temperature, i.e., the Jeans length scale,

Rp ~ \j o cstg ox n?/271 (40)

where the sound speed ¢ = \/RT /i, T o< n?”~! and 7 is the adiabatic index.
Since ¢4 varies on the cooling timescale, the corresponding Rp becomes smaller
as T decreases. Similarly, the corresponding fragment mass is the Jeans mass,

My o< nR}} oc p7/2+1=m) (41)

with n = 2 for filaments, and n = 3 for spherical fragments. This hierarchi-
cal fragmentation process comes to an end when cooling becomes inefficient
because (1) the critical density for LTE is reached or (2) the gas becomes
optically thick to cooling radiation; in both cases, at that juncture ¢, > tg. At
this stage, the temperature cannot decrease any further, and it either remains
constant (if energy deposition by gravitational contraction is exactly balanced
by radiative losses) or increases. The necessary condition to stop fragmen-
tation and start gravitational contraction within each fragment is that the
Jeans mass does not decrease any further, thus favoring fragmentation into
subclumps. From (41), this implies the condition

n—1

v>2 (42)

which translates into v > 4/3 for a spherical fragment, and v > 1 for a
filament. Thus, a filament is marginally stable and contracts quasi-statically
when t. ~ tg and the gas becomes isothermal. Finally, when t. > t;; the

fragments become optically thick to cooling radiation, and the temperature
increases as the contraction proceeds adiabatically.

2.4 Fragmentation of Metal-Free Clouds

Reference [62] investigated the above fragmentation process numerically in
great detail. The gas within a dark matter halo is given an initial tem-
perature of 100K, and the subsequent thermal and chemical evolution of
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the gravitationally collapsing cloud is followed numerically until a central
protostellar core forms. The gas within the dark matter halo gets shock-heated
to the virial temperature Ty;, > 100 K. However, after a short transient phase,
the evolutionary track in the (n,T) plane shown in Fig. 4 (top curve, top
panel) provides a good description of the thermal evolution of the gas. The
metal-free gas is able to cool down to temperatures of a few hundred kelvin
regardless of the initial virial temperature. This is the minimum temperature
at which molecular line cooling becomes effective. In any case, independent
of the virial temperature, the thermal evolution of the gas rapidly converges
to the (n,T) track corresponding to Z = 0 (the zero-metallicity track). The
temperature of the gas decreases with increasing density, thus favoring frag-
mentation into subclumps.

As the number density increases, it reaches the critical value n. =
10% cm—3; the corresponding Jeans mass is 10* M. The cooling time at this
critical point becomes comparable to the free-fall time as a consequence of
the Hs levels being populated according to LTE. The temperature then starts
to rise slowly. At this stage, the stability of the fragments toward further
increase in the density needs to be investigated according to (41) above. The
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Fig. 4. Top: Evolution of the temperature as a function of the hydrogen number
density of protostellar clouds with the same initial gas temperature but varying
metallicities Z = (0,107°,107*, 1072,1) Zg (Z increasing from top to bottom
curves). The dashed lines correspond to the constant Jeans mass for spherical clumps;
open circles indicate the points where fragmentation stops; filled circles mark the
formation of hydrostatic cores. Bottom: The adiabatic index « as a function of the
hydrogen number density for the curves shown in the top panel. Dotted (dashed)
lines correspond to v = 1(y = 4/3); open and filled circles as above. From Schneider
et al. (2002) [62]
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bottom panel of Fig. 4 shows the density dependence of v for each metallicity
track. For a metal-free gas, 7y lies in the range 0 < v —1 < 1/3, implying that
further fragmentation is unlikely to occur unless the fragments are spherical.
Although the gravitational evolution will probably favor a tendency toward
spherical symmetry, this is not likely to occur until the central density has
reached high values as seen from simulations. It is important to stress that,
even if the fragments are nearly spherical, fragmentation will be modest and
is likely to result only in a low-multiplicity stellar system. As the density in-
creases, quasi-static contraction takes place until the fragments become opti-
cally thick to Ha lines, and adiabatically collapse to increasingly higher central
densities and temperatures. At this stage, v > 4/3 and a central hydrostatic
core (filled circles in Fig. 4) is formed. Each fragment is characterized by a
central core of ~ 1072 Mg, surrounded by a large envelope of gravitationally
unstable gas. The core grows in mass because of gas accretion from the enve-
lope. The mass of the formed stars depends on the accretion rate as well as
on the fragment mass.

2.5 Fragmentation of Metal-enriched Clouds: Critical Metallicity

We now consider the effects of the presence of heavy elements on the fragmen-
tation process. Figure 4 shows the effects of metal enrichment on the (n,T)
tracks for the same initial conditions and different values of the mean metallic-
ity. In general, clouds with lower metallicity tend to be warmer because of their
lower radiative cooling ability. As long as the clouds are transparent, cooling
and fragmentation occur. Clouds with a mean metallicity Z < 107° Z, follow
the same evolution as that of the gas with primordial composition. However,
at Z > 107* Zg, Hy formation on grain surfaces enhances cooling at low
density. Dust grains are now known to condense out the ejecta of SNe (see
Sect. 8). When the LTE-NLTE transition occurs for Hy, the cloud can still cool
(although less efficiently) because of OI line cooling. At densities > 10 cm =3,
heating due to Hs formation becomes larger than compressional work, and
the temperature starts to increase until thermal emission from grains due to
energy transfer between gas and dust dominates the cooling. This occurs at a
density n ~ 10'° cm—2, where the temperature drops and a new fragmentation
phase occurs. The minimum fragment mass is reached at the point indicated
by the open circle, when the Jeans mass is 1072 Mg,. Finally, as the density
increases, the gas becomes opaque to dust thermal emission, fragmentation
stops, and compressional heating causes the fragments to contract adiabati-
cally. Therefore, a critical metallicity of Z.. ~ 10~* Z can be identified, which
marks the transition point between metal-free and metal-rich gas evolution.
For higher metallicities, cooling is driven by OI, CI, and CO line emission.
When the NLTE-LTE transition for the level populations of CO occurs, frag-
mentation stops and the temperature increases because of Hy formation. The
larger concentration of dust grains (assumed here to be proportional to the
mean metallicity) leads to a significant thermal emission that is responsible
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for cooling the gas and starting a new phase of fragmentation. This stops
when Tgrain =~ T', and thereafter the fragments contract quasi-statically un-
til they become optically opaque to dust emission and adiabatic contraction
occurs. Because of the enhanced ability to cool, fragmentation stops at lower
temperatures and densities for higher metallicity clouds. However, the Jeans
mass corresponding to the minimum fragmentation scale is always orders of
magnitude smaller than for a cloud with no metals. In conclusion, the pres-
ence of metals not only enables fragmentation down to smaller mass scales
1072 Mg, but also breaks the one-to-one correspondence between the mass
of the formed star and that of the parent fragment by halting the accretion
through radiation force onto the dust.

2.6 Accretion Phases

As described in Sect. 2.4, the end product of the collapse is a small protostar
surrounded by a large reservoir of gas. After its birth, the protostar grows
by some orders in mass by accreting the envelope matter. The mass accretion
rate on to the protostar is determined by the radial density distribution at the
time of the protostar formation, which is related to the prestellar temperature
or equivalently the sound speed c¢s and roughly given by

M = (43)

Qe

The mass of the forming stars is set when the protostellar accretion stops.
Thus it is important to understand how accretion proceeds. At least three
different phases can be identified [51], which are discussed below.

Adiabatic Accretion

Early in the evolution, the opacity in the protostar, dominated by free-free
absorption is very high due to the low temperatures, resulting in very low
interior luminosity. During this phase the timescale for the cooling of the
protostellar interior (given by the Kelvin-Helmholtz time) is much longer than
the evolutionary timescale of the protostar (i.e. the accretion time) due to the
low luminosity,

1 GM?

M,
tKH:L* >>—*

R, M,

= tace- (44)

After passing through the accretion shock and settling onto the protostar,
the accreted material piles up without further cooling; the protostar swells
gradually as the mass increases. The temperature increase accompanied by
the growth in the protostellar mass makes the opacity fall rapidly. The lower
opacity eventually allows the heat contained inside the protostar to propagate
outward as a luminosity wave. Consequently, the interior luminosity increases
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suddenly (for a “typical” accretion rate of 4 x 1073 Mg yr~! this occurs at
M, ~ 8 Mg. The arrival of the luminosity wave to the surface causes the
sudden swelling of the protostar, marking the end of the adiabatic accretion
phase.

Kelvin-Helmholtz Contraction

Once the opacity falls and txy & tacc, the protostar cools and contracts. This
phase is called the Kelvin-Helmholtz (KH) contraction phase. After the prop-
agation of the luminosity wave, the major opacity source in the protostar
is the electron scattering. If the radius increases, then txyg < tacc, and the
core shrinks due to fast cooling; on the other hand, if the protostar shrinks,
tku > tace, and the core swells adiabatically. Thus, the a self-regulated mecha-
nism to keep tki = tacc exists. This leads to the relation R, o M*/Mf During
the KH contraction, L, /M, increases rapidly and the luminosity-mass relation
becomes approximately a unique relation independent of the mass accretion
rate, as expected in the ideal case of constant opacity. Also, the photospheric
luminosity, which is the sum of the interior L, and accretion luminosity Lacc
accretion luminosity, is independent of M , since Lace o M /R and R x M1
Immediately after the onset of the KH contraction, the maximum temper-
ature exceeds 106K and the deuterium starts burning. For typical accretion
rates though, deuterium burning contributes at most about 1/4 of the interior
luminosity. Similarly, the heating due to the p-p chain is not sufficient to stop
the contraction because the energy generation rate saturates at high temper-
atures. The rest of the luminosity comes from the gravitational contraction.
Hence, despite nuclear heating, the protostar continues contraction.

ZAMS Settling

When the accretion rate is below the above typical value the protostar settles
smoothly to a main-sequence star at the end of the KH contraction phase. In
the course of the Kelvin-Helmholtz contraction, when the central temperature
becomes high enough to synthesize carbon, which catalyze the CN cycle, the
H burning becomes significant. At this moment, the gravitational contraction
is halted and the interior luminosity to mass ratio stops increasing. Soon, the
protostar relaxes to the ZAMS structure, which is characterized by a unique
luminosity-mass-radius relation. With the H burning via the CN cycle working
as a thermostat, the central temperature remains almost constant at about
108 K. After that, the interior luminosity is essentially supplied by the nuclear
burning. Since a part of the nuclear generated energy is consumed to heat
the stellar interior, the specific entropy in the convective core increases as the
stellar mass grows. This results in the decrease of the central density with the
temperature kept constant. The mass fraction of the convective core increases.

If instead the accretion rate exceeds the typical one, the protostar starts
to violently swell when the luminosity becomes close to the Eddington limit,
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without converging to the ordinary ZAMS structure. This expansion is caused
by the strong radiation force exerted onto both the stellar surface and the ra-
diative precursor. During the Kelvin-Helmholtz contraction, the luminosity-
to-mass ratio increases until the central contraction is halted by the nuclear
burning. As the accretion rate increases, the onset of the H ignition is de-
layed. For sufficiently high accretion rates, the total luminosity reaches the
Eddington limit before the H ignition. The ram pressure onto the protostel-
lar surface decreases suddenly, forcing the protostar to expand and reduce
the total luminosity not to exceed the Eddington limit. With the expansion,
the temperature drops, and the opacity and the radiation force increase at
the surface. As a result, the expansion is accelerated. This violent expansion
possibly results in stripping of the surface layer, as well as of the material in
the accreting envelope. In conclusion, high accretion rates prevent the proto-
stars to relax on the ZAMS structure.

2.7 Final Masses and Feedbacks

The effect of realistic time-dependent accretion rate, initially as high as
0.01 Mg yr~! and rapidly decreasing once the stellar mass exceeds ~ 90 M,
has been studied, guided by the outcome of numerical simulations. The basic
result is that accretion could continue at a moderate rate for relatively long
times unimpeded, lacking the main physical mechanisms to stop it (e.g. ra-
diation pressure, magnetic fields driving bipolar outflows). Thus, stars with
masses > Mg can in principle form, provided there is sufficient matter in the
parent clumps.

As the lifetimes of primordial massive stars converge to about 2 Myr, the
above accretion rates imply an upper limit to stellar masses of ~ 2000 Mg
However, other feedback processes are likely to intervene before this. Once
the flux of ionizing photons from the protostar is greater than that of neutral
H to its surface, an H II region forms. Accretion may be suppressed if the
H II region expands to distances greater than R,, where the escape speed
equals the ionized gas sound speed, ~ 10 km s~ For the fiducial model
of [66] this occurs at the poles when M, = 90 Mg, and at the equator when
M, = 140 Mg. These conclusions are based on a simplified free-fall density
distribution; in reality the ionizing radiation force decelerates and deflects
the flow.

Another ingredient which has so far received little attention but which
could be quite important to determine the final mass of the first stars, is
rotation of the infalling envelope. For collapse with angular momentum, most
streamlines do not come too close to the star, so the H II region quenching
due to enhanced densities is greatly weakened. In fact, deflection is more
important in reducing the concentration of inflowing gas near the star, so that
the H II region becomes larger. Finally, another feedback effect is radiation
pressure from Lya photons created in the H II region and FUV photons
emitted by the star. These photons are trapped by the Lyman series damping
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wings of the neutral gas infalling towards the HII region. The energy density
builds up until the escape rate, set by diffusion in frequency as well as in
space, equals the input rate. The resulting pressure acts against the infall ram
pressure. Radiation pressure becomes greater than twice the ram pressure at
M, ~ 20 Mg, depending on the rotation speed. The enhancement of radiation
pressure above the optically thin limit is by a factor 1000. Infall is first reversed
at the poles, which would allow photons to leak out and reduce the pressure
acting in other directions.

In summary, although the typical mass of the first stars is suggested by
the above arguments and studies to be much larger than the present one,
thus maybe leading to a top-heavy primordial IMF, studies in this area are
still in their infancy and definite conclusions have to await for more detailed
calculations.

3 First Stars

The primordial star formation process and its final products are presently
quite unknown. This largely depends on our persisting ignorance of the frag-
mentation process and on its relationship with the thermodynamical condi-
tions of the gas. Despite these uncertainties, it is presently accepted that the
first stars, being formed out of a gas of primordial composition, are metal-free
(Pop III stars). In addition to this theoretical justification, the existence of
Pop III stars have been historically invoked for many different reasons (for
a review, see [15]). The very first generation of stars must have formed out
of probably unmagnetized, pure H/He gas, since heavy elements can only be
produced in the interior of stars. These characteristics render the primor-
dial star formation problem very different from the present-day case, and
lead to a significant simplification of the relevant physics. Nevertheless, the
complexity and interactions of the hydrodynamical, chemical and radiative
processes, have forced many early studies to use the steady state shock as-
sumption, a spherical or highly idealized collapse model. Nevertheless, the
arguments presented in the previous sections, suggest that Pop III stars could
have been much more massive than stars formed today, with a tentative mass
range 100 < M/Mg < 1000. For such a massive star with the concomitant
high interior temperatures, the only effective source of opacity is electron
scattering. In the absence of metals and, in particular, of the catalysts nec-
essary for the operation of the CNO cycle, nuclear burning proceeds in a
nonstandard way. At first, hydrogen burning can only occur via the inefficient
p-p chain. To provide the necessary luminosity, the star has to reach very
high central temperatures (7' > 10% K). These temperatures are high enough
for the simultaneous occurrence of helium burning via the triple-ac process.
After a brief initial period of triple-a burning, a trace amount of heavy ele-
ments has been formed. Subsequently, the star follows the CNO cycle. The
resulting structure consist of a convective core, containing about 90% of the
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mass, and a thin radiative envelope. As a result of the high mass and tem-
perature, the stars are dominated by radiation pressure and have luminosities
close to the Eddington limit Leqq = 10%¥(M/Mg)ergs™!. A major uncer-
tainty in the evolution of these stars is mass loss. Although radiative mass
loss is probably negligible for stars of such low metallicity, they still might
lose an appreciable fraction of their mass because of nuclear-driven pulsa-
tions.

The mechanical structure of a massive, radiation pressure-dominated star
is approximately given by a polytrope of index n = 3 [10]. One can then use
the solution of the Lane-Emden equation to express the density and pressure,
and, with the polytropic value for the central pressure, one can estimate the
temperature at the center of the star as

T. = 8.4 x 10" K(M, /100 M)/2(R/10 Rp) ™! (45)

To constrain 7T, further, we consider the global energy balance of the star.
By balancing the average nuclear energy generation rate due to CNO with
the Eddington luminosity, which indicates the energy lost by radiation, one
finds:

T. = 1.9 x 108 K(M, /100 M)~ Y8(R/10 Ry)%/® (46)

Combining the two expressions above for T, we derive the required mass-radius
relation for very massive stars:

M = 370 Mg (R/10 Rg)?*2. (47)

Finally, the effective temperature can be estimated from L =~ Legq =
47TR20T§H; Using the previous equation to eliminate the radius we get:

To = 1.1 x 10° K(M, /100 M,)-0925, (48)

This analytical estimate for Teg and the very weak dependence on mass are
in good agreement with more sophisticated numerical analyses. The relevant
point here is that massive stars tend to be very hot. We will see in the following
a number of important implications of this fact.

3.1 Emission Spectrum

The high effective temperature of massive stars produces interesting emission
features. Before discussing those, however, it is necessary to understand how
they evolve in the L — T,g plane, i.e. to follow their stellar tracks. These
depend strongly on the assumptions made concerning the mass loss. We will
compare and discuss here, following [59], the two extreme cases of (i) no mass
loss, and (ii) strong mass loss. The main difference between the “strong” and
“no mass loss” sets is the rapid blueward evolution of the stars in the former
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case, due to strong increase of the He abundance on the surface of these
stars leading to a hot Wolf-Rayet-like phase. While the use of different input
physics (e.g. nuclear reaction rates) could lead to somewhat different results if
recomputed with more modern codes, the predicted tracks depend essentially
only on the adopted mass loss and remain thus completely valid. Due to the
lack of CNO elements the ZAMS of massive Pop III stars is much hotter that
their solar or low metallicity counterparts. In particular this implies that at
Z = 0 stars with M > 5 Mg have unusually high temperatures and in turn
non-negligible ionizing fluxes corresponding to normal O-type stars (Teg >
30,000 K).

These unique physical characteristics enhance the ionizing photon pro-
duction of Pop III stars, particularly in the He 11 continuum, in which they
produce up to 10° times more photons than Pop IIL. If, in addition, the first
stars were also massive, they would be even hotter and have harder spectra.
Metal-free stars with mass above 300 Mg, resemble a blackbody with an effec-
tive temperature of ~ 10° K, with a production rate of ionizing radiation per
stellar mass larger by 1 order of magnitude for H and He 1 and by 2 orders of
magnitude for He 11 than the emission from Pop II stars. In the less extreme
case of metal-free stars with masses < 100 Mg, the H-ionizing photon produc-
tion takes twice as long as that of Pop II to decline to 1/10 of its peak value.
Nevertheless, due to the red-ward stellar evolution and short lifetimes of the
most massive stars, the hardness of the ionizing spectrum decreases rapidly,
leading to the disappearance of the characteristic He 11 recombination lines
after about 3 Myr in instantaneous burst models. Emission spectra from pri-
mordial stars have been calculated by different authors for stars with masses
up to = 1000 Mg. Some calculations have carried out evolutionary calcula-
tions over this entire range of stellar masses, covering the H and He-burning
phases and allowing for a moderate overshooting from convective cores, but
neglecting rotation. Additionally, for very massive stars (M > 120 Mg), re-
cent mass-loss rate prescriptions for the radiation-driven winds at very low
metallicities have been applied and the amplification of the loss rate caused by
stellar rotation calculated. Nevertheless, the above studies are based on some
strong simplifying assumptions; e.g. all the stars are assumed to be on the Zero
Age Main Sequence (ZAMS) (i.e. stellar evolution is neglected) and nebular
continuum emission is not included. In particular, this last process cannot be
neglected for metal-poor stars with strong ionizing fluxes, as it increases sig-
nificantly the total continuum flux at wavelengths red-ward of Ly« and leads
in turn to reduced emission line equivalent widths. Nebular emission has been
included in a more complete and extended studies by [59, 60], who presents
realistic models for massive Pop III stars and stellar populations based on
non-LTE model atmospheres, recent stellar evolution tracks and up-to-date
evolutionary synthesis models, including also different IMF's [15]. Table 1 gives
a summary of the emission properties of Pop III stars. The numbers have been
derived by integrating the ionizing photon rate in the absence of stellar winds
over three different IMF's, i.e. Salpeter, Larson and Gaussian.
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Table 1. The different progenitor models for SNII. The masses are in Mg and N
is in units of M51

SN Model Msxu M Z/Zo  NU

SNII-A 12 40 1072 0.00343
SNII-B 12 40 1 0.00343
SNIL-C 10 50 1072 0.00484
SNIL-D 10 50 1 0.00484

3.2 Final Fate

As the p-p chain is never sufficiently efficient to power massive stars, stars
of initial zero metallicity contract until central temperatures > 108K are
reached and CNO seed isotopes are produced by the triple-a process. As a
consequence of their peculiar behavior in hydrogen burning, the post-main
sequence entropy structure of stars of zero initial metallicity is different from
that of stars having finite metallicity. As already stated, although radiative
mass loss is probably negligible for stars of such low metallicity, they still
might lose an appreciable fraction of their mass because of nuclear-driven
pulsations. Recent theoretical analysis on the evolution of metal-free stars
predicts that their fate can be classified as follows:

Stars with masses 10 < M/Mg < 40 proceed through the entire series
of nuclear burnings accompanied by strong neutrino cooling: hydrogen
to helium, helium to carbon and oxygen, then carbon, neon, oxygen and
silicon burning, until finally iron is produced. When the star has built up
a large enough iron core, exceeding its Chandrasekhar mass, it collapses,
followed by a supernova explosion. In particular, stars with M > 30 Mg
would eventually collapse into a Black Hole (BH)

For stars of mass 40 < M /Mg < 100 the neutrino-driven explosion is prob-
ably too weak to form an outgoing shock. A BH forms and either swallows
the whole star or, if there is adequate angular momentum, produces a jet
which could result in a GRB.

Stars with M > 100 Mg form large He cores that reach carbon ig-
nition with masses in excess of about 45 Mg. It is known that after
helium burning, cores of this mass will encounter the electron-positron
pair instability, collapse and ignite oxygen and silicon burning explo-
sively. If explosive oxygen burning provides enough energy, it can re-
verse the collapse in a giant nuclear-powered explosion (the so-called
Pair Instability Supernova, PISN) by which the star would be partly or
completely (if M > 140 Mg) disrupted. For even more massive stars
(M > 260 Mg) a new phenomenon occurs as a sufficiently large frac-
tion of the center of the star becomes so hot that the photodisinte-
gration instability is encountered before explosive burning reverses the
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implosion. This uses up all the energy released by previous burning
stages and, instead of producing an explosion, accelerates the collapse
leading to the prompt formation of a massive BH, and, again, either
a complete collapse or a jet-powered explosion (see later on for more
details).

e At even higher masses (M > 10° M) the evolution depends on the metal-
licity: if Z < 0.005 the star collapses to a BH as a result of post-Newtonian
instabilities without ignition of the hydrogen burning; for higher metallic-
ities it explodes, as it could generate nuclear energy more rapidly from
G-limited cycle.

3.3 Metal Yields and Explosion Energies

We have seen that very likely the massive star formation mode continued un-
til the cosmic gas reached the critical metallicity value, Z,, ~ 107°*! Z,
which enabled the formation of lower mass clumps and allowed some of the
above mechanisms to stop accretion. This situation leads to the so-called
star formation conundrum. If Pop III stars were indeed very massive, stellar
evolution models predict that most of these objects would have evolved into
black holes, which lock in their nucleosynthetic products. This, in turn, would
prevent the metal enrichment of the surrounding gas and force the top-biased
star formation mode to continue indefinitely. It is only in the relatively narrow
mass window characterizing the PISN in fact, that ejection of heavy elements
can occur. Thus, PISN may be essential to increase the intergalactic medium
metallicity above Z.. and initiate the transition from top-biased star forma-
tion to the formation of “normal” (Population IT/Population I) stars with a
more typical initial mass function.

In order to quantify the properties of Pop III and Pop II/T objects, we
consider the metal yields and explosion energies of pair-creation (SN,,) and
Type IT SNe (SNII), respectively. In the Pop II/I case we adopt the results of
Woosley & Weaver (1995) who compute these quantities for SNII as a function
of progenitor mass in the range 12 Mg < M, < 40 Mg and initial metallicities
Z = (0,1074,1072,1071,1) Ze. The corresponding quantities for PISN are
taken from [31] assuming progenitors in the mass range A, = 140 Mg <
M, < 260 M.

Pop II/1I Objects

The total heavy-element mass and energy produced by a given object depend
on the assumed IMF. We define Pop II/T objects as those that host predom-
inantly Pop II/Pop I stars, i.e. objects with initial metallicity Z > Z., =

10~* Zo. For these, we assume a canonical Salpeter IMF, &(M) oc M~ (1H2),
with = 1.35, and lower (upper) mass limit M, = 0.1 Mg (M, = 100 Mg),
normalized so that,
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My,
/ AMM®(M) = 1. (49)

M,

The IMF-averaged SNII metal yield of a given heavy element i (in solar
masses) is then

M,
e _ Jan, MBI

b e ()

Mgsnit

(50)

where M; is the total mass of element i ejected by a progenitor with mass M.
The mass range of SNII progenitors is usually assumed to be (8-100) M.
However, above Mgy = 50 + 10 Mg stars form black holes without ejecting
heavy elements into the surrounding medium (Tsujimoto et al. 1995), and
from (8-11) Mg, the pre-supernova evolution of stars is uncertain, resulting in
tabulated yields only between 12 Mg and 40 Mg (Woosley & Weaver 1995). To
be consistent with previous investigations (Gibson, Loewenstein, & Mushotzky
1997; Tsujimoto et al. 1995), in our reference model (SNII-C in Table 1) we
consider SNII progenitor masses Mgnir = 10 Mg < M, < Mg = 50 Mg
range, linearly extrapolating from the lowest and highest mass grid values.
Finally, SNII yields depend on the initial metallicity of the progenitor star.
Here we assume for simplicity that SNII progenitors form out of a gas with
Z > 1072 Zg. Moreover, the predicted SNII yields with initial metallicity

in the range 10~% Zg <Z< 10=2 Z are largely independent of the initial
metallicity of the star (Woosley & Weaver 1995). Different combinations of
progenitor models relevant for the present analysis are illustrated in Table 1.
The last entry in each row is the number of SNII progenitors per unit stellar
mass formed,

[ qM@(M)

Mgnit

Jup" dAMME(M)

N = (51)

Finally, we assume that each SNII releases Exi, = 1.2 x 10%! erg, independent
of the progenitor mass (Woosley & Weaver 1995).

Table 3 shows the IMF-averaged yields for some relevant elements, as well
as the total mass of metals released in different SNII models. In the same
Table, we also show the corresponding yields for Type Ia SNe (SNIa), whose
values are mass-independent.

Pop IIT Objects

The detailed shape of the Pop III IMF is highly uncertain, as these stars have
not been directly observed. In this investigation we adopt a model that is
based on numerical and semi-analytical studies of primordial gas cooling and
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fragmentation ([1]), which show that these processes mainly depend on molec-
ular hydrogen physics. In particular, the end products of fragmentation are
determined by the temperature and density at which molecular hydrogen lev-
els start to be populated according to LTE;, significantly decreasing the cooling
rate. The minimum fragment mass is then comparable to the Jeans mass at
these conditions, which is ~10% Mg, although minor fragmentation may also
occur during gravitational contraction, due to the occasional enhancement of
the cooling rate by molecular hydrogen three-body formation.

Ultimately, in these conditions the stellar mass is determined by the effi-
ciency of clump mass accretion onto the central protostellar core. For a gas
of primordial composition, accretion is expected to be very efficient due to
the low opacity and high temperature of the gas. Given the uncertainties is
these models, it is interesting to explore different values for the characteristic
stellar mass M and for o¢, the dispersion around this characteristic mass.
In the following we assume that Pop III stars are formed according to a mass
distribution given by,

1
V2moo

where 100 My < Mc < 1000 Mg and o2 < o¢ < o2, A similar shape
for the initial Pop ITI IMF has been also suggested by Nakamura & Umemura
(2001), with a second Gaussian peak centered around a much smaller charac-
teristic mass of 1 Mg, leading to a bimodal IMF.

The minimum dispersion is taken to be o®® = 0.1 M and the maximum
value is set so that less than 1% of stars form below a threshold mass of
Mgu ~50 Mg, i.e. o3 = (Mc — 50 Mg)/3, such that they will not leave
behind small stars or metal-free compact objects observable today. With this
choice, only progenitors with mass in the range A,, are effective in metal
enrichment. The IMF-averaged yields, Y;"”, and the number of progenitors
per unit stellar mass formed, N7 can be obtained from expressions equivalent
to (50) and (51) with the assumed IMF and metal yields from [31]. For each

pair of M and o¢ values, we also compute the parameter

S(M)MAM = e~ (M=Mc)* /208 q (52)

 Ja AMM®(M)
i = o AMMa(M)

(53)
i.e. the fraction of Pop III stars ending in PISN. Similarly, the IMF-averaged
specific kinetic energy is

Ja,, AM®(M)Eyin
T [ dMe(M)

(54)

The various models are described in Table 2 and the corresponding yields are
given in Table 3.



Table 2. PISN progenitor models. The first three entries are in Mg, N7 is in units Mél and Eyin is in units of 10% erg. The last

entry represents the kinetic energy per unit gas mass, 5;11 = e NYEN in units of 10! erg Mg)l computed assuming a Pop III

star formation efficiency fi' = 0.1, and wind efficiency fo = 0.1 (see text)

SN Model Mc oin oaex N for Ei &l

PISN-A 100 10 17 <6x107° [0.03 — 81073 6—-17.5 <4x107°
PISN-B 200 20 50 [5—4]1073 0.99 — 0.8 38.4 — 37.5 [2 —1.5]1073
PISN-C 260 26 70 [2.1 —2.2]1073 0.5-04 67.1 — 46.4 1.4 —1]1073
PISN-D 300 30 83 [0.4 —1.4]1073 0.09 — 0.3 70.5 — 48.2 [2.6 — 6.6]10*
PISN-E 500 50 149 <22x1074 < 0.05 70.6 — 47.8 <107
PISN-F 1000 100 314 <3x107° <6.3x1073 69.9 — 43.6 1.3 x107°
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Table 3. The IMF-averaged metal yields (in M) for SNII, SNIa, and PISN

SN Model Yo Ysi Ys Yre Yinet
SNII-A 1.43 0.133 0.064 0.136 2.03
SNII-B 1.56 0.165 0.078 0.115 2.23
SNII-C 1.11 0.1 0.047 0.126 1.6

SNII-D 1.19 0.124 0.061 0.11 1.76
SNIa 0.148 0.158 0.086 0.744 1.23

PISN-A 48.4-47.5 2.07-4.37  0.559-13.2 [0.29-13.3)1072 59.3-61.3

PISN-B 44.2-43.5 20.9-18.9 8.77-7.89 5.81-7.41 89-86.8

PISN-C 37.4-41.8 24.3-20.8 11.2-9.01 22.1-11.6 104-92.4
PISN-D 35-41.4 23.6-21.1 11.0-9.19 24.9-12.5 104-93.4
PISN-E 32.8-41.3 22.5-20.8 10.5-9.07 25.7-12.4 100-92.9
PISN-F 34.3-42.1 23.1-19.8 10.8-8.51 24.8-10.6 102-90.2

3.4 Effects of Rotation: Hypernovae

One of the most interesting recent developments in the study of supernovae
from very massive stars is the discovery of some very energetic explosions,
whose kinetic energy (KE) exceeds 10%? erg, about 10 times the KE of normal
core-collapse SNe (E5; = E/10°! erg). The most luminous and powerful of
these objects (E51 = 30), the Type Ic supernova (SN Ic) 1998bw, was probably
linked to the gamma-ray burst GRB 980425 thus establishing for the first
time a connection between gamma-ray bursts (GRBs) and the well-studied
phenomenon of core-collapse SNe. In addition, SN 1998bw was exceptional
for a SN Ic: it was as luminous at peak as a SN Ia. Because of its large KE,
SN 1998bw was called a “Hypernova (HN)”. These objects span a wide range
of properties, although they all appear to be highly energetic compared to
normal core-collapse SNe. What is the reason for such large and anomalous
explosion energies? The most widely accepted explanation has to do with the
explosion of a rotating massive star ([47]).

This has become evident as researchers have started to plot the explosion
energy F as a function of the main-sequence mass M, of the progenitor star as
derived from fitting the optical light curves and spectra of various hypernovae
and normal supernovae (Fig. 5) it appears that E increases with M,, forming a
“Hypernova Branch”, reaching values much larger than the canonical E5; = 1.
However other SNe (1997D, 1999br among the others) are located well below
that branch, forming a “Faint SN Branch”. This trend might be interpreted
as follows. Stars with M, < 20-25 Mg form a neutron star (SN 1987A may be
a borderline case between the neutron star and black hole formation). Stars
with M, > 20-25 Mg form a black hole; whether they become hypernovae or
faint SNe may depend on the angular momentum in the collapsing core, which
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Fig. 5. Explosion energies vs. the main sequence mass of the progenitors for several
bright supernovae/hypernovae

in turn depends on the stellar winds, metallicity, magnetic fields, and binarity.
Hypernovae might have rapidly rotating cores owing possibly to the spiraling-
in of a companion star in a binary system. The core of faint SNII might
not have a large angular momentum, because the progenitor had a massive
H-rich envelope so that the angular momentum of the core might have been
transported to the envelope possibly via a magnetic torques. Between these
two branches, there may be a variety of SNe.

The nucleosynthetic products of hypernovae have very clear signatures,
which markedly differ from normal core/collapse Sne. In core-collapse
supernovae/hypernovae, stellar material undergoes shock heating and sub-
sequent explosive nucleosynthesis. Iron-peak elements are produced in two
distinct regions, which are characterized by the peak temperature, 7}, of the
shocked material. For T}, > 5 x 10% K, material undergoes complete Si burning
whose products include Co, Zn, V, and some Cr after radioactive decays. For
4 x 107 < T, < 5 x 10°K, incomplete Si burning takes place and its after
decay products include Cr and Mn. Three main differences between a HN and
a normal SN of the same mass can be individuated: (1) Both complete and
incomplete Si-burning regions in HN shift outward in mass compared with
normal supernovae, so that the mass ratio between the complete and incom-
plete Si-burning regions becomes larger. As a result, higher energy explosions
tend to produce larger [(Zn, Co, V)/Fe] and smaller [(Mn, Cr)/Fe]. (2) In
the complete Si-burning region of hypernovae, elements produced by a-rich
freeze-out are enhanced. Hence, elements synthesized through capturing of
a-particles, such as 44Ti, 8Cr, and %*Ge (decaying into **Ca, *®Ti, and %4Zn,
respectively) are more abundant. (3) Oxygen burning takes place in more ex-
tended regions for the larger KE. Then more O, C, Al are burned to produce a
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larger amount of burning products such as Si, S, and Ar. Therefore, hypernova
nucleosynthesis is characterized by large abundance ratios of [Si,S/O].

3.5 First Stars and Gamma-Ray Bursts

As discussed in Sect. 3.4, metal-free (and also moderately metal-poor) stars
more massive than approximately 260 M, collapse completely to BHs. Similar
arguments apply to stars in a lower mass window (30 Mg—140 M), which
are also expected to end their evolution as BHs. If this is the case, a nu-
merous population of Intermediate Mass Black Holes (IMBHs) — with masses
M, ~ 10% — 10% Mg, between those of stellar and SuperMassive Black Holes
(SMBHSs) — may be the end-product of those episodes of early star formation.
As these pre-galactic BHs become incorporated through a series of mergers
into larger and larger halos, they sink to the center because of dynamical
friction, accrete a fraction of the gas in the merger remnant to become su-
permassive, form a binary system, and eventually coalesce. If only one IMBH
with M, > 150 Mg formed in each of the minihalos collapsing at z ~ 20 from
3-0 fluctuations, then the mass density of Pop III IMBHs would be compa-
rable to that of the supermassive variety observed in the nuclei of galaxies.
Studies of this scenario have included a number of physical ingredients such
as gas accretion, hardening of the IMBH binary and triple interactions. These
results show that the hierarchical growth can reproduce the observed luminos-
ity function of optically selected quasars in the redshift range 1 < z < 5. In
addition, a prediction of the model is that a population of “wandering” black
holes in galactic halos and in the IGM should exist, contributing around 10%
of the present day total black hole mass density, 4 x 10> My Mpc—3. IMBHs
that have not yet ended up in SMBHs, can be either (i) en route toward
thereby accounting for the X-ray-bright off-center sources detected locally by
ROSAT, or (ii) constituting the dark matter candidates composing the entire
baryonic halos of galaxies.

Once a proto-BH has formed into the stellar core, accretion continues
through a disk. It is widely accepted, though not confirmed, that magnetic
fields drive an energetic jet which produces a burst of TeV neutrinos by
photon-meson interaction, and eventually breaks out of the stellar envelope
appearing as a Gamma-Ray Burst (GRB). Based on recent numerical simu-
lations and neutrino emission models, the expected neutrino diffuse flux from
these Pop III GRBs could be within the capabilities of present and planned
detectors as AMANDA and IceCube High-energy neutrinos from Pop III GRBs
could dominate the overall flux in two energy bands, 10*-10° GeV and 10°-10°
GeV, of neutrino telescopes. The enhanced sensitivities of forthcoming detec-
tors in the high-energy band (AMANDA-IT), will provide a fundamental insight
into the characteristic explosion energies of Pop III GRBs, and will constitute
a unique probe of the IMF of the first stars. Based on such results, Pop III
GRBs could be associated with a new class of events detected by BEPPO-SAX,
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the Fast X-ray Transients (FXTs), bright X-ray sources with peak energies in
the 2-10 keV band and durations between 10 and 200 s.

4 Observational Signatures of First Stars

Despite the efforts made in the past decades, the search for zero-metallicity
stars has been proven unfruitful as no Pop III star has been detected yet. The
first very low metallicity star, with a logarithmic abundance relative to solar of
[Fe/H] = —4.5, was identified more than 15 years ago. Since then, more stars
with —4.5 < [Fe/H] < —2 have been detected. Only recently new records
have been established: [13] have measured an abundance of [Fe/H] = —5.3
in HE0107-5240, a star with a mass of ~ 0.8 Mg; [25] found [Fe/H]= —5.4
for HE1327-2326. Does the existence of this stars suggest that Pop III also
contained low-mass and long-lived objects? Is there a strong lower bound
to the metallicity of the halo stars implying that the first stars were too
massive to have survived until today? What is the age-metallicity relation of
metal-poor stars? How did metal enrichment proceeded within galaxies and
in the intergalactic medium? What are the best strategies to search for a truly
primordial stellar population? This set of related questions represent the core
of the material presented in this Lecture. Before addressing them in detail,
though, it is useful to review the background observations and introduce some
definitions and data.

4.1 Stellar Relics

The distribution of stellar metallicities in the halo of the Galaxy has been
intensively studied since the early 1980. The main difficulty of this experiment
is that metal-poor (MP) stars are extremely rare in the solar neighborhood.
As a direct consequence, knowledge of the form of the Metallicity Distribution
Function (MDF), in particular the shape of its low-metallicity tail, has been
limited by small-number statistics. The most widespread technique applied
to identify a “fair” sample of halo stars exploits their motions (for a review
see [5]). Spectroscopic follow-up of stars selected from proper-motion surveys
has allowed the determination of at least a reasonably accurate picture of the
global shape of the halo MDF. Early studies were able to demonstrate that
the MDF of halo stars peaks at a metallicity [Fe/H] = —1.6, including tails
extending up to the solar metallicity on the high side, and to metallicities
at least down to [Fe/H] = —3.0, or slightly below, on the low side. Both
suggested MDF's are consistent with one another, and with the predictions
of the so-called “Simple Model”. The actual shape of the MDF at the lowest
metallicities, and its precise cutoff, is limited by the small numbers of stars in
these samples. Even taken together, these surveys only include some 250 very
metal-poor stars with [Fe/H]< —2.0, and but a handful with [Fe/H] < —3.0.
Recent kinematically unbiased surveys for metal-poor stars have revealed the



192 A. Ferrara

presence of at least two hyper metal-poor (HMP) stars, with [Fe/H] < —5.0
([13, 25]). The ongoing effort to search for MP stars has a long history which
coincides essentially with the surveys that have been carried on during the
last decades. In brief, the techniques used and the results obtained can be
summarized as follows (for a detailed description see [5]).

The HK Survey*

The HK survey was initiated over 25 years ago. During the course of
the survey, a total of some 300 objective-prism plates covering 2800 deg? in
the northern hemisphere and 4100 deg? in the southern hemisphere were ob-
tained. The selection of candidate metal-poor stars was accomplished based
on visual inspection. Medium-resolution spectroscopic and broadband photo-
metric follow-up of candidate MP from the HK survey has been underway
for two decades. The survey has allowed to obtain about 14,500 spectra of
candidates of which 75% are unique.

The Hamburg/ESO Survey*

The HES objective-prism survey provides the opportunity to greatly in-
crease the number of very metal-poor stars identified by the HK survey. It
reaches about two magnitudes deeper than the HK survey (B = 17.5 vs.
B = 15.5) and also covers regions of the southern sky not sampled by the
HK survey; a total of about 8225 deg? of the sky above |b| = 30° is presently
available from the HES. The selection of metal-poor candidates from the HES
database of digital objective-prism spectra is performed using quantitative
criteria. Medium-resolution spectroscopic follow-up of candidate metal-poor
stars from the HES has been underway for the past 5 years, primarily with
2.5-4m class telescopes. The number of HES targets (including stars other
than metal-poor candidates) with available medium-resolution spectroscopy
obtained to date is about 7500.

The Sloan Digital Sky Survey*

The SDSS includes a large number of Milky Way stars (about 70,000) at
medium-resolution (2.5 A) spectroscopy, with wugriz photometry. Most stars
contained in the SDSS database were not targeted specifically to be metal-
poor halo objects, and indeed they represent a complex assembly of objects
selected for calibration and reddening determinations, directed studies of var-
ious classes of stars (e.g. horizontal-branch stars, carbon stars, white dwarfs,
late-type K and M dwarfs, etc), as well as objects originally targeted as quasars
that turned out to be stars. In spite of its rather inhomogeneous assembly,
the SDSS stellar database does provide a useful means for sampling the tail
of the halo MDF.

Figure 6 shows the distribution of [Fe/H] for about 6000 stars from the
HK survey that have measured or inferred colors. Note that the bi-modal
character of this distribution is simply the result of the imperfect selection
of candidate low-metallicity targets; the large number of stars with [Fe/H]
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> —1.5 are the “mistakes”. The 1200 stars with metallicities [Fe/H] < —2.0
are the sought-after objects. In the right panel a similar plot for the HES
stars is shown. Although the total number of targets is only about half of
the HK survey stars, the far higher efficiency of the HES in the identifica-
tion of very metal-poor stars has greatly reduced the number of mistakes
with [Fe/H] > —1.5. As a result, the total number of HES stars with [Fe/H]
< —2.0 exceeds that of the HK survey by some 300 stars. There are almost
twice as many [Fe/H] < —3.0 stars found in the HES as have been iden-
tified in the HK survey. The combined samples of stars from the HK and
HES includes some 2700 stars with [Fe/H] < —2.0 and almost 400 stars with
[Fe/H] < —3.0. Note that HK-survey stars that were rediscovered by the HES
have not been eliminated yet. Hence, these numbers will be reduced some-
what in the final tally. When using these data we need to keep in mind two
important caveats: (i) owing to the manner in which the surveys were con-
structed (to find the lowest metallicity stars), a bias is introduced as metal-
licity rises above [Fe/H] = —2.5. This can be corrected by comparing the
shapes of the MDFs for stars in the range —2.5 < [Fe/H| < —2.0 with those
of the kinematically-based surveys discussed earlier, and derive a “bias cor-
rection factor” that can by applied to the numbers of stars in this interval
to account for the fraction lost by the selection of candidates; (ii) a careful
check on the abundance estimates for the many Carbon-rich MP stars that
are found at low metallicity in both surveys must be performed: a possible
underestimate of the metallicity of the cooler, or more carbon-enhanced stars,
can take place. To correct for this one would have to evaluate such stars
on a spectrum-by-spectrum basis, and either remove them or correct their
abundances.

In any case, two features are evident from the resulting MDF shown in
the Figure. The low-metallicity cutoff appears at [Fe/H|= —4.0, although the
small numbers of stars with [Fe/H] < —3.5 still make the actual location of
the cutoff somewhat uncertain. The other feature is the possibility of a small
“bump” in the MDF at around [Fe/H] = —2.5, which needs to be confirmed
by higher quality spectra.

r-Process Element Abundances

If the first stars are characterized by large masses, the first cosmic metals must
come from PISN; thus, nucleosynthetic tracers provide at least a lower limit on
early star formation. In zero-metallicity stars, the efficiency of nuclear-powered
radial pulsations and radiatively driven stellar winds is greatly reduced, so
mass loss is likely to be small. Although one of the most abundant elements
produced by PISN, iron provides an uncertain measure of very massive star
formation. In fact, the amount of silicon burned into iron in the final stellar
explosion increases with the kinetic energy of the initial collapse, and thus the
iron yield varies strongly with the core mass. Yields of other nuclides depend
less on M, . While the mass yield of oxygen is quite high, the so-called «
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Fig. 6. Left: Metallicity Distribution Functions for the combined HK survey HES
candidate metal-poor stars, for stars with [Fe/H] < —2.0. Right: The same distri-
bution, but with the Carbon-rich extremely MP stars with [C/Fe] > 1.0 removed.
From Beers et al. (2005) [5]

elements like Si, S, and Ca have enrichment factors relative to solar that are
far above O. These trends are specific to very low/zero-metallicity massive
stars; these elements are therefore excellent tracers of Population IIT star
formation. According to the most recent estimates ([31]) no elements above
the iron group are produced for the pair instability explosion. If these models
are correct, the main prediction is that very massive stars should produce
copious a-elements with very little associated r-element production.

The above prediction can now be confronted with observations of heavy
r-process abundances in metal-poor halo stars as a function of [Fe/H]; so far
this study has provided the following results (discussed in detail, for exam-
ple, by [49]). For [Fe/H]< —3 the Ba abundance is roughly constant; how-
ever, over a small range in Fe abundance, —3.1 < [Fe/H|] < —2.5, there is
a 2 dex spread in the Ba abundance. This fact can be explained as follows.
PISN start to pollute the surrounding medium with very small amounts of 7-
process elements relative to their iron production rate. In this case, the initial
iron enrichment up to [Fe/H]< —3 is almost exclusively due to these stars.
The finite abundance at can be associated with very minor co-production
of Ba in PISN. According to the critical metallicity concept (see Sect. 2),
the IMF of the first stars should turn to “normal” once the metallicity of
the gas rises above a certain value. At that point the main contributors to
heavy elements production are core-collapse SNe. As they are not associated
with significant co-production of iron, they will produce the wide scatter ob-
served in Ba abundance over a small range in [Fe/H]. From such arguments,
we would expect the trend seen in Fe to be most strongly exhibited in the
a-elements. Indeed, Si and Ca show the same trend of a low Ba abundance at
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very low metallicity followed by a wide scatter over a small range in metallicity.
On the other hand, we would expect these trends to be absent in elements less
abundantly produced by very massive stars, which do not experience signifi-
cant initial enrichment before normal star formation takes over. This is indeed
seen: carbon shows merely a linear correlation between C and Ba production
with a great deal of scatter. This provides a first (albeit admittedly indirect)
supporting evidence for a early cosmic phase of very massive star formation.
Thus, Si and Ca (more suitably than Fe which shows a strong dependence
on stellar mass) can be used to quantify the amount of early very massive
star formation. The main result obtained from applying this technique to the
available MP star catalogs indicates that the amount of ionizing photons cor-
responding to the abundances of these elements is sufficient to reionize the
universe. In addition it shows the power of analyses that exploit local data
for cosmological inferences.

Metallicity Distribution

As an alternative strategy to study the first stars, it appears that number
counts of very low-metallicity Milky Way (MW) stars can not only provide
evidences for “living fossils”, i.e. stars formed immediately after the end of
Dark Ages, but also probe the primordial IMF and hierarchical models to
cosmic epochs (z > 6) currently unreachable to most experiments.

Suppose that Pop III stars are born inside the so-called Pop IIT objects,
i.e. systems with total mass < 2 x 10%® Mg, which strongly rely on molecu-
lar hydrogen cooling in order to collapse, given their low virial temperatures.
These objects are extremely fragile to the energy release by their own super-
novae; as a result, their gas is quickly evacuated and they can only witness a
single burst of star formation. The remnant is a “naked stellar object” a tiny
agglomerate of long lived low-mass stars, essentially retaining the metallicity
of the gas from which they formed. These are the stars that we are the prime
candidates for the very low-metallicity stars observed in the MW halo. The
calculation can be carried on along the following lines.

By using the extended Press-Schechter formalism it is possible to calculate
the conditional probability that a virialized halo of mass M; at z; will become
part of a more massive halo of mass My at a later time, zg. This allows us
to calculate the mass functions of the fragments which through mergers will
end up as part of a MW sized system today. Then one associates a maxi-
mum metallicity to the stars to be formed and contained within these halos
through the mean mass weighted metallicity of the universe at each redshift,
taken from cosmological simulations of metal enrichment. As a result of the
merger process, these halos will probably contain a few stars with yet lower
metallicities formed in halos of the preceding hierarchies; in this sense the
aforementioned metallicities are to be considered as an upper limit for the
stars of these halos.
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The lower mass limit, M, excludes systems having masses and hence
virial temperatures too low to allow Hs cooling to lead to collapse (see Sect. 1.
The upper limit, My, corresponds to the upper mass at which the mechanical
feedback due to supernova can expel the baryonic component entirely, thus
quenching further star formation. Systems with masses larger than M, cool
and the gas forms a disk in centrifugal equilibrium (often seen in the numerical
simulations), with an exponential surface density profile fixed by the total
baryonic mass and angular momentum. This last is given by the A parameter,
which is chosen at random from the distribution:

1 —In®(\/ < A >) dA
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(55)
with < A >=0.05 and o) = 1.0. The initial dark halo profile is chosen such to
have a central constant density core, as seen in present day dark halos from
dwarf to cluster scales.

The final temperature of the gas in the disk is taken to be 300K, as
appropriate for gas where the main cooling mechanism is Hy. This temperature
determines cg, the sound speed within the disk, which together with x, the
epicycle frequency obtained from the detailed final rotation curve, yields the
Toomre’s stability parameter for the disk:

Csk

TGXY’

In the regions where @@ > 1 the total tidal shears, together with the velocity
dispersion, are sufficient to stabilize the disk locally against its self gravity.
These regions are therefore not subject to star formation. Once the total gas
mass turned into stars as a function of the metallicity has been determined,
the most flexible approach is to use the Larson IMF to turn this into a to-
tal number of stars. This function offers a convenient parameterization of
the IMF"

Q= (56)

dN/dlog m o (1 +m/mg)~ 13, (57)

In the above equation msg is a characteristic mass scale, of order 0.35 Mg, for
a present day solar neighborhood IMF. This mass scale can be increased to
explore the consequences of a top heavy IMF.

Figure 7, taken from [32] summarizes the results of such analysis. It is clear
that theoretical predictions fall somewhat above the observational measure-
ments, implying that the assumption of a constant mg = 0.35 Mg, essentially
a present day solar neighborhood IMF, is not valid. Reconciling the estimates
with the observations requires not only the assumption of a higher mg in the
past, but throughout the redshift range studied, an increasing trend for this
value. The increase of the CMB temperature with redshift alone, implies an
increase in the Jeans mass for the star forming clouds, once one is beyond
z = 2, where the CMB temperature equals the =~ 8 K of cold star forming
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Fig. 7. Left: Average number of Pop III stars with metallicity lower than [Z/Z¢]
expected in MW sized galaxies today, for a solar neighborhood IMF (solid curve).
The dots with error bars show the data from HK Survey. The labeled arrows show the
values of ms required to reconcile model and data, at z = 6.5 and z = 9.0. Right:
Inferred values of ms as a function of redshift (points with error bars). the solid curve
gives the redshift evolution of the Jeans mass of cold star forming clouds, identified
with myg, resulting from the temperature evolution of the CMB. From Hernandez &
Ferrara (2001) [32]

clouds. It has therefore been suggested that at high redshift the IMF should
be increasingly weighted towards larger stellar masses. The labeled arrows in
Fig. 7 show the values of mg required at z = 6.5 and z = 9.0, to match the ob-
served points. The right panel illustrated the evolution of myg inferred for the
IMF of Pop III objects, by imposing that model and observations agree. The
solid curve indicates the redshift evolution of the Jeans mass in star forming
clouds, which we identify with mg. Although for z > 6 results are consistent
with the increase in mg coming solely from that in the Jeans mass due to the
CMB, the trend for 6 < z < 9 is clearly for a rise in mg beyond what this
effect can account for. For z > 9, the values of the characteristic mass appear
to stabilize around the value mg = 10-15 Mg, indicative of a very top heavy
IMF at these early epochs, although the larger error bars makes determining
trends in this redshift range harder.

Although more modern versions of this idea should be explored to include
the oncoming HES and SDSS data described above before drawing definite
conclusions, it appears that the stellar relics in the Milky Way halo can teach
us a lot about stars formation that occurred in the remote past.



198 A. Ferrara
4.2 Indirect Probes: The Near Infrared Background

Numerous arguments favor an excess contribution to the extragalactic back-
ground light between 1um and a few pm when compared to the expectation
based on galaxy counts and Milky Way faint star counts.

Recent measurements of the Near Infrared Background (NIRB) shown
an intensity excess with respect to observed light from galaxies in deep
field surveys. The discrepancy is maximal at 1.4um, corresponding to
17-48nWm Zsr~! (about 2-5 times the known galaxy contribution); signif-
icant discrepancies are found also at longer wavelengths. While these mea-
surements are likely to be affected by certain systematics and issues related
to the exact contribution from zodiacal light within the Solar System, one
explanation is that a contribution to the NIRB originates from high redshift,
very massive stars. The redshifted line emission from Ly« emitting galaxies
at z > 9 would produce an integrated background in the near-infrared wave-
lengths observed today. In case this interpretation of the NIRB is correct, it
would directly constrain the number of ionizing sources at high redshifts and
thus would have direct implications on reionization. Until the recent availabil-
ity of Spitzer and NICMOS/HST Ultra Deep Field data, there were no serious
counterarguments to the interpretation of the entire excess being produced by
very massive stars, thus providing a convincing, although indirect, probe of
their existence. Instead, some support to this explanation came from the fact
that the same stars can also account for the observed small (= arcsec) angular
fluctuations detected in the same bands. However, the picture of this problem
has changed recently, as worked out in [56] Salvaterra & Ferrara (2006) and
it is briefly summarized in the following.

The mean specific background intensity, J(vp, o), at redshift zo observed
at frequency vy, produced by a population of sources (e.g. Pop III stellar
clusters) characterized by a comoving emissivity €,(z), can be written as

1 3 7 dl
L2l [ aeatnnLas, .
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J(Vo, ZQ) =

where v = vp(1 + 2)/(1 + zp), dl/dz is the proper line element, 7. is the
IGM effective optical depth (see Sect. 9) at vy between redshift zg and z. The
source term €, can be written, in general, as a convolution of the light curve
of the stellar cluster l,(¢) with the source formation rate (per unit comoving
volume). Under the approximation that the source formation rate is constant
over the source lifetime 7¢, and considering the average specific luminosity
per unit mass, Iy, over such timescale, the emissivity is given by

2, d
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€v(z) =~ lleff*Q_& / d—]wh(Mhﬂz)Mhth’ (59)
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where n(My, z) is the comoving number density of halos of mass M}, at redshift
z. The integral represents the collapsed mass per comoving volume contained
in dark matter halos with mass above M, (2). Two different threshold masses
must be considered. depending on the relevant cooling agents: (i) atomic hy-
drogen (i.e. Tyir > 10*K); and (ii) molecular hydrogen (see Sect. 1); f, is the
Pop III star formation efficiency. Once a (time-evolving) spectrum (see Sect. 3)
for the massive Pop III stars has been selected the average flux F, (z, My)
from Pop III stellar cluster of mass M, at redshift z can be derived:

M 1 Vmax7
F, = c T e Tert (0,20,2) 60
© 47TAI/Q dL (2)2 / ve v ( )

where d,(z) is the luminosity distance, Avy is the instrumental bandwidth,
and Vin, Vmax are the restframe frequencies corresponding to the observed
ones.

The above equations allow to compute the diffuse NIRB background due
to Pop III stars and compare it with the number count data. In order to
determine the minimum requirements for the sources responsible for the NIR
light, it is useful to consider the maximal contribution of both “normal” deep
field galaxies and zodiacal light; it is then possible to determine the minimum
star formation efficiency, f*', necessary to fit the NIRB spectrum. Let us dub
as minimal NIRB model, for clarity, that in which f* = 0.8 (0.4) for H-cooling
(Ha-cooling) halos. Finally, for the given value of f, we compute the surface
density of Pop III stellar clusters required to fit the minimal model in the flux
range F, and Iy, +dF,, as

AN T/ av
W(Fuoa Zend) = / <dzd(2) ne(z, Fy,)dz, (61)
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where dV./dzd{2 is the comoving volume element per unit redshift per unit
solid angle, n.(z, Fy,) is the comoving number of objects at redshift z with
observed flux in [F,,, By, + dF,,], given by

dMy d2n
nc(z,F\,O) ~ dTW(Z’FVO)TlfdM—W(Mh7z). (62)

This set of prediction can be confronted with the high redshift galaxy num-
ber counts from the Spitzer/IRAC and HST/Nicmos instruments. In par-
ticular, [9] looked at the prevalence of galaxies at z &~ 8 — 12 by applying
the dropout technique to the wide variety of deep F110W- and F160W-band
(hereafter Ji10 and Higo, respectively) fields that have been imaged with the
Near Infrared Camera and Multi-Object Spectrometer (NICMOS). The pri-
mary selection criterion for high-z sources is Jy10 — Higo > 1.8. Using this
criterion, [9] found eleven sources. Eight of these are ruled out as credible
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z ~ 10 sources, either as a result of detection (> 20) blueward of Ji19 or
because of their colors red-ward of the break (Higp — K =~ 1.5). The nature
of the three remaining sources could not be assessed from the data, but this
number appears consistent with the expected contamination from low-redshift
interlopers. Hence, [9] concluded that the actual number of z ~ 10 sources in
the NICMOS parallel fields must be three or fewer.

Adopting the same selection criterion, the theory predicts that thousands
of these sources should be detected. More precisely, 1165 (5634) J-dropouts
should be observed for H-cooling (Hs cooling) halos below the conservative
magnitude limit Hygp = 28. These numbers are at odd with the mere 3 (ten-
tative) detections reported by [9].

What are the implications of this result? Even if all candidates turn out to
be genuine z = 10 Pop III galaxies, the contribution to the NIRB is less than
0.05(0.04) nWm ™ ?sr~! in the J (H) band, i.e. ~ 1/340 of the minimum ob-
served NIRB excess. Alternatively, if Pop III ionizing photons largely escape
from star forming environments, the Lya line could be produced in the in-
tergalactic medium. The consequent strong surface brightness decrease would
prevent detection and association with the parent galaxy; however, these Ly«
photons would still contribute to the NIRB. The three NICMOS candidates
(corresponding to f® = 1.5%) imply then a small NIRB contribution from
Pop III, amounting only to 1/24 of the minimum observed excess. Again, these
sources would be below detectability for Spitzer at larger wavelengths.

The conclusion is that if the NIRB excess is made entirely by high redshift
Pop III clusters, these should have already been observed in deep galaxy
searches in large numbers. The few (possibly none!) detections of such objects
offer little room for the Pop III explanation of the NIRB excess, leaving us
with a puzzling question concerning the origin of this mysterious background
component.

4.3 Direct Probes at Intermediate Redshifts

Although a critical metallicity-induced transition must have occurred at high
redshift in the bulk of cosmic star formation sites, massive Pop III stars
are likely to have left some imprints that are observable at intermediate
(3 < z < 6) redshifts. One point that might have important observational
consequences is the fact that cosmic metal enrichment has proceeded very
inhomogeneously, with regions close to star formation sites rapidly becoming
metal-polluted and overshooting Z,, and others remaining essentially metal-
free. Thus, the two modes of star formation, Pop III and normal, must have
been active at the same time and possibly down to relatively low redshifts,
opening up the possibility of detecting Pop III stars. This is particularly im-
portant as metal-free stars are yet to be detected. Thus, it might well be
that the best approach to detect the first stellar clusters is to develop careful
observation strategies of high-redshift Pop III host candidates.
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Reference [58] have worked out a comprehensive model to predict the prob-
ability of spotting massive stars at intermediate redshifts. As metal-free stars
are powerful Ly« line emitters, it is natural to use this indicator as a first
step in any search for primordial objects. This is even more promising as sur-
veys aimed at finding young, high redshift systems have already discovered a
considerable number of such emitters. In principle, the calculation of the Ly«
luminosity, L, from a stellar cluster is very simple, being directly related to
the corresponding hydrogen ionizing photon rate, Q(H ), by

L, = CL(]- - fesc)Q(H)a (63)

where cr, = 1.04 x 107! erg and feq. is the escape fraction of ionizing photons
from the galaxy. As this escape fraction is relatively uncertain, we adopt here
an educated guess of fosc = 0.2, which is based on a compilation of both
theoretical and observational results; Q(H) is computed from evolutionary
stellar models.

Having calculated the Lya emission, we can then derive the probability
that a given high-redshift Ly« detection is due to a cluster of Pop III stars
(modulo the assumption of a IMF and a star formation efficiency). The re-
sulting probabilities are displayed in Fig. 8. In this figure, the isocontours
in the Lya luminosity-redshift plane indicate the probability to find Pop III
objects (i.e. galaxies hosting Pop III stars) in a given sample of Ly« emitters
for various feedback strenghts (feedback processes will be discussed in detail
in Sect. 6, parameterized by the value of ey1; (for the definition of this pa-
rameter see Table 2). These are compared with the available data points and
a line corresponding to a typical detection flux threshold of 1.5 x 10~!7 ergs
em 2571,

In this figure, we see that Pop III objects populate a well-defined region
of the L,-redshift plane, whose extent is governed by the feedback strength.
Note that the lower boundary is practically unaffected by changes in ey, as
most Pop III objects are in a limited mass range such that they are large
enough to cool efficiently, but small enough that they are not clustered near
areas of previous star formation. At lower ery; values, the non-zero probability
area widens considerably: in this case, a smaller volume of the universe is
polluted and Pop III star formation continues at lower redshifts and in the
higher mass, more luminous objects that form later in hierarchical models.
Above the typical flux threshold, Lya emitters are potentially detectable at
all redshifts beyond 5. Furthermore, the fraction of Pop III objects increases
with redshift, independent of the assumed feedback strength. For the fiducial
case eyp = 1073, for example, the fraction is only a few percent at z = 4 but
increases to approximately 15% by 2z = 6. We then conclude that the Ly«
emission from already observed high-z sources can indeed be due to Pop III
objects, if such stars were biased to high masses. Hence collecting large data
samples to increase the statistical leverage may be crucial for detecting the
elusive first stars.
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Although this type of investigations is still in its infancy, encouraging re-
sults are rapidly accumulating. For example, [24] report the serendipitous
discovery of a very red, gravitationally lensed, star-forming galaxy (the Lynx
arc), with a redshift of 3.357. The analysis of the emission lines demonstrates
that the stars powering the H II region are very hot (7' ~ 80,000 K), sug-
gestive of very massive stars according to our discussion above. In addition
the metal enrichment pattern analysis shows a substantial overabundance of
silicon, which might be an additional nucleosynthetic signature of past PISN a
Population III cluster. Although there could be different explanations for the
result (e.g. [70]), we might be seen essentially pristine star formation activity
in act relatively close to us for the first time. This is only the first step towards
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Fig. 8. Fraction of Pop III objects as a function of Lya luminosity and redshift.
Isocontours of fractions > 1072,107*°,107! and 10°° are shown. Burst-mode star
formation with a fI' = fII = 0.1 is assumed for all objects. In the Pop IIT case
however, a lower cutoff mass of 50 Mg is assumed in this figure. Each panel is
labeled by the assumed e value. For reference, the dashed line gives the luminosity
corresponding to an observed flux of 1.5 x 107! ergs cm~2s™!, and the various

points correspond to observed galaxies. From Scannapieco et al. (2003) [58]
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more stringent studies of this type which might turn out to constitute a new
technique to search for long sought-after metal-free stars.

5 Blastwaves and Winds

A shock represents a “hydrodynamic surprise”, in the sense that such a wave
travels faster than signals in the fluid, which are bound to propagate at the
gas sound speed, cg. It is common to define the shock speed, vg, in terms of
¢s by introducing the shock Mach number, M:

vs = Mcs = M('Yp/p)l/za (64)

where P and p are the gas pressure and density, respectively. The change of
the fluid velocity v is governed by the momentum equation

v

P ot

where B is the magnetic field. The density is determined by the continuity
equation

1 1
+pv-Vo=-VP—-—VB*+ —B.-VB, (65)
8m 4

Ip
o +v-Vp=—pVo. (66)

5.1 Hydrodynamics of Shock Waves

The large-scale properties of a shock in a perfect gas, with B = 0 are fully
described by the three ratios ve/v1 p2/p1 and Po/P;, determined in terms
of the conditions ahead of the shock (i.e. v1, p1 and P;) by the Rankine-
Hugoniot jump conditions resulting from matter, momentum and energy
conservation:

p1V1 = P22, (67)
Py + pro} = Py + pavd, (68)
1 2 1 2
Vg §p2v2 +Us ) — vy §p1v1 + U ) =01 P — 02 Py, (69)

where U is the internal energy density of the fluid. If the fluid behaves as a
perfect gas on each side of the front we have U = P/(y — 1).

In the adiabatic limit it is sufficient to consider the mass and momentum
equations only. By solving such system we obtain:

v -1 2 1
v_p_o-1,

S . 70
v op2 Y+l y+1MZ (70)
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where the Mach number is defined as M? = v?/c? and ¢; is the sound velocity
in the unperturbed medium ahead of the shock. For strong shocks, i.e. M > 1
and v =5/3, p2/p1 = 4 and

(71)

where vy = v] — Vg
In the isothermal limit, i.e. when the cooling time of the post-shock gas be-
comes extremely short and the initial temperature is promptly re-established,

2
L S (72)
P1 Cs

where ¢ is the sound velocity on both sides of the shock. While in the adi-

abatic case the compression factor is limited to four, in an isothermal shock

much larger compressions are possible due to the softer equation of state

characterizing the fluid.

5.2 Hydromagnetic Shock Waves

Assuming B is parallel to the shock front (so that B - VB = 0), (68) can be
replaced by

2

2 Bl _ 2 B%
P1 —|—p1’U1—|— 8_71' —P2—|—p21}2+ 8_7'(' . (73)

Magnetic flux conservation requires By/p1 = Ba/p2, so that in the adia-
batic limit the magnetic pressure B?/87 increases by only a factor 16.
In the isothermal limit the compression depends only linearly on the
Alfvénic Mach number M,
U1

P2 _ 2t — i, (74)
P1 Va,1

where v, = B/\/47p; is the Alfvén velocity. Hence, some of the shock kinetic
energy is stored in the magnetic field lines rather than being used to com-
press the gas as in the field-free case; in other words a magnetized gas is less
compressible than an unmagnetized one.

Structure of Radiative Shocks

The structure of a shock can be divided into four regions ([45]). The radiative
precursor is the region upstream of the shock in which radiation emitted by
the shock acts as a precursor of the shock arrival. The shock front is the region
in which the relative kinetic energy difference of the shocked and un-shocked
gas is dissipated. If the dissipation is due to collisions among the atoms or
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molecules of the gas, the shock is collisional. On the other hand, if the den-
sity is sufficiently low that collisions are unimportant and the dissipation is
due to the collective interactions of the particles with the turbulent electro-
magnetic fields, the shock is collisionless. Next comes the radiative zone, in
which collisional processes cause the gas to radiate. The gas cools and the
density increases. Finally, if the shock lasts long enough, a thermalization re-
gion is produced, in which radiation from the radiative zone is absorbed and
re-radiated.

5.3 Supernova Explosions

In the explosion of a supernova three different stages in the expansion may
be distinguished. In the initial phase the interstellar material has little effect
because of its low moment of inertia; the velocity of expansion of the supernova
envelope will then remain nearly constant with time. This phase terminates
when the mass of the swept up gas is about equal to the initial mass M,
expelled by the supernova, i.e. (47/3)r3p; = M,, where p; is the density
of the gas in front of the shock and ry is the radius of the shock front. For
M, = 0.25 Mg and p; = 2x1072*g cm™3, r, ~ 1 pc, which will occurs about
60 years after the explosion. During the second phase (Sedov-Taylor phase) the
mass behind the shock is determined primarily by the amount of interstellar
gas swept up, but the energy of this gas will remain constant. When radiative
cooling becomes important (radiative phase), the temperature of the gas will
fall to a relatively low value. The motion of the shock is supported by the
momentum of the outward moving gas and the shock may be regarded as
isothermal. The velocity of the shell can be computed from the condition of
momentum conservation (snowplow model). This phase continues until vg =
max{uvt, ¢s }, where vy is the turbulent velocity of the gas, when the shell loses
its identity due to gas random motions.

Blastwave Evolution

To describe the evolution of a blastwave, the so-called thin shell approximation
is frequently used. In this approximation, one assumes that most of the mass
of the material swept up during the expansion is collected in a thin shell.
We start by applying (we neglect the ambient medium density and shell self-
gravity) the virial theorem to the shell:

1d%1
—— =2FE=2(Ex + E 7
T (B + B (75)
where I is the moment of inertia, and Eyx (E}) is the kinetic (thermal) energy
of the shell. Let us introduce the structure parameter K in the following
form:
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R

1

K =

Vo /dmrv, (76)
0

where M is the ejected mass, R the shell radius. Substituting in (75) with

v = v2(r/R), we obtain

d
K&(Mrvs) = 2F(vg/v2). (77)
To recover the Sedov-Taylor adiabatic phase we integrate up to R and
assume p(R) = poR™™, E = const., K = (6 — 2m) /(7 — 2m)

1/(5=m)
G-—mkE } §2/(5=m) (78)

(5
R(t) =
€ { mpo KK
The previous expression can be obtained also via a dimensional approach. In
fact, in the adiabatic phase the energy is conserved and hence

E oc Mv? o poR> ™™t 72, (79)
so that
E
R>™™ oc —t%; (80)
Po

the fraction of the total energy transformed in kinetic form is
1 3 3E
Ex=-KM|-v}]=-———"—. 81
kT 9 (4”5) 2(5— m) (81)

We note that in the limit of a homogeneous ambient medium (m = 0) we re-
cover the standard Sedov-Taylor evolution R o t%/°, with 30% of the explosion
energy in kinetic form.

A similar reasoning can be followed to recover the radiative phase behavior.
In this phase vy = vy, i.e. the shock wave is almost isothermal and K =1, i.e.
the shell is thin. Under these assumptions the energy is lost at a rate

. 1
E = —4nR? (5,001)3) . (82)

There are two possible solutions of (75) in this case: (a) the pressure-driven
snowplow in which

R(t) oc /077, (83)
or the momentum-conserving solution

R(t) oc t1/G=m), (84)
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Fig. 9. The structure of spherical supernova remnant calculated using a high-
resolution numerical hydrodynamical code. The remnant age is t = 5 x 10° yr.
From Cioffi et al. (1988) [16]

In both cases, the expansion proceeds at a lower rate with respect to the
adiabatic phase.

In order to study the evolution of an explosion in a more realistic way it is
necessary to resort to numerical simulations as the one shown in Fig. 9. From
there the inner structure of the remnant is clearly visible: indeed most of the
mass is concentrated in a thin shell (located at about 80 pc after 0.5 Myr from
the explosion); a reverse shock is also seen which is proceeding towards the
center and thermalizing the ejecta up to temperatures of the order of 107 K.
In between the two shocks is the contact discontinuity between the ejecta
and the ambient medium, through which the pressure remains approximately
constant.

5.4 Cosmological Blastwaves

The application of the previous theory to cosmological explosions has to cope
with the fact that the background medium is expanding. The simplest explo-
sion models which describes such situation is a three-phase model ([44, 67])
constituted by (i) a dense, cool spherical shell of outer radius R and thickness
R¢, containing a fraction (1 — fi,) of the total baryonic mass enclosed; (ii) A
uniform neutral intergalactic medium of density p,, = p,, + p4, including the
contribution of baryonic and dark matter, respectively; (iii) a hot, isother-
mal plasma of pressure p and temperature T inside the shell. The shell is
essentially driven by the thermal pressure of the interior gas, which has to
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overcome the inertia of the swept up material and gravity force. If one as-
sumes that the shell sweeps up almost all the IGM gas ahead, then its mass
can be written as m(t) = (4/3)TR*(1 — fum)pp, with fn, < 1. One can then
write the mass, momentum and energy conservation for the shell motion in

an expanding universe, for which p/p = —3H:
g = (Rpr)A%(R%b) =3 <% - H) for % > H;zero otherwise. (85)
d. SmpG 3 . , 1 H?R
SRr=CTP" 2 (R HR?-(2- -0
@l = gmrr - g HR (050 (86)
E=1L—pdV/dt = L — 47pR*R (87)

The physics expressed by these equations can be understood as follows.
The mass of the shell increases in time as long as it velocity is larger than
the Hubble expansion. The newly added material must be accelerated to the
shell velocity, thus resulting in a net braking force. The internal pressure
term has therefore to counteract both this force and the gravitational one.
The third equation expresses energy conservation: the luminosity L incorpo-
rates all sources of heating and cooling of the plasma. Typically these include
the supernova energy injection, cooling by Compton drag against the CMB,
bremsstrahlung and ionization losses. These equations have in general to be
solved numerically. However, some of the main features of the blastwave evolu-
tion can be identified by a simple dimensional analysis. Three different regimes
can be isolated during the evolution. At first, for bubble ages t < ty the grav-
ity and Hubble flow are negligible and one can easily show that R o t3/° as
we have already noticed in the case of non-cosmological blastwaves previously.
When t = ty, the behavior becomes quite complicated as several effects con-
trol the evolution at the same time: SN explosions have ceased, slowing the
expansion; cooling and pdV work reduces p essentially to zero: the blast en-
ters the momentum conserving phase in which R o t'/4; gravity becomes
important, decelerating the expansion. Finally, when the age becomes larger
than the Hubble time t > ty, the shell gets frozen into the Hubble flow, i.e.
R o t?/% for 2 = 1. Tt is very instructive to compute the evolution of the
energy content of the expanding bubble as a function of redshift. Figure 10
illustrates how the energy of the supernovae is distributed among kinetic,
thermal and gravitational energies; the role of the various cooling processes is
also made clear.

5.5 Porosity

For many applications it is useful to compute the cosmic volume occupied by
(either blastwaves or ionized) bubbles produced by sources (galaxies, quasars).
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Fig. 10. Illustrative graph of the evolution of the energy content of an expanding
bubble as a function of redshift

This requires an assumption about the number density distribution of galaxy
halos and therefore a background cosmological model. This is usually accom-
plished by using the so-called Press-Schechter formalism, according to which
the fraction of mass in gravitationally bound objects of total mass larger than
M at redshift z is given by

le—erf[ (88)

]

where o is the linearly extrapolated rms mass fluctuation in a sphere of given
radius (usually 8 =1 Mpc). The expression for such quantity is

00

o’ = (1 n Z>2 x0T deP(k)Wz(k) (89)

where P(k) is the fluctuation power spectrum and W a suitable window func-
tion. The value of the critical overdensity is . = 1.69, the linearly extrapolated
value at which a spherically symmetric perturbation virializes. If R(z, z,) de-
notes the radius t redshift z of a bubble created at z = z, by a source of
baryonic mass My, = (2, M, then the filling factor, i.e. the fraction of cosmic
volume occupied by the bubbles, is




210 A. Ferrara

o0

d(z) = —/dz*gﬂR(z,z*)

z

Mb dZ*
This value can exceed unity by construction: this situation obviously corre-
sponds to the occurrence on the so-called overlap, during which a point in
space is overrun by different bubbles. For this reason it is more convenient to
introduce the porosity parameter, P, which is defined as

P=1-¢%. (91)

Note that the above argument assumes that the sources are spatially uncorre-
lated (i.e. Poisson-distributed). If this is not the case (as indeed happens for
galaxy populations) the values given by the previous formulae represent an
overestimate of the true ones.

6 Mechanical Feedbacks in Cosmology

The word “feedback” is by far one of the most used ones in modern cosmology
where it is applied to a vast range of situations and astrophysical objects.
However, for the same reason, its meaning in the context is often unclear or
fuzzy. Hence a review on feedback should start from setting the definition of
feedback on a solid basis. We have found quite useful to this aim to go back
to the Oxford Dictionary from where we take the following definition:

Fee’dback n. 1. (Electr.) Return of fraction of output signal from one
stage of circuit, amplifier, etc. to input of same or preceding stage (posi-
tive, negative, tending to increase, decrease the amplification, etc). 2. (Biol.,
Psych., etc) Modification or control of a process or system by its results or
effects, esp. by difference between the desired and actual results.

In spite of the broad description, we find this definition quite appropri-
ate in many ways. First, the definition outlines the fact that the concept of
feedback invokes a back reaction of a process on itself or on the causes that
have produced it. Secondly, the character of feedback can be either negative
or positive. Finally, and most importantly, the idea of feedback is intimately
linked to the possibility that a system can become self-regulated. Although
some types of feedback processes are disruptive, the most important ones in
astrophysics are probably those that are able to drive the systems towards a
steady state of some sort. To exemplify, think of a galaxy which is witnessing
a burst of star formation. The occurrence of the first supernovae will evacu-
ate/heat the gas thus suppressing the star formation activity. Such feedback
is then acting back on the energy source (star formation); it is of a negative
type, and it could regulate the star formation activity in such a way that only
a sustainable amount of stars is formed (regulation). However, feedback can
fail to produce such regulation either in small galaxies where the gas can be
ejected by the first SNe or in cases when the star formation timescale is too
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short compared to the feedback one. As we will see there are at least three
types of feedback, and even the mechanical feedback described in the example
above is part of a larger class of feedback phenomena related to the energy
deposition of massive stars. We then start by briefly outline the importance
of feedback processes in cosmology.

6.1 The Need for Feedback in Cosmology

One of the main aims of physical cosmology is to understand in detail galaxy
formation starting from the initial density fluctuation field with a given spec-
trum (typically a CDM one). Such ab initio computations require a tremen-
dous amount of physical processes to be included before it becomes possible to
compare their predictions with experimental data. In particular, it is crucial
to model the interstellar medium of galaxies, which is know to be turbulent,
have a multi-phase thermal structure, can undergo gravitational instability
and form stars. To account for all this complexity, in addition one should
treat correctly all relevant cooling processes, radiative and shock heating (let
alone magnetic fields!). This has proven to be essentially impossible even with
present day best supercomputers. Hence one has to resort to heuristic models
where simplistic prescriptions for some of these processes must be adopted.
Of course such an approach suffers from the fact that a large number of free
parameters remains which cannot be fixed from first principles. These are
essentially contained in each of the ingredients used to model galaxy forma-
tion, that is, the evolution of dark halos, cooling and star formation, chemical
enrichment, stellar populations. Fortunately, there is a large variety of data
against which the models can be tested: these data range from the fraction
of cooled baryons to cosmic star formation histories, the luminous content of
halos, luminosity functions and faint galaxy counts. The feedback processes
enter the game as part of such iterative try-and-learn process to which we
are bound by our ignorance in dealing with complex systems as the galaxies.
Still, we are far from a full understanding of galaxies in the framework of
structure formation models. The hope is that feedback can help us to solve
some “chronic” problems found in cosmological simulations adopting the CDM
paradigm. Their (partial) list includes:

1. Overcooling: The predicted cosmic fraction of cooled baryons is larger
than observed. Moreover models predict too many faint, low mass galaxies;

2. Disk Angular Momentum: The angular momentum loss is too high

and galactic disk scale lengths are too small;

Halo Density Profiles: Profiles are centrally too concentrated;

4. Dark Satellites: Too many satellites predicted around our Galaxy.

et

6.2 The Overcooling Problem

Among the various CDM problems, historically the overcooling has been the
most prominent and yet unsolved one. In its original formulation it has been
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first spelled out by [71]. Let us assume that, as a halo forms, the gas initially
relaxes to an isothermal distribution which exactly parallels that of the dark
matter. The virial theorem then relates the gas temperature T+;; to the circular
velocity of the halo V¢,

1
KT = 5 pmp Ve or Tyip = 36V, /K, (92)

where pumy is the mean molecular weight of the gas. At each radius in this
distribution we can then define a cooling time as the ratio of the specific
energy content to the cooling rate,

_ 3pg(r)/2umy

tcool(r) - ng(T)A(T) ) (93)

where pg(r) is the gas density profile and n.(r) is the electron density. A(T')
is the cooling function. The cooling radius is defined as the point where the
cooling time is equal to the age of the universe, i.e. tcool(Tcool) = tHubble =
H(z)™ L.

Considering the virialized part of the halo to be the region encompassing
a mean overdensity is 200, its radius and mass are defined by

Feie = 0.1H (1 + 2)3/2V, (94)

My = 0.1(GHo) 1 (1 + 2)%/2V3. (95)

Let us distinguish two limiting cases. When r¢o01 > ryiy (accretion limited
case), cooling is so rapid that the infalling gas never comes to hydrostatic
equilibrium. The supply of cold gas for star formation is then limited by the
infall rate rather than by cooling. The accretion rate is obtained by differen-
tiating (95) with respect to time and multiplying by the fraction of the mass
of the universe that remains in gaseous form:

Moo = fggg%o.ucﬂo)—lu +2)32V3 = 0.15£,02,G7 V2. (96)

Note that, except for a weak time dependence of the fraction of the initial
baryon density which remains in gaseous form, fg, this infall rate does not
depend on redshift.

In the opposite limit, 7¢oo1 < Tvir (quasi-static case), the accretion shock
radiates only weakly, a quasi-static atmosphere forms, and the supply of cold
gas for star formation is regulated by radiative losses near r..o. A simple
expression for the inflow rate is

. d
Mg, = 4751 3 ool (o7)

The gas supply rates predicted by (96) and (97) are illustrated in Fig. 11.
In any particular halo, the rate at which cold gas becomes available for star
formation is the minimum between Mpc. and M.
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Fig. 11. Gas infall rate and cooling rates in dark matter halos as a function of
circular velocity and redshift. The infall rate (dotted line) is essentially independent
of redshift; the cooling rates (solid lines) are given for redshift z = 0,1,3,7 and 15
(from bottom to top). Dashed lines give present-day X-ray luminosities in ergs™*
produced by gas cooling at the given rate in each halo. The predicted temperature
of this emission is given on the upper abscissa. (a) A cooling function for gas of zero
metallicity is assumed. (b) A cooling function for metal enriched gas. From White
& Frenk (1991) [71]

The bolometric X-ray luminosity of the region within the cooling radius
of a galactic cooling flow is

Lx = 2.5Meoal V2.

The predictions of this formula are superposed on Fig. 11 (dashed lines).
For large circular velocities the mass cooling rates correspond to quite sub-
stantial X-ray luminosities.

Integrating the gas supply rates Moo1 over redshift and halo mass distri-
bution, we find that for Q, = 0.04 most of the gas is used before the present
time. This is unacceptable, since the density contributed by the observed stars
in galaxies is less than 1% of the critical density. So, the star formation results
to be too rapid without a regulating process, i.e. feedback.

To solve this puzzle, [38] proposed that the energy input from young stars
and supernovae could quench star formation in small protogalaxies before
more than a small gas fraction has been converted into stars.

Stellar energy input would counteract radiative losses in the cooling gas
and tend to reduce the supply of gas for further star formation. We can imag-
ine that the star formation process is self-regulating in the sense that the star
formation rate M, takes the value required for heating to balance dissipa-
tion in the material which does not form stars. This produces the following
prescription for the star formation rate:
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M, (Ve, 2) = €(Ve) min(Mace, M), (98)
e(Ve) = [L+eo(Vo/Ve)’] 1, (99)

where Vj and € are the typical velocity scale and efficiency, respectively. For
large V. the available gas turns into stars with high efficiency because the en-
ergy input is not sufficient to prevent cooling and fragmentation; for smaller
objects the star formation efficiency e is proportional to V2. The assump-
tion of self regulation at small V; seems plausible because the time interval
between star formation and energy injection is much shorter than either the
sound crossing time or the cooling time in the gaseous halos. However, other
possibilities can be envisaged. For example, [18] suggested that supernovae
not only would suppress cooling in the halo gas but would actually expel it
altogether. The conditions leading to such an event are discussed next.

6.3 Dwarf Galaxies: A Feedback Lab

The observation of dwarf galaxies has shown well-defined correlations between
their measured properties, and in particular

1. Luminosity-Radius L o R" with r =4
2. Luminosity-Metallicity L oc Z% with z = 5/2
3. Luminosity-Velocity dispersion L o V? with v =4

A simple model can relate the observed scaling parameters r, z, and v to
each other ([18]). Consider a uniform cloud of initial mass M; = M, + M,
(M, is the mass of gas driven out of the system, and M, is the mass in stars)
in a sphere of radius R; which undergoes star formation. The metallicity for
a constant yield in the instantaneous recycling approximation is given by
Z = yln(1 + M, /M) where y are the yields.

Let us impose simple scaling relations: M; o< M (gas mass proportional to
the dark matter mass), R ~ R; , and V' ~ V; (gas loss has no dynamical effect).
From the observed scaling relation we have L o« R" o VV. Now we should
write the analogous relations for structure and velocity that hold before the
removal, i.e. M; o< R™ and M; o< Vi,

Consider now the case in which the gas is embedded in a dark halo, and
assume that when it forms stars the mass in gas is proportional to the dark
matter inside R;, M; o< M. If the halo is dominant, the gas loss would have
no dynamical effect on the stellar system that is left behind, so R ~ R; and
V =~ V;. The relations for structure and velocity that hold before the removal
give

Lx R «V’ MxR" V?x M/R, (100)
so that we obtain

v=2r/(ri—1). (101)
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In the limit M, < Mg and L o< M,, from the metallicity relation we have

M, L 1/2
so that
r/ri=(z—1)/z. (103)

The final equation comes from the energy condition. For thermal energy,
in the limit of substantial gas loss, M, ~ M;, we have L MV?, and so

v =2z. (104)

For a CDM spectrum P(k) = Ck™s, we obtain r; = 6/(5 + ng) and intro-
ducing z = 2r/(r — 1) and ng = 12/(r + 1) — 5. For r = 4 we find ny = —2.6
consistent with the CDM and the scaling relations are

Lo RY o Z%7 o V53, (105)

Let us now investigate the critical conditions, in terms of gas density n
and virial velocity V, for a global supernova-driven gas removal from a galaxy
while it is forming stars. Here, spherical symmetry and the presence of a
central point source are assumed. The basic requirement for gas removal is
that the energy that has been pumped into the gas is enough to expel it from
the protogalaxy. The energy input in turn depends on the supernova rate, on
the efficiency of energy transfer into the gas, and on the time it takes for the
SNRs to overlap and hence affect a substanti